
T h e C hem ical C om p osition s o f  M ercu ry-M angan ese Stars  

from  U ltrav io let S p ectra

A Thesis Subm itted for the Degree 

of

Doctor of Philosophy of the University of London

by
Keith Colin Smith

.4 ,
XJCL

D epartm ent of Physics & Astronom y 

University College London 

University of London

February 1992

1



ProQuest Number: 10611134

All rights reserved

INFORMATION TO ALL USERS 
The quality of this reproduction is dependent upon the quality of the copy submitted.

In the unlikely event that the author did not send a com p le te  manuscript 
and there are missing pages, these will be noted. Also, if material had to be removed,

a note will indicate the deletion.

uest
ProQuest 10611134

Published by ProQuest LLC(2017). Copyright of the Dissertation is held by the Author.

All rights reserved.
This work is protected against unauthorized copying under Title 17, United States C ode

Microform Edition © ProQuest LLC.

ProQuest LLC.
789 East Eisenhower Parkway 

P.O. Box 1346 
Ann Arbor, Ml 48106- 1346



2



To m y M other and Father



4



. . . i t  is reasonable to hope that 
in the not too  distant future 

we shall be com peten t to understand 
so simple a thing as a star. 

—  A R T H U R  E D D IN G T O N , The Internal Constitution o f  the Stars  (1926 )

Normal A stars are rather like normal people.
If you don 't look too hard, 

there seem  to be quite a few o f  them. 
A fter you get to  know  them  well, m ost seem  a little crazy. 

C H ARLES C O W L E Y , Are There Normal Upper Main Sequence Stars . . .  (1991 )
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Abstract

This thesis is primarily an investigation of the chemical compositions of normal and 

mercury-manganese (HgMn) type late-B stars by analysis of their ultraviolet and visual 

region spectra.

Refined techniques of co-addition and cross correlation are employed in the prepara

tion of a dataset of relatively high signal-to-noise, high resolution spectra from archival 

International Ultraviolet Explorer (IU E ) data for forty programme stars. Fourier analysis 

is used in a study of the photometric noise properties and instrum ental response function 

of these IUE  spectra, and in new determinations of the rotational velocities of selected 

programme stars.

The effective temperatures and surface gravities of the programme stars are derived 

from published Stromgren and Geneva photometric data, and by fitting the predictions 

of fully line-blanketed model atmospheres to observed stellar energy distributions and 

hydrogen Balmer line profiles. Calculations are carried out in order to explore the effects 

of interstellar reddening and spectrographic scattered light on the diagnostic properties of 

these observations. The validity of the use of normal helium abundance, solar metallicity 

model atmospheres in the analysis of HgMn stars is confirmed.

Rotational velocities, microturbulence parameters, and elemental abundances are de

rived for a small selection of the programme stars by analysis of high dispersion pho

tographic spectra. Evidence is presented for the existence of a sub-class of mild HgMn 

stars.

The abundances of seventeen elements in the programme stars are determined by 

detailed spectrum synthesis analysis of their co-added ultraviolet spectra. A bivariate 

statistical analysis of these abundances is carried out and significant correlations and 

inter-correlations between atmospheric parameters and elements are identified. Profound 

violations of nucleosynthetic systematics are found in the abundances of the HgMn stars 

a t manganese, copper, and gallium.

The predictions of the parameter-free radiative diffusion model for HgMn stars are 

shown to be in good agreement with the observed abundances, particularly in the case of 

manganese for which the effects of atmospheric stratification are considered in detail.
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C h a p te r  1

Introduction

1.1 Chem ically Peculiar Stars

1.1.1 Introduction

The upper main sequence of the HR diagram is populated by a fascinating diversity of 

spectroscopically peculiar stars. This is nowhere more conspicuous than among spectral 

types A and B where numerous families of peculiar stars are now recognised. Charac

teristics which variously designate these stars as peculiar include abnormally strong (and 

sometimes weak) spectral lines of certain atomic species, intense surface magnetic fields, 

photometric and spectroscopic variability, and, very frequently, unusually low apparent 

rotational velocities for the spectral class. It is the abnormal spectra of these stars which 

have historically attracted most interest. Early attem pts to understand these spectra in

cluded interpretations in terms of an anomalous composition of the stellar natal material, 

atmospheric contamination by nucleosynthetic products during an advanced stage of evo

lution (e.g., Fowler et aI. 1965), and abnormal conditions of line formation in the stellar 

atmosphere (e.g., Babcock 1958). All but the la tter of these theories were dismissed by 

the discovery of peculiar A and B stars side-by-side with normal stars in binary systems 

and on the main sequences of galactic clusters. In a classic paper entitled “On the Origin 

of Peculiar A Stars” , L. Searle and W. L. W. Sargent (1967) summarised the observational 

evidence against these explanations and concluded tha t the peculiarities of these stars are 

caused by abnormal abundances confined to a thin surface region. Since then, this has 

remained the paradigm in which an understanding of the peculiar stars of the upper main
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sequence has been pursued.

1.1.2 Peculiar Stars o f the U pper M ain Sequence

Peculiar A and B stars have been the subject of, or discussed extensively at, numerous 

conferences over the last few decades (e.g., Cameron 1967; Baschek, Kegel & Traving 

1975; Weiss, Jenker & Wood 1976; Renson 1981; Garrison 1984; Cowley, Dworetsky & 

Megessier 1986; Michaud & Tutukov 1991). They have been reviewed exhaustively in a 

monograph by Wolff (1983) and in numerous articles in the literature (e.g., Sargent 1964; 

Preston 1974; Jaschek & Jaschek 1974; Cowley 1980; Cowley & Adelman 1983).

CO

o

4.6 4.2 3.84.4 4

lo g  Teff (K)

F ig u re  1.1: The location o f the major classes o f chemically peculiar B and A stars along 
the main sequence in the HR diagram. For clarity o f presentation, the non-magnetic and 
magnetic sequences are indicated above and below the zero-age main sequence respectively. 
For Teff % 16 000 K, these sequences become indistinct as indicated in the figure for the 
helium-weak (He-w) and helium-rich (He-r) classes. Note the overlap o f the 3He sub-class 
with the He-weak stars.

The location of the major classes of chemically peculiar A and B stars along the main 

sequence of the HR diagram is illustrated schematically in figure 1.1. Following Cow

ley (1980a), these stars have been segregated into non-magnetic and magnetic sequences

32



Chapter 1

which, for clarity of illustration only, have been indicated above and below the zero-age 

main sequence respectively. The magnetic sequence comprises what are generally referred 

to as Bp-Ap stars; these cover the effective temperature range 8000-15 000 K and are 

characterised by enhanced lines of Sr, Cr, and Eu in the cooler examples, and enhanced 

lines of Si in the hotter ones (Ryabchikova 1991). The cool end of the non-magnetic se

quence (7000-10 000 K) is populated by Am-Fm stars; according to the revised definition 

proposed by Conti (1970), these are stars which show apparent underabundances of Ca 

and/or Sc, and/or apparent overabundances of iron group and heavier elements (Smith 

1973, 1974). The hot end of the non-magnetic sequence (11000-16 000 K) is populated by 

HgMn stars which, as their name suggests, possess enhanced lines of Hg and Mn amongst 

others (Wolff & Wolff 1974, 1976; Wolff & Preston 1978).

Above approximately 16 000 K, the magnetic and non-magnetic sequences become less 

distinct. In the temperature range 14 000-20000 K, the HgMn stars merge with a rather 

heterogenous group, the He-weak stars (Norris 1971; Baschek 1975). Some He-weak stars 

share the properties of weak or non-existent magnetic fields and enhanced P and Ga 

lines observed in the hotter HgMn stars, and yet others are distinctly magnetic and ex

hibit enhanced lines of Sr, Ti and Si as seen in the Bp-Ap stars (Borra, Landstreet & 

Thompson 1983). The picture is further complicated by the existence of a small sub

group amongst the hotter He-weak stars (16 000-20 000 K) which display anomalously 

high 3H e/4He isotope ratios (Hartoog & Cowley 1979). At higher effective temperatures 

still (20 000-30 000 K) the He-rich stars are observed; many of these stars are variable and 

exhibit strong magnetic fields (Osmer & Peterson 1974).

1.1.3 H gM n Stars: A B rief H istorical P erspective

Manganese stars were first recognised as a distinct class by Morgan (1931) when he iden

tified thirteen stars with spectra similar to the prototype a  And. Earlier, Lockyer & 

Baxandall (1906) had called attention to unidentified lines in this star at 3944, 3984, 

4137, 4206 and 4282 A. These were all identified as manganese lines by Baxandall (1914) 

except A3984 which remained a mystery for nearly fifty years. Its identification was first 

announced by W.P. Bidelman in December 1961 at the 109th meeting of the American 

Astronomical Soceity when he showed that A3984 is due to singly-ionised mercury (Bidel-
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man 1962a, 6). This identification was confirmed soon thereafter by Bidelman’s discovery 

of neutral mercury lines in the some of the cooler manganese stars (Bidelman 1966). Even 

more extraordinary were the ~  0.2 A star-to-star variations in wavelength reported for 

A3984 which Bidelman interpreted as due to varying proportions of the six isotopes of Hg.

1.1 Properties o f HgM n Stars

1.1.1 C lassification and Spectral T ypes

Mercury-manganese, or HgMn stars,* are characterised by spectral types in the range 

B6-A0 and luminosity types in the range III-V. The peculiarity classification of these 

stars is based on the apparent strengths of Hgll A3984, M nll A4137 and M nll A4206 (e.g., 

Jaschek & Jaschek 1987, pp. 174-175). The la tter M nll line is the weaker of the two and 

its detection at low dispersion is indicative of an unusually enhanced manganese spectrum.

The catalogue of spectral classifications of bright A stars published by Cowley, Cow

ley, Jaschek h  Jaschek (1969; referred to colloquially as ‘C2J2’) represents an im portant 

milestone in the detection of HgMn stars, although it did not extend to stars earlier than 

B9. This catalogue was augmented by Cowley (1972) who presented classifications for 

bright B8 stars undertaken partly with the intention of identifying previously unknown or 

only suspected HgMn and Si stars. Cowley highlighted the unusual hydrogen line wings 

and abnormally weak He I spectrum encountered in HgMn stars, criteria which she used 

to identify candidate HgMn class members in which the usual Hg II and Mn II anomalies 

were presumably too weak to observe at classification dispersion.

High dispersion surveys for HgMn stars have been carried out by Dworetsky (1974,

1976) and Wolff & Preston (1978). Dworetsky’s survey was based on high dispersion 

blue spectrograms of all B8-A0III stars classified by Cowley et aJ. (1969) and Cowley

‘Note that while an enhanced M nll spectrum is often accompanied by a strong H gll A3984 line, this 
is not universally the case as exemplified by the star 53 Tau; similarly the inverse situation holds for some 
stars (e.g., \  Lup). Thus it is possible to distinguish Hg stars, Mn stars, and HgMn stars; examples of 
work where such a distinction has been made include that of Wolff &; Wolff (1974) who surveyed strong 
near-ultraviolet lines of manganese in Mn stars, and that of White et aJ. (1976) who investigated isotopic 
fractionation of mercury in Hg stars. Following the convention later adopted by Wolff Preston (1978), in 
this work the term ‘HgMn star’ will be used to refer to a star which shows enhancements of Hg and/or Mn. 
Specific reference to Hg stars or Mn stars will be reserved for situations where the distinction is absolutely 
necessary.
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(1972). Wolff & Wolff (1974, 1976) have used near ultraviolet spectrograms to search for 

strong Mn II lines of multiplet 3 and thereby escape the detection difficulties encountered 

at classification dispersion.

The abnormal weakness of the He I spectrum in HgMn stars has, historically, led to 

their misclassification to systematically later spectral types and higher luminosities than 

indicated by their colours (Wolff h  Wolff 1974). As has been pointed out by Dworetsky 

(1976), the Balmer line profiles of B9III or AOIII stars are practically indistinguishable 

from those of B7V or B8V stars which are hotter but have higher surface gravities; it is 

the la tter types which are typical of the temperature-gravity regime of HgMn stars. Thus 

HgMn stars lie on the main-sequence band and are not considered to  be evolved objects.

1.2.2 Colours

Early investigations demonstrated that the UBV colours of typical Ap stars cluster about 

the intrinsic two-colour relation for normal stars (Provin 1953; Abt & Golson 1962). Wolff 

(1967) examined in detail the spectroscopic and photometric properties of some 30 Ap 

stars including several examples of the HgMn class. After making blanketing corrections 

in (B  — V) of typically less than 0^05, she too found that the UBV  colours of Ap stars 

resemble those of normal stars of similar spectral types.

Early work by Cameron (1966) failed to reveal any distinction between normal and 

HgMn stars in the Stromgren photometric system. This result was supported by Eggen 

(1983,1984) who suggested that intermediate-band and (3 indices are apparently unaffected 

by enhanced Hg and Mn features. Hauck (1976) found that HgMn stars behave as normal 

stars in the Geneva photometric system. A recent study of Ap stars in the Stromgren 

and Geneva systems carried out by North & Kroll (1989) concluded tha t for HgMn stars, 

surface gravities could be reliably derived from photometric calibrations based on normal 

stars.

Maitzen’s (1976) five-colour photometric system (designed principally to measure the 

strength of broadband depressions near A5200 in Ap stars) does not yield a pronounced 

differentiation of normal and HgMn stars. In a study of Ap stars in open clusters, Maitzen 

& Hensberge (1981) showed tha t although HgMn stars deviate statistically from normal 

stars in terms of the A5200 peculiarity index A a, they do so by less than the conventionally-
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adopted 3(7 detection threshold. Similarly, Jamar, Macau-Hercot & Praderie (1978) did 

not find a highly significant separation of normal and HgMn stars in terms of the £1400 

index they defined as a measure of the UV flux depression at A1400.

1.2.3 F lux D istributions

The visual region flux distributions of HgMn stars have been examined in detail by Adel- 

man and colleagues (Adelman 1977, 1979; Adelman & Pyper 1979; Adelman 19846). In 

several HgMn stars, these authors detected the A4200, A5200, and A6300 broad continuum 

features which are characteristic of the magnetic Ap class. In HgMn stars, these broad

band features appear to exhibit a continuous range in strength from barely detectable to 

definitely present. Adelman & Pyper (1979) advanced the hypothesis that in HgMn stars 

these features are due to differential line blocking. It is as yet unclear why the A5200 

feature is strong in only a few HgMn stars and in nearly all magentic Ap types.

Observations of normal and peculiar late A and B stars in the soft X-ray region (0.15- 

4.0 keV) have been presented by Cash k  Snow (1982) and Golub et al. (1983) who used the 

Imaging Proportional Counter and (in some cases) the High Resolution Imager on-board 

the Einstein satellite. They find that single stars in this spectral range emit soft X-rays in 

accordance with the scaling law for early-type stars. The coronal temperatures deduced 

for single stars near AOV are quite low (Te < 106K). They also find that A-star binaries 

often have enhanced X-ray emission usually originating from active late-type companions. 

A previous report of the X-ray detection of the HgMn star <f> Her with the HEAO-1 (Cash, 

Snow & Charles 1979) appears to have been an error.

Leckrone (1973) investigated the ultraviolet flux distributions of several Ap stars us

ing the Wisconsin Experimental Package on OAO-2. He found that blue magnetic Ap 

stars and, to a lesser extent, HgMn stars exhibit significant ultraviolet flux deficiencies 

with respect to normal stars of similar UBV colours. He concluded that the ultraviolet 

colour temperatures of most of these stars are consistent with their published MK spectral 

types rather than with their UBV colours. Leckrone’s results cast considerable doubt on 

published analyses of chemically peculiar stars based on UBV  temperatures. However, 

Preston (1974) presented powerful arguments in support of the photometric temperature 

scale based on the near-normality of the distribution of (3 with spectral type and the
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S ill/S illi ionisation ratio in hot Si stars. Preston concluded tha t while Leckrone had 

shown that the ultraviolet flux distributions of Ap stars are abnormal, these abnormali

ties do not invalidate the use of visual region photometry and spectrophotometry in the 

determination of effective temperatures.

The HgMn stars do not appear to be abnormally conspicuous in the radio spectrum. 

Altenhoff, Pfleiderer Sz Weiss (1976) reported null-detections a t 2 cm for thirteen (primarily 

magnetic) Ap stars. Their programme included the HgMn star k Cnc for which the quoted 

best detection limit was 3 mJy.

The properties of Ap stars in the infrared are discussed in detail in the workshop 

proceedings edited by Weiss & Kreidl (1978) from which the conclusion may be drawn 

that these stars are not abnormal in this wavelength region. This view is supported by 

more recent near infrared (J H K L M ) photometry which shows no significant difference 

between chemically peculiar and normal main sequence stars in these wavebands (Bonsack 

Sz Dyck 1983; Kroll et a1. 1986).

1.2.4 V ariability

Reported photometric variations for HgMn stars are typically close to the limit of de

tectability (~  0^01). The only systematic examination of photometric variability in HgMn 

stars seems to have been conducted by Winzer (1974) as reported by Adelman & Pyper 

(1979). According to Adelman Sz Pyper, Winzer observed the HgMn stars 129 Tau, v  Her, 

k Cnc, i CrB, HR4072, 46 Dra, and 112 Her in none of which where UBV  variations 

of amplitude 0^01 or greater detected. Winzer stated that his UBV  measurements for 

7r1 Boo exhibited variability in the same period as reported for its spectrum by Deutsch 

(1947), although according to Adelman & Pyper the data were unconvincing (cf. com

ments on 7T1 Boo by Preston 1971). For the single-lined spectroscopic binary 53 Tau, 

Winzer obtained low amplitude UBV  variability with a period of 4^4302, similar—but 

not identical—to the orbital period derived by Dworetsky (1972). Winzer’s UBV  null- 

detection for k Cnc was subsequently confirmed in the intermediate band system by Wolff 

Sz Morrison (1975).

An unusual member of the HgMn class is a  And which shows periodic variations in 

light (Rakos 1971) and ultraviolet spectrum (Rakos 1976; Rakos Sz Kamperman 1977;

37



Chapter 1

Rakos, Jenker & Wood 1981). Derman’s (1982) abundance analysis of this star, though 

suffering from the imprecision attendant to its high v sin i (~  60 km s-1 ), confirms that its 

general pattern of anomalous elements is not atypical of the class.

1.2.5 Frequency in the Field

C0 (m ag )

F ig u re  1.2: The frequency o f incidence o f HgMn stars as a fraction o f the total number 
o f normal plus HgMn stars plotted as a function o f dereddened colour c q . Data from Wolff 
& Preston (1978).

The frequency of occurrence of manganese stars was first investigated systematically by 

Wolff Wolff (1974) who surveyed 194 stars of spectral types B4-B9. Their study was 

based on intermediate dispersion (50 A mm-1 ) spectrograms exposed in the near ultravio

let (3440-3500A) in order to record the strong M nll lines of multiplet 3 (cf. Nariai 1967). 

They identified 24 Mn stars in their sample of which all but 3 exhibited the H gll A3984 line 

on high dispersion (6 A mm-1 ) blue spectrograms. A subsequent survey of 256 late B-type 

staxs by Wolff & Preston (1978) making use of high dispersion (2-4 A mm-1 ) blue spectro

grams revealed a total of 36 HgMn stars. The results from this la tter survey are illustrated 

in figure 1.2 where the number of HgMn stars as a fraction of the total number of normal
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and HgMn stars is plotted as a function of colour index Co- The incidence of HgMn stars 

reaches a maximum of approximately 25% in the range 0.5 < Co < 0.7. Thus HgMn stars 

represent a sizable fraction of the stellar population over a narrow temperature range. The 

decline in the frequency of manganese stars at lower effective temperatures must be due 

to some real physical effect since the strength of Mn II lines increases with decreasing Teff. 

At higher effective temperatures, the decline in incidence of manganese stars may be due 

in part to increasing ionisation although the apparent increase in manganese abundance 

with temperature observed by Aller (1970), Heacox (1979), and Guthrie (1984) suggests 

tha t another factor is involved in controlling the strength of M nll lines.

1.2.6 Frequency in C lusters and A ssociations

Discovery of HgMn stars in open clusters and stellar associations is hindered by the same 

detection difficulties encountered at low resolution in the field (cf. Young & Martin 1973). 

Nevertheless, these stars have been identified in numerous clusters and associations (e.g., 

Renson 1988) a brief list of which is presented in table 1.1.

T ab le  1.1: Selected clusters and associations containing known or suspected HgMn stars.

Cluster log Age (years) JV(HgMn) Reference
Orion OBI 6.7 1? Abt & Levato (1977)
Upper Sco 7.3 2 Hartoog (1977)
a Per 7.4 1 Abt (1978)
IC4665 7.5 3 Abt Sz Levato (1975)
Pleiades 7.7 2 Abt Sz Levato (1978)
NGC2323 7.9 1 Young Sz Martin (1973)
NGC2287 7.8 4 Levato Sz Malaroda (1979)
NGC1039 8.1 1 Ianna (1970)
NGC2516 8.1 6 Dachs (1972)
NGC2251 8.3 2 Young Sz Martin (1973)
UMa Stream 8.5 1 Levato Sz Abt (1978)
NGC752 9.2 1? Garrison (1972)
IC4756 3 Pendl Sz Seggewiss (1976)

N otes for Table 1.1: Data taken primarily from Schneider (1981) and Renson (1988). A(HgMn) is 
the number o f known or suspected HgMn stars in each cluster or association; an appended ‘?’ indicates 
uncertainty in cluster membership.

The presence of two HgMn stars in Upper Scorpius indicates tha t the HgMn phe

nomenon can develop in relatively young stars. One HgMn star may be a member of the
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even younger Orion association, although Wolff & Wolff (1974) question its membership 

on the grounds of a discrepant proper motion. Two of the open clusters listed in table 1.1, 

NGC2516 and NGC2287, are worthy of special note because of their apparent richness 

in peculiar stars. NGC2516 is extraordinary in its apparent frequency of stars showing 

the H gll A3984 line (Dachs 1972); Abt (1979) has speculated that it is in this regard a 

statistical extreme rather than a region of unusual origins. NGC2287 is also unusually rich 

in peculiar stars and especially in double-lined spectroscopic binaries (Levato & Malaroda 

1979).

Pendl & Seggewiss (1976) have investigated the relationship between spectroscopically 

peculiar stars in clusters and the blue straggler phenomenon. They list 14 blue stragglers 

which are known or suspected Ap stars including one HgMn star in NGC2251 and three 

HgMn stars in IC4756. Although their samples are rather under-populated, they conclude 

that the incidence of Ap stars among blue stragglers is higher than tha t among field stars 

of comparable spectral type.

The frequency of incidence of chemically peculiar stars in open clusters was investigated 

by Young & M artin (1973) and Hartoog (1976), although these studies yielded somewhat 

conflicting results. The problem was subsequently re-evaluated in a classic paper by Abt

(1979). He found tha t the frequency of HgMn stars in clusters increases with cluster age 

above 107 years, but that below this limit no HgMn stars are detected. This result is 

in contradistinction to, for example, that obtained for the Si stars which are found in 

clusters as young as 105-7 years. Abt reasons that this difference may be explained by 

the fact tha t overabundances of a factor of 3-5 in silicon are conspicous at classification 

dispersion whereas an enhancement of a factor of 100 is required before Hg lines become 

detectable. He concludes that the frequency of HgMn stars in old clusters (£  108 years) is 

consistent with that in the field, although studies of both are beset by unknown degrees of 

incompleteness (cf. Wolff & Wolff 1974). A bt’s data also suggest a marginally significant 

decline in the v sin i of cluster HgMn stars with increasing cluster age, but his sample is 

too small (8 stars) to draw any firm conclusions in this regard. On the basis of his study, 

Abt proposes an ‘evolutionary sequence’ for peculiar stars in clusters whereby a selection 

of stars of mostly moderate rotational velocities first become abnormal and then have their 

rotational velocities decreased through magnetic or tidal braking. As he concedes, such
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a model does not account for HgMn stars which have neither strong magnetic fields nor 

exist in close binaries.

1.2 .7  B inarity

The incidence of binarity in normal stars was investigated by Jaschek & Gomez (1970) 

who obtained an approximately constant frequency of 47 ±  5 % along the main sequence 

from BO through M. The first systematic survey of duplicity among chemically peculiar 

stars was undertaken by Abt Sz Snowden (1973) who obtained a near-normal incidence of 

43 % from a sample of 15 HgMn stars. Aikman (1976) extended the rather limited sample 

size of Abt & Snowden to a total of 80 HgMn stars obtaining a binary frequency of 49 % 

in close agreement with that observed for normal stars. Furthermore, he concluded that 

HgMn spectroscopic binaries are near-normal in their orbital characteristics except that 

periods of less than 3 days are conspicuously absent and that there is weak evidence for 

lower eccentricities amongst the short period HgMn binaries than in comparable normal 

binaries.

More recently, Gerbaldi, Floquet Sz Hauck (1985) have reconsidered the incidence of 

spectroscopic binarity among chemically peculiar stars. Basing their sample on Schneider’s 

(1981) catalogue, they derived a binary frequency of 54% from 97 HgMn stars, still in 

satisfactory agreement with the normal star incidence. Drawing data from the Seventh 

Catalogue o f Orbital Elements o f Spectroscopic Binary Systems (Batten et a1. 1978), 

these authors derived frequencies for the incidence of double-lined systems (SB2’s) in 

their normal B6-B9.5 and HgMn samples of 30% and 59% respectively. This would 

seem to confirm the observation of Wolff Sz Preston (1978) that SB2’s are more common 

among HgMn than among normal stars. However, as Gerbaldi et aI. have pointed out, this 

conclusion is very sensitively dependent on the spectral range considered for the normal 

stars—they find more comparable frequencies of incidence between the two groups if they 

admit stars of spectral type AO and A1 in the normal group. Even though they made use 

of a larger sample than Aikman (1976), these authors also felt that statistically their data 

were insufficiently secure to conclude that short period HgMn binaries have more nearly 

circular orbits than normal binaries. However, they did confirm the absence of HgMn 

binaries with periods shorter than 3 days.
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The most recent study of duplicity in HgMn stars is that of Schneider (1986) who ex

amined the literature for a total of 111 such stars of which approximately 57 % were found 

to be binaries and a further 15 % were probable binaries. Schneider found a maximum in 

the distribution of orbital periods of approximately 7 days and confirmed the absence of 

systems with periods of less than 3 days.

1.2.8 R otation

The most extensive investigation of the rotational velocities of HgMn stars to date is that 

of Wolff & Preston (1978). These authors derived vsin i for a sample of 256 late B-type 

stars of which 36 they classified as HgMn’s primarily on the basis of the detection of 

M nll lines on near ultraviolet spectrograms (cf. Wolff & Wolff 1974). They concluded 

that with this selection criterion, their HgMn sample should be complete for all stars with 

vsin i < 80km s_1 and nearly so for 80 < v sin i < 100 km s-1 . No HgMn stars were 

detected with v sin i > lOOkms-1 . The rotational velocity distribution for HgMn stars 

was found to vary with effective temperature: no stars in their sample with colour index 

Co > 0.8 exhibited v s in i greater than 40km s_1 whereas v sin i exceeded 40km s-1 for 

approximately 40 % of the HgMn stars with Co < 0.6.

Wolff & Preston argued that the surfeit of low apparent rotational velocities among 

the HgMn stars is not due to these stars being seen preferentially pole-on for the following 

reasons. Some HgMn stars are observed in double-lined spectroscopic binaries for which 

the inclinations of the orbital planes can be estimated from m  sin3 i for assumed values of 

stellar mass. The distribution of orbital inclinations so derived (Aikman 1976) is indistin

guishable from a random distribution and thus, by inference, so should be the distribution 

of rotation axes. They therefore concluded that HgMn stars are intrinsically slow rotators.

Wolff & Preston proceeded to derive the ‘true’ rotational velocity distributions (i.e., 

independent of the sin i factor) for their normal and HgMn star samples under the as

sumption of random orientation of rotation axes by using Lucy’s (1974) iterative tech

nique. They noted that there is a substantial fraction of slowly rotating stars which do 

not show enhanced lines of Hg or Mn. The fraction of stars showing HgMn characteristics 

as a function of rotational velocity v derived by these authors is reproduced in figure 1.3. 

Wolff & Preston presented two significant conclusions on the basis of these data: (1) there
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F ig u re  1.3: The frequency o f incidence o f HgMn stars as a fraction o f the total number 
o f normal plus HgMn stars plotted as a function o f rotation velocity v. Data from Wolff 
Sz Preston (1978).

is a decrease in incidence of HgMn stars with increasing v, and (2) there is no critical ve

locity below which every star is peculiar. Thus slow rotation is a necessary but insufficient 

condition for the appearance of abundance anomalies.

Nearly all recent models of chemically peculiar stars assume tha t the abundance 

anomalies are representative of the outer stellar layers where abundance gradients have 

developed due, for example, to radiative diffusion (Michaud 1970) or accretion (Havnes 

Sz Conti 1971). Wolff Sz Preston tendered the suggestion tha t the decline in HgMn star 

incidence with increasing rotational velocity can be explained by the hypothesis that these 

abundance gradients can not be maintained in the presence of meridional circulation cur

rents. Vauclair (1976) has shown that meridional circulation induces differential rotation 

within a star which ultimately leads (through shear instability) to turbulent mixing of the 

atmosphere. The duration of the stable phase before the onset of turbulence is dependent 

on rotational velocity with more rapid rotation promoting the rate of development of the 

differential velocity gradient. An inadequacy of this model is tha t if meridional circulation 

were the only source of atmospheric mixing, then the fraction of stars showing HgMn
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characteristics might be expected to approach unity as rotational velocity approaches zero 

whereas in fact it reaches a maximum of only ~  0.7 (see figure 1.3).

Wolff & Preston further considered the relationship between rotation and duplicity 

in HgMn stars. Their data indicate tha t HgMn stars only rarely (if ever) occur in non- 

synchronous binary systems with periods of less than ~  15 days. Using their derived prob

ability distribution for the incidence of HgMn stars as a function of v sin i they concluded 

tha t a star in synchronous rotation within a binary system is no more likely to exhibit 

HgMn characteristics than a single star of the same vsin i. However, they did present 

marginal evidence tha t HgMn stars are less likely to occur among binaries with v sin i in 

excess of the synchronous velocity than among single stars and synchronous binaries.

As an explanation of this they discount on observational grounds the hypothesis that 

atmospheric turbulence is induced by tidal shear forces in these non-synchronous systems 

(cf. Press, W iita & Smarr 1975) and prefer instead an explanation in terms of differing 

mass distributions for normal and HgMn stars. They find that in the majority of normal 

binaries with low velocity amplitudes, v sin i exceeds the synchronous velocity. On the 

other hand, their sample contains very few HgMn stars with low velocity amplitudes (most 

are SB2’s), a fact which can not be attributed to either selection effects or to an inadequacy 

in the number of stars surveyed. They argue that whatever mechanism has resulted in 

low-amplitude systems among the normal stars may also prevent the appearance of HgMn 

characteristics. One possibility they cite is that the presumably low-mass secondaries of 

the normal systems are white dwarfs and that the binaries have already passed through a 

mass-transfer phase; it would seem unlikely that the abundance gradients thought to be an 

essential component of the HgMn phenomenon could develop under such circumstances.

1.2.9 M agnetic Fields

In an early review of magnetic fields in Ap stars, Preston (1971) concluded that there 

were no confirmed periodic magnetic field variations in any HgMn star. Preston, St§pien 

& Wolff (1969) had reported a periodic magnetic variation for k Cnc, the amplitude of 

which (±200 G) was questionably small. Conti (1970) used Zeeman spectroscopy to  search 

for magnetic fields in the double-lined spectroscopic binaries 46 Dra, HR4072, 112 Her, 

and 41 Eri in none of which were magnetic fields of greater than a few hundred gauss
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in evidence. Photoelectric polarimetery of the HgMn stars a  And (Borra & Landstreet 

1973) and i CrB (Borra, Landstreet & Vaughan 1973) also failed to reveal the presence 

of magnetic fields to within ±440 G and ±50 G respectively. The first extensive search for 

magnetic fields in Ap stars was undertaken by Borra & Landstreet (1980). These authors 

applied the Zeeman polarimetry technique to the broad wings of H/? in HgMn stars \  Lup, 

a  And, p  Lep, HR4072, v  Her, and <f> Her, none of which yielded significant detections.

Borra, Landstreet & Thompson (1983) have carried out a survey of magnetic fields in 

30 He-weak B stars. Numbered amongst their sample were four stars of the He-weak PG a 

subclass which, it has been suggested (Baschek 1975), may represent a hot extension of the 

HgMn class; none of these stars were found to  exhibit detectable fields to within formal 

uncertainties of ~  100-700 G. However, these authors did detect a longitudinal magnetic 

field with root-mean-square amplitude 952 ±307 G in He-weak star 36 Lyn. Cowley (1972) 

has classified 36 Lyn as a Mn star although Vilhu, Tuominen Sz Boyarchuk (1976) conclude 

tha t it is a member of the SrTi subclass of He-weak stars. Another He-weak star showing 

evidence for a magnetic field is 33 Gem: for this star Chunakova, Bychkov Sz Glagolevskij

(1981) report a sinusoidal field of amplitude 3kG with period ~  3.1 days. According to 

them, 33 Gem shows strong lines of Hgll, M nll, P II, and Si II, and may therefore represent 

a ‘transition’ object between the HgMn and Si classes.

1.2.10 A bundances

The literature on abundance analyses of HgMn stars is vast and has grown enormously 

over the last decade in response to the availability of high resolution spectrographs and 

high efficiency detectors. Abundance analyses in HgMn stars have been reviewed by 

Preston (1974), Jaschek Sz Jaschek (1974), Dworetsky (1986), Sadakane (1984), and most 

recently by Takada-Hidai (1991). Those elements analysed in this thesis are discussed on 

an individual basis in detail in chapter 7. Therefore, only a brief overview of the pattern 

of abundance anomalies characteristic of HgMn stars is given here with citations to the 

most recent or most comprehensive analyses being preferred to a critical review of the 

literature.

Helium. Almost universally underabundant by ~  1 dex and more. A possible correlation 

between He abundance and effective temperature was identified by Heacox (1979). Hartoog
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Sz Cowley (1979) presented marginal evidence for a 3He isotope anomaly in HgMn star 

k Cnc. The techniques of He abundance determination in A and B stars have been reviewed 

by Adelman (19886).

Beryllium Overabundant by ~  1-4 dex in approximately 75 % of HgMn stars and defi

cient in the remainder with no obvious dependence on effective temperature or rotation 

(Boesgaard et ai. 1982).

Boron. Normal or overabundant by ~  2.5 dex in approximately 36 % of HgMn stars (in

cluding k Cnc and 33 Gem), underabundant in the rest (Sadakane, Jugaku Sz Takada-Hidai 

1985).

Carbon. Essentially normal in most HgMn stars (e.g., Heacox 1979; Roby Sz Lambert 

1990) except for 112 Her (Seligman Sz Aller 1970). The correlation between abundance and 

effective temperature proposed by Heacox (1979) is probably a manifestation of systematic 

error in the analysis according to Sadakane (1984).

Nitrogen. Underabundant according to analysis of infrared and ultraviolet lines of NI 

(Roby Sz Lambert 1990; Smith Sz Dworetsky 1990).

Oxygen. Slightly deficient in most HgMn stars and normal in a few cases (Gerbaldi et a.1. 

1989; Roby Sz Lambert 1990).

Neon. Apparently underabundant according to marginal evidence presented by Sargent, 

Greenstein Sz Sargent (1969).

Magnesium. Normal in the majority of HgMn stars but underabundant by as much as 

'■v ldex  in a few cases (e.g., HR2667, HR7664, and 112 Her) according to Heacox (1979) 

and Guthrie (1984).

Aluminium. Underabundant by ld e x  or more in nearly all HgMn stars with no clear 

dependence on effective temperature (Sadakane, Takada Sz Jugaku 1983).

Silicon. Approximately normal in most HgMn stars but underabundant in 112 Her (Selig

man Sz Aller 1970), 129 Tau (Kodaira Sz Takada 1978), and 20 Tau (Heacox 1979). 

Phosphorus. Overabundant by more than 1.5 dex in the hot HgMn stars (Teff £  13 000K), 

but normal or underabundant in the cooler examples (Guthrie 1984). A possible correla

tion between abundance and effective temperature is therefore indicated.

Sulphur. Normal on average but covering a range of ~  1.2dex (Takada-Hidai 1991). 

Calcium. Normal on average with a similar range in abundance as observed for suphur
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(Takada-Hidai 1990).

Scandium. Large star-to-star variations in abundance with notable overabundances in 

112 Her and <j> Her.

T itanium .. Generally mildly enhanced with respect to normal stars of similar effective 

temperature.

Vanadium. Weak except in the cooler HgMn stars x  Lup, HR4072, and HR7775 according 

to Guthrie (1984).

Chromium. Large star-to-star scatter with a notable overabundance in <f> Her.

Manganese. Overabundant by definition of the class. A number of studies indicate that 

manganese abundance is positively correlated with effective tem perature in HgMn stars 

(Aller 1970; Heacox 1979; Guthrie 1984).

Iron. Both overabundances and underabundances are observed with a total range of more 

than 1 dex, but approximately solar on average.

Cobalt. Underabundant except in <f> Her.

Nickel. Generally underabundant with deficiencies as large as ~  2 dex observed in 53 Tau 

and p  Lep according to Heacox (1979).

Copper. Overabundant except in 112 Her according to relatively recent analysis of u ltra

violet spectra by Jacobs & Dworetsky (1981).

Zinc. Underabundant in all HgMn stars except <f> Her (Sadakane, Jugaku & Takada-Hidai 

1988a).

Gallium. Universally overabundant (Takada-Hidai, Sadakane & Jugaku 1986).

Strontium, Yttrium , and Zirconium. Overabundant in nearly all HgMn stars with evidence 

for positive correlations between abundance and effective tem perature for Y and Zr (Allen

1977).

Xenon. Seen in the spectra of k Cnc and 112 Her (Bidelman 1966) for which an overabun

dance of ~  2 dex is indicated.

Rare earths. Generally not seen in the spectra of HgMn stars except for a few exceptional 

cases. Bidelman (1966) identified Pr III lines in x  Lup, and several lines in ir1 Boo have been 

attributed to G d ll by Strom (1969). Preston (1974) notes that rare earth overabundances 

of ~  3 dex or less could pass undetected in HgMn stars.

Platinum . Overabundant in cool HgMn stars but not seen in examples with Teff £  12 500 K
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(Dworestky Sz Vaughan 1973; Guthrie 1984). Isotopic shifts are observed for the visual 

region lines and isotopic fractionation has been inferred for some HgMn stars (e.g., \  Lup). 

Gold. The first reported detection of Au II lines in HgMn stars is attributed to Dworetsky 

(1971) who tentatively identified the weak lines at AA3804, 4016, and 4052 in the spectra 

of HR4072 and \  Lup. Subsequently, Cowley Sz Aikman (1979) reported the presence of at 

least 10 lines of A ul and AuII in HR7775. These detections were confirmed by Fuhrmann 

(1989) who examined the AuII resonance lines in the ultraviolet spectra of these HgMn 

stars. A lack of oscillator strengths precludes the derivation of meaningful abundances, 

but Cowley Sz Aikman nevertheless give a “crude estimate” that the gold abundance in 

HR7775 is approximately five orders of magnitude greater than that in the sun.

Mercury. Overabundant by definition in most HgMn stars with the possibly unique excep

tion of 53 Tau. Temperature dependent isotopic fractionation has been observed with a 

concentration in the heaviest isotopes prominent at low effective temperatures (e.g., White 

et aJ. 1976).

Bismuth. First detected in the ultraviolet spectrum of HR7775 by Jacobs Sz Dworetsky

(1982) with an inferred overabundance of ~  6 dex with respect to the sun. This detection 

has been provisionally confirmed in the visual region by Guthrie (1984) who identified a 

strong broad B ill line at A4259.

1.3 Scope o f This Investigation

1.3.1 M otivation

Interest in HgMn stars over the last two decades has been motivated primarily by the 

intention of testing the radiative diffusion hypothesis first advanced as an explanation 

of peculiar stars by Michaud (1970). Consensus of professional opinion and weight of 

evidence currently favour the diffusion hypothesis over rival explanations of peculiar stars 

such as accretion of supernova ejecta (Guthrie 1967) and selective magnetic accretion 

from the interstellar medium (Havnes Sz Conti 1971). Since Michaud’s original paper, 

diffusion theory has been expanded and refined to the extent that a parameter-free model 

for non-magnetic peculiar A and B stars has now been advanced (Michaud 1981, 1986).

However, despite a sizable body of observational work, it has yet to be conclusively
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demonstrated tha t diffusion processes are responsible for the anomalies seen in peculiar 

A and B stars. Principal among a number of outstanding problems is the question as to 

whether the parameter-free model can account for the diversity of chemical compositions 

seen in the atmospheres of HgMn stars (cf. Wolff 1983, pp. 146-147). Mercury-manganese 

stars with essentially identical effective temperatures, surface gravities and apparent ro

tational velocities but quite different abundance anomalies are frequently cited in the 

literature. Heacox (1979) has drawn attention to the examples of <j> Her and v  Her which 

have very similar stellar parameters but differ radically in their Be, Sc, Y, and Zr abun

dances. This anomalous pattern of behaviour is seen even in the grossly overabundant 

elements which characterise the class—mercury and manganese. Well-known examples of 

such behaviour are 53 Tau, which exhibits strong Mn but no trace of Hg (Adelman 1987), 

and x Lup, which exhibits strong Hg but no enhancement of Mn (Dworetsky 1971).

While specific examples of such anomalous behaviour in HgMn stars are readily appar

ent, it is not clear to what extent they are characteristic of the class in general rather than 

just a few ‘pathological’ cases. In this respect, many previous investigations of these stars 

have foundered for lack of either satisfactory sample size, coverage of the periodic table, or 

both. The surveys of Heacox (1979) and Guthrie (1984) counter these criticisms to some 

extent in tha t both were directed at establishing a broad picture of the compositions of 

HgMn stars rather than a detailed view of any single star or element. However, both of 

these studies were based on photographic spectra exposed in the visual region and there

fore constituted only a partial exploration of the HgMn phenomenon. The strong lines of 

many elements of interest (in particular the resonance lines) are located in the far u ltra

violet, inaccessible to ground-based observation. For some elements, visual region studies 

have established abundance patterns only where gross enhancements are in evidence such 

as in the cases of, for example, gallium, manganese, and mercury—the behaviour of these 

elements in normal B-type stars is virtually unknown. For other elements which are cosmi- 

cally rare or apparently underabundant in the HgMn stars, such as aluminium and cobalt, 

our knowledge is even less complete.

Early studies of the ultraviolet spectra of normal B-type and HgMn stars were largely 

based on observations secured by using the Copernicus satellite, although this instru

ment provided only restricted access in terms of wavelength coverage and was limited to
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relatively bright objects. The launch of the International Ultraviolet Explorer in 1978 

provided the first opportunity to systematically address the gaps in our knowledge of the 

compositions of normal B-type and HgMn stars. Since then numerous investigations of 

the ultraviolet spectra of HgMn stars have been carried-out, notably by K. Sadakane and 

colleagues in Japan, and D.S. Leckrone of NASA’s Goddard Space Flight Center. These 

two groups have taken a pragmatic approach in the analysis of the UV spectra of these 

stars by limiting their studies to a single element at a time. Their work differs in that 

Sadakane’s group has generally investigated large samples of stars often making use of the 

coarse technique of equivalent width measurement, whereas Leckrone has concentrated 

on a small selection of stars analysed in detail by spectrum synthesis of the features of 

interest.

Both of these approaches are open to criticism. The line density in the ultraviolet 

spectra of late B-type stars is too high to admit the reliable measurement of equivalent 

widths—all observed features are effectively blends of varying degrees of complexity. This 

undermines the reliability of the analyses of aluminium, boron, and gallium presented 

by the Japanese group (Sadakane, Takada & Jugaku 1983; Sadakane, Jugaku, Takada- 

Hidai 1985; Takada-Hidai, Sadakane & Jugaku 1986). Only synthetic reconstruction of 

a spectrum can satisfactorily disentangle the contribution of blending lines from a line 

of interest. Although Leckrone’s studies of the ultraviolet boron and mercury resonance 

lines (Leckrone 1981,1984) are exemplary in their application of this technique, they were 

based on such sparse samples (one normal and six HgMn stars) that he was unable to 

draw any secure conclusions of general applicability to HgMn stars as a whole.

There are three other key aspects in which a significant improvement over published 

analyses of IUE  spectra of HgMn stars could be achieved: firstly, through the use of 

spectrum averaging or co-addition to improve the signal-to-noise of relatively noisy data; 

secondly, by taking advantage of the extensive compilation of iron group element transition 

probabilities recently published by Kurucz (1990); and thirdly, by exercising particular 

care in the selection of atomic data, especially damping parameters, for lines of specific 

interest.

The ultraviolet spectra of HgMn stars afford a unique and im portant perspective on 

their nature and origins. There is, therefore, a clear need for a detailed and wide-coverage
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abundance survey of these stars in this wavelength region. Such a survey should sample a 

sufficiently large number of stars and elements as to be representative of the HgMn class as 

a whole, and yet not be so extensive as to prejudice the use of the same detailed methods 

of analysis seen in the study of individual objects.

1.3.2 A im s and O bjectives

The primary objective of this thesis then, is to establish as accurately as possible, and 

in an internally consistent manner, the chemical compositions of a statistically significant 

sample of HgMn stars through spectrum synthesis analysis of their ultraviolet spectra. 

Since a secure understanding of HgMn stars is only possible by direct comparison with 

spectroscopically normal late B-type stars, a sample of such objects is included in the 

survey.

Although this study is primarily exploratory in nature, it has two specific aims which 

address the considerations outlined in the preceding section:

1. To establish the presence or otherwise of systematics in the abundance patterns of 

HgMn stars;

2. To provide an observational test of the predictions of diffusion theory.

1.3 .3  Program m e Stars

The programme stars fall into three spectroscopically-defined groups: normal stars, super

ficially normal stars, and HgMn stars. They were selected primarily from analyses in the 

literature subject to the constraint of the availability of high resolution IUE  spectra in the 

public-domain archive at Rutherford Appleton Laboratory. W ithin this constraint, only 

stars with projected equatorial rotational velocities (vsinz) less than ~  50km s_1 were 

adm itted in order to avoid blending difficulties in the crowded UV spectral region. No 

attem pt to construct an unbiassed or magnitude-limited sample has been made since this 

would demand an enormous programme of observation (in both the visual and ultraviolet) 

which is beyond the scope of this project.

Most of the normal stars were selected from published analyses of visual region spec

tra  by Adelman (e.g., Adelman 1984a; Adelman 1986). These were supplemented by a 

few sharp-lined normal stars identified in high dispersion surveys of late-B and early-A
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stars in the Northern and Southern hemispheres by M.M. Dworetsky (cf. Dworetsky 1976; 

Dworetsky, Trueman & Stickland 1980; Dworetsky et al. 1982).

The superficially normal stars were taken from the list of objects analysed by Cowley

(1980) based in turn on the results of Dworetsky’s (1976) search for peculiar stars in 

the spectral range B8-A0III. Of these, 46 Aql deserves special attention since in this 

star Dworetsky tentatively identified a weak Hg II line, and Cowley subsequently detected 

enhanced M nll and P lI  lines; therefore 46 Aql may be closely related to the HgMn class 

(see comments below).

The HgMn stars were selected from the numerous published analyses of IUE  spectra by 

Sadakane and colleagues (e.g., Sadakane, Takada & Jugaku 1983). All of the HgMn stars in 

the programme appear in Schneider’s (1981) catalogue of known or suspected HgMn stars 

except v Cnc, HR6000, and HR7775. The cool star v Cnc is apparently one of the mildest 

members of the HgMn class and may represent a link with the slightly cooler hot Am 

stars (Adelman, Young & Baldwin 1984; Adelman 1989). The He-weak Bp star HR6000 

presents many of the anomalies characteristic of the HgMn class such as enhanced Mn, Ga, 

and P but does not exhibit Hg lines in either the visual region or ultraviolet (Andersen, 

Jaschek & Cowley 1984; Castelli et al. 1984; Castelli et al. 1985); in this la tter respect, 

it may represent a hot analogue of the otherwise unique Mn star 53 Tau. The peculiar 

nature of HR7775 was first discovered accidently by G. W. Preston in 1972 (Dworetsky 

1976); subsequent analyses of this star have revealed Hg and P t anomalies characteristic 

of cool members of the HgMn class (Dworetsky, Storey & Jacobs 1984; Fuhrmann 1989).

The programme stars are listed in table 1.2 together with spectral types and other fun

damental data from the Bright Star Catalogue (Hoffleit & Jaschek 1982). These data  were 

checked for additions and corrections according to Hoffleit (1984). The radial velocities 

and designations of spectroscopic binarity were revised according to the works of Aikman 

(1976), Stickland & Weatherby (1984), and Batten, Fletcher & MacCarthy (1989).

Since this study addresses itself to the properties of the HgMn stars as a whole rather 

than those of any individual star in particular, the author eschews the traditional task 

of critically reviewing the literature on each programme star. Rather, we consider here 

some of the basic properties of the programme stars as a sample of sharp-lined normal 

late B-type and HgMn stars.
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Chapter 1

The final programme comprises a total of forty stars of which 10 are spectroscopically 

normal, 5 axe superficially normal, and 25 are HgMn or related. These numbers satisfy 

the requirement tha t the sample sizes be statistically significant when the programme is 

treated as a two-population sample of spectroscopically normal and peculiar stars. Note, 

however, tha t subsequent to the photographic analysis presented in chapter 6, it became 

evident that one of the superficially normal stars (46 Aql) was in fact a member of the 

HgMn class (albeit of an unusual and extreme nature). For consistency, the ‘superficially 

normal’ appellation was retained for this stax (this also serves to  distinguish it from its 

HgMn congeners in the many figures presented subsequent chapters), and the reader is 

requested to bear this in mind in the work which follows.

The frequency of known spectroscopic binaries in the HgMn sample is approximately 

50% which is consistent with that observed in the class as a whole (cf. §1.2.7). Among 

the normal and superficially normal stars, the binary frequency is only ~  15% which 

is somewhat lower than that observed for normal main sequence stars in general. This 

is clearly a selection effect since low vsin i stars in binary systems are predominantly 

HgMn (or other peculiar) types (cf. Wolff & Preston 1978). The distribution of apparent 

rotational velocities is strongly biassed towards low values for both normal and HgMn 

samples in accordance with the requirement tha t the programme stars be sufficiently sharp- 

lined to be amenable to analysis in the ultraviolet. While it would have been desirable 

to include some higher vsin i HgMn stars in the sample in order to better discrimate 

abundance systematics with rotational velocity, the analysis of all but the strongest lines 

in the ultraviolet spectra of such objects is beyond the analytical tools currently available 

and is probably not warranted by the quality of observational material now extant.

Anticipating the atmospheric parameters derived in chapter 4, the distribution of pro

gramme star spectral types in the log Teff-log g plane is illustrated in figure 1.4. Superposed 

on this diagram are the zero-age main sequence (ZAMS) and evolutionary tracks for solar 

composition 2-5 Af® stars from the calculations of Bertelli et al. (1986). The correlation 

between spectral and luminosity types and their associated atmospheric parameters is evi

dently quite weak. This is particularly conspicuous for the HgMn stars, a number of which 

have B8-B9 spectral types in a region occupied by B5-B6 normal stars. This systematic 

misclassification has already been explained in terms of the abnormal weakness of the He I
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F ig u re  1.4: The distribution o f programme star spectral types in the effective tempera- 
ture-surface gravity diagram. Spectroscopically normal, superficially normal, and HgMn 
stars are denoted by roman, italic, and bold typefaces respectively. The zero-age main 
sequence (ZAM S) and evolutionary tracks for solar composition stars with masses 2-5  M® 
from Bertelli et al. (1986) are denoted by continuous lines.

spectrum of HgMn stars.

Figure 1.4 reveals an unfortunate deficit of normal and superficially normal programme 

stars in the effective temperature interval 11000-13 000 K, although this could not have 

been predicted from the spectral types. A preliminary—and far from exhaustive—search 

of the literature did not reveal any suitably sharp-lined spectroscopically normal stars in 

this narrow effective temperature interval for which IUE  observations are available. The 

absence of such stars in the programme is in retrospect regrettable, but does not seriously 

compromise its objectives.

There are few stars close to the ZAMS as might be expected for a sample drawn from 

the field rather than young clusters. The apparently youngest object in the programme 

is the He-weak Bp star HR6000 (indicated by an anomalous spectral type of AO-3 III; cf. 

Andersen, Jaschek & Cowley 1984). This star forms a visual double with the probable 

pre-main sequence star HR5999 and by implication may be as young as 7 x 105 years (The
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& Tjin A Djie 1978, 1979). By reference to the evolutionary tracks, it appears tha t none 

of the stars has reached the terminal-age main sequence in accordance with the generally- 

held view tha t HgMn stars are still in their core hydrogen burning phase. Incidentally, it 

is noted tha t this conclusion could not be drawn on the basis of evolutionary calculations 

which do not include the strong convective core overshooting adopted by Bertelli et al. 

(1986) as has been suggested by recent work on the galactic cluster NGC2301 (Napiwotzki, 

Schonberner & Weidemann 1991). W ith these caveats entered, it is concluded tha t the 

programme satisfactorily samples the effective temperature and surface gravity regime of 

HgMn stars.

oin

o

om

2500 150 200 300 35050 100

l" (•)

F ig u re  1.5: The distribution o f the programme stars in Galactic coordinates. Spectro
scopically normal, superficially normal, and HgMn stars are denoted by open squares, open 
triangles, and filled circles respectively. The sizes o f the symbols denote the magnitudes 
o f the stellar colour excesses E (B  — V ) according to the scale given in the top-right corner 
o f the diagram. The dashed line represents the Galactic plane.

The distribution of the programme stars in Galactic coordinates is illustrated in fig

ure 1.5. Here, the sizes of the various symbols denote the amplitude of the programme star 

colour excesses E (B  — V ) derived in chapter 4. The distribution of stars is not markedly 

concentrated towards the Galactic plane as is expected for a sample of late B-type field
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stars brighter than ~  6m. There is a relatively even distribution of stars in Galactic longi

tude with perhaps a slight concentration in the vicinity of (/n  ~  60°, 611 ~  0°). The range 

of colour excesses encountered in the normal and HgMn samples are similar and neither 

exceed O^IO. The stars in the programme probably lie within ~  lkpc  of the sun. It 

therefore seems reasonable to assume tha t the programme stars do not sample any single 

unique region of space and that they did not share the same region of formation.

1.3.4 O verview  o f Thesis

In this chapter, an overview of the previously observed properties of HgMn stars and 

their relationship to other chemically peculiar stars of the upper main sequence has been 

presented. In chapter 2, the procedures used in the reduction of individual high reso

lution IUE  spectra of the programme stars and the preparation of high signal-to-noise 

composites are detailed. In chapter 3, Fourier transform techniques are applied in the 

derivation of signal-to-noise, spectral resolution, and rotational broadening for the IUE  

spectra. In chapter 4, effective temperatures and surface gravities are derived for the 

programme stars from published calibrations of Johnson-Morgan, Stromgren, and Geneva 

photometry, and by fitting the predictions of LTE model atmospheres to observed spec

tral energy distributions and Balmer line profiles. Chapter 5 presents a brief overview of 

the background theory for LTE spectrum synthesis and details its implementation in the 

spectrum synthesis code U C L SY N . Chapter 6  constitutes a self-contained analysis of high 

resolution photographic spectra of several programme stars obtained from the Dominion 

Astrophysical Observatory and various archival sources. In chapter 7, abundances are de

rived for seventeen elements by spectrum synthesis analysis of the co-added IUE  spectra 

of the programme stars. Chapter 8 summarises the ultraviolet abundances for which a 

preliminary bivariate correlation analysis is presented. Chapter 9 concludes the thesis and 

presents suggestions for future work.
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R eduction  o f U ltraviolet Spectra

This chapter is concerned with the reduction of IUE  data from photometrically calibrated 

images to wavelength-calibrated and continuum-normalised co-added spectra. The fol

lowing topics are discussed: the specifications and operation of the IUE  satellite; the 

acquisition and photometric calibration of high resolution IUE  images; the extraction of 

‘one-dimensional’ spectra from the IUE  echelle image format; the use of cross correlation 

to achieve precise wavelength co-registration; and the co-addition of multiple spectra to 

produce high quality composites.

2.1 Introduction

This investigation is based primarily on a database of high quality UV spectra generated 

from archived IUE  observations. In this chapter, the reduction techniques used to generate 

this database are detailed. The data reduction chain developed for this project consists of 

two main stages:

1. Extraction of wavelength-calibrated spectra from high resolution IUE  images;

2. Co-addition of extracted spectra of the same star to produce a high signal-to-noise 

composite spectrum.

The first stage involves reduction procedures which are largely standardised in Starlink 

software, namely the reduction code IUEDR (Giddings & Rees 1989); these include reading 

IUE  images from tape, image editing, spectrum extraction and wavelength calibration.
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The second stage, however, comprises procedures which were developed specifically as 

part of this project to maximise the signal-to-noise and resolution in composite spectra; 

these include cross correlation, wavelength transformation, co-addition and continuum 

normalisation. This chapter opens with an overview of IUE  and subsequent sections 

detail the reduction steps listed above.

2.2 IUE

2.2.1 T he Satellite

There can be few areas of astronomical research which have not benefitted from data 

returned by the International Ultraviolet Explorer (IU E )—for an extensive review of the 

scientific productivity of this project, the reader is referred to Kondo (1987). A detailed 

description of the IUE  spacecraft and instruments, and their in-flight performance, is 

given by Boggess et al. (1978a, b). The photometric calibration of IUE  images has been 

discussed by Bohlin et al. (1980). A brief description of the relevant essentials is given 

here.

The IUE  is a geosynchronous observatory for ultraviolet spectroscopy which is (at 

the time of writing) in its thirteenth year of continuous operation. It was launched in 

January 1978 as a joint project between the United States National Aeronautics and 

Space Administration, the UK Science Research Council* and the European Space Agency. 

Spacecraft operations including observing are conducted from the ground stations located 

at the Goddard Space Flight Center (GSFC) near Washington D.C. and Villafranca del 

Castillo near Madrid (VILSPA).

The IUE  scientific instrument comprises the telescope, two spectrographs and four 

detectors. The telescope consists of a 0.45 m aperture f / 15 primary mirror which is a 

Cassegrain of Ritchey-Chretien design. The telescope forms an image on a reflective plate 

which lies directly behind the primary and houses the spectrograph entrance apertures. 

There are two entrance apertures for each spectrograph: the small aperture which is 

circular and ~  3" in diameter, and the large aperture which is approximately elliptical 

in shape and of projected dimensions 10" x 20". The pointing accuracy of the satellite is

’Renamed the Science and Engineering Research Council in 1981.
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such tha t the small aperture has an effectively variable transmission factor of ~  25-75%, 

whereas the transmission of the large aperture is close to 100%. The aperture plate can 

be scanned by one of the two Fine Error Sensors (FES) which provide the dual functions 

of field camera and off-axis autoguider. The spacecraft may be manoeuvred to bring the 

target image over an entrance aperture using the on-board inertial wheels. Spacecraft 

attitude control is maintained by gyroscopes, only two of which are currently operational 

and therefore need to be used in combination with the Fine Sun Sensor (see, e.g., Franco

1985).

Located behind the aperture plate are separate spectrographs for the short (1150- 

1950 A) and long wavelength (1900-3250 A) ranges. Each spectrograph can operate in 

high dispersion (A/AA ~  104) or low dispersion (A/AA ~  3 X  102) modes. They operate as 

follows: light from the target is incident on an off-axis paraboloid mirror which illuminates 

an echelle grating with a collimated beam; this beam is diffracted onto a spherical grating 

which serves as a cross-disperser (in high resolution mode) and camera to image the 

entrance aperture on the detector. A plane mirror may be introduced in front of the 

echelle so that a low resolution spectrum is formed by the spherical grating alone.

The detector system consists of an ultraviolet-to-visible converter (UVC) coupled by 

fibre optics to a secondary electron conduction (SEC) television camera. The image is 

accumulated on the camera target plate as a positive charge distribution. At the end of 

an exposure, this image is read by a scanning vidicon assembly and is telemetered to the 

ground station as a ‘RAW’ image. There are two cameras associated with each spectro

graph: the ‘prime’ and ‘redundant’ cameras which are designated SWP and SWR for the 

short wavelength region, and LWP and LWR for the long wavelength region respectively. 

The detectors actually used for data acquisition were selected on the basis of their op

erational performance; these were, initially, the SWP and LWR cameras. However, the 

LWR developed a ‘flare’ during 1983 and was subsequently supplanted by the LWP cam

era (Lloyd 1987). A comparison of their relative noise characteristics has been given by 

Barylak (1982).
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2.2.2 The Im ages

The RAW images received from the IUE  satellite consist of an array of 768 x 768 pixels, 

each of which represents the detected signal at a given point in the image in the form of 

an integer data number (DN) on the range 0-255. Optimum exposures are obtained at 

~  200 DN and saturation of the pixels occurs above a nominal 250 DN. Standard image 

processing ( i u e s i p s )  is applied to these data at the ground stations to  produce photom et

rically calibrated images. The photometric calibration is a linearisation of the detected 

signal which takes the form of an intensity transfer function (ITF) for each image pixel. 

These IT F ’s are determined from a series of flat-field exposures of the cameras provided by 

the illumination from on-board flood-lamps. They are revised periodically to account for 

secular variation in the sensitivity of the IUE  cameras. There have been two generations 

of the image processing system, the first of which ( I U E S I P S #  1: Turnrose & Harvel 1980) 

included a geometric transformation of the raw image format to correct for distortion in 

the detector optics. This procedure involved unavoidable non-linear smoothing at the DN 

level, and was discarded in the second generation software ( i u e s i p s # 2 :  Bohlin, Holm 

& Lindler 1981; Bohlin & Turnrose 1981; Turnrose &: Thompson 1987). Consequently, 

there exist two forms of photometrically calibrated images in the IUE  archives: these are 

the geometrically and photometrically corrected (GPHOT) and photometrically corrected 

(PHOT) images.

2.2.3 The O bservations

Observations made with IUE  are archived at the SERC supported World D ata Centre 

(WDC) at the Rutherford Appleton Laboratory and become public-domain after approx

imately six months. This study makes use of IUE  data obtained exclusively from the 

WDC archive. The archive was interrogated for all available high resolution short and 

long wavelength IUE  images of stars on the programme list. The available images were 

dearchived onto magnetic tapes for further processing at the UCL node of Stailink. The 

images procured for this study were originally obtained by a large number of observers 

over the entire working lifetime of the IUE  satellite. A full journal of these observations 

is presented in appendix A.
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I 2.3 Im age R eductions
i

- 2.3.1 Introduction
I
J

The photometrically calibrated images are the starting point for the data reduction pro

cedure described here. The problem at hand is the extraction of a one-dimensional spec

trum  from the two-dimensional echelle image. Extracted spectra are available as standard 

I U E S I P S  products, but it is widely recognised that the earlier versions of the extraction 

software suffered from a number of serious shortcomings. These included a lack of com

pensation for interorder background contamination, inadequate echelle ripple correction,

| and the presence of microphonics, cosmic ray hits or otherwise photometrically corrupted

pixels. Many of these inadequacies were identified in the original papers by Boggess et al.

(1978a, 6), and indeed both generations of I U E S I P S  have undergone a substantial amount of 

‘in-service’ development (see, e.g., Turnrose & Harvel 1982; Stone 1983). Although some 

of these problems have been addressed in more recent editions of the I U E S I P S  software, 

there still remains a sizable body of archived data processed with the less sophisticated 

versions. Therefore this study employs spectra which have been extracted in a systematic 

and homogenous fashion using the i u e d r  code on Starlink (Giddings & Rees 1989; Rees & 

Giddings 1989). The I U E D R  package allows the user to overcome many of the deficiencies 

discussed above using facilities which integrate naturally into the extraction procedure.

2.3.2 Im age Preparation

The first stage in the data reduction chain was to read the photometrically and/or geomet

rically calibrated images from tape supplied by RAL using the i u e d r  command r e a d i u e . 

The image headers were used to supply i u e d r  with necessary data  concerning the im

ages such as exposure time, aperture, and date of observation. The IUE  datasets were 

then plotted in low-level high contrast on an image display unit to allow the identification 

of obvious photometrically corrupted pixels. Some IUE  images (particularly long wave

length) are subject to contamination by high frequency noise due to periodic interference 

in the detector assembly known as ‘microphonics’ (see, e.g., Northover 1981; Holm & 

Panek 1982). In the LWR camera, microphonics affects only a few image lines with large 

amplitude interference (~  20 DN), whereas in the SWP and LWP cameras it affects the
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entire image format to some extent, but at a low amplitude (1 -3 DN) compared to the 

random noise. The presence of microphonics in an IUE  image may be inferred from its 

characteristic distortion of approximately horizontal segments of pixels. Cosmic ray events 

are occasionally recorded on IUE  images (predominantly those of longer exposure time) 

and can be identified as spurious ‘bright’ pixels or, occasionally, as oblique streaks in the 

image format. Hot spots axe permanent detector defects and are readily identified in an 

image as patches of saturated pixels (see, e.g., Ponz 1980; Munoz Peiro 1983). These de

fects were edited from the images by marking the relevant pixels as ‘bad’ using the i u e d r  

command E l .  Pixels affected by image fiducial marks, saturation or ITF extrapolation are 

flagged as such in the I U E S I P S  image quality files, and are automatically rejected in the 

I U E D R  extraction algorithm.

2.3.3 Spectrum  E xtraction

An im portant prerequisite to order extraction is the determination of the global shift 

of the spectrum in the image. This is because the automatic centroid tracking in the 

i u e d r  extraction routine is not always optimal, particularly for high resolution spectra. In 

practice, the global shift was measured by scanning the images in a direction perpendicular 

to the orders using the command s c a n ,  and the location of the signal peak in the high 

orders interactively identified using a graphics cursor provided by the command c g s h i f t . 

The closely spaced high orders are most suitable for this purpose since it is here that 

precise order location is especially critical to the extraction algorithm.

Spectrum extraction in i u e d r  is performed using the t r a k  algorithm, t r a k  extracts 

individual echelle orders using the coordinate system defined by the mean dispersion rela

tions, and computes a smoothed object signal centroid. This centroid ‘spectrum’ is then 

used to construct an empirical correction to the dispersion relations, and the spectrum is 

re-extracted, t r a k  determines the background level from two channels which are posi

tioned so that they run along the inter-order lines. The background signal is smoothed to 

remove contaminating structure from the overlapping object signal of adjacent orders, and 

to reduce photon noise and ITF faults in individual pixels. Pixels which are more than a 

pre-defined number of standard deviations from the smoothed background are rejected.

Each order is extracted by running a numerical ‘slit’ along its centroid and integrating
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the object signal. The dimensions of this extraction slit can be specified by the user to 

optimise the extracted signal and spectral resolution. A practical limit on the height of 

the slit for high resolution spectra is imposed by the width of the Point Spread Function 

(PSF) and the separation of the orders in the cross-dispersion direction; for this work, the 

I U EDR default of an automatically determined (order-dependent) slit width was adopted. 

The width of the extraction slit determines the effective resolution of the extracted spec

trum; there is some evidence that a slit width of l/y /2  geometrical pixels gives improved 

spectral resolution (Bohlin & Turnrose 1981) and it is this value tha t is used for I U E S I P S # 2  

products. However, there is an increase in random noise with such a narrow slit (Bors- 

enberger 1983) which, for the application at hand, obliges the user to apply some form 

of smoothing (see, e.g., Adelman &: Leckrone 1986). For this reason, spectra employed 

in this study were extracted using the I U EDR default slit width of y/2 geometrical pixels. 

The background signals were extracted using the default slit of dimensions y/2 geometrical 

pixels in both the dispersion and cross-dispersion directions.

2.3 .4  Background C orrection

The advantage of the i u e d r  form of extraction algorithm is that it does not rely on any 

assumptions about the shape of the point spread function (PSF). However, one serious 

problem is tha t the higher orders in the echelle image are increasingly closely spaced due to 

the characteristics of the cross-dispersion spherical grating. Consequently, there is a con

tamination of the inter-order region by signal from adjacent orders. This contamination 

compromises the suitability of the inter-order region as a measure of the true local back

ground and manifests itself as an overcorrection for the background at short wavelengths. 

Bianchi & Bohlin (1984) proposed a semi-empirical correction procedure to overcome this 

effect, a modified version of which is implemented in the I U E D R  code. The correction An 

to the net flux for a particular order and wavelength is given by

An = {n)F0 +  [(n+) +  (n_)]Fi

F 0 =  1.636 C (A ) (2 .1 )

F i =  [0.5 +  1.636 C(A)] C (A )

where (n), (n+), and (n_) are the smoothed uncorrected net intensities in the order itself

and in the two adjacent orders respectively, and C(A) is a free parameter. Bianchi &
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F ig u re  2 .1 : Synthetic spectra, o f the C lI X1335 resonance doublet computed in LTE for 
Teff(103 K) G (9,10,12,15), log <7 =  4 and f  =  2 im s _1. Broadened by convolution for 
rotation o f v s in i =  30 km s-1 and instrumental full width at half maximum o f 0.11 A.

Bohlin found tha t C(A) varies linearly from 0.12 at 1200A to zero at 1400A. i u e d r  

allows the user to specify the exact value of C(X) at 1200 A as it can vary from image to 

image depending on telescope focus and temperature. An appropriate value for this so- 

called ‘halation’ constant can be determined by ‘trial and error’ until a central intensity 

of zero is achieved for any suitably opaque and broad* spectral feature in the interval 

1200-1400A; this criterion is normally met only by interstellar Lya (1215A).

For well-exposed stellar spectra, the halation constant is usually ~  0.12-0.15. A hala

tion constant of 0.15 was initially adopted for the spectra extracted in this study. Although 

this was found to produce satisfactory results with respect to the Lya criterion, subsequent 

analysis of the strong resonance doublet CII A1335 indicated the presence of a significant 

overcorrection for background contamination at longer wavelengths. Synthetic spectrum 

calculations in both LTE (see figure 2.1) and NLTE (Cugier & Hardorp 1988) suggest tha t 

the central intensity of this feature should be very close to zero for late-B stars with solar

’Specifically, the FWHM of the feature needs to be greater than that of the instrumental response 
function.
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F ig u re  2 .2 : The halation correction for w Cet (continuous line) and a hypothetical 
line-free spectrum (dashed line) calculated for a halation constant o f 0.03. The correction 
is given as a fraction o f continuum flux at each wavelength.

carbon abundances. This conclusion is confirmed by high resolution Copernicus U2 spec

tra  of three of the programme stars (see Cugier & Hardorp 1988). However, the observed 

central intensities of this feature in the IUE  spectra of the same programme stars were 

found to be ~  4-6% . The fact that i u e s i p s  spectra of these targets (which do not have a 

background correction) are in accordance with the Copernicus spectra strongly implicates 

the background correction algorithm used in I U E D R

This problem was investigated further by coding a simulation of the I U E D R  background 

correction algorithm as a D I P S O  user function (cf. Howarth & Murray 1991). This routine 

calculates the approximate background contamination correction according to equation 2.2 

for a given halation constant using a pre-extracted IU E  spectrum. The halation correction 

for a constant of 0.03 in the SW spectrum of w Cet (B7V) is shown in figure 2.2 together 

with the halation correction for a hypothetical line-free ‘spectrum ’. This figure demon

strates how insensitive the Lya core is to changes in the halation constant and, as such, 

suggests that it is an unsatisfactory criterion for gauging the adequacy of the background
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correction. This insensitivity to the halation constant is a simple reflection of the fact that 

Lya spans ~  5 orders in which the mean net flux is inherently so low that the inter-order 

background contamination is significantly diminished (in an absolute sense). While there 

are no universally applicable alternatives to Lya, it can be supplanted by Sill AA1265, 

1305, 1310, and C lI A1335 for the spectra of sharp-lined (e.g., u s in i & 40km s-1 ) late-B 

stars with solar (or greater) abundances of silicon and carbon. These features were used 

in this work to refine empirically the background correction in the final co-added spectra 

of the programme stars. While this post-extraction correction is probably not an optimal 

solution to the problem, it does take advantage of the improved S /N  afforded by the use 

of co-added spectra.

2.3.5 R ipple C orrection

Another notorious problem with IUE  spectra concerns the removal of echelle blaze from 

the individual extracted orders. The original specification of the echelle blaze function for 

I U E S I P S  reductions was tha t appropriate for a plane grating used in near-Littrow mode. 

However, this was demonstrated to be too steep when applied to IUE  data, so a parabolic 

correction factor was introduced to broaden the blaze (Turnrose & Harvel 1980). The 

application of this ripple correction with fixed grating constants resulted in severe discon

tinuities across the boundaries of many orders giving the corrected spectrum the sawtooth 

shape for which IUE  is infamous (Beeckmans & Penston 1979). A particularly effective 

solution to this problem was proposed by Barker (1984) who described an algorithm which 

iteratively optimises the exact value of the grating constant (k ) for each order. This is 

achieved by forcing flux continuity across the overlapping regions between adjacent orders, 

and consequently has the advantage of being independent of the presence of any spectral 

features in the data. The I U E D R  code contains an implementation of this ripple correc

tion algorithm for short wavelength spectra only (Howarth, private communication); the 

method is less effective for long wavelength spectra because they appear to require addi

tional optimisation for the second grating constant (a) and possess less extensive overlap 

between adjacent orders.
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2.3.6 M apping

The final stage in the reduction process is the generation of a single continuous spec

trum  from the individual orders. This was effected in i u e d r  with the command MAP 

which produces a spectrum of IUE  flux numbers per second on a uniform user-specified 

wavelength grid. The spectra used in this study were mapped at wavelength intervals of 

0.05 A over the entire wavelength range observable with the IUE  cameras. This sampling 

rate satisfies the commonly adopted interpretation of the sampling theorem as applied to 

spectroscopic observations; viz., that the sampling interval should be less than, or equal 

to, half the width (typically the FWHM) of the instrum ental response function. Although 

higher spatial frequencies may be present in the extracted spectra, they are arguably of 

insignificant amplitude as can be verified directly using Fourier analysis (see chapter 3).

2.4 W avelength Co-registration

2.4.1 Introduction

Before multiple spectra can be combined into a single spectrum, they must be trans

formed onto a common wavelength scale so tha t corresponding spectral features are in 

co-registration. Errors in the co-registration of spectra will result in an undesirable degra

dation of spectral resolution. This consideration is of particular importance to the study 

of sharp-lined stellar spectra where small misalignments in the wavelength scales of the 

component spectra can correspond to shifts which are significant when compared to the 

typical observed width of a spectral line. The problem is to derive a method which provides 

a transformation of the component spectra onto a common wavelength scale. In this sec

tion, the available techniques for deriving such wavelength transformations are discussed, 

and the use of the cross correlation method as adopted in this work is described in detail.

2.4.2 The C onventional Approach

The technique adopted by most workers is to reduce the wavelength scales of the compo

nent spectra to a common laboratory frame by measuring the observed wavelengths of a 

number of known spectral features (e.g., West & Shuttleworth 1981; Howarth & Phillips 

1986). The transformation to a common frame (usually the ‘laboratory’) can then be de-
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F ig u re  2.3: Wavelength shifts o f Fell lines plotted as a function o f wavelength for IUE  
spectra o f o Peg LWR16055 (triangles), LWR16057 (squares) and LWR16059 (circles). 
The points for each spectrum are joined for clarity o f presentation. Note how the lines are 
systematically shifted with respect to each other in each spectrum.

termined by investigating the relationship between the shifts of the lines as a function of 

wavelength; this transformation usually takes the form of either a constant shift in wave

length or a velocity-like shift of the entire scale (rarely both). This approach is suitable 

for spectra which are sparsely-lined, but is less effective when applied to the crowded UV 

spectra of late-B stars; such spectra possess very few absorption line features which can 

be attributed to single species with well-defined laboratory wavelengths. Furthermore, 

this method suffers from the disadvantage that it is quite laborious and time-consuming 

to execute, not being readily amenable to computer automation.

As part of a preliminary investigation, the centroids of a number of individual appar

ently unblended Fell lines were measured in IUE  LWR spectra of the sharp-lined star 

o Peg. The inferred wavelength shifts of these lines exhibited systematic deviations (from 

spectrum to spectrum) with respect to a linear regression of shift against wavelength. 

An example of this behaviour is illustrated in figure 2.3. The obvious interpretation of 

this is that the lines are variously blended with other features rendering their observed
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wavelengths different from those expected from their laboratory values. The magnitude 

of these systematic errors (~  0.1 A) is comparable to the FWHM of the IUE  instrumental 

response function and imposes an upper limit on the accuracy with which the wavelength 

scales of component spectra can be brought into co-registration.

2.4 .3  C ross C orrelation

A superior alternative to the method described above involves the use of cross correlation 

analysis. The application of cross correlation techniques to the analysis of astronomical 

spectra is discussed in detail by Simkin (1974) and Tonry & Davis (1979). A variation 

on the usual approach has been proposed recently by Furenlid &: Furenlid (1990). Cross 

correlation analysis has many advantages to offer including high accuracy, repeatability, 

and potential for computer automation. One of its most powerful features is tha t it can 

make use of all available positional information in spectral data. It is this aspect of the 

technique which is of most benefit when applied to the complex UV spectra of stars; in 

this respect at least, the problem of blending and line identification can be overcome.

2.4 .4  T heory

i  r+°°z(z) = ------ / t (x)s(x + z )dx  (2.2)
J  — OO

The normalised cross correlation function c(z) is defined for a lag z by
r + O O  

J — OO

where cr* and o8 are the root-mean-squares (RMS) of the continuous functions t (x)  and 

s(z) respectively. For practical purposes, these continuous functions become finite arrays 

of discrete points sampled at equal intervals. In this case the continuous cross correlation 

function of equation 2.2 becomes a set of unbiased cross correlation coefficients (referred 

to as a CCF) given by

^ m i n  (N,N+k)

Ck= ( N - \ k \ )0ta.  ™

where
N

? = (2-4)
J = 1

2 = (2-5)
J=1
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Note tha t the limits on the CCF summation have been written to include only those 

points in the arrays which ‘overlap’ at any given lag, and for simplicity both arrays have 

been chosen to have length N  points. The lag index k can take integer values in the 

range — ( N  — 1) < k < +( N — 1) and therefore the CCF will have 2N  — 1 points. The 

normalisation in equations (2 .2) and (2.3) is such that the CCF will range between —1 

and +1 in amplitude. For the purpose at hand, tj  and sj can be taken to represent the 

template and sample spectra respectively. The vital property of the CCF for our purposes 

is that if these arrays are identical but Sj is shifted with respect to tj  by a fixed number 

of bins m, then the CCF will have a peak of amplitude unity at the lag of j  = m  (see, 

e.g., Jenkins & W atts 1968; Bendat &: Piersol 1971). Tonry & Davis (1979) conducted an 

analytical investigation of the case where the sample spectrum is related to the template 

spectrum by a constant scaling, shift and broadening by convolution. They used Fourier 

analysis to show tha t the width of the CCF peak is given by the quadratic sum of the 

average widths of the spectral lines in the template and sample spectra.

When applied to real spectra, random noise can reduce the CCF peak amplitude and 

perturb its inferred position. Tonry &: Davis (1979) derived the following expression for 

the mean error on the position of the CCF peak

A m  = a —-— (2.6)
1 + r v '

Here, a  is the mean distance between the true peak in the CCF and the nearest peak due 

to random noise, and r is given by

r -  v f e  (2 '7)
where h is the height of the peak in the CCF, and uQ is the RMS noise contribution to 

the CCF. The la tter arises from noise inherent in the data and any mismatch present and 

is given by

=  2 ] v  £ t a ' + " »  “  c - i + m ) 2  ( 2 - 8 )

J=1

Tonry & Davis showed that the coefficient a  in equation 2.6 can be approximated by

“ = £  <2-9>

where N  is the number of points in the CCF, and B  is the highest wavenumber in the 

Fourier transform of the CCF which has appreciable amplitude (e.g., the half maximum

72



Chapter 2

amplitude point). In the limit of high signal-to-noise (r), this expression approaches that 

derived by Griffin & Gunn (1974) using analogue cross-correlation techniques. However, 

in practice, the precise value of the coefficient (a) needs to be adjusted to bring the pre

dicted RMS errors into agreement with independently determined values—this calibration 

is described in detail in §2.4.7.

2.4.5 A pplication  to  IU E  Spectra

For most applications, the CCF is computed indirectly using the Fast Fourier Transform 

(FFT) algorithm, a technique which is more efficient and accurate for data arrays larger 

than ~  1 X 103 points than the direct approach given by equation 2.3. However, the use 

of F F T ’s introduces a number of complications which arise because the spectra become 

periodic functions when expressed in terms of finite Fourier series. In view of the fact that 

IUE  spectra typically constitute ~  2 x 104 points, it would seem essential to adopt the 

FFT approach to make any progress. This, however, is only warranted if a single CCF 

of the entire spectrum is required, which would in turn impose the constraint of deriving 

one param eter only from the cross correlation (i.e., either a relative wavelength shift or 

velocity). The solution is to use direct discrete cross correlations of short segments of spec

trum  to derive the relative shifts between two spectra as a function of wavelength. These 

wavelength shifts can then be fitted with a polynomial of the appropriate order to provide 

a transformation between the wavelength scales of the two spectra. For most applica

tions, cross correlations are computed in logarithmic wavelength space which transforms 

velocity-like shifts (i.e., linear in wavelength) to constant shifts. However, computation 

in linear wavelength space is more suited to the approach described above as it furnishes 

results which are directly interpretable in terms of transformations between different wave

lengths scales. This approach also avoids the smoothing associated with re-sampling the 

spectrum onto a logarithmic wavelength scale.

The size of the segments to be cross correlated can be chosen so tha t they are sufficiently 

short tha t any velocity-like (or indeed higher order) terms are negligible in describing the 

relative displacement between them, and so that they are sufficiently long that the S /N  of 

the CCF’s is acceptable. For the application at hand, it is convenient to adopt IUE  orders 

as the basic segments to cross correlate despite the fact that their length increases linearly
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F ig u re  2.4: Cross correlation function amplitude plotted against lag in terms o f wave
length shift for SW P  order 86. The sample and template spectra are SWP4814 and 
SWP8045 respectively.

with wavelength. This is because each order possesses a region of maximum signal-to- 

noise near its centre (maximum echelle blaze efficiency) and it is therefore advantageous 

to choose segments that are centred on these. Furthermore, part of the preparation of these 

segments for cross correlation involves endmasking a fraction of the data to diminish edge 

effects in the CCF; this rather conveniently decreases the weighting of these inherently 

noisy regions.

2 .4 .6  IUEXCOR

The cross correlation method described in the foregoing sections has been implemented 

in the code I U E X C O R  by Rees (1987). Minor modifications to this code as part of this 

work included converting it to double precision arithmetic (real*8), providing an option to 

cross correlate in linear wavelength space, and the facility to modify various operational 

parameters at run-time.

Essentially, I U E X C O R  functions as follows. The template and sample spectra are re
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sampled onto regular wavelength grids at twice the highest rate present in the data using 

Lagrangian interpolation. This oversampling minimises subsequent loss of information in 

the data, although some smoothing is inevitable. Experimentation with higher sampling 

rates using a self-test mode implemented in this code indicates tha t they do not provide 

any significant improvement over the standard rate. Gaps in the spectra are filled by lin

ear interpolation. Each spectrum is fitted with a high order polynomial (normally fifth), 

rectified by division and reduced to a mean of zero by subtracting unity. This minimises 

low spatial frequency noise in the spectra. The Fourier domain analogue of this is high 

pass filtering (see, e.g., Brault & W hite 1971). These reduced spectra are then end-masked 

with a Hanning function given by

cos(27rH f N ) (2-10)

where /  is the fraction of the spectrum length to be apodized ( i u e x c o r  defaults to 10%). 

The cross correlation function is then calculated using equation 2.3 and re-expressed in 

terms of wavelength shift as the abscissa. The centroid of the CCF peak is then determined 

by fitting it with a polynomial using least squares. Experimentation indicated tha t a 

second order polynomial (quadratic) fitted to the five highest points in the CCF peak 

yielded good accuracy for data with signal-to-noise typical of IUE  spectra. A typical 

example of a CCF for an SWP order is shown in figure 2.4.

i u e x c o r  was tested extensively prior to use in this project by cross correlating identical 

spectra with induced wavelength and velocity shifts. These tests indicated tha t i u e x c o r  

has an internal accuracy of better than a tenth of a wavelength bin; this translates to 

~ 5 x  10-3 A or equivalently ~  1 km s-1 for SW IUE  spectra.

2.4 .7  Error A nalysis

In practice, the limitation on the accuracy achievable using cross correlation is imposed by 

noise in the template and sample spectra, and, for other applications, spectral mismatch. 

In order to investigate the effects of noise, the calibration cross correlations described 

above were repeated using synthetic spectra contaminated with gaussian random deviates 

of RMS amplitudes appropriate for typical IUE  spectra (i.e., 0- 20%) generated using 

the routine g O f d d f  from the Numerical Algorithms Group (‘NAg’) library. A sample of 

approximately 5 x 104 wavelength shift residuals was derived from this exercise for each
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F ig u re  2.5: Scatter plots for the calibration o f cross correlation errors. Wavelength shift 
residuals are plotted against signal-to-noise ratio r in the CCF’s o f (a) S W  and (b) LW  
synthetic spectra contaminated with random noise. The best fit RM S error curves are 
superimposed.
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wavelength range; these were used to calibrate the numerical constant in equation 2.6 in a 

similar fashion to that described by Tonry & Davis (1979). This was achieved by binning 

the RMS residuals as a function of the error param eter 1/(1  +  r) and using least-squares 

to fit a straight line to the resulting distribution over the interval in which it is linear. 

The onset of non-linearity in this distribution is caused by the centroiding algorithm 

picking up incorrect peaks in noisy CCF’s. The best fit error coefficients thus derived 

were a  = (1.15 ±  0.05) x 10_1 A (SW) and a  = (1.30 ±  0.05) X 10-1 A (LW). In figure 2.5, 

the wavelength shift residuals are compared with RMS error curves calculated according 

to equation 2.6 using these best fit coefficients.

It is interesting to compare this semi-empirical value of the error coefficient with that 

predicted by equation 2.9. A representative value for B  was determined by computing the 

mean fast Fourier transform of a sample of CCF’s of all SWP orders. This mean transform 

is shown in figure 2.6; it has a spatial frequency* at half maximum amplitude of 1.2 ±

0.2 cycles A-1 . This yields an error coefficient of a = N / 8 B  =  (1.04±0.17) x 10-1 A, which 

is in satisfactory agreement with the semi-empirical value considering the uncertainties in 

Tonry & Davis’s analysis (note in particular the arbitrary choice of frequency at half

maximum amplitude to determine the effective mean separation of noise spikes in the 

CCF).

2.4.8 R esu lts

Examples of the cross correlations of three SW and three LW spectra of a  Lyr are il

lustrated in figure 2.7. The useful wavelength range over which cross-correlation can be 

performed is limited by the competing effects of under-exposure and saturation at the 

extremes of the IUE  sensitivity curve. Occasional highly discrepant points (deviation 

greater than 3a) can normally be attributed to orders with either missing data (e.g., due 

to saturation), very low S / N  (e.g., at the extremes of the wavelength range), or very few 

narrow spectral features (e.g., in the Lya core). The cross correlation results in this study 

were satisfactorily fitted with second order polynomials; an application of the F-test (cf. 

Press et a1.1986) to the RMS residuals indicated no statistical justification for higher order 

fits. Typical RMS scatters for the best-fit quadratics were ~  0.01 A and ~  0.03 A for SW

‘ Spatial frequency /  (cycles bin-1 ) and wavenumber B (cycles) are related by /  =  B/N.
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F ig u re  2 .6 : The amplitude o f the mean fast Fourier transform o f cross correlation func
tions for synthetic S W  spectra plotted as a function o f spatial frequency. The frequency 
at half maximum amplitude is marked by a filled circle. Note that the Nyquist frequency 
(not shown) is 20 cycles A -1 .

and LW spectra respectively. This is in contrast to the rather poorer performance of line- 

profile ‘centroiding’ method (cf. §2.4.2) for which the sharpest-lined spectra yield RMS 

scatters of at least 0.03 A and 0.04 A for SW and LW spectra respectively (cf. figure 2.3).

The procedure adopted in this work was to select a well-exposed template spectrum 

from among the component spectra for each programme star and wavelength range. The 

spectra were then cross correlated against this template and the resulting wavelength scale 

transformations derived. These transformations were then applied to the sample spectra 

to bring them into co-registration. The success of the wavelength transformations was 

checked by a second cross correlation of each sample spectrum against the template; the 

RMS scatters in these cross correlations provide an excellent statistical measure of the 

mismatch between the wavelength scales of the spectra. A final visual inspection was 

made of the correspondance between the wavelength scales in key spectral features such 

as CII A1335, S ill AA1526, 1535 and AlII A1670 in SW spectra, and M nll A2576 and 

MgII AA2795, 2802 in LW spectra.
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F ig u re  2.7: Example cross correlations o f IUE S W  and LW  spectra. Wavelength shifts 
(AX) are plotted as a function o f wavelength for the cross correlations o f (a) SWP4814 
( triangles), SWP9918 (squares) and SWP11213 (circles) against the template SWP8045; 
(b) LWR3002 (triangles), LWR4154 (squares) and LWP4837 (circles) against the template 
LWR7585. The best fit quadratics (continuous curves) are superimposed.
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2.5 C o-addition o f Spectra

2.5.1 Introduction

One of the limitations of high resolution IUE  spectra is their relatively low signal-to-noise 

ratio (S/N);  typically, optimally exposed orders possess S / N  ~  30. This is a limitation 

imposed by the characteristics of the detector system of the IUE satellite. It is further 

exacerbated by the detector’s limited dynamic range which prevents the observer from 

obtaining well-exposed spectra over the entire wavelength range of the cameras. A per

haps obvious solution is to merge multiple spectra of a single object by taking exposures 

of appropriately differing durations. Although not new, such techniques have become in

creasingly easy to implement in recent years with the advent of fast digital computers with 

advanced graphics capability. In particular, they have seen application in the co-addition 

of multiple photographic spectra (e.g., Cowley & Adelman 1983; Hill & Adelman 1986) 

and high resolution IUE  spectra (e.g., Howarth & Phillips 1986; Sadakane Sz Nishimura

1986) where the detector types are limited in their capacity for recording data with high 

S /N.  Of course, an im portant precondition for this technique is that the multiple spectra 

are recorded over a period significantly shorter than any timescale of intrinsic variability in 

the object’s spectrum. Such a criterion is satisfied by the normal and HgMn stars studied 

here as they are not spectroscopically or photometrically variable (see, e.g., Wolff & Wolff 

1974; Wolff 1983).

2.5.2 A dvantages o f C o-addition

The immediate advantage spectrum averaging offers is a reduction in random noise by 

a factor of the square root of the number of spectra used. This only applies to random 

noise, whether gaussian or poissonian, and it is im portant to appreciate at the outset that 

the noise characteristics of the IUE  detectors in this respect are not fully understood. In 

particular, a component of the noise present in IUE  spectra is systematic in origin and has 

been dubbed Axed pattern  noise (FPN). The FPN has been investigated by a number of 

workers (see chapter 3) and appears to be related to misregistration between the IUE  RAW 

images and the ITF tables; put simply, it is a photometric calibration problem. As its 

name suggests, the FPN has at any given time a definite spatial and amplitude distribution
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on the surface of the detector. Consequently, spectra exposed through the small aperture 

possess a noise component due to the FPN which is fixed and can not be reduced by 

co-addition techniques. Evidence for this was presented by West & Shuttleworth (1981) 

who demonstrated that there was little improvement in S /N  to be obtained by averaging 

more than ~  5 IUE  LW spectra. However, spectra exposed through the large aperture 

can exhibit displacements on the camera target by ~  ±4 pixels depending on the exact 

location of the star in the LAP. This property has been used to advantage by Adelman 

& Leckrone (1986) to obtain IUE  spectra of late-B and early-A stars which are variously 

shifted with respect to the fixed pattern by ~  ± 30km s-1 . Clearly the improvement 

in FPN achievable using this technique is limited by the number of distinct positions 

in the LAP at which observations can be made; Adelman & Leckrone used three such 

positions, but suggested tha t four would be possible without significant overlap of the 

FPN distributions. It appears likely that the FPN is time-variable over periods of a few 

weeks and this suggests tha t co-adding spectra obtained over such periods will reduce the 

associated FPN amplitude to some (uncertain) extent.

2.5 .3  P re-coaddition  N orm alisation

Prior to co-addition, the spectra were normalised to the same intensity scale to allow for 

variations in the sensitivity of the cameras, differences in the transmissions of the small 

and large apertures, and errors in the exposure times reported in the image headers (the 

la tter are used by i u e d r  to compute the IUE  FN /s). This was achieved by computing 

the mean intensities in wavelength bins of 50 A, fitting them with cubic splines, and 

dividing these fits through the spectra. This method places the spectra on the same ‘mean 

intensity’ scale; it is preferable to the alternative of normalising the spectra individually 

with respect to  a subjectively determined continuum intensity because it is repeatable and 

readily autom ated—an im portant consideration when working with large datasets.

2.5.4 W eighting

Co-addition is the simple operation of averaging the fluxes of multiple spectra by wave

length bin. However, the statistically rigorous approach is to compute weighted means 

with weights which are inversely proportional to  the variance of the random noise dis
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tribution in each dataset. When working with normalised spectra, it is appropriate to 

substitute the square noise-to-signal ratio for the variance so that the weighting scheme 

will be given by

w «  ( | - )  (2>11) 

where 5 is the signal amplitude and N  is the root-mean-square (RMS) noise amplitude.

A lower lim it on the noise content of spectra is specified by the contribution of photon 

noise. In this case, poisson statistics apply and the variance is given by the expectation 

value (or number of counts) per bin. For normalised spectra, the requisite weighting for 

spectrophotometrically constant objects therefore obeys the proportionality

W  OC

where texp is the exposure time and 77 is a detective efficiency term included to accom

modate any time or observation dependent variation in the sensitivity of the detector 

system (e.g., in the spectrograph aperture transmission). This suggests tha t it would be 

appropriate to weight LAP spectra (for which 77 is approximately constant) proportionally 

according to their exposure times; this is the approach that is adopted for IUE  spectra by 

most workers (e.g., Adelman & Leckrone 1986; Howarth & Phillips 1986; Takada-Hidai, 

Sadakane & Jugaku 1986). When working with SAP spectra however, the detective ef

ficiency term can be variable from one observation to the next (depending on the target 

location in the aperture) and must be included explicitly in the weights. Relative values 

for 77 can be readily determined from the scaling of detected fluxes between spectra.

Another im portant contribution to the noise content of IUE  spectra originates in 

background sources. This contribution can be significant for short exposures or regions of 

low spectral sensitivity where it can dominate over photon noise. Assuming background 

noise has a constant RMS amplitude, the appropriate weighting scheme is

w  (*7<exP)2 (2 .1 3 )

Clearly, both situations described above apply simultaneously to real spectra. An ap

propriate weighting scheme would therefore combine both extremes with background noise 

dominating at low exposure levels (i.e., low values of r)texp), and photon noise dominating 

at high exposure levels. Such a scheme would necessitate adopting wavelength dependent
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weights because IUE  spectra possess regions of both low and high exposure level reflect

ing the wavelength-dependent sensitivity of the detectors. Unfortunately, with IUE  data, 

the amplitude of the background noise is unknown, and it is uncertain whether photon 

noise is the dominant source of signal-dependent noise present. A number of investigations 

(Clarke 1981; West & Shuttleworth 1981; Adelman & Leckrone 1986; Bohlin 1988) have 

demonstrated tha t the S /N  of composite IUE  spectra does not increase indefinitely in 

proportion to the square-root of the number of spectra added; a limit is approached as 

the noise becomes dominated by FPN. This suggests th a t an accurate weighting scheme 

for spectra would need to include a term for the presence of FPN at high exposures.

The solution is to determine empirically the S /N  of spectra as a function of wavelength 

and use these to calculate the weights directly. The problem of S /N  estimation is inves

tigated in detail in chapter 3—here the computer code F T S P E C  developed as part of that 

work was used to determine the S /N  in spectra on an order-by-order basis. Each order 

in a spectrum is then associated with a mean S /N  which is used to calculate the relative 

weighting of each wavelength bin in the co-addition. This approach allows for missing 

data  points in the spectra (e.g., due to saturation) since the spectra can be merged in 

one pass. The co-additions were performed using the author’s program a d s p e c  which 

integrates the f t s p e c  code (cf. §3.1.6) with routines that handle the spectra and compute 

weighted means.

2.5 .5  W avelength C alibration

The co-added spectra were reduced to a laboratory (rest) wavelength frame by cross corre

lating them against synthetic spectrum templates (see chapter 5). These transformations 

place the co-added spectra on a wavelength scale which is identical to tha t used for the 

abundance analysis. They were checked, as before, using second cross correlation against 

the template spectrum and by direct visual inspection of the relatively unblended strong 

lines described in §2.4.8.

2.5 .6  C ontinuum  N orm alisation

The final step in the reduction procedure is the normalisation of the co-added spectra 

with respect to a ‘line-free’ continuum (hereinafter, LFC). This operation is probably the
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most significant source of error in UV abundance analysis and therefore demands the most 

careful attention.

Computationally, the LFC is defined as the flux (or intensity) distribution obtained 

from a model atmosphere of fixed and known structure (i.e., temperature, electron density, 

etc.) with only continuous opacity sources included in the radiation transport calculation. 

However, the importance of line opacity (especially in the UV) in shaping atmospheric 

structure is now well established (e.g., Kurucz 1979). So, in reality the concept of an LFC 

has no particular physical significance—it is a device by which observed and synthetic 

spectra may be placed on the same relative intensity scale. The LFC is of course useful 

in the measurement of equivalent widths of sparsely-lined spectra, but unfortunately its 

effectiveness breaks down for the crowded UV spectra of early-type stars and the visual- 

region spectra of late-type stars. In such spectra, absorption lines are so numerous and 

closely spaced tha t there are no regions which are free of line opacity; this makes nor

malisation of the spectrum a very difficult task. The finite (often inadequate) resolution 

of spectrographs compounds this problem (Gray 1976), as does even the most modest 

amount of rotational broadening (e.g., vsin i £  40km s-1 ).

One approach to this problem which has proven moderately successful involves the 

use of large-scale synthesis of the UV range to identify regions of low line opacity which 

are then used as a guide to define a ‘pseudo-LFC’ in the observations. This pseudo-LFC 

is generally depressed below the true LFC to varying extents across the UV wavelength 

range, but can be corrected using measurements of the corresponding pseudo-LFC in the 

synthetic spectrum (which has a known true LFC). The advantage of this method is that 

it provides a global definition of the LFC which is self-consistent with the use of spectrum 

synthesis analysis—the disadvantage is that it is highly model-dependent and is costly in 

the computation of detailed synthetic spectra.

The co-added spectra generated in this study were normalised in the manner described 

above using the synthetic spectra discussed in chapter 5. The pseudo-LFC was defined in 

both the co-added and synthetic spectra using an interactive graphics program c u r s o r  

written by the author and based on the p g p l o t  graphics package (Pearson 1989; Terret 

1990). This facility is very similar to the C F I T  command in D I P S O ;  it allows the user to 

plot successive segments of spectrum in which a cursor can be used to define points in the
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a L y r  s p e c t r u m

x
P

> Synthetic spectrum
jS
K

1650 1660 1670 1690 17001680

X (A)

F ig u re  2 .8 : The pseudo line free continue (LFC) of  the coadded spectrum o f a  Lyr and 
a synthetic spectrum (Teff = 10 000K, log <7 = 4 )  defined by cursor hits (filled circles) 
and fitted with Hermite splines (continuous curves). The dashed line is the true LFC for 
the synthetic spectrum.

continuum. The selected continuum points may be fitted with Hermite splines (Hill 1982) 

and/or edited using the cursor at any stage until a satisfactory smooth fit is obtained. The 

co-added spectra are finally normalised by dividing through by the observed pseudo-LFC 

fit, and corrected by multiplying by the synthetic pseudo-LFC fit. An example of this 

normalisation procedure is illustrated in figure 2.8 for a short segment of the co-added SW 

spectrum of a  Lyr.

2.6 Sum mary and Conclusions

In this chapter, a detailed account has been presented of the reduction techniques employed 

in the preparation of high signal-to-noise ultraviolet spectra of the programme stars. The 

objectives of this work were as follows:

1. To make systematic use of the standard extraction software i u e d r  and thus ensure 

homogeneity and photometric accuracy in the resultant observational dataset;
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2. To maximise the signal-to-noise ratio in the available data with minimal degradation 

of spectral resolution;

3. To normalise the spectra with respect to the line-free continuum by using as system

atic and objective a procedure as possible.

The image editing, background contamination correction, and echelle ripple correction 

facilities within I U E D R  were used to advantage in the first stage of the reduction proce

dure. Particular care was devoted to excising photometrically corrupted pixels from the 

data images prior to  spectrum extraction which was itself carried out in a uniform and sys

tematic manner yielding an observational dataset of high internal consistency compared to 

the standard IUE  products. Possible problems with the background correction algorithm 

coded in I U E D R  were highlighted as was the absence of a ripple correction facility for long 

wavelength spectra.

In the second reduction stage, the technique of spectrum co-addition was employed in 

order to improve the signal-to-noise ratio of the observational data. Wavelength-dependent 

estimates of the random noise amplitude in the component spectra were used to calculate 

their statistical weights and the spectrum co-additions were carried out in a single pass in 

order to account for missing data. Accurate wavelength registration prior to co-addition 

was achieved through the use of cross correlation which was shown to be significantly 

superior to the conventional line-centroiding method.

In the final reduction stage, synthetic ultraviolet spectra were used to transform the co

added IUE  spectra to the laboratory (rest) wavelength frame. The synthetic spectra were 

then used to provide estimates of the flux blocking in identified regions of low line opacity 

in the observations, and the co-addded spectra were thereby normalised with respect to 

the line-free continuum. The high signal-to-noise composite ultraviolet spectra derived 

in this chapter form the basis of the Fourier analysis and abundance survey presented in 

chapters 3 and 7 to follow.
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Fourier A nalysis

j This chapter is concerned with the investigation of IUE  spectra using the techniques of
i

Fourier analysis. A discussion of theoretical and computational considerations is followed
i
I by an application of the techniques and codes developed to determine the random noise

content and instrum ental broadening of IUE  spectra, and the projected equatorial rota

tional velocities of selected programme stars.
I
I
1

3.1 Theory and C om putation

3.1.1 Introduction

The reader is referred to the following sources for the requisite background on Fourier 

analysis: Bracewell (1986) for a mathematical account of the Fourier transform and its 

applications; Brault & White (1971) for a discussion of time series analysis and its prac

tical application in astronomy; Gray (1976) for an eminently readable introduction to the 

application of Fourier methods in spectroscopic analysis; and Press et ai. (1986) for the 

computational aspects of Fourier transforms and power spectra.

3.1.2 The Fourier Transform  o f a Spectrum

In this subsection, an analytical approach is used to derive the expected form of the Fourier 

transform (FT) of an observed spectrum including the effects of sampling, windowing, and 

instrum ental and rotational broadening.
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The first step is to model the observational data  incorporating all relevant terms (ex

cluding noise) as follows

d(x)  = w ( x ) s(a;) i (x)  ® r ( i )  ® f ( x )  (3-1)

where f ( x )  is the intrinsic stellar spectrum (excluding any extrinsic broadening); r(x)  is the 

rotational broadening function (see, e.g., Gray 1976, pp. 394-399); i(x) is the instrum ental 

response function; s(ar) is the sampling (Shah) function which normally constitutes an 

infinite array of regularly spaced delta functions (see, e.g., Bracewell 1986, chapter 5); 

w(x)  is the window function (often taken to be a box); d(x)  is the resulting measured 

data array and x is the spatial variable (e.g., wavelength). The symbol ® in equation 3.1 

denotes convolution.

Using the convolution theorem, the FT of equation 3.1 can be written as

D U )  =  W ( f )  ® S ( f ) ® I U ) R U W ( f )  (3.2)

where uppercase symbols denote the F T ’s of their lowercase equivalents and /  is the 

frequency variable.

It is instructive to express the intrinsic stellar spectrum in terms of an arbitrary sum 

of spectral lines constituting the region under study. Each line is then characterised by 

a profile hj  (normalised to unity) and an amplitude aj  (essentially the equivalent width) 

thus

f ( x ) =  1 -  S  aj hj ( x ~ xi ) (3*3)
j

When working with continuum normalised spectra, it is conventional to subtract unity 

from the data before transforming—this removes the delta spike at the frequency domain 

origin associated with the constant amplitude continuum flux (and simplifies the subse

quent algebra!). Using the linearity property of F T ’s, the FT  of equation 3.3 can then be 

written as

F( f )  = Y ,c h H3( f y ’" 111 (3-4)
j

where the last term represents the phase associated with the relative shift of each line 

profile. This can be re-expressing in terms of a weighted mean line profile transform 

defined by
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The amplitude term in this expression (a7) weights the stronger line profiles whereas the 

exponential term  accounts for the spacing between spectral lines and leads to ‘noise’ or 

beating in the power spectrum (cf. Brault & W hite 1971). Since the la tter does not affect

the overall shape of the power spectrum, but rather the detailed point-to-point variation,

it will be treated as a constant here. Substituting this expression for the weighted mean 

line profile transform into equation 3.2 yields

D( f )  = const W ( f )  ® S ( f )  ® I ( f ) R ( f ) H ( f )  (3.6)

The FT of the sampling function s(x) with spacing A x  is another sampling function 

S ( f )  with spacing 1/Ax .  So, if the sampling rate satisifies the Nyquist criterion (i.e., it is 

at least twice the highest frequency present in the data), then the convolution with S( f )  

will not involve aliasing and we can confine our consideration to the remaining terms. The 

shape of the FT  is now determined by the forms of the transforms W (/) ,  / ( / ) ,  R( f )  and 

H{f ) .  A carefully chosen window function will have a narrow transform with minimal 

leakage. Therefore, the window transform W ( f )  simply determines the resolution limit in 

the frequency domain, not  the general shape of the FT. In such a case, the FT will be 

given by

D( f )  «  I ( f ) R ( f ) H ( f )  (3.7)

So, the FT is simply proportional to the product of the instrum ental function, rotation 

function and mean line profile transforms. The multiplications in equation 3.7 constitute 

filtering in the Fourier domain. Which function acts as a filter is entirely dependent on 

their relative characteristic widths in the spatial domain. If the mean line profile is sig

nificantly narrower than the instrumental function, and rotation is negligibly small, then 

the instrum ental profile acts as a filter in the frequency domain. This is the case for 

high resolution IUE spectra of slowly rotating (vsin i & lO km s-1 ) late-B stars which 

have very narrow intrinsic line widths in the UV: the thermal doppler width of a typi

cal metallic line is ~  0.01-0.04 A compared with the IUE  instrum ental function FWHM 

of ~  0.1- 0.2 A. In this case, the FT will largely reflect the shape of the instrum ental 

response function transform. Conversely, for stars with relatively high rotational broad

ening, (vs ini  30km s_1), the shape of the FT will be dominated by the transform of 

the rotational broadening function. This transform is characterised by ‘zeros’ (separating
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sidelobes) which can be used to derive rotational velocities from the Fourier domain if the 

instrumental response filtering is not restrictive (see, e.g., Gray 1976, pp. 402-405).

In this chapter, the properties of the Fourier transform described above are exploited 

to derive the effective resolution (i.e., instrum ental response function width) of the single 

and co-added spectra used in this study, and the projected rotational velocities of some of 

the stars. Although these parameters could, in theory, be derived by fitting line profiles 

to the data in the spatial domain, the extreme line blending in the UV region and the 

relatively low S / N  conspire to make this an impractical approach. These difficulties 

are circumvented by use of the FT, in which phase and amplitude information can be 

separated.

3.1 .3  The Pow er Spectrum

In this study, phase information in the FT is irrelevant and it is therefore convenient to 

work with the power spectrum  of the data (also known as the power spectral density or 

PSD) rather than the generally complex FT. The one-sided PSD of the function d(x)  is 

defined in terms of its transform D ( f ) by

P ( f )  =  |D ( / ) |2 +  \ D ( - f ) |2 0 < /  < oo (3.8)

The problem of PSD estimation has been given a very readable account by Press et ai. 

(1986), and their recommendations have been followed here.

In this work, the PSD estimator which has been adopted is the periodogram. The 

fast Fourier transform of the function dj with data window wj (the standard periodogram 

assumes this is unity) is defined as follows

N - 1

D k =  Y ,  d] W1 e'2*'jk/N  (3.9)
j =o

Note that this definition of the Fourier transform assumes Ax =  1 and tha t N  is an integer 

power of two. The equations for the periodogram are then given by

P(/o) = ^ P o l 2

P(A) =  ^ ( P l t l 2 +  \DN-kl2) t  =  l , 2 ...... ( i f / 2 - 1 )  (3.10)

P ( f c )  =  P ( f N/2) =  ^ \ D N/2)2
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where

A  =  N t e  fc =  0 4 ......... N / 2
N

W  =  N ^ w ?
j = 0

The discrete form of the Rayleigh-Parseval theorem shows tha t the PSD defined above 

is normalised so that the sum of the N/ 2  +  1 values of P  is equal to the mean squared 

amplitude of the function <fj, i.e.

n /2 n

k=0 j —0

3.1 .4  D ata  W indow s and Segm ental A veraging

In its standard form, the periodogram PSD estimator suffers from two serious drawbacks. 

Firstly, the expectation value of the periodogram estimate at any given frequency suffers 

from considerable leakage between adjacent frequency bins. This is a consequence of the 

use of a square window function in the spatial domain which diminishes in amplitude 

quadratically with frequency in the frequency domain. Secondly, the variance of the peri

odogram estimate at any frequency is always equal to the square of its expectation value 

at tha t frequency. This property is independent of the number of samples in the origi

nal function and the length of the function sampled—increasing either of these quantities 

proportionally increases the number of points in the periodogram.

The solution to  spectral leakage is to be found in data windowing. Essentially, by 

choosing an appropriate window function to be applied to  the data  in the spatial domain, 

it is possible to minimise the spectral leakage between bins in the frequency domain. Most 

window functions have the property that they rise from zero to a peak and fall again; 

Press et al. (1986) prefer the use of either the ‘Parzen’ or ‘Welch’ window functions. In 

this work, the Parzen window has been adopted as given by

j  - U N - 1 )
Wj  =  1  — (3.12)

K *  + !)
Note that this function is symmetric and reaches a peak amplitude of unity at its cen

tre; some workers prefer to adopt a window function which has a rise/fall time small in 

proportion to the total window width (e.g., 10%), although Press et  al. (1986) regard the
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advantages of these to be “minimal or nonexistent” (in practice, such functions squeeze 

some extra narrowness out of the main lobe of the leakage function at the expense of 

significantly widening the leakage tail).

Press et al. (1986) and Brault & W hite (1971) describe the segmental averaging pro

cedure which improves the variance of the periodogram estimates and helps overcome the 

loss of information involved in the application of a window function. This consists of seg

menting the data into K  segments of N  = 2 M  points, computing their periodograms and 

averaging them to obtain an improved PSD estimate at M  frequency values. It is optimal 

to choose these segments so that they overlap each other consecutively by one half their 

length. This scheme reduces the variance by a factor of 9K/11.

These techniques provide a highly efficient and effective means of computing the power 

spectra of spectroscopic data. In particular, the use of the Fast Fourier Transform (FFT) 

algorithm reduces the number of computational operations required enormously; the FFT  

is an 0 ( N \ o g 2 N )  process compared with 0 ( N 2) for the traditional discrete Fourier trans

form. The restriction tha t N  be an integer power of two for the FFT does not represent 

a significant obstacle for the application discussed here, particularly when used in conjuc- 

tion with the ‘segmental averaging’ scheme described above. However, the observational 

data must satisfy a number of im portant prerequisites to be susceptible to the form of 

analytical attack described here, and these are discussed in the following section.

3.1.5 B and-Pass and Sam pling

Fourier analysis of observational data is reliable only if the following fundamental condi

tions are satisfied: (1) the data  are high band-pass limited, and (2) the data are sampled 

at the Nyquist frequency or greater.

The high band-pass limitation is necessary in order that the signal can be completely 

represented by samples taken at a rate determined by the highest frequency present in the 

data (see Bracewell 1986, chapter 10). D ata recorded with real instruments (as opposed 

to abstract ideal ones) are normally band-pass limited by virtue of the finite instrum ental 

response or resolution. Obviously, the IUE  spectrographs impose a band-pass lim itation 

on observed spectra which is related to their finite spectral resolution. In addition to 

this, in some cases the signal might be expected to be intrinsically band-pass limited, i.e.,
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limited in its high frequency content. An example of such would be the spectra of rapidly 

rotating stars which are typically characterised by broad spectral features.

The sampling theorem demands that the observations are sampled at twice the high

est frequency present in the data—this is the ‘Nyquist’ or ‘critical’ frequency (see, e.g., 

Bracewell 1986, chapter 10). The limit on the highest frequency present in the data is 

imposed by both the finite resolution of the IUE  spectrographs and the presence of any 

rotational broadening in the spectra. The effective sampling rate depends on the width 

of the extraction slit used in the echelle order extraction and the size of wavelength step 

used to map the final spectrum, and is essentially determined by whichever is the greater.

The conventional interpretation of the sampling theorem in its application to spectro

scopic data is tha t the sampling interval should be less than, or equal to, half the FWHM 

of the instrum ental response function (IRF). Using this criterion, the effective sampling 

rate E(A) in Nyquist units is given by

H(A) = \ ------ Wmr^  ,  (3.13)
2m ax[w SUT(A),tyMAp]

where iuMap is the mapping interval, and wlKF and iuSl i t  are the wavelength-dependent 

widths of the IRF and the extraction slit respectively. Effective sampling rates for SW and 

LW spectra were computed using this expression by taking the IRF width from Boggess 

et al. (19786) and the image scale (to convert the extraction slit width from pixel to 

wavelength units) from Turnrose &: Thompson (1987). These calculations are illustrated 

in figure 3.1; they suggest that the data are satisfactorily sampled except at the extremes 

of the IUE  wavelength range. Note in particular that in SW spectra for A £  1400 A, 
the adopted mapping interval (0.05 A) is greater than the extraction slit width and is 

responsible for undersampling the data at A ^  1300 A.

This does not represent a severe restriction for the following reasons. Firstly, most 

of the useful information in the IUE  spectra of late-B stars is restricted to wavelengths 

greater than 1300 A; there is little flux below this wavelength, principally due to the 

presence of interstellar Lya, but also due to the intrinsic drop in emission in the far 

UV. Furthermore, any rotational broadening of stellar spectra will increase the effective 

degree of oversampling. Finally, these calculations quite possibly involve an underestimate 

of the IUE  IRF width; Boggess et ai.’s response function widths were determined from 

spectra of the Pt-Ne hollow cathode lamp used on-board the IUE  spacecraft for wavelength
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LW spectraSW spectra

1500 2000 2500 3000

X (A)

F ig u re  3.1: The effective sampling rates in Nyquist units E for S W  and LW  spectra 
as a function o f wavelength (continuous lines). For X & 1400 A, the mapping interval 
determines the effective sampling rate; the slit-determined value is shown as a dotted line.

calibration, and there is some evidence that the effective resolution in SW and LW stellar 

spectra is ~  10-25% and ~  20-25% poorer respectively (Cassatella& M artin 1982). This 

la tter point is investigated further in a study of the effective resolution of the co-added 

spectra.

3 .1 .6  FTSPEC

The concepts presented in the preceding sections were coded by the author in the form 

of a command-driven program ( f t s p e c )  which can compute power spectra of data which 

satisfy the conditions given above. This code is based on routines presented by Press et 

al. (1986), specifically their power spectrum estimation routine s p c t r m  and their FFT  

routine FOUR. In this subsection, a brief description of this code and its operation is 

presented.

FTSPEC’s basic mode of operation is to compute power spectra of consecutive con

tiguous ‘stretches’ of the user-supplied data stream. The length of the stretches can be 

specified to allow the user to investigate the large-scale variation of the PSD as a function
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of the independent variable (e.g., wavelength or time). A special option for IUE  spectra 

allows the data  to be analysed on an order-by-order basis (cf. i u e x c o r ;  §2.4.6). There 

are also user-selectable options to perform linear interpolation over missing data  points 

(e.g., due to bad pixels, saturation, fiducial marks, etc.), and to reduce each data stretch 

to a mean of zero prior to analysis. The la tter operation removes the delta-spike at the 

frequency domain origin associated with the contribution of the mean data amplitude to 

the Fourier integral—a particularly im portant facility because the action of leakage on this 

feature can significantly distort the remainder of the PSD (see, e.g., Press et al. 1986).

f t s p e c  makes one call to the power spectrum estimation routine SPCTRM for each 

stretch of data to be analysed, s p c t r m  reduces each stretch of data into K  overlapping 

segments of 2Af points each. It calls the FFT routine f o u r  K /2-times, each call with 

two partitions each of 2M  data points. Each FFT  returned by f o u r  is accumulated into 

the segmentally averaged power spectrum. This scheme conceals a particularly efficient 

computational expedient which uses one FFT call to compute the sum of two power spectra 

by treating the two partitions as the real and imaginary components of a complex function.

The number of points M  in the segmentally averaged power spectrum can be spec

ified by the user; experimentation with high resolution IUE  spectra indicated tha t the 

value M  = 64 is a satisfactory compromise between minimising the variance of the PSD 

estimation (which goes as M -1 ) and maintaining sufficient frequency resolution (which 

goes as M ). Through K , the variance in the PSD is also directly proportional to the se

lected length of each stretch; again, experiments with IUE  spectra indicated tha t a stretch 

length of ~  50 A is a good compromise between improving the variance in the PSD and 

maintaining information on its large-scale variation with wavelength. These parameters 

suggest tha t K  ~  14-15, yielding an improvement in the variance of the PSD by a factor 

of ~  11-12.

3.2 Fourier A nalysis o f Random  N oise

3.2.1 Introduction

This section concerns itself with the investigation of the noise characteristics of IUE  spec

tra , undertaken partly as a means by which to determine an appropriate weighting scheme
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for the co-addition process, and partly as an exercise of intrinsic interest in itself.

The noise characteristics of IUE  spectra have been investigated by numerous authors. 

Boggess et al. (19786) listed the following seven sources of noise in IUE  spectra:

1. Quantum noise in detected photoelectrons

2. Noise in individual ITF curves

3. Misalignment between ITF flat fields and images

4. Random noise in tube readout and telemetry

5. Pseudo-periodic noise from spacecraft subsytem (e.g., microphonics)

6. Noise in the pre-exposure pedestal level

7. Radiation background

The presence of photon noise (1) is fundamental irrespective of the detector design and is 

described by Poisson statistics. Photon noise is characterised by RMS amplitudes which 

are equal to the square root of the number of detected photons. Boggess et al. (19786) 

found tha t the measured 1 -a noise amplitudes in well-exposed IUE  spectra were generally 

a factor of two greater than the quantum noise expected from the number of detected 

photoelectrons.

Quite early in the study of IUE  data, it was recognised that there is a significant 

contribution to the noise content of spectra that is not random in origin (e.g., Clarke 

1981; Grady & ImhofF 1985). This source of noise was dubbed fixed pattern noise (FPN). 

The FPN is thought to be a consequence of the ITF problems alluded to in items (2) 

and (3) above. It has been the subject of some considerable investigation undertaken 

particularly with a view to developing appropriate schemes for its removal—the reader is 

referred to The GSFC Workshop Proceedings on this subject (Nichols-Bohlin 1988a, and 

references therein).

Readout and telemetry noise (4) are expected to constitute sources of random noise in 

IUE  spectra. Readout noise is partially due to errors in the placement of the readout beam 

induced by the target charge distribution; this is so-called ‘beam pulling’ (Holm 1982). 

Nichols-Bohlin (19886) concluded that electronic noise generated during image readout is 

certainly present, but at a low level compared with the other sources of random and fixed 

pattern noise.
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The characteristics of microphonics-type noise (5) have already been discussed; data 

contaminated by this phenomenon have been largely removed from the spectra studied 

in this work, although it must be recognised tha t some degree of low-level microphonics 

(typically present in SW images) might remain. Low-level microphonic noise is expected 

to degrade the photometric accuracy of affected pixels by inducing oscillations with am

plitudes which are comparable to the random noise.

Operation of the IUE  cameras involves pre-exposing the detectors with a null pedestal 

of constant amplitude constituting ~15% of saturation in the SPREP preparation se

quence. Photon noise in this zero-offset (6) contributes to the random noise content of 

IUE  spectra as a constant background and is obviously an im portant noise source for low 

exposure levels.

Radiation background noise sources (7) include internal tube noise due to thermal 

effects, phosphorescence in the image converter, and Cerenkov radiation entering the input 

window. However, such background noise is not normally a significant contributor to the 

IUE  spectra of bright stars (m s  £  6) due to their comparatively short exposure times 

(fexp £  30min.).

The sources described in items (1), (4), (6) and (7) can be taken to constitute sources 

of random noise. However, the remaining items are sources which are not manifested as 

random noise in IUE  spectra, although they can masquerade as such in any individual 

spectrum.

3.2 .2  N oise in the Spatial D om ain

A relatively straightforward method for measuring the random noise amplitude in spectra 

involves fitting a smooth function (usually a polynomial) to any region of spectrum which 

is suitably devoid of (narrow) spectral features. This is the approach most frequently used 

(e.g., West & Shuttleworth 1981; Adelman & Leckrone 1986). Unfortunately, this method 

is extremely limited in its application to the crowded UV spectra of sharp-lined B-stars 

as they do not possess the requisite line-free stretches of continuum; the RMS deviations 

from high order polynomial fits are dominated by the presence of numerous overlapping 

absorption lines. Furthermore, the sharp-lined spectra of the stars studied in this work 

present the additional complication that true spectral features and random noise have
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similar characteristic widths. This is not to say that these features are indistinguishable; 

indeed, visual inspection is sufficient to grade approximately the S /N  quality of these IUE  

spectra. The problem is to derive a rigorous quantitative assessment of the noise content 

of these data.

3.2.3 N oise in the Frequency D om ain

A procedure is required by which spectral line information and random noise can be sepa

rated. The observation tha t spectral line information and random noise are characterised 

by spatial frequencies which are similar—but sufficiently well-separated to distinguish 

visually—motivates investigation of their characteristics in the frequency domain.

Consider a measured signal d(x ) which consists of a true signal s(x) and random noise 

n (x ) such that

d(x)  =  s(:c) + n(x)  (3.14)

Using the linearity property of transforms, the PSD of this function can be written ac

cording to equation 3.8 as

P ( f )  = \ S( f )  + N ( f ) \ 2 + \ S ( - f )  + N ( - f ) \ 2 0 < /  < oo (3.15)

Neglecting the cross-terms in this expression (which constitute random deviations, i.e., 

noise, at each frequency), the following approximate relationship follows directly

P( f )  ~  P sU )  +  P M )  (3-16)

where

Ps( f )  =  |S ( / ) |2 +  | S ( - / ) P  (3.17)

P M )  =  |JV(/)I2 +  |JV (-/)I2

If the signal and noise functions are uncorrelated (this is practically the definition of ran

dom noise), the Rayleigh-Parseval theorem can be applied to these functions separately 

and independently because the cross-terms in equation 3.15 drop out exactly. An appli

cation of the discrete form of this theorem to the noise component of the data  according

to equation 3.11 yields

(
N / 2  \  k

(3-18)
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where PN)k is the noise component of the PSD and (n2)? is the RMS noise amplitude in the 

spatial domain. This is a fundamental relationship between the random noise amplitudes 

in each domain.

The really useful aspect of this analysis emerges as follows: if the signal sampling rate 

( 1 / Ax )  has been chosen to satisfy the Nyquist criterion, then the entire signal transform 

will be contained within f c = 1/2A x  (i.e., no aliasing). If, however, the sampling rate is 

greater still, the only non-zero amplitudes at frequencies f  > f c are due to noise. In such 

a case, it is possible to see the high frequency noise level in the Fourier domain. Given 

a model of how the noise amplitude varies with frequency, it would then be possible to 

apply equation 3.18 working backwards to determine the noise amplitude in the spatial 

domain.

3 .2 .4  The Pow er M odel

The frequency-dependence of random noise in real spectra is difficult to determine as 

we are restricted to measuring the amplitude of its high frequency component only. In 

practice, this does not represent an insurmountable problem because effectively all that 

is required by equation 3.18 is the mean noise power in the frequency domain. In the 

case of noise which is statistically constant with frequency (i.e., ‘white noise’), this is 

satisfactorily determined from the high frequency component. Alternatively, it is possible 

to take the behaviour of the noise in the high frequency (signal-free) region and extrapolate 

it back to low frequencies to compute an average, as illustrated schematically in figure 3.2. 

This approach is analogous to the classical ‘optimum filter’ technique used to reconstruct 

intrinsic line profiles from instrumentally smeared data in the deleterious presence of noise.

The functional form of the model used to separate the signal and noise components 

of the power spectrum largely depends on the characteristics of the data  under study. In 

the optimal filter application, the exact functional form of this model (especially the noise 

component) is not critical to  the success of the procedure (see, e.g., Brault & W hite 1971; 

Press et aI. 1986). For the application at hand, however, accurate and robust modelling 

of the power spectrum is essential. The most convenient approach for astronomical data 

is to fit the square-root of the power spectrum (the ‘amplitude spectrum  ’) with a model 

(the ‘power m odel’) which has a functional form determined by the intrinsic properties of
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Signal

F r e q u e n c y

F ig u re  3.2: A schematic diagram o f the power spectrum o f a signal plus noise showing 
a signal peak on a ‘pedestal’ o f slowly-varying noise. The tall component o f the noise can 
be modelled and extrapolated into the low frequency region as shown.

the data and the instrum ent/detector combination.

Brault & W hite (1971) fitted amplitude spectra of KPNO data with a composite 

model of two distinct Voigt function transforms to represent intrinsic stellar and telluric 

line profiles, plus a constant amplitude noise. Barylak’s (1982) comparative investigation 

of the S /N  of IUE  LWR and LWP spectra made use of a relatively crude model comprising 

a linear fit to the logarithm of the amplitude spectrum (i.e., a simple power law) over the 

low frequency half of the Nyquist interval, plus constant amplitude noise. Deleuil & Viton 

(1990) have recently applied the optimal filter technique to IUE  spectra using a rather 

sophisticated model: they employ the product of Voigt and Gaussian function transforms 

to represent intrinsic line profiles and intrumental broadening respectively, and a constant 

amplitude term to represent underlying random noise. However, they found tha t the noise 

component of IUE  spectra is not satisfactorily represented by a constant amplitude in the 

frequency domain and, arguing that this is a consequence of smoothing of the data during 

rebinning in the reduction stage, they multiplied their entire power model by a sine2 filter 

function.
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The amplitude spectra used in this study were fitted with a large variety of models 

leading to the eventual adoption of the following four-parameter model which has the 

requisite combination of generality of application and robustness:

P z ( f )  = [ae +  a] x |sinc(x/6)| (3.19)

where a  is the amplitude and f3 the ‘dispersion’ (in frequency units) of the Gaussian 

function representing the signal transform, a is the constant amplitude (white) noise com

ponent, and b is the full width (in wavelength units) of the spatial smoothing window (a 

sine function in the frequency domain). The Gaussian function provides an excellent model 

for the signal amplitude which is strongly filtered by the IUE  IRF. Trials were conducted 

including an additional Voigt profile transform term to account for the intrinsic mean 

stellar line profile; its contribution was found to be negligible in all cases investigated (the 

intrinsic line widths are so narrow that their transforms are significantly broader tha t the 

Nyquist interval). Even for the amplitude spectra of the few programme stars with signifi

cant rotational broadening, satisfactory fits can be obtained. The sine function represents 

the transform of a square window and is included to account explicitly for pre-smoothing 

of the spectra by the numerical extraction slit used in IUEDR (cf. §3.1.5).

Two measures of the noise amplitude in the frequency domain suggest themselves: (1) 

the best fit value of a assuming that the original noise distribution in the data is white 

(i.e., the ‘pre-smoothing’ noise amplitude), and (2) the noise function a sine ?r6/ assuming 

tha t the spatial smoothing of the data is well represented by a sine function (i.e., the ‘post

smoothing’ noise amplitude). Method (1) is a measure of the original noise amplitude in 

the data and is largely independent of any filtering properties (intentional or otherwise) 

of the extraction software; it therefore provides a useful diagnostic of the intrinsic noise 

characteristics of the detector/data. Method (2) is a measure of the residual or ‘true’ noise 

amplitude in the data, and is therefore more closely related to its spatial domain analogue 

(i.e., the RMS measure described in §3.2.2).
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3.2.5 Error A nalysis

Correct weighting of the data points in the power spectra is critical for successful fitting. 

The variance o 2 of the modified power spectrum estimate at a frequency /  is given by

where (P ( f )) is the expectation value of the power spectrum estimate at tha t frequency 

and K  is the number of segments used in computing the PSD (see Childers 1978; Press et 

a1. 1986). The standard deviation of any point in the power spectrum may therefore be 

written as ^

AP(f) = (t t ) 2 (p(/)> (3-21)
From a straightforward application of propagation of errors theory, it follows tha t the 

uncertainty of any point in the amplitude spectrum is given by

AP*(/) = f  ( t t ) ’ <p (/)>* <3-22)

In practice, errors can be calculated for any individual amplitude spectrum using 

equation 3.22 by making the approximation (P ( f )) «  P(f ) -  However, this assumption 

leads to a subtle systematic error in the lea.st-squa.res fitting because it preferentially 

weights data points with negative residuals (i.e., those for which the expression above yields 

an erroneously low standard deviation). This bias results in systematically underestimated 

amplitudes for best-fit functions (cf. discussion in Bevington 1969, chapter 12). An elegant 

solution to this problem can be effected by using the approximation given above to compute 

a preliminary fit to the data, computing a new set of errors for each data, point using the 

best-fit function values at each abscissa, and finally recomputing the fit. This procedure 

can be iterated if necessary; it works because the fitted function provides a better estimate 

of the expectation value at each abscissa, than the actual power spectrum estimates.

Note that the form of error specified by equation 3.22 increases the relative contribution 

to x 2 of the low amplitude data points in the power spectrum, and therefore emphasises the 

noise-dominant region in which we are particularly interested. This approach to weighting 

the noise-dominant region has the advantage of being more statistically rigourous than 

that of Brault &; W hite (1971) which minimises the error in the ratio of the fitted function 

and data to achieve essentially the same goal.
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3 .2 .6  RAYPAR

A signal-to-noise estimation code call r a y p a r  (from Rayleigh-Parseval theorem) was de

veloped around the power spectrum routines described in the previous section. It uses 

Bevington’s (1969) non-linear least-squares routine c u r f i t  to fit equation 3.19 to ampli

tude spectra by simultaneous optimisation of all four parameters ( a ,  /?, a  and 6 ) .  c u r f i t  

is an implementation of the ‘M arquardt gradient-expansion’ algorithm (M arquardt 1963) 

which combines the best features of gradient search with linearization of the fitting func

tion using a factor (‘A’) to control interpolation between these two extremes. It was 

compared with the Press et ai. implementation of this algorithm ( m r q m i n )  and found 

to be superior in its ability to find global minima from approximate starting parameters. 

Note, however, tha t a potentially serious deficiency in the coding of CURFIT is tha t it can 

produce incorrect values for the standard deviations of the fitting parameters if the user 

does not ensure tha t the interpolation factor (A) is zero, or negligibly small, when they 

are computed (although A is generally small when c u r f i t  converges, it can be driven to 

high values by a few unintentional extra iterations).

r a y p a r  adopts starting values for the parameters a ,  /? and a  from readily calcu

lable features of the amplitude spectra (e.g., minimum and maximum amplitudes and 

approximate frequency at half maximum). For param eter 6, it uses the full width of the 

IUEDR extraction slit (cf. §3.1.5) as a starting value. The least-squares routine CURFIT  

is called iteratively until the convergence criterion of A \ 2/ x 2 < * is satisfied (typically, 

6 = 10-4-10-5 ). The total noise power in the frequency domain (pre- and post-smoothing) 

is computed by summation, and the RMS noise amplitude in the spatial domain is deter

mined by a subsequent application of the Rayleigh-Parseval theorem according to equa

tion 3.18. Finally, the signal-to-noise ratio is calculated by taking the ratio of the mean 

signal amplitude (computed in the spatial domain for the region of interest) to the RMS 

noise amplitude. Uncertainties are carried through the calculations by the appropriate 

application of propagation of errors theory; this provides an estimate of the statistical 

uncertainty on the derived S / N.  Various other useful and/or interesting quantities are 

determined including the FWHM of the signal in both domains (related to the width of the 

IRF for sharp-lined stars), the transition frequency at which noise dominates signal in the 

power spectrum (may be compared with the Nyquist frequency to evaluate the adequacy
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of sampling), and the ratio of the best-fit value of b to the starting value (measure of the 

reliability of the ‘sine model’ and/or presence of any extraneous sources of smoothing in 

the data).

r a y p a r  was comprehensively tested in a series of trials using high resolution synthetic 

spectra contaminated by Gaussian random noise. The noise RMS amplitudes were selected 

to cover a range of S / N  of potential astrophysical interest. Tests were conducted using 

both white and red noise. For white noise, Gaussian random deviates were added point- 

by-point to the synthetic spectra, and the sine term in equation 3.19 was set to unity. 

For red noise, power spectra of synthetic data plus white noise were filtered using a sine 

function appropriate for the transform of i u e d r  extraction slit, and all four parameters 

of equation 3.19 were optimised. This was found to be the only satisfactory method 

for generating red noise of the type required; the more direct approach of numerical 

convolution with a slit function does not produce satisfactory results because of the need to 

resample the noisy synthetic data at various stages in the calculation, thereby introducing 

extra unwanted smoothing.

A total of ten trials were completed for each combination of S / N  and noise type. In 

each case, r a y p a r  was used to determine the S / N  in the synthetic spectra in consecutive 

intervals of 50 A over the entire usable wavelength ranges of the SW and LW cameras (i.e., 

longward of Lya). The mean S / N  was calculated for all trials with a given combination 

of S / N  and noise type in each wavelength interval. A selection of these results which 

is of particular relevance to typical IUE spectra is illustrated in figure 3.3. This figure 

demonstrates tha t the algorithm is accurate over the ‘param eter’ range of interest (10 ^  

S / N  & 30). Note, however, the relative decrease in the performance of the code with 

decreasing wavelength and increasing S / N.  At shorter wavelengths, the noise amplitude 

at a given S / N  becomes less well-defined due to the associated decrease in the effective 

sampling rate in the data (cf. figure 3.1). At higher values of S / N,  the noise amplitude at 

a given wavelength becomes less well-defined due to its associated decrease with respect 

to the signal amplitude. In both cases, there is a shift to higher frequencies of the noise- 

dominant region of the power spectrum which can only be compensated by the requisite 

increase in the sampling rate. Note also the relatively greater scatter for the red noise 

trials over those with white noise. This is primarily caused by the loss of random noise
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information due to the high-frequency filtering action of the sine function, but is also 

related to the decrease in stability in the power model with the introduction of an extra 

free parameter (6).

The performance of the code over a wide range of noise amplitudes is further illustrated 

in figure 3.4 where the logarithms of the mean S / N  computed over all trials and wavelength 

intervals are plotted against the ‘true’ values. At moderate S / N , the limited sampling rate 

becomes a severe problem for the reasons stated above, and therefore the SW calculations 

were restricted to A > 1600 A. The performance of the code with synthetic IUE  data  of 

very low noise amplitudes is only of academic interest; a more valid test in this range of 

S / N  would make use of highly-sampled/higher resolution spectra (e.g., to simulate HST 

observations). The results are presented in detail in table 3.1. They suggest tha t, on 

average, r a y p a r  tends to overestimate the signal-to-noise ratio by ~  1 - 1 0 %  in the S / N  

range of interest, and to a greater extent at higher values. This is a restriction of the 

limited sampling rate of the synthetic IUE  data (which is in turn compounded by the 

red frequency distribution of the noise); at higher values of S/1V, a larger fraction of the 

spectrum is relatively undersampled and it becomes increasingly difficult to separate the 

signal and noise amplitudes in the frequency domain.

3.2 .7  A pplication  to IU E  Spectra

All of the IUE  spectra reduced as part of this study were analysed using RAYPAR to derive 

S / N  values for co-addition weighting (cf. §2.5.4). In this subsection, results are presented 

from a detailed investigation of nine SW and eleven LW spectra of a  Lyr.

3.2.7.1 Performance of the Power Model

There are two im portant but subtle points regarding the application of the power model 

to real IUE  spectra. Firstly, it does not provide a satisfactory description of amplitude 

spectra at low frequencies; this region is dominated by oscillations in the data on scale 

lengths significantly greater than those that characterise spectral lines (e.g., continuum 

variations, echelle ripple, etc.). Added to this is the complicating factor of the presence 

of a ‘delta-spike’ at the frequency domain origin due to the contribution of the mean 

signal to the Fourier transform integral. While this spike is substantially attenuated by
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F ig u re  3.3: Tests o f the signal-to-noise estimation code using synthetic spectra contami
nated with white noise (filled circles) and red noise (open circles) showing the performance 
as a function o f wavelength for (a) S W  spectra and (b) LW  spectra. Each point is the 
mean o f ten trials. Dashed lines represent true values.
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inated with white noise (filled circles) and red noise (open circles) showing the accuracy 
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T ab le  3.1: Results from tests o f the signal-to-noise estimation code RAYPAR using syn
thetic spectra contaminated with random white and red noise.

S /N  White Noise Red Noise
Short Wavelength Long Wavelength Short Wavelength Long Wavelength

1 0.90 0.32 0.80 0.41 1.04 0.24 0.97 0.22
2 2.03 0.07 2.01 0.30 2.08 0.22 2.01 0.25
3 3.02 0.33 3.04 0.23 3.08 0.27 2.99 0.36
4 4.07 0.12 4.04 0.31 4.10 0.36 4.01 0.30
5 5.08 0.14 5.05 0.30 5.17 0.50 5.03 0.36
7 7.11 0.20 7.07 0.47 7.29 0.59 7.05 0.35

10 10.2 0.29 10.2 0.33 10.5 0.91 10.1 0.52
20 20.5 0.62 20.4 0.69 21.9 2.4 20.6 1.3
30 31.0 0.98 30.7 1.1 33.9 4.3 31.2 2.0
40 41.5 1.3 41.1 1.4 45.8 5.6 41.9 2.9
50 52.1 1.7 51.5 1.8 58.7 8.1 52.7 3.8
70 73.3 2.5 72.3 2.6 84.1 13 74.6 5.8

100 105 3.6 104 3.9 124 22 108 9.1
300 317 14 313 13 385 79 332 37
500 525 23 520 23 606 200 557 79
700 724 34 724 33 860 360 784 120

1000 1000 59 1020 50 1160 520 1090 204

N otes for Table 3.1: The mean S /N  and its standard deviation are given for each combination o f noise 
type and wavelength range. The wavelength ranges SLdopted for these trials were 1600 < A (A) < 2000 
(SW ) and 2000 < A (A) < 3250 (LW).

subtracting the mean signal from the data prior to taking the FFT (cf. §3.1.6), a low 

amplitude discontinuity (smeared by leakage) inevitably remains. Secondly, the ‘true’ 

sampling frequency is not necessarily defined by the spatial bin width; in the case of IUE  

spectra, the data are resampled onto a regular wavelength grid at a rate which is generally 

greater than the true sampling frequency (cf. §§2.3.6, 3.1.5). Consequently, the effective 

Nyquist interval is somewhat shorter than that over which the power spectra are computed, 

with data points beyond this interval effectively corresponding to an extrapolation in the 

frequency domain. In practice, both of these difficulties were overcome by fitting the 

power model to a restricted frequency range with lower limit specified by the characteristic 

frequency for continuum variations ( /  £  0.5 cycles A-1 ) and upper limit specified by the 

true sampling rate (cf. equation 3.13).

The mean reduced x 2 f°r the power model fits were 1.1±0.4 (s.d.) and 1.1±0.5 (s.d.) for 

the SW and LW spectra respectively, suggesting tha t the power model specified by equa

tion 3.19 provides a statistically satisfactory description of the data within the restricted
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T ab le  3.2: Parameters derived from examples o f the best-fit power models for selected 
IUE spectra o f a  Lyr.

Parameter (units) SWP3414 LWR7585
(AA1550-1600) (AA2300-2350)

N 54 39
x l 0.99 0.77
<T (FN s ' 1) 3.07 7.85
a (FN s ' 1) (2.87 ±0.21) x 101 (1.51 ±0.14) x 102
0 (FN s ' 1) 2.77 ±0.20 1.57 ±0.11
a (F N s '1) (1.07 ±0.11) x 101 (3.69 ±0.27) x 101
b (A) (6.88 ±0.65) x 10 '2 (1.08 ±0.06) x 1 0 '1
Wj (cycles A-1) 4.62 ±0.34 2.62 ±0.18

(A) (1.91 ±0.14) x 1 0 '1 (3.37 ±0.23) x 1 0 '1
t^ S L IT (A) 5.72 x 1 0 '2 7.92 x 1 0 '2
f*SLIT 1.20 ±0.11 1.36 ±0.07
fc (cycles A-1) 8.75 6.31
f t (cycles A-1) 5.63 3.28
« (FN s ' 1) (6.41 ±  1.66) x 102 (3.17 ±0.53) x 103

(n2) ^ (F N s '1) \f (8.53 ±  0.85) x 101 
L (6.85 ±  0.75) x 101

(2.95 ±0.21) x 102 
(1.93 ±0.17) x 102

S /N * 1r  7.5 ±0.8 10.7 ±0.8
1I 9.4 ±1.0 16.4 ±1.4

N otes for Table 3.2: N  is the number o f points in the fit. &nd o are the reduced chi-square and 
standard deviation for the fit respectively, a, /?, a and b are the parameters o f the power model (cf. 
equation 3.19). w j and w, are the full-width half-maxima o f the gaussian component o f the power model 
in frequency and spatial units respectively, wslit is the i u e d r  extraction slit width (cf. §3.1.5) and rslit 
is the derived slit ratio (iuslit/&)- fc is the effective Nyquist frequency (1/2iuslit) and f t is the transition 
frequency at which the signal amplitude becomes less than 1% o f the total model amplitude, (s) and 
(n2)$ are the mean signal and RMS noise amplitudes respectively. S /N  is the derived signal-to-noise ratio 
((s)/(n2) i ). * Values given are ‘pre-smoothing’ and ‘post-smoothing’ respectively.

Nyquist interval. Typical examples of best-fit power models for two 50 A segments of 

spectra SWP3414 and LWR7585 are illustrated in figure 3.5, and the parameters derived 

from these fits are given in table 3.2.

In figure 3.6 the mean ‘slit ratios’ (i.e., the ratio of the best-fit parameter b to the i u e d r  

default extraction slit width) for SW and LW spectra of a  Lyr are plotted as a function 

of wavelength. They are compared with the mean slit ratios derived from the tests of 

r a y p a r  using synthetic spectra contaminated with red noise (cf. §3.2.6) to provide an 

indication of the intrinsic reliability of the code. The slit ratio is approximately constant 

as a function of wavelength with mean values of 1.3 ±0.1 (s.d.) and 1.4 ±0.1 (s.d.) for SW 

and LW spectra respectively. These results imply that there are sources of smoothing in
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the i u e d r  reduction chain additional to that due to the extraction slit sampling accounted 

for explicitly in the power model. The most likely source is the resampling involved in the 

spectrum mapping stage (cf. §2.3.6).

3 .2 .7 .2  S ignal-to -N oise  E stim a tio n

Examples of the post-smoothing S /N  in SW and LW spectra of a  Lyr are plotted as 

a function of wavelength in figure 3.7. Note tha t saturation in SWP4815 leads to large 

uncertainties in the S /N  estimates at A 1800 A (as reflected by the propagated errors 

for these points). Note also the characteristically poor S /N  a t A ^  2500 A for LWP4836 

compared with LWR4154 and LWR8629; this is evidence of the inferior performance of 

the LWP camera at short wavelengths in agreement with the findings of Barylak (1982). 

For the cases of both SW and LW spectra, the S /N  estimates from RAYPAR fall in the
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F ig u re  3.7: Examples o f signal-to-noise ratios (post-smoothing) plotted as a function 
o f wavelength for (a) SWP4815 (triangles), SWP9918 (squares) and SWP24504 (circles), 
and (b) LWR4154 (triangles), LWR8629 (squares) and LWP4836 (circles). (Note that the 
points for each spectrum are joined for clarity o f presentation.)
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range expected for IUE  spectra (i.e., 0 £  S /N  & 30; cf. Boggess et al. 19786).

A preliminary investigation of the intrinsic noise properties of IUE  spectra was under

taken by computing the pre-smoothing S /N  of the SWP and LWR spectra of a  Lyr. The 

corresponding mean signal amplitudes in FN /s were converted to mean number of detected 

photons using the appropriate exposure times, and the wavelength-dependent DN-to-FN 

ratios and mean number of quantum events per DN given by Bohlin et al. (1980). These 

results are presented in figure 3.8 where they are compared with ‘theoretical’ S /N  curves 

computed for the cases of pure photon noise, and photon plus background noise.

The pure photon noise curve was computed directly from the square-root of the num

ber of detected photons—this provides a theoretical upper limit on the potential S /N  

achievable using any detector. Note that virtually all of the points in figure 3.8 lie below 

this upper limit. This is in accordance with the observation of Boggess et al. (19786) 

and Bohlin et al. (1980) that only in the most favourable cases is the quantum limit 

approached.

A better estimate of the expected S /N  is provided by including the contribution of 

background noise (the source of which is primarily independent electronic noise in the 

SPREP ‘pedestal’ exposure). Estimates of the background noise amplitudes in the a  Lyr 

spectra were obtained from signal-free regions (1100 & A (A) & 1250) in the SWP data, and 

from low-signal regions (1870 £  A (A) & 1930) in the LWR data. Corrections were made 

for the contribution of photon noise to the measured total noise amplitude in the LWR case. 

The mean RMS amplitudes were found to be 18±7 photons (s.d.) and 17±4 photons (s.d.) 

for SWP and LWR spectra respectively. For simplicity, the background noise amplitudes 

was assumed to be constant across the IUE  detectors. In practice this is unlikely to 

be strictly valid and may indeed account for the large scatter in the data observed in 

figure 3.8.

Theoretical S /N  curves were calculated by quadratically combining the background 

noise (assumed to be uniform over the detector) with photon noise, and degrading by 

~  8% to account for noise in the UVC phosphor/SEC photocathode interface (Bohlin et 

al. 1980). These curves show good agreement with the measured data over the lower half 

of the dynamic range of the detectors (particularly so for the SWP spectra). However, at 

higher signal amplitudes, the measured S /N  falls significantly below the expected upper
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F ig u re  3.8: Signal-to-noise ratios (pre-smoothing) plotted as a function o f signal in 
photon units (circles) for (a) SW P spectra, and (b) LW R spectra o f a  Lyr compared with 
theoretical curves for the cases o f pure photon noise (continuous lines) and photon plus 
background noise (dashed lines).
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limit. Although the data are sparse, the measured S /N  appears to ‘saturate’ and tail-off to 

constant values: these are 28 ±  5 for 5  % 1800 photons and 14 ±  2 for 5  £  900 photons for 

SWP and LWR spectra respectively. In both cases, this represents a significant departure 

from the photon noise law. This property is reminiscent of th a t observed by West & 

Shuttleworth (1981) in their study of the reduction of noise in co-added IUE  spectra. A 

direct comparison with their results is desirable in view of the fact tha t their study made 

use of an early version of IUEDR Careful measurements were made of the limiting noise 

amplitudes presented in figures 3 & 4 of their paper. Allowing for wavelength-dependent 

smoothing factors by assuming a mean slit ratio of ~  1.3-1.4 (cf. figure 3.6), these translate 

to signal-to-noise ratios of ~  27 ±  6 and 19 ±  3.

The most probable source of noise at these high signal amplitudes is the FPN, since 

its relative contribution to the total noise amplitude increases with decreasing random 

noise amplitude. Comparison of the limiting S /N  derived here for single spectra with 

those for co-added spectra from West & Shuttleworth’s study suggests tha t at the highest 

exposure levels the FPN is dominant in SWP spectra, but tha t for LWR spectra random 

noise is still a significant contributor. Quadratically subtracting the full noise models 

(dashed lines in figure 3.8) from the measured S /N  yields residual RMS noise amplitudes 

of 3 ±  1 % (s.d.) and 7 ±  1 % (s.d.) for SWP and LWR spectra respectively. These values 

are comparable with the mean RMS amplitude of 6 % derived for the FPN by Adelman & 

Leckrone (1986), especially when the uncertainties in the analysis and differences in the 

respective extraction codes used are taken into consideration.

3.3 Fourier Analysis o f Instrum ental Broadening

3.3.1 Introduction

In this section, the techniques of Fourier analysis described in this chapter are used to 

investigate the effective spectral resolution of single and co-added IUE  spectra. The results 

from this investigation are, in the first instance, compared with published values and used 

to  establish the reliability of the wavelength co-registration process detailed in §2.4. They 

will also see later application in the use of spectrum synthesis to model observed spectra 

and derive elemental abundances.
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3.3.2 M easurem ent o f  the IU E  IR F

Numerous assessments of the spectral resolution of high dispersion IUE  data  have been 

published (see the review by Turnose & Thompson 1987). Most of these studies have relied 

on investigation of the Pt-Ne spectra normally used for wavelength calibration purposes 

(see, e.g., Boggess et al. 19786; Penston 1979; Cassatella & Martin 1982; Imhoff 1984). 

These Pt-Ne spectra are exposed exclusively through the small apertures which are uni

formly illuminated by on-board hollow-cathode discharge lamps. The general applicability 

of these results to object spectra (either SAP or LAP) is, however, questionable. For ex

ample, Cassatella & M artin (1982) noted that stellar spectral lines are ~  10-25% and 

~  20-35% broader than Pt-Ne lines for SWP and LWR spectra respectively, although 

Evans & Imhoff (1985) have since suggested tha t this is due to the intrinsic width of 

the lines used in their study. Furthermore, Penston (1979) presented evidence that the 

spectral resolution of large aperture (LAP) spectra is poorer than that for small aperture 

(SAP) spectra by ~  1% and ~  9% for the SWP and LWR ranges respectively. Finally, 

Imhoff (1984) has shown that the new generation of IUESIPS software (which samples at 

twice the ‘old’ rate) yields an increase in the resolution of extracted LWR spectra by 

~  15%, opening to question the validity of such results for data processed with different 

reduction codes (e.g., to what extent do i u e s i p s  and i u e d r  differ, if any, in the degree to 

which they smooth extracted spectra?). Other variables enter the equation, in particular 

observation or time dependent variations in the telescope/camera focus and camera head 

temperature.

A new and rigourous analysis of the spectral resolution of IUE  spectra is therefore 

warranted. While the spectra examined in this thesis present good subjects for such an 

investigation by virtue of their low rotational broadening and intrinsically narrow lines, the 

high line-density and paucity of available atomic data prohibit the use of a ‘conventional’ 

line fitting approach. An alternative approach to this problem is described in the following 

subsection.

3.3 .3  Fourier R econstruction  o f the IR F

Fourier analysis provides a very effective, if somewhat indirect, means of reconstructing 

the true IRF from observational spectra. Referring to the discussion of §3.1.2, and in
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particular to equation 3.2, it is immediately obvious tha t the FT  of the IRF can be derived 

by dividing the FT of the observed data by tha t of the intrinsic spectrum (allowing, of 

course, for the presence of any rotational broadening), viz.,

/ ( / )  oc D ( f ) / R ( f ) F ( f )  (3.23)

In practice, high resolution synthetic spectra provide an excellent substitute for the 

‘true’ intrinsic spectrum because it is the thermal width of the spectral lines which is the 

dominant feature in shaping the power spectrum—the line amplitudes play a secondary 

role, as does their ‘spatial’ distribution which tends to dominate the behaviour at low 

spatial frequencies. By choosing spectra of objects with very low vsin i (e.g., £  5 k m s-1 ), 

the rotational broadening term in equation 3.23 can be neglected (R ( f ) «  1). Finally, 

the highly effective power spectrum techniques described in §3.1 can be applied, yielding 

amplitude spectra (rather than traditional F F T ’s) of relatively high statistical quality.

Demonstration of the efficacy of this approach to IRF reconstruction proceeds, as 

before, by way of numerical simulation using synthetic spectra. For these calculations, 

the IRF was assumed to be a Gaussian with a wavelength-dependent FWHM as given by 

Boggess et al. (19786). The analysis relies on the self-transform property of Gaussians: a 

Gaussian of FWHM wa transforms to another Gaussian with FWHM Wf given by

4 In 2 1 0.8825
Wf = -----------« ----------  (3.24)

7t wa wa

The high resolution synthetic spectra described in chapter 5 were mapped onto a 

uniform wavelength grid at intervals of 0.001 A, and were degraded in resolution by convo

lution with Gaussians of appropriate FWHM. These spectra were then resampled onto the 

same wavelength grid as the observations, i.e., at intervals of 0.05 A. Power spectra of the 

high resolution and degraded synthetic spectra were computed over consecutive stretches 

of 50 A and 100 A for the SW and LW ranges respectively. For each wavelength stretch, 

the degraded amplitude spectrum was divided by the high resolution amplitude spectrum, 

and the resultant fitted with a Gaussian plus linear background using the ELF routines in 

d i p s o  (Howarth & Murray 1990). The FWHM of the best-fit Gaussians were converted 

from frequency units (i.e., cycles A-1 ) to spatial units (i.e., A) using the relationship given 

in equation 3.24.
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F ig u re  3.9: Tests o f the Fourier analysis method for recovery o f the instrumental response 
function full-width-half-maximum from synthetic spectra convolved with a Gaussian func
tion. The derived FW H M  for synthetic S W  spectra ( triangles) and LW  spectra (squares) 
are compared with the true FW HM  (continuous line) as a function o f wavelength. The 
error bars are the propagated uncertainties on the best fit FWHM.

The results from this test are illustrated in figure 3.9 which demonstrates tha t this 

approach to IRF reconstruction is, for the ‘ideal’ case at least, highly accurate. However, 

the presence of noise in ‘real’ observations has a significant and deleterious effect. The 

cause of this is the division in equation 3.23 which tends to amplify any noise present at 

high frequencies (i.e., where the transform of the intrinsic spectrum is of low amplitude). 

Numerical experimentation suggests tha t, for the case at hand, this can lead to a system 

atic increase in the inferred IRF FWHM by ~  10-20 % in the spatial domain. This effect 

can be circumvented by either high-pass filtering the transform or restricting the fit to 

low frequencies (e.g., /  & 5 cycles A-1 ).

3.3.4 A pplication  to  IU E  Spectra

In nearly all cases examined, the reconstructed IRF amplitude spectra for IUE  data were 

found to be well-described by Gaussians ( x l  ~  1), although other functional forms can not
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F ig u re  3.10: Example o f the reconstructed amplitude spectrum o f the instrumental 
response function for LWR2756 (XX2400-2500) showing the best-fit Gaussian plus con
stant amplitude background. The FW HM  is 4.49 ±  0.13 cycles A-1 which transforms to 
0.197 ±  0.006 A in the spatial domain.

be precluded. Past work on the cross-dispersion PSF supports a Voigt function form (e.g., 

de Boer, Preussner & Grewing 1982; Bianchi Sz Bohlin 1984; Gehren & Ponz 1986) which, 

if applicable to the dispersion axis, could have significant consequences on equivalent width 

measures (see, e.g., Griffin 1969). An example of a reconstructed IRF amplitude spectrum 

and best-fit Gaussian is presented in figure 3.10. Note th a t, unlike the idealised test case of 

synthetic spectrum plus white noise described above, the high-frequency noise-dominant 

region of this amplitude spectrum has not been grossly amplified; this is due to the intrinsic 

decrease in noise amplitude with frequency in IUE  spectra (i.e., they are already high-pass 

filtered by the extraction software!).

The Fourier reconstruction method described above was applied to single small aper

ture spectra of 112 Her (SWP3990 and LWR2756) for which usin i ~  4 k m s-1 (Guthrie 

1984), and large aperture spectra of HR7775 (SWP6884 and LWR5849) for which v sin i ~  

Okms-1 (Guthrie 1984; cf. chapter 6). These results are presented in figure 3.11 where 

they are compared with published measurements of the IRF width. The data generally
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F ig u re  3.11: The full-width-half-maximum o f the effective instrumental response func
tion plotted as a function o f wavelength for (a) small aperture spectra SWP3990 (trian
gles) and LWR2756 (squares), and (b) large aperture spectra SWP6884 (triangles) and 
LWR5849 (squares). These results are compared with the FW HM  given by Boggess et al. 
(1978b; continuous line), Cassatella <£r Martin (1982; dashed line), and Jacobs & Dworet- 
sky (1982; dotted line).
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F ig u re  3.12: The full-width-half-maximum o f the effective instrumental response func
tion plotted as a function o f wavelength for (a) small aperture, and (b) large aperture 
co-added SW P (triangles) and LW R (squares) spectra. These results are compared with 
the FW H M  given by Boggess et al. (1978b; continuous line).

121



Chapter 3

find best agreement with those due to Boggess et al. ( 1 9 7 8 6 )  over the SWP range, and fall 

between their results and those of Cassatella & Martin ( 1 9 8 2 )  for a substantial fraction 

of the LWR range. A slight increase in FWHM with wavelength is implied for the LWR 

spectra, in agreement with the more recent findings of Imhoff ( 1 9 8 4 ) .  The ratios of large 

to small aperture widths are 1 . 0 0  ±  0 . 0 6  and 0 . 9 9  ±  0 . 0 6  for the SWP and LWR spectra re

spectively, in partial contradiction with Penston’s ( 1 9 7 9 )  early work (see § 3 . 3 . 2 ) .  Weighted 

least-squares fits to the combined SAP and LAP results yield the following approximate 

expressions for the FWHM:

w S W p «  ( - 0 . 0 9 3  ± 0 . 0 0 3 ) +  ( 1 . 5 1  ±  0 . 0 2 )  x 1 0 “ 4 A (A)

WLWR «  ( + 0 . 1 4 9  ±  0 . 0 0 3 )  +  ( 1 . 8  ± 0 . 1 )  x 1 0 “ 5 A (A)

Finally, it is instructive to examine the effective spectral resolution in the co-added 

spectra, the preparation of which was described in chapter 2 . Derived FWHM for the 

1 1 2  Her and HR7775 co-adds are presented in figure 3 . 1 2  where they are compared with 

the Boggess et al. ‘benchmark’. A slight degradation in resolution with respect to the single 

spectra is discernible: this amounts to 1 1  ± 7% on average, being somewhat wavelength 

dependent (in different senses) for the SWP and LWR ranges. Weighted least-squares fits 

for the combined SAP and LAP results yield

wSWp «  ( - 0 . 0 6 6  ±  0 . 0 0 3 )  +  ( 1 . 4 5  ±  0 . 0 2 )  x 1 0 ~ 4 A (A) 

idLw r  «  ( + 0 . 1 5 6  ± 0 . 0 0 4 )  +  ( 2 . 2  ± 0 . 1 )  x 1 0 " 5 A (A)

The cause of this decrease in spectral resolution lies in the small order-to-order deviations 

in the wavelength scale transformations described in § 2 . 4 .  Combining quadratically the 

mean RMS deviations for the cross correlation polynomial fits (cf. § 2 . 4 . 8  and figure 2 . 7 )  

with the mean IRF widths yields fractional increases of ~  1 0 - 1 5 % ,  in good agreement 

with those measured in the co-added spectra.

3.4 Fourier A nalysis o f R otational Broadening

3.4.1 Introduction

This chapter concludes with an application of Fourier analysis in the determination of the 

rotational broadening in the IUE  spectra of the programme stars. The results obtained
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here are compared with published data where available. The derived values of vs in i 

complement the results from the previous section in the use of spectrum synthesis to 

model observed spectra and derive elemental abundances.

3.4 .2  M easurem ent o f R otational Broadening

Although the projected rotational equatorial velocities of the stars investigated in this 

study are low (i.e., v s in i & 50 km s-1 ), the rotational broadening of their spectra can not 

be assumed to be negligible for the purposes of spectrum synthesis. However, published 

vsinz of B-type field stars are often of insufficient accuracy for this application being 

generally drawn from surveys based on classification dispersion spectra (e.g., Uesugi & 

Fukuda 1970, 1982; Dworetsky 1974). According to the well-known ‘rule-of-thumb’, the 

detection lower-limit for such (photographic) surveys (in km s-1 ) is approximately equal 

to  the reciprocal dispersion (in A mm-1 ) of the spectrograms (Dworetsky 1974). The 

misinterpretation of such detection limits as true measurements for sharp-lined stars has, 

in some instances, resulted in catalogued data of questionable reliability (cf. Cowley & 

Adelman 1983). There is therefore a strong motivation to establish independently, and as 

accurately as possible, the v sin i of programme stars in this study.

In a typical ‘fine’ abundance analysis using high resolution spectra in the optical region, 

the appropriate v sin i can be determined by fitting single lines with rotationally broadened 

profiles provided that the instrum ental profile is well-determined and accounted for (e.g., 

Slettebak 1954; Abt 1957; Kurucz et al. 1977; Adelman 1989). The analogous approach in 

the Fourier domain involves fitting the data  with rotation function transforms (e.g., Gray 

1976; Smith &: Gray 1976). The Fourier approach has a number of advantages including the 

ability to separate different line-broadening mechanisms and the concentration of certain 

rotation profile characteristics into narrow frequency bands; it has been applied with 

varying degrees of success (e.g., Gray 1973; Gray 1975; Smith 1976; Ramella et al. 1989; 

Dravins, Lindegren & Torkelsson 1990).

W ith IUE  spectra, the analyst is faced with the combined problems of extreme line- 

blending and relatively low signal-to-noise which, when taken with significant instrum ental 

broadening, conspire to place a limit on the precision of v sin i determination by line profile 

fitting of ~  ± 1 0 km s-1 . To a large extent, these difficulties can be circumvented by
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(3.26)

working in the Fourier domain as will be demonstrated here.

3.4 .3  The R otation  Profile and Transform

In this work, it is assumed tha t the centre-to-limb variation of the continuum intensity is 

described by the ‘classic’ linear limb-darkening law (see, e.g., Gray 1976, p. 397), taking 

the form

j c S i r * 1- ^  <3-25)
where fi =  cos# and e is the limb-darkening parameter (equal to zero for a uniformly 

illuminated disk). If e is assumed constant across the line profile (i.e., the line profile is

constant across the disk), and the star rotates as a rigid body, the rotationally broadened

line profile is obtained by convolution with a rotation profile r(AA) defined for | AA| < A \ l 

by

1̂  7T6/2 r /  AA V
7tAAx/(1 — c/3) [ VAA^/

and equal to zero elsewhere (see, e.g., Gray 1976, p. 394-399). Here, the quantity AAl is 

the wavelength shift at the s ta r’s limb:

. . v s i n i . n„.
AAl =  A (3.27)

c

and all other symbols take their conventional meanings.

In the Fourier domain, the convolution of this profile with the intrinsic stellar spectrum 

becomes a multiplication (cf. equation 3.2), so the rotation profile transform takes on the 

role of a filter. The transform of the rotation profile is characterised by a main lobe and 

a series of sidelobes of alternating sign (i.e., zeros in the amplitude spectrum). For the 

special case of a limb-darkening parameter of c = | ,  Carroll (1933a, b) showed that the 

first zero of this transform occurs at a Fourier frequency given by

/  «  0.660/AAl (3.28)

This feature of the rotation profile can be used to provide a ‘handle’ on the v sin i which 

has the desirable property of being only weakly model-dependent, although in practice this 

method can be compromised by ambiguities introduced by similar zeros in the instrum ental 

and/or microturbulence profile transforms, and by inadequate signal-to-noise (Carroll &
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Ingram 1933; Bohm 1952; Wilson 1969a; Ramella et a1. 1989). For LW spectra with 

v s in i  £  20km s-1 , the first zero should lie well within the Nyquist interval accessible 

using IUE. However, the high noise amplitude in the Fourier domain of IUE  spectra 

masks this zero preventing an effective application of Carroll’s method to determine the 

v s in i in most cases.

The strong filtering effect of the main lobe of the rotation profile is, however, readily 

discernible and can be modelled by incorporating a term for the rotation profile transform 

in the power model given by equation 3.19. Unsold (1955, p. 513) gives the FT  of the 

rotation profile in the convenient analytical form

m  -  1 /  «M2tt/A A l ) /c o s2 tt/A A l _  sin 2tt/A A l ^ 1
R {f}  ~  I  +  I  I  2tt/A Al  P I  (2tt/A A l )2 (2tt/A A l )3 )  ]  (3*29)

where J\ is the first-order Bessel function and (3 is another form of limb-darkening param

eter related to tha t used here by

/} =  (3.30)

3.4 .4  Lim b-darkening

The limb-darkening parameter e needs to be specified when the rotation profile transform 

given by equation 3.29 is fitted to amplitude spectra. The gray-atmosphere in the Ed- 

dington approximation yields e = |  (Mihalas 1978) which is an approximation often made 

for photographic survey work, being appropriate near MgII A4481 for A-type stars (Gin- 

gerich 1966). More generally, this parameter is a function of Teff, log <7 and wavelength 

and can be determined explicitly using model atmospheres. To this end, limb-darkening 

curves were computed at six wavelengths spanning the UV using Kurucz (1979) model 

atmospheres with Teff(103 K) £ {10.0,12.5,15.0} and log <7 £ {3.5,4.0,4.5}. Some ex

amples of these curves (analogous to the ‘drift curves’ obtained in solar limb-darkening 

studies) are presented in figure 3.13. The surface gravity dependence of limb-darkening for 

main-sequence stars is evidently very weak, and was neglected for subsequent calculations 

(log<7 = 4.0 was adopted). These curves were fitted with the linear limb-darkening law 

given in equation 3.25 to provide the parameterisation of e as a function of wavelength 

and Teff shown in figure 3.14. Note how e is a monotonically decreasing function of wave

length, and is generally quite large in the UV. In particular, the limb-darkening is so
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F ig u re  3.13: Limb-darkening curves for LTE model atmospheres with Te«■ = 12 500JC 
and logg = 4.0 (continuous lines) and log# = 3.5 (dashed lines) plotted as a function o f 
p (= cos 0) for various UV wavelengths as indicated.
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F ig u re  3.14: The limb-darkening parameter e plotted as a function o f wavelength for 
LTE atmospheres with log g =  4.0 and three values o f effective temperature as indicated.
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extreme in the far UV (A £  1300 A) that e > 1. This occurs when a significant fraction of 

the limb has an effective relative intensity of zero, and it represents a break-down in the 

linear limb-darkening law—a deficiency which can be overcome by adopting a quadratic 

limb-darkening law (cf. chapter 5). The most obvious consequence of the extreme limb- 

darkening in the UV is tha t the sidelobes of the rotation profile transform tend to be 

weaker than in the optical region; this in turn limits the effectiveness of a v sin i analysis 

predicated on the location of transform zeros.

3 .4 .5  C oding and T esting

The rotation profile transform specified by equation 3.29 was incorporated into the power 

spectrum fitting code r a y p a r  using the Bessel function algorithm B E S S Jl given by Press et 

al. (1986). A two-dimensional polynomial approximation for e (A, Teff) was introduced into 

the code by least-squares fitting of the data presented in figure 3.14. The intrinsic spec

trum  transform was accounted for approximately by including fixed contributions in the 

Gaussian width for thermal broadening (assuming a typical mean atomic mass of 56amu 

and kinetic temperatures equal to Teff) and for microturbulent broadening (adopting £ 

values from chapters 6 & 7).

The reliability and accuracy of the code in determining v s in i was established in a 

series of tests using synthetic spectra (specifically, LW spectra—cf. §3.4.6). These spectra 

were convolved with Gaussians with FWHM of 0.2 A to simulate instrum ental broadening 

(Boggess et al. 19786), and with rotation profiles as specified by equation 3.26 to simulate 

rotational broadening. Prior to analysis, the spectra were contaminated with random 

noise to produce data with S /N  = 30 typical of LW co-adds. The v s in i were recovered 

by fitting amplitude spectra computed over successive wavelength intervals of 100 A. All 

free parameters in the power model were optimised except the Gaussian width which was 

held fixed at the value corresponding to the combination of instrum ental, therm al and 

microturbulent broadening. Trials were completed using spectra with white and red noise 

distributions for v sin i (km s-1 ) E {20,30,40,50}.

The results of the trials are presented in table 3.3. They suggest a general tendency for 

the Fourier transform method to overestimate v sin i in the presence of noise (independent 

of its frequency distribution). Conversely, for the ideal case of noise-free spectra, un-
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T ab le  3.3: Results from tests o f the Fourier analysis approach to determination o f vsin i 
using synthetic spectra contaminated with random white and red noise.

vsini (kms J) (vsini) (kms" l )
No Noise White Noise Red Noise

20 19.4 ±0.1 24.0 ± 0.3 26.5 ±  0.4
30 28.9 ±0.1 32.9 ± 0.2 32.9 ±0.2
40 38.1 ±0.2 41.5 ±0.3 41.5 ±0.3
50 46.8 ±0.7 50.4 ±  0.5 50.5 ±0.5

Notes for Table 3.3: (vsin i) is the mean best-fit v s in i from twelve 100A stretches in the LW range 
2000 < A (A) < 3200. The quoted uncertainties are standard errors.

derestimated v sin i are obtained. This behaviour is caused primarily by the approximate 

treatm ent of the intrinsic spectrum transform adopted here; specifically, at low frequencies 

the transform is dominated by the spatial distribution of absorption lines in the spectrum 

and low-amplitude continuum variations, and is not satisfactorily modelled by a simple 

Gaussian. This problem becomes acute for high v sin i where the signal amplitudes are 

concentrated at low frequencies. On the other hand, at low vsin i the contribution of 

the instrum ental profile becomes increasingly restrictive. Together, these considerations 

constrain the useful range of application of the Fourier method for LW IUE  spectra to 

20 £  v s in i (km s-1 ) & 50. The test data obtained here would suggest a conservative 

estimate of the intrinsic uncertainty in the method of A vsin i ~  2-4 km s-1 .

3.4 .6  A pplication  to IU E  Spectra

In figure 3.15, the FWHM of the rotation profile (cf. equation 3.26) is plotted as a function 

of wavelength for a selection of v sin i of interest (adopting a Teff = 12500K model a t

mosphere), and compared with the best-fit mean IRF width for co-added small and large 

aperture IUE  spectra. From these calculations it is clear tha t the IRF width sets a lower 

detection limit of ~  20 km s-1 on rotational broadening. The IRF’s weak wavelength- 

dependence in the LW region suggests that LW co-adds offer the best opportunity for 

v sin i determination with IUE  data. Furthermore, LW spectra offer the advantage of a 

rather less-crowded spectral region with a somewhat bet ter-defined continuum than re

gions of comparable S /N  in the SW range.

Accordingly, a subset of the programme stars was selected for which published data
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F ig u re  3.15: The FW HM  o f rotation profiles (continuous lines) plotted as a function o f 
wavelength for various values o f v s in i as indicated and compared with the best-fit mean 
IR F  width for coadded spectra (dashed lines).
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F ig u re  3.16: An example o f an amplitude spectrum (circles) and best-fit power model 
(continuous line) for HR6997 (XX2500-2600). The power model incorporates the contri
bution o f the instrumental, thermal, and rotation profiles plus constant amplitude noise 
modulated by a sine/ function. The modulated noise amplitude is indicated by the dashed 
line. Note the distinct first sidelobe o f the rotation profile at X ~  2.8 cycles A-1 ; this fit 
yields v sin i = 35 ±  1 km  s-1 .
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or ‘eye-estimates’ suggested v s in i £  20km s-1 . The co-added LW spectra of these stars 

were analysed using r a y p a r  by fitting power models which were optimised in all free 

parameters except the Gaussian function width as before. The best-fit mean IRF width for 

co-added LW spectra was adopted from §3.3.4. Effective temperatures for the computation 

of limb-darkening and thermal broadening were adopted from chapter 4. An example of a 

best-fit power model including the rotation profile transform is illustrated in figure 3.16; 

this particular case shows a distinct first sidelobe above the characteristic pedestal of red 

noise.

T ab le  3.4: The v s in i of selected programme stars derived from IUE spectra using the 
Fourier analysis technique.

Star HD vsin i (kms 1) Ref.t
IUE• Visual

7r Cet 17081 25.3 ± 0 .8 20 [1]
134 Tau 38899 29.2 ± 0 .7 27 [1]
6 Leo 97633 24.1 ± 0 .3 23 [2]
r  Her 147394 32.1 ± 3 .6 32 [2]
£ Dra 155763 33.7 ± 3 .9 31 [3]
a  Lyr 172167 23.8 ± 0 .5 23 [4]
21 Aql 179761 17.1 ±  1.0 16 [1]
v Cap 193432 26.7 ± 0 .8 23 [1]
k Cep 192907 23.5 ±  1.5 25 [5]
87 Psc 7374 22.5 ± 2 .0 <28 [6]
p Lep 33904 18.0 ±  1.0 18 [7]
33 Gem 49606 21.6 ± 0 .9 20 [6]
HR2676 53929 29.8 ±  1.4 25 [8]
HR2844 58661 27.8 ±  1.8 27 [9]
36 Lyn 79158 48.7 ±  1.6 50 [6]
HR6997 172044 35.5 ±  1.0 35 [6]
P Scl 221507 26.7 ± 2 .3 25 [9]

N otes for Table 3.4: *Meaa value from best-fit rotation function transforms for twelve 100 A stretches 
in the LW range 2000 < A (A) < 3200. Quoted uncertainties are standard errors. 1 References: [1] Adelman 
(1991); [2] Adelman (1988a); [3] Hoffieit Sc Jaschek (1982); [4] Gray (1980); [5] Cowley (1980b); [6] Stickland 
Sc Weatherby (1984); [7] Adelman (1987); [8] Wolff Sc Preston (1978); [9] White et al. (1976).

The results from this Fourier analysis are presented in table 3.4 where they are com

pared with values from the literature. The selection of published data represents an 

endeavour (albeit not always successful) to avoid compilations of v s in i (e.g., Uesugi & 

Fukuda 1982; Hoffieit & Jaschek 1982) for which the accuracy is generally rather poor. The 

star 36 Lyn is a case in point: Hoffieit & Jaschek quote a vsin i of 29km s-1 whereas tha t 

obtained here is ~  49km s-1 , in excellent agreement with the eye-estimate of Stickland
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& Weatherby (1984). The more normal circumstance encountered is tha t the compiled 

v sin i data  overestimate the true values since results from low dispersion surveys are often 

adopted or included in ‘averages’. An extraordinary example of this is HR7775 (analysed 

in chapter 6) for which Hoffieit (1984) lists v s in i =  97km s-1 : this star is in fact one of 

the sharpest-lined (v sin i ~  Okms-1 ) peculiar A stars known!

The external agreement demonstrated in table 3.4 is generally to within the estimated 

intrinsic uncertainty of the method of analysis (cf. §3.4.5). These results are further sup

ported by comparison with the v sin i obtained from high resolution co-added photographic 

spectra in chapter 6 for which the agreement is excellent for the five stars in common with 

this analysis.

It is clear that signal-to-noise plays an im portant role in defining the quality of derived 

v s in i—note in particular the relatively small uncertainties for high S /N  spectra such as 

9 Leo and a  Lyr in contrast to the rather noisier data of r  Her and (  Dra. In favourable 

cases, the internal uncertainties quoted in table 3.4 (which are formal standard errors) 

approach those obtained from the trials with noise-contaminated synthetic spectra (cf. 

table 3.3).

The most im portant source of uncertainty in this analysis is in the adopted IRF width 

which has been assumed to be satisfactorily represented by tha t derived for co-added spec

tra  of low v s in i (cf. §3.3.4). The formal uncertainty on the IRF width for the LW region 

is 5 % which propagates into an uncertainty of ~  ±1 km s-1 in v sin i. This value is compa

rable to the standard errors on the best results obtained here. It is reasonable to speculate 

tha t the effective IRF for co-added spectra of stars with higher v sin i is somewhat broader 

than this (the wavelength co-registration is less precise), so systematically overestimated 

v sin i would be anticipated. Assuming a systematic underestimate in the IRF width of 

10%, systematic overestimates of ~  2 -3 km s-1 in v s in i would be expected.

3.5 Sum mary and Conclusions

In this chapter, Fourier techniques have been applied in the analysis of the IU E  spectra of 

the programme stars. A code was developed which performs efficient, rapid, and numer

ically accurate computation of power spectra to which may be fitted complex analytical 

models through non-linear least squares.
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Signal-to-noise ratios were derived as a function of wavelength in the IUE  spectra of 

the programme stairs, examples of which were presented. A detailed analysis of the signal- 

to-noise ratios in the short and long wavelength spectra of a  Lyr was conducted, the 

results of which were compared with the predictions of a simple model based on photon 

and background noise. The discrepancy identified between the observed signal-to-noise 

ratio and theoretical predictions was attributed to fixed pattern noise, root-mean-square 

values of which were derived and found to be in broad agreement with published estimates.

By making use of observations of selected sharp-lined (v s in i ~  Okms-1 ) programme 

stars, the effective instrum ental profile of extracted high resolution IUE  spectra was recon

structed in the Fourier domain and shown to be satisfactorily represented by a Gaussian 

distribution. The full-width half-maximum of this profile was evaluated as a function 

of wavelength and camera aperture type, and found to be in good independent agree

ment with published values. The same analysis carried out on co-added spectra of the 

programme stars indicated a nominal degradation in resolution of the same by ~  11%. 

This effect was shown to be in quantitaive accordance with expectations on the basis of 

smoothing in the co-addition procedure.

Accurate determinations of the v sin i of selected programme stars were obtained by 

fitting power spectra with an analytical model which included a rotation profile transform 

term. While this technique has previously been employed with effect in the visual region 

by using line profile data  of high photometric quality and spectral resolution, this would 

appear to be the first example of its use with IUE  spectra where low signal-to-noise and 

extreme line-blending make the traditional profile-fitting method ineffectual.
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C h a p t e r  4

A tm ospheric Param eters

This chapter is concerned with the determination of fundamental atmospheric parameters 

for the sample stars including effective temperature, surface gravity, microturbulence and 

metallicity. These parameters serve to specify the model atmospheres which are used in 

the subsequent abundance analysis, and they provide a description of the physical prop

erties of the objects under study. Effective temperatures and surface gravities are derived 

from semi-empirical calibrations of photometry in the Johnson-Morgan, Stromgren and 

Geneva systems, and by fitting the predictions of fully line-blanketed model atmospheres 

to observed continuous energy distributions and hydrogen Balmer profiles. Microturbu

lence parameters and abundances are drawn from recent literature where available, and 

have been supplemented by preliminary analyses of high-resolution photographic coude 

spectra of some of the sample stars.

4.1 Introduction

The objective of this chapter is to determine the atmospheric parameters which specify 

the optimum model atmosphere for each star by comparing theoretical predictions with 

observations for key diagnostic spectral features. There are four fundamental parameters 

which specify current ‘state of the a r t’ model atmospheres for the class of stars under 

study here; these are (in order of relative importance) the effective temperature, the 

surface gravity, the metallicity (i.e., elemental composition) and the microturbulence. The 

dependence on the la tter two parameters makes model atmosphere abundance analysis a
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manifestly iterative process.

4.2 Tem perature and G ravity D iagnostics

The continuous energy distributions of late-B stars are shaped predominantly by bound- 

free absorption due to neutral hydrogen. The slope of the Paschen continuum and the size 

of the Balmer discontinuity are sensitive functions of temperature, and to  a considerably 

lesser extent, surface gravity. The Paschen continuum is formed relatively deep in the 

atmosphere (ro ~  1) and provides a measure of the temperature in these layers. On 

the other hand, the Balmer jump gives a measure of the temperature gradient in the 

atmosphere because flux from either side of the discontinuity originates from significantly 

different depths. There is good evidence that both the Paschen continuum and the Balmer 

discontinuity in main sequence stars are well represented by LTE calculations (Mihalas & 

Auer 1970).

There are no spectrum features which have a striking sensitivity to atmospheric pres

sure and, therefore, precise spectroscopic determination of surface gravity is relatively 

difficult. Pressure sensitivity in hydrogen lines can be used as an effective indicator of 

surface gravity in late-B stars, although not independently of effective temperature.

4.3 U B V  P hotom etry

The U B V  photometric system was first described by Johnson & Morgan (1953). It com

prises three broad bandpass filters, each about a thousand Angstroms wide, called U 

(ultraviolet), B  (blue) and V  (visual) centred at A3500, A4300 and A5500 respectively. 

The B  and V  filters were designed to match approximately the colour response of pho

tographic plates and the human eye respectively. The addition of the U filter provides 

extra sensitivity of the system to hot stars and the capacity for treatm ent of interstellar 

reddening. A problematic feature of the standard U B V  system is that the shortward cut

off for the U filter is determined by atmospheric extinction, and the longward cut-off for 

the V  filter is determined by the wavelength sensitivity of the 1P 21 photometer making 

observations highly site- and equipment-dependent.

The two independent indices which are most frequently used in this photometric system
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F ig u re  4.1: The observed colours (U — B ) and (B  — V ) o f the normal stars (open squares), 
superficially normal stars (open triangles), and HgMn stars (filled circles) compared with 
the grid o f synthetic colours for main-sequence stars (continuous lines labelled by Teff and 
log g) from Buser & Kurucz (1978).

are (U — B) and ( B —V).  The (U — B)  index serves as a measure of the Balmer discontinuity 

in early-type stars. The (B — V)  index is a relative measure of effective tem perature 

through sensitivity to the slope of the Paschen continuum. These colours correlate well 

with spectral type, but do not provide a very satisfactory separation of luminosity classes. 

Furthermore, given just two independent indices, it is not possible to distinguish the 

effects of reddening and luminosity class. If the luminosity class is known (or assumed), 

it is possible to deredden observed colours using their reddening ratio and the intrinsic 

colours for the luminosity class—this is the ‘Q-method’ of Johnson & Morgan (1953).

Despite the limitations of U B V  photometry mentioned above, it is instructive to com

pare the observed U B V  colours of the sample stars with theoretical colours computed 

using model atmospheres. Buser & Kurucz (1978) have computed synthetic U BV  colours 

using the fully line-blanketed model atmospheres of Kurucz (1979) . These calculations 

represent an enhancement over the earlier ones of Relyea & Kurucz (1979) because they
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employed more accurate response functions. Buser & Kurucz obtained good agreement 

with observations of main sequence stars for (B — V)  £  0^0 (i.e., Teff £  8000 K), with a 

small systematic discrepancy in (U — B)  for 07*1 & (B — V)  £  07*5 which they attributed 

principally to  an inadequate treatm ent of convection in the models for these stars. In 

figure 4.1, U B V  colours of the programme stars taken from the homogenised catalogue 

of Nicolet (1978) are compared with Buser & Kurucz’s theoretical colours for solar abun

dance models with logg € {3.5,4.0,4.5}. The reddening vector shown in this figure was 

calculated using E( U  — B ) / E ( B  — V)  =  0.645 which is a representative mean value for 

B8-A 0 stars derived from the values given by Buser (1978). Note that a significant fraction 

of the programme stars lie above and to the right of the main sequence band as defined 

by the theoretical colours suggesting tha t interstellar reddening is small, but not negli

gible for these objects. The problem of reddening with respect to effective temperature 

determination is discussed in more detail in §4.6.7.

For main sequence stars, approximate effective temperatures can be derived from U BV  

photometry using the reddening-free Q-parameter (see, e.g., Johnson 1958) defined by

’E ( U - B ) 'Q = ( V - B ) ~ ( B - V )  (4.1)
. E ( B - V ) .

The Q values of the programme stars were calculated from the observed colours given in 

the homogenised catalogue of Nicolet (1978) using the mean reddening ratio from Buser

(1978). Effective temperatures were then interpolated in Ttfj-Q calibrations constructed 

from Buser & Kurucz’s (1978) theoretical colours for main-sequence surface gravities 

l°g^ £ {3.5,4.0,4.5}. These data are given in table 4.1. Uncertainties on the observed 

colour indices are typically ± 0^ 01. These propagate into uncertainties of ± 100-200 K 

in the derived effective temperatures which is comparable to tha t due to the latitude in 

surface gravity for these main-sequence stars.

4.4 uvby/3 Photom etry

4.4.1 Introduction

The uvby photometric system was developed by Stromgren (1963, 1966) principally to 

overcome the deficiencies of U BV  photometry described above. This system comprises 

four intermediate bandwidth (180-300 A) filters with mean wavelengths of A3500, A4110,
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T ab le  4.1: The observed U B V  colours o f the programme stars and derived effective 
temperatures for various main sequence surface gravities.

Star HD ( U - B )

*151•

Q] Teff
3.5

(103 K)* 
4.0 4.5

Normal Stars
7r Cet 17081 -0 .45 -0 .14 -0 .3 6 13.1 13.2 13.4
134 Tau 38899 -0 .17 -0 .07 -0 .1 2 10.5 10.6 10.7
8 Leo 97633 +0.06 -0 .01 +0.07 8.4 8.7 9.0
r Her 147394 -0 .56 -0 .15 -0 .4 6 14.8 15.0 15.3
C Dra 155763 -0 .43 -0 .12 -0 .3 5 12.9 13.1 13.3
Q Lyr 172167 -0.01 -0 .00 -0 .01 9.5 9.3 9.0
HR7098 174567 -0 .10 +0.02 -0 .11 10.4 10.5 10.5
21 Aql 179761 -0 .41 -0 .0 7 -0 .36 13.1 13.3 13.5
v Cap 193432 -0 .11 -0 .05 -0 .0 8 10.1 10.1 10.1
£ Oct 215573 -0 .50 -0 .15 -0 .4 0 13.8 13.9 14.1

Superficially Normal Stars
HR7338 181470 -0 .09 -0 .03 -0 .0 7 10.0 10.0 10.0
46 Aql 186122 -0.41 -0 .03 -0 .3 9 13.6 13.7 13.9
k  Cep 192907 -0.11 -0 .05 -0 .0 8 10.1 10.1 10.1
HR7878 196426 -0 .39 -0 .08 -0 .3 4 12.7 12.9 13.1
21 Peg 209459 -0 .20 -0 .0 7 -0 .15 10.8 10.9 11.0

HgMn Stars
87 Psc 7374 -0 .41 -0 .08 -0 .3 6 13.0 13.2 13.4
<f> Phe 11753 -0 .15 -0 .06 -0 .11 10.4 10.5 10.5
53 Tau 27295 -0 .26 -0 .09 -0 .2 0 11.2 11.4 11.5
p  Lep 33904 -0 .39 -0 .11 -0 .3 2 12.5 12.7 12.9
HR1800 35548 -0 .18 -0 .05 -0 .15 10.7 10.8 10.9
33 Gem 49606 -0 .52 -0 .13 -0 .4 4 14.3 14.5 14.7
HR2676 53929 -0 .47 -0 .13 -0 .3 9 13.5 13.6 13.8
HR2844 58661 -0.41 -0 .10 -0 .3 5 12.9 13.0 13.2
v Cnc 77350 -0 .10 -0 .04 -0 .0 7 10.0 10.1 10.1
k  Cnc 78316 -0 .43 -0 .11 -0 .3 6 13.1 13.2 13.4
36 Lyn 79158 -0 .45 -0 .14 -0 .36 13.1 13.2 13.4
HR4072 89822 -0 .13 -0 .06 -0 .0 9 10.2 10.3 10.3
X Lup 141556 -0 .13 -0 .0 4 -0 .1 0 10.3 10.4 10.4
i  CrB 143807 -0 .19 -0 .0 7 -0 .1 4 10.7 10.8 10.9
v  Her 144206 -0 .32 -0 .11 -0 .25 11.7 11.9 12.0
HR6000 144667 -0 .44 -0 .07 -0 .3 9 13.6 13.8 14.0
<f> Her 145389 -0 .28 -0 .07 -0 .23 11.6 11.7 11.9
28 Her 149121 -0 .18 -0 .06 -0 .1 4 10.7 10.8 10.9
HR6997 172044 -0 .50 -0 .10 -0 .4 4 14.3 14.4 14.7
112 Her 174933 -0 .41 -0 .0 7 -0 .36 13.1 13.3 13.5
HR7143 175640 -0 .30 -0 .05 -0 .2 7 11.9 12.1 12.2
HR7361 182308 -0 .47 -0 .0 4 -0 .4 4 14.4 14.6 14.9
HR7664 190229 -0 .49 -0 .1 2 -0 .41 13.9 14.1 14.3
HR7775 193452 -0.11 -0 .02 -0 .10 10.2 10.3 10.3
P Scl 221507 -0 .36 -0 .09 -0 .3 0 12.3 12.5 12.6

N o tes  for T able 4.1: *From catalogue of Nicolet (1978). * Using reddening slope E(U — B)/E(B — V) =  
0.645 from Buser (1978). *From Ten-Q calibration based on Buser Si Kurucz’s (1978) synthetic colours for 
log <7 =  3.5 4.0, and 4.5.
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A4670 and A5470 defining the u, v, 6 and y magnitudes respectively. This system is often 

supplemented by the (3 index constructed from magnitudes through narrow ( rv 30 A) 

and intermediate (~  150 A) filters centred on H/? at 4861A (Crawford & Mander 1966; 

Crawford 1973). The four magnitudes plus the (3 index provide an excellent discrimination 

of temperature, luminosity, and interstellar reddening. Stromgren (1966) has given a 

thorough review of the uvby(3 photometric system and its applications; a brief review of 

those aspects relevant to late-B stars is given here.

Observed uvby(3 magnitudes can be used to define the following parameters:

(6 — y) a colour index which is analogous to the (B — T ) index of the U B V  system, 

tha t is quite sensitive to effective temperature and relatively insensitive to chemical 

composition effects, but can not be used in reddened stars.

ci =  (u — v) — (v — b) a colour difference which is a measure of the size of the Balmer 

discontinuity.

mi = (v — b) — (6 — y) a colour difference which is a measure of line blanketing near 

4100 A.

(u — 6) a colour index which is analogous to the (U — B )  index of the U B V  system, but 

does not suffer from inclusion of the Balmer confluence.

/3 = /^(narrow) — /^(intermediate) an index which measures the strength of 1&(3.

The subscripts ‘1’ denote observed (i.e., possibly reddened) indices. These parameters can 

corrected for the effects of interstellar reddening following the scheme of Crawford (19756) 

in which dereddened quantities are denoted with subscripts ‘0’ (see, e.g., Crawford &

Baxnes 1974). Note, however, that the j3 index is virtually unaffected by interstellar

extinction.

Stromgren also defined the following reddening-free indices by assuming interstellar ex

tinction with a standard wavelength dependence (e.g., Divan 1954; Whitford 1958; Nandy 

1964; Boggess & Borgman 1964):

[ci] =  ci -  0 .20(6 -  y)

[mi] -  mi  + 0.18(6 -  y) (4.2)

[u — 6] =  (u — 6) — 1.84(6 — y)
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where the square-bracket notation follows the convention introduced by Walraven & Wal- 

raven (1960). The use of these parameters is avoided here for the reasons given by Moon 

(1985), principal amongst which is the fact tha t Crawford’s scheme is a more ‘natura l’ sys

tem in tha t the observed and dereddened colours are equal for unreddened stars (and in

deed model atmospheres). Furthermore, the author notes tha t changes in the adopted red

dening ratios have resulted in a proliferation of different definitions for these param eters— 

compare, for example, Stromgren (1966), Moon (1985), Lester, Gray & Kurucz (1986) and 

Figueras, T orra&  Jordi (1991).

These indices can be used to provide a high accuracy photometric classification for B, 

A, and F stars. The combination of c\ and (3 provides an excellent classification for B0-B9 

and A4-F9 stars, but is ambiguous for A0-A3 stars where hydrogen absorption reaches a 

broad maximum. This ambiguity can be overcome by supplementing ci and (3 with m\.

For the early type stars, c\ and (u —b) are both good indicators of effective temperature, 

although (u — b) has the advantage that its range of applicability extends to lower Tefr’s 

and it is less sensitive to blanketing (e.g., in peculiar stars) than c\. On the other hand, 

(u — 6) is significantly more sensitive to interstellar extinction than c\,  so it is usually more 

profitable to exploit it in combination with (b — y) as a measure of reddening. For early 

type stars later than BO, the (3 index provides a good separation of luminosity classes.

In the intermediate group (A0-A3), suitable Teff and log g indicators can be constructed 

from linear combinations of the colour indices defined above. Stromgren (1966) introduced 

the following linear combination of (u — b) (a good Teff indicator for the early group) and 

(6 — y) (a good Teff indicator for the late group)

a = (b -  y) +  0.18{(u -  6) -  1.36} (4.3)

The a index is a good temperature indicator being nearly a linear function of Teff-1 

and almost independent of logg for the entire intermediate group. The constant in this 

definition is chosen so tha t the zero-point coincides with tha t of (B  — V). Stromgren 

adopted the following linear combination of (3 and cq as a luminosity indicator

r = ((3 -  2.565) -  0.35[cj] (4.4)

The constant in this expression is chosen such tha t the r  index is zero on the zero age main 

sequence (ZAMS). The a and r indices provide a very effective classification of unreddened
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intermediate group stars.

Although metal-rich peculiar stars (e.g., the SrCrEu class) are characterised by abnor

mally large values of mo, the HgMn stars behave as normal stars as fax as these indices 

are concerned (Cameron 1966). More recent evidence tha t calibrations for normal stars 

axe applicable to HgMn stars is provided by North & Kroll (1989) who investigated the 

relationship between spectroscopic and photometric determinations of surface gravity. In 

fact, with this class of staxs, helium deficiency pxobably has the laxgest effect on infexred 

suxface gxavity. Fox late-B staxs, the relation between the /3 index and helium mass fraction 

(Y)  is such that A Y  ~  0.15 corresponds to A/3 ~  0^01.

The effect of rapid rotation on photometric indices can also be significant as demon

strated by Gray & Garrison (1987). Generally, rapid rotation (e.g., v s in i £  200km s-1 ) 

increases the (6 — y) index and decreases the /3 index for staxs of a given Teff. These effects, 

however, should be entirely negligible for the normal and HgMn stars studied here which 

have v s in i ^  50km s-1 , although the possibility that some individual objects are rapid 

rotators seen pole-on can not be discounted.

4.4.2 C alibrations o f  the uvhy/3 System

One of the most astrophysically rewarding applications of uvbyfi photometry is in the 

determination of effective temperatures and surface gravities of early-type stars. The 

uvby/3 system has been extensively investigated from an empirical standpoint by Crawford 

(1975a, b, 1978,1979). Calibrations based on theoretical colours and indices are numerous 

(e.g., Breger 1974; Relyea & Kurucz 1978; Schmidt & 1979; Philip & Relyea 1979; Balona 

1984; Moon & Dworetsky 1985; Lester, Gray & Kurucz 1986) and generally employ the 

model atmospheres of Kurucz, Peytremann & Avrett (1974) or Kurucz (1979). These 

calibrations differ primarily in their treatm ent of the transformation of synthetic colours 

and indices onto the observed standard system. Here, the two most recently published 

calibrations will be considered.

Moon & Dworetsky (1985) used photometry of stars with fundament ally determined 

values of Teff and logg from various sources (e.g., Code et al. 1976; Hayes 1978; Popper 

1980; Habets & Heintze 1981) to calibrate the synthetic uvby and (3 indices of Relyea 

&: Kurucz (1978) and Schmidt (1979) respectively. They found that cq required a small
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zero-point correction and tha t (i needed to be rescaled, but tha t (6 — y )o and mo are 

essentially free from any systematic errors. Their empirically adjusted grids of ( c o , / 3 )  and 

( o o , r * )  (see §4.4.3) satisfactorily recover fundamental effective temperatures and surface 

gravities.

In contrast, Lester, Gray h  Kurucz (1986) derived effective temperatures and sur

face gravities by fitting solar composition Kurucz (1979) model energy distributions to 

spectrophotometry of a selection of Taylor’s (1984) secondary standard stars. They sub

sequently used these Teff and log g to tie together their own grid of synthetic indices and 

those observed in the standard system.

Lester, Gray & Kurucz’s synthetic indices represent a slight improvement over those 

of Relyea &: Kurucz (1978) and Schmidt (1979)—a typographical mistake in the published 

y transmission function was corrected, a wavelength-dependent term  for the reflectivity 

of aluminium was included, and most significantly, line blanketing in the H(3 wavelength 

region was simulated through the use of ‘metals-only’ opacity distribution functions. How

ever, a particularly noteworthy problem with their analysis is tha t the surface gravities of 

early type stars are not well determined by continuous energy distributions alone. Lester, 

Gray & Kurucz in fact remark tha t ill-determined gravities resulted in significant scatter in 

their fits for the transformation coefficients, and that they were forced into restricting their 

standard stars to those with empirically determined gravities (mostly from Code 1975). 

This observation perhaps explains their conclusion that their (5 calibration is essentially 

in agreement with that of Moon & Dworetsky.

In principle, the calibrations of the uvby(3 system by Moon & Dworetsky and Lester, 

Gray and Kurucz are fundamentally different; the former is closely tied to the empirical Teff 

and log# scales whereas the la tter is (at least in terms of Teff) entirely model-dependent. 

A preliminary comparison of these two calibrations was carried out recently by North & 

Kobi (1991) who used observations of stars in young clusters to show tha t the Moon & 

Dworetsky calibration is the superior of the two in reproducing surface gravities which are 

consistent with the predictions of main sequence models of Maeder & Meynet (1988). More 

recently, Castelli (1991) has examined the relative merits of these calibrations and finds 

that the Moon & Dworetsky grid yields the better agreement with atmospheric parameters 

derived from energy distributions.
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4.4 .3  Effective T em peratures and Surface G ravities

Stromgren photometry of the programme stars was taken from the homogenised catalogue 

of Hauck & Mermilliod (1980) and dereddened using the program u v b y b e t a  of Moon 

(1985). The data  were reduced in Moon’s ‘group 1’ (spectral types B0-A 0, luminosity 

classes III-V) for which u v b y b e t a  couples a linear relation between the intrinsic (6 — 

y) and (u — 6) colours from Crawford (1978) with the reddening ratios of Crawford & 

Mandwewala (1976). Three of the programme stars (0Leo, aL y r and HR7098) fall near 

the cool boundary of group 1 and were additionally reduced in Moon’s ‘group 5’ (spectral 

types A0-A3, luminosity classes III-V) for which u v b y b e t a  uses the dereddening method 

described by Hilditch, Hill & Barnes (1983), although negligibly different results were 

obtained.

The dereddened photometry is presented in figure 4.2 in the form of a (co,/3) diagram. 

Crawford (1978) has demonstrated tha t this is an excellent diagnostic for early type stars 

being directly analagous to the classical H-R or colour-magnitude diagrams; cq and (3 

behave as reliable temperature and luminosity indicators respectively, and reddening is 

conveniently confined to the Cq axis. Superimposed on figure 4.2 is the grid of synthetic 

indices from Relyea & Kurucz (1978) as adjusted by Moon & Dworetsky (1985); the 

separation of luminosity classes is evidently superior to that for U B V  photometry (cf. 

figure 4.1).

A substantial fraction of the programme stars lie below the Teff = 11000 K isotherm 

in figure 4.2; this is a region of potential confusion where hydrogen lines are reaching a 

broad maximum, and Co and (3 do not unambiguously define Teff and log <7. Here, Moon 

& Dworetsky (1985) recommend the use of the following forms of Stromgren’s a and r 

parameters:

do =  1.36(6 — y)0 +  0.36mo + 0.18co -  0.2448

r* =  0.35ci — 0.07(6 — y) — (3 + 2.565 (4.5)

where do has been couched in terms of dereddened quantities using the definitions of the

intrinsic colours (see §4.4.1) and r* =  —r (Moon Sz Dworetsky 1984). Figure 4.3 is an

(ao?r*) diagram for the cooler programme stars upon which has been superimposed Moon 

& Dworetsky’s (1985) grid. Note how the curves of constant temperature and gravity are
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virtually orthogonal, and are almost linear functions of ao and r*  respectively.

Effective temperatures and surface gravities were derived for the programme stars using 

Moon’s (1985) program t e f f l o g g  which employs numerical approximations to the grids of 

Moon & Dworetsky (1985). t e f f l o g g  takes dereddened indices and estimated effective 

temperatures from u v b y b e t a  and processes stars through either the ( a o , r * )  (8500 < 

^eff(K) < 11000) or the (co,j3) (11000 < Teff(K) < 20 000) calibrations. It was modified 

by the author to compute explicitly the propagated uncertainties on Teff and logy under 

the assumption that the variables (i.e., the photometric indices) are independent; this is 

an excellent approximation for the (ao, r*) grid, but is not rigourously satisfied for that 

of ( c o , / 3 ) .  This modification is, nevertheless, a distinct improvement over the published 

implementation of the code which quotes standard errors for the numerical approximation 

to the grids. Following the recommendations of Relyea & Kurucz (1978) and Moon & 

Dworetsky (1985), a general uncertainty of ±0^015 was assumed in each photometric 

index—this is a realistic estimate of the errors introduced in the transformation to the 

standard system rather than the statistical uncertainty on any individual observation 

(which can be much lower). Results are presented in table 4.2.

Effective temperatures and surface gravities were also derived using the calibration 

of Lester, Gray & Kurucz (1986). A program l g k c a l  was written to interpolate in a 

tabulated grid of their synthetic indices using the function optimisation routine p o w e l l  

from Press et al. (1986) to search for best fit Teff and logy, l g k c a l  uses the dereddened 

photometry from U V B Y B E T A  in an analagous fashion to T E F F L O G G  with stars cooler than 

11000 K being interpolated in an (a0,r*) grid computed directly from Lester, Gray and 

Kurucz’s synthetic indices according to equation 4.5. The results are presented in table 4.2 

where they can be compared with those from the Moon & Dworetsky (1985) grids.

The derived effective temperatures and surface gravities were investigated for sys

tematic differences between the Moon & Dworetsky and Lester, Gray & Kurucz calibra

tions. An application of Student’s f-test for paired samples using the routine T P T E S T  

from Press et al. (1986) identified significant differences for the (cq,(3) grids only: these 

are —130 ±  120K (s.d.) in Tefr and —0.14 ±  0.08 (s.d.) in logy (in the sense LGK—MD) 

for which the statistical significances are better than 0.5%. Note, however, that these 

systematic differences are comparable to, if not less than, the estimated uncertainties on
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the derived parameters due to errors in the photometry. A tentative conclusion of this 

preliminary analysis would be tha t the photometric properties of Kurucz’s (1979) model 

atmospheres are in satisfactory agreement with empirical data  for the tem perature/gravity 

regime under consideration.

4.5 G eneva Photom etry

4.5.1 Introduction

Geneva photometry is a multicolour photoelectric system developed at Geneva Observa

tory in the early 1960’s (Golay 1963, 1973, 1980). It is defined by seven filters, of which 

three (U, B  and V) are intermediate to broad-band (170-300 A) and behave analogously 

to those of the Johnson-Morgan system. These are supplemented by two pairs of interme

diate width (170-210 A) filters B\ and I?2, and V\ and G, each of which constitutes one 

half part of B  and V  respectively.

The basic colours of practical use in this system are (U — £ 2), (B 2 — V1 ) and (Vi — G). 

The five narrow-band magnitudes may be used to define the following linear combinations 

(see, e.g., Golay 1973; Hauck 1973):

d — {U — B \) — 1.430(2?i — B 2 ) a measure of the Balmer discontinuity analogous to the 

ci index of the Stromgren system.

A = (U — B 2 ) — 0.832(^2 — G) a measure of the Balmer discontinuity which can be used

as an effective temperature parameter for early type stars.

g =  {B\ — B 2 ) — 1.537(Vi — G) a measure of Balmer line strength which can be used as

a luminosity parameter in early type stars, and as an indicator of differential line 

blanketing to separate, e.g., chemically peculiar and normal stars.

m 2 =  (B \ — B 2 ) — 0 .457(J?2 — Vi) a measure of the metallicity in A-type stars and later.

These parameters are reddening-free for a standard extinction law provided that E b -  v  < 

07*4. One advantage of the Geneva system is that the luminosity indicators are not sen

sitive to emission in the Balmer lines (e.g., in Be stars) as is the case for narrow-band 

hydrogen-line photometry such as the (3 index (Cramer & Maeder 1979).

147



Chapter 4

Perhaps the most powerful application of the Geneva photometric system lies in the 

detection of various types of stellar peculiarity. Early studies of chemically peculiar stars 

in this system include those of Am stars by Hauck (1968, 1975) and of tfScuti stars by 

Hauck (1971) and Baglin et al. (1973). In this context, the blanketing parameter A m 2 

defined as the deviation from the Hyades sequence in a m2 — {B2 — V \) diagram was found 

to be a good signature of the Am phenomenon and has since been usefully calibrated in 

terms of [Fe/H] (e.g., Berthet 1990).

The Ap stars have been investigated by Hauck (1974, 1976, 1978) who showed that 

they tend to fall below the straight line relationship defined by normal stars in a (Vi — 

G ) — (B 2 — G ) diagram. Deviations from this normal star sequence—denoted A(Vi — G )— 

are closely associated with the enhanced blocking in Ap stars at A5300 (Adelman 1979) 

through the sensitivity of the V\ filter at this wavelength.

An im portant conclusion of these studies is that HgMn stars possess negligible values 

of A(Vi — G) and are thus generally indistinguishable from normal stars in the Geneva 

system. Confidence that photometric calibrations of the Geneva system based on normal 

stars and/or solar metallicity models may be applied to HgMn’s is provided by North & 

Kroll (1989): their comparative investigation of spectroscopic and photometric estimates of 

surface gravity concluded tha t both the uvbyP and Geneva systems provide reliable results 

for normal and HgMn stars (although the Geneva system is at a distinct disadvantage with 

magnetic Ap types).

4.5.2 C alibrations o f the G eneva System

Calibrations of the Geneva system in terms of luminosity and effective temperature have 

been constructed for B stars by Cramer & Maeder (1979, 1980a), for A, F and G stars 

by Hauck (1968, 1973), and for G, K and M stars by Grenon (1975, 1978) and Grenon & 

Golay (1979).

Cramer & Maeder’s (1979) B-star calibration uses Golay’s (1973) reddening-free pa

rameters to construct a 3-dimensional orthogonal photometric space X , Y  and Z  defined
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by the following transformation:

x \ ( 0.8288 0.5476 0.1145 ^ f A +  0.8269 ^
Y = -0.4051 0.7286 -0.5523 d -  0.5840

2  J  ̂ -0.3859 0.4114 0.8257 j  ̂ g +  0.1237 y

In this space, stars of spectral types B1-A2 and all luminosity classes form a 2-dimensional 

surface (X , Y, Z  =  0) the origin of which coincides with the earliest O type stars. The X- 

axis is oriented parallel to the main sequence and the Y-axis corresponds to the direction 

of increasing luminosity. Displacements in the Z-direction are generally very small except 

for Bp and Ap stars, and have been shown to be highly correlated with the intensity of 

surface magnetic fields (Cramer k  Maeder 1980a). Thus X , Y and Z function as measures 

of stellar effective temperature, surface gravity, and ‘peculiarity’ respectively.

Empirical calibrations of the (X, Y) plane have been elaborated by Cramer k  Maeder 

(1979) and Cramer (1982, 1984a, 6). A calibration of the (X , Z)  plane in terms of surface 

magnetic field was proposed by Cramer k  Maeder (1980a) and applied to stars of spectral 

types B2-A3 from Rufener’s (1981) catalogue by Cramer k  Maeder (19806).

Early theoretical calibrations of the Geneva system include tha t of North k  Hauck

(1979) who computed synthetic Geneva indices using the model stellar energy distributions 

of Kurucz (1979). These were compared extensively with observations in the 3rd Geneva 

catalogue (Rufener 1977, 1981) by Golay, Nicolet k  North (1979) with the conclusion 

that the models successfully represent observations in this system for early type stars. 

Partial calibrations of the (X, Y) plane using Kurucz models were subsequently presented 

in graphical form by Cramer k  Maeder (1980a, figure 6) and again in numerical form by 

North k  Cramer (1984, table 6).

More recently, North k  Nicolet (1990) calibrated the (X , Y) plane by computing syn

thetic parameters from Kurucz’s model atmospheres employing new response curves of 

the Geneva passbands from Rufener k  Nicolet (1988). They followed Moon k  Dworetsky 

(1985) by transforming their calibration into agreement with the observed indices of stars 

with fundamentally-determined values of Tefj taken primarily from Code et aI. (1976). 

However, for their log# calibration, North k  Nicolet were obliged to supplement their 

small sample of fundamental stars with young stars from the Orion OBI association for 

which they adopted gravities from the calculations of Maeder k  Meynet (1988). The lack
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F ig u re  4.4: The reddening-free Geneva parameters X  and Y  o f the programme stars 
(symbols) compared with the empirically-adjusted grid o f synthetic parameters (contin
uous lines labelled by Teff and log <7) from North k  Nicolet (1990). See figure 4.1 for 
key.

of fundamental stars with Teff < 10 000 K and log <7 < 4 limits the application of their 

calibration to cooler and/or evolved stars.

4.5 .3  Effective Tem peratures and Surface G ravities

Reddening-free parameters X  and Y  were computed for the programme stars according to 

equation 4.6 using Geneva photometry taken from the catalogue of Rufener (1981, third 

edition). Figure 4.4 is an (X, Y )  diagram for the programme stars, upon which has been 

superimposed the empirically-adjusted solar-metallicity grid of North & Nicolet (1990). As 

remarked by North & Nicolet, the characteristics of the (X , Y )  plane are analagous to those 

of the (co,/?) plane: luminosity classes are well separated and the range of applicability 

has a lower limit of Teff ~  9000-10 000 K.

North & Nicolet present their calibration in the form of tabulations of 0eff =  5040/Tefr 

and log<7 as a function of X  and Y  for metallicities of [M/ H] 6 { -1 ,0 ,+ 1 } . A F o r t r a n  

program g e n e v a  was written to interpolate within these tabulations using the bicubic
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spline interpolation routines S P L I E 2  and S P L I N 2  from Press et aJ .  (1986). g e n e v a  prop

agates uncertainties in interpolated parameters using the expression given by North & 

Nicolet (their equation 10) taking into account the covariance of the photometric vari

ables and the photometric weight P  of the observations.

G E N E V A  was used to derive Teff and log <7 for the programme staxs using North & 

Nicolet’s solar metallicity calibration. In keeping with the treatm ent of photometric errors 

presented in §4.4.3, uncertainties of ±0^*015 were adopted for X  and Y  corresponding to 

a photometric weight of P  «  1—this is a reasonable estimate of the external accuracy of 

Geneva photometry, the internal accuracy being significantly better for most of the data 

considered here (see Rufener 1981). The derived Tefr and log <7 of the programme stars 

and their corresponding uncertainties are presented in table 4.3. Effective temperatures 

and surface gravities computed using the 10 x solar metallicity calibration yield mean 

differences with respect to solar metallicity calibration of —220 ±  70 K (s.d.) and +0.04 ±  

0.04 (s.d.) in Teff and log <7 respectively. These provide an extreme upper limit on the 

uncertainties introduced by applying the solar metallicity calibration to the HgMn stars 

which axe known to have marginal (but diverse) abundance enhancements (see §4.6 .9.2).

4.5 .4  Surface M agnetic Field Inten sities

Hauck (1974) discovered tha t the A (V\ -  G) peculiarity param eter of the Geneva system is 

approximately correlated with maximum surface magnetic field strength in magnetically- 

variable Ap stars. This work was extended by North (1980) who showed that this parame

ter, and indeed the Z param eter of the Cramer-Maeder system, is in fact better related to 

the mean surface magnetic field strength in these stars. Subsequently, Cramer & Maeder 

(1980a) proposed an empirical calibration of their (A , Z )  plane for Ap and Bp type stars in 

terms of mean surface magnetic field intensity. They showed tha t the Z  param eter of the 

Geneva system is largely insensitive to binarity, rotation and interstellar reddening, but is 

highly correlated with mean surface magnetic field strength. Using multivariate analysis 

of magnetic field measurements given by Preston (1971) for stars observed in Rufener’s 

(1976) catalogue, they obtained the following relationship:

H8 =  -0 .1 5  +  (0.02Z  -  0.0042)ZTefr(X ) (4.7)

151



Chapter 4

T ab le  4.3: The Geneva reddening-free parameters X ,  Y  and Z  o f the programme stars, 
and derived effective temperatures and surface gravities according to the empirically ad
justed calibrations o f North & Nicolet (1990).

Star HD X* Y* Z* Teff (K) log^ M  (M@)T Ht (kG)*
Normal Stars

7r Cet 17081 1.001 0.050 0.002 13 220 ±100 4.05 ±0 .13 3.7 ± 0 .1 -0 .3  ± 0 .3
134 Tau 38899 1.429 0.024 0.017 10 710 ±  90 4.24 ± 0 .07 2.6 ± 0 .1 -0 .9  ± 0 .1
9 Leo 97633 1.738 0.046 0.002 9 310 ±120 3.74 ±  0.04 2.7 ± 0 .1 -0 .2  ± 0 .1
r Her 147394 0.807 0.027 -0 .007 14 850 ±150 4.08 ± 0 .14 4.3 ± 0 .1 0.3 ± 0 .4
£ Dra 155763 1.071 0.086 0.010 12 810 ±  90 3.78 ± 0 .14 4.1 ± 0 .1 -0 .7  ± 0 .4
a  Lyr 172167 1.646 -0.015 0.005 9 400 ±140 4.05 ±  0.04 2.4 ± 0 .0 -0 .3  ± 0 .1
21 Aql 179761 1.034 0.085 -0.002 13 040 ±  90 3.76 ±0 .14 4.2 ±  0.0 0.0 ± 0 .1
v  Cap 193432 1.542 0.056 0.002 10 300 ±  90 3.99 ±  0.07 2.7 ± 0 .1 -0 .2  ± 0 .2
£ Oct 215573 0.905 0.045 0.003 13 970 ±  120 4.01 ± 0 .14 4.1 ± 0 .1 -0 .3  ± 0 .3

Superficially Normal Stars
46 Aql 186122 1.039 0.101 -0.026 13 010 ±  90 3.60 ±0 .15 4.6 ± 0 .1 1.5 ± 0 .5
k Cep 192907 1.555 0.083 0.009 10 340 ±  80 3.86 ±0 .08 2.9 ± 0 .1 -0 .5  ± 0 .2
HR7878 196426 1.036 0.056 -0.009 12 990 ±100 4.02 ±0 .13 3.7 ± 0 .1 0.4 ± 0 .3
21 Peg 209459 1.537 0.130 0.007 10 550 ±  60 3.60 ±0 .10 3.5 ± 0 .1 -0 .5  ± 0 .2

HgMn Stars
87 Psc 7374 1.015 0.045 0.002 13 120 ±100 4.09 ±0 .12 3.6 ± 0 .1 -0 .2  ± 0 .3
<f> Phe 11753 1.517 0.094 0.006 10 550 ±  80 3.83 ±0.08 3.1 ± 0 .1 -0 .4  ± 0 .1
53 Tau 27295 1.193 0.021 -0.006 11 930 ±  90 4.32 ±0 .09 2.9 ± 0 .1 0.2 ± 0 .2
p Lep 33904 1.069 0.032 -0.001 12 710 ±100 4.22 ±0.11 3.2 ± 0 .1 -0 .1  ± 0 .3
HR1800 35548 1.390 0.066 0.014 11 060 ±  80 4.05 ±0 .08 2.9 ± 0 .2 -0 .7  ± 0 .3
33 Gem 49606 0.860 0.047 -0 .007 14 380 ±130 3.94 ±0 .15 4.4 ± 0 .1 0.3 ± 0 .3
HR2676 53929 0.895 0.048 -0.005 14 060 ±120 3.97 ± 0 .14 4.2 ± 0 .1 0.1 ± 0 .3
HR2844 58661 0.961 0.026 -0.007 13 460 ±  110 4.22 ±0 .12 3.5 ± 0 .1 0.2 ± 0 .2
u Cnc 77350 1.549 0.095 -0.002 10 410 ±  80 3.80 ±0 .08 3.0 ± 0 .1 -0 .1  ± 0 .1
k Cnc 78316 0.959 0.017 -0.008 13 450 ±120 4.28 ±0 .12 3.4 ± 0 .1 0.4 ± 0 .2
HR4072 89822 1.486 0.056 -0.002 10 560 ±  90 4.04 ±  0.07 2.7 ± 0 .1 -0 .1  ± 0 .1
X Lup 141556 1.434 0.056 -0.009 10 820 ±  80 4.08 ±0 .08 2.8 ± 0 .2 0.3 ± 0 .4
l CrB 143807 1.387 0.041 -0.013 10 990 ±  90 4.19 ±0 .08 2.7 ± 0 .1 0.5 ± 0 .2
v Her 144206 1.187 0.054 -0.006 12 050 ±  80 4.11 ±0 .10 3.2 ± 0 .1 0.2 ± 0 .2
HR6000 144667 0.891 0.031 -0 .020 14 050 ±130 4.12 ±0 .13 3.9 ± 0 .0 1.2 ± 0 .2
<f> Her 145389 1.252 0.044 -0.011 11 680 ±  80 4.19 ±0 .09 2.9 ± 0 .1 0.4 ± 0 .2
28 Her 149121 1.400 0.081 -0.003 11 060 ±  80 3.96 ±0 .09 3.0 ± 0 .1 0.0 ± 0 .2
HR6997 172044 0.840 0.029 -0.010 14 520 ±  140 4.09 ±0 .14 4.2 ± 0 .1 0.5 ± 0 .3
112 Her 174933 0.993 0.038 -0.026 13 250 ±110 4.14 ±0 .12 3.6 ± 0 .1 1.5 ± 0 .3
HR7143 175640 1.186 0.044 -0.005 12 030 ±  90 4.18 ±0 .10 3.1 ± 0 .2 0.1 ± 0 .4
HR7361 182308 0.944 0.061 -0 .010 13 680 ±110 3.89 ±0 .14 4.2 ± 0 .1 0.5 ± 0 .5
HR7664 190229 1.004 0.082 -0.004 13 250 ±  90 3.76 ±0 .15 4.3 ± 0 .1 0.1 ± 0 .3
HR7775 193452 1.398 0.026 -0.012 10 880 ±  90 4.26 ± 0 .07 2.6 ± 0 .1 0.4 ±  0.2
(3 Scl 221507 1.100 0.018 0.007 12 470 ±  100 4.34 ±0 .10 3.0 ± 0 .1 -0 .5  ± 0 .2

N otes fo r T able  4.3: * Calculated according to equation 4.6 using Geneva photometry from catalogue 
of Rufener (1981). * Initial stellar mass from calibration given by North & Nicolet (1990). *Mean surface 
magnetic held intensity from calibration given by Cramer <fc Maeder (1980a).
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F ig u re  4.5: The reddening-free Geneva parameters X  and Z  o f the programme stars 
(symbols) compared with the empirical calibration o f surface magnetic held intensity H s 
(kG) for Ap and Bp stars (lines labelled by Teff and H a) from Cramer &: Maeder (1980a). 
Note that the calibration is extended to (non-physical) negative field strengths (dashed 
lines) for illustrative purposes only See figure 4.1 for key.

where

log Teff =  4.496 -  0.453X +  0.086X2 (4.8)

and Jig is the surface magnetic field intensity in kG. Cramer & Maeder emphasised that 

an im portant caveat attendant to this calibration is tha t it is purely statistical in nature 

and has not yet been reproduced using model atmospheres. Thus it should be used to 

investigate the statistical properties of Ap and Bp stars and to identify candidate magnetic 

types rather than as a measure of the field strength in any individual object.

The distribution of the programme stars in the (X , Z) plane is illustrated in figure 4.5 

upon which has been superimposed Cramer & Maeder’s H a calibration. Note tha t the 

calibration has been extended to non-physical negative values of field strength in order to 

provide an a clearer indication of the scatter in the data. While nearly all the programme 

stars lie below a resonable threshold of significance at which they might be considered 

candidate magnetic stars (i.e., ~  1 kG), the HgMn group clearly have systematically larger
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values of Z  than the normal and superficially normal stars.

Photometric estimates of the surface magnetic field intensities were obtained for the 

programme stars using equation 4.7 and are presented in table 4.3. These data were 

divided into two samples: (1) the normal and superficially normal stars, and (2) the 

HgMn stars.* These samples were then subjected to the Kolmogorov-Smirnov (K-S) test, 

the F -test and Student’s f-test to establish the magnitudes and statistical significances 

of differences in their distributions, variances, and means respectively. The tests were 

repeated using samples restricted to H a < lk G  (i.e., excluding the three ‘outliers’ in 

figure 4.5).

T ab le  4.4: Statistical tests on the distributions o f photometrically determined mean 
magnetic held intensities H a for normal and HgMn samples drawn from the programme 
stars.

Sample A(Ha) (kG)* K-S test F-test <-test
All H„ 0.52 0.59 (0.7) 2.04 (21.8) 3.01 (0.5)
\Ht \ < 1 kG 0.37 0.57 (1.3) 1.27 (61.5) 2.90 (0.7)

N otes fo r T able 4.4: * Difference in mean of the normal and HgMn samples in the sense HgMn—Normal. 
The significance of each test statistic is given as a percentage in parentheses. See text for further details.

The results are presented in table 4.4 where the values of the test statistics and their 

significances are compared for the two samples. They confirm that the HgMn stars have 

statistically larger values of H a than their normal congeners at a confidence level of better 

than 99%. The variances of the distributions, however, axe not significantly different; they 

are possibly dominated by observational errors (which should be similiar for the normal 

and HgMn samples) rather than true star-to-star variation in the strength of the A5300 

feature.

The limited data presented here therefore support the identification of marginally 

enhanced Z  parameters in HgMn stars as a group. This is in accordance with the weak 

A5300 features observed spectrophotmetrically in these stars by Adelman and colleagues 

(Adelman 1977, 1979; Adelman & Pyper 1979; Adelman 19846). If Cramer & Maeder’s 

calibration is taken at face value, these results would be consistent with the presence of 

weak magnetic fields (of order a few hundred Gauss) in these stars. This view is supported 

by Hauck h  North (1982) and has since been corroborated by North & Cramer (1984) who 

’Including 46 Aql which is demonstrably a mild HgMn star (see subsequent chapters).
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presented statistically significant evidence tha t the magnetic fields of both Ap and HgMn 

stars decay on an evolutionary timescale. The existence of such weak fields has not been 

excluded by polarimetric observations (e.g., Borra & Landstreet 1980; Borra, Landstreet 

& Thompson 1983) as they are below the limit of detectability using classical techniques. 

Although the correlation of the A5300 feature with magnetic field strength in A p/Bp stars 

is now well-established, the uniqueness and one-to-one correspondance of the correlation 

has yet to be demonstrated.

4.6 Spectrophotom etry and Balm er Profiles

4.6.1 Introduction

The objective of this section is to derive atmospheric parameters for the programme stars 

by fitting the predictions of model atmospheres to spectrophotometric observations and 

Balmer line profiles. Kurucz (1979) has remarked that the use of theoretical flux distribu

tions for this purpose is the only “safe strategy” for specifying a best-fit model atmosphere 

to be used in subsequent abundance analysis. This viewpoint is predicated on the idea 

tha t a model with continuous emission which matches observations will have approxi

mately the correct tem perature gradient in the region of the atmosphere where weak lines 

are formed. Systematic errors in the models are thus largely avoided, but may never

theless manifest themselves as incorrect effective temperatures and in poorly reproduced 

profiles for strong lines (which are formed high in the atmosphere and therefore outside 

the continuum-forming region).

4.6 .2  The Param eters Teff, log <7 , and [A f/H ]

By way of introduction, consider the sensitivity of UV and visual-infrared continuous 

energy distributions to the three primary model atmosphere parameters: effective tem

perature, surface gravity and metallicity. The effects of these variables are illustrated in 

figure 4.6a-c where Kurucz (1979) model flux distributions in the parameter range under 

study have been plotted in the form of magnitudes per unit frequency (normalised to zero 

at A5556) against wavelength. Figure 4.6a shows tha t the slope of the Paschen continuum 

and the size of the Balmer jump are sensitive functions of Teff. The slope of the Balmer
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model atmospheres in the parameter regime o f the programme stars showing the sensitivity 
to (a) effective temperature, (b) surface gravity, and (c) metallicity. The ordinates are in 
units o f magnitudes per Hz normalised to zero at A5556.
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continuum does not vary significantly with Teff in the range 12500-15000. Figure 4.66 

illustrates that the Balmer jump is a weakly decreasing function of surface gravity (a char

acteristic which reverses at Teff £  11000 K) whereas the slopes of the Balmer and Paschen 

continua are virtually independent of log <7. The weak sensitivity to log g in the far UV is 

due to enhanced blanketing associated with increased collisional damping of metal lines at 

higher surface gravities. Finally, figure 4.6c shows the decrease in flux below A3000 with 

increasing metallicity. In the flux-constant Kurucz models, this is balanced by increased 

emission in the infrared (the far Paschen and Pfund continua). Note, however, tha t the 

slope of the Paschen continuum shortward of H a is largely insensitive to metallicity in 

the abundance range under consideration. The Balmer jump is a decreasing function of 

metallicity because of the increased emission in the Balmer continuum above A3000—this 

is a backwarming effect.

Next consider the sensitivity of Balmer line profiles to the same atmospheric param 

eters. In figure 4.7a-c, Kurucz (1979) H7 profiles are plotted in the form of residual 

intensity R  (normalised to unity in the continuum) as a function of displacement from 

line centre AA. Figure 4.7a shows that the strength of H7 is a decreasing function of Teff 

above approximately 10 000 K (the maximum occurs at 8000-9500 K depending on surface 

gravity). Both the line core and strength of the wings are sensitive to this parameter. Fig

ure 4.76 demonstrates that there is a comparable sensitivity to surface gravity at constant 

effective temperature. The line core is essentially invariant being defined by the tem pera

ture of the ‘boundary’ layer of the model atmosphere, whereas the wings show a dramatic 

sensitivity to log <7 due to  the enhanced action of Stark broadening at the associated higher 

electron pressures. Finally, figure 4.7c illustrates the very weak metallicity dependence of 

H7 . In the Teff range under consideration, metallicity effects are largely restricted to  the 

line core (illustrated in the inset) where the influence of blanketing effects in the upper 

atmosphere are most conspicuous.

The foregoing discussion demonstrates that spectrophotometry and Balmer profiles are 

excellent diagnostics of effective temperature and surface gravity, but not independently of 

metallicity. If the metallicity is determined from independent criteria (e.g., spectroscopy), 

then the derivation of atmospheric parameters involves solving for a best-fit in two vari

ables. In practice, for any individual diagnostic there is a ‘degeneracy’ in these variables
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in the sense tha t an entire family of (Teff,log^) pairs specify models which provide statis

tically acceptable fits. Thus, the best-fit for either of these diagnostics can be represented 

by a line (or locus of solution) in a temperature-gravity diagram* rather than a unique 

point (see, e.g., Gray 1976, p. 385-386 and references therein). More generally, of course, 

uncertainties in the observations expand this solution locus into a confidence region. The 

appropriate technique for fitting theory to observation in this case is parameter estima

tion by x 2 testing. As an approach, it has a number of advantages over the “chi-by-eye” 

method (see Press et a1. 1986, p. 499): objectivity, the identification of a formal confidence 

region in parameter space, and capacity for automation.

4.6 .3  Param eter E stim ation  by x 3 T esting

The use of x 2 testing in the derivation of model parameters has been described in the 

context of astronomical applications by Lampton, Margon & Bowyer (1976). Press et 

al. (1986) give a detailed account of this method and provide computer routines for its 

implementation which are adopted in this work.

Consider the data points (z,-,y,) to which we wish to fit a model y(xi) in M  free 

parameters a*. The maximum likelihood estimate of the model parameters is obtained by 

minimising the quantity

X2 = ^ 2  (  ~ ^ x*
i=i '

called the chi-square.

The probability distribution for different values of x 2 at its minimum x£un *s 

chi-square distribution for v = N  — M  degrees of freedom. This distribution yields the 

probability Q ( x 2W)  that the observed chi-square should exceed the value x 2 purely by 

chance even for a correct model. If the errors are normally distributed, Q provides a 

quantitative measure of the goodness-of-fit of the model. Low probabilities (i.e., Q <C 

0 .001) signify th a t the model is either wrong (and can be rejected), tha t the errors have 

been underestimated, or tha t the errors are in fact non-normally distributed; conversely, 

very high values (i.e., Q ~  1) indicate that the errors have been overestimated.

The quantity A x2 = X2 ~  x L  distributed as a chi-square distribution with as many 

degrees of freedom as there are free parameters a (i.e., M ). Contours of constant A x2

‘ Colloquially referred to as a Kiel diagram for historical reasons.

; ai • • - am)
Vi

(4.9)
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define the boundaries of confidence regions within the M-dimensional parameter space of 

a. Each of these confidence regions contains a specific fraction p of the total probability 

distribution for the parameter vector a given by

P =  P(&X2W) = 1 -  Q(&X2W) (4.10)

where P(Ax2\v) is the chi-square probability function for v (=  M  in this case) degrees 

of freedom and Q is its complement. For example, for the two parameter case v — 2, the 

confidence region circumscribed by the boundary A x2 =  2.30 contains a fraction p  = 0.683 

of the probability distribution of the parameter vector, or equivalently, 68.3 % of normally 

distributed data. The joint confidence region for a subset u < M of the parameters is 

defined geometrically by the projection of the M-dimensional confidence region onto the 

v-dimensional param eter space of interest. In the example cited above, the confidence 

region defined by the boundary A x2 = 1.00 projects onto intervals in each parameter 

axis which contain a fraction p = 0.683 or 68.3% of all normally distributed data. This 

property will prove of particular use in defining the confidence intervals for individual 

model parameters independently of each other.

4 .6 .4  TGKIEL

The application of x 2 testing in the fitting of model predictions to  observational data was 

realised by the author in an interactive command-driven FORTRAN code called TGKIEL 

(Temperatures and Gravities from Kiel diagrams). In its current implementation, TGKIEL 

allows the user to  derive effective temperatures, surface gravities and (optionally) the an

gular diameters of stars from spectrophotometric data and/or Balmer line profiles. Its 

design and coding are sufficiently flexible, however, that it could be applied to most prob

lems of parameter estimation using pre-computed model grids with arbitrary numbers of 

free parameters.

TGKIEL is  b e s t  d e s c r ib e d  b y  su m m a r is in g  th e  se r ie s  o f  o p e r a t io n s  w h ic h  w o u ld  t y p ic a l ly  

b e  e x e c u te d  in  i t s  u se .

The first stage is to read the observational dataset into TGKIEL: this can comprise 

either spectrophotometric data in magnitudes per unit frequency interval (mag Hz-1 ) as 

a function of wavelength (A), or a Balmer line half-profile in the form of relative intensity 

as a function of displacement in wavelength from line centre (A). Spectrophotometric
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observations can be dereddened within TGKIEL using a routine from DIPSO (Howarth & 

Murray 1991) as described in §4.6.7. Balmer profiles can be corrected for scattered light 

using the method described in §4.6.8.

TGKIEL operates by reading into memory an entire user-specified grid of models as a  

function of the parameters Teff and logy. The models axe converted into an appropriate 

form for fitting to the data. Continuous energy distributions are converted from astro- 

physical fluxes per unit wavelength interval F\ (erg cm-2  s-1 A- 1 ) to magnitudes per unit 

frequency interval m l/ (mag Hz-1 ) normalised to zero at A5556 thus

m u =  — 2 .5 log .Tv — constant (4-11)

where

constant = —2.5log^7I/(A 5556)
7T A2

=  Fxc

This is the form in which spectrophotometric observations are normally presented in the 

literature and for which measured uncertainties are approximately constant for a given 

wavelength region (Adelman 19846). Balmer line profiles are converted to relative flux 

units by normalisation to unity in the continuum at the maximum A A in the data  array. 

D ata points in the Doppler core (AA ^  lA )  are discarded because they contain little 

gravity information and are possibly subject to systematic errors due to the assumption 

of LTE (e.g., Kurucz 1979), deficiencies in the collisional broadening theory (e.g., Vidal, 

Cooper & Smith 1973; Mathys 1988) and rotational/instrum ental broadening effects.

TGKIEL provides an option for mapping the models onto the abscissal grid of any 

memory-resident observations thereby increasing the speed of subsequent fitting opera

tions. Continuous energy distributions are remapped by integration through passbands 

of user-specified width (FWHM in A) and shape (rectangular or gaussian). Balmer line 

profiles are sampled discretely in direct analogy to how they are normally measured from 

spectra.

Next, formal statistical uncertainties must be specified for the observational data. For 

spectrophotometry, the user provides standard deviations (in mag Hz-1 ) for the satellite- 

UV region (A ^  3000 A), the Balmer continuum (3000 £  A (A) & 3647) and the Paschen 

continuum (3647 £  A (A) £  8206). The uncertainty on the colour excess E (B  — V ) for
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the star may also be specified; this is propagated into uncertainties in spectrophotometric 

magnitudes using the extinction law in the dereddening routines, and combined quadrat- 

ically with the photometric errors as a function of wavelength. For Balmer line profiles, 

the user provides the signal-to-noise ratio of the observations in the continuum from which 

T G K I E L  computes the requisite wavelength-dependent array of standard deviations.

Parameter estimation proceeds by computing x 2 f°r eac^ model on a user-defined 

mesh of the parameter space (Tefr,logy). For each parameter pair (Teff,log<7) in the mesh, 

T G K I E L  interpolates a model within the memory-resident model grid, maps it onto the 

abscissal grid of the observations (if necessary), and computes x 2 according to equation 4.9. 

Models are interpolated bi-dimensionally within a sub-block of user-specified size in each 

parameter. T G K I E L  locates these sub-blocks optimally with respect to the centering of 

the interpolating variables, and provides the option of bi-polynomial or bi-cubic spline 

interpolation using the routines p o l i n 2  and s p l i e 2  repsectively from Press et a1. (1986).

By default, for each ( r eff,log<7) pair, T G K I E L  further optimises the fit of the model 

in terms of a normalisation constant. For spectrophotometry, this is a global shift of 

the model energy distribution in the magnitude axis, whereas for Balmer profiles it is 

a fractional variation in the continuum normalisation factor. In general, this is not a 

physically meaningful parameter of the models, but rather allows for the possible presence 

of errors in the normalisation of the observational data. Therefore T G K I E L  saves only the 

minimum x 2 for any given (Teff,log<7) pair. Numerically this is equivalent to projecting the 

‘trajectory’ of minimum x 2 in the full 3-dimensional parameter space onto the (Teff,log <7) 

plane. If required, this feature of T G K I E L  can be deactivated so that the models and 

observations are forced to agree at the normalisation reference point (by default, A5556 for 

spectrophotometry and maximum AA for the Balmer profiles). In this case, the error array 

is recomputed by propagating the uncertainty in the reference point into the remainder of 

the data  array, and the reference point itself is excluded from subsequent computations of 

the chi-square sum (equation 4.9).

The result of these calculations is a 2-dimensional array x 2(Teff, log g). T G K I E L  searches 

this array for the global minimum x£un which represents the best-fit model for the param 

eter range under consideration.

Uncertainties on the individual parameters are determined as follows. First, the x 2
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array is transformed to an array of

A x 2(^eff,log^) =  X2(Teff,logSf) -  Xmin (4.12)

Contours of constant A x2 in this array define confidence regions which contain a specific 

fraction p = P(A x2|  ̂= 2) of the total probability distribution for the parameter vector 

(Teff, logg). For example, the contour defined by A x2 =  2.30 contains 68.3% of normally 

distributed data  in the (Teff, log g) plane. Confidence intervals (i.e., formal uncertainties) in 

the parameters Teff and log <7 individually are defined by the projection of the confidence 

contour for constant p = P (A x 2\v = 1) onto each respective axis. A typical example 

would be the contour defined by A x2 =  1.00 which projects onto intervals in each axis 

which contain 68.3% of normally distributed data (i.e., l-<r in each parameter). Thus, 

by computing the array P (A x 2|^ = l)  using the routine g a m m p  from Press et a1. (1986), 

TGKIEL projects contours of constant user-specified value p onto each param eter axis to 

determine the associated uncertainties (e.g., 1-cr, 2-<r, etc.) in each variable.

The x2 array can be displayed graphically in the form of contours of constant x2> 
A x 2 or P ( A \ 2\v). This enables the user to identify the location of the global minimum 

and refine the ‘resolution’ of the (Teff,log£r) mesh for subsequent calculations. The x2 

arrays for spectrophotometry and Balmer profiles are stored separately so tha t the user 

can superimpose confidence contours for each on the same output. The intersection of 

these contours will in general define a constrained region of solution in the (Teff,log<7) 

plane. TGKIEL also offers the facility for computing the ‘jo in t’ x2 fo r  these two data 

types by addition. In this respect, a model specified by a (Teff,log^) pair comprises 

both the theoretical energy distribution and the Balmer profile. The joint x 2 minimum 

and associated confidence regions can be defined in the same way as for the individual 

datasets.

4.6 .5  A utom ated  M odel F ittin g

Automated model energy distribution fitting has been effectively applied in this respect 

by Malagnini et a1. (1982) who used Kurucz models to derive Teff and log# from the UV 

S2/68  spectra of 129 A and F stars in the Ultraviolet Bright Star Spectrophotometric Cat

alogue (Jam ar et al. 1976). This work was extended in a subsequent paper by Malagnini, 

Faraggiana & Morossi (1983) who compared effective temperatures derived from UV and
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visual region observations of 48 B5-A0 stars of luminosity classes III-V. Finally, Morossi & 

Malgnini (1985) have derived Teff for all the non-peculiar 09-G 8 type stars of luminosity 

classes III-V  in the Breger (1976) spectrophotometric catalogue.

The conclusion of these studies was tha t Kurucz (1979) model energy distributions 

provide a satisfactory description of the observations from the UV region through to near 

infrared, but tha t the residuals are systematically larger for the UV region. Although 

calibration problems with the S2/68  experiment were implicated in this respect, a de

ficiency in the UV opacity of the Kurucz models is now widely accepted as being the 

dominant source of error. Therefore, satellite-UV observations are omitted from the anal

ysis of spectrophotometry presented here, although they will be compared with the best-fit 

model energy distributions from the visual region data.

4.6.6 O bservational D ata

4.6.6 . 1  Spectrophotometry

Spectrophotometric data for the programme stars were obtained, where available, from 

the literature; the primary sources adopted were the extensive catalogue of Breger (1976) 

and the series of observations published by Adelman details of which are presented in 

table 4.5.

4.6 .6 . 2  Balmer Profiles

The literature was searched for measurements of Balmer profiles of the programme stars 

with particular emphasis on H7 . Unfortunately, these are rather scarce since few authors 

elect to publish such data in a convenient tabulated form. Therefore, wherever necessary, 

recourse was made to careful measurement of published figures enlarged xerographically 

onto graph paper. The sources of adopted H7 profile data for the programme stars are 

summarised in table 4.6.

For some of the programme stars, H7 profiles were measured directly from the reduced 

photographic spectra described in chapter 6 as follows. The spectra were normalised to 

unity at AA = ±40 A with respect to the centre of H7 . All metal lines and gross noise 

spikes were deleted from the data in this interval by using the d i p s o  function s n i p .  The 

red and blue wings of the H7 profiles were then fitted separately with Hermite splines
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Table 4.5: The sources o f spectrophotometric data for the programme stars.

Star HD Ref.* a(u — by a(b —
Normal Stars

7r Cet 17081 [1] 0.010 0.008
134 Tau 38899 [1] 0.010 0.008
0 Leo 97633 [2] 0.010 0.008
r Her 147394 [1] 0.010 0.008
C Dra 155763 [3] 0.010 0.008
a  Lyr 172167 [3] 0.004 0.005
HR7098 174567 • • • • • • • .  •

21 Aql 179761 [1] 0.010 0.008
v Cap 193432 [1] 0.010 0.008
£ Oct 215573 [4] 0.022 0.018

Superficially Normal Stars
HR7338 181470
46 Aql 186122 • .  .

k Cep 192907 [2] 0.010 0.008
HR7878 196426 • • .

21 Peg 209459 [5] 0.010 0.008
HgMn Stars

87 Psc 7374
0 Phe 11753 [3] 0.033 0.026
53 Tau 27295 [6] 0.010 0.008
/i Lep 33904 [3] 0.033 0.026
HR1800 35548
33 Gem 49606
HR2676 53929 • • • • . •

HR2844 58661 • • •

v Cnc 77350 [7] 0.010 0.008
k  Cnc 78316 [6] 0.010 0.008
36 Lyn 79158 [8] 0.010 0.008
HR4072 89822 [6]
X Lup 141556
i CrB 143807 [6] 0.010 0.008
v Her 144206 [6] 0.010 0.008
HR6000 144667 • • • • • •

<j> Her 145389 M 0.010 0.008
28 Her 149121
HR6997 172044 [8] 0.010 0.008
112 Her 174933 [6] 0.010 0.008
HR7143 175640 • • .

HR7361 182308 • • •

HR7664 190229 [3] 0.018 0.010
HR7775 193452 • • •

/? Scl 221507 0.024 0.010

N o tes for T able 4.5: * References: [1] Adelman (1978); [2] Adelman, Pyper & White (1980); [3] Breger 
(1976); [4] Gutierrez-Moreno et al. (1986); [5] Adelman & Pyper (1983b); [6] Adelman (1979); [7] Adelman 
(1981); [8] Adelman & Pyper (1983a). * Photometric accuracy (mag) in ultraviolet-blue region (i.e., Balmer 
continuum). * Photometric accuracy (mag) in blue-visual region (i.e., Paschen continuum).
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Table 4.6: The sources o f H j profile data, for the programme stars.

Star HD Ref.* Type* Obs.* DispT
Normal Stars

ir Cet 17081 [1] hy var var
134 Tau 38899 [1] hy var var
6 Leo 97633 [2] Pg DAO 2.4
r Her 147394 [2] Ph DAO 2.4
£ Dra 155763 [3] Ph DAO 2.4
o  Lyr 172167 [4] pe KPNO n/a
HR7098 174567 [5] ph DAO 2.4
21 Aql 179761 [1] hy var var
v Cap 193432 [1] hy var var
£ Oct 215573 [5] Pg SAAO 15.5

Superficially Normal Stars
HR7338 181470 [5] Pg DAO 2.4
46 Aql 186122 [5] Pg DAO 2.4
k Cep 192907 [5] Pg DAO 2.4
HR7878 196426 [5] Pg MW 10.4
21 Peg 209459 [5] Pg DAO 2.4

HgMn Stars
87 Psc 7374 [5] Pg DAO 2.4
<j> Phe 11753 • • • • • • • • .

53 Tau 27295 [«j Pg DAO 2.4
p. Lep 33904 [6] Pg DAO 2.4
HR1800 35548 [5] Pg MW 1.9
33 Gem 49606
HR2676 53929 [5] Pg MW 10.4
HR2844 58661 [5] Pg P 4.5
v Cnc 77350 [7] Pg DAO 2.4
k Cnc 78316 [6] Pg DAO 2.4
36 Lyn 79158
HR4072 89822 . • •

X Lup 141556
l CrB 143807 [7] Pg DAO 2.4
v Her 144206 [8] Pg var var
HR6000 144667 • • • • • •

Her 145389 m Pg DAO 2.4
28 Her 149121 [9] Pg DAO 2.4
HR6997 172044 [5] Pg P 4.5
112 Her 174933 • • • • • • • .  *

HR7143 175640 [5] Pg DAO 2.4
HR7361 182308 [5] Pg P 4.5
HR7664 190229 [9] Pg DAO 2.4
HR7775 193452 [5] Pg MW 1.9
/? Scl 221507 [5] Pg SAAO 15.5

N otes fo r T able  4.6: * References: [1] Adelman (1984a); [2] Adelman (1988a); [3] Underhill (1973); [4] 
Peterson (1969); [5] This work (chapter 6); [6] Adelman (1987); [7] Adelman (1989); [8] Adelman (1984c); 
[9] Adelman (1988d); *Type of observational data: (pg) photographic; (pe) photoelectric; (hy) hybrid. 
* Observatory: (DAO) Dominion Astrophysical Observatory; (KPNO) Kitt Peak National Observatory; 
(SAAO) South African Astronomical Observatory; (MW) Mount Wilson; (P) Palomar; (var) various (i.e., 
more than one of above). *Dispersion for photographic observations in A mm-1.
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defined by cursor-selected points using the program c u r s o r  (see §2.5.6). For each profile, 

the spline fits were averaged with equal weights and sampled on a fixed grid of A A. These 

profiles are presented in appendix B (see tables B .l, B.2, and B.3).

The RMS deviations between the splines and spectra were found to be comparable 

to  the RMS deviations between the red and blue wing splines indicating good internal 

consistency. Conservative error estimates on the measured profile intensities were obtained 

from the maximum deviation between the red and blue wing spline fits. The mean errors 

thus obtained for DAO, Mount Wilson, Palomar and SAAO profiles were ±0.012, ±0.020, 

±0.012, and ± 0.020 continuum units respectively. These reflect, to a great extent, the 

differing dispersions (and therefore random noise per unit wavelength interval) of the 

spectra obtained from these observatories. If error estimates were unavailable for published 

data, those obtained here were adopted where appropriate.

4 .6 .7  R eddening

The programme stars are all relatively bright (B & 6m) and on the main sequence. This 

lends confidence that the effects of interstellar reddening on the visual region energy dis

tributions will be slight. The photometric properties of the programme stars detailed in 

§§4.3 and 4.4 support this view suggesting tha t typically E (B  — V )  < 07*05. However, the 

effects of reddening below the Balmer jump and into the UV are not neglible. In order to 

obtain as accurate determinations of effective tem perature as possible, the observed spec- 

trophometry should be dereddened using best available estimates of the colour excesses 

and an appropriate interstellar extinction curve. Accordingly, colour excesses E (B  — V) 

were determined for the programme stars using the following photometric methods:

[1] Moon’s (1985) program U V B Y B E T A  was used to compute Stromgren system colour 

excesses E(b — y ). This uses a revised form of the linear relation between intrinsic 

(6 -  y) and (u — b) colours from Crawford (1978) in combination with the mean 

reddening ratio E{u — b ) / E( b— y) =  1.53 from Crawford & Mandwewala (1976). 

These colour excesses were then converted to E ( B  — V)  using the colour excess ratio 

E(b — y ) / E ( B  — V)  =  0.74 from Crawford (1975c).

[2] Johnson’s (1958) Q-method was applied to U B V  photometry of the programme 

stars from Nicolet (1978). This is essentially an iterative scheme which takes into
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account the curvature and variation of slope of the reddening trajectory with colour. 

It assumes an intrinsic colour relation of (B  — V)o =  0.322Q and is only applicable 

to main-sequence stars of spectral types earlier than AO.

[3] Heintze’s (1973) Q-method was applied to U B V  photometry of the programme stars 

from Nicolet (1978). This differs from Johnson’s scheme in tha t it adopts a constant 

reddening line slope for B0-A 0 stars of E( U — B ) / E ( B  — V)  = 0.645 and assumes 

an intrinsic colour relation of (B  — V)o =  0.277Q — 0.045.

[4] Carnochan’s (1982) Q-method was applied to U B V  photometry of the programme 

stars from Nicolet (1978). This adopts a constant reddening line slope of E( U — 

B ) / E ( B  — V)  = 0.72 from Johnson & Morgan (1953) and determines colour excesses 

using the Q-(B — V)o calibrations constructed from FitzGerald’s (1970) intrinsic 

colours. A mean calibration for main sequence luminosity classes (i.e., IV and V) 

was adopted for all the programme stars.

[5] FitzGerald’s (1970) intrinsic colours were adopted for each of the programme stars 

on the basis of the MK spectral types given by Hoffleit and Jaschek(1982).

The E { B —V)  thus obtained are presented in table 4.7. The adopted E ( B —V ) are based 

on the mean values derived from methods [1] through [4]. These four methods give good 

agreement among each other for most of the stars with only small systematic differences 

apparent. The negative tail of the frequency distribution of mean colour excesses was used 

to estimate the uncertainty in the adopted colour excesses which is A E ( B  — V ) ~  ±0^015.

The results from method [5] are included for comparison only because they are of 

relatively poor quality. The reason for this is that the underlying assumption tha t the 

MK spectral types are good indicators of intrinsic colour is only statistically valid for 

the normal stars. Indeed, this assumption breaks down entirely for HgMn stars which 

have significantly discrepant MK types and colours: for the programme HgMn stars, this 

difference (as inferred from the observed colours, adopted colour excesses and FitzGerald’s 

(1970) spectral type-intrinsic colour tables) has a mean value of 0?104-(f?105. The cause of 

this discrepancy is the systematic misclassification of helium-weak HgMn stars as described 

by Dworetsky (1976). Essentially, the Balmer line profiles of spectral types B7-8V are 

practically indistinguishable from those of B9-A0III, although the la tter have considerably

168



Chapter 4

Table 4.7: The derived and adopted colour excesses E (B  — V ) o f the programme stars.

Star HD E(B —V) (mag)
[1) [2] [3] W [5]* Adopted*

Normal Stars
7r Cet 17081 +0.01 -0 .02 0.00 -0 .01 -0 .01 0.00
134 Tau 38899 -0 .01 -0 .03 +0.01 0.00 0.00 0.00
0 Leo 97633 +0.01 -0 .03 +0.02 -0 .06 0.00
r Her 147394 +0.02 0.00 +0.02 +0.01 +0.01 +0.01
£ Dra 155763 •  •  • 0.00 +0.02 -0 .01 +0.02 0.00
<* Lyr 172167 +0.01 0.00 +0.05 0.00 +0.01 0.00
HR7098 174567 +0.03 +0.06 +0.10 +0.08 +0.03 +0.07
21 Aql 179761 +0.06 +0.05 +0.08 +0.07 +0.03 +0.06
v Cap 193432 -0 .01 -0 .02 +0.02 -0 .01 -0 .01 0.00
f  Oct 215573 0.00 -0 .02 +0.01 0.00 -0 .01 0.00

Superficially Normal Stars
HR7338 181470 +0.04 -0 .01 +0.03 +0.01 0.00 +0.02
46 Aql 186122 +0.05 +0.10 +0.12 +0.12 +0.05 +0.10
k Cep 192907 -0 .01 -0 .02 +0.02 -0 .01 +0.03 0.00
HR7878 196426 +0.03 +0.03 +0.06 +0.03 +0.02 +0.04
21 Peg 209459 +0.01 -0 .02 +0.02 0.00 -0 .03 0.00

HgMn Stars
87 Psc 7374 +0.02 +0.04 +0.06 +0.05 +0.02 +0.04
<f> Phe 11753 -0.01 -0 .02 +0.02 0.00 -0 .14 0.00
53 Tau 27295 -0 .02 -0 .02 +0.01 0.00 -0 .02 0.00
p Lep 33904 +0.01 -0 .01 +0.02 0.00 -0 .0 4 +0.01
HR1800 35548 +0.03 0.00 +0.04 +0.02 +0.02 +0.02
33 Gem 49606 +0.01 +0.01 +0.04 +0.03 -0 .01 +0.02
HR2676 53929 +0.01 0.00 +0.02 +0.01 -0 .0 8 +0.01
HR2844 58661 +0.01 +0.04 +0.01 -0 .03 +0.02
v Cnc 77350 0.00 -0 .02 +0.03 0.00 -0 .03 0.00
k Cnc 78316 +0.02 +0.01 +0.03 +0.02 -0 .01 +0.02
36 Lyn 79158 -0.01 -0 .02 0.00 -0 .01 -0 .0 4 0.00
HR4072 89822 0.00 -0 .03 +0.01 -0 .02 -0 .0 5 0.00
X Lup 141556 +0.01 -0 .01 +0.03 +0.01 +0.03 +0.01
i CrB 143807 +0.01 -0 .02 +0.02 0.00 -0 .06 0.00
v Her 144206 +0.01 -0 .03 0.00 -0 .02 -0 .03 0.00
HR6000 144667 +0.05 +0.06 +0.08 +0.08 -0 .0 6 +0.07
4> Her 145389 +0.02 +0.01 +0.04 +0.02 0.00 +0.02
28 Her 149121 +0.01 -0 .01 +0.02 +0.01 0.00 +0.01
HR6997 172044 +0.04 +0.04 +0.07 +0.06 0.00 +0.05
112 Her 174933 +0.03 +0.05 +0.08 +0.07 +0.03 +0.06
HR7143 175640 +0.06 +0.04 +0.07 +0.05 +0.03 +0.06
HR7361 182308 +0.04 +0.10 +0.13 +0.12 +0.03 +0.10
HR7664 190229 +0.02 +0.01 +0.04 +0.03 -0 .0 5 +0.02
HR7775 193452 +0.02 +0.01 +0.05 +0.03 -0 .01 +0.03
/3 Scl 221507 0.00 +0.01 +0.04 +0.01 -0 .0 5 +0.01

N otes for T able 4.7: Colour excesses obtained using methods given by [1] Moon (1985); [2] Johnson 
(1958); [3] Heintze (1973); [4] Carnochan (1982): [5] FitzGerald (1970). * Based on MI\ types (included for 
comparison only). *Mean of methods [l] through [4],
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weaker helium lines which axe mimicked by the helium deficient HgMn stars.

The largest potential source of error in the derived colour excesses will be due to any 

unaccounted binarity in the HgMn stars. Generally, the secondary components of HgMn 

binary systems are main sequence mid to late A type stars, the presence of which will tend 

to displace composite photometry to  redder indices (see Dworetsky 1971). Among the pro

gramme stars, this is only likely to be a problem with the cool binaries HR4072, x  Lup and 

tC rB , none of which exhibit significant colour excesses according to the photometrically 

derived values given here.

Observed spectrophotometry can be dereddened within T G K I E L  using the Galactic 

interstellar extinction curve given by Seaton (1979) for the UV and by Howarth (1983) for 

the optical-infrared. The ratio of total-to-selective absorption R  = A y / E ( B  — V ) adopted 

here was Howarth’s ‘consensus’ value of 3.1.

The approximate effect of systematic errors in the adopted colour excesses was investi

gated by fitting reddened model energy distributions with an unreddened solar metallicity 

grid as follows. Energy distributions in the temperature-gravity regime of interest were 

reddened according to the Howarth extinction law for E (B  — V) = +07*01. These data 

were sampled onto a wavelength grid typical of the spectrophotometric observations of 

the programme stars by integration over the requisite passbands. Atmospheric param e

ters were then obtained by solving simultaneously for the best fit solar metallicity energy 

distribution and H7 profile. The la tter constrains the gravity and is, of course, essentially 

independent of interstellar reddening.

The results are illustrated in figure 4.8 in which the differential effects of redden

ing are represented by displacement vectors in a temperature-gravity diagram. This figure 

demonstrates how (uncorrected) interstellar extinction decreases the inferred effective tem 

peratures and surface gravities of reddened stars. Such systematics can be understood in 

terms of the primary diagnostics of effective temperature and surface gravity which are, 

respectively, the slope of the Paschen continuum and the size of the Balmer continuity. 

Reddening decreases the slope of the Paschen continuum which correspondingly decreases 

the apparent Tefr (see figure 4.6a). The size of the Balmer discontinuity is independent of 

reddening, and can only be matched at the lower Teff by a compensatory decrease in log g 

(see figure 4.66). It is interesting to note that the displacements in Teff increase in ampli-
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F ig u re  4.8: A ‘vector held’ illustrating the differential effects o f enhanced interstellar 
reddening on Teff and log g derived from spectrophotometry and Hy profiles under the 
assumption o f no reddening. Each arrow denotes the displacement from the true to the 
inferred parameters for E (B  — V) = -fO^Ol.

tude for hotter stars; this is due to the diminishing sensitivity of the Paschen continuum 

slope to Teff with increasing temperature. For a 15 000 K star, a reddening of only 07*01 

in E {B  — V )  can lead to an error of ~  200 K in Teff. This underlines the importance of 

applying reddening corrections to observed spectrophotometry, especially for the hotter 

programme stars.

4.6 .8  Scattered  Light

Spectroscopic observations are frequently contaminated by a small component of scattered 

light from within the spectrograph. Such scattered light comprises two components: (1) 

general scattered light due to random imperfections in the optical path (e.g., dust in the 

air, on the grating, etc.), and (2) so-called linearly scattered light parallel to the dispersion 

axis due to diffraction from the slit and grating. The presence of scattered light results in 

systematic errors in the strength and shape of absorption lines. In theory, removal of the 

instrum ental profile from observations would properly account for this effect. In practice,
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however, instrum ental profiles are seldom measured out to a wavelength displacement 

comparable with the spectral band pass of the system. It is the cumulative contribution 

of this unmeasured broad, weak wing of the instrumental profile in wide band obervations 

of the continuous spectrum of a star which acts as scattered light.

Gray (1976, pp. 283-290) gives a detailed discussion on the measurement and correction 

of scattered light in spectroscopic observations. He gives the following expression for the 

scattered light 5  at wavelength A:

S(A, A 1? A 6 ) =  I ' * '  /(A -  Aq)F(Ao) dX0 +  /(A -  X0) F( X0) dX0 (4.13)J-\b J
where I ( AA) is the instrumental profile which is measured over the interval ±Ai, F(A) is 

the detected flux including instrumental sensitivity effects, and ±A*> is the spectral band 

pass of the system.

The fractional scattered light is then defined by s  =  S(A, Ai, X{,)/F where F  is the 

average detected flux over the spectral band pass. It follows that observed line profiles 

can be corrected for the effects of scattered light according to

Fcor =  FT - ,t  ( 4 ' 1 4 )

where Fcor and F0bs are the corrected and observed continuum-normalised profiles respec

tively. Essentially, this expression represents a correction of the zero-level of the spectrum 

plus a corresponding renormalisation of the continuum.

For general scattered light which is white and uniform in the focal plane, s is a con

stant (typically a few percent) and these corrections are trivial. Linearly scattered light 

can present a more formidable problem because s will to some extent be a function of 

wavelength. Most metallic absorption lines are sufficiently narrow that a constant value 

of s may be satisfactorily adopted. Hydrogen lines are so broad, however, that s  will 

vary considerably from line centre to extreme wing. At line centre, the mean intensity 

averaged across the instrumental profile is low and therefore the fractional scattered light 

is correspondingly low. In the hydrogen line wings, the mean intensity averaged across the 

instrumental profile is higher than at line centre, but still lower than in broad continuum 

regions because one half of the profile overlaps the entire Balmer line itself. Thus the 

contribution of linearly scattered light to the coefficient s  will vary in a complicated way 

across the breadth of a hydrogen line finding a minimum at its centre and approaching the
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continuum value asymptotically in the extreme wings. For this reason, Boyarchuk (1988) 

has questioned the application of equation 4.14 for linearly scattered light in Balmer line 

profiles.

o

hfl

O

AX (A)

F ig u re  4.9: The convolution o f the DAO instrumental profile with a Kurucz (1979) 
profile (Teff =  10 000 K, log <7 =  4.0) shown as the percentage difference between the pre- 
and post-convolution profiles. Note that the difference is less than 1 % outside the line 
core (AA % 1.5 A).

This question was further elucidated by the following numerical experiment. Booth, 

Blackwell & Fletcher’s (1990) determination of the DAO mosaic grating instrumental 

profile in second order was ‘digitised’ from their figures 26 and 46. This IRF was then 

rescaled in FWHM to that appropriate at A 4340 using the wavelength dependence they 

obtained from iron arc lines. The wings were extended to AA = 100 A using the observed 

AA-1 -6 behaviour in response and the entire profile sampled at 0.01 A intervals. This profile 

was then convolved using a discrete numerical method with a Kurucz (1979) H7 profile 

(Teff =  10 000 K and log <7 =  4.0). The convolution was evaluated over the entire ±100 A 
width of the IRF by extending the continuum of the Balmer profile (defined originally for 

±70 A). The results, illustrated in figure 4.9, conclusively demonstrate that the effects of 

linear scattered light on broad hydrogen lines are negligible, being typically less than 1 %
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everywhere except in the line core (where AA ^  1.5 A).

The conclusion which may be drawn from the foregoing discussion is that Balmer line 

profiles should be corrected for contamination by general (i.e., uniform) scattered light, 

but not for the indirect scattering effects of the broad wings of the instrumental profile. 

Adelman & Hill (1987) corrected Balmer profiles obtained from DAO spectrograms using 

a scattering coefficient of s =  4% communicated privately by Fletcher (DAO). It is not 

entirely clear from their paper, or subsequent papers in the same series by Adelman, 

whether this represents true general scattered light or not. Bearing in mind Griffin’s

(1968) null detection of general scattered light for Mount Wilson coude spectrograms, and 

the origin of general scattered light (i.e., primarily dust and optical defects), a value of 

4 % seems unusually high.

In the absence of further information, it is prudent to evaluate the influence of scattered 

light on the atmospheric diagnostic properties of Balmer profiles. This was achieved in 

a numerical exercise similar to that described in §4.6.7. A subset of the Kurucz (1979) 

solar-metallicity grid of H7 profiles covering the parameter range of interest (9000 < 

3reff(K) < 15 000) was contaminated with a 1% contribution of general scattered light 

using an inverted formulation of equation 4.14. Each of these contaminated profiles was 

then fitted with the standard solar grid within t g k i e l . These fits were also coupled with 

those for unperturbed spectrophotometric data which help constrain the inferred effective 

temperatures.

The results are illustrated in figure 4.10 where the differential effects of general scat

tered light on Balmer profiles alone are represented by displacement vectors in a Teff-log g 

diagram. Taken in isolation, the Balmer profiles are strongly perturbed to higher effective 

temperatures. This effect is caused by the ‘filling-in’ of the line profiles by scattered light 

which simulates the decreasing strength of the Balmer lines with increasing T&  above 

approximately 10 000 K. The joint solutions for Balmer profiles and spectrophotometry, 

however, are virtually unperturbed by scattered light. This is because scattered light 

tends to  ‘slide’ contours of constant A x2 along their common major axes in the Teff-\ogg 

diagram: thus their intersection with any line of constant Teff (defined, e.g., by the fit 

to spectrophotometric data) is approximately invariant. This interesting phenomenon is 

illustrated graphically in figure 4.11.
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F ig u re  4.10: A  ‘vector held’ illustrating the differential effects o f scattered light on Teff 
and log <7 derived from H~f profiles under the assumption o f no scattering. Each arrow 
denotes the displacement from the true to the inferred parameters for 5 = 1%.
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F ig u re  4.11: The effect o f scattered light on contours o f constant A y 2 in the temper- 
ature-gravity diagram. The contours represent A x2 = 2.30 for fits to the H j profile 
(continuous line), Hy profile plus 1 % scattered light (dashed line), and continuous en
ergy distribution (dotted line) o f a Teff =  12 000 K  and log <7 =  4.0 model. Note that the 
displacement o f the H~i contour due to scattering is approximately parallel to its major 
axis.
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4.6 .9  M odel A bundances

Published abundance analyses of the normal and superficially normal stars provide strong 

justification for the use of solar metallicity model atmospheres in their representation. The 

HgMn stars, however, present a somewhat more complicated case: they are characteris

tically helium deficient and show anomalous enhancements (and deficiencies) among the 

metals. As such, the adequacy of solar metallicity models in the analysis of these stars 

is not obvious. Here, the systematic errors committed by assuming solar abundances for 

these stars are examined in detail using model atmospheres computed specifically for this 

purpose.

4.6.9 . 1  Helium Abundance

The consequences of the helium deficiency in HgMn star atmospheres have been discussed 

by Auer et ai. (1966). They demonstrated tha t the role of helium abundance in shaping 

stellar spectra is essentially equivalent to tha t of surface gravity—both parameters affect 

the run of electron pressure in a stellar atmosphere. Furthermore, they suggested that 

the model atmospheres obtained by fitting the predictions of pressure-sensitive spectral 

features (e.g., Balmer line profiles) with observations will be correct in a structural sense 

although specified by systematically erroneous surface gravities. In the Teff range under 

investigation, hydrogen is predominantly ionised and helium is neutral in the line forming 

region of the atmosphere. Hydrogen is the dominant source of continuous opacity with 

the contribution from neutral helium being entirely negligible. Using the equation of 

hydrostatic equilibrium, it is possible to show (Auer et ai. 1966; Gray 1976, p. 386) tha t, 

to a good approximation, a change in helium abundance of AA(He) can be related to a 

change in surface gravity of Ag according to the following expression:

Ag ^  4AA(He) 
g ~  1 +  4A(He)

where A(He) is the helium to hydrogen abundance fraction by number. The mean helium 

abundance of those HgMn stars in the programme list which have reliable published anal

yses (e.g., due to Adelman) is [He/H] «  -0 .75  which corresponds to A(He) «  0 .02. Thus, 

the expected systematic error in derived surface gravity committed by fitting these helium 

weak stars with solar abundance models (for which A(He) «  0.11) will be Alog# «  -0 .1  

(cf. Norris 1971).
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The validity of this analysis was verified numerically as follows. A small grid of low 

helium abundance model atmospheres was computed using the CCP7 implementation 

of Kurucz’s (1970) code a t l a s 6  on the Cray XMP-48 supercomputer at RAL (Lynas- 

Gray 1985; Jeffery 1989). A helium abundance of A(He) =  0.02 and solar abundance 

metals (specifically, the solar abundance opacity distribution function) were adopted for 

these calculations. However, as has been pointed out by North & Kroll (1989), a rigourous 

treatm ent would necessitate the use of low helium opacity distribution functions which are 

not currently available. Each model was iterated until convergence with typical resultant 

flux errors of less than 0.1 %. Energy distributions were computed from the converged 

models using Kurucz’s fine interval solar ODF. A v a x / v m s  implementation of Peterson’s

(1969) code b a l m e r  was used to derive Balmer line profiles. The low helium abundance 

grid of flux distributions and H7 profiles was then fitted with the standard solar grid 

within T G K I E L  as described in §4.6.7.

The results from this numerical exercise are illustrated in figure 4.12 where the dif

ferential effects of decreased helium abundance are represented by displacement vectors 

in a temperature-gravity diagram. The mean amplitude of the displacements in log# is 

in excellent agreement with the approximate analytical value. There are, however, small 

correlated changes in Teff particularly at low temperatures and gravities; these are pre

sumably due to the tight coupling of Teff and log# near AO and non-linearities at the 

lowest electron densities respectively.

Finally, Auer et al.’s assertion concerning the equivalence of low helium and solar 

abundance model atmospheres at these systematically different surface gravities was tested 

directly. This was achieved by interpolating a model atmosphere at the best fit parameter 

values (Teff =  12 000 K,log# = 3.9) in the solar metallicity grid using the program I N -  

T E R M O D  due to P.C.T. Rees (private communication). The electron pressure distribution 

for this model is compared with those of (Teff =  12 000 K ,log# =  4.0) solar metallicity 

and low helium abundance models in figure 4.13; the low gravity solar metallicity model 

matches the low helium abundance model to within 1 %. A similar agreement is found in 

the temperature distributions of these models, as expected. Note tha t the monochromatic 

opacity per gram of stellar material is approximately 25-35% higher in the low helium 

abundance model because of the associated increase in the number density of hydrogen

177



Chapter 4

1 1 1 I I , , 1 ■ 1 | 1 1 I 1 1 1 I 

\

■ ■ ( ■ I  

\»
I I 1 1 1

\

' / V \ "

>
’i V V V V

■ /
\ V \ V I 1

: /
I i I i i /

■V

, 1 . .

*

1 . . 1 , , 1

V
1

\

1 . . 1 . .

9 10 11 12 13 14 15

T'„ (103 K)

F ig u re  4.12: A ‘vector field’ illustrating the differential effects o f helium deficiency on Teff 
and log <7 derived from spectrophotometry and H'y profiles under the assumption o f solar 
helium abundance. Each arrow denotes the displacement from the true to the inferred 
parameters for A (He) = 0.02.
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F ig u re  4.13: The logarithmic distribution o f electron pressure as a function o f monochro
matic optical depth (A5000J in low helium abundance and solar metallicity models with 
Teff =  12 000 K. The low helium model (open circles) with log <7 =  4.0 is well-matched by 
the solar metallicity model (continuous line) with log <7 = 3.9. A  solar metallicity model 
with log <7 =  4.0 (dashed line) is included for comparison.
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particles which dominate the continuous opacity (see chapter 5). This does not, of course, 

affect the strength of metallic lines of a given abundance with respect to  hydrogen. Trial 

syntheses of typical resonance lines in the UV (e.g., M nll A2576) were carried out and 

confirmed these expectations.

4.6.9.2 Metallicity

Next, the effects of metallicity on derived atmospheric parameters are considered. The 

‘metallicity’ of a Kurucz model atmosphere is the gross enhancement or deficiency in abun

dance of the metallic elements as specified by the opacity distribution function (ODF) used 

in its construction. Kurucz (1979) computed ODFs for a solar mixture of abundances 

scaled by factors on the range 1/100 to 10. The dominant source of opacity in these ODFs 

for the Teff range of interest originates from UV Fell and Felll lines, and thus the iron 

abundances of the programme stars are of critical interest in this respect. Published analy

ses of the HgMn stars (Adelman 1989) depict a broad diversity in [Fe/H] with the majority 

of class members on the range —1.0 to +0.5 dex. Examples of extraordinary objects at 

the extremes of this range are Fe-poor 53Tau ([Fe/H] «  —0.9: Adelman 1989) and Fe-rich 

112 Her ([Fe/H] «  +0.5: Guthrie 1984). However, among the HgMn stars, there is also a 

very considerable contribution to the UV line blanketing from characteristically enhanced 

M nll and M nlll lines. The range of [Mn/H] observed in classic HgMn stars (Adelman 

1989) is +0.5 to +2.5 dex. At the upper extreme of this range typified by objects such 

as k C iic ([Mn/H] «  +2.1: Adelman 1989), the abundance of manganese can be greater 

than tha t of iron. In the absence of ODF calculations for a specific HgMn mixture of 

elemental abundances, it is necessary to adopt a metallicity which most closely represents 

the balance of metal line blanketing for the programme stars of this class. In view of 

the foregoing considerations, solar abundance models were adopted for all the programme 

stars in this study, although the suitability of 3x solar metallicity models for the more 

extreme examples remains a distinct possibility.

The potential systematic errors committed by adopting solar metallicity models for 

the chemically peculiar programme stars were investigated in a similar manner to that 

described for helium abundances. A small grid of 3x solar metallicity models, flux dis

tributions and Balmer line profiles was computed using a t l a s 6  and b a l m e r  as before.
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For these calculations, the standard solar abundance of helium was adopted. The high 

metallicity grid of UV-optical flux distributions and H7 profiles was then fitted with the 

standard solar grid within TGKIEL as described in §4.6.7.

The results of this numerical exercise are illustrated in figure 4.14 which takes the 

form of a temperature-gravity diagram in which displacement vectors denote the differen

tial effects of increased metallicity on derived atmospheric parameters. The influence of 

increased metallicity on the diagnotics investigated is clearly to systematically increase the 

inferred effective temperatures; the associated surface gravities are only weakly affected. 

There is a striking increase in sensitivity to metallicity with increasing Teff, the differential 

effects being essentially negligible below 12000 K. This is perhaps counter-intuitive in the 

sense tha t metal line blanketing is most pronounced at the cool boundary of the Tefr-log g 

plane considered here. However, these systematics can be interpreted in terms of the 

behaviour of the Balmer discontinuity and Paschen continuum slope as a function of the 

variables under consideration. As illustrated in figure 4.6c, the primary effect of enhanced 

metallicity on the UV-optical energy distribution is to increase relatively the flux radiated 

in the Balmer continuum above 3000 A and (to a lesser extent) the slope of the Paschen 

continuum. This behaviour simulates the response of solar metallicity models to increasing 

effective temperature. The balance between the mildly increasing response with [M jH] 

and the strongly diminishing response with Teff in these key diagnostic spectral features 

leads to the strong Teff sensitivity observed in figure 4.14.

Kurucz (1979) discusses the influence of increased line blanketing on model atm o

spheres which are in radiative equlibrium. The primary effect is to increase the temper

ature in optically thick layers, and cool those near the surface which are optically thin: 

essentially the tem perature gradient is increased. There are associated changes in the 

shapes of line profiles (which become deeper) and in their curves-of-growth (which be

come characterised by lower microturbulence parameters). We thus address ourselves to 

the question: do the hotter solar model atmospheres satisfactorily approximate the cooler 

high metallicity models?

This question was investigated by comparing an interpolated best-fit solar model with 

the appropriate model from the high metallicity grid. The magnitude of the effect is great

est at higher effective temperatures. Accordingly, a solar metallicity model atmosphere
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F ig u re  4.14: A ‘vector field’ illustrating the differential effects o f enhanced metallicity 
on Teff and logg derived from spectrophotometry and Hy profiles under the assumption 
o f solar metallicity models. Each arrow denotes the displacement from the true to the 
inferred parameters for [M/ H] = +0.5.
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F ig u re  4.15: The distributions o f temperature as a function o f logarithmic monochro
matic optical depth (X5000) in solar and three times solar metallicity models with 
log <7 =  4.0. The high metallicity model (open circles) with Teff =  14 000 K  is matched 
by the solar metallicity model (continuous line) with Teff = 14 200 If in the line-forming 
region. A  solar metallicity model with Tefr =  14 000 A’ (dashed line) is included for com
parison.
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was interpolated at the best-fit parameter values (Teff = 14200 K,log$r =  4.0) using the 

program INTERMOD. The temperature distribution of this model is compared with those 

for (Teff =  14 000 K, log <7 =  4.0) solar metallicity and high metallicity models in figure 4.15. 

The high temperature solar metallicity model is obviously a compromise fit to that of the 

lower temperature high metallicity model: the increased temperature at great depth in the 

high metallicity model can not be matched without an associated increase in the surface 

layers using solar abundances. It is interesting, and more im portantly reassuring, tha t the 

models do indeed agree satisfactorily in the typical line forming region of —3 £  log tq & 0. 

The electron pressure distributions for these models are in excellent agreement as would 

expected since they are largely determined by the surface gravity (which is constant).

4.6.10 R esu lts

Spectrophotometric and Balmer profile data were fitted independently within t g k i e l  

using solar metallicity Kurucz models. Effective temperatures and surface gravities were 

derived uniquely by computing the jo in t chi-square for both spectrophotometry and H7 

profile simultaneously. In cases where only one data type was available, mean atmospheric 

parameters from Stromgren and Geneva photometry were used to constrain the fit: spec

trophotometric fits were constrained in surface gravity and H7 profile fits were constrained 

in effective temperature. The resulting best-fit atmospheric parameters, 95.4% confidence 

intervals (i.e., 2-cr errors) and reduced chi-squares for the joint best-fits are presented in 

table 4.8.

For the majority of the programme stars, x l  1S less than or of order unity indicating 

that the models provide a statistically satisfactory description of the data. The large x t  

obtained for the gravity-constrained spectrophotometric fit for 36 Lyn can be attributed 

to the presence of an unusually strong A5300 feature in this star (see figure B.2). 36 Lyn 

is unique among the nominally HgMn-type programme stars in exhibiting such a strong 

example of such a feature—this is a characteristic which is normally associated with the 

magnetic Si type stars. The large x l  obtained in the cases of HR6997 and (3 Scl are a 

result of gross mutual inconsistencies between their spectrophotometric and Balmer profile 

data. For both these objects, the spectrophotometric data are in excellent accordance with 

the results from Johnson-Morgan, Stromgren and Geneva photometry, a fact which casts
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T a b le  4 .8 : Effective temperatures and surface gravities o f the programme stars derived 
for spectrophotom etry and/or Hy profiles.

Star HD Teff (K) logs x l
Normal Stars

7r Cet 17081 13 300 ±  160 3.66 ± 0 .1 4 0.438
134 Tau 38899 10 860 ±  100 3.99 ± 0 .1 2 0.380
0 Leo 97633 9 260 ±  70 3.60 ± 0 .0 8 0.505
r Her 147394 15 100 ± 2 2 0 3.83 ± 0 .1 0 0.405
C Dra 155763 12 980 ±  160 4.05 ± 0 .1 7 1.293
a  Lyr 172167 9470 ±  60 3.90 ± 0 .06 0.631
HR7098 174567 10180 3.54 ± 0 .06 0.177
21 Aql 179761 13 050 ±  160 3.32 ± 0 .1 4 0.528
v Cap 193432 10 300 ±  80 3.87 ± 0 .1 0 0.536
£ Oct 215573 13 960 ± 3 4 0 3.59 ± 0 .1 5 0.892

Superficially Normal Stars
HR7338 181470 10 260 3.64 ± 0 .1 0 0.224
46 Aql 186122 IS 000 3.52 ± 0 .0 7 0.036
k Cep 192907 10 300 ±  120 3.54 ± 0 .08 0.931
HR7878 196426 IS 060 3.71 ± 0 .1 4 0.151
21 Peg 209459 10 360 ±  80 3.39 ± 0 .0 7 0.631

HgMn Stars
87 Psc 7374 13150 3.93 ±  0.08 0.044
<{> Phe 11753 10 950 ±  190 S.80 0.576
53 Tau 27295 12 070 ±  120 4.15 ± 0 .0 9 0.410
p Lep 33904 12 770 ±  190 3.53 ± 0 .1 0 0.629
HR1800 35548 110S0 3.58 ± 0 .1 0 0.087
HR2676 53929 14 020 3.09 ± 0 .12 0.232
HR2844 58661 13460 3.38 ± 0 .1 6 0.454
u Cnc 77350 10 390 ±  80 3.35 ± 0 .0 7 1.171
k Cnc 78316 13 220 ±  160 3.27 ± 0 .0 8 0.906
36 Lyn 79158 13 620 ±  140 S. 67 3.860
HR4072 89822 10 490 ±  90 3.94 0.732
i CrB 143807 10 920 ±  90 3.66 ± 0 .0 7 0.605
v  Her 144206 11 850 ±  120 3.44 ± 0 .1 4 0.362
<f> Her 145389 11 520 ±  90 3.78 ± 0 .0 8 0.638
28 Her 149121 10 980 3.68 ± 0 .0 6 0.414

*HR6997 172044 r 14 320 ±  180 
114 550 ±  180

3.07 ± 0 .0 8  
3.88

1.949
0.623

112 Her 174933 13 710 ±  160 4.14 1.451
HR7143 175640 12 080 3.75 ± 0 .0 6 0.099
HR7361 182308 IS 650 3.12 ± 0 .0 8 0.506
HR7664 190229 13 030 ± 2 0 0 3.62 ± 0 .0 8 0.397
HR7775 193452 10 780 3.49 ± 0 .1 0 0.146
p  Scl 221507 12 230 ±  140 3.23 ± 0 .1 4 2.092

N o tes  for T able  4.8: Errors are 95.4 % confidence intervals. Figures in italics are constrained parameters 
from photometry. x t is the reduced total chi-square for the joint best-fit. *See text.
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suspicion on the photometric quality of the H7 profiles. There is good reason to suspect the 

H7 profile of HR6997 since it originates from co-added Palomar coude spectrograms th a t, 

by virtue of their off-plate photometric calibration, are of questionable quality. The H7 

profile of /3 Scl was obtained from a relatively low dispersion SAAO spectrogram for which 

line profile measurements were difficult due to noise and overlapping absorption lines. 

Accordingly, the H7 profiles were discarded for these stars and the spectrophotometric fits 

were recomputed by adopting the mean surface gravity from photometry as a constraint. 

Both sets of results are included in table 4.8 for completeness.

The results from this chapter are summarised graphically in figure B .l where diagnostic 

temperature-gravity diagrams are presented for each programme star. Here, atmospheric 

parameters derived from Stromgren and Geneva photometry are denoted by symbols with 

1-a error bars, effective temperatures from U B V  photometry are represented by error 

‘boxes’ of width ±1-<t over the range 3.5 < logy < 4.5, and confidence contours at the 

95 % level are given for spectrophotometry and H7 profiles both independently and jointly.

4.6.11 Spectrophotom etric F its

Observed spectrophotometric scans for the programme stars are compared with Kurucz 

continuous energy distributions for the joint best-fit atmospheric parameters in figure B.2 . 

Included in this figure are narrow-band magnitudes in the UV derived from TD-1 S2/68  

fluxes (Jam ar et ai. 1976) made available to the author in machine-readable form by 

Dr. D. J. Carnochan. The S2/68 fluxes were converted to magnitudes per unit frequency 

interval, and placed on the same scale as the visual region spectrophotometry (i.e., nor

malised to zero at A5556) using the following flux calibration

lo g ^ A(A5556) =  -0.400 V + 0.016 (B -  V ) -  8.458 (erg cm"2 s"1 A "1) (4.16)

The constant term in this expression derives from Hayes & Latham ’s (1975) absolute 

calibration of Vega for which a V  magnitude of (P03 was adopted from Nicolet (1978). 

The colour term allows for the wavelength difference between the effective centre of the 

V  filter (A5480) and A5556 (see Gray 1976, pp. 202-203). The coefficient of this colour 

term is appropriate for stars earlier than A0 and was derived from the gradient of the 

Paschen continuum as a function of (B  — V) in Kurucz (1979) model energy distributions.
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In practice, the colour corrections are quite small for the programme stars and thus the 

largest source of uncertainty is due to errors in the observed V  magnitudes.

In nearly all cases, the models provide an excellent fit to the near-ultraviolet and visual 

region spectrophotometry. For the normal and superficially normal stars, this is matched 

by good independent agreement with the S2/68  data  in the far ultraviolet. Only for the 

coolest stars (a  Lyr and HR7098) is there any evidence tha t the models are insufficiently 

line-blanketed in the extreme UV. For the HgMn stars however, there are striking UV- 

flux deficiencies relative to the solar metallicity Kurucz energy distributions. These are 

particularly severe for the hottest HgMn stars which are also the most manganese rich 

examples in the programme list. In this respect, the 3x solar metallicity models discussed 

in §4.6.9.2 would fare little better (see figure 4.6). According to available abundance data 

for the programme HgMn stars, models of global metallicity significantly greater than this 

would be inappropriate. An improvement in the agreement between models and observed 

UV energy distributions for these stars is therefore only likely to be forthcoming with the 

advent of more complete opacity distribution functions (e.g., Kurucz 1991a, b) computed 

for a specific HgMn-type mixture of abundances. As has been discussed before, the effect 

of a rich manganese spectrum in the UV coupled with gross overabundances of this element 

in the HgMn stars leads to heavy line-blanketing which has, as yet, to be incorporated 

into published model atmospheres.

Some early progress in this problem has been made by St§pien & Muthsam (1981) 

who computed explicit models for the HgMn stars 53 Tau and k Cnc adopting abundances 

from analyses in the literature. They obtained satisfactory fits in the Balmer continuum 

at somewhat lower effective temperatures than proposed here. This systematic tendency 

is in qualitative agreement with the predictions of the analysis presented in §4.6 .9.2.

The UV energy distributions of the programme stars also provide an insight into the 

success of the adopted reddening corrections through the presence of the interstellar ab

sorption feature at A2200. For most programme stars, there is little indication of a feature 

at this wavelength, although in the hottest HgMn stars the presence of a hump there 

is strongly suggestive of over-estimated colour excesses. The magnitude of this error is 

probably not greater than O^OS for the most severe cases (e.g., 112 Her and 36 Lyn)—this 

is small (if not insignificant) by most standards! A possible cause of this behaviour in the
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extreme HgMn staxs (i.e., the hottest) is that they do not quite obey the same intrinsic 

colour relations as normal solar-met alii city stars. The enhanced UV line-blanketing evi

denced in the energy distributions of the HgMn stars is presumably responsible for their 

marginally anomalous colours.

A small selection of the programme stars is sufficiently bright to have been detected 

at 12 and 25 //m in the iras infra-red point-source survey. For these stars, flux densities 

were extracted from the IR A S Point Source Catalogue and were colour-corrected for an 

a  =  2 power law appropriate for the extreme Rayleigh-Jeans tail of a stellar energy distri

bution. The flux densities were then converted to magnitudes per unit frequency interval 

and normalised to zero at A5556 according to equation 4.16. In figures B.3a-6, Kurucz 

model energy distributions for the joint best-fit atmospheric parameters of these stars are 

compared with the iras observations, and with UV to visual region spectrophotometry 

where available. Note tha t some of the 25/im fluxes are upper limits. The agreement with 

the iras data is in general very good, and there is no convincing evidence for the presence 

of infra-red flux excesses in the HgMn stars. The most accurate iras fluxes examined here 

have uncertainties of ± 6 % which correspond to ±(Kn15. At 12 /mi, the r eff-sensitivity of 

Kurucz models gives a corresponding uncertainty of approximately ±1700 K. Thus the 

iras data are insufficiently accurate to compete with visual region spectrophotometry in 

effective temperature determinations.

4.6.12 Balm er Profile F its

Observed H7 profiles are compared with theoretical profiles for the joint best-fit atm o

spheric parameters in figure B.4. Although the general quality of these fits is good, some 

degree of compromise is necessary to obtain simultaneous fits for the spectrophotometry. 

From figure B .l it can be seen that the iso-x2 contours for the H7 profile fits tend to 

centre at higher values of Teff in the temperature-gravity diagram than those for spec- 

trophotometric/photometric data. In this respect, it is difficult to differentiate between 

the possibility of systematic errors in the photographic photometry of the H7 lines and a 

genuine inconsistency between theory and observation. The best agreement between H7 

profiles and spectrophotometry is seen for the high resolution DAO observations obtained 

and reduced by the author. On the other hand, where recourse was made to poorly cali
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brated spectrograms (e.g., obtained at Palomar Observatory) significantly less satisfactory 

results obtain. The numerical experiments conducted in §4.6.8 on scattered light in H7 

profiles suggest that their sensitivity to zero-point calibration errors is largely confined to 

the effective temperature axis. This is explained by the fact tha t the Teff information in a 

hydrogen profile is largely concentrated in the core—the very region which is most prone 

to errors of photometry.

After the completion of this analysis, high-quality CCD H7 profiles for selected pro

gramme stars were made available to the author by Mr. B. Smalley. These data were ob

tained by using Richardson-Brealey Spectrograph (2400 grooves mm -1 holographic grat

ing) and GEC CCD with the Jacobus Kapteyn Telescope (JK T) on La Roque del los 

Muchachos, La Palma (Richardson & Brealey 1973; Unger et ai. 1988). The images were 

reduced using the Starlink software FIGARO (Fuller89) with requisite flat-field and bias cor

rections. The H7 profiles were extracted from the reduced spectra using the same method 

as adopted for the photographic profiles (see §4.6.6.2) and are presented in table B.3. No 

scattered light corrections were made for these data since these are expected to be small 

for a holographic grating. The profiles were fitted with solar metallicity Kurucz models 

using t g k i e l . The resulting iso-x2 contours are displayed in figure B .l where they can be 

compared with those determined photographically.

The improved agreement with photom etry/spectrophotom etry for the CCD data is 

self-evident. In some cases, gross internal inconsistencies are entirely resolved. Photo

graphically determined profiles should be regarded with circumspection unless the spec

trograms have been carefully developed and possess on-plate calibrations.

4.7 Discussion

4.7 .1  C om parison o f M ethods

In this chapter, effective temperatures and surface gravities have been derived for the pro

gramme stars using a variety of photometric and spectrophotometric means. It is difficult 

to evaluate the relative merits of these different approaches in a strictly quantitative way. 

While considerable attention has been devoted to the careful and statistically rigourous 

extraction of uncertainties on the derived atmospheric parameters, these should only be
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interpreted as internal errors. The external errors of the different temperature-gravity 

diagnostics used here are probably dominated by systematic effects which originate in the 

Kurucz model atmospheres th a t form their common foundation. The relative accuracies— 

merits and demerits—of the methods will accordingly reflect the extent to which these 

systematic errors manifest themselves in the photometric and spectrophotometric calibra

tions. Regrettably, these im portant questions, while worthy of further investigation, are 

beyond the scope of this thesis.

An im portant distinction between the photometric and spectrophotometric methods 

is tha t the former axe closely tied to the fundamental temperature and gravity scales, 

whereas the la tter are almost entirely dependent on the validity of ab initio calculations 

(save for a ‘zero-order’ normalisation correction).

Among the photometric techniques, the wide-band Johnson-Morgan system is at a 

distinct disadvantage compared with the intermediate-band Stromgren and Geneva sys

tems for reasons which have already been expounded. Stromgren photometry has a more 

sensitive surface gravity discrimination than the Geneva system by virtue of its narrow

band (3 filters. The spectrophotometric data used in this project are of a consistently 

high quality which is possibly reflected in the excellent agreement between this diagnostic 

and photometry. However, as has been clearly demonstrated here, the continuous energy 

distributions of early type stars do not provide a useful constraint on surface gravity. For 

this application, Balmer line profiles are ideal although care must be exercised to ensure 

that systematic instrum ental errors do not compromise their effectiveness.

T ab le  4.9: Student’s t-test for paired samples applied to atmospheric parameters for 
the programme stars derived from Stromgren photometry, Geneva Photometry, and Spec
trophotometry/Balmer profiles.

Sample Teff(K) logtf
Mean
diff.

Stand.
error

Signif.
(%)

Mean
diff.

Stand.
error

Signif.
(%)

Stromgren — Geneva 93 106 0.1 -0 .22 0.14 <0.1
Stromgren — Spect/Balmer 128 148 0.1 +0.19 0.25 0.3
Geneva — Spect/Balmer 35 142 29.4 +0.41 0.29 <0.1

N otes fo r T able 4.9: The mean difference, standard error, and significance are given for the paired 
samples in each parameter. The sample size is 19 and the samples are common for all tests.

The results derived in the preceding sections were inter-compared by means of Stu
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dent’s f-test for paired samples in order to determine the statistical significance, of any 

systematic differences. To this end, a sample of stars from the programme list was selected 

for which effective temperatures and surface gravities were available from all three methods 

of interest: specifically, Stromgren photometry, Geneva photometry, and spectrophotom- 

etry/Balm er profiles combined. Cases where mean photometric parameters were used to 

constrain spectrophotometric or Balmer profile fits individually were not included. The 

resulting mean differences for paired samples in Teff and log g and their associated signifi

cances axe given in table 4.9.

The only statistically significant large-amplitude differences which may be identified 

are for the logg determinations. The surfaces gravities from Geneva photometry are sys

tematically greater than those from Stromgren photometry by an average of ~  0.2 dex; 

the la tter are in turn greater than those from Balmer profiles by a similar amount. The 

statistical significances of these differences are high: better than 0.1% in all cases. This 

conclusion is unaffected if the sample tested is confined to the normal stars on the pro

gramme list (which do not present the He/H-line anomaly characteristic of the HgMn 

stars), although the statistics become marginally poorer due to the smaller sample size.

The cause of the discrepancy between the Stromgren and Geneva calibrations was 

addressed by North & Kroll (1989); it is due to a combination of the lack of gravity 

calibration stars at high effective temperatures and restricted gravity sensitivity in the 

Geneva system (see §4.5). A possible cause of the discrepancy between the spectroscopic 

and photometric surface gravities is systematic error in the photographic photometry as 

described in §4.6.12. The higher surface gravities suggested by the preliminary analysis of 

JK T CCD H7 observations presented in figure B .l lend weight to  this possibility. However, 

it is interesting to note tha t North & Kroll (1989) also demonstrated a 0.2 dex discrepancy 

(in the same sense) between surface gravities from H(3 profiles and evolutionary tracks for 

cluster stars. This provides supporting evidence for Moon h  Dworetsky’s (1985) contention 

tha t Kurucz K/3 profiles are too strong near line strength maximum. Further investigation 

of this problem using high signal-to-noise CCD observations of H(3 and H7 profiles is 

indicated, but is beyond the scope of the present investigation.
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4.7.2 Adopted Atmospheric Parameters

In the absence of a reliable quantitative description of the relative errors of the methods 

used here, representative atmospheric parameters were derived for the programme stars 

by calculating unweighted means of those from the Stromgren, Geneva, and joint spec- 

trophotometric/Balmer profile diagnostics. These adopted atmospheric parameters, and 

associated standard errors, are given in table 4.10 where they are compared with values 

taken from published detailed analyses of some of the programme stars.

For all but a very few programme stars, the standard errors are relatively small sug

gesting a high degree of internal consistency in the analysis presented here. The external 

agreement is satisfactory, although for many of the stars this may reflect the fact tha t the 

published values are based on analysis of identical data to those used here. For three of 

the programme stars (HR4072, x  LUP> and i CrB), the published values of effective tem

perature are significantly higher than those adopted here. This is due to neglect in this 

analysis of the spectroscopic binary nature of these cool HgMn stars. A recent re-analysis 

of Dworetsky’s (1971) data for HR4072 and x  Lup (Dworetsky & Coates, private com

munication) suggests Teff = 10 750 K and log <7 = 3.9 for the primary components of both 

systems. Thus the error in Teff due to the approximation made here is probably ~  250 K; 

the associated error in log g is negligible compared to the uncertainty in its determination.

The atmospheric parameters derived here are apparently systematically higher than 

those of Adelman: for the 15 stars in common, the mean differences are 140 K in Teff and 

0.17 dex in log 0 with paired Student’s f-test significances of 0.5 % and < 0.1 % respectively. 

These differences arise for the following two reasons. Firstly, Adelman does not generally 

correct his spectrophotometric observations for reddening; this can yield underestimates 

in Teff of ~  200 K even for modest values of colour excess (see §4.6.7). Secondly, Adelman 

does not consider intermediate-band photometry in his analyses; published photometric 

calibrations yield systematically higher values of log g than those obtaining from Balmer 

profiles (see §4.7.1). Considering the calibration uncertainties in photographic Balmer 

profiles, the policy of including photometrically derived surface gravities in this analysis 

is justifiably conservative. This assertion is confirmed by the recent comparative study of 

Adelman (1991) who finds that Reticon observations of H7 profiles yield surface gravities 

higher by ~  0.1 dex than those derived from photographic data.
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Table 4.10: Mean effective temperatures and surface gravities o f the programme stars 
derived from Stromgren and Geneva photom etry, spectrophotom etry, and H'y profiles.

Stax HD This work* Published
Teff log? Teff log g Ref.t

Normal Stars
7T Cet 17081 13 270 ±  20 3.80 ±0 .13 13150 3.85 [1]
134 Tau 38899 10 830 ±  60 4.08 ± 0 .08 10825 3.88 [1]
9 Leo 97633 9 350 ±  60 3.67 ± 0 .04 9 250 3.55 [2]
r Her 147394 15 010 ±  80 3.93 ±0 .08 14750 3.75 [2]
(  Dra 155763 12 900 ±  90 3.92 ±0 .14 • • •

a  Lyr 172167 9470 ±  40 4.00 ±  0.05 9400 3.95 [3]
HR7098 174567 10180 3.55 • • • • .  •

21 Aql 179761 13 060 ±  20 3.50 ± 0 .13 12900 3.35 [1]
v Cap 193432 10 310 ±  10 3.90 ± 0 .04 10250 3.90 [1]
£ Oct 215573 14 040 ±  80 3.83 ±0 .12

Superficially Normal Stars
HR7338 181470 10 260 3.76 ±0 .11 9 500 3.5 [4]
46 Aql 186122 13 000 ±  20 3.65 ± 0 .10
k  Cep 192907 10 330 ±  20 3.67 ± 0 .10 • ♦ • • • • • • •

HR7878 196426 13 070 ±  80 3.86 ± 0 .09 • .  . • • •

21 Peg 209459 10 440 ±  60 3.50 ± 0 .06 10500 3.5 [4]
HgMn Stars

87 Psc 7374 13 150 ±  30 4.02 ± 0 .05 • • .

<j> Phe 11753 10 710 ±120 3.80 ± 0 .03
53 Tau 27295 12 000 ±  40 4.23 ± 0 .05 12000 4.10 [5]
p Lep 33904 12 780 ±  50 3.85 ± 0 .20 12500 3.50 [5]
HR1800 35548 11030 ±  30 3.79 ± 0 .14 • .  •

33 Gem 49606 14 390 ±  10 3.84 ± 0 .10 • • .

HR2676 53929 14 030 ±  40 3.59 ± 0 .26
HR2844 58661 13460 3.80 ± 0 .42 • .  .

v  Cnc 77350 10 380 ±  20 3.59 ± 0 .13 10 375 3.50 [6]
k  Cnc 78316 13 470 ±150 3.76 ± 0 .29 13125 3.45 [5]
36 Lyn 79158 13 680 ±  60 3.67 .  .  * « .  . • .  -

HR4072 89822 10 510 ± 30 3.94±  0.11 11100 3.9 [7]
X Lup 141556 10 730 ± 100 4.02 ± 0 .06 11100 3.8 [7]
i CrB 143807 11 010 ± 50 3.99 ± 0 .16 11250 3.65 [6]
v  Her 144206 12 000 ±  70 3.78 ± 0 .19 11900 3.50 [8]
HR6000 144667 13 990 ±  60 4.29 ± 0 .1 7 14020 4.11 [9]
<j) Her 145389 11 670 ±  80 4.00 ± 0 .12 11325 3.70 [10]
28 Her 149121 10 990 ±  80 3.82 ± 0 .08 10 750 3.65 [10]
HR6997 172044 14 520 ±  20 3.89 ±0 .21 • .  .

112 Her 174933 13 440 ±  140 4.15 ±0 .01 13 500 4.00 [11]
HR7143 175640 12 090 ±  60 3.97 ± 0 .12 • • •

HR7361 182308 13 650 ±  30 3.51 ± 0 .22 • » •

HR7664 190229 13 190 ±  80 3.59 ±0 .11 12875 3.60 [10]
HR7775 193452 10 790 ±  100 3.96 ± 0 .24 • .  •

/3 Scl 221507 12 400 ±  90 3.91 ± 0 .3 4

N otes for Table 4.10: *Quoted uncertainties are standard errors on mean. * References: [1] Adelman 
(1991); [2] Adelman (1988a); [3] Kurucz (1979); [4] Sadakane (1981); [5] Adelman (1987); [6] Adelman 
(1989); [7] Dworetsky (1971); [8] Adelman (1984c); [9] Castelli et al. (1985); [10] Adelman (1988c); [11] 
Seligman & Aller (1970).
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4.7.3 A lternative M ethods

There axe various methods of deriving effective temperatures and surface gravities which 

have not been considered in this work primarily for reasons of lack of time and data 

available. Two such techniques which occasionally see application in late B-type stars are 

the ionisation equilibrium and infra-red flux methods.

The ionisation equilibrium method involves measuring the ratio of equivalent widths 

of two (or more) lines of the same element but different ionisation stages. The Teff- 

sensitivity of these line ratios may be derived from model atmospheres to yield a measure 

of the stellar effective temperature. The application of this technique to the rich silicon 

spectra of early B-type stars has recently been discussed by Becker & Butler (1990) and 

applied to unevolved stars in the local field and nearby associations by Kilian et a1. (1991). 

However, the ionisation equilibrium method is highly dependent on the quality of atomic 

data available for the diagnostic lines, on the signal-to-noise of the spectra, and on the 

validity of the ionisation equilibrium in the models. It is therefore not appropriate for 

either the data or form of analysis adopted in this thesis.

The infra-red flux method pioneered by Blackwell Sz Shallis (1977) is worthwhile men

tioning here because it can be considered to provide a fundamentally-defined measure of 

effective temperature and, coincidentally, the angular diameter of a star. The method is 

based on the relative insensitivity to effective temperature of stellar surface flux at infra

red wavelengths. This flux can be calculated from a model atmosphere and combined with 

a s ta r’s measured absolute flux at the Earth to define a relationship between its angular 

diameter and effective temperature. Solving simultaneously this relationship with one ob

tained from a measurement of the s ta r’s total integrated flux at the Earth yields unique 

values for its effective temperature and angular diameter.

The infra-red flux method has been applied to Ap stars by Shallis & Blackwell (1979). 

They obtained effective temperatures which were systematically lower than those derived 

in previous studies. In all cases this can be attributed to the UV flux deficiency of the 

metal-rich stars which they investigated, among which was included the classic HgMn star 

a  And. Although these effective temperatures are closely tied to the fundamental definition 

in terms of total radiated flux, they do not specify model atmospheres which reproduce 

the observed energy distributions in the UV and visual regions. The inference is that
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inadequate UV opacity in solar metallicity model atmospheres is the primary cause of this 

discrepancy. The qualitative effects of metallicity on the diagnostic properties of model 

atmospheres investigated at length in §4.6.9.2 support this contention (see figure 4.15).

4.8 Sum mary and Conclusions

The objective of this chapter has been to select model atmospheres which best match 

available observational material for the programme stars. Two methods of effective tem

perature and surface gravity determination were considered: (1) the use of broad- and 

intermediate-band photometry, and (2) the use of narrow-band spectrophotometry and 

spectroscopy. In the first method, published photometric data  were analysed by making 

use of established calibrations of the Johnson-Morgan, Stromgren, and Geneva photomet

ric systems. In the second method, the predictions of solar metallicity model atmospheres 

were fitted to spectrophotometric data and H7 profiles by using the technique of chi-square 

minimisation. The effective temperatures derived from these two methods were found to 

be in good agreement whereas the inferred surface gravities differed significantly. This 

effect was attributed to systematic errors in the photographic photometry of some of the 

observed H7 profiles. A preliminary analysis of high photometric quality CCD profiles of 

the H7 lines in selected programme stars supported this hypothesis.

Detailed calculations were carried out in order to examine the systematic effects of in

terstellar reddening and scattered light on the atmospheric diagnostic properties of spec

trophotometry and hydrogen Balmer profiles respectively. This work showed that even 

small amounts of reddening in spectrophotometric observations can lead to substantially 

underestimated effective temperatures. In contrast, scattered light contamination of hy

drogen Balmer profiles was shown to be of negligible importance to their discrimination 

of stellar surface gravity provided that the stellar effective tem perature is simultaneously 

constrained by other observations.

The validity of the use of solar helium abundance model atmospheres in the analysis 

of helium deficient HgMn stars was examined by carrying out extensive model atmosphere 

calculations. The effect of helium deficiency on the structure of model atmospheres in the 

parameter regime of interest was shown to be largely confined to the distribution of electron 

pressure with optical depth. This leads to a ~  0.1 dex reduction in the apparent surface
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gravities of typical HgMn stars interpreted with the aid of solar helium abundance models. 

The associated effect on synthetic profiles of metal lines is entirely negligible provided that 

the He/H abundance ratio assumed in the synthesis calculations is consistent with tha t of 

the adopted model.

The effect of stellar metallicity on model atmospheres was explored with a view to 

gaining an appreciation of the effect of unaccounted opacity on the analysis of the HgMn 

stars. Solar metallicity models were found to provide a satisfactory representation of the 

line and continuum forming regions of enhanced metallicity models, albeit at systemat

ically higher effective temperatures. The adopted solar metallicity model atmospheres 

satisfactorily reproduce the observed UV, visual, and infra-red region energy distributions 

of the normal programme stars. For the HgMn stars, however, a significant flux deficiency 

in the UV was identified and attributed to inadequate opacity at these wavelengths.

The results of the analysis presented here are consistent with the view that for HgMn 

stars, fundamental effective temperatures may be slightly lower, and surface gravities 

slightly higher, than indicated by an analysis of their colours, continuous energy distri

butions, and line profiles on the basis of solar metallicity models. The contention of this 

chapter is that the adopted atmospheric parameters nevertheless specify the best-fit a t

mospheric structures for the programme stars within the current domain of LTE solar 

metallicity models. In this respect, the atmospheric parameters Teff and log fir are consid

ered to be labels with which to conveniently identify specific atmospheric structures rather 

than true measurements of fundamentally-defined observable quantities. Improvements in 

the modelling of the atmospheres of HgMn stars are only likely to be forthcoming through 

the use of opacity distribution functions computed for appropriately tailored mixtures of 

abundances.
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Spectrum  Synthesis

The objective of this chapter is to provide a brief outline of the background theory for 

spectrum synthesis calculations, and to describe how this theory is implemented in the 

spectrum synthesis code u c l s y n . The reader is referred to the classic texts of Aller (1963), 

Mihalas (1970, 1978), Cowley (1970), and Gray (1976) for full details on the background 

theory.

5.1 M odel Atm ospheres

5.1.1 Fundam ental A ssum ptions

The following assumptions and approximations are made in the treatm ent of the stellar 

atmospheres analysed in this thesis:

• Local thermodynamic equilibrium

• Stratification into plane-parallel layers

• Radiative and hydrostatic equlibrium

• Time-independent radiation field

• No atmospheric magnetic fields

• Horizontal and vertical chemical homogeneity
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5.1.1.1 Local T herm odynam ic Equilibrium

Under the assumption of local thermodynamic equilibrium (LTE), all of the thermody

namic properties of a small volume of material in the stellar atmosphere (e.g., the occupa

tion numbers of atoms and ions, the opacity and emissivity) are assumed to be given by 

their thermodynamic equilibrium values at the local values of temperature and particle 

number density—only the radiation field is allowed to depart from its local equilibrium 

value and is specified by the solution of the equation of radiation transfer. The LTE 

assumption is made as a computational expedient in preference to solving the combined 

equations of radiative and statistical equilibrium. For late-B and early-A stars, the LTE 

approximation is probably closest to practical realisation: there is good evidence in par

ticular tha t it is effective in describing the formation of the Balmer and Paschen continuua 

and discontinuities (Mihalas 1970, pp. 186-190, 236-238; Gray 1976, pp. 213-215; Kurucz 

1979). However, even for these stars the LTE assumption is often unsatisfactory in the 

line formation problem. Generally speaking, this is because the continua are formed rel

atively deep in the atmosphere where particle number densities are high and collisional 

interactions tend to  drive occupation numbers towards the local thermodynamic equilib

rium values, whereas strong spectral lines tend to become optically thin only in the most 

superficial atmospheric layers where particle number densities are low and the gas and ra

diation field are almost decoupled (Mihalas 1970, pp. 351-353; Gray 1976, pp. 305-307). 

For a general review of non-LTE effects encountered in A and B stars refer to Hubeny 

(1986) and references therein.

It is beyond the scope of this thesis to investigate in detail the inadequacy of the 

LTE approximation (‘non-LTE effects’) other than by reference to previous work in the 

literature. Although this may be regarded as a shortcoming of the analysis, it is largely 

mitigated, as far as the purposes of the investigation are concerned, by careful comparison 

of two groups of stars: the ‘normal’ group (including nearly all stars previously classified as 

‘superficially normal’ by Cowley [19806]), and the HgMn group. An assumption implicit in 

this and much published work on spectroscopically ‘normal’ stars is that their abundance 

patterns are on average the same as that of the sun and local solar-like stars. Although 

there is much recent evidence that this is not the case for A-stars in general (e.g., Cowley 

et ai. 1982; Holweger, Gigas & Steffen 1986; Lemke 1989, 1990), it is a reasonable work
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ing approximation for the objects studied here according to  published analyses based on 

photographic spectra by Adelman (see Adelman 1991). In this way, the normal group will 

serve as a barometer of reliability for each element analysed: where the abundances are 

near-solar and uncorrelated with stellar parameters for the control group, it can be argued 

tha t peculiar behaviour in the HgMn group is not due to systematic error introduced by 

the assumption of LTE.

CO

o

O ---
1000 2000 3000 4000 5000 6000 7000

X (A)

F ig u re  5.1: The approximate depth o f formation o f the Balmer and Paschen continua 
plotted as a function o f wavelength for Kurucz LTE model atmospheres with effective 
temperatures as indicated. The depth o f continuum formation is plotted in terms o f the 
reference optical depth tq (defined at 5000 A ) at which the continuum optical depth at 
a given wavelength is equal to 2/3. The horizontal dashed line represents To =  2/3. All 
models have log g =  4.0 except that indicated by the dotted line for which log <7 = 3.5.

An advantage of working with ultraviolet spectra above the Lyman limit is tha t contin

uous absorption by hydrogen is low and the stellar atmosphere is relatively transparent. 

This situation is illustrated in figure 5.1 which shows the idealised depth of formation 

(i.e., tu = 2/3) of the Balmer and Paschen continua as a function of wavelength for vari

ous values of effective temperature (cf. Gray 1976, pp. 176-177). The depth of formation 

is reckoned in terms of the reference continuum optical depth scale at 5000 A. Note that in

197



Chapter 5

the parameter range under consideration, surface gravity has only a very weak effect on the 

depth of continuum formation. It is evident tha t below ~  2000 A , the characteristic depth 

of formation of the Balmer continuum is greater than that of the Paschen continuum at the 

reference wavelength. In the wavelength range 1100-1500 A , typical continuum-forming 

atmospheric layers are characterised by electron and particle pressures which are a factor 

of 3-5 higher than at 5000 A . Although this in no way guarantees collisional domination of 

the statistical equilibrium equations for atoms and ions of interest, it certainly promotes 

the use of the LTE approximation.

5.1.1.2 P lane-parallelism

Plane-parallelism is a satisfactory approximation for the main-sequence stars under study 

here. Using data from Allen (1973) for example, the ratio of the atmospheric pressure 

scale-height to stellar radius for main sequence B5-A0 stars is only 0.03-0.04%. Even 

for stars in the programme which have evolved towards the end of their main sequence 

lifetimes (e.g., log# «  3.5), atmospheric sphericity is entirely negligible.

5.1.1.3 R adiative and H ydrostatic Equilibrium

Energy transport in the envelopes of late-B stars is effectively entirely radiative in form; 

convection does not become an im portant mechanism for energy transport until mid-A 

and later spectral types; hence the assumption of radiative equilibrium.

Hydrostatic equilibrium is justified on the grounds that stars in the spectral range and 

luminosity classes under consideration do not exhibit observational evidence for significant 

mass loss or pulsational instability. The amplitude of any putative macroturbulent velocity 

fields in the atmospheres of the programme stars is also constrained by their characteris

tically narrow line profiles. Unfortunately, rotational and macroturbulent broadening are 

difficult to distinguish in the spatial domain: a Gaussian macroturbulent profile has the 

same width as a rotation profile when its dispersion (  is approximately equal to |t> sin i 

(Gray 1976, p. 430). The Fourier transform of the macroturbulent profile, however, does 

not show the strong sidelobes characteristic of the transform of the rotation profile (Gray 

1976, pp. 431-435). The detection of such sidelobes in the transforms of some of the 

programme star spectra would tend to favour a rotational broadening interpretation (see
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chapters 3 and 6). Smith & Parsons (1976) found tha t macroturbulence is negligible in 

HgMn stars HR4072, x Lup, and i CrB from Fourier analysis of their line profiles. The only 

macroturbulent-like line profiles observed amongst the programme stars were reported by 

Underhill (1973) who found that the hydrogen line profiles of normal star (  Dra were well- 

fitted by an exponential function; this may be indicative of anisotropic macroturbulent 

broadening of the type discussed by Gray (1976, pp. 426-427).

5.1 .1 .4  T im e-independence and M agnetic F ields

Time-independence of the radiation fields of the programme stars is supported to the 

extent tha t they do not exhibit light or spectrum variations. Similarly, for all but a 

few possible exceptions (e.g., 36 Lyn and 33 Gem), observations constrain the strengths of 

surface magnetic fields to be below ~  200 G (see, e.g., Borra & Landstreet 1980; Landstreet 

1982; Borra, Landstreet & Thompson 1983) in the normal and HgMn stars analysed here. 

However, disordered or sub-surface magnetic fields are not precluded (cf. the hot Am star 

o Peg: Mathys & Lanz 1990).

5.1.1.5 C hem ical H om ogeneity

Horizontal chemical homogeneity is strongly supported by the lack of observational ev

idence for rotationally modulated light or spectrum variations in nearly all normal and 

HgMn stars; this is in contrast, for example, to magnetic Ap stars where abundance en

hancements are known to be concentrated in spots and rings on the stellar surface.

Vertical chemical homogeneity is an assumption made in this work which may not be 

justified according to the prevailing explanatory theory of chemically peculiar stars—the 

radiative diffusion model of Michaud (1970). However, very few published analyses have 

considered the implications of this assumption on derived abundances, possibly because 

theoretical predictions of the depth distribution of elemental abundance in peculiar stars 

are as yet either non-existent or unreliable. An exception is the work of Alecian (1982) 

who, following the diffusion calculations of Alecian & Michaud (1981), investigated the 

effects of a radial concentration of manganese ions on curves of growth of ultraviolet Mn II 

lines. He found that radial concentrations high in the atmosphere (ro < 10-4 ) tend to 

reduce the slope of the curve of growth by promoting saturation of the spectral lines. The
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detailed effects of a radial inhomogeneity in atmospheric abundance of an element are very 

sensitively dependent on its precise distribution with depth. In general, saturation effects 

arising from the concentration of an element over a narrow range in optical depth will tend 

to diminish the apparent strengths of associated spectral lines; an analysis conducted under 

the assumption of vertical homogeneity will correspondingly underestimate the abundance 

of the element in its region of concentration. This situation can be further aggravated if 

the radial concentration lies above or below the line forming region of the atmosphere; 

this problem is discussed further in the context of manganese abundances in chapter 8 .

If radial concentrations of an element are adm itted, an ambiguity arises as to whether 

a single parameter can usefully represent its ‘abundance’ in a stellar atmosphere. Since 

the ultimate objective of this work is to provide an observational test of the theories which 

purport to explain the HgMn phenomenon, it may be more appropriate to work in terms 

of observables (e.g., equivalent widths) which could in principle be compared directly with 

theoretical predictions. However, most published diffusion models for HgMn stars have 

been elaborated only to the extent that they can predict the maximum  abundance which 

can be supported in a stellar atmosphere in the absence of complicating processes such as 

turbulence. The view adopted here is that an abundance derived under the assumption of 

vertical chemical homogeneity remains a useful parameterisation of the proportions of an 

element in the line-forming region of the atmosphere.

5.1.2 M odel A tm osphere C alculations

Pre-computed model atmospheres are required in order to calculate synthetic spectra using 

the UCLSYN code. Such a  model is specified by the distribution of kinetic temperature 

T, gas pressure Pg, electron pressure Pe, and continuum absorption coefficient «o (the 

‘opacity’) as a function of the optical depth scale 7o, the latter two quantities being defined 

at a  reference frequency.

The work presented in this thesis makes use of fully line-blanketed LTE model atm o

spheres as described in detail by Kurucz (1979). An example of one such model with a t

mospheric parameters typical of the stars under analysis here (Teff =  12 500 K, log </ =  4.0) 

is illustrated in figure 5.2. Individual model atmospheres were computed for each of the 

programme stars by adopting the mean effective temperatures and surface gravities de-
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log T (K)

O

- 4 -3 - 2 21 0 1
log T0

F ig u re  5.2: Example o f a solar composition Kurucz model atmosphere (Ten = 12 500 K, 
log <7 = 4.0) showing the log-log variation o f kinetic temperature T , gas pressure Pg, 
electron pressure Pe, and monochromatic continuum opacity Ko as a function o f optical 
depth To at 5000A.

rived in chapter 4. These models were computed by assuming solar abundances for the 

continuous absorbers and solar composition opacity distribution functions (ODF’s). The 

ODF’s include the contribution of ~  9 x 105 spectral lines and were computed by Kurucz 

for an assumed microturbulence parameter of 2 km s-1 . The model atmosphere calcula

tions were performed by using the CCP7 implementation of Kurucz’s (1970) code a t l a s 6  

on the Cray XMP-48 supercomputer at RAL (Lynas-Gray 1985; Jeffery 1989). The mod

els were iterated to convergence which was assumed to have been attained when the flux 

and flux-derivative errors were within a few tenths of a percent and of order one per

cent respectively following the criteria specified by Kurucz (1979) for models in radiative 

equilibrium; typically this required fewer than 15 iterations.

Model atmospheres computed using a t l a s 6  possess a boundary atmospheric layer at 

To = 0. However, some of the routines in UCLSYN work on a logarithmic optical depth 

scale and it is therefore necessary to discard this layer. In order to  avoid errors in the 

flux and intensity integrals for strong lines (where the cores are formed in the superficial
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la y e r s ) ,  UCLSYN w a s  m o d if ie d  t o  in t e r p o la te  in p u t  m o d e l  a tm o s p h e r e s  t o  lo w  v a lu e s  o f  

o p t ic a l  d e p th  ( t y p ic a l ly  lo g  r0 =  —6 )  p r io r  to  d is c a r d in g  th e  To =  0  la y e r .

5.2 R adiation Transfer

5.2.1 In ten sity  and F lux Integrals

The calculation of a synthetic spectrum for a star involves the evaluation of either the 

specific intensity or flux at its surface. In this work we assume that there is no incident 

radiation at the surface of the star. Although strictly this will not be the case in a binary 

system, those tha t exist amongst the programme stars are generally not close (P  ^  3 days) 

and the approximation is justified. In this case, the surface specific intensity at frequency 

v corresponding to emergent rays with direction cosine p  (=  cos#) is given by

Iv iv ) -  f  Sl/e~T,'/ (i dT„/fj, (5.1)
Jo

where 5j/(r t/) is the source function. The stellar emergent flux at frequency v is then given

by
roo

7 u — 2‘k \  Sv(Tv)E2(rv)drv (5.2)
Jo

where E 2(tu) is the second exponential integral function.

The synthesis code evaluates the intensity integral by using a ninety-point Gauss- 

Laguerre quadrature truncated to 24 points. The flux integral is evaluated by using an 

implementation of Norton’s 18-point quadrature weighted against the second exponential 

integral function (Mihalas 1967). This quadrature scheme is extremely efficient and in 

tests based on a grey atmosphere (for which an exact analytical solution is known) has 

acheived an accuracy of better than 0.008% according to Mihalas.

5.2.2 Source Function

Under the assumption of local thermodynamic equilibrium (LTE), the source function is 

given by (suppressing the r„-dependence for clarity)

S u =  B v +  ■/„ =  (1 -  pu )B u +  p uJ„ (5.3)+ a„ K„ + uv

w h e r e  kv is  th e  t o t a l  a b s o r p t io n  c o e ff ic ie n t  (c o n t in u u m  p lu s  l in e s ) ,  ov i s  t h e  is o tr o p ic  

c o h e r e n t  s c a t t e r in g  c o e ff ic ie n t  in  t h e  c o n t in u u m , Jv is  t h e  m e a n  in t e n s i t y ,  a n d  pv is  t h e  r a t io
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of scattering to absorption plus scattering. Equation 5.3 must be solved simultaneously 

with the transfer equation

^ 1/ ( ^ i / T  r \  C  /  \  / r

&TV

in which p (=  cos0) is the cosine of the polar angle of radiation flow and I v{ru^p) is 

the specific intensity. The solution of these equations is sought by expressing the mean 

intensity in terms of the lambda-operator A Tt/ (Schwarzschild’s equation)

J„(tv) =  Ar„[Si/(*i/)] =  t: f  S„(tv)E i\tv -  rv \ dtv (5.5)
l  Jo

and substituting into equation 5.3 to yield Milne’s integral equation

S „ ( t u ) =  ( 1  -  P v ) B v ( tu )  +  P i / A r ^ [ 5 I /( f l / ) ]  ( 5 . 6 )

If continuum scattering is included in the source function, u c l s y n  solves Milne’s integral 

equation by using Kurucz’s kernel-matrix method (Kurucz 1969; Mihalas 1970, pp. 155- 

157). However, considerable computational convenience and economy of time (~  xlO) is 

afforded by assuming that Ju = B u in which case the source function is given simply by 

the Planck function

= B v[T(tu)\ = ~ ehu/kT _  ^ (5-7)

where h is Planck’s constant, k is Boltzmann’s constant, and c is the speed of light. This 

is often a satisfactory approximation where continuum scattering is only a small fraction 

of the total opacity (i.e., pv <C 1) as is the case in cooler stars. Numerical experimentation 

with the synthesis code indicated that below 20 000 K, the errors in abundance committed

by making this approximation are typically a fraction of one percent, and are therefore

entirely negligible for the purposes of this work.

5.2 .3  O ptical D ep th  Scale

The monochromatic optical depth scale ru in the flux integral of equation 5.2 is calculated 

from the reference optical depth scale To as follows

( 5 - 8 )

This integral is evaluated within UCLSYN by quadrature using Simpson’s rule, although 

the code provides a switch to make use of the more accurate fourth Newton-Cotes formula
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(“Bode’s rule” ) if preferred. The quadrature is started by computing the first four values 

of rv explicitly: the first point is obtained by assuming that the ratio ku/ ko is constant 

above the first tabulated value of 7o; the second, third and fourth points are subsequently 

derived by applying the Adams-Moulton predictor-corrector formula, Simpson’s rule, and 

the third Newton-Cotes formula ( “3/8 rule”) respectively.

5.3 Continuum  O pacity

5.3.1 A tom ic H ydrogen

The dominant source of opacity in the atmospheres of B, A and F stars is due to bound-free 

and free-free absorption by atomic hydrogen. The energy distributions of these stars show 

strong modulation due to bound-free hydrogen absorption (ionisation edges) at 3647 A 
and 8206 A in the visible window.

The total bound-free absorption coefficient of hydrogen (in cm2 per H atom) for all 

continua starting at quantum level no (i.e., for photons of frequency v > hlZc/riQ where 

71 is the Rydberg constant) is given by
n m»x \ 3

K(Hbf) =  «o  - s - S i i K ^ H r " *  (5 .9 )
n = n 0  n

where <7n(n , A) is the bound-free Gaunt factor at wavelength A and \  the excitation energy 

(in eV) for level with principal quantum number n; nmax is the principal quantum number 

of the highest bound state considered (nmax = 11 in u c l s y n ); and 9 is the temperature 

parameter (5040/T). The atomic constant c*o is given by

ao = *  1044 x 10 (cm' 1 > (5-10)

where e is the charge on the electron (cf. base of natural logarithms e) and all other 

symbols have their conventional meaning. The free-free absorption coefficient of neutral 

hydrogen (in cm2 per H atom) is given by

« (H ff) =  « oA3s „ , ( M ) ! | ^ 1 0 - ‘,;h (5 .1 1 )

where <7m(0, A) is the free-free Gaunt factor and Jh is the ionisation energy of hydrogen 

(13.595 eV).

The synthesis code UCLSYN uses the polynomial approximations for the bound-free 

and free-free Gaunt factors given by Mihalas (1967).
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5.3.2 N egative H ydrogen Ion

The negative hydrogen ion H-  is an im portant opacity source in solar type stars, although 

at higher effective temperatures it becomes increasingly ionised by collisions, and at the 

lowest effective temperatures there are insufficient free electrons for its formation. The 

energy required to ionise H-  to neutral H is 0.750 eV which corresponds to photons with 

A & 16420 A. For the bound-free absorption coefficient, u c l s y n  makes use of a fit by 

Gingerich (1964) to the cross section computed by Geltman (1962). In this case, the 

absorption coefficient (in cm2 per H atom) takes the form

k(H^f) = 0.4158 x lO -26Pe05/ 2lO°-75°% ,f (5.12)

For the wavelength range 14 200-16419 A,

c*bf = 0.269818 +  0.220190A2 -  0.0411288A3 + 0.00273236A4 (5.13)

where A = (16 419 — A)/103, and for A < 14 200 A

a bf = 0.00680133 +  0.178708A + 0.164790A2 -  0.024842A3 + 0.000595244A4 (5.14)

where now A = A/103.

The free-free component of H~ becomes dominant in the infrared. This is treated in 

the synthesis code by using a fit to calculations of John (1964) presented by Gingerich 

(1964) in which the absorption coefficient (in cm2 per H atom corrected for stimulated 

emission) is

K(Hff) = 10-26Pe[0.0053666 -  0.0114930 +  O.O27O2902 

-(3.2062 -  11.9240 + 5.939O02)(A/1O6)

-(0.40192 -  7.03550 +  O.3459202)(A2/1O9)] (5.15)

where A is in Angstroms.

5.3 .3  H ydrogen M olecular Ions

In stars of spectral type later than mid-M, H2 molecules begin to predominate over atomic 

hydrogen. Although the H2 molecule does not absorb in the visible spectrum, its ions H j 

and do. In order to treat opacity in cool stars correctly, u c l s y n  incorporates these
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opacity sources. For H j ,  the code uses the polynomial fit to the free-free cross section 

given by Somerville (1964) multiplied by a factor of 1.9 following Carbon, Gingerich & 

Latham (1969). The Hj" molecular ion is treated using the formula and tabulated data 

given by Gingerich (1964) based on calculations by Bates and co-workers (Bates 1951, 

1952; Bates, Ledsham & Steward 1953).

5.3.4 H ydrogen Line O pacity

Although hydrogen lines are strictly speaking not sources of continuous opacity, in early 

type stars their broad wings can act as such. Background opacity due to the extended 

and/or overlapping wings of the Balmer lines (up to n = 17) are treated within u c l s y n  

by using a routine written by Dr. M. M. Dworetsky; this is based on the Holtsmark ion 

broadening formula multiplied by a correction ratio given by Peterson (1969) to yield an 

approximation to the Edmonds, Schluter & Wells (1967) theory.

5.3.5 A tom ic H elium

Bound-free and free-free absorption by neutral and singly-ionised helium become impor

tant opacity sources for stars earlier than AO. The routines in u c l s y n  which compute the 

requisite absorption coefficients were originally adopted with minor modification from Ku- 

rucz’s code A T L A S 5  (Kurucz 1 9 7 0 ) .  For bound-free absorption in neutral helium, Kurucz 

uses power law fits from data given by Gingerich ( 1 9 6 4 )  for the n = 1 and n = 2 levels, and 

from Hunger & van Blerkom ( 1 9 6 7 )  for n — 3. Higher levels are treated hydrogenically 

as is the free-free absorption coefficient for this atom. Since the absorption coefficient of 

He+ is hydrogenic, Kurucz uses the expressions for neutral hydrogen with an appropriate 

scaling to account for the Z 2 dependence of the depth of the potential well.

5.3.6 N egative H elium  Ion

At long wavelengths in cool stars, free-free absorption by the negative helium ion He-  can 

be significant. For this, the synthesis code uses the polynomial fit to the calculations of 

John (1968) given by Carbon, Gingerich & Latham (1969). The absorption coefficient in 

cm2 per He-  particle is given by

«(He^) = 10- 26Pe[ao + QiO 4* ol2^2] (5.16)
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where

do =  2.40 X 10-4 -  1.26 X 10-7 A +  5.67 X 10_1°A2

ai = -5 .92  x 10-4 +  5.12 x 10_7A +  1.30 x 10-9  A2 (5.17)

a2 =  1.45 x 10-2 -  8.30 x 10” 7A -  1.80 x 10' 10A2

5.3 .7  M etals

Elements such as carbon, silicon, aluminium, magnesium, and iron can make a small but 

significant contribution to the ultraviolet bound-free opacity (Mihalas 1970, p. 123; Gray 

1976, pp. 152-153). At the time of writing, and for the purposes of this project, the only 

metal opacity sources coded in u c l s y n  are for neutral silicon and magnesium; these are 

based on interpolation in the tabulated data of Peach (1967).

5.3 .8  E lectron Scattering

Electron (or Thomson) scattering is a dominant opacity source for O and B stars and 

increases in importance for low pressures (i.e., supergiants). The angle-averaged (isotropic) 

scattering cross section in cm2 per electron is given by

" (e) = t o p 55 6655  x 10-24 (5-18)

Note that this opacity source is frequency-independent (grey).

5.3 .9  R ayleigh Scattering

Rayleigh scattering is negligible in most stars, but can be significant in the extended 

atmospheres of supergiants of intermediate effective temperature. Rayleigh scattering by 

neutral hydrogen is treated in u c l s y n  using a polynomial fit by Dalgarno quoted by 

Gingerich (1964). The scattering cross section in cm2 per neutral H atom is

<r(H) = 5.799 X 10"13/A4 +  1.422 X 10"6/A6 +  2.784/A8 (5.19)

with A in Angstroms.

Similarly, Rayleigh scattering by H2 molecules is computed using the poynomial fit 

given by Dalgarno & Williams (1962). In this case the scattering cross section in cm2 per
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H2 molecule is given by

<t(H2) =  8.14 x 10_13/A4 +  1.28 x 1(T6/A6 +  1.61/A* (5.20)

with A in Angstroms.

Finally, the following expression (Dalgarno 1962; Kurucz 1970) is used by UCLSYN to 

compute the Rayleigh scattering cross section for neutral helium in cm2 per He atom:

<r(He) =
5.484 X 10 

A4

-14 2.44 x 105 5.94 x 1010
1 +  ^   +A2 A2(A2 -  2.9 x 105)

(5.21)

where A is in Angstroms. Note that this expression is only valid for A > 504 A.

5.3.10 Total C ontinuous O pacity

The total continuous opacity is computed by summing the absorption coefficients detailed 

above, converting where necessary to per H atom units by using the appropriate number 

density ratio, and reducing by the stimulated emission factor (1 — e~hu/ kT) those terms 

which do not explicitly include it. The total absorption coefficient is then re-expressed as 

a mass absorption coefficient by dividing by the number of grams of stellar material per 

hydrogen atom; this is given by

F mH = ^ 2  AkUk (5.22)
k

where Ak and fik are the abundance (number fraction with respect to hydrogen) and mass 

of element k respectively.

For stars in the effective temperature range under investigation, the relative contribu

tions of the continuum opacity sources described above can be assessed from figure 5.3. 

This plot shows the logarithm of the monochromatic continuum opacity at reference op

tical depth To = 2/3 in a solar composition Kurucz model atmosphere (Teff = 12 500 K, 

log <7 = 4.0) plotted as a function of wavelength for H, He, H ", H2 , Si, Mg, and electron 

scattering (<r). Observe how absorption by neutral hydrogen is dominant at all wave

lengths, with a small but increasing contribution from electron scattering towards the 

extreme ultraviolet.
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F ig u re  5.3: Monochromatic continuum opacity kv at optical depth To =  2/3 plotted as
a function o f wavelength for a Teff = 12 500 K, log <7 = 4.0 Kurucz model atmosphere.
The continuous lines show the contributions o f various absorbing species as indicated; the 
dashed line represents the total opacity. Note the dominance o f neutral hydrogen.

5.4 Line O pacity

5.4.1 Line A bsorption  Coefficient

The mass absorption coefficient (in cm2 per gram of stellar material) for a metal line is 

given by

_  e. hu/kT (5 23)
mec y/wA i/d Nk pTtin

where the first term , including /  the oscillator strength, represents the to tal absorption in 

the line; the second term represents the frequency distribution of absorption (line profile) 

in which H {a , v) is the Hjerting function and Auo  is the Doppler frequency width; the third 

term  represents the total number fraction of the absorbing element capable of absorbing 

the line radiation; the fourth term is a conversion factor to give the absorption coefficient in 

units of absorbing particles per gram of stellar material; and the last term is the correction 

factor for stimulated emission.
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5.4.2 Line Profile

The second term of equation 5.23 (in its entirety) is called the Voigt function and represents 

the normalised line profile. The Hjerting function H (a ,v)  (which has normalisation y/x) 

is the convolution of the Doppler profile (a Gaussian) and the line damping profile (a 

Lorentzian), and is defined by

a r+oc e~vi
H(a, v) =  -  / ---- --------- \ 2 ~I~ 2  dvi (5-24)

7T J-OO ( V - V i  ) 2 +  a 2

where v\ is a dummy variable of integration. The arguments of the Hjerting function, 

a and v , are the damping and frequency displacement parameters respectively; these are 

defined by

a =  r/4xAi^> (5.25)

v =  A u/ A ud (5.26)

Here T is the total damping constant (e.g., due to radiative, van der Waals, and Stark 

broadening) in frequency units (s-1 ), A u is the frequency displacement from line centre,

and A î d is the Doppler frequency width due to thermal and microturbulent broadening

given by

A n) = - ( —  + £2V /2 (5.27)c \  m )

where m  is the mass of the absorbing species and f  is the most probable velocity of an 

assumed isotropic Gaussian microturbulent velocity distribution.

The Hjerting (or Voigt) function can be expensive to compute. Rees (1991) has recently 

evaluated the relative performance (speed and accuracy) of several Voigt function algo

rithms currently in popular use, including that coded in u c lsy n . The u c lsy n  algorithm 

sub-divides the (a, v ) plane into several regions which are treated separately:

• For z2 =  (a2 -f v2) > 25, an asymptotic expansion of the following form is used 

(O ’Mara 1968; Cowley 1970; Fry & Aller 1975):

\ 1 a. 3v2 -  a2 3 a2 — 10a2v2 +  5u4 1 .
H (a ,v )  — —= 2 2 ) 1 +  «7"2’V" i \2  7 ------7~2~l~2\4-------  ̂ ’ ’ ’ I (5.28)y/7r az +  v* y 2{az -1- vz)z 4 (az +  v2)4 I

• For z2 < 25 and a > 0.6 , the integral is evaluated by direct 10-point Gauss-Hermite 

quadrature using abscissae and weights from Abramowitz & Stegun (1964).
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• For z2 < 25 and a < 0 .6 , the Hjerting function is evaluated by using the following 

Taylor series expansion (see, e.g., Mihalas 1978, pp. 280-281):

6
H (a, v) =  anH n(v) (5.29)

n = 0

The even-order terms in this expansion are simple functions of v and are evaluated 

directly; the odd-order terms involve Dawson’s integral function which is generated 

using pre-computed coefficients of a tenth-order polynomial approximation.

5.4.3 R adiative D am ping

The radiative damping constant for a transition can be written in terms of the sum of 

the Einstein A  coefficients for its lower and upper levels as follows (e.g., Mihalas 1978, 

pp. 277-278)

Tr =  ^ L>‘ +  5Z (5.30)
i<L i<U

Each of these summations is effectively the reciprocal lifetime of the energy level to which 

it relates. Thus, for resonance lines which by definition originate from the ground term, 

the radiative damping constant is simply the reciprocal lifetime of the upper level. If a 

lifetime measurement is not available for the upper level of a resonance transition, a lower 

bound on its value can be obtained from the transition probability of the line of interest.

In the absence of a user-supplied radiative damping constant, the synthesis code de

faults to the natural or classical damping constant given by

Tc = 87r2e2/ ( 3mecA2) *  2.2 x 1(T9/A2 ( s '1) (5.31)

where A is in Angstroms. For resonance lines, the natural damping constant is generally 

much smaller than the lower bound radiative damping constant described above and was 

therefore not used.

5.4 .4  van der W aals D am ping

Van der Waals broadening is the interaction of non-hydrogenic atoms with (primarily) 

neutral hydrogen atoms and is a major source of pressure broadening in solar-type stars.

In u c l s y n , the van der Waals damping constant is obtained from the asymptotic 

dipole-dipole Lindholm-Foley theory (e.g., Mihalas 1978, pp. 284-288). In this case the
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damping constant in s-1 per perturbing particle is given by

Tw «  3 . 6 6 7  x 10"9(A r2)2/5 & 10 ( 5 . 3 2 )

where A r2 is the difference in mean square radius of the lower and upper levels of the 

atom of interest. In the precise hydrogenic approximation, the mean square radius of an 

atom in Bohr radius units (ao) is given by

77 =  + 1 “ 31(1+ 1)1 (5-33)

Here I is the azimuthal quantum number and neff is the effective principal quantum number 

given by

n e f f  =  7 3 -  ( 5 - 3 4 )
A

where 7h an(f I  are the ionisation energies of hydrogen and the element of interest respec

tively.

5.4.5 Stark D am ping

Quadratic Stark broadening is the interaction of non-hydrogenic atoms and ions with 

charged particles (primarily electrons) and is the dominant pressure-broadening mecha

nism in the atmospheres of early-type stars.

In the absence of a user-supplied value for the Stark damping constant, UCLSYN makes 

use of approximate formulae which are based on the semi-empirical formulation of Griem 

(1968).

For ions, UCLSYN uses a simplified version of the semi-empirical formula given by Griem 

(1968) in which the summations over perturbing levels for the lower and upper states are 

approximated by including only the nearest strongly interacting level for the upper state. 

The FWHM damping constant in frequency units is then given by

/7r\ 3/ 2 h / J i A 1/ 2 __
Fs = 16 U )  2 ^ ( # )  "'****' <5-35>

Here rj* is the mean square radius of the upper level of the transition (in ao units) and 

gse(x ) is the semi-empirical Gaunt factor the argument of which is given by
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The semi-empirical Gaunt factor is approximated within u c l s y n  by a three-segment 

straight-line fit to the log-log plot given by Griem (his figure 2).

For neutral species, the code makes use of a formula from Freudenstein & Cooper 

(1978) which again only includes the perturbation of the upper state due to the nearest 

strongly interacting level. In this case, the FWHM damping constant in frequency units 

is given by

rs= S ® ,/2jv̂ /(i) ( 5 - 3 7 )

Here f ( x )  is a slowly varying function (an effective Gaunt factor) given by

n  \ _i / .  2 .27\ 0.487a: x .f ( x )  = e In (1 H ) -|---------------—rr-H-------------   (5.38)
M } V x )  0.513 +  x5/3 7.93 +  x3 v ;

where

* = (r5),/2 w  (5'39)

and quantity A E u is the energy spacing between the upper state and the nearest strongly 

interacting level.

Following Cugier & Hardorp (1988), A E u is estimated to be half the ionisation energy 

for the upper state in those cases where no other information is available.

5.4 .6  N um ber Fractions

The third term in equation 5.23, N ijk/N k , represents the fraction by number of atoms 

of element k which are in the appropriate excitation state i of ionisation stage j  to be 

capable of absorbing line radiation at the frequency of interest. This number fraction is 

computed by combined application of Boltzmann’s excitation equation and Saha’s ioni

sation equation. The form of Boltzmann’s equation customarily used in synthesis work 

is

% ■ w r
Here Njk is the total number of atoms of element k in ionisation stage j ,  gijk is the 

statistical weight and Xijk the excitation energy of the level giving rise to the line, and 

U j k ( T )  is the partition function defined by

Vjk(T) = '£ ,9 ijk e -x‘» /kT (5.41)

213



Chapter 5

The ionisation fraction is evaluated by recursive application of Saha’s ionisation equation

=  (2wm cf / * ( k T ) 5/ 22Uj+i A T ) z- ^ , k T
Nik  b? Ujk( T )

(5.42)

The partition functions originally coded in u c l s y n  are polynomial fits to the extensive

tables of Drawin & Felenbok (1965) with cut-off energy A E  = 0.1 eV. These were updated 

for some of the species investigated here. The polynomial approximations of Bolton (1970, 

1971) were used for the partition functions of Mg, Si, Sc, Ti, Cr, Mn, Fe, and Ni. For P t 

and Hg, the polynomials given by Cowley & Adelman (1983) were adopted. For B, Al, 

K, Cu, Ga, and Bi, polynomial approximations were derived by Dr. M. M Dworetsky by 

fitting to partition functions computed using data taken primarily from Moore’s Atomic 

Energy Level Tables (see, e.g., Jacobs & Dworetsky 1982).

Formally the partition function summation diverges if it extends over all bound states. 

In reality, the highest states can not remain bound due to pertubations by neighbouring 

atoms and ions; this is referred to as pressure ionisation. For an ion with effective charge 

Zeff (1 for neutrals, 2 for singly-ionised, etc.), the lowering of the ionisation potential can 

be approximated by (Mihalas 1970, p. 274)

The partition functions computed by Dworetsky are generally complete to within ~

A E  = Z€fre2/D  «  1.44 x 10" 7Zeff/D (eV) (5.43)

Here D is the Debye radius which is defined in terms of the total charge number density 

N c thus

4ire2N(

For a gas in which all ions are singly-charged, the charge density is twice the electron 

density (N c =  27Ve); this is often a satisfactory approximation for situations of interest 

here.

0.2 eV of their respective ionisation potentials and are formulated to include a hydrogenic 

correction for missing levels above this cut-off energy but below the lowered ionisation 

potential given by equation 5.43. This hydrogenic correction is from Kurucz (1970) and 

takes the form
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where G is twice the product of the X-value and multiplicity (i.e., 2L{2S +  1)) of the 

term at the series limit, and I  is the ionisation potential of the element of interest. This 

expression is evaluated and differenced for values of A E  corresponding to the cut-off and 

lowered ionisation energies A E \ and A E 2 respectively.

5 .4 .7  Total Line O pacity

The total line opacity at each wavelength point in the synthesis is computed by summing 

the individual line absorption coefficients of all lines which contribute in the spectral region 

of interest. The original u c l s y n  synthesis routine performed this summation point-by- 

point across the spectrum; this introduced a certain degree of redundancy since both 

halves of the symmetric profiles of lines falling into the synthesis region were, by necessity, 

computed. Therefore, the synthesis routine was re-written to perform the summation line- 

by-line in such a way that advantage is taken of line profile symmetry. This modification 

yielded an improvement of a factor of ~  2 in the speed of the program.

5.5 Synthesis

5.5.1 Synthesis A lgorithm

A synthetic spectrum is computed by u c l s y n  as follows. The to tal continuum opacity is 

computed for each layer in the model atmosphere at small wavelength intervals (typically 

1 A) across the spectral region of interest. Then, at each of these wavelength intervals, 

the continuum optical depth scale is computed according to equation 5.8 and used to 

evaluate the continuum flux according to equation 5.2. Both the continuum opacity and 

the continuum flux are then interpolated linearly onto a fine user-specified grid spanning 

the spectral region of interest. The total line opacity is computed and added to the 

interpolated continuum opacity for each layer in the model at each wavelength point in 

the spectrum grid. The optical depth scale and flux integrals are then re-evaluated at each 

wavelength point using the summed continuum and line opacities. Finally, a normalised 

synthetic spectrum is obtained by dividing the total flux spectrum by the interpolated 

continuum flux spectrum.

215



Chapter 5

5.5.2 A tom ic D ata  R equirem ents

For each spectral line in a spectrum synthesis, the u c l s y n  code requires the following data: 

the element identification; the ionisation stage (1 for neutral, 2 for singly-ionised, etc.); 

the wavelength (in A); the excitation potential of the lower level for the transition (in eV); 

the log g f  value where g is the statistical weight of the lower level for the transition and 

/  is the absorption oscillator strength; the radiative, van der Waals, and Stark damping 

constants; and the logarithmic abundance of the element as a number fraction with respect 

to hydrogen normalised to the log Nu  =  12 scale. Ionisation energies, partition functions, 

quadrature abscissae and weights are incorporated into the coding of the program. The 

abundances of the continuous absorbers is read from a program initialisation file and can 

therefore be easily modified to accommodate model atmospheres of varying composition.

The primary sources for wavelengths and excitation potentials used in this work were 

Moore’s Multiplet Table o f Astrophysical Interest, Revised Edition (Moore 1959; the 

‘RM T’) and Ultraviolet Multiplet Table (Moore 1950; the ‘UMT’) unless stated other

wise in the text. Excitation potentials from these sources were corrected according to a 

more recent determination of the cm_1-to-eV conversion factor than that used by Moore 

(cf. Dworetsky 1971). The sources of the oscillator strengths used in chapters 6 and 7 

are given individually for each line analysed. For most of the visual region lines, oscil

lator strengths were adopted following the recommendations of Adelman (e.g., Adelman 

1988a, c, d, 1989, 1991). For the UV resonance lines, the recent compilation of Morton 

(1991) proved an exceptionally useful source of data, and the oscillator strengths adopted 

in chapter 7 in most cases reflect his recommendations. Default damping constants were 

used for most of the weak visual-region lines analysed in chapter 6 where the inferred abun

dances are generally insensitive to their precise values. For the strong UV lines analysed 

in chapter 7, the adopted sources of damping constants are discussed individually.

5.5.3 R otational and Instrum ental Broadening

Rotational broadening of synthetic spectra is handled within u c l s y n  by using a variation 

of the convolution method described by Gray (1976). The synthetic spectrum is assumed to 

be constant across the stellar disk; although this is not always a valid assumption the error 

committed is, for practical purposes, negligible. A quadratic continuum limb-darkening
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law of the following form is adopted

/„(//) =  7j[a0 +  aiM +  W 2] (5.46)

where 7° is the specific intensity at the centre of the disk; this generally serves to provide 

a very satisfactory representation of continuum limb-darkening throughout the UV and 

visual regions. The coefficients of the limb-darkening law are determined by evaluating the 

surface specific intensity according to equation 5.1 at 24 points across the stellar disk and 

fitting a quadratic function to  its variation as a function of /z. The synthetic spectrum is 

then convolved with the normalised rotation profile defined for in terms of the wavelength 

displacement variable x =  cAA/(Avsin i) by

= (2a0/ 7r)(l -  x2)1/2 +  (a i/2 ) ( l  -  x 2) +  (4a2/ 37r)( l -  x 2f / 2 
ao + (2ai/3 ) -f (02/ 2)

for |x| < 1 and equal to zero elsewhere.

Similarly, instrum ental broadening of the synthetic spectrum is achieved through con

volution with a Gaussian of user-specified full-width-e-1 -maximum (2/?):

/ ( AA) = (5.48)
V 7rp

Although the true instrum ental profile for most classical spectrographs is rather poorly 

approximated by a Gaussian distribution (Griffin 1969; chapter 6), its FWHM is often its 

only characteristic known with any accuracy to the observer.

5 .5 .4  UCLSYN C oding H istory

The spectrum synthesis code u c l s y n  derives from a code written in the late 1960’s by 

J.E. Ross in collaboration with L.H. Aller and colleagues at the University of California at 

Los Angeles (UCLA). It was subsequently modified by P. Etzel (then also at UCLA) before 

being installed on the Starlink VAX 11/780 at University College London by M.M. Dworet

sky and J.M. Jacobs during the late 1970’s.

During the course of this work, u c l s y n  was extensively modified and expanded by the 

author; in its present form it bears little superficial resemblance to its previous incarnations 

although many of the original computational routines (e.g., quadratures, opacity formulae) 

have remained unchanged. The excellent performance of the Voigt function algorithm in 

this code (Rees 1991), considering its vintage, is testimony to the programming skills of

217



Chapter 5

J.E. Ross. Principal amongst the improvements made to  u c l s y n  were the conversion to an 

interactive command-driven mode of operation and the introduction of plotting routines 

using the GKS-based graphics package p g p l o t  (Pearson 1989; Terret 1990). The synthesis 

routine was re-written to take advantage of the symmetry of the Voigt function with a 

corresponding computational saving of approximately a factor of two. A new damping 

constant routine was developed making use of improved default formulae and a full depth- 

dependent formulation (see §5.4).

5.5.5 UCLSYN Com m ands

Earlier versions of the UCLSYN spectrum synthesis code were documented by Etzel (1982) 

and Dworetsky & Jacobs (1985). The following is a list with brief descriptions of the ‘core’ 

u c l s y n  functions used in this work:

CHIFIT Fits a synthetic spectrum to an observed spectrum by optimising the abun

dances of one or more elements, or the strengths of one or more spectral 

lines.

e x a c t  Computes either the total equivalent width corresponding to one or more lines 

of the same species (i.e., a blend) given their abundance, or the abundance 

of one or more spectral lines of the same species given their total equivalent 

width.

G RO W TH  Computes a curve of growth (log-log plot of equivalent width versus abun

dance) for one or more lines of the same species.

m a g a i n  Computes the ‘optimal’ value of the microturbulence parameter for a sample 

of spectral lines of the same species by using the null-correlation criterion 

between inferred abundance and synthetic equivalent width (i.e., Magain’s 

[1984] method).

SELECT Deletes spectral lines in the line buffer which have a synthetic equivalent width 

below a user-specified minimum value.

SP C B R D  Applies rotational and instrumental broadening to the synthetic spectrum by 

convolution using user-specified values of the instrumental profile width and
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stellar v sin i.

s y n t h  Computes a synthetic flux or intensity spectrum on a user-specified wavelength 

grid.

t u r b u l  Computes the ‘optim al’ value of the microturbulence param eter for a  sample 

of spectral lines of the same species by using the null-correlation criterion 

between inferred abundance and observed equivalent width.

5.5 .6  UCLSYN Com pared w ith Published  C odes

The performance of u c l s y n  was tested at the Workshop on Elemental Abundance Anal

yses held at the Institut d ’Astronomie de l ’Universtie de Lausanne in 1987 (see North 

& Coupry 1988). The differences between u c l s y n  and other synthesis codes established 

during tha t workshop were partly attributed to inconsistency in adopted atomic data  and 

helium abundances amongst the participants. Subsequent work by Smalley, Dworetsky 

& Smith (1988) identified discrepancies between u c l s y n  and Kurucz’s widely-distributed 

w i d t h 6  code in their treatm ent of the boundary atmospheric layer (cf. §5.1.2) and the 

equivalent width quadrature. These problem were resolved and in a series of exhaustive 

tests, equivalent widths computed using u c l s y n  and w i d t h 6  were demonstrated to be in 

agreement to within ~  0.2- 0.5%.

While these problems were readily resolved, it was considered im portant to establish 

the reliability of u c l s y n  for spectrum synthesis calculations in the ultraviolet as opposed 

to equivalent width calculations in the visual region. To this end, comparative tests were 

conducted against Kurucz’s synthesis code s y n t h e  (Kurucz & Furenlid 1979; Kurucz 

& Avrett 1981). This code was installed as part of the CCP7 program library on the 

RAL Cray XMP-48 Supercomputer by Dr. A. E. Lynas-Gray. By way of test, synthetic 

spectra of the C l A1329 and C lI A1335 features were computed by using u c l s y n  and 

s y n t h e  with identical input data (e.g., model atmosphere, atomic data, abundances). 

To facilitate direct comparison and to remove the extended wing of Lyman alpha from 

the s y n t h e  calculations, both spectra were normalised to unity at 1325 A and 1345 A. 

These normalised spectra are presented in figure 5.4 which shows tha t they are virtually 

indistinguishable. Differences between the spectra are confined to the cores of the line 

profiles (which are effectively black) as can be appreciated from the lower panel in this plot
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Jl/W,.0.02

- 0.02
1325 1330 1335 1340 1345

X (A)

F ig u re  5.4: Comparison o f synthetic spectra o f the C l X1329 and C lI A1335 features 
for a Tefr =  10 000K, l o g  <7 =  4.0 model computed by using the codes u c l s y n  (contin
uous line) and s y n t h e  (dashed line). Both spectra have been normalised to unity at 
1325 A and 1345 A. The lower panel shows the difference between these synthetic spectra 
( u c l s y n  — s y n t h e ) on an expanded scale.

which shows the difference spectrum on an expanded scale. Other comparisons between 

UCLSYN and s y n t h e  were performed throughout the course of the analysis of UV spectra 

presented in chapter 7 (e.g., for H gll AA1650, 1942, Znll AA2025, 2062), none of which 

yielded differences greater than those of 1-2 % of continuum intensity indicated here.

5.5.7 SYNTHE Spectra

A feature of the s y n t h e  code not shared by u c l s y n  is that its treatm ent of spectral 

lines allows the efficient computation of long stretches (greater than 100 A) of synthetic 

spectrum. Advantage was taken of this facility in order to compute a synthetic spectrum 

over the entire sensitivity range of the IUE  high resolution cameras (i.e., 1150-3250A). 

This spectrum was computed using a Teff = 10 000K, log# = 4.0 Kurucz solar composition 

model atmosphere and an assumed microturbulence parameter of 2km s-1 . A superset 

of the semi-empirical transition probabilities given by Kurucz & Peytremann (1975) and

220



Chapter 5

o

CO
T SO 0 -

xnu aAi-jBiaa

o

I SO
xnjj

221

Fi
gu

re
 

5.
5: 

Ex
am

pl
e 

of 
a 

sh
or

t 
se

gm
en

t 
of 

sy
nt

he
tic

 
sp

ec
tru

m 
co

m
pu

te
d 

by 
us

ing
 

s
y

n
t

h
e

 
an

d 
in

co
rp

or
at

in
g 

sp
ec

tr
al

 l
in

es
 

fro
m 

th
e 

co
m

bi
ne

d 
Ku

ru
cz

 
& 

Pe
yt

re
m

an
n 

(1
97

5)
 

an
d 

Ku
ru

cz
 

(1
99

0)
 

da
ta

ba
se

s,
 

(a)
 

Th
e 

hig
h 

re
so

lu
tio

n 
sp

ec
tru

m
, 

(b)
 

Th
e 

sp
ec

tru
m 

co
nv

ol
ve

d 
wi

th 
a 

G
au

ss
ia

n 
pr

of
ile

 
of 

FW
HM

 
0.1

 A
. 

No
te 

the
 

de
pr

es
sio

n 
of 

the
 

ap
pa

re
nt

 c
on

tin
uu

m
 

in 
the

 
co

nv
ol

ve
d 

sp
ec

tru
m 

be
low

 
its

 
‘li

ne
-f

re
e’

 
po

sit
io

n 
(d

as
he

d 
lin

e)
.



Chapter 5

Kurucz (1990) was compiled and installed on the RAL Cray XMP-48 machine for this 

calculation. The synthetic spectrum was computed in 100 A segments with 10 A of overlap 

with wavelength steps of 5 mA. A short segment of this spectrum covering the wavelength 

range 1320-1350 A is illustrated in figure 5.5. Also shown in this plot is the same spectrum 

convolved with a Gaussian of FWHM 0.1 A taken to represent the IUE  SWP instrumental 

profile. These spectra axe used in chapter 2 in establishing the wavelength scales and 

continuum locations of the co-added IUE  spectra, and again in chapter 3 in deriving the 

FWHM of the IUE  instrumental profile.
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C h a p te r  6

A nalysis o f Photographic Spectra

In this chapter, a preliminary abundance analysis of selected programme stars is presented 

based on high dispersion photographic spectra procured at the Dominion Astrophysical 

Observatory and from archival sources. The objectives of this work are to provide reliable 

projected equatorial rotational velocities (vsin i), elemental abundances (log A) and mi

croturbulence parameters (£) for those programme stars which have not been extensively 

investigated in the literature. These data are vital prerequisites for an analysis of UV 

spectra where the contributions of different species are difficult to disentangle. They will 

also provide a useful check on the consistency between UV and visual region abundance 

determinations.

6.1 Observations

The observations used in this study were procured from a number of different sources. 

High dispersion spectrograms of selected programme stars were obtained specifically for 

this project over two seasons of observing at the Dominion Astrophysical Observatory. The 

remaining photographic material used was drawn from archival sources, primarily from 

the plate collections of Dr. M. M. Dworetsky and (indirectly) the archives of the Hale 

Observatories. This section documents the technical specifications of the observations 

including the equipment used in their procurement, the observational procedures adopted 

and conventional information in the form of journals incorporating dates and exposure 

times. Since the DAO observations constitute the principal source of material for the
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subsequent analysis, their description is correspondingly more detailed than those from 

archival sources.

6 .1 . 1  DAO  O bservations

6 .1.1.1 The DAO Coude Spectrograph

Spectrograms of selected stars on the programme list were obtained using the horizontal 

coude spectrograph of the 1.22 m reflector at the Dominion Astrophysical Observatory 

(DAO) by the author, Dr. M. M. Dworetsky and Dr. P. C. T. Rees during 1987-88. The 

spectrograph is equipped with a four-element mosaic grating and 96-inch Schmidt camera. 

The gratings are ruled at 830.77 grooves mm-1 , blazed for second order blue and provide 

a reciprocal dispersion of 2.5 A mm-1 . The plate holder accepts two 2-inch by 8-inch 

photographic plates which are abutted at the centre and curved to follow the focal plane 

of the camera. The two plates for a single exposure are referred to as U (ultraviolet) and 

V  (violet) and (here) typically cover the wavelength ranges 3700-4175 A and 4190-4650 A 

respectively. The coude optical train is optimised for light transmission through the use of 

switchable secondary and flat mirrors with high-reflectance coatings in the blue and red. A 

further increase in optical efficiency is afforded by the use an of image slicer at the entrance 

aperture to the spectrograph. The projected slit at the plate with the 96-inch blue image 

slicer (IS96B) is 800 pm  by 16 pm. The entire system has demonstrated its worth as an 

outstanding facility for high resolution stellar spectroscopy of the type undertaken here 

(see, e.g., Adelman & Hill 1987; Adelman, Cowley & Hill 1988). For further details see 

Richardson (1968) and Richardson, Brealey & Dancey (1971).

6 .1.1.2 The Observational Procedure

Before each night’s observing, the focus of the spectrograph was checked using a Hartmann 

test and adjusted if necessary. However, the positional stability of the horizontal coude 

was found to be excellent, in keeping with its design based on mechanically isolated optical 

components, so adjustments were rarely required after initial setting-up.

An integrating exposure meter was used to ascertain the exposure duration for each 

spectrogram. This was found to be particularly useful during periods of variable observing 

conditions (e.g., haze or cirrus). A canonical exposure of 20 x 103 counts was adopted on
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the recommendation of experienced local observers, although some latitude in this figure 

was exercised as observing conditions dictated. The DAO exposure meter also provides 

an indicator of the continuous (i.e., unintegrated) stellar flux which served as an aid for 

(manual) guiding and as a monitor of prevailing sky transparency.

Each spectrogram obtained incorporates a pair of comparison spectra which ‘sandwich’ 

the stellar spectrum. These comparison spectra were produced by an Fe-Ar hollow cathode 

discharge lamp which illuminates the image slicer through a diffusing lens. Following the 

usual convention, comparison spectra were exposed prior to, and at the end of, each stellar 

exposure in order to provide a check on the positional integrity of the optical system. The 

comparison lamp exposure times are controlled by a timer and were typically 2 x 40 seconds 

for baked IIa-0  emulsion.

A photometric calibration was exposed onto each spectrogram concurrently with the 

stellar exposure. This is achieved through the use of a diffuse incandescent light source 

in the slit room which illuminates a rotating sector mechanism in the spectrograph room 

through a wall-mounted slit assembly and field lens (see Wright 1969; Richardson 1969). 

The calibration exposure duration is controlled by an integral timer in conjunction with a 

selection of apertures for the lamp. Thus the calibration exposure times can be coarsely 

matched to the stellar exposures, reducing differential reciprocity effects between calibra

tion and spectrum. Note tha t the use of an image slicer obviates the need to account for 

the cyclical and interm ittent illumination of the plate obtained when ‘trailing’ a spectrum 

with a classical slit arrangement (the ‘intermittency effect’; Kodak 1973). The rotating 

sector produces a stepped calibration on the plate comprising 12 adjacent strips differing 

in logarithmic intensity by 0.2 dex.

For the first three nights of the first observing run, the blue image slicer for the 32-inch 

camera (IS32B) was used inadvertently due to a technical error. In this configuration, 

there is an approximately 30% degradation in resolution which is accompanied by an 

associated increase in the optical throughput. Fortunately, this circumstance did not 

compromise the scientific objectives of the programme, and has indeed occasionally been 

used to advantage for faint objects where the highest resolution is not demanded (Fletcher, 

private communication).
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6.1.1.3 The Photographic Procedure

The DAO spectra were exposed on Kodak IIa-0  emulsion with anti-halation backings. All 

plates were hypersensitised by baking in forming gas for 2 hours at 60 °C. After baking, the 

plates were kept under refrigeration until they were required for observing when they were 

transferred to  the coude room in a sealed light-tight box. There, the plates were allowed 

to reach equlibrium with the ambient temperature for a couple of hours before use to avoid 

the formation of condensation. For each exposure, a pair of plates was withdrawn from the 

plate-box and loaded into the plate holder where they were dusted using a nitrogen-blast 

to remove any residual particles (Millikan & Schoening 1973).

All plates were processed immediately after exposure and usually during the course of 

any subsequent exposure. Fresh processing solutions were used for each night’s observing 

and no deterioration was expected over timescales shorter than this due to the low plate- 

rate (~  few hour-1 ). A nominal temperature of 20 ±  1 °C was maintained for all darkroom 

solutions by ‘fanning’ and ‘lidding’ the processing trays as necessary.

The plates were developed in Kodak D19 developer for 5 minutes using a paddle 

agitator which incorporates two appropriately-sized recesses for both segments of glass (see 

Richardson 1969). The continuous agitation provided by the paddles ensures uniformity of 

development as evidenced by the absence of ‘edge’ effects in the on-plate step calibration 

(Miller 1971). Considerable care was required, however, to ensure that the plates were 

properly seated in the recesses and thus clear of the path of the paddles. Development 

was arrested by plunging the plates in a (manually) continuously agitated solution of 

Kodak stop-bath SB-5 for 30 seconds. Note tha t continuous agitation is essential during 

this stage to avoid the formation of ‘pinholes’ (carbon dioxide bubbles) in the emulsion 

(Kodak 1973). Next, the plates were fixed under interm ittent agitation (~  1 m inute-1 ) in 

Kodak Fixer for 20 minutes. The plates were then rinsed for ~  45 minutes in a wash tank 

supplied with running temperature-controlled and filtered water. Finally, any residual 

anti-halation backing was removed from the plates using a cotton swab and the plates 

were immersed in a dilute solution of Kodak ‘photo-flo’ wetting agent for a few seconds 

prior to  air-drying on an inclined (~  45°) rack. A journal of the DAO observations used 

here is presented in table 6.1.
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Table 6.1: Journal o f DAO observations o f the programme stars.

Stax - HD Plate Slicer UT date UT start JD -  
2440000

texp
(min.)

Exp. 
(103 cts)

HR7098 174567 15829 IS32B 1987 Oct 6 03:29 7074.6451 113 20.0
15830 05:50 7074.7431 185 13.3
15839 9 02:33 7077.6062 136 20.0
15842 10 02:44 7078.6140 158 20.0

HR7338 181470 16049 IS96B 1988 Aug 22 06:07 7395.7549 91 19.9

46 Aql 186122 16039 IS96B 1988 Aug 20 04:52 7393.7028 283 18.0
16042 21 04:04 7394.6694 120 19.3
16043 21 06:14 7394.7597 120 20.8
16048 22 04:03 7395.6688 107 20.0

k Cep 192907 16066 IS96B 1988 Aug 25 08:52 7398.8694 66 18.0
16067 10:00 7398.9167 63 18.0
16068 11:10 7398.9653 69 18.0

21 Peg 209459 15824 IS32B 1987 Oct 5 06:53 7073.7868 68 18.2
15837 IS96B 8 07:14 7076.8014 166 20.0
15840 9 05:32 7077.7306 200 20.0
15843 10 05:38 7078.7347 130 20.0
15854 12 07:50 7080.8264 185 13.2
16044 1988 Aug 21 08:31 7394.8549 74 19.0
16050 22 07:49 7395.8257 126 30.0

87 Psc 7374 15826 IS32B 1987 Oct 5 10:40 7073.9444 60 18.2
15834 IS96B 7 06:47 7075.7826 135 20.0
15835 09:21 7075.8896 214 17.0
15841 9 09:10 7077.8819 214 20.0
15844 10 08:06 7078.8375 134 20.0
16040 1988 Aug 20 09:51 7393.9104 101 18.5
16045 21 10:00 7394.9167 83 20.8
16051 22 10:04 7395.9194 121 21.8
16062 24 11:20 7397.9722 82 13.0

HR7143 175640 15833 IS96B 1987 Oct 7 03:15 7075.6354 143 15.2
15836 8 03:25 7076.6424 205 14.4
15846 11 02:51 7079.6188 240 11.0
15851 12 02:30 7080.6042 255 17.0

N otes for Table 6.1; All spectrograms taken using the 96-inch camera. The image slicers IS32B and 
IS96B are for the 32-inch and 96-inch cameras respectively. The Universal Time (UT) and Julian Date 
(JD) are given for the start o f exposure. texp is the exposure time in minutes and Exp. is the integrated 
exposure in arbitrary counts (see text for details).
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6.1.2 Mount W ilson Observations

Spectrograms of HR1800, HR2676, HR7775 and HR7878 were obtained over the period 

1972-80 by Dr. M. M. Dworetsky using the coude spectrograph of the Mount Wilson 2.5 m 

(100-inch) Hooker reflector (see Dunham 1956). The stars were observed using various 

combinations of the 133B (900 grooves mm-1 ) and 46B gratings, and the 73-inch and 32- 

inch Schmidt cameras (see table 6.2).

T ab le  6 .2 : Journal o f Mount Wilson observations o f the programme stars.

Star HD Plate UT date UT start JD -  
2440000

texp
(min.)

Disp.
(A mm-1)

HR7878 196426 Ce23769 1978 May 21 14:37 3650.1090 67 2.9*

HR7775 193452 Ce21652 1973 Jul 16 12:29 1880.0201 212 1.9*
Ce21656 17 14:17 1881.0951 117
Ce21658 18 10:53 1881.9535 134
Ce21708 Aug 19 09:24 1913.8917 250
Ce21721 23 08:58 1917.8736 261

HR1800 35548 Ce23964 1980 Dec 20 09:17 4593.8868 386§ 1.9*

HR2676 53929 Ce21409b 1972 Dec 24 16:06 1676.1708 13 10.4*

N otes for T ab le  6.2: * Using 133B grating, 32-inch camera and 20 fim slit. * Using 133B grating, 73-inch 
camera and 13 fim slit. * Using 46B grating, 32-inch camera and 25 fim slit. sInterrupted by cloud.

Wavelength calibration of the spectrograms is provided by a pair of comparison spectra 

produced using an iron arc in air. The photometric calibration comprises a set of twelve 

calibration strips, six exposed either side of the stellar spectrum, produced by a series of 

slits of varying apertures illuminated by a tungsten lamp through a ground-quartz screen 

(see Wilson 19696).

The spectrograms were exposed on Kodak IIa-0  emulsion hypersensitised by baking in 

nitrogen* for hours at 65 °C. Plates were developed in M W P-2 for 10 minutes prior 

to ca. 1978 and in Kodak D19 for 5 minutes thereafter. In all cases, the Mount Wilson 

‘rotating rocker’ agitator (Miller 1971) was used to ensure uniformity of development.

‘Plates were baked in dessicated air prior to ca. 1973 (Dworetsky, private communication).
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6.1.3 Palomar Observations

Spectrograms of HR2844, HR6997 and HR7361 were procured from the archives of the 

Hale Observatories by Dr. M. M. Dworetsky. The observations were originally obtained 

by Dr. G. W. Preston or colleagues using the coude spectrograph of the 5.0 m telescope at 

Palomar Observatory (see Dunham 1956). The reciprocal dispersion of the spectrograms 

is 4.5 A mm-1 .

Each spectrogram is accompanied by a pair of iron-arc comparison spectra. Photomet

ric calibration of the plates is effected through the use of a separate spectrogram exposed 

using a calibration spectrograph equipped with a ‘V ’-shaped slit (see Wilson 19696). The 

calibration thus takes the form of a continuous linear wedge spectrum. A helium discharge 

lamp exposed through a narrow rectangular slit provides the requisite wavelength identifi

cation. The spectrograms were exposed on baked IIa-0  emulsion and developed in Kodak 

D19 typically for 6 minutes. A journal of the Palomar observations used here is given in 

table 6.3.

T ab le  6.3: Journal o f Palomar observations o f the programme stars.

Star HD Plate UT date UT start JD -  
2440000

texp
(min.)

HR7361 182308 Pbl2252a 1971 Mar 8 14:15 1019.0938 2
Pbl2252b 15:20 1019.1389 60
Pbl2377a Jul 19 15:10 1152.1319 42

HR6997 172044 Pbl2410a 1971 Sep 5 07:29 1199.8118 15
Pbl2410b 07:45 1199.8229 12
Pbl2418b 6 07:22 1200.8069 9
Pbl2556c Oct 30 06:37 1254.7757 21

HR2844 58661 Pbl2434c 1971 Sep 8 15:36 1203.1500 4

6 .1 .4  SAAO  O bservations

Spectrograms of £ Oct and (3 Scl were obtained using the coude spectrograph of 1.9 m 

Radcliffe reflector at the South African Astrophysical Observatory by Dr. M. M. Dworetsky 

as part of a survey of bright southern hemisphere B6-A 1 stars conducted during 1977- 

79 (Dworetsky, Trueman & Stickland 1980; Dworetsky et a1. 1982). The observations 

were made using the coude spectrograph with the 533 mm Schmidt (‘Z’) camera and the
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600 grooves mm -1 (‘A’) grating in second order. This combination yields a reciprocal 

dispersion of 15.6 A mm -1 and a useable wavelength range of 3300-4800 A (Glass 1979). 

The projected slit width was 16 pm  and the spectra were widened to 0.5 mm.

Each stellar exposure is bracketted by a pair of iron arc comparison spectra. OfF-plate 

photometric calibrations were obtained by using the SAAO calibration spectrograph which 

yields a mean reciprocal dispersion of 61A mm -1 over a wavelength range of 3500-10 000 A. 

The calibration spectrum is exposed through a stepped aperture slit the illumination of 

which is periodically chopped with a frequency of one cycle per several seconds to simulate 

the effects of trailing.

The spectrograms were exposed on Kodak IIa-0 emulsion baked for 12 hours in ni

trogen at 62 °C and were developed in Kodak D-19 developer for 5 minutes at 20 °C. 

Calibration and stellar plates were drawn from the same batch of plate stock and were 

developed together to minimise systematic errors in the photometry. A journal of the 

observations used here is given in table 6.4.

T ab le  6.4: Journal o f SAAO  observations o f the programme stars.

Star HD Plate UT date UT start JD -  
2 440000

êxp
(min.)

£ Oct 215573 DZ4771 1979 Aug 2 01:50 4087.5764 41

(3 Scl 221507 DZ3960 1977 Nov 24 19:30 3472.3125 8

6.2 M icrodensitom etry

Originally, it had been intended tha t the photographic plates used in this project would 

be digitised using the Perkin-Elmer PDS microphotometer at the DAO. However, during 

both seasons of observing, this instrument was out of commission for purposes of refur

bishment. Regrettably, during the course of this project a similar instrument serving the 

UK astronomical community at the Royal Greenwich Observatory, Herstmonceux (Davies 

1981) was unavailable for essentially identical reasons. Therefore, the spectrograms used 

here were digitised with the Joyce-Loebl model 3CS (J-L 3CS) microdensitometer at Uni

versity College London. While the photometric accuracy of the J-L is comparable (or
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even superior) to that of a PDS, its opto-mechanical design severely constrains the rate 

at which precision microdensitometric scans may be performed (Dennison 1970). Con

sequently, time limitations precluded the digitisation of more than ~  7 cm (=  150 A) of 

the V plate of each DAO spectrogram centred on H7 . Spectrograms from Mount Wilson, 

Palomar Observatory and the SAAO were digitised in the course of previous (unrelated) 

projects by Dr. T. T. Moon and Mr. C. Beynon using the same microdensitometer with 

essentially identical techniques and settings to  those described here.

6.2 .1  The Joyce-Loebl M icrodensitom eter

The J-L 3CS microdensitometer is double-beam null-balance instrum ent with a servo- 

driven neutral density balance wedge in the reference beam. The J-L output is linear 

with optical density, and has a maximum sample density of 6D with a maximum dynamic 

range of 3D. It is normally operated in proportional drive mode for which the table speed 

is inversely proportional to the rate of change of sample optical density. At UCL, the 

J-L is interfaced to a Nova 2 mini-computer via a 10-bit analogue-to-digital (A /D ) con

verter. The Nova is equipped with a half-inch magnetic tape drive to which data from the 

microdensitometer may be written under the control of proprietary software.

6.2 .2  M icrodensitom etric Procedure

Prior to tracing, dust and particles were carefully removed from the emulsion sides of the 

plates using a photographic blower-brush, and the plate-backs were swabbed with cotton 

wool and propyl-alcohol to remove any vestigial traces of anti-halation backing. The plates 

were then mounted on a clean glass platen on the microdensitometer sample table and 

secured using spring clips at their edges; this generally afforded good focus along their 

entire length. The microdensitometer objective lens was focussed on photographic grains 

in a region of clear plate and the platen was adjusted using a rotation knob to bring the 

spectrum into alignment with the scan direction of the microdensitometer. A suitable 

neutral density wedge was selected for each plate according to its depth of exposure and 

background (fog) density. In practice, the 1.4D wedge was found to be appropriate for 

nearly all spectrograms digitised with the exception of a few ‘th in’ exposures for which 

the 0.8D wedge was used.
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The microdensitometer’s ‘prim ary’ and ‘secondary’ slits were adjusted, aligned and 

focussed. The width of the secondary slit ultimately dictates the resolution of the micro- 

densitometer; a projected slit width of 20 pm  was used for all spectrograms except those 

from SAAO for which 15 pm  was adopted. The projected height of the slit is dependent 

on the widening (or ‘height’) of the spectrum being digitised: the spectrograms used here 

were typically widened to  0.5 mm. Normally the slit height was set to be slightly less than 

the narrowest region to  be traced in order to prevent any possible contamination of the 

spectrum scan by background fog. The primary slit is a device made of red glass used to 

cut down scattered light while allowing a reasonable field of view; it was adjusted to  be 

marginally larger than the secondary slit. The pen damping control was adjusted so that 

the wedge servo was ‘critically’ damped and the zero level was set to yield ~  100-200 J-L 

units on clear plate.

The spectrograms were digitised under the control of the program r a s t e r  as described 

by Sorensen (1977). The adopted sampling interval was 5pm.  Each plate was traced in 

the sequence: lower plate background, lower comparison spectrum, stellar spectrum, upper 

comparison spectrum, and upper plate background. Each scan sequence was completed 

with a perpendicular scan across the entire plate including the photometric calibration 

strips. The photometric calibration scans were made close to the centre of the region of 

interest (in this case near H7 ).

Each scan is written to a separate file on magnetic tape at 800 BPI. The Joyce-Loebl 

tapes were transcribed from 800 BPI to  1600 BPI at the University College London Com

puter Centre and copied to hard disk at the UCL node of Starlink using a v a x / v m s  version 

of a tape-reading program called JLREAD written by Dr. S.-A. Sorensen.

6.3 D ata R eduction

6.3.1 P hotom etric  C alibration o f DAO Spectrogram s

The photometric calibration of DAO spectra was peformed using an interactive com

puter program called d a o c a l  developed by the author as part of this project. The con

struction of a photometric calibration for a spectrogram proceeds by instructing d a o c a l  

to plot the microdensitometer scan made across its photometric calibration (see figure 6 .1).
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F ig u re  6.1: The J-L microdensitometer scan across the photometric calibration o f DAO  
plate number 16042 plotted as J-L density above fog versus sample number. The hat 
region in the calibration is caused by saturation in the J-L A /D  converter. Note the 
central dip in the stellar spectrum due to obscuration by the 48-inch telescope secondary 
mirror.

‘weak' 
calibration strips

stellar
spectrum

‘strong’ 
calibration strips

0 500 1000 1500 2000 2500 3000

Sample num ber (5 jum units)

F ig u re  6 .2 : The J-L microdensitometer scan across the photometric calibration o f Mount 
Wilson plate Ce21652a plotted as J-L density above fog versus sample number. There is 
one set o f six calibration strips on either side o f the stellar spectrum. Note that the densest 
strip in each set has ‘saturated’ the J-L A /D  converter.
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F ig u re  6.3: The J-L microdensitometer scan across the photometric calibration for Palo
mar plate number Pbl2252 plotted as J-L density above fog versus sample number. This 
is an ‘off-plate’ calibration in which relative intensity in the wedge is a linear function o f 
displacement from the fiducial mark.

calibration steps

0 200 400 600 800 1000 1200 1400

Sample num ber (5 //m  units)

F ig u re  6.4: The J-L microdensitometer scan across the photometric calibration for SAAO  
plate number DZ3960 plotted as J-L density above fog versus sample number. This is an 
1off-plate’ calibration comprising 12 steps o f known relative intensity o f which 4 have 
‘saturated ’ the J-L A /D  converter in this scan.
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An interactive graphics cursor is then provided to allow the user to indicate the background 

fog density at as many points as are necessary to define its variation across the calibra

tion. These points should preferably be distant from the calibration strips or the spectra 

to avoid regions contaminated by scattered light, d a o c a l  then fits a polynomial function 

to the measured background densities which is subsequently subtracted from scan. For 

the DAO spectra reduced here, linear background functions were found to be adequate for 

this purpose, d a o c a l  can then be instructed to display the rectified scan over a sample 

range restricted to the region of the photometric calibration. A graphics cursor is provided 

to measure the mean density of each unsaturated calibration step discernible in the scan. 

Since all of the calibration steps differ by a constant of 0.2 in logarithmic intensity, they 

do not need to be identified individually and may be measured in any order without am

biguity. d a o c a l  ranks the measured step densities and assigns them relative intensities. 

Finally, d a o c a l  fits a polynomial of user-specified order to the relative intensities of the 

calibration steps as a function of measured density. The polynomial coefficients of this fit 

thus represent the relative photometric calibration for the plate being reduced, and may 

be written to a formatted library file for subsequent use. Third and fourth order polyno

mials (cubics and quartics) proved optimal for these ‘calibration curve’ fits as was verified 

by an application of the F-test to the root-mean-square residuals in various trials (see 

figure 6.5). In retrospect, some advantage might be afforded in this aspect of the calibra

tion by adopting Baker densities (Baker 1949; de Vaucouleurs 1968) since they correlate 

almost linearly with log I  (Hill Sz Adelman 1988). Such refinements will be considered for 

a later more comprehensive analysis of the DAO data obtained as part of this project.

Photometric calibration of a spectrum proceeds as follows. The lower and upper back

ground scans of the plate are read by d a o c a l  and displayed for inspection. Any data spikes 

or ‘dropouts’ (e.g., due to dust, scratches, blemishes or pinholes in the plate emulsion) 

can be identified and deleted. The background scans are smoothed by fitting polynomial 

functions of user-specified order. In this case, fourth order polynomials were generally 

found to be provide a satisfactory description of the variation of density along the plates 

as verified by an application of the F-test. Finally, d a o c a l  subtracts an averaged back

ground polynomial from the stellar spectrum scan and applies the photometric calibration 

to effect a conversion to relative intensity.
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F ig u re  6.5: The photometric calibration for DAO plate number 16042 plotted as a 
‘characteristic curve’ with J-L density above fog versus relative intensity. Measured step 
densities (open circles) and asscoiated standard deviations (error bars) are compared with 
the best-fit cubic (continuous line).

6.3.2 P hotom etric C alibration o f M ount W ilson Spectrogram s

Photometric calibrations for Mount Wilson spectrograms were derived using a program 

called c a l f i t  written by Dr. M. M. Dworetsky. CALFIT is very similar in function to 

d a o c a l  but is based on a now-obsolete Starlink graphics package called d ia g r a m  I.

The Mount Wilson photometric calibration comprises twelve calibration strips of dif

fering relative intensities, one set of six located either side of the stellar spectrum (see 

figure 6.2). Here, these are referred to as the ‘weak’ and ‘strong’ sets according to their 

relative densities—for reference, their relative intensities are given in table 6.5. The back

ground fog density and the density of unsaturated strips are measured within c a l f i t  by 

using a graphics cursor. For various reasons (Griffin 1968), the effective intensity ratios of 

the two sets differ from the ratios of their geometrical slit widths through which they are 

exposed. This is accommodated in c a l f it  by using least-squares to scale the ‘weak’ set 

into agreement with the ‘strong’ set. The scale factor is typically within 10% of unity. A 

polynomial function, usually a cubic or quartic, is fitted to relative intensity as a function
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of the measured strip density above fog. The coefficients of the fit can then be saved 

in a library file for later use by d a o c a l  in applying the photometric calibration to the 

fog-subtracted stellar spectrum scan (see §6.3.1).

T ab le  6.5: The ‘geometric’ relative intensities o f the Mount Wilson photometric calibra
tion strips.

Strip
number

Relative Intensity
‘weak’ set ‘strong’ set

1 0.262 0.336
2 0.510 0.718
3 0.902 1.262
4 1.733 2.474
5 3.509 4.980
6 7.036 9.980

N o tes  fo r T able  6.5: From Dr. M.M. Dworetsky (private communication).

6.3 .3  P hotom etric C alibration o f Palom ar Spectrogram s

Photometric calibrations for Palomar spectrograms were obtained using CALFIT. The 

Palomar photometric calibration differs from the others considered here in that it is pro

vided by a continuous linear wedge spectrum exposed on a separate photographic plate 

(see figure 6.3). The wedge is designed such that relative intensity is directly proportional 

to  displacement from its ‘acute’ end. Since the la tter is difficult to locate against the 

background fog of the plate, its position is defined with respect to the centre of an adja

cent dense fiducial mark. W ithin c a l f i t , the background fog density of the calibration 

scan is defined as usual by using a graphics cursor. The user is then prompted to indicate 

the x-coordinates of the centre of the fiducial mark, the densest unsaturated point in the 

calibration, and the extreme dense end of the wedge. These positions are used to locate 

twenty points of known relative intensity within the wedge between its start and densest 

usable point. At each of these points, a mean density is derived from the 11 closest data 

samples. A polynomial function is then fitted to relative intensity as a function of mean 

wedge density, and the coefficients saved for subsequent photometric calibration using 

d a o c a l  (see §6.3.1).
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6.3.4 Photom etric Calibration of SAAO Spectrograms

Photometric calibrations for SAAO spectrograms were obtained using c a l f i t . The cali

bration proceeds in an essentially identical fashion to that for DAO spectra (see figure 6.4). 

Note however, tha t unlike the DAO calibration steps, the SAAO calibration steps are each 

associated with a unique value of relative intensity—for reference, these data are given in 

table 6.6. The background fog density and the density of all unsaturated calibration steps 

in the scan are indicated using a graphics cursor. A polynomial function is then fitted to 

relative intensity as a function of step density above fog. The coefficients of the fit can be 

stored in library file for subsequent photometric calibration using d a o c a l  (see §6.3.1).

T ab le  6 .6 : The ‘empirical’ relative intensities o f the SAAO photometric calibration steps.

Step Relative Step Relative
number intensity number intensity

1 0.404 7 8.091
2 0.920 8 11.169
3 1.459 9 15.171
4 2.239 10 21.232
5 3.926 11 29.444
6 5.916 12 40.272

N otes fo r T able 6.6: From Glass (1979).

6.3.5 W avelength C alibration

Wavelength calibration of all spectra was performed using the Starlink software package 

FIGARO (Fuller 1989). The program ARC was used to derive the wavelength calibrations 

from both lower and upper arcs of each spectrogram by identifying lines of known wave

length in the comparison spectra. The wavelength identification charts for spectrographs 

at the Anglo Australian Observatory (Stathakis & Hunstead 1982; Schinckel et al. 1982) 

and at La Palm a (Zuiderwijk & Knapen 1989) greatly assisted this process (no equivalent 

publications being available for the other observatories). These sources were supplemented 

by the extensive tabulations of Fe wavelengths from Crosswhite (1975) and Ar wavelengths 

from Norlen (1973).

For each wavelength calibration, the optimal order of polynomial fitted was determined
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from the variation of RMS deviation with order: a particular value was adopted when no 

further significant decrease in the RMS deviation was obtained from an increase in the 

order. This procedure was checked against an F-test (Press et al. 1986) applied to typical 

spectrograms from each observatory. In practice, very little variation in optimal order was 

observed between spectrograms from the same source. The adopted polynomial orders and 

typical RMS deviations for each observatory are summarised in table 6.7. The RMS values 

give a useful indication of the upper limit on the accuracy of the wavelength calibrations.

T ab le  6.7: Adopted polynomial orders and typical RM S deviations for the wavelength 
calibrations o f the spectrograms.

Observatory Disp.
(A mm-1)

Order RMS deviation
(A)

DAO 2.4 3 0.008-0.010

Mount Wilson f 1.9 2 0.005-0.020
110.4 2 0.020-0.025

Palomar 4.5 2 0.015-0.020
SAAO 15.5 2-3 0.060-0.090

Wavelength calibration of the spectrum scans was effected using the program x c o p i  

which performs an interpolation between the polynomial fits to the lower and upper com

parison spectra. Finally, the wavelength calibrated spectra were resampled onto regularly- 

spaced wavelength grids using the program s c r u n c h .

6 .3 .6  C o - a d d i t io n

Multiple spectra of individual stars were co-added to increase their signal-to-noise ratio. 

This is a well-established technique for photographic spectra (e.g., Bonsack 1971; Stoeckley 

& Morris 1974) and has seen particular success in application to DAO spectrograms (e.g., 

Cowley & Adelman 1983; Hill & Adelman 1986; Adelman &: Lanz 1988). Many of the 

considerations discussed in chapter 2 apply here; indeed, the S /N  in these photographic 

spectra is comparable to tha t in IUE  data.

As a preparation for co-addition, multiple spectra for each star were cross-correlated 

using the program s c r o s s  and transformed to a common wavelength scale within d i p s o , 

s c r o s s  uses a Fourier technique for cross-correlation and is more suited to the analysis of 

visual region spectra than i u e x c o r  which was developed specifically for IUE  data.
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The S /N  of each spectrum was then determined using the software r a y p a r  described 

in chapter 2. The primary source of photometric noise in the spectra is due to plate 

granularity—this is ‘grain noise’. In the oversampled scans investigated here, grain noise 

is dominant at mid-range spatial frequencies (i.e., /  ~  10-20 cycles A-1 ), whereas at high 

spatial frequencies ( /  % 20 cycles A-1 ) relatively low amplitude photon/electronic noise in 

the microdensitometer dominates. This, taken with the filtering effect of the microden

sitometer scanning slit, leads to a distinctly red distribution of noise in the power spectra 

of these data. Therefore, the red-noise model described in chapter 3 was employed in 

the fourier analysis. Satisfactory results were obtained by using a sine function with a 

fixed FWHM defined by the width of the scanning slit, and by constraining the frequency 

domain of analysis ( /  < 20 cycles A-1 ).

The signal-to-noise ratios obtained for single well-exposed DAO spectrograms were 

typically ~  30-45, whereas for the other observatories (particularly SAAO) values in the 

range 20-30 were more usual. In the total density range considered here (0- 1.4D), it has 

been shown that hypersensitised IIa-0  consistently reaches S /N  ~  10-15 per 1000 pm 2 

(Furenlid, Schoening & Carder 1977; Latham 1978; Hoag, Furenlid k. Schoening 1978). 

The microdensitometer slit area for the DAO spectrograms was typically a factor of 10-13 

greater than this, so scaling by the square root of the area ratio yields expected signal-to- 

noise ratios of 30-50, in good agreement with that observed. Similar considerations apply 

to the SAAO spectra for which the somewhat narrower slit (by ~  25%) is responsible for 

the proportionally lower signal-to-noise ratio.

Weighted co-additions of multiple spectra were derived using the program a d s p e c  

(see §2.5.4). The co-added spectra were reduced to the laboratory wavelength frame by 

measuring the positions of several unblended and readily identifiable absorption lines (e.g., 

M nll A4327, Fell A4352, M nll A4365); this procedure generally proved adequate for the 

short segments of spectrum (~  200 A) reduced here. Finally, the spectra were normalised 

using the program CURSOR (see §2.5.6) by identifying regions of ‘line-free continuum’. 

Continuum regions within ±70 A of H7 line centre were avoided to minimise distortion of 

its broad shallow wings.
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6.4 Analysis

In this section, an analysis is presented of the high resolution photographic spectra de

scribed in the preceding text. Limited use is made of the relatively low resolution spectra 

from SAAO for which only the strong lines H7 , He I A4471, and Mg II A4481 could be 

detected. The single spectrogram of HR2844 was deemed of insufficient quality to provide 

the foundation for an abundance analysis and is therefore not used for that purpose here. 

The photographic spectra are used to measure projected rotational velocities using the 

techniques of line fitting and Fourier analysis. Equivalent widths are measured for all 

identifiable lines in the spectra. Classical microturbulence parameters are derived from an 

analysis of the equivalent widths of Fermone, Fell, and T ill lines. Finally, the equivalent 

widths and adopted microturbulence parameters are used to derive abundances for each 

star. These results are critically compared with values in the literature where available.

6.4.1 Line Identification

The first stage in the analysis involved identifying all of the spectral lines visible in the 

spectra. The limiting equivalent width detectable in each spectrum is critically depen

dant on the resolution, the signal-to-noise and the magnitude of rotational broadening; 

the number of lines identified for each star varies accordingly. The primary sources for 

line identifications were Moore (1945) and Reader & Corliss (1980). These compilations 

were supplemented with the extensive list of sources given by Adelman (1988a, c, d, 1989). 

G uthrie’s (1987) list of line identifications for the co-added DAO spectrum of <f> Her proved 

especially useful for establishing the principal contributors to the numerous blended fea

tures observed in the HgMn stars.

6.4 .2  Equivalent W idths

Equivalent widths were measured using the routine e w  in d i p s o . This routine uses trape

zoidal integration of the line fluxes under a cursor-defined linear continuum. The equiv

alent widths thus derived exhibited good agreement (generally to  within ± l - 2 mA) with 

those obtained in various tests by fitting Gaussian profiles using the e l f  routines within 

d i p s o . In instances where two or more lines were only partially resolved, e l f  was used to 

derive individual equivalent widths. In a rigourous treament, such cases would be resolved
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using spectrum synthesis. However, in the interests of ease and rapidity of measurement, 

synthesis calculations were reserved for a few spectral features of special interest (e.g., the 

close doublets C lI  A4267 and Mg II A4481) which are difficult to treat otherwise. Some 

of the lines measured were clearly blends for which the preliminary identification of the 

dominant contributing species was made on the basis of the oscillator strengths and abun

dances in question. The problem of blending is undoubtedly the largest source of error in 

the measured equivalent widths and it becomes particularly acute among the stars with 

higher rotational broadening (i.e., v sin i £  20km s-1 ).

The measured equivalent widths are presented in appendix C. In order to improve the 

microturbulence analysis for the superficially normal stars 21 Peg and HR7338 (see §6.4.7), 

these were supplemented with equivalent widths of Fel, Fell, and T ill lines measured 

by Sadakane (1981) from DAO spectrograms of identical dispersion to those used here. 

Systematic scale and zero-point differences between the equivalent widths derived here and 

those given by Sadakane were investigated by regression analysis of lines common to both 

studies. The following linear relationships were derived from 18 and 17 lines for 21 Peg 

and HR7338 respectively:

21 Peg: Wa(KCS) =  [0.991 ±  0.007] WA(S81) +  [0.9 ±  0.2] (mA)

HR7338: WA(KCS) =  [0.843 ±  0.023] WA(S81) + [6.6 ±  1.0] (mA)

For 21 Peg there is clearly excellent agreement between the two studies. The results 

for HR7338 show considerably greater scatter, possibly because of its double-lined spec

trum  and/or the relatively lower signal-to-noise of the single spectrogram analysed here. 

The systematic difference in the scales of the HR7338 equivalent widths might arise if 

Sadakane’s spectrograms were exposed during a period of low velocity separation of the 

components of this spectroscopic binary. This would lead to a contamination of the lines 

of the primary component by those of the secondary, and hence systematically larger 

equivalent widths than those obtained here. This hypothesis is supported by the fact 

tha t Sadakane overlooked the secondary spectrum of this star. In order to incorporate 

Sadakane’s equivalent widths into this analysis, they were transformed according to the 

relationships given above. This is not a method of ‘choice’, but rather an expedient by 

which to  overcome the paucity of data available to this study (cf. Adelman & Philip 

1990). Note that the effect of the scaling factor for the HR7338 data is largely mitigated
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by the zero-offset in the range of equivalent widths (typically 20-60 mA) extracted from 

Sadakane’s paper.

6.4 .3  Errors on Equivalent W idths

In this section, estimates of the total errors on the measured equivalent widths are obtained 

by an application of the formulae derived in appendix C.

Fractional errors on line intensities due to noise in the spectra, 07, were derived from 

the root-mean-square residuals of low-order (2-3) polynomials fitted to apparently line- 

free regions of continuum. These values varied between 0.5-3.0% for the spectra analysed 

here.

Statistical errors in the photometric calibration arise from errors in the calibration 

curve data and associated uncertainties in the best-fit polynomial function. The fractional 

errors on line intensities due to statistical errors in the photometric calibrations, ap, 

were therefore estimated from the root-mean-square residuals of the best-fit photometric 

calibration curves. The fractional error on intensity was assumed to be constant as a 

function of intensity (cf. Fossey 1990). Although some variation between spectrograms 

was observed, an average value of 2.4% was adopted for the calculations.

Systematic error in the photometric calibration is assumed to originate in a systematic 

fractional error in the slope 7 of the characteristic curve. A known source of such error 

is due to the assumption of wavelength-independence of 7 across the microdensitometer 

tracings. The photometric calibrations were derived close to H7 ; therefore, the largest 

displacement in wavelength encountered for the high resolution spectrograms would be 

~  80 A. The graph of wavelength sensitivity of 7 for IIa-0  emulsion given by Hoag (1969; 

p. 163) suggests a corresponding maximum fractional error 67 ~  1.8%.

Statistical uncertainty in the location of the continuum is due to noise in the line- 

free regions adjacent to the line profile. For a continuum fit involving N f  degrees of 

freedom, this uncertainty is approximately v i /y /N ]  (cf. Howaxth & Phillips 1986). The 

resulting systematic effects on the equivalent width measures are therefore quite small 

(AW^ & 1 mA) for the relatively high signal-to-noise co-added spectra considered here.

Systematic errors in continuum location may be due, for example, to the effect of ex

tended wings in the instrumental response function or due to the presence of undetected
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F ig u re  6 .6 : An example o f a 4.5 A segment o f synthetic spectrum containing 13 fictitious 
spectral lines (equivalent widths indicated in mA) and contaminated with 1 % random 
noise (histogram). The best fit two-gaussian plus constant continuum model is superim
posed (continuous line); the inferred continuum height is in error by —0.7 %.

absorption lines in the putative continuum regions. The effect of the instrumental profile 

on measured equivalent widths is discussed in §6.4.4 where a correction scheme is outlined 

in detail. The systematic error in continuum location due the presence of undetected weak 

absorption lines is related to the fractional noise amplitude in the continuum: the greater 

the noise amplitude, the greater the number of undetected weak lines. Experimentation 

with synthetic spectra contaminated with random noise suggests that the true error com

mitted in such circumstances is dependent on the number density per unit wavelength 

interval of vanishingly weak lines. For typical line densities of ~  3 A-1 , systematic errors 

of ^  o j / 2 can be realised. An example of such a case is illustrated by figure 6.6 where a

4.5 A segment of synthetic spectrum containing 13 spectral lines has been contaminated by 

1 % random noise. The apparent noise in the continuum is 1.15 % (the difference being due 

to the presence of the weak lines). A model comprising two Gaussian profiles plus a con

stant continuum has been fitted to the strong feature at the centre of the spectrum. The 

inferred continuum height is 0.993 ±  0.002 and thus there is a significant systematic error
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of —0.7%. If the fit is repeated on a synthetic spectrum contaminated with an identical 

noise pattern, but excluding the 11 vanishingly weak lines, the inferred continuum height 

is unity to within a fraction of its formal uncertainty. Regrettably, it is not possible to be 

more precisely quantitative than this for the general case. As an expedient, Sc = <t/ /2  was 

adopted as representative of the probable systematic error on continuum placement.

The formulae given in appendix C were used to derive the statistical uncertainty on 

measured equivalent width as a function of equivalent width for each star. N l  was esti

mated from the mean number of samples per spectral line. The effective number of degrees 

of freedom for the fit to the lo c a l continuum was assumed to be N f  ~  100 on the basis 

of the typical line-density in the photographic region for these stars. The total absolute 

uncertainty on equivalent width was found to be only very weakly dependent on equiva

lent width. Mean values were therefore adopted for each star and these are presented in 

table 6.8 together with parameters employed in their derivation. Statistical uncertainties 

in the photometric calibration and systematic errors in continuum placement proved to 

be the dominant sources of error for these calculations. For spectral lines on the linear 

portion of the curve-of-growth, the fractional uncertainties ( A W \ / W \ )  translate directly 

into uncertainties in the logarithmic abundances.

T ab le  6 .8 : The predicted mean uncertainties on equivalent widths measured from pho
tographic spectra, and the parameters used in their derivation.

Star HD AA (A) N l ° I  (%) A W X (mA)
HR7098 174567 0.01 54 0.84 2.7
HR7338 181470 0.01 36 1.76 3.2
46 Aql 186122 0.01 37 0.89 2.0
k  Cep 192907 0.01 107 1.02 5.8
21 Peg 209459 0.01 43 0.68 2.0
87 Psc 7374 0.01 96 0.54 3.4
HR1800 35548 0.01 32 2.17 3.3
HR6997 172044 0.02 73 0.80 7.0
HR7143 175640 0.01 41 0.88 2.2
HR7361 182308 0.02 37 1.32 5.5
HR7775 193452 0.01 39 1.57 3.1

Notes for Table 6.8: AA is the wavelength spacing o f points in the spectrum. N l is the mean number 
o f points in the line profiles. <ri is the fractional noise amplitude in the continuum. A W \ is the predicted 
mean uncertainty in measured equivalent widths for 0 < W\ (mA) <  100.
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6.4.4 Scattered Light Corrections

It has been recognised for some time that the characteristically broad wings in the instru

mental response functions of classical grating spectrographs lead to  systematic underesti

mates in measured equivalent widths (Griffin 1968,1969). Few observers, however, confess 

to correcting their measured equivalent widths accordingly.

Griffin (1969) investigated the effects of the instrumental profile in coude spectrograms 

taken with the 100-inch Mount Wilson reflector. He found tha t its extended wings (which 

follow approximately a AA-2 intensity law) induce a significant redistribution of ‘absorp

tion’ outside a practicable range of integration in the measurement of equivalent widths. 

Furthermore, he identified an associated depression of the local continuum. These two fac

tors combine to reduce the apparent equivalent widths of sharp absorption lines; Griffin’s 

numerical experiments with a simulated line profile indicated a typical decrease of ~  8 % 

depending, of course, on the adopted range of integration. Booth, Blackwell & Fletcher 

(1990) recently used Reticon observations to determine the instrumental profile for the 

DAO mosaic grating. They followed Griffin by investigating the effect of the instrumental 

profile on measured equivalent widths. Their numerical experiments with synthetic line 

profiles demonstrated systematic decreases of ~  6-11% on measured equivalent widths 

depending on both the adopted range of integration and continuum location.

A series of numerical experiments was conducted in order to evaluate as accurately 

as possible the effective scattered light corrections for the equivalent widths measured 

here. These experiments were based on a strong (W \ =  103mA) synthetic Fell line 

profile computed for a 12 500 K Kurucz model atmosphere by using u c l s y n . Following 

the procedure described for a similar experiment in chapter 4, the synthetic profile was 

convolved with the DAO instrumental response function as measured for second order 

spectra by Booth, Blackwell & Fletcher (1990). The pre- and post-convolution synthetic 

profiles are illustrated in figure 6.7. Rotationally broadened profiles were then derived by 

convolution with rotation functions for u s in i(k m s-1 ) £ {0,10,20,30}. Finally, for each 

value of v sin i, Gaussian random noise was added to the profiles to yield RMS amplitudes 

in the continuum of <r(%) £ {0.50,0.75,1.00,1.50}. Equivalent widths were measured 

from these synthetic profiles by following an identical procedure to that adopted for the 

‘real’ spectra.
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F ig u re  6.7: The synthetic profile o f a strong Fell line (continuous curve) compared with 
its convolution with the DAO instrumental profile (dashed line). Note the weak extended 
wings o f the convolved profile. The equivalent widths integrated over AA = ±0.4 A are 
103 and 95m A for the pre- and post-convolution profiles respectively.

The fractional systematic errors on the measured synthetic equivalent widths (taken 

with respect to the true values) are given in table 6.9. These results demonstrate that 

there is relatively little sensitivity to spectrum noise amplitude in the systematic equivalent 

width errors. There is, however, a marked decrease in the systematic equivalent width 

error with increasing vsin i. This is a consequence of the fact that the integration range 

for the equivalent widths increases with v sin i and therefore less line absorption is lost 

from the total integral. The experiments were repeated with a relatively weak synthetic 

Fe II line profile (W \ =  25 mA) to investigate the possibility of line strength dependency, 

although none was identified within the rather poorer statistics (equivalent widths were 

measured to the nearest mA).

It follows from the definition of equivalent width and the discussion of scattered light 

given in chapter 4 tha t the fractional systematic errors given in table 6.9 are equivalent 

to effective fractional scattering coefficients (5) for linearly scattered light. W ithin the
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Table 6.9: Fractional system atic errors in equivalent widths due to  scattered light in 
DAO spectra given as a function o f continuum noise amplitude and projected rotation  
velocity.

vsin i (kms-1 ) Fractional systematic error in Wx (%)
<r =  0.50% <r= 0.75% <7 =  1.00% <7 =  1.50% Mean

0 9.7 7.8 7.8 9.7 8.8
10 6.8 6.8 6.8 6.8 6.8
20 6.8 4.9 4.9 3.9 5.1
30 3.9 3.9 3.9 4.8 4.1

N otes for Table 0.9: The fractional systematic errors in equivalent width are (WJrue — VV’™ea4 )/W lrue. 
o is the fractional Gaussian noise amplitude in the continuum.

uncertainties of the analysis, the scattered light corrections are therefore 9, 7, 5 and 4 % 

for spectra with vsin i of 0, 10, 20 and 30km s-1 respectively. These results are in good 

agreement with those obtained for DAO spectra by Booth, Blackwell & Fletcher (1990). 

Following their recommendation, the measured equivalent widths given here were corrected 

for this systematic effect within UCLSYN prior to derivation of abundances and microturbu

lences (the tabulated equivalent widths given here are as measured). Identical corrections 

were applied to the Mount Wilson spectra on the grounds that Griffin’s (1969) numerical 

experiment with a simulated line profile yielded a result in agreement with that obtained 

here (for usin i = Okms-1 ) to within the errors of the analyses. For relatively weak lines 

(i.e., those on the linear portion of the curve of growth), the associated increase in inferred 

abundance is quite small (A log A ~  +0.02-0.04). However, the increase in abundance for 

saturated lines can be quite dramatic (A log A +0.5). This has im portant consequences 

for the inferred microturbulence parameter £ which will generally be increased by such 

scattered light corrections. Indeed, one of the factors which prompted this investigation 

of scattered light was the observation tha t, for the sharp-lined programme stars, unphys

ical ‘imaginary’ values of £ were required to achieve the null-correlation criterion in the 

abundance versus equivalent width diagnostic of microturbulence (see §6.4.7).

6.4.5 Spectroscopic B inarity and D ilution  Corrections

Of the programme stars investigated photographically here, HR7338 is a known short pe

riod (~  10 days) double-lined spectroscopic binary (Batten, Fletcher & MacCarthy 1989)

248



Chapter 6

and HR1800 is a long period (~  359 years) close separation 072) visual binary (Van Bies- 

broeck 1974; Baize 1981; Baize & Petit 1989) which can not be resolved at the slit of a 

ground-based spectrograph. The lines of both components of HR7338 are detectable and 

well-separated (AV «  72± 2km s-1 ) on the single spectrogram analysed here, although the 

secondary lines of this star were overlooked by Sadakane (1981) in his abundance analysis 

based on similar quality DAO spectrograms, possibly because of an unfavourable phase at 

observation. Careful inspection of the HR1800 spectrograms and microdensitometer scans 

failed to reveal evidence for the presence of any secondary lines.

Petrie (1950) obtained a magnitude difference for the components of the HR7338 sys

tem of 1™25 ±07*30 by using the ratios of equivalent widths of M gII A4481 and of the C all 

K-line in the primary and secondary spectra. The consensus of opinion on the visual mag

nitude difference for the components of HR1800 is 07*6 (Aitken 1932; Jeffers, van den Bos 

& Greeby 1963; Van Biesbroeck 1974; Baize k  Petit 1989), although (inexplicably) Baize 

(1981) cites a rather discrepant value of 07*3. The spectral types of the primary com

ponents of HR7338 and HR1800 are both B9 (Harper 1935; Hoffleit & Jaschek 1982). 

Assuming both the stars in these systems are on (or near) the main sequence, and making 

use of the spectral type-absolute magnitude calibration tabulated by Carnochan (1982), 

yields secondary spectral types of A2-A3 for HR7338 and A0-A1 for HR1800 from the 

observed magnitude differences of the components. In the case of HR7338, this spectral 

type can be checked against that estimated from the masses of the components. From 

the spectroscopic orbits derived by Harper (1928, 1935), a mean primary-to-secondary 

mass ratio of 1.6 emerges. Using the spectral type-mass calibration tabulated by Allen 

(1973; p. 209) yields a secondary of spectral type of A3, in excellent agreement with that 

estimated from the light ratio.

We now address ourselves to the absence of secondary lines in the putative A0-A1 

secondary spectrum of HR1800. Two possible explanations for this are tha t the secondary 

lines are broadened by rapid rotation (v s in i ^  100km s-1 ) or tha t they are narrow and 

coincident with those of the primary. The primary spectrum, however, is exceptionally 

sharp-lined (v sin i & 3 km s-1 ) which imposes a severe constraint on the argument for co

incident lines. To check this possibility, the expected velocity separation of the components 

of this system was derived from the orbit published by Baize (1981) under the assump
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tion of a total system mass of 6.5 M q (as appropriate for a B9 plus A1 main sequence 

pair; Allen 1973). The velocity semi-amplitude for this system is K  «  6.4 km s-1 and at 

the epoch of observation the expected velocity separation is ~  3km s_1. This value is at 

the margins of detectability on the high dispersion Mount Wilson spectrogram used here. 

However, there is no evidence of doubling or broadening of the lines in the data available. 

Comparing the spectrum with that of the sharp-lined B9p star HR7143 suggests tha t the 

primary lines of HR1800 may be diluted, although it is impossible to be conclusive on this 

m atter in view of possible abundance variations between these objects. Clearly, very high 

signal-to-noise ( S / N  100), high resolution (R  £  105) observations are required to settle 

this question.

Accordingly, the analysis presented here ignores the possible presence of a secondary 

spectrum. If the secondary spectrum is highly rotationally broadened, then the neglect of 

dilution on the primary lines will result in a factor of ~  1.6 underestimate in equivalent 

widths. This propagates into a systematic underestimate in abundance of ~  0.2 dex for 

lines on the linear portion of the curve-of-growth. On the other hand, if the secondary 

spectrum is intrinsically sharp-lined and coincident with that of the primary, then the 

equivalent widths and (in a rather ill-defined sense) the inferred abundances presented 

here will be weighted averages of those from the two components. In the ultraviolet, 

it is expected that the spectrum due to the hotter primary component of this system 

will dominate that of the cooler secondary. Thus abundances derived from IUE  data in 

chapter 7 will afford an interesting comparison with those obtained here.

The situation with regards to the spectroscopic binary HR7338 is somewhat clearer: 

equivalent widths of spectral lines due to the primary need to be corrected for dilution by 

the secondary. These corrections are straightforward to derive and take the form of the 

multiplicative factor (1 +  Fj*/F £), where Fj*/F£  is the monochromatic flux ratio of the 

secondary to primary in the wavelength range of interest. The correction factor as derived 

from Petrie’s (1950) photographically-determined magnitude difference is 1.32 ±0.09. The 

associated uncertainty on inferred abundances for the primary is therefore ±0.07 dex.
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6.4.6 Rotational Broadening

The high resolution photographic spectra afforded a good opportunity to  obtain accu

rate rotational velocities for this sample of programme stars. These were derived by 

fitting rotationally-broadened synthetic profiles to medium-strength unblended spectral 

lines. The synthetic intrinsic profiles were computed within UCLSYN for each line explic

itly under the constraint that the synthetic and measured equivalent widths were equal. 

These profiles were broadened by convolution with the instrum ental and rotation functions, 

and were fitted ‘by-eye’ to the observations. For each star, the width of the instrumental 

profile was derived by fitting Gaussian profiles to a number (typically ~  10) of unblended 

and weak (i.e., optically thin) emission lines in wavelength- and intensity-calibrated ver

sions of the comparison spectra. Typical uncertainties in the instrum ental profile widths 

for the high dispersion spectra were ~  5-10 mA; these propagate into uncertainties of 

0.35-0.70km s_1 in rotational velocity.

(km s " 1)

0 5
o 22

20

co
o 4397 4398 4399 4400 4401 4402 4403

X (A)

F ig u re  6 .8 : An example o f a typical spectral line (T ill  A4399) in the coadded DAO  
photographic spectrum o f 87 Psc (histogram) superimposed with synthetic profiles labelled 
by v sin i (continuous lines). The best-fit synthetic profile gives v sin t =  21 ±  1 1cm s-1 .

An example of the profile fitting procedure is presented in figure 6 .8; this shows the
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T ill A4399 line in 87 Psc superposed by synthetic profiles which have been broadened 

by convolution for r s in t(k m s _1) E {20,21,22}. Discrimination to within ~  ± lk m s -1 

is evidently attainable by eye, although this level of precision diminishes with increasing 

v sin i and noise amplitude. The error in v sin i due to an uncertainty of ± 1 % in con

tinuum location for this example is less than ± lk m s -1 . For significantly higher v sin i 

stars, however, uncertainty in continuum location plays an increasing dominant role. A 

number of the programme stars have rotational velocities which are potentially below the 

nominal velocity resolution of the spectrograms. In practice, it is possible to assign a spe

cific value of v sin i to these stars (rather than just upper limits) by careful profile fitting, 

although the potential accuracy attainable is limited by imperfect knowledge of the instru

mental response function. In such cases, most of the useful information is confined to the 

absorption core; systematic effects due to errors in the model atmosphere, treatm ent of 

radiative transfer and statistical equilibrium then become dominant. At the other extreme 

of the scale where the v s in i  is high, profile fitting becomes plagued by line-blending and 

uncertainties in continuum placement.

By way of comparison, rotational velocities were also derived for this sample of stars 

by using the Fourier analysis technique described in chapter 3. The SAAO spectra of 

£ Oct and j3 Scl, however, were found to be of insufficiently high signal-to-noise and 

resolution to be amenable to Fourier analysis. Rotation function transforms were fitted to 

amplitude spectra computed for the wavelength intervals AA4260-4320 and AA4360-4420 

(i.e., outside H7 ). The instrumental profile width was held fixed in these calculations 

using the values obtained from the comparison spectra. A fixed sine function envelope was 

included in the power model to account for the smearing effect of the microdensitometer 

slit. In trials in which this was allowed to vary as a free parameter, the effective slit 

widths thus derived agreed with those used in the microdensitometry to within ± 20%. 

Note that the slit widths used were generally a factor of x4 greater than the sample 

(or step) size. Therefore only one half of the Nyquist interval (i.e., that which contains 

the first lobe of the sine function) was of use for fitting a power model. Low spatial 

frequency data points ( /  & 0.5 cycles A- 1 ) were also excluded from the fits on the grounds 

that they are dominated by continuum oscillations and ‘beating’ between spectral lines 

(see chapter 3). An investigation of continuum limb-darkening at A4300 for stars in the
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F ig u re  6.9: Limb-darkening curves for LTE model atmospheres with logg = 4.0 (con
tinuous lines) and log <7 = 3.5 (dashed lines) plotted as a function o fp  = cos 6 for various 
effective temperatures as indicated.
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F ig u re  6 .10 : An example o f an amplitude spectrum (circles) and best-fit power model 
(v sin i = 20.6 ±  0.3 km  s-1 ; continuous line) for the coadded DAO photographic spectrum 
o f 87 Psc (A A4360-4420). Note the distinct presence o f sidelobes in the rotation profile 
transform at f  ~  2.7 and 4.3 cycles A~l .
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temperature range 10 000-15 000 K indicates that it defies description by the standard 

linear law; this is demonstrated clearly in figure 6.9. Unfortunately, the analytical form 

of the rotation function transform is couched in terms of the single linear parameter e for 

which it was consequently necessary to adopt a specific value. The mean value of e which 

approximately satisfies the limb-darkening curves given here was 0.6, and this was adopted 

for all calculations. Fortunately, the derived rotational velocities are rather insensitive to 

the precise value of this parameter: direct experimentation showed that an error of ± 0.2 

in € induced an error of only ±0.5 km s-1 in vsin i. This is comparable to the uncertainty 

due to errors in the instrumental profile as given above.

An example of a best-fit rotation function transform for the HgMn star 87 Psc is 

presented in figure 6.10. In this particular case, the first and second si delobes of the 

rotation function transform are quite clearly present in the data; they are well-matched 

by the model which provides a simultaneous fit with the main lobe. For spectra with lower 

signal-to-noise than that of 87 Psc, the sidelobes are not easily discernible and the vsin i 

is effectively determined from the width of the main lobe alone. Consistency between the 

values of v s m i  obtained from different wavelength regions was found to be within the 

joint formal uncertainties of the fitted functions.

The mean values of v sin i derived using the profile fitting and Fourier analysis methods 

are given in table 6.10 where they are compared with values from the literature. Internal 

consistency between the two methods of analysis is excellent being generally to within the 

joint formal errors. The external agreement is also satisfactory considering that many of 

the published values are ‘eye-estimates’ of v sin i based on somewhat lower dispersion ma

terial than exploited here. Finally, it is interesting to note that for those stars in common 

with the Fourier analysis of ultraviolet spectra presented in chapter 3 (see table 3.4), the 

agreement in derived usin* values is excellent. This provides further confirmation of the 

efficacy of the Fourier technique of v sin i determination in its application to the relatively 

low signal-to-noise and moderate resolution data offered by IUE.

6.4 .7  M icroturbulence

Microturbulence parameters were derived for each star from the equivalent widths of Fel, 

Fell, T ill, and M nll lines wherever they were sufficient in number (typically N  £  10)
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T ab le  6 .10 : The v sin i o f selected programme stars derived from photographic spectra 
using line profile fitting and Fourier analysis techniques.

Star HD v sin i (kms l )
Ref.*Profile fitting Fourier analysis Published

HR7098 174567 10.8 ± 0 .2 11.2 ± 0 .2 15 [1]
£ Oct 215573 5 ± 5 • .  . 0 [2]
HR7338 181470 2.8 ± 0 .5 3.0 ± 0 .3 < 5 [3]
46 Aql 186122 0.8 ± 0 .2 1.8 ± 0 .3 <  3 [3]
k Cep 192907 23.0 ± 0 .3 23.6 ±  0.4 25 [3]
21 Peg 209459 4.4 ± 0 .1 4.6 ± 0 .4 <  4 [3]
87 Psc 7374 20.5 ± 0 .2 20.7 ± 0 .2 <28 [4]
HR1800 35548 1.0 ± 0 .6 1.8 ± 0 .4 6 [5]
HR2844 58661 30 ± 2 32.6 ±  1.6 27 [5]
HR6997 172044 34 ± 2 33.4 ±  1.1 35 [4]
HR7143 175640 1.5 ± 0 .4 1.7 ± 0 .3 • • •

HR7361 182308 8.7 ± 0 .4 9.5 ± 0 .4 < 5 M
HR7775 193452 1 ± 1 1.3 ± 0 .3 • • •

0  Scl 221507 28 ±  1 25 W

Notes for Table 6.10: * References: [1] Ramella et al. (1989); [2] Hoffleit Sz Jaschek (1982); [3] Cowley 
(1980b); [4] Stickland & Weatherby (1984); [5] White et al. (1976).

and quality. The optimal values of the microturbulence parameters £ were determined 

by application of Magain’s (1984) method in which the correlation between line abun

dances and synthetic equivalent widths (computed for an adopted mean abundance) is 

forced to be zero (or a minimum). This technique avoids the systematic overestimation 

of microturbulence inherent in the traditional null-correlation method due to the intrinsic 

correlation between random errors in observed equivalent widths and their corresponding 

abundances. The microturbulence determinations were carried out by using the u c l s y n  

routine m a g a i n  (see chapter 5). The resulting microturbulence parameters are given in 

table 6.11.

An illustrative example of the application of Magain’s method in microturbulence 

determination is presented in figure 6.11. Here, the derived abundances for Ti II lines in the 

spectrum of 21 Peg are plotted as a function of their synthetic equivalent widths (computed 

for an adopted mean abundance) for three values of the microturbulence parameter. Best- 

fit straight lines are superposed to highlight trends in the data  (these do not form part 

of the analysis). Linear correlation coefficients are indicated for the three datasets; an 

inferred null-correlation occurs for f  = 0.3 km s-1 (not shown in this figure).
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F ig u re  6 .11 : An example o f the application o f Magain’s null-correlation method in the 
determination o f microturbulence. The derived abundances o f T ill  lines in 21 Peg (log A ) 
are plotted  as a function o f synthetic equivalent width (W \*) for three values o f micro- 
turbulence (£) and associated correlation coefficient (r) as indicated. A  null-correlation 
(r = 0) between abundance and synthetic equivalent width occurs for £ = 0.3 km s-1 (not 
shown ).

These results obtained by using Magain’s method were compared with those derived 

using the ‘classical’ null-correlation method in which the correlation between line abun

dances and observed equivalent widths is forced to be zero (UCLSYN routine TURBUL; see 

chapter 5). Typically, the classical method yielded values of microturbulence which were 

~  0.2- 0 .8 km s_1 greater than those indicated by Magain’s method. The differences were 

largest for the poorer quality equivalent widths (i.e., in cases of large scatter) in accordance 

with Magain’s (1984) assessment.

As can be seen from table 6.11, the ion-to-ion scatter in inferred microturbulence is 

quite large for some stars (e.g., k Cep and HR7143). It is difficult to  attribute this conclu

sively to either internal uncertainty (e.g., due to  the limited quantity of data employed) or 

to systematic error in the analysis (e.g., errors in the oscillator strengths, scattering correc

tion, models, etc.). Referring to the comprehensive photographic analyses of HgMn stars
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T ab le  6 .11 : The microtubulence parameters o f selected programme stars derived from 
equivalent widths o f Fel, Fell, T ill, and M n ll lines using Magain’s method.

Star HD Fel Fell Till Mnll Adopted
* N * N * N £ N

HR7098 174567 0.6 9 0.9 13 1.0 18 1.0
HR7338 181470 < 0 28 0.9 30 0.0 33 • • . 0.5
46 Aql 186122 • . • 0.0 24 0.0 21 0.0
k Cep 192907 • • • 0.0 15 1.4 10 • . - 0.5
21 Peg 209459 < 0 33 0.8 36 0.3 36 « • • 0.5
87 Psc 7374 • • • • • . 1.7 22 1.0 21 1.5
HR1800 35548 < 0 14 < 0 22 < 0 24 0.5
HR6997 172044 . . • • . • • • • • • • • # • 1.5 11 1.5
HR7143 175640 < 0 12 1.5 31 1.8 23 1.0
HR7361 182308 • • • • • • < 0 12 • . • • • • 0.0 19 0.0
HR7775 193452 < 0 8 < 0 22 < 0 34 0.0

N o tes  for T ab le  6.11: f  is the microturbulence (kms~l) derived from N lines. An upper limit of 
zero is given where the correlation between abundance and equivalent width is negative for all values of 
micro turbulen ce.

by Adelman (1988c, 1989), there is some evidence that T ill and M nll generally furnish 

larger values of microturbulence than Fel and Fell. This appears to be supported by 

the results obtained here. In the case of manganese, the desaturating effect of hyperfine 

structure is a possible explanation for this phenomenon. An alternative possibility— 

and one which is particularly attractive for the HgMn stars—is the effect of a radial 

inhomogeneity of manganese in the stellar atmospheres due to the action of radiative 

diffusion (Alecian & Michaud 1981). Alecian (1982) proposed tha t discrepancies between 

abundances inferred from manganese lines on the flat and damped portions of the curve- 

of-growth could be reconciled by either anomalously high values of microturbulence (£ £  

3 km s-1 ) or by the concentration of manganese ions in a high-lying (r0 £  10-4 ) cloud. 

Since strong microturbulence as a physical phenomenon is largely excluded as a possibility 

by reliable measurements from iron lines, the high values of £ obtained for manganese could 

be the signature of atmospheric stratification.

In a few instances, the abundance-width correlation was found to be negative for all 

real values of f , in which case a value of zero was adopted (cf. Dufton, Durrant & Durrant 

1981). It is interesting to note that such occurrences were largely confined to the sharpest- 

lined stars in the sample (i.e., HR7143 and HR7775) for which r s in i £  2 km s-1 . The
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most likely explanation of this is simply tha t the low v sin i stars are predominantly HgMn 

class members for which microturbulence is characteristically close to zero (Adelman & 

Philip 1990). Another possibility is that the scattered light corrections for the equivalent 

widths (which are largest for the sharp-lined stars) have been under-estimated leading to 

the systematic effect on the null-correlation diagnostic described earlier (see §6.4.7).

The only determination of microturbulence in the literature for any stars in this sample 

is that by Sadakane (1981). His analysis of T ill lines in HR7338 and 21 Peg yielded 

microturbulence parameters of 0.5 km s-1 and 1.0 km s-1 respectively. The somewhat lower 

value obtained here for this species can probably be attributed to the use of different 

oscillator strengths, damping constants and methods of analysis. Discrepancies of this 

magnitude are not uncommon between analyses of the same stars, even when based on 

essentially identical data (see Adelman & Lanz 1988; pp. 204-205). A corollary which may 

be drawn is that microturbulence parameters derived using the null correlation method 

are probably not known to better than ~  i l k m s -1 . The results derived here follow the 

recent downward trend in microturbulence parameters for late-B stars (Dworetsky 1986). 

Given the likely systematic errors in most classical analyses (in particular the assumption 

of LTE), such results axe probably not inconsistent with the notion that microturbulence 

does not exist as a significant aerodynamic phenomenon in this class of stars.

6.4.8 A bundances

Abundances were derived for all identified lines by using the ‘exact curve of growth’ routine 

EXACT in UCLSYN. Scattered light corrections were applied to measured equivalent widths 

prior to analysis (see §6.4.4). Microturbulence parameters were adopted from §6.4.7. 

Oscillator strengths and damping constants were taken from the sources recommended 

by Adelman & Lanz (1988; pp. 176-177) where possible. Damping constants for iron- 

group elements were taken from Kurucz’s most recent calculations (Kurucz 1990). The 

abundances derived for each line are given in appendix C (tables C .l and C.2)

In cases where a species was not detected in a given spectrum, a conservative up

per limit on its abundance was obtained by assuming a limiting equivalent width for the 

predicted strongest line. The limiting equivalent width was taken to be equal to that of 

the weakest spectral line measured in the line identification process. Only potentially in
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formative upper limits were extracted; these generally obtain from anomalously deficient 

elements rather than from those that are intrinsically inconspicuous due to the spectral 

or effective temperature range investigated or by virtue of a low cosmic abundance. Mean 

abundances and standard errors were computed for all species with two or more measured 

lines, and these are presented in tables 6.12 and 6.13. Estimated uncertainties were as

signed to abundances inferred from a single spectral line by propagating the calculated 

errors on the equivalent width (see §6.4.3). In practice, this is straightforward because the 

lines detected in these poorly represented species are usually weak and therefore on the 

linear portion of the curve of growth for which A log A  «  A W \/W \.

The derived mean abundances are now discussed on an element-by-element basis. Since 

this work constitutes the first comprehensive analysis of four of Cowley’s (19806) proposed 

superficially normal stars, particular attention will be devoted wherever possible to the 

peculiarities and anomalies in their spectra highlighted in his paper.

HR7143

0 5
6

u">
0 5
o

46 Aql

0 5
o

4265 4266 4267 4268 4269

X (A)

F ig u re  6.12: Examples o f best-fit synthetic profiles (continuous lines) for the C lI X4267 
doublet in 46 Aql and HR7143 (histograms) for which the inferred carbon abundances 
are 1.4 dex and 0.2dex sub-solar respectively. Note that the shortward component o f the 
doublet in HR7143 is contaminated by a M n ll line which is quite strong in this HgMn 
star.
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Chapter 6

6.4.8.1 Carbon

Carbon abundances were derived by synthesis of the ClI A4267 doublet. Oscillator 

strengths were taken from Wiese, Smith & Glennon (1966) and the electron impact damp

ing constant was taken from Sahal-Brechot (1969). The shortward component of this 

doublet is blended with an M nll line which is weak at solar manganese abundance but 

quite strong in the HgMn stars and was therefore included in the computations. Ex

amples of best-fit synthetic profiles for 46 Aql and HR7143 are presented in figure 6.12. 

The doublet is evidently anomalously weak in 46 Aql for which the inferred abundance 

is approximately 1.4dex sub-solar (cf. Cowley 19806). For HR7143, the inferred carbon 

abundance is only marginally sub-solar ([C/H] «  —0.2); note that the line strength ratio in 

the doublet is reversed for this Mn-rich star due to the blend in the shortward component.

05

OO

5  46 Aql<N HR7775

CO
9 10 1211 13 1514

T'„ (103K)

F ig u re  6.13: Carbon abundances plotted as a function o f effective temperature for normal 
stars (open squares), superficially normal stars (open triangles) and HgMn stars (filled 
circles). Data from this study are denoted by sidebars; all other data are from analyses o f 
Adelman and co-workers (see text). The error bars are formal standard errors except for 
upper lim its where an uncertainty o f ±0.5 dex is assumed. The solar abundance (Anders 
& Grevesse 1989) is represented by the horizontal dashed line.

W ith the notable exception of 46 Aql, the normal and superficially normal stars appear
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to have solar carbon abundances to within the probable errors of the analysis. This is in 

contrast to sub-solar carbon abundances in field B-stars which have been reported in 

previous investigations of the C II A4267 doublet (Mihalas & Henshaw 1966; Hardorp k  

Scholz 1970; Kodaira k  Scholz 1970; Kane, McKeith k  Dufton 1980). Carbon abundances 

are available for only three of the six HgMn stars investigated; these are on average 

~  0.4 dex sub-solar suggesting a mild but significant deficiency in this element with respect 

to  the normal stars. For the cool HgMn star HR7775, the inferred upper limit indicates 

an extraordinary carbon deficiency of 1.5 ±  0.5 dex. Carbon abundances from this study 

and from fine analyses of Adelman and co-workers (Adelman k  Fuhr 1985; Adelman 1989; 

Adelman k  Philip 1990; Adelman 1991) are plotted as a function of effective temperature 

in figure 6.13. The published data confirm the mild deficiency of carbon in the HgMn 

stars. It is also interesting to note that there is no evidence for a significant correlation 

between abundance and Teff in this combined dataset contrary to the results of Heacox 

(1979).

6.4.8 . 2  Magnesium

Magnesium abundances were derived primarily from subordinate Mg II lines in the wave

length range investigated. For HR6997 and HR7361, the spectra available to this study 

included the strong Mg II A4481 doublet from which abundances were derived by fitting 

synthetic spectra. This line was effectively the only feature sufficiently strong to analyse 

in the relatively low dispersion SAAO spectra of £ Oct and /? Scl for which the inferred 

magnesium abundances were 7.5 ±  0.1 dex in both cases. However, it should be noted 

th a t this line is saturated in the spectra of most late-B and early-A stars, and is therefore 

rather insensitive to variations in abundance.

The magnesium abundances derived here present a similar picture to  those of carbon. 

The normal and superficially normal stars have magnesium abundances which are approx

imately solar, although a  Lyr is notably Mg-deficient. Again, the superficially normal 

star 46 Aql is unusual in exhibiting significant magnesium deficiency of ~  1.0 dex. This 

aspect of 46 Aql is not evident in the tracing of Mg II A4481 presented by Cowley (19806), 

although it is supported by detailed analysis of UV magnesium lines as will be seen in 

chapter 7. The HgMn stars are on average ~  0.5 dex underabundant in magnesium. This
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F ig u re  6.14: Magnesium abundances plotted as a function o f effective temperature (see 
figure 6.13 for key to symbols).

result is in good qualitative agreement with the surveys of HgMn stars by Mihalas & Hen- 

shaw (1966), Heacox (1979) and Guthrie (1984). In figure 6.14, the derived magnesium 

abundances and those from Adelman and co-workers (see §6.4.8.1) are plotted as a func

tion of effective temperature. Again the published data confirm the general deficiency of 

magnesium in the HgMn stars and provide evidence, if only marginal, of more pronounced 

deficiencies at higher effective temperatures (cf. 46 Aql and HR6997).

6 .4 .8 .3  P h o sp h o ru s

Phosphorus was not observed in the normal or superficially normal stars, and was posi

tively detected in only two of the six HgMn’s. The inferred over-abundances are ~  1.6 dex 

and ~  2.0 dex for HR6997 and HR7361 respectively. Upper limits for the other HgMn 

stars are given in table 6.13, although they lie considerably above the solar abundance; 

this element is not intrinsically conspicuous in the wavelength range examined. It is in

teresting to  note that the phosphorus detections occur in the hottest of the programme 

stars. This is consistent with the positive correlation between the phosphorus anomaly

----------------------------------- A | - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - - -- - -- - -- - -- - - - - - - - - - - - - - - - - - - - - - - - -

' i  5

□ a  Lyr f
Al 46 Aql

HR6997

HR7664
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and effective temperature which is thought to be a characteristic signature of HgMn stars 

(Sargent 1964). In this regard, Cowley (19806) has shown tha t the superficially normal 

star 46 Aql betrays its association with the HgMn class by virtue of the presence of a 

strong P II A4475 line. Unfortunately this line falls outside the limited wavelength range 

investigated in this star here.

6.4.8.4 Sulphur

This element is rather poorly represented in the spectra examined here. For the HgMn 

stars HR1800 and HR7143, the relatively weak line SII A4294 was detected; the inferred 

abundances are too uncertain to draw any conclusion other than tha t they are probably 

consistent with the solar abundance of this element. Work by Adelman and co-workers 

(see §6.4.8.1) suggests tha t HgMn stars are in general very mildly deficient in sulphur 

([S/H] ~  -0 .3 ).

6 .4.8.5 Scandium

Scandium abundances for the normal and superficially normal stars are generally consistent 

with the solar value. It is interesting to note that the relatively small scandium deficiency 

in 21 Peg with respect to HR7338 found here was identified by Cowley (19806) from an 

inspection of spectrogram tracings. He suggested that on this basis 21 Peg is a candidate 

hot Am star, although there is little evidence in the abundances obtained here to support 

this contention.

In contrast to the normal stars, the HgMn stars show a considerable diversity in scan

dium abundance: 87 Psc and HR7361 exhibit overabundances of ~  1.5 dex whereas the 

inferred upper limit for HR7775 is ~  0.6 dex below solar. These results accord with the 

conclusions of Guthrie (1984); a similar pattern emerges from analyses by Adelman and 

co-workers (see §6.4.8.1) as is illustrated in figure 6.15 where the published data and those 

derived here are plotted as a function of effective temperature.

6.4.8.6 Titanium

Titanium is well-represented in the spectra of all programme stars. Among the normal and 

superficially normal stars it is noted that only 46 Aql exhibits a significant departure from
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in

9 10 12 13 1511 14

Tm  (103 K)

F ig u re  6.15: Scandium abundances plotted as a function o f effective temperature (see 
figure 6.13 for key).

solar abundance with a! well-determined enhancement of ~  0.8 dex. Titanium appears to 

be overabundant in all of the HgMn stars analysed here with enhancements which vary 

from ~  0.3 dex in HR1800 to as much as ~  1.6 dex in the case 87 Psc. These results are 

combined with those from analyses of Adelman and co-workers (see §6.4.8.1) in figure 6.16 

where they are plotted as a function of effective temperature. The hot stars analysed in 

this study (in particular, 87 Psc and HR6997) provide evidence for the existence of an 

upper envelope which is positively correlated with effective temperature in the log A-Teff 

plane. Such a correlation has not been identified previously in the literature.

6 .4 .8 .7  C h ro m iu m

For most of the normal and superficially normal stars, and for two of the HgMn sample, 

it proved possible to derive abundances from both neutral and singly ionised chromium 

lines. The agreement in abundance between the two ionisation stages was found to be 

within the joint formal errors in all but one case; thus, for these stars at least the derived 

abundances are probably sound despite the limited number of lines available to analysis.
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£  87 Psc

<N HR6997

46 Aql 5

0  a  Lyr

10 12 159 1311 14

T„, (103K)

F ig u re  6.16: Titanium abundances plotted as a function o f effective temperature (see 
figure 6.13 for key).

The derived chromium abundances are approximately solar for the normal and super

ficially normal stars, although 46 Aql is distinguished by an upper limit which is ~  0.6 

dex sub-solar. Conversely, the HgMn stars in general show chromium enhancements of 

between 0.5 and 1.0 dex, although the upper limit for HR7361 is suggestive of an abun

dance of solar proportions or less. Chromium abundances from this study and those of 

Adelman and co-workers (see §6.4.8.1) are plotted as a function of effective temperature 

in figure 6.17. The prevalence of upper limits for the chromium abundances of the hot

ter programme stars suggests that an analysis of the most prominent UV lines will be 

necessary to obtain firm detections of this element in these objects.

6 .4 .8.8 M an g an ese

Manganese is not readily detected in the normal and superficially normal stars. The 

single exception here is 46 Aql which presents a ~  1.0 dex enhancement in manganese 

with respect to the solar value. At a lower effective temperature (i.e., Teff £  11000K), 

this object would be have been designated as a ‘classic’ manganese star on the basis of
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F ig u re  6.17: Chromium abundances plotted as a function o f effective temperature (see 
figure 6.13 for key).

significantly lower dispersion spectroscopic observations than used here. This result is 

supportive of Cowley’s (19806) description of 46 Aql as a “hot, mild manganese star,” 

although it should be noted that even at moderate dispersion (e.g., 10 A mm-1 ) this star 

is apparently ‘normal’ (Dworetsky 1976).

Among the HgMn stars in the sample, manganese enhancements in the range ~  1.0-

2.5 dex are observed. Of more interest, however, is the support that these results lend to 

the proposed positive correlation between manganese abundance and effective tempera

ture (Aller 1970; Heacox 1979). This is clearly illustrated in figure 6.18 where manganese 

abundances for some 18 HgMn stars derived here and by Adelman and co-workers (see 

§6.4.8.1) are plotted as a function of effective temperature. The relatively tight correlation 

between manganese abundance and effective temperature is self-evident, although to some 

extent it is compromised by the presence of the hot, mild manganese stars 46 Aql and 

HR7664 as has been suggested previously by Cowley (19806). The existence of an upper 

envelope in the manganese abundance-effective temperature plane is now beyond dispute. 

The manganese abundance systematics in normal stars at Teff £  11 000 K, however, re-

_ _ _ □ ----------------------------------

^  a  Lyr

H e r*  * HR7143 $  87 Psc

i

HR6997

46 Aql A'
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F ig u re  6.18: Manganese abundances plotted as a function o f effective temperature (see 
figure 6.13).

main largely unexplored because the visual region proffers few sufficiently strong lines for 

analysis in these objects. This problem is addressed in chapter 7 by analysis of the UV 

resonance lines of M nll; these are sufficiently prominent to  allow reliable abundances to 

be derived for the hottest normal and superficially normal stars.

6 .4 .8 .9 I ro n

Iron abundances in the normal and superficially normal stars are quite consistently solar 

except for 46 Aql in which this element is enhanced by ~  0.6 dex. The HgMn stars 

investigated exhibit a broad diversity in iron abundances ranging from deficiencies as 

large as ~  0.8 dex in 87 Psc to mild overabundances of ~  0.4 such as in HR7361. Again, 

46 Aql finds a more appropriate niche in the spectrum of HgMn abundances than among 

the normal and superficially normal stars. Some measure of the internal consistency in 

the derived iron abundances is provided by the excellent agreement between the different 

ionisation stages observed; note in particular the exemplary cases of 46 Aql and HR7361 

where the first three stages are detected and yield mean abundances which are mutually

i£ a  Lyr

46 Aql i •  HR7664
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consistent to within their joint formal errors.

> i i i

46 Aql 

HR7664 . I
HR7361

----------

O a  Lyr

BT 1

f .  “□

f 87 Psc

1  53 Tau

10 11 12

tm  ( 103 k)

13 14 15

F ig u re  6.19: Iron abundances plotted as a function o f effective temperature (see fig
ure 6.13 for key).

The iron abundances derived here are combined with those of Adelman and co-workers 

(see §6.4.8.1) in figure 6.19 where they are plotted as a function of effective temperature; 

this figure reveals the heterogeneity of this element in the HgMn stars, particularly at 

intermediate effective temperatures (i.e., 12 000-14000 K).

6.4.8.10 N ickel

The nickel abundances and upper limits given here are largely based on a single line 

(N ill A4362) and should therefore be regarded as provisional. Among the normal and su

perficially normal stars, the results show substantial scatter with only 46 Aql standing out 

as significantly nickel-deficient (by ~  1.0 dex). Nickel is entirely absent from the spectra 

of the HgMn stars and the inferred upper limits are suggestive of a general deficiency of 

~  ld ex  for this element. The ubiquitous weakness of the nickel spectrum in HgMn stars 

is already well-established observationally (Jaschek & Jaschek 1974).
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6.4.8.11 Y ttr iu m

CD

CO

1512 139 10 11 14

Tm  (103K)

F ig u re  6 .20 : Yttrium  abundances plotted as a function o f effective temperature (see 
figure 6.13 for key).

Y ttrium  was detected in the spectra of the HgMn stars only; the inferred abundance en

hancements were found to vary between ~  2.6 and ~  3.3 dex. Note tha t the threshold for 

the detection of this element in the effective temperature and spectral range considered 

is approximately 2 dex greater than the solar abundance. A detailed investigation of y t

trium  abundances in HgMn stars by Allen (1977) suggested a positive correlation between 

abundance and effective temperature with a peak at somewhat higher Teff than predicted 

by early radiative diffusion calculations (Michaud 1970). The yttrium  abundances ob

tained here and those from investigations by Adelman and co-workers (see §6.4.8.1) do 

not support such a correlation; this is illustrated in figure 6.20.

6 .4 .8 .12 P la t in u m

The ionised platinum line A4288 lies in the wavelength range investigated here but was 

positively detected only in the cool HgMn star HR7775. Although equivalent widths of 

platinum lines have been published for many HgMn stars, quantitative analyses of these
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have hitherto been hindered by a lack of appropriate oscillator strengths and incomplete 

knowledge of the isotopic structure of these lines. Therefore, platinum abundances were 

derived here for a selection of the programme stars using published equivalent widths of 

the strong line P tII  A4046 taken from Dworetsky & Vaughan (1973) and Guthrie (1984). 

Unfortunately, neither experimental or theoretical oscillator strengths are yet extant in 

the literature for the visual region lines of this ion. Therefore, recourse was made to 

the astrophysical oscillator strengths derived by Dworetsky, Storey & Jacobs (1984) from 

an analysis of two strong UV P t II lines in the IUE  spectrum of x  Lup. Previous work 

by Dworetsky (1969) and Dworetsky & Vaughan (1973) had established tha t the isotopic 

composition of platinum in this star is dominated by the heaviest stable isotope 198P t, and 

therefore the otherwise im portant effect of isotopic desaturation could safely be neglected.

PtII A4048

196

195a

195b

196

CM o

Relative position (10- 3 cm *)

F ig u re  6.1: The isotopic and hyperfine pattern o f P tII  A4046. Each component is la
belled above by isotope number (letters denote different hyperfine components), and below 
by position in milli-Kaysers (10“3 cm~l ) relative to isotope 194. Relative intensities cor
respond to abundances in terrestrial mercury with a redistribution amongst the hyperfine 
components o f odd isotopes according to their laboratory or theoretical relative intensities.

Isotopic and hyperfine desaturation are of potential importance for P t II A4046, how

ever. Therefore, measurements of the isotopic and hyperfine splitting for this line were

272



C hapter 6

adopted from the recent interferometric work by Engleman (1989). Engleman did not tab

ulate a shift for the astrophysically im portant isotope 198P t (which comprises only ~  7 % 

of terrestrial platinum) so this was measured directly from his figure 2. The isotopic 

and hyperfine pattern for the A4046 transition is reproduced in figure 6.21. The relative 

intensities in this figure reflect the terrestrial composition of platinum taken from Hand

book o f Chemistry and Physics (1963) with a minor redistribution amongst the hyperfine 

components of the single odd isotope 195P t according to the theoretical intensity ratio.

Dworetsky (1969) and Dworetsky & Vaughan (1973) have discussed the observed wave

length shifts for stellar P t II A4046 for which they have tendered the interpretation that 

this is due to star-to-star variation in the isotopic composition of this element. In order to 

account approximately for the desaturation effect of variations in the isotopic composition 

of platinum in the programme stars, the fractionation model of W hite et al. (1976) was 

adopted. This model was originally formulated to describe the isotopic composition of 

mercury in HgMn stars and is based on isotopic abundances derived for three exception

ally sharp-lined examples of the class (HR4072, \  Lup, and i CrB). In this scheme, the 

relative abundance of an isotope A  is defined in terms of a factor a  by which it is increased 

or decreased relative to its terrestrial value as follows:

, [JV(A)/JV(194)].
[JV(A)/tf(194)]e 1 ' 1

Here, the abundances are arbitrarily reckoned in units of 194P t atoms. A family of isotopic 

mixtures for Pt-rich stars is then defined in terms of the isotopic mix param eter q thus

logo = q(A — 194) log e (6.2)

In practice, a  factors can be computed for a given value of q, normalised to unity, 

and combined with the terrestrial composition of platinum to yield the distribution of 

abundance amongst the isotopic and hyperfine components of the line. For the purposes 

of performing spectrum synthesis calculations, it is convenient to compute an effective /  

value for each component by weighting the total /  value for A4046 by the component’s 

relative abundance.

A (Teff = 11500K, logy =  4.0) Kurucz model atmosphere was adopted as being repre

sentative of the small group of Pt-rich stars analysed here. Using this model and assuming 

zero microturbulence, a family of synthetic profiles was computed for A4046 for various
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F ig u re  6.22: Centroid wavelength (Xc) versus equivalent width (W \) for the P tII  A4046 
line in selected HgMn stars from Dworetsky Vaughan (1973) and Guthrie (1984). The 
continuous lines are contours o f constant isotopic m ix parameter (q) and constant platinum  
abundance (log A) for a (Teff =  11 500-K", logy = 4.0̂ ) Kurucz model. The open symbols 
represent 46 Dr a A  and B.

values of q and total platinum abundance. From these, centroid wavelengths (Ac) and 

equivalent widths (W \ ) were calculated by numerical integration, and used to construct 

the Ac versus W \ diagram illustrated in figure 6 .22. Note how the centroid wavelength of 

the A4046 feature increases with increasing q; for q = 3.0, the feature is almost entirely 

dominated by a single component due to the heaviest isotope 198Pt. The curvature of 

the iso-abundance contours above 5.0 dex illustrates the importance of isotopic desatura

tion on this line. This figure also shows how the range of centroid wavelength becomes 

increasingly constrained with increasing equivalent width due to saturation effects.

The observed centroid wavelengths and equivalent widths of A4046 in the Pt-rich stars 

have been superposed on figure 6.22. Approximate values of q were derived from this figure 

directly; these are given in table 6.14. Note that there is only one star (x  Lup) which 

lies significantly above the limiting centroid wavelength of 4046.528 corresponding to pure 

198Pt; this may be due to either an underestimated uncertainty in Ac or an unaccounted
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Table 6.14: Platinum abundances derived from PtII  A4046.

Star HD 9 Wx (m A ) Ac -  4046 (A ) logA(Pt) Ref.*
<f> Phe 11753 0.75 ± 0.25 25 0.492 ±0.005 5.46 ±0.01 [1]
HR1800 35548 3.00 ±0.25 20 0.532 ±0.007 5.60 ±0.01 f l l
HR4072 89822 1.00 ±0.25 54 0.496 ± 0.004 6.06 ±  0.04 [11
X Lup 141556 3.00 ±  0.25 32 0.535 ±0.006 5.83 ±0.01 [11
i CrB 143807 1.00 ±0.25 18 0.502 ±0.007 5.36 ±  0.03 [11
28 Her 149121 2.50 ±0.50 40 0.520 ±0.005 6.41 ±0.15 [11
HR7775 193452 1.25 ±0.25 65 0.500 ±0.005 6.57 ±0.07 [21
(3 Scl 221507 3.00 ± 0.25 20 0.544 ±0.009 5.61 ±  0.01 [23

N otes for Table 6.14: q is the adopted dimensionless isotopic mix parameter and estimated error from 
figure 6.22. W \ is the measured equivalent width and Ac the centroid wavelength o f Pt I I  A4046. log 4(Pt) 
is the inferred platinum abundance and error corresponding to quoted uncertainty in q. * References for 
sources o f the observational data: [1] Dworestky & Vaughan (1973); [2] Guthrie (1984).

blend on the redward wing of A4046. Accurate platinum abundances were then derived 

for each star individually using the iterative synthesis routine in u c l s y n ; these results are 

presented in table 6.14.

The inferred platinum abundance for HR7775 is an extraordinary 4.8 dex greater than 

the solar value. This result is in excellent agreement with that obtained from IUE  obser

vations of the P tII resonance line by Dworetsky, Storey & Jacobs (1984).

6 .4 .8 .13 M e rc u ry

The wavelength range examined in this study encompasses the neutral mercury line A4358 

which was observed in the cool HgMn stars HR1800 and HR7775. The inferred merucry 

abundances for this line are approximately 5 dex greater than the solar value. Unfortu

nately this line is intrinsically weak in the hotter HgMn stars and consequently the upper 

limits derived are not especially informative. However, the Hg II A3894 line was detected 

in visual inspections of the spectrograms (the undigitised U-plates) of all of the HgMn 

stars. Leckrone (1984) has demonstrated the importance of isotopic, hyperfine, and micro- 

turbulent desaturation in the analysis of A3984. Many published abundance analyses (e.g., 

those of Adelman) ignore these considerations; hence there is need for a careful review of 

abundances in the literature.

Accordingly, mercury abundances were derived for a selection of HgMn stars in the 

programme by using published equivalent widths of Hg II A3984 and Hg I A4358. Oscillator
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strengths for both lines were taken from Dworetsky (1980). Radiative damping was as

sumed using the published lifetimes of the energy levels concerned. For A3984, the Stark 

damping parameter was derived from the electron impact full-width of 0.39 cm-1 mea

sured by Murakawa (1940) whereas for the neutral line A4358, an approximate value was 

computed using the formula of Fraudenstein & Cooper (1978).

The singly ionised line A3984 was treated as a blend of nine isotopic and hyperfine 

components using the relative positions and intensity ratios given by White et al. (1976). 

In order to account for star-to-star variations in the isotopic composition of mercury, the 

White et al. fractionation model described earlier was adopted. For mercury, the relative 

abundance factors a  were reckoned in units of 202Hg atoms. Isotopic mix parameters were 

taken from W hite et al., except in the case of 28 Her for which a value was estimated 

by reference to their figure 5 making use of the centroid wavelength for A3984 given 

by Guthrie (1984). Atomic desaturation mechanisms are probably less im portant for 

the neutral mercury line A4358 since no published analyses of this line appear to report 

wavelength shifts or variations in stellar spectra; these were therefore neglected in this 

work.

The observed equivalent widths and inferred mercury abundances for the stars analysed 

are presented in table 6.15. Uncertainties on the q parameters were estimated from figure 6 

of W hite et al. and propagated into the abundances. Errors in the q parameters clearly 

become im portant for extreme isotopic mixtures and for larger equivalent widths (cf. 

figure 5 of White et al. 1976). Agreement between the neutral and singly ionised lines is 

good where both are observed in the same star. This is in accordance with the findings 

of Dworetsky (1980) and supports his assertion that the metastable level (6s2 2D5/ 2) from 

which A3984 originates is not overpopulated. The mean mercury abundance for the 17 

HgMn stars with positive detections is 6.08 ± 0 .45dex (s.d.). As can be seen in figure 6.23, 

mercury abundances are not significantly correlated with effective temperature contrary 

to the conclusions of Cowley & Aikman (1975).

6.4.9 D iscussion

The derived elemental abundances for the stars examined here are broadly in agreement 

with their spectroscopic classifications as normal, superficially normal and HgMn class

276



C hapter 6

Table 6.15: Mercury abundances derived from Hgll A3984 and Hgl X4358.

Star HD Q Hg II A3984 Hgl A4358 Refs.*
Wx (mA) log A ^ ( m A ) log A

87 Psc 7374 » • . < 4 < 6.2 [1]
<j> Phe 11753 +1.9 ±0.4 25 5.33 ±0.10 [2]
p Lep 33904 - 0.1 ± 0.1 106 6.17 ±0.03 5 6.29 [3]
HR1800 35548 + 1.2 ± 0.1 84 6.29 ±0.07 11 6.22 [2],[1]
HR2844 58661 - 0.2 ± 0.1 144 6.71 ±  0.03 [2]
v Cnc 77350 +1.5 ±0.3 32 5.42 ±0.11 [4]
k Cnc 78316 +0.3 ±0.1 85 5.82 ±0.01 [3]
HR4072 89822 +1.5 ±0.1 93 6.32 ±0.05 17 6.13 [5]
X Lup 141556 +3.0 ±0.6 55 6.07 ±0.05 12 6.00 [5]
i CrB 143807 + 1.0 ± 0.1 70 6.10 ±0.06 5 5.76 [4]
v Her 144206 +0.9 ±0.1 118 6.46 ±0.07 • • . • • • [6]
<t> Her 145389 +1.4 ±0.2 67 6.26 ±0.13 3 5.72 [7]
28 Her* 149121 +3.0 ±0.6 30 5.78 ±0.12 [7]
HR6997 172044 -0.2 ±0.3 132 6.33 ±0.09 • • • • • • [2]
112 Her 174933 +0.9 ±  0.1 82 6.18 ±0.06 • • • • • • [2]
HR7143 175640 • .  • • • • • • • < 3 < 5.8 [1]
HR7361 182308 - 0.1 ± 0.1 113 6.15 ±  0.03 • .  . • • • [2]
HR7664 190229 +0.5 ±0.2 47 5.20 ±0.03 • . . • • • [7]
HR7775 193452 • • • • .  • • • • 9 5.99 [1]
(3 Scl 221507 + 1.1 ± 0.1 118 6.80 ±  0.08 [2]

N otes  for T able  6.15: q is the adopted dimensionless isotopic mix parameter and estimated uncertainty 
from White et al. (1976); W\ is the measured equivalent width; Ac is the centroid wavelength; and log A is 
the inferred abundance and error corresponding to the cited uncertainty on q. *References for equivalent 
widths: [1] This work; [2] White et al. (1976); [3] Adelman (1987); [4] Adelman (1989); [5] Dworetsky 
(1971); [6] Adelman (1984c); [7] Adelman (1988d). *q determined from centroid wavelength given by 
Guthrie (1984) by using figure 5 of White et al. (1976).

members, although little distinction between the former two sub-groups was identified 

in this restricted study. An extraordinary exception to this conclusion is the nominally 

superficially normal star 46 Aql. This star exhibits pronounced deficiencies of carbon, 

magnesium and chromium, and mild enhancements of titanium , manganese and iron. The 

equivalent width of He I A4471 in this star as measured by Cowley (19806) is ~  140 mA; 

according to the theoretical calculations of Norris (1971), this implies a helium deficiency 

of significantly greater than a factor of two. Cowley’s identification of strong P I I  lines in 

its spectrum is suggestive of a significant overabundance of phosphorus. Finally, visual 

inspection of the DAO spectrograms of 46 Aql used in this study reveal the presence of a 

weak but detectable Hg II A3984 line.

In many respects, the abundance pattern elaborated here establishes 46 Aql as an
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F ig u re  6.23: Mercury abundances plotted as a function o f effective temperature (see 
figure 6.18).

example of a mild HgMn star. Observationally, objects such as 46 Aql are inconspicuous 

because they are distinguished as much by elemental deficiencies as by line strength en

hancements (cf. A Boo stars: Baschek & Searle 1969; Baschek & Slettebak 1988). The 

gross underabundances of carbon and magnesium in this star are atypical of the HgMn 

stars in general, but not unprecedented in this highly heterogenous class (e.g., HR7775 

and HR7664 respectively).

The possible existence of mild HgMn stars as a significant sub-group of the main class 

(rather than as a few ‘pathological’ cases) will be explored further in chapter 7; available 

data already suggest 23 Cas (Cowley 19806) and HR7664 (figure 6.18) as candidate mem

bers. The reality of such a sub-group may have im portant implications for diffusion theory 

as the proposed explanation of the anomalous atmospheric compositions of these stars.

6.5 Sum m ary and Conclusions

The primary objective of this chapter has been to establish some basic atmospheric data for 

a small selection of the programme stars which have hitherto seen relatively little detailed
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attention in the literature. These data include projected equatorial rotational velocities, 

microturbulence parameters, and the abundances of some astrophysically im portant el

ements. Although these results were originally intended simply to facilitate subsequent 

analysis of the more challenging UV spectra, they are of a sufficiently high quality to 

provide an informative picture of the nature and compositions of these stars in their own 

right.

Rotational velocities were obtained by traditional line profile fitting and by an appli

cation of the Fourier analysis technique described in chapter 3. The resulting u s in i were 

shown to be mutually consistent to within the formal uncertainties of the analysis. Ex

ternal agreement with vs in i values from IUE  spectra (see chapter 3) and from published 

work was found to be satisfactory.

Microturbulence parameters were derived for each star from up to four atomic species 

by application of the null-correlation method as modified by Magain (1984). Systematic 

internal inconsistencies between the microturbulence parameters derived from iron, tita 

nium, and manganese were identified. These were tentatively attributed to possible scale 

errors in the adopted oscillator strengths. However, in the case of manganese, the system

atically high values of microturbulence are also consistent with Alecian’s (1982) scenario 

of a concentration of Mn ions high in the atmospheres of HgMn stars. For most of the 

stars examined, and in particular those of the HgMn class, the inferred microturbulence 

parameters are low by main-sequence standards. These results are consistent with the hy

pothesis tha t, by necessity, microturbulence does not exist as a significant hydrodynamic 

phenomenon in stars which undergo diffusive separation of elements in their atmospheres.

Abundances were derived for all elements detected in the co-added spectra, the sys- 

tematics of which were discussed in detail. In particular, by combining results from this 

study with those from recent fine analyses in the literature, it was demonstrated that the 

light elements carbon and magnesium are mildly deficient in HgMn stars, and tha t there 

is now strong evidence for the existence of a previously unidentified positive correlation 

between titanium  abundance and effective temperature. The positive correlation between 

manganese abundance and effective temperature proposed by previous investigators was 

confirmed by the results obtained here.

The isotopic fractionation model proposed for mercury in HgMn stars by White et
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al. (1976) in their study of H gll A3984 was applied with modification in an analysis of 

published data for P tII  A4046. The results obtained support the hypothesis advanced 

by Dworetsky & Vaughan (1973) that platinum undergoes isotopic fractionation in the 

cooler HgMn stars. Although the platinum abundances derived here represent a signifi

cant improvement over the coarse estimates presented by previous investigators, they are 

dependent on an astrophysical /-value for A4046. An experimental or theoretical deter

mination of this oscillator strength and those of other prominent visual region platinum 

lines is therefore highly desirable.

The abundance analysis presented in this chapter has highlighted in particular the 

compositional connection between the superficially normal star 46 Aql and the HgMn class, 

and pointed to the possible existence of a hitherto poorly studied group of mild HgMn 

stars. That these stars appear to be characterised as much by underabundant elements as 

by overabundant ones provides motivation for the analysis of strong UV resonance lines 

of optically unobservable species detailed in the subsequent chapters.
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A nalysis o f U ltraviolet Spectra

In this chapter, a detailed abundance analysis of the programme stars is presented based 

on short- and long-wavelength high resolution IUE  spectra. Abundances are derived by 

fitting synthetic spectra to features of interest. Seventeen elements are investigated with 

particular emphasis on those which are poorly represented in the visual region. In this 

respect, the strong UV resonance lines of a number of species are demonstrated to be 

effective probes of atmospheric abundance. The chapter concludes with an investigation 

of the possible sources of error in the derived abundances.

7.1 Introduction

The objective of this chapter is to carry out a detailed analysis of the ultraviolet spectra 

(AA1150-3250) of the programme stars, the reduction and preliminary analysis of which 

were described in chapters 2 and 3 respectively. This wavelength region is extraordinarily 

rich in spectral lines, although due to the limited resolution and signal-to-noise of IUE  

spectra, only the stronger examples (W \ ^  20 mA) are amenable to analysis here. In this 

work, seventeen elements are investigated: Be, B, C, N, Mg, Al, Si, Cr, Mn, Fe, Co, Ni, 

Cu, Zn, Ga, P t, and Hg. For most of these elements, IUE  provides access to the strong 

resonance lines of the singly- and (sometimes) doubly-ionised stages. These resonance 

lines offer a number of advantages as indicators of atmospheric elemental abundances: (1) 

they are often sufficiently strong that they can be detected even in elements which are 

either underabundant in a particular star, or cosmically rare; (2) their sensitivity to con
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tamination by blending features is minimal; and (3) their atomic data (e.g., wavelengths, 

transition probabilities, radiative and collisional damping parameters) are generally well- 

determined. Resonance lines are therefore the principal subject of interest in this study, 

although other low excitation lines are also analysed for some of the species investigated.

The atmospheric parameters and related quantities adopted for the programme stars 

in this analysis are listed in table 7.1. The effective temperatures and surface gravities 

were taken from chapter 4 and are quoted to the nearest 50 K and 0.05 dex respectively 

since higher precision is not justified by the data. The projected equatorial rotational 

velocities are mostly mean values from chapters 3 and 6; these were supplemented by 

values given in recent high-dispersion analyses in the literature wherever necessary. Most 

of the microturbulence parameters originate from published fine analyses or from chap

ter 6, although for some stars it was necessary to make recourse to estimates from an 

analysis of the iron abundances presented in this chapter (§7.11). These values were ob

tained by application of Magain’s null-correlation method to equivalent widths derived 

from the best-fit synthetic Fell line profiles (see Magain 1984; chapter 6). In contrast to 

the usual situation encountered in the derivation of microturbulence, the weakest lines in 

this analysis were strong enough to be on the saturated portion of the curve of growth 

and therefore sensitive to £; these were used to determine the microturbulence parameter 

by reference to strong lines on the damping region of the curve of growth for which the 

^-dependence was negligible. The resulting £ values are given in italics in table 7.1 where 

they are quoted to the nearest 0 .5km s_1. These microturbulence parameters lie in the 

range 0-2 km s-1 which appears to be typical of those programme stars for which detailed 

visual region analyses are available.

Elemental abundances were determined by fitting synthetic spectra to the observations. 

These calculations were performed by using the spectrum synthesis program UCLSYN in 

conjuction with solar metallicity model atmospheres computed with Kurucz’s code a t l a s 6  

(see chapter 5). Note that, although the Tefr and logg values listed in table 7.1 were 

adopted for the model atmosphere calculations, it was necessary to assume £ = 2 k m s_1 

for the line-blanketing opacity because opacity distribution functions for other values of 

microturbulence were not available during the course of this work. The primary sources of 

atomic data adopted for blending lines were the compilations of semi-empirical transition
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Table 7.1: A dopted atmospheric parameters and related quantities for the programme
stars.

Star HD Tefr logy Ref.* v sin i Ref.*
(K) (k m s'1) (kms” 1)

Normal Stars
7T Cet 17081 13250 3.80 0.0 [1) 25 [3]
134 Tau 38899 10850 4.10 1.6 (1) 30 [3]
0 Leo 97633 9350 3.65 1.8 [2] 24 [3]
r Her 147394 15 000 3.95 0.0 [2] 32 [3]
C Dra 155763 12900 3.90 2.5 [3] 34 [3]
a  Lyr 172167 9450 4.00 2.0 [4] 24 [3]
HR7098 174567 10200 3.55 1.0 [3] 11 [3]
21 Aql 179761 13000 3.50 0.2 [1] 17 [3]
v Cap 193432 10 300 3.90 1.6 [1] 27 [3]
£ Oct 215573 14050 3.85 0.5 [3] 5 [3]

Superficially Stars
HR7338 181470 10 250 3.75 0.5 [3] 3 [3]
46 Aql 186122 13 000 3.65 0.0 [3] 1 [3]
k Cep 192907 10 350 3.65 0.5 [3] 23 [3]
HR7878 196426 13050 3.85 1.0 [3] 6 [9]
21 Peg 209459 10450 3.50 0.5 [3] 4 [3]

HgMn Stars
87 Psc 7374 13150 4.00 1.5 [3] 21 [3]
<j> Phe 11753 10700 3.80 0.5 [3] 13 [10]
53 Tau 27295 12 000 4.25 0.0 [2] 5 [11]
p Lep 33904 12 800 3.85 0.0 [2] 18 [11]
HR1800 35548 11050 3.80 0.5 [3] 1 [3]
33 Gem 49606 14400 3.85 0.5 [3] 22 [3]
HR2676 53929 14050 3.60 1.0 [3] 30 [3]
HR2844 58661 13460 3.80 0.5 [3] 30 [3]
v Cnc 77350 10400 3.60 0.1 [6] 13 [6]
k  Cnc 78316 13500 3.80 0.0 [2] 6 [11]
36 Lyn 79158 13 700 3.65 2.0 [3] 49 [3]
HR4072 89822 10500 3.95 1.1 [7] 2 [12]
X Lup 141556 10750 4.00 1.0 [7] 2 [12]
i CrB 143807 11000 4.00 0.2 [6] 5 [6]
v  Her 144206 12000 3.80 0.6 [1] 11 [10]
HR6000 144667 14000 4.30 1.5 [3] 15 [13]
<f> Her 145389 11650 4.00 0.4 [8] 10 [8]
28 Her 149121 11000 3.80 0.0 [8] 8 [8]
HR6997 172044 14500 3.90 1.5 [3] 34 [3]
112 Her 174933 13450 4.15 0.0 [3] 5 [10]
HR7143 175640 12100 4.00 1.0 [3] 2 [3]
HR7361 182308 13650 3.55 0.0 [3] 9 [3]
HR7664 190229 13200 3.60 0.8 [8] 8 [8]
HR7775 193452 10 800 3.95 0.0 [3] 1 [3]
/3 Scl 221507 12400 3.90 0.0 [3] 27 [3]

N otes for T able 7.1: Tefr and log g adopted from chapter 4. £ values given in italics are estimates from 
UV Fell lines (see §7.JJ). * References: [1] Adelman & Fuhr (1985); [2] Adelman (1988c); [3] This work; [4] 
Gigas (1986); [6] Adelman (1989); [7] Dworetsky & Coates (private communication); [8] Adelman (1988d); 
[9] Cowley (1980b); [10] White et al. (1976); [11] Adelman (1987); [12] Dworetsky (1971); [13] Castelli et 
al. (1985); [14] Adelman (1988c).
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probabilities by Kurucz & Peytremann (1975) and Kumcz (1990). The abundances of the 

blending species were initially adopted from published visual region studies (see references 

for £-values in table 7.1). To ensure internal consistency, analyses of the spectroscopically 

dominant elements iron and manganese were carried out first, and iterated through one 

cycle. As the investigation proceded, the abundances derived for successive elements were 

adopted as the default values for subsequent calculations. The abundance analyses carried 

out for each of the seventeen elements listed above are described in detail in the sections 

which follow.

7.2 Beryllium

7.2.1 Introduction

This element has been the subject of considerable attention in HgMn stars. The resonance 

lines of Be II at A A3130, 3131 were reported to be very strong in the spectra of four out ten 

HgMn stars surveyed by Sargent, Searle & Jugaku (1962). They estimated that beryllium 

was present at approximately 100 times the solar abundance in k Cnc, 112 Her, /i Lep and 

v  Her. Boesgaard & Heacox (1973) derived an abundance enhancement of a factor of 180 

for k Cnc. Heacox, Wolff & Boesgaard (1976) reported detecting the beryllium resonance 

doublet in 70 % of a sample of 32 HgMn stars observed photographically at a dispersion 

of 6 .7 A mm-1 . They found no significant correlation between Be abundances derived in 

LTE and effective temperature or rotation velocity; this led them to the conclusion tha t 

slow rotation was neither a sufficient nor necessary condition for the development of large 

overabundances of beryllium.

In an analysis of 21 HgMn stars, Heacox (1979) derived beryllium abundance enhance

ments as large as 4 dex. He indicated a possible correlation between the occurrence of 

gross overabundances of beryllium and those of manganese in these stars. Sadakane & 

Jugaku (1981) made use of high resolution IUE  spectra to survey the Bell resonance lines 

in 10 early-type peculiar stars included amongst which were five of the HgMn class which 

all yielded positive detections.

Boesgaard et al. (1982) presented a comprehensive analysis of photographic observa

tions of the Bell resonance doublet in 43 HgMn stars. They showed that, relative to
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an analysis based on non-LTE line formation and model atmospheres, conventional LTE 

calculations can lead to overestimates of abundance by factors of 2-4 at most. They found 

th a t most HgMn stars investigated exhibited very enhanced B ell resonance lines, and 

th a t those stars in which they were weak were preferentially the coolest in their sample. 

They concluded tha t this behaviour is compatible with diffusion of Be+ ions in stable 

stellar atmospheres (Borsenberger, Michaud & Praderie 1984), although under the control 

of factors other than just stellar rotation.

Most recently Sadakane, Jugaku & Takada-Hidai (1985) surveyed the B ell resonance 

lines in the IUE  spectra of 25 HgMn stars. They found that for only one half of the sample 

of HgMn stars they examined was the joint behaviour of beryllium and the light element 

boron in qualitative agreement with that predicted by diffusion theory (i.e., enhanced 

Be, and weak or non-existent B: Borsenberger, Michaud &: Praderie 1979, 1984); the 

remainder of their sample exhibited various other combinations of weak and strong Be 

and B. Furthermore, they were unable to identify any systematic differentiation in the 

behaviour of their sample stars in the Tcff-\ogg plane. They concluded that the observed 

diversity in the abundances of Be and B in HgMn stars can not be explained by the 

‘parameter-free’ diffusion model (Michaud 1981). However, Borsenberger, Michaud & 

Praderie (1984) have indicated how hydrodynamical effects such as turbulence and mass- 

loss can modify the simplistic picture presented by the parameter-free model.

Despite the extensive history of study of the B ell resonance doublet in HgMn stars, 

it was considered worthwhile re-evaluating the abundances obtained by previous authors. 

The analysis presented here takes advantage of relatively higher quality coadded spectra 

(see chapter 2), carefully evaluated atmospheric parameters (see chapters 3 and 4), and 

recently-published atomic data (Kurucz 1990).

7.2 .2  A nalysis o f Be II AA3130, 3131

Beryllium abundances were derived for the programme stars by fitting synthetic spectra 

to the Bell AA3130, 3131 resonance doublet. Both lines of the doublet were fitted simulta

neously, but their abundances were allowed to vary independently. Oscillator strengths for 

the resonance lines were derived from the transition probabilities given by Wiese & Martin 

(1980) who estimate their uncertainties to be within 10 % (i.e., ~  ±0.04 dex in abundance).
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F ig u re  7.1: Examples o f best-fit synthetic spectra (continuous lines) for the beryllium 
resonance doublet B e ll XX 3130, 3131 in the co-added IUE spectra o f selected programme 
stars (histograms). The abundances o f the beryllium lines have been optimised individu
ally to fit the observed spectra.

The radiation damping constants for each line were set equal to the transition probabilities 

for the upper levels. The quadratic Stark damping constant was derived from the electron 

impact half-widths computed by Griem (1974). Examples of the beryllium resonance 

doublet and best-fit synthetic spectra are given in figure 7.1.

The abundances derived from each component of the resonance doublet are presented 

in table 7.2 where they are compared with results taken primarily from the analyses of 

Boesgaard et al. (1982) and Sadakane, Jugaku h  Takada-Hidai (1985). For many stars, 

including all of those in the normal and superficially normal classifications, only upper 

limits on the beryllium abundance could be assigned. A distinct tendency for the longward 

component of the doublet to yield relatively higher abundances was noted. This is possibly 

attributable to an unaccounted blend; the poor reproduction of many of the features in 

this spectral region is indicative of rather incomplete atomic data. Mean abundances and 

standard errors were computed for each star for which both lines were positively detected, 

otherwise the lowest upper-limit was adopted for subsequent analysis. A conservative
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Table 7.2: Beryllium abundances derived from the UV resonance lines of Bell.

Star HD Beryllium abundance
Ref.*A3130 A3131 Adopted* Pub.T

Normal Stars
7r Cet 17081 < 2.5 < 2.0 < 2.0 ± 0 .5 < 2.4 [1]
134 Tau 38899 < 2.0 < 2.0 < 2.0 ± 0 .5
8  Leo 97633 < 2.0 < 2.0 <  2.0 ± 0 .5 • • • • • •

r Her 147394 < 3.5 < 3.5 <  3.5 ± 0 .5 <  2.0 [1]
C Dra 155763 < 2.5 < 2.5 <  2.5 ± 0 .5 <  2.0 [1]
oc Lyr 172167 < 1.5 <  1.5 <  1.5 ± 0 .5 <  1.3 [1]
HR7098 174567 < 2.0 < 2.0 <  2.0 ± 0 .5 • • i

21 Aql 179761 < 2.0 < 2.5 < 2.0 ± 0 .5 • • •

v  Cap 193432 < 2.0 < 2.5 < 2.0 ± 0 .5 <  2.9 [1]
£ Oct 215573 < 1.5 < 2.0 < 1.5 ± 0 .5

Superficially Normal Stars
HR7338 181470 < 2.0 < 2.5 < 2.0 ± 0 .5 <  2.3 [1]
46 Aql 186122 < 2.5 < 2.5 < 2.5 ± 0 .5 2.5 [1]
k  Cep 192907 < 3.5 < 3.5 <  3.5 ± 0 .5 » » •

HR7878 196426 < 2.0 < 2.5 <  2.0 ± 0 .5 •  » • . . .
21 Peg 209459 <  2.0 <  3.0 < 2.0 ± 0 .5 <  2.3 [1]

HgMn Stars
87 Psc 7374 < 2.0 <  2.0 <  2.0 ± 0 .5 < 4.4 [1]
<t> Phe 11753 < 2.0 <  2.5 <  2.0 ± 0 .5 • . •

53 Tau 27295 < 2.0 < 2.5 < 2.0 ± 0 .5 <  1.6 [1]
H Lep 33904 3.5: 4.0: 3.7 ± 0 .3 4.1 [1]
HR1800 35548 4.0 5.2 4.6 ± 0 .6 4.8 [2]
33 Gem 49606 5.0: 6.0 5.5 ± 0 .5 5.3 [1]
HR2676 53929 3.0 • • • < 3.0 ± 0 .5 < 2.3 [1]
HR2844 58661 < 2.0 < 2.0 < 2.0 ± 0 .5 < 2.5 [1]
v  Cnc 77350 < 2.0 < 2.5 <  2.0 ± 0 .5 < 1.8 [2]
k  Cnc 78316 3.8 3.8 3.8 ± 0 .2 4.9 [1]
36 Lyn 79158 < 2.5 < 3.5 <  2.5 ± 0 .5 •  •  •

HR4072 89822 4.0 4.5 4.2 ± 0 .3 3.0 [2]
X Lup 141556 4.5 3.5 4.0 ± 0 .5 4.0 [2]
l CrB 143807 3.7 4.2 3.9 ± 0 .3 3.6 [1]
v  Her 144206 3.7 4.0 3.8 ± 0 .2 4.0 [1]
HR6000 144667 3.8? 4.6? 4.2 ± 0 .4 < 2.5 [3]
<j> Her 145389 < 2.0 < 2.5 < 2.0 ± 0 .5 < 2.1 [1]
28 Her 149121 4.6 5.0 4.8 ± 0 .2 5.1 [1]
HR6997 172044 < 3.5 < 3.5 < 3.5 ±  0.5 4.4 [1]
112 Her 174933 4.9 4.5 4.7 ± 0 .2 4.4 [2]
HR7143 175640 < 1.5 < 1.5 < 1.5 ± 0 .5 < 2.3 [2]
HR7361 182308 3.6 3.6 3.4 ± 0 .2 4.3 [1]
HR7664 190229 3.6 3.9 3.7 ± 0 .2 3.4 [1]
HR7775 193452 3.9 3.5 3.7 ± 0 .2 •  •  •

P Scl 221507 5.2 3.7 4.5 ± 0 .8 4.3 [ij
N otes fo r T able  7.2: ‘Mean abundance and estimated error. * Published abundance. *References: [1] 
Boesgaard et al. (1982); [2] Sadakane, Jugaku & Takada-Hidai (1985); [3] C as tell i et al. (1985).
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estimate of the uncertainties on the upper-Iimits would be ±0.5 dex. The resulting adopted 

abundances generally agree with the published values to within the estimated formal 

uncertainties of the analysis although for a few stars the discrepancies are somewhat larger 

than this. To a great extent it is possible to attribute these differences to the neglect of 

blending lines in the published works, although wherever the abundances obtained here 

are larger than the published values this can not be the case. In this respect, HR6000 is of 

particular interest because the observed doublet appears to be displaced by ~  0.05 A with 

respect to  its expected wavelength. Castelli et al. (1985) assumed that these features were 

due to unidentified blending lines and derived a correspondingly low upper limit abundance 

for beryllium in this star. However, a careful search of published line lists (including 

that of Kurucz 1990) does not suggest any candidates for these features. Therefore, the 

abundance given here was computed under the assumption that the observed doublet is in 

fact entirely attributable to the resonance lines of Be Ilsince the wavelength shift is within 

the bounds of uncertainty for the wavelength scale in this spectral region. However, the 

possibility tha t the features are circumstellar or interstellar in origin can not be dismissed 

and therefore this result is provisional.

7.2.3 D iscussion

The adopted beryllium abundances are plotted as a function of effective temperature in 

figure 7.2. Contrary to the observations of Boesgaard et al. (1982), the frequency of 

Be-rich HgMn stars does not appear to increase significantly with increasing effective 

temperature in the sample examined here. This can be entirely attributed to the fact 

that their programme did not include the cool HgMn stars HR4072, x  Lup and HR1800, 

all of which show strong beryllium resonance lines and are inferred to be Be-rich in the 

analysis presented here. The non-LTE analysis presented by Boesgaard et al. suggests 

that LTE abundances for beryllium may be overestimated by a maximum  of a factor 

of four (i.e. ~  0.6 dex) at low effective temperatures (Tefr ~  10 000K). This does not 

significantly detract from the conclusion that there appears to be no differentiation in 

beryllium abundance between cool and hot HgMn stars.
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F ig u re  7.2: Beryllium abundances plotted as a function o f effective temperature for 
normal stars (open squares), superficially normal stars (open triangles) and HgMn stars 
(filled circles). The error bars are internal standard errors. The solar abundance (Anders 
k  Grevesse 1989) is represented by the horizontal dashed line.

7.3 Boron

7.3.1 Introduction

Boron has been investigated in B and early A-type stars as extensively as has beryllium. 

Boesgaard k  Heacox (1973) determined boron, beryllium and lithium abundances in the 

HgMn star k  Cnc from near ultraviolet lines obtained on 6 .7 A  mm -1 spectrograms. They 

found enhancements in B and Be of several orders of magnitude and they concluded that 

the initial galactic cosmic ray (GCR) abundances of these light elements (see, e.g., Reeves, 

Fowler &: Hoyle 1970; Meneguzzi, Audouze k  Reeves 1971) must have been modified, pos

sibly by enrichment from a local supernova during formation or subsequently by spallation 

reactions at the surface of the star.

Boesgaard et al. (1974) used the Copernicus satellite to observe the UV resonance line 

BII 1362 in a  Lyr from which they inferred a boron abundance (including an approximate 

correction for non-LTE effects) of ~  1 x 10~10. They argued tha t this abundance is within
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a factor of 3 of the true cosmic boron abundance on the grounds that (1) stars as hot as 

a  Lyr do not undergo any pre-main sequence depletion of B by (p, a ) reactions, and (2) the 

B (and Be) abundances for this star are consistent with upper-limits for the interstellar 

medium (where some depletion into molecules and grains is expected).

Praderie et al. (1977) used Copernicus U2 spectra of the B lI A1362 feature to derive 

an identical boron abundance in a  Lyr to that obtained by Boesgaard et al. (1974). For 

a  CMa they showed that the dominant contributor to the feature at this wavelength is 

a V III line and that by inference boron is depleted by a factor of at least 20 in this hot 

Am star. They confirmed these conclusions by observations of subordinate lines of BII at 

A1624.

Boesgaard & Heacox (1978) undertook a survey of the BII A1362 line in 16 normal stars 

by using spectra obtained with the Princeton spectrometer on the Copernicus satellite. 

They used synthetic spectra to derive a mean LTE abundance of 1.4 x 10-10 for their 

sample with no indication of a temperature dependence in the range 10 000-25 000 K. 

Applying a 50% correction for non-LTE effects as derived by Praderie et al. (1977), they 

concluded that the inferred cosmic values of B/H  and B/Be (from Boesgaard 1976) were 

consistent with the predictions of galactic cosmic ray spallation reactions for the origin of 

the light elements (see, e.g., Reeves & Meyer 1978).

Boesgaard & Praderie (1981) analysed Copernicus observations of the BII A1362 line in 

the normal A0IV star 7 Gem from which they inferred a boron depletion (relative to a  Lyr) 

of a factor of 5-10. A reanalysis of their a  CMa spectra (Praderie et al. 1977) using a 

revised vanadium abundance from Reticon spectra constrained the boron abundance upper 

limit in this star to  2-3 orders of magnitude below the cosmic value. They suggested that 

these abundance deficiencies are due to diffusion (see, e.g., Borsenberger, Michaud & 

Praderie 1979), that a  CMa is intrinsically a slow rotator, and 7 Gem is a slightly evolved 

slow rotator where some of the B has resurfaced.

Sadakane & Jugaku (1981) investigated high resolution IUE  spectra of 11 peculiar A 

stars in a search for the B II and B III resonance lines. They detected these in three stars, 

of which two (k Cnc and HR7361) were of the HgMn class. They concluded that boron is 

definitely underabundant in those stars in which the B II resonance line was not detected, 

although they did not present a quantitative analysis primarily because of incompleteness
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in their list of blending lines and a lack of experimental /-values.

Leckrone (1981) presented a detailed analysis of the B lI A1362 resonance line in six 

HgMn stars, two magnetic peculiar A stars, and one normal star. He used LTE spectrum 

synthesis to show tha t boron is enhanced by a factor of 300-500 in k Cnc, but depleted 

to less than 4 % of its normal average in the other HgMn stars. He argued that the large 

overabundance of boron in k Cnc raises difficulties for published diffusion models which 

predict that boron should be driven out of the stable, nonmagnetic atmospheres of HgMn 

stars (Borsenberger, Michaud & Praderie 1979).

Most recently, Sadakane, Jugaku & Takada-Hidai (1985) surveyed the IUE  spectra 

of 25 HgMn stars amongst which they identified nine (36%) which have detectable BlI 

resonance lines; the remainder they inferred as being boron-deficient. They were unable 

to indicate any differentiation of their boron-poor and boron-rich stars with respect to the 

usual stellar parameters effective temperature, surface gravity and rotation velocity. Five 

of the HgMn stars in their sample exhibit strong boron lines and weak beryllium in direct 

contradiction of the predictions of the ‘parameter-free’ diffusion model of Borsenberger, 

Michaud & Praderie (1979).

7.3.2 A nalysis o f B II A1362

There is relatively little that can be added to the extensive history of investigation of 

the B lI A1362 line by using IUE  spectra alone. However, one of the most significant 

obstacles encountered in previous analyses of this line was the inadequacy of available 

blending line lists and atomic data. Leckrone (1981) overcame this by empirically adjusting 

the transition probabilities given by Kurucz & Peytremann (1975) in order to achieve 

satisfactory and consistent fits to the normal star v Cap and the HgMn star // Lep for which 

elemental abundances were well-determined from previous optical-region studies (Adelman 

& Nasson 1980; Heacox 1979); he then applied the resulting ‘astrophysical’ ^/-values in 

the analysis of the other stars in his programme. The use of such ad hoc procedures 

is clearly an expedient which is best avoided. It was therefore considered worthwhile to 

review previous work by taking advantage of Kurucz’s new transition probabilities for the 

iron-group elements (Kurucz 1990).

Accordingly, approximately 3 A segments of synthetic spectra centred on the BII reso
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nance line were computed incorporating all lines stronger than 1 mA from the super-set 

of the Kurucz & Peytremann (1975) and Kurucz (1990) lists. These were fitted to the 

coadded IUE  spectra of the programme stars and boron abundances, or upper limits where 

appropriate, were thus inferred.

The oscillator strength for BII A1362 was taken from Wiese, Smith & Glennon (1966) 

who estimate its uncertainty to be ±50%  (i.e., ~  ± 0.2 dex). The transition probability 

was adopted as the radiation damping constant for this resonance line. The quadratic 

Stark damping constant was derived from the elctron impact half-width given by Griem 

(1974).
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A (A)

F ig u re  7.3: Examples o f best-fit synthetic spectra (continuous lines) for BIIX1362 in the 
co-added IUE spectra o f selected programme stars (histograms). The abundance o f the 
boron line has been optimised to fit the observed spectra.

Examples of best-fit synthetic spectra are given in figure 7.3. It is immediately evident 

tha t these synthetic spectra represent a rather poor reproduction of the observations, 

particularly so for the HgMn stars near 1362.0-1362.3 A and for all stars near 1362.9 A. 

These are probably regions where the line list is incomplete or underestimates the strengths 

of known lines. The discrepancy near 1362.0-1362.3 A is probably attributable to missing
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manganese lines since its magnitude is greatest in the Mn-rich stars.

The agreement between theory and observations for stars in which the boron line is very 

weak or absent is even poorer. Generally, the Kurucz line list for iron group elements over

estimates the strengths of spectral lines in the region of the boron line (1362.4-1362.6 A). 

Errors in the adopted abundances for blending species are unlikely to  be the cause since 

this effect is entirely systematic and occurs in stars which have been carefully analysed in 

the visual region. Leckrone (1981) encountered a similar difficulty with the earlier Kurucz 

& Peytremann (1975) line list. He suggested that a possible cause of this effect could 

be a systematically underestimated continuum height. He reconciled his synthetic and 

observed spectra of k  Cnc by arbitrarily increasing the height of the continuum in the 

observed spectrum by 43 % which resulted in an associated 0.2 dex increase in the inferred 

boron abundance of this star.

The coadded spectra used in this study were continuum-normalised on a ‘global’ scale 

as described in chapter 2. The continuum location in the vicinity of BII A1362 was 

therefore reviewed by searching for regions within ~  ±20 A of this feature which have 

consistently high fluxes from star-to-star. High flux points were thus located at 1357 A 

and 1372 A; these were used to ‘fine tune’ the continuum location in each spectrum. The 

adjustments were generally less than 10 % and resulted in relatively little improvement in 

the fit of the synthetic spectra. Unless the adopted continuum regions are significantly 

depressed below the ‘true’ line-free continuum (i.e., by more than 20%), then this implies 

th a t there are positive systematic errors in the transition probabilities of the blending 

lines concerned. The boron abundances inferred from the resonance line in those stars 

where it is detected will be underestimated as a consequence.

In the absence of superior atomic data for the spectral region concerned, and in prefer

ence to  making use of ad hoc manipulations of those data which are available, abundances 

were derived by fitting the boron resonance line in isolation. Errors on the abundances 

were derived under the assumption of an uncertainty of ± 10% in continuum location. 

These errors were typically 0.3-0.5 dex which is comparable with the likely error on the 

adopted oscillator strength.

Strictly, the derived abundances are upper limits since the calculations did not include 

the contribution of blending lines. However, for those stars in which the boron line was
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positively detected—i.e., as a distinct sharp spectral feature with a t least one apparently 

unblended wing discernible—the abundances thus inferred are as good as (if not better) 

than those derived from estimates of its equivalent width (cf. Sadakane, Jugaku & Takada- 

Hidai 1985).

The boron abundances, or upper limits where appropriate, are given in table 7.3 

where they are compared with published values. The values obtained for the normal 

stars (mostly upper limits) are consistent with those obtained by Boesgaard & Heacox 

(1978) and Praderie et al. (1977). For the HgMn stars, the derived boron abundances 

are somewhat lower than those given by Sadakane, Jugaku & Takada-Hidai (1985). This 

is partly attributable to their use of the non-LTE curves of growth published by Borsen

berger, Michaud & Praderie (1979) which yield abundances which are ^  0.2 dex greater 

than those computed in LTE. It should also be noted that their measured equivalent 

widths are rather more susceptible to contamination by blending lines than is the method 

adopted here. The boron abundance derived for v Cap agrees with that given by Leck

rone (1981) to within the estimated error, although that obtained for k Cnc is 0.6 dex 

lower. This is somewhat surprising since Leckrone’s calculations included the contribution 

of blending lines. Referring to figure 7 of his paper it is evident that this discrepancy lies 

in the observational data: the core depth of the B lI resonance line is ~  0.13 in the IUE 

spectrum presented by Leckrone whereas it is ~  0.28 in the coadded IUE  spectrum used 

here (see figure 7.3). A possible cause of this difference lies in the correction required for 

inter-order background contamination at short wavelengths in high resolution IUE  spectra 

(see chapter 2), although this is small at A1362 (~  0.03). Leckrone’s analysis employed 

early ‘vintage’ IUESIPS spectra for which no such corrections were made, and Leckrone did 

not report making any such corrections himself. In order to provide a further check of the 

spectra used here, the core depth of the BII resonance line was measured from the IUE  

spectrum presented by Sadakane & Jugaku (1981; their figure 1); this was found to be 

~  0.28 in perfect agreement with that obtained here.

7.3 .3  D iscussion

The derived boron abundances and upper limits are plotted as a function of effective 

temperature in figure 7.4. They are compared with the solar abundance of 2.6 dex as
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Table 7.3: Boron abundances derived from the UV resonance line o f BII.

Star HD Boron abundance
A1362* Pub.t Ref.*

Normal Stars
ir Cet 17081 < 1.6 ± 0 .4 1.4 [1]
134 Tau 38899 3.0 ± 0 .4 • • •

9 Leo 97633 <  2.4 ± 0 .5 2.3 [1]
r Her 147394 <  2.5 ± 0 .6 2.0 [1]
C Dra 155763 < 3.2 ± 0 .5 2.0 [1]
a  Lyr 172167 2.1 ± 0 .5 2.0 [2]
HR7098 174567 < 2.0 ± 0 .4
21 Aql 179761 < 1.5 ± 0 .4
v Cap 193432 2.7 ± 0 .4 2.3 [3]
£ Oct 215573 3.0 ± 0 .3

Superficially Normal Stars
HR7338 181470 < 1.2 ± 0 .3
46 Aql 186122 < 1.8 ± 0 .3 2.0 [4]
k  Cep 192907 3.4 ± 0 .4
HR7878 196426 3.0 ± 0 .3
21 Peg 209459 1.8 ± 0 .4

HgMn Stars
87 Psc 7374 < 1.2 ± 0 .4 < 1.5 [4]
<j> Phe 11753 < 3.0 ± 0 .4 • • • • •

53 Tau 27295 2.0 ± 0 .3 2.9 [4]
p Lep 33904 <  1.0 ± 0 .4 <  0.8 [3]
HR1800 35548 < 1.0 ± 0 .3 <  1.5 [4]
33 Gem 49606 2.6 ± 0 .4 2.6 [4]
HR2676 53929 3.9 ± 0 .2 4.6 [4]
HR2844 58661 < 1.5 ± 0 .5 < 1.5 [4]
v Cnc 77350 < 1.0 ± 0 .4 • •

k  Cnc 78316 4.1 ± 0 .2 4.7 [3]
36 Lyn 79158 < 3.2 ± 0 .4 < 1.5 [4]
HR4072 89822 < 1.0 ± 0 .3 < 0.8 [3]
X Lup 141556 < 1.4 ± 0 .2 < 0.8 [3]
i CrB 143807 < 1.4 ± 0 .3 < 0.8 [3]
v Her 144206 < 1.0 ± 0 .3
HR6000 144667 • . . • • •

<f> Her 145389 < 1.4 ± 0 .3 < 1.5 [4]
28 Her 149121 3.6 ± 0 .3 • • •

HR6997 172044 < 1.5 ± 0 .7 • . .

112 Her 174933 < 1.6 ± 0 .3
HR7143 175640 3.5 ± 0 .3 3.9 [4]
HR7361 182308 4.2 ± 0 .2 • • • . . .

HR7664 190229
HR7775 193452 < 1.2 ± 0 .3
/3 Scl 221507 < 1.5 ± 0 .5 < 1.5 [4]

Notes for Table 7.3: *From synthesis ofBl I  \1362 line (excluding blending lines); approximate abun
dances are given where a positive detection wasmade, otherwise an upper limit is quoted. Errors correspond 
to an uncertainty of ±10 % in continuum location. * Published abundance. * References: [l] Boesgaard & 
Heacox (1978); [2] Praderie et al. (1977); [3] Leckrone (1981); [4] Sadakane, Jugaku & Takada-Hidai 
(1985).
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F ig u re  7.4: Boron abundances plotted as a function o f effective temperature for normal 
stars (open squares), superficially normal stars (open triangles) and HgMn stars (filled 
circles). The error bars correspond to a ±10 % uncertainty in continuum location. The 
solar abundance (Anders & Grevesse 1989) is represented by the horizontal dashed line.

given by Anders & Grevesse (1989), although it should be noted that this is slightly 

higher than the mean LTE abundance of 2.1 dex obtained for normal early-type stars by 

Boesgaard & Heacox (1978).

The dispersion in boron abundances for the normal and superficially normal stars is 

quite large, possibly reflecting the varying contribution of unaccounted blending lines. It 

is interesting to note that two of the normal stars (n Cet and 21 Aql) and one superficially 

normal star (HR7338) have well-determined upper limits on their boron abundances which 

are distinctly below average for their class. Two of the superficially normal stars (k Cep 

and HR7878) show abnormally high boron abundances. This can possibly be attributed to 

contamination by an anomalously strong V III A1362 line in the case of k Cep since Cowley 

(19806) reported a “moderately strong” vanadium spectrum in this star. However, this 

being the case, the superficially normal star 21 Peg (which according to Cowley has a 

“strong” vanadium spectrum) would be expected to exhibit a similarly well-developed 

feature at A1362 which it does not (the inferred boron abundance is < 1.8 dex).
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Of the 23 HgMn stars for which abundances (or upper limits) were derived, five 

(HR2676, k Cnc, 28 Her, HR7143 and HR7361) exhibit pronounced enhancements of 

boron. The overabundance of boron in 28 Her appears to have not been reported previ

ously in the literature and that in HR7143 was only identified qualitatively by Sadakane 

& Jugaku (1981). Most of the other HgMn stars have upper limits which are indicative of 

boron deficiencies of more than 1 dex. Exceptions to this behaviour are 36 Lyn which has 

an upper limit of which is not inconsistent with the solar abundance, and 33 Gem which 

has a solar boron abundance to within the formal errors of the analysis.

7.4 Carbon

7.4.1 Introduction

Carbon abundances were derived from the CII A4267 doublet for a selection of the pro

gramme stars observed photographically in chapter 6. The results presented there sug

gested a possible mild deficiency of carbon in the HgMn stars in contrast to consistently 

solar abundances in the normal and superficially normal stars analysed. Previous studies 

of the blue-visual region lines by Mihalas & Henshaw (1966) and Kodaira & Takada (1978) 

have emphasised the near-normality of this element in the HgMn stars. Heacox’s (1979) 

survey, however, indicated an anti-correlation between carbon abundance and effective 

tem perature in the stars analysed. This received tentative confirmation from Roby & 

Lambert (1990) who also suggested that carbon is possibly slightly overabundant in these 

stars with respect to normal standards of the same effective temperature. These tem

perature dependences are to some extent undermined as a possible signature of diffusion 

by the fact tha t they were also observed in the normal stars. A more likely explanation 

is systematic error in the analyses (as suggested by Sadakane 1984) possibly due to the 

inadequacy of the LTE assumption at higher effective temperatures.

7.4.2 A nalysis o f C II AA1334, 1335

The CII A4267 doublet is disadvantaged as a measure of carbon abundance by a strong 

effective temperature sensitivity and inherent weakness (especially in spectral types later 

than B9). Most detectable lines of C l fall in the near infrared (6000-10800A) where
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photographic observations axe difficult to make (Lambert, Roby & Bell 1982; Lambert, 

McKinley & Roby 1986). Furthermore, in late B type stars, carbon is predominantly singly 

ionised so that the penalty for observing a subordinate ion can be large systematic errors 

in the ionisation equilibrium. However, Cugier & Hardorp (1988) have demonstrated that 

the UV resonance doublet ClI AA1334, 1335 affords an excellent probe of atmospheric 

carbon abundance as it is largely insensitive to effective temperature, microturbulence 

and non-LTE effects in late B-stars.

Carbon abundances were derived for the programme stars by fitting synthetic spectra 

to the CII resonance lines. The synthetic spectra were computed over the wavelength range 

AA1330-1340 in order to encompass the broad wings of the doublet. The calculations 

included all lines stronger than 1mA in the Kurucz & Peytremann (1975) and Kurucz 

(1990) line lists. The transition probabilities for the resonance lines were taken from 

Nussbaumer & Storey (1981) whose calculations are in good agreement with those of 

Lennon et al. (1985) as well as with experimentally determined values. The quadratic 

Stark damping constant was adopted from Sahal-Brechot & Segre (1971) who estimate its 

uncertainty to be approximately ±30 %.

The shortward component of the carbon resonance doublet originates from the OeV 

ground state and is potentially contaminated by an interstellar feature, although this can 

not normally be distinguished from the photospheric line in sharp-lined spectra. The 

programme stars have relatively low reddenings so interstellar contamination is unlikely 

to be problematic. However, because of the high cosmic abundance of carbon, it was 

considered worthwhile optimising the strengths of the two components of the resonance 

doublet independently. For all but the most carbon deficient stars in the programme, the 

abundances inferred from the two components were found to agree to within ~  0.1 dex.

Examples of best-fit synthetic spectra are presented in figure 7.5a. The general stan

dard of the fits is quite good with the blending lines providing a fair representation of the 

observed spectra. Some difficulty was encountered in obtaining satisfactory fits for the 

extreme carbon deficient stars 46 Aql and 112 Her; in these stars the resonance doublet 

is exceptionally weak and LTE synthetic spectra do not permit a consistent simultaneous 

fit to the line cores and wings. This is possibly attributable to non-LTE effects which are 

not observed in the line cores when they saturate at higher carbon abundances. However,
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the discrepancy observed is in the sense that the line cores are anomalously weak with 

respect to  the wings (see figure 7.5). The departure coefficients calculated by Cugier & 

Hardorp (1988) for the ground state of C lI (2s22p2P°) indicate that this level becomes 

mildly overpopulated at depths corresponding to the formation of the A1335 core for stars 

with Teff ft 13 000 K. Thus, relative to an LTE computation, the observed cores should 

appear deeper than expected in contradiction with the effect observed. This problem can 

be partially resolved if large systematic errors in the background subtraction are invoked 

for these spectra (i.e., ~  10%) since these could explain the anomalous core depths.

7.4.3 A nalysis o f  C II A1324

Confirmation of the abundances derived from the resonance doublet was sought by analysis 

of the high-excitation (9.29 eV) close doublet ClI A1324. Inspection of the spectra suggest 

that this (unresolved) doublet is relatively free from blending and therefore well-suited to 

analysis. The transition probabilities for the doublet were taken from Wiese & Martin 

(1980); they are consistent with the /-value calculated by Nussbaumer & Storey (1981). No 

published value of the Stark broadening parameter was located so this was computed using 

the formula for ions given by Griem (1968; see chapter 5). Unfortunately, the strength of 

this line proved to be highly sensitive to the exact value of the adopted Stark damping 

constant (it is formed in the transition between the saturated and damping regions of the 

curve-of-growth) and therefore the inferred abundances are correspondingly uncertain.

Abundances were derived by fitting synthetic spectra including blending lines from 

the usual sources. Examples of best-fit synthetic spectra are given in figure 7.56. The 

derived abundances are presented in table 7.4 where they can be compared with those 

obtained from the resonance doublet. In general the agreement is excellent with little 

evidence of any systematic differences. The results for the carbon-deficient stars provide 

a useful measure of their carbon abundances independent of possible contamination by an 

interstellar line.

Mean abundances and standard errors derived from the UV lines of CII axe presented 

in table 7.4 where they are compared with values derived from blue-visual region lines. The 

agreement in the abundances derived from the different wavelength regions is generally 

quite good although there are occasional discrepancies as large as 0.4 dex. A scatter as
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Table 7.4: Carbon abundances derived from UV lines of ClI.

Star HD Carbon abundance
Ref.*A1334 A1335 A1324 Mean* Pub.T

Normal Stars
7T Cet 17081 8.30 8.25 8.20 8.25 ±0.05 8.23 [1]
134 Tau 38899 8.35 8.15 8.15 8.20 ±0.05 8.55 [1]
0 Leo 97633 8.15 8.10 8.30 8.20 ± 0.05 • .  »

r Her 147394 8.40 8.25 • .  . 8.30 ±0.05 8.29 [ii
C Dra 155763 8.45 8.40 • • • 8.45 ±  0.05 •  • • • • •

a  Lyr 172167 8.25 8.15 8.35 8.25 ±0.05 8.19 [1]
HR7098 174567 8.20 8.15 8.15 8.15 ±0.05 8.65 [2]
21 Aql 179761 8.25 8.15 8.10 8.15 ±0.05 8.08 [1]
v Cap 193432 8.35 8.25 8.35 8.30 ±0.05 8.61 [1]
£ Oct 215573 8.40 8.25 8.00 8.20 ± 0.10

Superficially Normal Stars
HR7338 181470 8.20 8.10 8.10 8.15 ±0.05 8.55 [2]
46 Aql 186122 7.50§ 7.10 7.10 7.10 ±0.05 7.20 [2]
k Cep 192907 8.25 8.20 8.40 8.30 ±0.05 8.50 [2]
HR7878 196426 8.35 8.35 8.15 8.30 ±0.05 • • •

21 Peg 209459 8.20 8.05 8.15 ±0.05 8.50
HgMn Stars

87 Psc 7374 8.10 8.00 7.75 7.95 ±0.10 8.05 [2)
<t> Phe 11753 8.00 7.95 8.20 8.05 ±0.10 • • •

53 Tau 27295 8.20 8.15 8.10 8.15 ±0.05 8.05 [3j
p Lep 33904 8.25 8.25 8.20 8.25 ±0.05 8.20 [3]
HR1800 35548 8.20 8.00 7.80 8.00 ± 0.10 8.20 [2]
33 Gem 49606 8.20 8.05 7.95 8.05 ±  0.05 • ♦ •

HR2676 53929 7.95 7.70 7.80 ±  0.15 8.2 [4]
HR2844 58661 8.40 8.30 8.10 8.25 ±0.10 8.5 [4]
v Cnc 77350 8.00 7.95 8.05 8.00 ±0.05 8.12 [3]
k Cnc 78316 8.25 8.25 8.20 8.25 ±0.05 8.03 [3]
36 Lyn 79158 8.50 8.10 7.60 8.05 ±0.25
HR4072 89822 8.25 8.20 8.40 8.30 ±0.05 8.44
X Lup 141556 8.20 8.05 8.10 8.10 ±0.05 8.19 [6]
i CrB 143807 8.20 7.85 8.25 8.10 ±0.15 7.99 [3]
v Her 144206 8.20 8.15 8.20 8.20 ±0.05 8.41 [7]
HR6000 144667 • • • • .  • • • • • • •

<f> Her 145389 8.25 8.25 8.15 8.20 ±0.05 8.42 [3]
28 Her 149121 7.95 8.10 8.15 8.05 ±0.05 8.05 [3]
HR6997 172044 8.20 8.15 • .  • 8.20 ±  0.05 8.32 [8]
112 Her 174933 7.00§ 6.00 6.55 6.30 ±0.30 <7.6 [9]
HR7143 175640 8.20 8.20 8.20 8.20 ±0.05 8.35 [2]
HR7361 182308 8.25 8.10 8.30 8.20 ±0.05 8.6 [4]
HR7664 190229 7.90 7.40 • • • 7.65 ±  0.25 8.12 [3]
HR7775 193452 7.80 7.70 7.80 7.75 ±0.05 <7.15 [2]
fd Scl 221507 8.05 8.05 8.10 8.05 ±0.05

N o tes fo r T able 7.4: *Mean abundance and standard error. *Published abundance. *References: [1] 
Adel man (1991); [2] This work (chapter 6); [3] Adelman (1989); [4] Heacox (1979); [5] Dworetsky (1971); 
[6] Adelman & Gulliver (1990); [7] Adelman iz Fuhr (1985); [8] Roby iz Lambert (1990); [9] Seligman Sz 
Aller (1970). *Possible contamination by interstellar component.
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large as this is not atypical of published analyses of the blue-visual region lines of C II: 

consider, for example, the classic HgMn star p  Lep for which carbon abundances of 8.7, 

8.2 and 8.6 dex were obtained by Heacox (1979), Adelman (1989) and Roby & Lambert 

(1990) respectively. The strong effective temperature sensitivity and inherent weakness of 

the blue-visual region lines (in particular C lI A4267) probably contribute significantly to 

this scatter.

0 5

00

o

CO

9 10 11 12 13 14 15

Tt „ (103 K)

F ig u re  7.6: Carbon abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.4.4 D iscussion

The mean carbon abundances derived here are plotted as a function of effective tempera

ture in figure 7.6. This figure does not reveal any significant evidence for the correlation 

between abundance and effective temperature reported in analyses of the blue-visual region 

lines by previous investigators (e.g., Heacox 1979; Roby & Lambert 1990).

The mean carbon abundance for the normal and superficially normal stars (excluding 

46 Aql) is 8.24 ±  0.09 dex (s.d.), somewhat less than the solar value, the most recent 

estimate of which is 8.56 dex (Anders & Grevesse 1989). Corrections for NLTE effects in

S I
S  5 

i
* p

i  HR7775
HR7664
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this temperature range (Cugier & Hardorp 1988) are ~  0.1- 0 .2 dex, leaving a discrepancy 

of ~  0.1-0.2 dex unexplained. This discrepancy is probably not significant considering the 

possible systematic errors in the placement of the line-free continuum and in the adopted 

atomic data.

The mean carbon abundance for the HgMn stars (excluding the C-deficient example 

112 Her) is 8.06 ±  0.15 dex (s.d.). An application of the F-test (see, e.g., Press et a1. 

1986) indicates that the normal and HgMn samples have different variances at the 98.4% 

confidence level. Student’s t-test for the case of unequal variances shows that the HgMn 

sample has a lower mean abundance at the 99.9 % confidence level. Thus the UV data 

confirm the mild carbon deficiency identified for the HgMn stars from analyses of visual 

region data in chapter 6.

7.5 N itrogen

7.5.1 Introduction

Published analyses of nitrogen abundances in HgMn stars were fragmentary until relatively 

recently due primarily to the weakness of the nitrogen spectrum in the blue-visual region. 

Sargent, Searle & Jugaku (1962) reported in an abstract nitrogen deficiencies of greater 

than a factor of 10 in four (un-named) Ap stars. In another abstract, Leckrone & Heacox 

(1978) state tha t nitrogen appears approximately solar in the HgMn star k Cnc. Roby 

& Lambert (1990) conducted a systematic investigation of nitrogen abundances in nine 

HgMn stars using Reticon spectra of NI lines in the red. For five stars in their sample 

(including k Cnc) they obtained upper limits on the nitrogen abundances which were 1 dex 

sub-solar. They suggested that these upper limits might be lowered, or replaced by actual 

abundances, by analysis of low excitation lines of N I in the UV. Lanz & Artru (1990) 

published an analysis of the NI multiplets AA1412, 1492-95, 1743-45 in the IUE  spectra 

of nine Ap stars (numbered amongst which were four HgMn’s) contemporaneously with 

th a t presented here. They used detailed synthesis of these features to show that nitrogen 

is deficient by 1-2 dex in their sample of HgMn stars.
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7.5.2 Analysis o f N i l  AA1492, 1494, 1742, 1745

Nitrogen abundances were derived by fitting synthetic spectra to the AA1492, 1494 and 

AA1743, 1745 lines. Oscillator strengths were taken from the laboratory measurements of 

Goldbach et al. (1986) who estimated their uncertainties to be ± 12- 20%. The lines A1742 

and A1745 are each close blends for which individual oscillator strengths were derived 

from the observed ratios in order to allow for any desaturation in the line formation. 

Stark damping constants were derived from the electron impact widths given by Griem 

(1974).

co
o

km  s'

o

36 Lyn
C\2
O

O
9 13 1510 11 12 14

T.„ (103K)

F ig u re  7.7: Equivalent widths o f N l  A1492 plotted as a function o f effective temperature 
for normal stars (open squares), superficially normal stars (open triangles), and HgMn 
stars (filled circles) and compared with the predictions o f solar abundance model atm o
spheres ("logg =  4.0) with microturbulence parameters (£) as indicated. The error bars 
correspond to an uncertainty o f ±10 % in continuum location.

Initially, upper limits on the equivalent widths and abundances of the nitrogen lines 

were derived by fitting synthetic profiles to the spectra without including any blending 

lines. In figure 7.7, the inferred equivalent widths of NI A1492 are plotted as a function of 

effective temperature for all stars in which the line profile was successfully fitted. The error 

bars were derived under the conservative assumption of a ± 10% uncertainty incontinuum
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location. The measured equivalent widths are compared with predictions for solar abun

dance model atmospheres with log# = 4.0 and microturbulence parameters (  = Okms-1 

and 2 km s-1 . For models with log <7 =  3.5 (not shown), the theoretical equivalent widths 

are smaller by a maximum of approximately 12% at the lowest effective temperatures 

considered. The observed equivalent widths of the NI A1492 line in the normal stars 

are in satisfactory agreement with predictions of solar abundance models except at low 

effective temperatures (Teff & 10 000 K) where they are slightly larger. In most of the 

HgMn stars (36 Lyn being a notable exception) this line is clearly weak with respect to 

the predictions of the solar abundance models; this strongly suggests that these stars are 

nitrogen deficient. Moreover, the equivalent widths of the A1492 line should be regarded 

as upper limits because of the likely presence of contaminating lines which can contribute 

significantly to the total observed line strength, especially in the Mn-rich spectra of the 

HgMn stars. Therefore, the extent of the nitrogen deficiency in the HgMn stars is, if 

anything, understated in this figure.

The inferred upper limit abundances for the nitrogen lines and their mean values are 

presented in table 7.5a. Cursory inspection of the results reveals that for each star there 

is a considerable dispersion in abundances inferred from the different lines considered. 

For the normal and superficially normal stars, the abundances derived from lines in the 

A1492 multiplet are systematically higher than those derived from the A1743 multiplet. 

Interestingly, this does not appear to be the case for the apparently nitrogen deficient 

HgMn stars. Under the circumstances, it is not possible to exclude either the unaccounted 

contribution of blending lines or systematic errors in the analysis (such as non-LTE effects 

in the excitation equilibrium of neutral nitrogen) as possible causes of this behaviour. 

Errors in the oscillator strengths can not account for the discrepancy since Goldbach et 

al. normalised their experimentally-determined values with respect to the A1493 multiplet 

and quote internal errors corresponding to less than 0.1 dex.

To investigate further this discrepancy and establish the effect of blending lines on the 

inferred nitrogen abundances, full synthetic spectra were computed and fitted to the NI 

lines. The resulting line abundances and mean values are presented in table 7.66. Some 

examples of best fit synthetic spectra for the A1492 and A1742 lines are illustrated in 

figure 7.8. The strongest line considered, A1492, furnished the most satisfactory fits. The
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Table 7.5: Nitrogen abundances derived from UV lines o f Nl  (excluding blending lines).

Stax HD Nitrogen abundance
A1492 A1494 A1742 A1745 Adopted* Pub.T Ref.*

Normal Stars
7r Cet 17081 8.1 8.7 7.8 7.3 8.0 ± 0 .3 7.7,7.3,8.1 [1],[2],[3]
134 Tau 38899 8.1 8.4 7.4 7.2 7.8 ± 0 .3
0 Leo 97633 8.4 8.4 7.8 8.0 8.1 ± 0 .2
r Her 147394 9.0 8.9

H00 7.1 8.3 ± 0 .4 7.7 [3]
(  Dra 155763 8.0 8.3 7.0 6.9 7.6 ± 0 .4
a  Lyr 172167 8.3 8.2 7.8 8.0 8.1 ± 0 .1 7.5 [1]
HR7098 174567 8.4 8.5 8.0 ■7.7 8.1 ± 0 .2 • • • .  •  •

21 Aql 179761 8.3 9.1 8.1 7.3 8.2 ± 0 .4 8.1,7.8 [1],[3]
v Cap 193432 8.3 8.4 7.4 6.9 7.8 ± 0 .4 7.5 [2]
£ Oct 215573 7.9 8.2 7.4 7.1 7.7 ± 0 .3

Superficially Normal Stars
HR7338 181470 8.2 8.1 7.1 6.8 7.6 ± 0 .4
46 Aql 186122 6.1 6.1 7.2 6.8 6.6 ± 0 .3
k  Cep 192907 8.4 8.4 8.0 7.7 8.1 ± 0 .2 .  .  .

HR7878 196426 8.0 8.6 7.5 7.3 7.9 ± 0 .3
21 Peg 209459 8.3 8.5 7.6 7.3 7.9 ± 0 .3

HgMn Stars
87 Psc 7374 7.5 8.5 7.0 6.7 7.4 ± 0 .4
<f> Phe 11753 5.6 6.3 6.4 5.7 6.0 ± 0 .2
53 Tau 27295 6.1 6.7 6.3 6.1 6.3 ± 0 .1 . . .

/i Lep 33904 7.1 6.9 7.1 6.6 6.9 ± 0 .1 6.9 [1]
HR1800 35548 5.9 6.6 6.1 5.8 6.1 ± 0 .2
33 Gem 49606 6.5 7.6 7.4 6.8 7.1 ± 0 .3 6.0 [2]
HR2676 53929 6.7 7.2 7.1 6.7 6.9 ± 0 .1 • . .

HR2844 58661 8.0 9.5 7.1 7.2 8.0 ± 0 .6 . . . .  •  •

v Cnc 77350 7.7 7.9 6.7 6.4 7.2 ± 0 .4 6.5 [2]
k  Cnc 78316 6.3 6.5 7.0 6.6 6.6 ± 0 .2 5.5 [2]
36 Lyn 79158 8.6 9.4 7.6 7.3 8.2 ± 0 .5
HR4072 89822 5.8 6.7 6.4 5.8 6.2 ± 0 .2 . . . .  .  .

X Lup 141556 7.3 8.3 7.2 6.4 7.3 ± 0 .4
l  CrB 143807 5.7 7.3 7.0 6.7 6.7 ± 0 .4 7.5 [1]
v Her 144206 6.2 6.6 6.5 6.2 6.4 ± 0 .1 <6.9 [1]
HR6000 144667 • •  . .  . •  • • . .  • • . .  •

<j> Her 145389 7.1 7.8 7.0 6.5 7.1 ± 0 .3 6.0 [2]
28 Her 149121 4.9 6.1 6.4 5.8 5.8 ± 0 .3 . . .

HR6997 172044 6.8 8.5 7.4 7.3 7.5 ± 0 .4 7.8 [1]
112 Her 174933 5.9 6.0 7.1 6.6 6.4 ± 0 .3 . . .

HR7143 175640 6.4 6.8 6.8 6.5 6.6 ± 0 .1
HR7361 182308 6.2 6.2 7.3 6.8 6.6 ± 0 .3 . . . .  .  •

HR7664 190229 • • . 6.3 • . 6.7 6.5 ± 0 .2 . . .

HR7775 193452 7.3 8.3 7.0 6.2 7.2 ± 0 .4 . . .

0 Scl 221507 6.1 8.4 6.9 6.7 7.0 ± 0 .5

N otes for T able  7.5: ‘Mean abundance and standard error. * Published abundance. * References: [l] 
Roby & Lambert (1990; infra-red lines); [2] Lanz & Artru (1990; UV lines); [3] Adelman (1991; blue-visual 
lines).
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Table 7.6: Nitrogen abundances derived from UV lines o f Nl  (including blending lines).

Star HD Nitrogen abundance
A1492 A1494 A1742 A1745 Adopted* Pub.T Ref.t

Normal Stars
it Cet 17081 6.6 6.8 6.9 7.3 6.9 ± 0 .2 7.7,7.3,8.1
134 Tau 38899 7.0 6.7 6.5 7.4 6.9 ± 0 .2
6 Leo 97633 8.1 8.2 7.5 7.9 7.9 ± 0 .2
r  Her 147394 7.5 6.6: 7.4 <7.0 7.1 ± 0 .2 7.7 [3]
C Dra 155763 7.0 6.1 6.4: 6.7 6.6 ± 0 .2
a Lyr 172167 8.2 7.9 7.7 8.0 8.0 ± 0 .1 7.5 [1]
HR7098 174567 8.1 7.8 7.8 7.5 7.8 ± 0 .1
21 Aql 179761 6.6 7.0 8.0 7.2 7.2 ± 0 .3 8.1,7.8 M,[3]
i> Cap 193432 7.9 7.3 6.8 7.0 7.3 ± 0 .2 7.5 [2]
£ Oct 215573 6.9 6.8 6.7 6.8 6.8 ± 0 .0

Superficially Normal Stars
HR7338 181470 7.9 7.4 7.0 6.9 7.3 ± 0 .2
46 Aql 186122 5.0 <5.0 <6.0 <6.5 5.0 ± 0.5
k Cep 192907 8.0 7.5 7.5 7.6 7.7 ± 0 .1
HR7878 196426 6.5 6.8 7.0 7.2 6.9 ± 0 .2 • • • • • •

21 Peg 209459 7.9 7.5 7.6 7.4 7.6 ± 0 .1
HgMn Stars

87 Psc 7374 6.4 6.1 6.5 6.5 6.4 ± 0 .1 •  • • •  •  »

0 Phe 11753 4.2 4.7 <5.0 <5.5 4.4 ± 0 .3
53 Tau 27295 4.9 5.1 <5.0 <5.5 5.0 ± 0 .1
p Lep 33904 5.3 <5.0? 6.0 <6.0 5.6 ± 0 .4 6.9 [1]
HR1800 35548 4.6 <5.2 <5.0 <5.5 4.6 ± 0.5
33 Gem 49606 5.5 <5.0? 6.0: <6.5 5.7 ± 0 .3 6.0 [2]
HR2676 53929 4.8 5.3 <6.0 <6.5 5.0 ± 0 .3
HR2844 58661 6.4 5.8 6.0 7.0 6.3 ± 0 .3 .  .  .

u Cnc 77350 5.7 6.2 <5.0? 6.2 6.0 ± 0 .2 6.5 [2]
k Cnc 78316 <5.0 <5.0 <5.5 <6.5 <5.0 ±  0.5 5.5 [2]
36 Lyn 79158 6.3 5.9 <6.5 6.1 ± 0 .1
HR4072 89822 4.8 5.0 <5.5 <6.0 4.9 ± 0 .1 •  • • •  ,  *

X Lup 141556 6.8 6.7 6.2 6.2 6.5 ± 0 .2
t CrB 143807 4.9 5.2 <5.5 6.5? 5.0 ± 0 .2 7.5 [1]
v Her 144206 5.0 <4.5 <5.5 <6.5 5.4 ± 0.5 <6.9 [1]
HR6000 144667 •  « •

0 Her 145389 5.1 5.3 5.6 <6.0 5.3 ± 0 .1 6.0 [2]
28 Her 149121 <4.0 4.8? <5.0 <6.0 <5.0 ±  0.5 • • •

HR6997 172044 5.5 <5.5 6.3 <7.0 5.9 ±  0.4 7.8 [1]
112 Her 174933 5.0 <5.0 <6.0 <6.5 5.0 ± 0.5 •  .  . • • •

HR7143 175640 5.0 <5.0? 5.8 6.0 5.6 ± 0 .3
HR7361 182308 4.5 <5.0 <5.5 <6.5 4.5 ±  0.5 •  • • • •  .

HR7664 190229 •  •  • <5.0 •  •  • <6.5 <5.0 ±0.5 •  • • # • •

HR7775 193452 5.8: 6.6 <6.0 <6.0 6.2 ±  0.4 •  .  • •  •  •

13 Scl 221507 <4.5 <4.5 <5.5 <5.5 <4.5 ± 0.5

N o tes fo r Table 7.66: The symbols and ‘?’ denote increasing levels of uncertainty in the fits. *Mean 
abundance and standard error; estimated errors are given in italics. * Published abundance. * References: 
[1] Roby & Lambert (1990; infra-red lines); [2] Lanz & Artru (1990; UV lines); [3] Adelman (1991; blue- 
visual lines).
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A1494 line proved difficult to fit in some of the HgMn stars because it is partially 

blended with the strong G alll A1495 resonance line (which was included explicitly in 

the calculations using abundances derived in §7.16). The A1742-45 multiplet lines are 

considerably weaker than those of A1492-94 and the abundances inferred from them corre

spondingly less reliable; in many cases, difficulty was encountered in extracting a definite 

nitrogen abundance from lines of this multiplet since the blending lines proved sufficiently 

strong to account entirely for the observed spectral features. A similar obstacle was en

countered by Roby (1990) in his analysis of these multiplets in the IU E  spectra of k Cnc 

and i CrB. For such cases, an estimate of the extreme upper limit on the nitrogen abun

dance is given.

Referring to the results for the normal stars, it is obvious tha t the effect of including 

blending lines has been to reduce the inferred nitrogen abundances to well below the 

solar value ([N/H] & — ldex) for all but the coolest examples in the sample (i.e., 9 Leo, 

a  Lyr and HR7098). Lanz & Artru (1990) and Roby (1990) also report sub-solar nitrogen 

abundances for the normal stars in their studies, although their nitrogen deficiencies are 

approximately 0.5 dex less extreme than those obtained here. At the time of writing it 

has not proved possible to resolve conclusively this discrepancy since, in all respects open 

to  scrutiny, the studies concerned made use of essentially identical data. The spectrum 

syntheses presented by Lanz &: A rtru (1990; figure 1) show evidence of less line opacity 

than those computed here (cf. figure 7.8) which supports a recent suggestion of Mathys 

(private communication) that these discrepancies may be due to changes in the different 

generations of the line list distributed on magnetic tape by Dr. Kurucz.

Two possible explanations for the observed apparent nitrogen deficiencies in the hotter 

normal stars are that ( 1) there are systematic errors in the oscillator strengths of the 

blending lines, and (2) there are non-LTE effects in the excitation or ionisation equilibrium 

of nitrogen; in both cases the effects are, by inference, distinctly temperature-dependent. 

It is difficult to distinguish between these two possibilities. The near-solar abundances 

of nitrogen derived for the hotter stars from the preliminary analysis, if substantially 

correct, would severely constrain the strength of any blending features coincident with the 

nitrogen lines. Consider, for example, the NI A1492 line for which there are two dominant 

blending lines, Fell A1492.58 and Fell A1492.76, in the Kurucz (1990) list. For a solar iron
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abundance of 7.54 dex (Biemont et al. 1991; see §7.11), the total equivalent width of these 

blending lines varies from 75 mA at 9000 K to 60 mA at 15 000 K whereas over the same 

effective temperature range, the equivalent width of NI A1492 with a solar abundance of 

8.05 dex (Anders & Grevesse 1989) varies from 511mA to 172 mA. Clearly the relative 

contribution of these blending lines increases with effective temperature. In order to be 

able to entertain a solar LTE abundance of nitrogen in the normal stars w Cet and 21 Aql, 

it would be necessary to invoke systematic errors of greater than 1 dex in the oscillator 

strengths of both blending lines. While not unprecedented, such errors are considerably 

greater than the uncertainties of 0.1- 0 .2 dex implied by a comparison with the earlier semi- 

empirical transition probabilities of Kurucz (1981). That there is tolerable consistency 

between all four nitrogen lines analysed in these two stars argues against gross errors in 

the oscillator strengths of any individual blending line. Furthermore, systematic errors in 

the oscillator strengths for any individual spectroscopically-dominant species (e.g., Fell) 

are largely ruled-out by the generally good match between observed and synthetic spectra.

The considerations given above implicate non-LTE effects in the excitation or ionisation 

equilibrium of neutral nitrogen at higher effective temperatures. In the line forming region 

(i.e., log ro ^  — 1) of LTE model atmospheres, the total number fraction of neutral nitro

gen changes from approximately 92 % at Teff = 9500 K to less than 6 % at Tefr = 13 000 K. 

Thus, relatively small errors in the adopted ionisation equilibrium could be enormously 

amplified in the nitrogen abundances derived for the hotter programme stars. This suspi

cion is supported by the work of Hubeny (1981,1986) who identified significant non-LTE 

ionisation shifts for neutral nitrogen in the atmospheres of late-B and A stars. Although 

detailed non-LTE line transfer calculations have been carried out for NII (see, e.g., Dufton 

1979; Dufton & Hibbert 1981; Becker &: Butler 1989), no such analyses appear to have 

been published for N I. Unfortunately, such calculations are beyond the scope of this 

project. The resonance line of ionised nitrogen, NII A1085, would be an ideal alternative 

probe of atmospheric nitrogen abundance, although it falls short of the IUE  wavelength 

sensitivity range. There are no other low excitation lines of NII suitable for analysis in 

IUE  spectra.
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F ig u re  7.9: Nitrogen abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.5.3 D iscussion

Mean nitrogen abundances derived from the analysis using full synthetic spectra are plot

ted as a function of effective temperature in figure 7.9 where they are compared with the 

solar abundance of 8.05 dex (Anders & Grevesse 1989). In view of the probable systematic 

errors of the analysis described above, interpretation of these results must be tempered 

with caution. Differentially with respect to the normal and superficially normal stars, the 

HgMn stars axe evidently nitrogen deficient, the difference between the mean abundances 

of the two samples being 1.5 ±  0.8 dex (s.d.). It is interesting to note that the mild man

ganese star 46 Aql shares the same nitrogen deficiency as observed in the classic HgMn 

class members. A full non-LTE analysis, which is clearly indicated as an analytical neces

sity, would have the virtue of revealing any systematics (e.g., correlation with Teff) that 

might be concealed in the nitrogen deficiencies of these stars. W ith the evidence to hand, 

it seems that nitrogen, much like helium (Heacox 1979), is an element which is globally 

depleted in HgMn star atmospheres.
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7.6 M agnesium

7.6.1 Introduction

In an early investigation of the infra-red Mg II lines near 7900 A Saxgent & Searle (1962) 

concluded that magnesium was essentially normal in seven HgMn stars and underabun- 

dant by approximately 0.8 dex in k  Cnc. This work was later confirmed by Searle & 

Sargent’s (1964) analysis of M gII A4481 in nine HgMn stars. Mihalas & Henshaw (1966) 

subsequently re-evaluated Searle & Sargent’s observations using a slightly more sophisti

cated analysis; they too found approximately solar abundances of magnesium in the HgMn 

stars sampled, although they showed that the infra-red lines of Mg II yielded anomalously 

high abundances. Heacox (1979) obtained moderate underabundances of magnesium in 

both the normal and HgMn stars he surveyed photographically, although he did discover 

a strong deficiency of this element in HR7664. A general deficiency of this element in 

most HgMn stars appears to have been first proposed by Guthrie (1984) who investigated 

the weak lines Mg II AA4384, 4390. He confirmed the extreme magnesium deficiencies 

previously found in HR7664 (Heacox 1979) and 112 Her (Seligman & Aller 1970).

In chapter 6 , magnesium abundances were derived from visual region lines observed 

photographically for a small sample of the programme stars. By combining these results 

with data from recently published fine analyses of Adelman, it was concluded that this 

element is underabundant in HgMn stars by ~  0.6 dex. In this section, a complementary 

analysis of selected UV Mg II lines is presented.

7.6.2 A nalysis o f  M g II AA2790, 2798, 2928, 2936

The strongest lines of Mg II in the IUE  spectra of the programme stars are those 

of the resonance doublet Mg II A2795, 2801. However, these lines are not suitable for 

analysis here since the cores of their profiles are subject to strong non-LTE effects and 

contamination by an interstellar component (see, e.g., Snijders & Lamers 1975). Wiese & 

M artin’s (1980) compilation of transition probabilities was therefore consulted for suitable 

moderate strength lines which are unblended with other strong lines. The low-excitation 

(4.4 eV) lines Mg II AA2790, 2798 were identified as promising candidates, although both 

are affected to some extent by the wings of the resonance doublet. Slightly weaker, but
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Table 7.7: Magnesium abundances from UV subordinate lines of MgII.

Star HD Magnesium abundance
Ref.*A2790 A2798 A2928 A2936 Mean* Pub.T

Normal Stars
7T Cet 17081 7.70 7.70 7.75 7.90 7.75 ±  0.05 7.48 [1]
134 Tau 38899 7.80 7.60 7.55 7.75 7.70 ±  0.05 7.47 [1]
0 Leo 97633 7.70 7.50 7.90 7.70 7.70 ±0.10 7.34 [1]
r  Her 147394 8.00 7.70 8.40 8.10 8.05 ±0.15 7.35 [1]
C Dra 155763 7.30 7.15 6.80 6.95 7.05 ±0.10 • .  *

o; Lyr 172167 7.20 7.10 7.50 7.55 7.35 ±0.10 7.00 [2]
HR7098 174567 7.90 7.65 8.00 8.10 7.90 ±0.10 7.49 [3]
21 Aql 179761 7.80 7.85 8.10 7.90 7.90 ±0.05 7.41 [1]
v Cap 193432 7.70 7.65 7.90 7.50 7.70 ±0.10 7.39 [1]
i  Oct 215573 7.60 7.65 7.60 7.60 ‘7.60 ±0.05

Superficially Normal Stars
HR7338 181470 7.50 7.65 7.95 7.75 7.70 ±0.10 7.48 [3]
46 Aql 186122 6.70 6.30 6.70 6.85 6.65 ±0.10 6.54 [3]
k Cep 192907 7.80 7.60 7.95 8.05 7.85 ±0.10 7.58 [3]
HR7878 196426 7.70 7.80 7.40 7.60 7.65 ±0.10 • • •

21 Peg 209459 7.60 7.65 7.80 7.80 7.70 ±0.05 7.50 [3]
HgMn Stars

87 Psc 7374 7.20 7.30 7.60 6.80 7.25 ±0.15 7.16 [3]
0 Phe 11753 7.40 7.25 7.45 7.40 7.40 ±  0.05
53 Tau 27295 7.25 7.15 7.35 7.10 7.20 ±0.05 7.06 M
p Lep 33904 7.65 7.35 7.70 7.50 7.55 ±0.10 7.23 [4]
HR1800 35548 6.85 6.55 7.00 7.15 6.90 ±0.15 6.87 [3]
33 Gem 49606 7.30 6.75 7.70 7.10 7.20 ±  0.20 • .  .

HR2676 53929 7.10 6.30 6.50 6.55 6.60 ±0.15 • • • • • •

HR2844 58661 8.00 7.70 7.90 8.00 7.90 ±  0.05 • • •

v Cnc 77350 7.60 7.40 7.45 7.20 7.40 ±0.10 7.29 [4]
k Cnc 78316 7.10 6.90 6.90 6.70 6.90 ±0.10 6.83 [4]
36 Lyn 79158 7.65 7.10 7.90 7.55 ±0.25 • * •

HR4072 89822 7.05 7.60 7.45 6.85 7.25 ±0.15 7.2 M
X Lup 141556 7.30 7.50 7.30 7.40 7.40 ±  0.05 7.4 [5]
i CrB 143807 7.50 7.40 7.70 7.65 7.55 ±0.05 7.16 [4]
v Her 144206 7.35 7.10 7.25 7.40 7.30 ±0.05 7.34 [6}
HR6000 144667 7.05 6.80 6.50 6.55 6.75 ±0.15 6.4 [7]
<f> Her 145389 7.55 7.45 7.70 7.45 7.55 ±  0.05 7.20 [4]
28 Her 149121 7.40 7.30 7.10 7.15 7.25 ±  0.05 6.85 [4]
HR6997 172044 7.65 7.30 7.80 7.95 7.70 ±0.15 • • •

112 Her 174933 6.80 6.70 7.15 6.70 6.85 ±0.10 6.44 [8]
HR7143 175640 6.95 7.15 6.90 6.85 6.95 ±0.05 7.26 [3]
HR7361 182308 7.25 6.95 7.40 7.00 7.15 ±0.10 6.98 [3]
HR7664 190229 6.35 5.70 6.65 6.70 6.35 ±0.25 6.25 [4]
HR7775 193452 7.80 7.60 8.15 7.90 7.85 ±0.10 7.06 [3]
13 Scl 221507 7.70 7.50 7.90 7.70 7.70 ±0.10

N otes fo r T able 7.7: ‘Mean abundance and standard error. *Published abundance. *References: [1] 
Adelman (1991); [2] Gigas (1988); [3] This work (chapter 6); [4] Adelman (1989); [5] Guthrie (1984); [6] 
Adelman Ic Fuhr (1985); [7] Castelli et al. (1985); [8] Seligman & Aller (1970).
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nevertheless relatively unblended, candidates were also identified in Mg II AA2928, 2936 

which originate from the same low-excitation level as the AA2790, 2798 pair.

Magnesium abundances were derived by fitting full synthetic spectra to these lines. 

Oscillator strengths were obtained from the aforementioned compilation of transition prob

abilities. Stark damping constants were calculated from Griem’s (1974) electron impact 

half-widths. Radiative damping was also adopted by summing published A-values for the 

energy levels concerned. The wings of the Mg II resonance doublet were included explicitly 

in the calculations for AA2790, 2798.

The resulting abundances for each line analysed and their mean values are presented 

in table 7.7. The abundances derived from Mg II A2928 are more uncertain than those 

obtained from the other lines due to its relative weakness and consequent susceptibility 

to errors in the blending features. Examples of best-fit synthetic spectra are illustrated 

in figures 7.10 and 7.11. The agreement between observations and syntheses is good and 

this is reflected in fairly consistent abundances between the lines analysed.

7.6.3 D iscussion

The mean magnesium abundances are plotted as a function of effective temperature in 

figure 7.12 where they are compared with the solar abundance of 7.58 dex (Anders & 

Grevesse 1989). The magnesium abundances in most of the normal stars are evidently 

solar or marginally above solar, although a  Lyr and (  Dra appear to have moderate, 

but significant, deficiencies of this element. The HgMn stars exhibit a broad diversity in 

magnesium abundances from solar values to deficiencies as large as 1.5 dex. Note that 

there are examples of HgMn stars which have solar abundances of magnesium across the 

entire Teff-range considered whereas the large magnesium deficiencies are restricted to high 

effective temperatures; in this sense, the HgMn stars appear to define a lower envelope in 

the abundance-temperature plane. The anti-correlation between magnesium deficiencies 

and effective temperature revealed in figure 7.12 does not appear to have been previously 

identified in the literature. Such systematics are potentially a powerful test of diffusion 

theory.

Snijders & Lamers (1975) have computed LTE and non-LTE equivalent widths for 

Mg II A2790, 2798 in the effective temperature range investigated here. They showed
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F ig u re  7.12: Magnesium abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

tha t the non-LTE equivalent widths of these lines are systematically larger than those 

derived from LTE calculations by approximately 10-16% for Teff in the range 10 GOO- 

16 000 K. Since the MgII A2928, 2936 lines originate from the same lower levels as these 

lines, their non-LTE corrections will be similar. Applying these correction factors to the 

analysis conducted here suggests tha t the LTE abundances are systematically in error 

by + 0.1- 0.2 dex; this accounts almost entirely for the marginally enhanced magnesium 

abundances obtained for the normal stars. For those stars with pronounced magnesium- 

depletions in their atmospheres, the correction factor will be somewhat larger since the 

lines concerned are formed on the saturated region of the curve-of-growth. Assuming that 

the 10-16 % correction factor for equivalent widths can be applied to stars with magnesium 

abundances 1 dex below solar, the associated systematic errors in inferred abundances will 

be ~  +0.15-0.35 dex. Therefore, the magnesium abundances derived here for the HgMn 

stars are probably overestimated by a similar amount.
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7.7 Alum inium

7.7.1 Introduction

Aluminium is a relatively poorly studied element in early-type peculiar stars because of 

its intrinsic weakness in the visual region of the spectrum. Consequently, until relatively 

recently, aluminium abundances had only been obtained for a few HgMn stars. An alu

minium deficiency of at least 3 dex in 112 Her was first derived by Seligman & Aller (1970) 

from the null-detection of A lii A3900. Dworetsky (1971) analysed A ll lines to show that 

aluminium is underabundant in HR4072 and present with an approximately solar abun

dance in x  Lup. Ross & Aller (1970) obtained a solar abundance of aluminium for i CrB, 

although Dworetsky (1980) subsequently demonstrated that this star is in fact a double

lined spectroscopic binary in which the Al lines are predominantly due to the secondary. 

Most recently, Sadakane, Takada & Jugaku (1983) took advantage of the access IUE  of

fers to the UV resonance lines of AlII and AlIII from which they determined aluminium 

abundances in a sample of 22 HgMn stars. They found that this element is depleted 

by 0.4-1.9 dex in these stars. However, their study was based on the analysis of mea

sured equivalent widths rather than detailed synthetic reconstruction of the spectra, and 

is therefore worthwhile reviewing with the more sophisticated analytical tools available to 

this study.

7.7.2 A nalysis o f  A l II A1670 and A lIII AA1854, 1862

Aluminium abundances were determined by fitting full synthetic spectra to the three UV 

resonance lines of aluminium: AlII A1670 and AlIII AA1854, 1862. Oscillator strengths 

were obtained from Wiese & M artin’s (1980) compilation of transition probabilties. For 

these resonance lines, the transition probabilities give a good approximation to the radia

tive damping constants for the upper levels. No published measurements or calculations of 

electron impact broadening data were found for AlII A1670. Therefore Professor Dimitri- 

jevic (Belgrade Astronomical Observatory) kindly computed these data on request using 

the semi-empirical method. For the Al III resonance lines, the Stark damping constant was 

taken from the semi-empirical electron-impact width calculations of Dimitrijevic (1988).

Although all of the lines analysed are moderately strong, they suffer from varying
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degrees of contamination by blending lines, particularly A1854 which was consequently not 

analysed by Sadakane, Takada & Jugaku (1983). Unfortunately, A1670 is disadvantaged 

by proximity to an IUE  camera faceplate reseau mark which is responsible for missing data 

points in some of the spectra analysed here; abundances were derived only from examples 

of this line in which at least one wing plus the line core was detected. Some examples of 

best-fit synthetic spectra are given in figure 7.13.

Aluminium abundances for the three resonance lines are given in table 7.8 where they 

are compared with results from Sadakane, Takada &: Jugaku’s (1983) survey. Comparing 

first the abundances derived from the different lines for each star, it appears tha t there is a 

general tendency for A1862 to yield higher values than A1854, which in turn yields higher 

values than A1670. This pattern is most apparent in the normal stars in which the lines 

concerned are strong and least susceptible to contamination by blending features; the mean 

differences for A1862 —A1854 and A1854 — A1670 are 0.2 dex and 0.3 dex respectively. Since 

the transition probabilities of these three lines are judged by Wiese & Martin (1980) to 

have fractional uncertainties within 10 %, the observed discrepancies are significantly larger 

than can be accommodated by errors in the oscillator strengths alone. Uncertainties in the 

damping constants are typically 30-50%; these correspond to errors of ~  0.1 dex in the 

inferred abundances and therefore can only partially account for the observed systematics. 

Alternative possible causes of the disagreement between the lines analysed are systematic 

errors in the blending features and non-LTE effects. With regard to the latter, it is 

interesting to note that the discrepancies are largest for the cool normal stars (e.g., 0 Leo, 

a  Lyr, and HR7098) and smallest for the hotter examples (e.g., r  Her and f  Oct). This 

is possibly related to the fact that the aluminium ionisation balance in the line-forming 

region of the atmosphere (log To & —1) reaches parity between the singly-ionised and 

doubly-ionised stages near the hot extreme of temperature range investigated (i.e., ~  

15 000 K). In the atmospheres of the cooler programme stars, aluminium is almost entirely 

in its singly ionised state and therefore the abundances derived from the doubly ionised 

lines axe particulaxly susceptible to small exroxs in the ionisation equilibrium. Sadakane, 

Takada & Jugaku (1983) recognised that the AlIII lines are less reliable than the AlII 

lines as indicators of atmospheric aluminium abundance for stars cooler than 14 000 K and 

weighted their derived abundances accordingly (although they did not state exactly how).
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Table 7.8: Aluminium abundances derived from UV lines of AlII and AlIII.

Star HD Derived abundance Published abundance
A1670 A1854 A1862 Adopted* UVT Vis.1 Ref.*

Normal Stars
it Cet 17081 6.0 6.2 6.3 6.1 ± 0 .1 6.2 6.19 [1]
134 Tau 38899 6.0 6.5 6.6 6.2 ± 0 .2 6.3 6.15 [1]
6 Leo 97633 6.2 6.6 7.1 6.3 ± 0 .2 • • . 5.97 [1]
t Her 147394 6.0 6.1 6.2 6.1 ± 0 .1 6.2 6.21 [1)
£ Dra 155763 6.2 6.5 6.5 6.4 ± 0 .1 6.3 • . •
a  Lyr 172167 5.6 6.2 6.5 5.8 ± 0 .2 5.6 5.37 m
HR7098 174567 6.2 6.6 7.0 6.4 ± 0 .2 • • . • • • . . .
21 Aql 179761 6.0 6.2 6.2 6.1 ± 0 .1 5.86 [i]
v Cap 193432 6.2 6.2 6.5 6.2 ± 0 .1 6.3 5.97 [i]
£ Oct 215573 5.9 6.2 6.2 6.1 ± 0 .1

Superficially Normal Stars
HR7338 181470 6.2 6.8 6.6 6.4 ± 0 .2
46 Aql 186122 4.1 3.0 4.5 4.0 ± 0 .4 5.0 • • •
k Cep 192907 6.0 6.3 6.6 6.1 ± 0 .2 • • • • . .
HR7878 196426 6.0 6.2 6.2 6.1 ± 0 .1
21 Peg 209459 6.2 6.0 6.3 6.2 ± 0 .1

HgMn Stars
87 Psc 7374 5.1 5.2 5.6 5.3 ± 0 .2 • . • • • • • i •
<f> Phe 11753 4.6 5.0 5.0 ± 0 .1 • • • • • •
53 Tau 27295 4.8 5.4 5.6 5.2 ± 0 .3 5.3 « . •
H Lep 33904 <4.0 4.5 5.5 4.8 ± 0 .4 5.1 . • * • • .
HR1800 35548 • • 4.6 4.9 4.9 ± 0 .1 5.3 • • • «• •
33 Gem 49606 4.8 4.0 4.8 4.6 ± 0 .2 5.2 • • • • • *
HR2676 53929 • • 3.3 4.4 4.4 ± 0 .1 • • • «• •
HR2844 58661 5.2 5.1 5.3 5.2 ± 0 .1 • • • • . • • ..
v Cnc 77350 5.8 6.1 6.3 5.9 ± 0 .1 6.0 5.62 [2]
k Cnc 78316 <3.5 3.6 4.8 4.1 ± 0 .4 4.5 • • • • • •
36 Lyn 79158 5.9 • • . 5.9 ±  0.5 5.5
HR4072 89822 4.6 4.7 5.5 4.8 ± 0 .3 4.9 <5.48 [3]
X Lup 141556 6.1 6.1 4.7 6.0 ± 0 .2 6.0 6.32 [3]
i CrB 143807 • • • 4.9 5.2 5.2 ± 0 .1 5.1 • • • • • .
v Her 144206 4.3 4.4 4.8 4.5 ± 0 .2 5.1 • • • • • •
HR6000 144667 • • • • • • . . . • • • • « .
<f> Her 145389 4.8 5.1 6.1 5.4 ± 0 .4 5.3 • » • • • •
28 Her 149121 • . • 4.1 5.0 5.0 ± 0 .1 • • • • • • • • •
HR6997 172044 5.0 • • . 4.6 4.9 ± 0 .2 5.2 • • • • • •
112 Her 174933 <3.5 3.1 4.5 3.8 ± 0 .4 5.1 <3.5 [4]
HR7143 175640 4.5 4.9 5.5 4.9 ± 0 .3 5.2 • • •
HR7361 182308 4.0 3.1 4.7 4.1 ± 0 .4 4.9 • • • • . •
HR7664 190229 <4.5 3.0 5.0 4.5 ± 0 .5 • • • • • • • • •
HR7775 193452 5.6 5.7 5.7 ± 0 .1 6.0 « • •

Scl 221507 4.3 3.8 5.4 4.7 ± 0 .5

N otes fo r T able 7.8: * Weighted mean abundance and standard error (see text). * Abundances from UV 
lines given by Sadakane, Takada ic Jugaku (1983). * Abundances from visual region lines. sReferences: [1] 
Adelman (1991); [2] Adelman (1989); [3] Dworetsky (1971); [4] Seligman & Aller (1970).
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Here, weighted mean abundances were computed using the synthetic equivalent widths 

of the fitted aluminium lines as relative weights. This is justified in the sense tha t the 

equivalent widths are an indirect measure of the ionisation fraction in the line-forming 

region of a stellar atmosphere and because the deleterious effects of blending lines are 

inversely proportional to the strength of a specific line of interest.

Comparing next the mean aluminium abundances derived here with those obtained by 

Sadakane, Takada & Jugaku (1983), it is clear that for the normal stars the agreement is 

generally quite good, with the abundances derived here being generally smaller by approxi

mately 0.1 dex. This difference can be attributed to the fact that Sadakane et a1. neglected 

the contribution of Stark broadening in their calculations. This conclusion was verified 

for the two lines in common between the studies by comparing curves of growth computed 

with the adopted Stark damping constants and with Stark damping constants of zero. For 

the HgMn stars, however, the abundances derived here are 0.2- 1.0 dex smaller than those 

obtained by Sadakane et al.; this substantial discrepancy is almost entirely due to their 

neglect of blending features in the measured equivalent widths. To check this supposition, 

abundances were derived using the Sadakane et al. equivalent widths and atmospheric 

parameters; the resulting differences with respect to their published values were found to 

be less than a few percent. Their measured equivalent widths were also compared with 

synthetic equivalent widths derived here for the aluminium lines and were found to be 

significantly larger. Unfortunately, due to inherent weakness of the aluminium lines in the 

HgMn stars, the deleterious effect of contamination by blending lines is quite profound. 

The true deficiency of aluminium in HgMn star atmospheres is, as a consequence, more 

extreme than previously considered by Sadakane et al..

7.7.3 D iscussion

Mean aluminium abundances are plotted as a function of effective temperature in fig

ure 7.14 where they are compared with the solar abundance of 6.47 dex (Anders & Grevesse

1989). Note that amongst the normal and superficially normal stars, only a  Lyr shows a 

significant deviation from a mean abundance of 6.1 ± 0.1 dex (s.d.). The HgMn stars, how

ever, are almost all depleted in aluminium by amounts greater than ~  1 dex and typically 

as much as ~  2 dex. Exceptions to this uniformity of behaviour include v Cnc, 36 Lyn,
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F ig u re  7.14: Aluminium abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

X Lup and (possibly) HR7775 for which the inferred aluminium abundances are consistent 

to within the joint formal errors with the mean value for normal standards. In contrast, 

it is interesting to note tha t the hot, mild HgMn star 46 Aql seems to have an aluminium 

deficiency as well developed as that found for most of the classic HgMn’s.

7.8 Silicon

7.8.1 Introduction

Silicon was first investigated systematically in the HgMn stars by Searle & Sargent (1964); 

in an analysis of blue region Si II lines they derived approximately solar abundances of this 

element for a sample of eight stars. Mihalas & Henshaw (1966) subsequently re-analysed 

their data deriving essentially identical results. In a detailed visual-region analysis of the 

HgMn star 112 Her, Seligman & Aller (1970) discovered a silicon deficiency of 0.8 dex. 

This result was later confirmed by Kodaira & Takada (1978) in an analysis of 14 HgMn 

stars; they also identified 129 Tau as a second example of a silicon-deficient member of
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the class. Heacox’s (1979) photographic survey of 20 HgMn stars yielded approximately 

solar abundances of silicon with the exception of 20 Tau for which an underabundance of 

0.8 dex was indicated. Later work by Mon, Hirata & Sadakane (1981) verified the silicon 

anomaly in 20 Tau.

Silicon abundances in the HgMn stars are of particular interest because of the exis

tence of the Si-rich class of chemically peculiar stars in the same region of the Teff-log g 

plane. One of the observational paradoxes that diffusion theory must explain is the ap

parent dichotomy between these two classes of otherwise similar objects. In this respect, 

accurate abundances for a statistically significant sample of the HgMn class would pro

vide a powerful diagnostic tool. Previous work has established that silicon is essentially 

normal in these stars and that, moreover, in those few examples where it is anomalous, 

it is underabundant. As will be discussed in chapter 8, the key parameter which controls 

the diffusion of silicon in stellar atmospheres in the surface magnetic field strength. As 

such, atmospheric silicon abundances might provide an indicator of the possible presence 

of such fields in HgMn stars.

7.8.2 A nalysis o f  S i l l  AA1526, 1533

Silicon abundances were derived by fitting full synthetic spectra to the UV resonance lines 

Sill AA1526, 1533. These are strong in most of the programme stars and are therefore 

relatively insensitive to contamination by blending lines. Furthermore, Kamp (1978) has 

shown that this multiplet is little-affected by non-LTE processes in stars of spectral types 

B5 and earlier. For these calculations, the multiplet oscillator strength was taken from the 

compilation of Lanz & A rtru (1985) from which individual log g f  values were derived using 

the branching ratio of 1 inferred from Wiese, Smith & Miles’ (1969) A-values. Radiative 

damping was assumed for the upper level using the summed transition probability for 

transitions to the 3p2P° state. The Stark damping constant for electron perturbers was 

taken from Sahal-Brechot & Segre (1971a, b).

Examples of best-fit synthetic spectra are illustrated in figure 7.15. The general quality 

of the fits is good with slightly better results obtaining from A1533. For a few stars, the 

A1526 line is corrupted by the presence of a nearby reseau mark on the IUE  camera 

faceplate. Contamination by an interstellar feature is also a potential problem for this line
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since it originates from the ground state. In some of the spectra, unusually sharp cores 

were observed in A1526; these were occasionally wavelength-shifted with respect to the 

synthetic spectra suggesting their possibly identity with an interstellar component. The 

results for A1526 should therefore be considered slightly less reliable than those for A1533, 

although to a great extent the potential errors introduced by interstellar contamination 

were ameliorated by weighting the line profile wings rather than the cores.

Derived abundances and mean values are presented in table 7.9 where they are com

pared with published values taken primarily from analyses of blue region lines. Agreement 

with the more recent published analyses (particularly those of Adelman) is excellent for 

most of the stars investigated; significant discrepancies are largely confined to those stars 

which are particularly difficult to analyse due to, for example, high v s in i  or spectro

scopic binarity. Recent detailed calculations of the strengths of the blue region lines 

Sill AA4128, 4130 for model atmospheres of Tea =  25000K have indicated that non-LTE 

effects on equivalent widths are typically ~  10% (Lennon et aI. 1986; Becker & Butler

1990). Kamp’s (1978) calculations for the UV resonance doublet indicated non-LTE effects 

of less than 2 % for main sequence stars with Ten =  15 000 K. Thus the UV resonance lines 

are probably one of the most reliable probes of atmospheric silicon abundance available 

for late B-type stars.

7.8.3 D iscussion

Mean silicon abundances are plotted as a function of effective temperature in figure 7.16 

where they are compared with the solar abundance of 7.55 dex (Anders & Grevesse 1989). 

W ith the exception of a  Lyr (which is evidently significantly silicon-deficient), the nor

mal stars are distributed about the solar abundance with a dispersion of approximately 

0.07 dex. The HgMn stars, however, show a remarkable diversity in silicon abundances 

from deficiencies as large as ~  0.6 dex in 46 Aql and 112 Her to mild overabundances of 

0.3 dex such as observed in HR2844 and HR7361. Numbered amongst the strongly silicon- 

depleted stars are 46 Aql and HR6000 (the latter not analysed here due to unavailability 

of an archival IUE  SW spectrum). Applying an F-test to the normal/superficially normal 

and classic HgMn samples (excluding the strongly silicon-weak stars a  Lyr, 46 Aql and 

112 Her) indicates a difference in the variances of the distributions which is significant
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F ig u re  7.16: Silicon abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

at the 99.8% confidence level. This significant spread in the silicon abundances of the 

HgMn stars does not appear to have been previously identified in the literature. Such a 

dispersion can not be attributed to errors in the analysis; errors in the abundances due to 

uncertainties in the atmospheric parameters Teff, log <7, and £ are small for the lines anal

ysed. Systematic errors in the oscillator strengths, damping constants or line-formation 

can not, of course, account for the dispersion in abundances; note how both under- and 

over-abundances of silicon are seen across the entire temperature range investigated. Fi

nally, it is interesting to observe that, in keeping with other light elements analysed here, 

the largest excursions from ‘normal’ abundances are observed for HgMn stars in the small 

effective temperature range 13 000-14000K. The results obtained here present further 

hitherto-unexploited tests of diffusion theory.
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7.9 Chromium

7.9.1 Introduction

In their review of early type stars with abnormal spectra, Jaschek & Jaschek (1974) stated 

tha t chromium tends to be normal or slightly weak in manganese stars with the exception 

of <f> Her where it is strong. In contrast, Heacox (1979) found that this element was 

overabundant in most of the HgMn stars he surveyed, although he commented that a 

microturbulence of 3 km s_1 would reduce the average abundance to near the solar value. 

Guthrie’s (1984) analysis also provided evidence for mildly enhanced chromium in HgMn 

stars he surveyed which encompassed a range of 0.8 dex in abundance. In chapter 6, 

chromium abundances were derived from photographic spectra for a small selection of the 

programme stars; these results confirmed the general enhancement of this element in most 

HgMn stars in contrast to near-solar abundances in the normal and superficially normal 

stars. However, the mildly peculiar star 46 Aql departs somewhat from this pattern by 

exhibiting a chromium deficiency of at least 0.6 dex. In this section, the systematics of 

chromium abundances are investigated by using strong UV lines of Cr II.

7.9.2 A nalysis o f  CrII Lines

Chromium abundances were derived by fitting spectra to the CrII resonance multiplet 

lines AA2055, 2061 and to the subordinate lines AA2653, 2666, 2971, 2989. The resonance 

line A2065 and the subordinate line A2835 were also considered for analysis but proved 

to be unsuitable because of severe contamination by blends. Oscillator strengths for the 

resonance lines were taken from the Aashamar & Luke (1990). For the subordinate lines 

analysed here, Martin, Fuhr h  Wiese (1988) list oscillator strengths which they estimate 

to  have uncertainties within 50% (i.e., ~  ±0.2 dex). Radiative and Stark broadening data 

were taken from Kurucz (1990) for all lines analysed.

Some examples of best fit synthetic spectra for A2055 and A2653 are illustrated in 

figure 7.17. Note that A2061 (illustrated in figure 7.30) is blended with the zinc resonance 

line Znll  A2062 for which abundances were adopted from §7.15. Most of the lines analysed 

are quite strong, but are situated in fairly complicated blends. On the other hand, although 

the lines longwards of 2900 A are quite weak they nevertheless show relatively clean profiles.
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Table 7.10: Chromium abundances derived from UV lines o f CrII.

Star HD Chromium abundance
Ref.’A2055 A2061 A2653 A2666 A2971 A2989 Mean* Pub.’

Normal Stars
7r Cet 17081 5.3 6.1 5.4 6.1 6.7 6.3 6.0 ± 0 .2 5.46 [1]
134 Tau 38899 5.5 5.7 5.8 5.7 6.1 5.6 5.7 ± 0 .1 5.59 [1]
9 Leo 97633 5.7 5.8 6.2 5.9 6.7 6.5 6.1 ± 0 .2 5.68 [1]
r Her 147394 4.9 5.6 •  •  • 5.5 6.7 5.9 5.7 ± 0 .3
£ Dra 155763 5.2 5.3 4.9 5.5 5.8 5.3 ± 0 .2
Q Lyr 172167 5.2 5.4 5.6 5.2 5.8 5.6 5.5 ± 0 .1 5.23 [1]
HR7098 174567 5.8 6.4 6.6 6.7 6.2 6.4 6.4 ± 0 .1 5.90 [2]
21 Aql 179761 5.4 5.4 5.4 6.2 5.5 6.0 5.7 ± 0 .2 5.36 [1]
v Cap 193432 5.5 5.5 4.9 5.8 5.9 6.1 5.6 ± 0 .2 5.87 [1]
£ Oct 215573 5.6 6.6 5.3 5.4 5.0 5.1 5.5 ± 0 .2

Superficially Normal Stars
HR7338 181470 5.5 5.3 5.9 5.4 6.2 5.7 5.7 ± 0 .1 5.81 [2]
46 Aql 186122 3.6 4.1 4.7 4.2 4.3 4.5 4.2 ±  0.2 <5.1 [2]
k Cep 192907 5.4 5.1 6.0 6.3 7.3 6.8 6.2 ± 0 .3 5.85 [2]
HR7878 196426 5.6 4.2 5.8 5.2 5.6 5.9 5.4 ± 0 .3
21 Peg 209459 5.6 5.6 5.8 5.6 5.4 5.9 5.7 ± 0 .1 5.70 [2]

HgMn Stars
87 Psc 7374 6.2 6.8 5.5 5.3 5.8 5.9 ± 0 .3 6.69 [2)
<f> Phe 11753 5.6 6.2 6.2 6.2 6.6 6.5 6.2 ± 0 .1 • • •

53 Tau 27295 5.9 6.1 6.5 5.7 6.2 6.1 6.1 ± 0 .1 6.11 [3]
/i Lep 33904 5.6 6.1 7.0 6.0 6.7 6.4 6.3 ± 0 .2 5.97 [3]
HR1800 35548 6.1 6.0 6.2 5.5 5.7 5.3 5.8 ± 0 .2 6.16 [2]
33 Gem 49606 5.3 •  •  • 5.3 5.4 6.4 6.7 5.8 ± 0 .3 • •  •

HR2676 53929 • •  . •  •  • 4.4 4.5 4.2 4.6 4.4 ± 0 .1 <4.9 W
HR2844 58661 6.2 6.8 5.2 5.9 7.2 6.3 ± 0 .4 7.2 [4]
u Cnc 77350 6.1 6.4 6.7 6.7 6.1 7.0 6.5 ± 0 .2 6.12 [3]
k Cnc 78316 5.7 6.5 6.3 5.4 5.9 5.8 5.9 ± 0 .2 5.58 [3]
HR4072 89822 6.1 6.4 6.3 6.0 5.7 6.0 6.1 ± 0 .1 6.0 [5]
X Lup 141556 5.8 • .  ' 6.1 5.3 6.2 5.1 5.7 ± 0 .2 6.19 [6]
l CrB 143807 6.2 6.0 6.4 6.6 6.4 7.0 6.4 ± 0 .1 5.99 [3]
v Her 144206 5.9 5.1 6.7 5.9 6.5 6.7 6.1 ± 0 .3 6.16 [7]
HR6000 144667 4.0 5.8 5.8 6.1 6.4 5.6 ± 0 .4 5.8§ [8]
<f> Her 145389 6.4 6.7 6.8 6.8 6.6 6.8 6.7 ± 0 .1 6.50 [3]
28 Her 149121 5.7 6.0 5.8 5.8 5.9 6.5 5.9 ± 0 .1 5.72 [3]
112 Her 174933 4.9 4.0 4.9 5.1 5.7 5.8 5.1 ± 0 .3 5.7 [5]
HR7143 175640 6.3 6.5 6.6 6.2 6.6 6.5 6.5 ± 0 .1 6.66 [2]
HR7361 182308 4.9 4.6 6.0 5.2 5.6 5.2 5.3 ± 0 .2 <5.9 [2]
HR7664 190229 4.4 5.0 5.0 5.4 5.6 5.1 ± 0 .2 5.30 [3]
HR7775 193452 6.4 6.9 6.7 5.3 6.4 6.1 6.3 ± 0 .2 6.23 [2]
/? Scl 221507 6.2 6.1 7.3 7.0 6.7 ± 0 .3

N otes for Table 7.10: *Mean abundance and standard error. *Published chromium abundance from 
either visual region lines or, where indicated by §, UV lines. * References: [l] Adelman (1991); [2] This 
work (chapter 6); [3] Adelman (1989); [4] Heacox (1979); [5] Guthrie (1984); [6] Adelman & Philip (1990); 
[7] Adelman & Fuhr (1985); [8] Castelli et al. (1985).
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The inferred chromium abundances and mean values are presented in table 7.10 where 

they are compared with published values derived from visual region lines. The line-to-line 

scatter is quite large for some of the programme stars particularly the hotter examples in 

which the chromium lines are intrinsically weak due to a shift in the ionisation equilibrium 

in favour of the doubly ionised state. The abundances derived for the HgMn stars 36 Lyn 

and HR6997 were considered to be too uncertain to present here; the analyses of these 

stars were severely hindered by the combination of relatively high v sin i and high Teff (the 

la tter resulting in weak CrII lines). For most stars analysed, the agreement between the 

UV and visual region abundances is to within 2a.

^  0 Her I) 0  Scl 
HR7143 i  T

CO

i£ a  Lyr

£  HR2676
46 Aql

9 10 12 1311 14 15

T,„ ( 1 0 3 K )

F ig u re  7.18: Chromium abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.9.3 D iscussion

Mean chromium abundances are plotted as a function of effective temperature in figure 7.18 

where they are compared with the solar abundance of 5.67dex (Anders & Grevesse 1989). 

Chromium abundances for the normal and superficially normal stars appear to be rather 

widely distributed about the solar abundance. The HgMn stars are evidently mildly
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chromium-rich except above ~  13 000 K where they are broadly scattered around the 

solar abundance with only two stars, 46 Aql and HR2676, exhibiting significant chromium 

deficiencies. Note that the abundances derived for 46 Aql and HR2676 are consistent with 

the upper limits derived from their visual region spectra, providing strong support for the 

reality of these elemental deficiencies.

7.10 Manganese

7.10.1 Introduction

Manganese is, by definition, enhanced in the HgMn stars to  varying degrees. In their 

review, Jaschek & Jaschek (1974) claim that the manganese abundances in HgMn stars 

are not correlated with their “colours or magnetic fields” . However, in his review of 

chemically peculiar stars, Preston (1974) cites the early discovery of a positive correlation 

between [Mn/H] and Ten by Aller (1970) based on various published analyses of 11 HgMn 

stars. This correlation found confirmation in Heacox’s (1979) and G uthrie’s (1984) subse

quent photographic surveys. In chapter 6, recently published manganese abundances were 

combined with those obtained from an analysis of the visual region spectra of selected 

programme stars to demonstrate a well-defined correlation between [Mn/H] and Teff in 

the manganese stars.

Two possible interpretations of the abundance-temperature correlation have been sug

gested: one in terms of a true abundance variation in the atmospheres of the manganese 

stars, and the other in terms of a selection effect whereby the most extreme Mn anomalies 

are more readily detected in the hotter stars. The selection effect interpretation was ad

dressed by Wolff & Wolff (1974) and Wolff & Preston (1978) who examined strong M nll 

lines in the near UV. Their studies seem to show tha t such selection effects do not play a 

dominant role in the discovery of manganese stars and that by implication the abundance- 

temperature correlation is ‘real’. Nevertheless, the reality of this correlation has been 

called into question, notably by Cowley (19806) who has emphasised the importance of 

hot, mild manganese stars (such as 46 Aql and 23 Cas) in detracting from any such corre

lation. In this section, manganese abundances are derived from the strong resonance lines 

of Mn II in order to investigate their systematics in detail, particularly amongst the normal
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and mild manganese stars in which the visual region lines are not usually detectable.

7.10.2 A nalysis o f  M n ll A2576, 2593, 2605

Manganese abundances were derived by fitting full synthetic spectra to the resonance lines 

M nll A2576, 2593, 2605. These are sufficiently strong to be detected even in the hottest 

normal stars of this programme and it is thereby possible to provide ‘control’ data for the 

manganese stars across their entire range in Teff. Oscillator strengths were taken from 

Kurucz (1990) for the ‘raie ultim e’ A2576 and from Martin, Fuhr & Wiese (1988) for 

AA2593, 2605. For all three lines, radiative and Stark broadening data were adopted from 

Kurucz (1990).

Examples of best-fit synthetic spectra are illustrated in figure 7.19. The least blended 

of the lines is A2576 for which an excellent agreement was obtained between synthetic and 

observed spectra for most stars. The other two lines are more heavily blended, especially 

A2605 which is superimposed by a strong Fell line. In the hottest Mn-rich stars, the 

resonance lines have extended wings which are difficult to fit simultaneously with the line 

cores, the la tter being deeper than expected for LTE line formation. In this spectral region, 

the atmosphere becomes optically thin to line-centre radiation only in the most superficial 

layers where the LTE assumption is unlikely to be valid. Therefore, in practice the fits 

were weighted in favour of the wings although some degree of compromise was exercised 

in deriving the final abundances. In some cases, possible interstellar contamination of the 

resonance lines was indicated by the presence of a wavelength-shifted component. This 

is not expected to introduce significant error in the inferred abundances of most of the 

programme stars due to the combination of the great strength of the photospheric lines 

and the low reddening implied by photometry (see chapter 4).

The derived abundances and their mean values are presented in table 7.11 where they 

are compared with published values from visual region lines. The abundances show a 

high degree of internal consistency. Agreement with the published abundances is usually 

satisfactory with the notable exception of HR1800 for which the visual region abundance 

exceeds the UV value by approximately 0.8 dex.
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Chapter 7

Table 7.11: Manganese abundances derived from the UV resonance lines o f M nll.

Star HD Manganese abundance
Ref.*A2576 A2593 A2605 Mean* Pub.t

Normal Stars
7r Cet 17081 5.70 5.55 5.50 5.60 ±0 .05
134 Tau 38899 5.25 5.40 5.35 ±0 .10 • r *

8 Leo 97633 5.35 5.45 5.65 5.50 ±0 .10 5.69 [1]
t Her 147394 6.10 5.70 5.75 5.85 ±0 .15 • • •

£ Dra 155763 5.40 5.20 5.85 5.50 ±0 .20 • • •

a  Lyr 172167 4.95 5.00 5.20 5.05 ±0 .10 4.80 [1]
HR7098 174567 5.50 5.75 5.85 5.70 ±0 .10 <5.3 [2]
21 Aql 179761 6.00 6.50 6.10 6.20 ±0 .15
v Cap 193432 5.10 5.20 5.25 5.20 ±0.05 5.31 [1]
£ Oct 215573 5.00 5.20 4.80 5.00 ±0 .10

Superficially Normal Stars
HR7338 181470 5.60 5.60 5.40 5.55 ±  0.05 <5.4 [2]
46 Aql 186122 6.30 6.40 6.20 6.30 ±0 .05 6.49 [2]
k  Cep 192907 5.25 5.55 5.60 5.45 ±  0.10 5.38 [2]
HR7878 196426 5.45 5.75 5.75 5.65 ±0 .10
21 Peg 209459 5.45 5.70 5.85 5.65 ±0 .10 <4.9 [2]

HgMn Stars
87 Psc 7374 7.45 7.30 7.40 7.40 ±0 .05 7.47 [2]
<f> Phe 11753 6.10 6.35 6.10 6.20 ±0 .10
53 Tau 27295 7.25 7.25 7.25 7.25 ±0 .00 7.32 [3]
p Lep 33904 7.45 7.60 7.45 7.50 ±0.05 7.50 [3]
HR1800 35548 6.20 6.20 5.70 6.05 ±0 .15 6.89 [2]
33 Gem 49606 7.40 7.40 7.65 7.50 ±0 .10 • • •

HR2676 53929 6.10 5.80 6.55 6.15 ±0.20 t '  • • . .

HR2844 58661 7.80 8.10 7.85 7.90 ±0 .10 .  .  , • • •

v  Cnc 77350 6.10 5.95 5.90 6.00 ±0 .05 6.12 [3]
k  Cnc 78316 7.60 7.85 7.95 7.80 ±0 .10 7.55 [3]
36 Lyn 79158 5.30 4.90 5.45 5.20 ±0 .15
HR4072 89822 5.85 6.15 5.75 5.90 ±0 .10 6.04 W
X Lup 141556 4.80 4.80 4.95 4.85 ±0 .05 5.39 [4]
i CrB 143807 6.45 6.85 6.40 6.55 ±0 .15 6.89 [3]
v  Her 144206 7.05 7.10 7.15 7.10 ±0 .05 7.01 [5]
HR6000 144667 6.50 6.70 6.90 6.70 ±0 .10 6.7 [6]
<f> Her 145389 6.80 7.05 7.00 6.95 ±0 .10 6.92 [3]
28 Her 149121 6.15 6.50 6.35 6.35 ±0 .10 6.39 [3]
HR6997 172044 8.10 8.15 8.20 8.15 ±0 .05 7.60 [2]
112 Her 174933 6.60 6.75 6.90 6.75 ±0 .10 6.5 [7]
HR7143 175640 7.55 7.75 7.60 7.65 ±0 .05 7.75 [2]
HR7361 182308 7.90 8.00 7.85 7.90 ±0 .05 7.98 [2]
HR7664 190229 6.00 6.50 6.45 6.30 ±0 .15 6.58 [3]
HR7775 193452 6.10 6.25 6.05 6.15 ±0 .05 6.36 [2]
/? Scl 221507 7.35 7.50 7.30 7.40 ±  0.05

Notes for Table 7.11: ‘Mean abundance and standard error. * Manganese abundance from blue-visual 
region lines. *References: [1] Adelman (1991); [2] This work (chapter 6); [3] Adelman (1989); [4] Dworetsky 
(1971); [5] Adelman Sc Fuhr (1985); [6] Castelli et al. (1985); [7] Guthrie (1984).
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co

112 Her $ HR6000

46 Aql HR7664
HR2676
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36 Lyn

*  x Lup

1512 139 10 11 14

r,„ (io3k)

F ig u re  7.20: Manganese abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7 .1 0 .3  D isc u ss io n

Mean manganese abundances are plotted as a function of effective temperature in fig

ure 7.20 where they are compared with the solar abundance of 5.39 dex from Anders & 

Grevesse (1989). The mean abundance for the normal and superficially normal stars is 

5.5 ±  0.3 dex (s.d.) in good agreement with the solar abundance. The anomalously high 

manganese abundance for 21 Aql is interesting since this otherwise normal star was given 

the tentative attribution “Hg?” by Morgan (1935), although the presence of enhanced 

mercury in this star is not supported by an analysis of the UV resonance lines of H gll (see 

§7.18).

The HgMn stars exhibit an exceptionally strong and well-defined correlation with ef

fective temperature. There is however, a small group of HgMn stars in the Teff-range 

13 000-15 000 K which are only mildly Mn-rich; these include 46 Aql, HR2676, HR6000, 

112 Her, and HR7664. Two stars in the HgMn group, \  Lup and 36 Lyn, have manganese 

abundances of solar proportions or less. These results tend to confirm the tentative sugges

tion in chapter 6 that there exists a distinct group of hot, mild Mn stars which are difficult
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to identify using classical techniques. In this respect, it should be noted that amongst this 

group only HR7664 received an ‘Mn’ classification in the catalogues of Cowley et al. (1969) 

and Cowley (1972).

7.11 Iron

7.11.1 Introduction

Jaschek & Jaschek (1974) stated that iron is normal in HgMn stars. However, Hea- 

cox (1979) reported iron overabundances in most HgMn stars he surveyed, although 

this conclusion was somewhat tarnished by the existence of a large systematic difference 

(~  0.6 ±  0.4 dex) between the blue region and UV lines he analysed. In contrast, Guthrie 

(1984) found both over- and underabundances of Fe in the HgMn stars he investigated. 

This is confirmed by recently published data from analyses of photographic spectra as dis

cussed in chapter 6; notable examples of Fe-deficient HgMn stars are 53 Tau and 87 Psc 

in contrast to the mildly Fe-rich examples HR7361 and HR7664.

7.11.2 A nalysis o f Fe II lines

There is an enormous selection of Fe II lines available for analysis in the combined wave

length range of the IXJE cameras. However, in order to obtain accurate abundances only 

lines with B-grade (or better) oscillator strengths in Fuhr, Martin & Wiese’s (1988) com

pilation were analysed. In practice, this constrained the analysis to the LW region which 

fortuitously is characterised by a slightly lower line density than the SW region. Seven 

lines were selected from multiplet UV1 of the ground term (a 6D ): these were Fe II AA2598, 

2607, 2611, 2613, 2617, 2621, 2628. Three lines were selected from multiplet UV62 (lower 

term a AD ): these were Fell AA2730, 2743, 2755. None of these lines originates from a 

OeV level and thus interstellar contamination is not expected to be significant. Oscillator 

strengths were taken from the aforementioned compilation. Radiative and Stark broad

ening data were adopted from Kurucz (1990). Abundances were derived by fitting full 

synthetic spectra to the lines of interest.

Some examples of best-fit synthetic spectra are illustrated in figures 7.21 and 7.22. 

The UVl lines are generally quite strong in the programme stars, but many are embedded
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in complex blends (notably AA2598, 2607, 2613, 2628). The UV62 lines, however, all show 

relatively ‘clean’ profiles.

Individual line abundances and their straight mean values are presented in table 7.12 

where they are compared with published values taken primarily from visual region analy

ses. The internal consistency appears to  be excellent in most cases, with the higher vsin i 

stars (e.g., r  Her, 87 Psc, HR2844, and HR6997) presenting the largest line-to-line scatter. 

The external agreement is generally good for all but the highest vsin i stars if a ‘realistic’ 

uncertainty of ±0.3 dex is assumed for the abundances (cf. Baschek 1991). Clearly the for

mal errors of the analysis underestimate the true absolute errors in the abundances which 

are probably dominated by errors in the adopted atmospheric parameters (Teff, log#, f, 

etc.).

112 Her f
f  HR6000

46 Aql £

O
 Q —

□ a Lyr

53 Teu

O 87 Psc

9 10 12 13 1511 14

Tm  (103 K)

F ig u re  7.23: Iron abundances plotted as a function o f effective temperature. See fig
ure 7.2 for key.

7.11.3 D iscussion

Mean iron abundances are plotted as a function of effective temperature in figure 7.23 

where they are compared with the solar value, the most recent determination of which is
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7.54dex by Biemont et a1. (1991). These UV data  confirm the conclusions of chapter 6: 

most of the normal and superficially normal stars are quite tightly clustered about the 

solar abundance whereas the HgMn stars show a broad diversity in iron abundance which 

apparently increases with Teff. There are two normal stars, however, which show significant 

deficiencies of iron: these are a  Lyr and £ Dra. According to these UV abundances, 

87 Psc is the most Fe-deficient HgMn star in the programme, with an underabundance 

of approximately 1.1 dex with respect to the solar value. However, this abundance is 

somewhat more extreme than that implied from the analysis of its visual region spectrum 

(see chapter 6). The classic manganese star 53 Tau has a well-defined Fe deficiency of 

0.8 dex, in excellent agreement with its published visual region abundance. These iron 

deficiencies are comparable to that of 0.9 dex reported by Ptitsyn & Ryabchikova (1986) 

for the hot (Teff «  14 000 K) manganese star HR562. In contrast to these objects is a small 

group of mildly Fe-rich HgMn stars, the most extreme example of which is 112 Her with an 

overabundance of approximately 0.8 dex with respect to the sun. It is interesting to note 

that this sub-group comprises nearly all of those objects identified as hot, mild manganese 

stars (see §7.10) included amongst which is the superficially normal star 46 Aql. Finally, 

it is worthwhile to note that the total range in iron abundance observed in the HgMn 

sample analysed here is at least 1.6 dex, or more if the result for 87 Psc is accepted at face 

value; this is greater than tha t observed for any other group of chemically peculiar stars 

(cf. Ptitsyn & Ryabchikova 1986).

7.12 Cobalt

7.12.1 Introduction

Very few determinations of cobalt abundances in HgMn stars (or indeed normal stars) 

have been published. This is partly due to the fact that this element does not possess 

many lines in the photographic spectral region. Jaschek & Jaschek (1974) state that cobalt 

is generally weak or absent in the spectra of HgMn stars, the only exceptions at the time 

being <f> Her and tt1 B oo . In fact, Zimmermann, Aller & Ross (1970) identified only four 

lines of Co II in the visual region spectrum of <f> Her all of which were weak and implied an 

abundance in reasonable agreement with the solar value. However, neither of the studies
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of tt1 Boo by Montgomery & Aller (1969) or Strom (1969) reported the presence of Coll 

lines in its spectrum. Heacox (1979) and Guthrie (1984) did not present cobalt abundances 

for their samples of HgMn stars. Fortunately, IUE  spectra make accessible the strong UV 

lines of cobalt (including the resonance line). Sadakane, Nishimura & H irata (1986) took 

advantage of this fact to  derive a cobalt abundance for a  Lyr as did Castelli & Faraggiana 

(1979) in an earlier study making use of Copernicus spectra.

7.12.2 A nalysis o f  C o ll AA2286, 2307, 2580

Abundances were determined by fitting synthetic spectra to  Coll AA2286, 2307, 2580. 

For A2286 and A2307, oscillator strengths were taken from Fuhr, Martin & Wiese (1988) 

who give estimated uncertainties of better than 10% (i.e., ~  ±0.04 dex). The only source 

of data located for A2580 was Kurucz (1990) which was also consulted for radiative and 

Stark broadening data for all three lines. Some examples of synthetic spectra are given 

in figure 7.24. The A2286 line was the strongest and least blended of those analysed. 

Unfortunately, the cobalt lines are generally very weak or absent in the HgMn stars and 

therefore only upper limits could be derived in most cases.

Individual line abundances, or upper limits where appropriate, are presented in ta 

ble 7.13. But for a few exceptional cases, the internal consistency is satisfactory for the 

normal stars considering the relative weakness of the lines analysed. An uncertainty of 

±0.5 dex was estimated for the upper limits based on an uncertainty of ±10%  in the 

continuum location.

7.12.3 D iscussion

Mean cobalt abundances, or adopted upper limits where appropriate, are plotted as a 

function of effective temperature in figure 7.25 where they are compared with the solar 

abundance of 4.92 dex from Anders & Grevesse (1989). The normal and superficially 

normal stars appear to have solar or slightly enhanced abundances of cobalt. The mean 

abundance for this group is 5.52 ± 0.45 dex (s.d.). Most of the HgMn stars are evidently 

grossly cobalt-deficient ([Co/H] £  —2 dex), but there are, as before, notable exceptions 

which include the mildly cobalt-rich stars v Cnc and <f> Her, and cobalt-normal stars 87 Psc 

and 36 Lyn. It is interesting to note that the superficially normal star 46 Aql shares the
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Table 7.13: Cobalt abundances derived from UV lines o f C oll.

Star HD Cobalt abundance
A2286 A2307 A2580 Adopted*

Normal Stars
jt Cet 17081 5.8 5.3 6.1 5.7 ± 0 .2
134 Tau 38899 4.7 5.5 4.2 4.8 ±  0.4
6 Leo 97633 5.7 6.0 5.5 5.7 ± 0 .2
r Her 147394 6.5 5.0 5.7 5.7 ± 0 .4
C Dra 155763 4.9 4.7 4.8 4.8 ± 0 .1
a  Lyr 172167 5.5 4.3 4.4 4.7 ± 0 .4
HR7098 174567 6.1 6.2 6.0 6.1 ± 0 .1
21 Aql 179761 5.9 5.5 6.4 5.9 ± 0 .3
v  Cap 193432 5.9 5.0 4.9 5.3 ± 0 .3
(  Oct 215573 6.1 4.8 5.4 5.4 ± 0 .4

Superficially Normal Stars
HR7338 181470 5.7 5.8 6.0 5.8 ± 0 .1
46 Aql 186122 < 2.5 < 3.0 < 3.2 < 2.5 ±  0.5
k Cep 192907 5.9 5.4 6.2 5.8 ± 0 .2
HR7878 196426 < 6.3 5.5 5.2 5.7 ± 0 .3
21 Peg 209459 6.0 5.7 5.9 5.9 ± 0 .1

HgMn Stars
87 Psc 7374 6.5 5.3 5.2 5.7 ± 0 .4
<j> Phe 11753 3.0 < 2.5 < 3.5 < 2.5 ±  0.5
53 Tau 27295 3.8 < 3.5 <  3.5 3.8 ± 0 .5
p Lep 33904 3.8 < 2.5 <  4.0 3.8 ±  0.5
HR1800 35548 < 2.5 < 2.5 < 4.5 < 2.5 ± 0 .5
33 Gem 49606 < 4 .0 < 2.5 < 2.5 <  2.5 ±  0.5
HR2676 53929 < 4.0 <  2.5 <  4.0 <  2.5 ±  0.5
HR2844 58661 < 4.0 <  5.0 < 4.5 < 4.0 ± 0 .5
v Cnc 77350 6.3 6.7 6.1 6.4 ± 0 .2
k Cnc 78316 < 3.0 3.3: <  4.0 3.3 ±  0.5
36 Lyn 79158 6.0 5.5 6.0 5.8 ± 0 .2
HR4072 89822 < 3.5 <  3.5 < 2.5 <  2.5 ±  0.5
X Lup 141556 4.8 4.2 4.2 4.4 ± 0 .2
i CrB 143807 < 3.5 < 2.5 < 4.0 < 2.5 ±  0.5
v  Her 144206 <  2.5 <  3.5 < 4 .0 <  2.5 ±  0.5
HR6000 144667 < 4.0 <  3.0 <  3.0 <  3.0 ±  0.5
<f> Her 145389 6.4 5.9 6.0 6.1 ± 0 .2
28 Her 149121 < 2.5 <  2.5 < 2.5 < 2.5 ±  0.5
HR6997 172044 < 3.5 <  3.0 < 4.5 < 3.0 ± 0 .5
112 Her 174933 < 3.0 <  2.5 < 3.5 <  2.5 ± 0 .5
HR7143 175640 4.4? < 3.0 < 4 .0 <  3.0 ± 0 .5
HR7361 182308 < 2.5 <  2.5 <  4.0 <  2.5 ±  0.5
HR7664 190229 < 2.5 <  3.0 < 3.5 < 2.5 ±  0.5
HR7775 193452 4.5: < 2.5? 4.5: 4.5 ± 0 .5
0 S d 221507 < 3.5 < 2.5 < 4.5 < 2.5 ±  0.5

Notes for Table 7.13: ‘Mean abundance and standard error, or adopted upper limit and (in italics) 
estimated error.
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F ig u re  7.25: Cobalt abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

same cobalt deficiency as that observed in the classic HgMn stars. The cobalt abundances 

in both the normal and HgMn groups do not appear to be correlated with Teff, although 

it is possible that such a relationship is hidden within the upper limits obtained for most 

stars in the la tter sample.

These results constitute the first systematic determination of the abundance of cobalt 

in HgMn stars. The discrepancy between the mean cobalt abundance for the normal stars 

and the solar value appears to be greater than can be attributed to errors in the adopted 

atomic data, stellar parameters, and continuum placement.

7.13 Nickel

7.13.1 Introduction

Nickel, much like cobalt, is weak in the spectra of HgMn stars according to Jaschek & 

Jaschek (1974) and Preston (1974). Heacox (1979) stated that nickel was generally under- 

abundant in the HgMn stars he surveyed with deficiencies of almost 2 dex in 53 Tau and
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p  Lep. Guthrie (1984) concurred with this result, although the abundances he obtained 

were generally slightly lower than those of Heacox for stars in common between their stud

ies. Even in normal late-B stars, there are relatively few N ill lines suitable for analysis in 

visual region spectra: Adelman (1991) lists five which he identified in the coadded DAO 

spectrum of 21 Aql. The strong UV lines of this ion therefore provide a useful handle on 

the abundance wherever this element is deficient.

7.13.2 A nalysis o f  N i l l  AA2165, 2184, 2270, 2287

Nickel abundances were derived by fitting full synthetic spectra to the low excitation lines 

N ill AA2165, 2184, 2270, 2287. The adopted oscillator strengths were taken from Fuhr, 

M artin & Wiese (1988) and have estimated uncertainties of between 10 and 25% (i.e., 

±0.04 and ±0.11 dex respectively). Radiative and Stark broadening data were taken from 

Kurucz (1990). Some examples of best fit synthetic spectra for A2165 and A2184 are 

presented in figure 7.26.

Individual line abundances and mean values are presented in table 7.14 where they 

are compared with published values taken primarily from the visual region analyses by 

Adelman. The internal consistency is satisfactory for most stars, although less so for the 

higher usini  stars (e.g., 87 Psc, 36 Lyn, and HR6997). The external agreement is very 

good considering the rather large internal errors. The results for v  Her and HR6000 are 

exceptions since the published abundances are respectively 0.9 and 0.7 dex less than those 

suggested by this analysis.

7.13.3 D iscussion

Mean nickel abundances are plotted as a function of effective temperature in figure 7.27 

where they are compared with solar value of 6.25 dex from Anders & Grevesse (1989). 

The normal stars are scattered about the solar abundance with a dispersion of 0.35 dex. 

Apparent overabundances of nickel in this group are restricted to the coolest stars in the 

sample. The HgMn stars are generally Ni-deficient although there are some examples 

with solar abundances to within the formal errors of the analysis including, in particular, 

v  Cnc and 36 Lyn. The superficially normal star 46 Aql has one of the largest, and best- 

determined, nickel deficiencies of the stars analysed. An application of Student’s t-test
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Table 7.14: Nickel abundances derived from UV lines o f  NilL

Star HD Nickel abundance
Pub.t Ref.*A2165 A2184 A2270 A2287 Mean*

Normal Stars
ir Cet 17081 6.0 6.2 6.2 6.3 6.2 ± 0 .1 6.02 [1]
134 Tau 38899 6.1 6.0 5.4 5.6 5.8 ± 0 .2 6.15 [1]
0 Leo 97633 6.6 6.8 6.7 6.5 6.7 ± 0 .1 6.66 [1]
r  Her 147394 6.2 6.8 5.0 5.7 5.9 ± 0 .4 5.83 [1]
£ Dra 155763 5.4 5.4 6.0 5.2 5.5 ± 0 .2 • . .

a  Lyr 172167 5.6 6.0 5.8 6.0 5.9 ± 0 .1 5.71 [1]
HR7098 174567 6.5 6.7 6.6 6.5 6.6 ± 0 .1 6.90 [2]
21 Aql 179761 5.7 6.0 6.3 6.0 6.0 ± 0 .1 5.96 [1]
v Cap 193432 5.9 6.4 5.9 6.5 6.2 ± 0 .2 6.33 [1]
£ Oct 215573 5.8 6.1 6.1 5.8 5.9 ±  0.1

Superficially Normal Stars
HR7338 181470 6.5 6.7 6.6 6.4 6.6 ± 0 .1 5.90 [2]
46 Aql 186122 5.5 5.0 5.0 5.2 5.2 ± 0 .1 <5.1 [2]
k Cep 192907 5.9 6.7 6.5 6.4 6.4 ± 0 .2 <5.6 [2]
HR7878 196426 6.2 5.9 6.0 6.4 6.1 ± 0 .1
21 Peg 209459 6.3 6.5 5.8 6.5 6.3 ± 0 .2 6.50 [2j

HgMn Stars
87 Psc 7374 4.0 4.7 5.8 6.3 5.2 ± 0 .5 <5.7 (2]
<f> Phe 11753 5.0 5.6 5.3 4.6 5.1 ± 0 .2 . . •

53 Tau 27295 5.3 5.4 5.9 5.7 5.6 ± 0 .1 5.51
H Lep 33904 5.2 5.5 5.2 6.3 5.6 ± 0 .3 5.58 [3]
HR1800 35548 5.0 4.5 4.9 6.1 5.1 ± 0 .3 <5.2 [2]
33 Gem 49606 5.0 6.8 6.6 6.1 6.1 ± 0 .4
HR2676 53929 5.7 5.9 5.8 4.9 5.6 ± 0 .2 5.9 W
HR2844 58661 6.5 6.4 6.4 4.5 5.9 ± 0 .5 7.0 W
v Cnc 77350 6.5 6.7 6.2 6.2 6.4 ± 0 .1 6.38 [3]
k Cnc 78316 5.2 5.8 5.8 6.1 5.7 ± 0 .2 5.82 [3]
36 Lyn 79158 6.3 6.3 6.7 6.0 6.3 ± 0 .1 • • .

HR4072 89822 5.2 5.7 5.0 6.4 5.6 ± 0 .3 5.46 W
X Lup 141556 5.6 5.9 5.7 6.1 5.8 ± 0 .1 5.59 [5]
l  CrB 143807 5.7 6.1 6.1 6.0 6.0 ± 0 .1 6.10 [3]
t; Her 144206 4.6 5.7 6.0 5.7 5.5 ± 0 .3 4.60 [6]
HR6000 144667 6.0 6.0 5.3 5.4 5.7 ± 0 .2 5.0 [7]
<j> Her 145389 5.2 5.9 5.9 6.2 5.8 ± 0 .2 5.74 [3]
28 Her 149121 4.6 5.9 6.2 5.6 ± 0 .5 <5.3 [8]
HR6997 172044 4.0 6.0 6.5 5.5 ± 0 .8 <6.1 [2]
112 Her 174933 5.6 5.5 5.4 5.5 5.5 ± 0 .0 <5.3 [8]
HR7143 175640 5.2 5.8 6.6 5.6 5.8 ± 0 .3 <5.5 [8]
HR7361 182308 4.5 5.9 6.3 6.3 5.8 ± 0 .4 5.7 [8]
HR7664 190229 5.6 6.2 5.4 4.8 5.5 ± 0 .3 5.85 [3]
HR7775 193452 5.1 5.8 5.1 5.6 5.4 ±  0.2 <5.3 [8]
0  Scl 221507 6.4 5.9 5.6 6.0 ± 0 .2

N otes  fo r T able 7.14: *Mean abundance and standard error. * Abundance from blue-visual region lines. 
*References: [1] Adelman (1991); [2] This work (chapter 6); [3] Adelman (1989); [4) Heacox (1979); [5] 
Dworetsky (1971); [6] Adelman & Fuhr (1985); [7] Castelli et al. (1985); [8] Guthrie (1984).
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F ig u re  7.27: Nickel abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

for distributions with equal variances demonstrates that the normal/superficially normal 

and HgMn groups have significantly different means at a confidence level of better than 

99.9%. The nickel abundances are not significantly correlated with Tefr.

7.14 Copper

7.14.1 Introduction

The discovery of copper lines in the spectra of HgMn stars was first reported by Jacobs & 

Dworetsky (1981) based on a preliminary analysis of high resolution IUE  spectra. They 

analysed the resonance line Cull A1358 and two apparently unblended subordinate C ull 

lines at A2112 and A2242. For the HgMn stars, the derived abundances exhibited a striking 

positive correlation with Teff much like that observed for M nll (see §7.10). The Jacobs & 

Dworetsky sample comprised eleven of the HgMn stars in this programme amongst which 

only 112 Her showed no evidence for C ull absorption.
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7.14.2 A nalysis o f  C u ll AA1358, 2135

Copper abundances were derived by fitting full synthetic spectra to the resonance line 

C ull A1358 and the low excitation rale ultime C ull A2135. For the resonance line, the 

oscillator strength was taken from the calculations of Theodosiou (1986); this value is 

in excellent agreement with the laboratory measurement of Curtis, Engman & Martinson 

(1976). The radiative damping constant for this line was derived by summing the published 

A-values for the 4 p 1P° upper level and the Staxk damping constant was derived from the 

electron impact half-width given by Lakicevic (1983). For A2135, the adopted oscillator 

strength is from Kurucz & Peytremann (1975). Classical damping was assumed and 

an approximate Stark damping constant computed using the formula given by Griem 

(1968). The subordinate lines AA2112 and A2242 used by Jacobs & Dworetsky (1981) were 

considered for analysis, but proved to be rather more extensively blended than desirable.

Examples of best fit synthetic spectra for the two lines analysed here are presented 

in figure 7.28. As can be seen from these plots, the resonance line is the stronger of the 

two but is buried in a complex blend which is rather poorly reproduced by the synthetic 

spectra.

Derived abundances and mean values are presented in table 7.15. The internal con

sistency between the two lines is generally good considering the difficulty of the analysis 

and the relatively poorer quality atomic data available for A2135. Unfortunately, Jacobs 

& Dworetsky (1981) did not present their results in numerical form and hence there are 

no published values with which to make a direct quantitative comparison.

7.14.3 D iscussion

Mean copper abundances are plotted as a function of effective temperature in figure 7.29 

where they axe compared with the solar value of 4.21 dex from Anders & Grevesse (1989). 

From this plot it is apparent that the abundances obtained for the normal stars are gen

erally slightly higher than the solar value; the mean for the entire sample of 14 normal 

stars is 4.56 ±  0.42 dex (s.d.). This discrepancy is probably not significant considering 

the uncertainties in the analysis, principal amongst which are errors and omissions in the 

line list for blending features. Against this background, the copper deficiency of 0.8 dex 

inferred for 134 Tau is probably significant.
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Table 7.15: Copper abundances derived from TJV lines o f C ull.

Star HD Copper abundance
A1358 A2135 Mean*

Normal Stars
it Cet 17081 4.6 4.5 4.6 ±0.1
134 Tau 38899 3.6 3.2 3.4 ±0.2
9 Leo 97633 4.9 5.1 5.0 ±0.1
r  Her 147394 5.0 5.0 5.0 ±0.1
C Dra 155763 4.3 4.0 4.2 ±0.2
q Lyr 172167 4.3 4.4 4.4 ±0.1
HR7098 174567 4.6 5.2 4.9 ±0.3
21 Aql 179761 4.7 4.9 4.8 ±0.1
v Cap 193432 4.5 4.0 4.3 ±0.3
£ Oct 215573 4.4 4.7 4.6 ±0.2

Superficially Normal Stars
HR7338 181470 4.5 5.4 4.9 ±0.5
46 Aql 186122 5.8 5.9 5.9 ±0.1
k  Cep 192907 4.6 4.4 4.5 ±0.1
HR7878 196426 4.3 4.8 4.6 ±0.3
21 Peg 209459 4.5 4.7 4.6 ±0.1

HgMn Stars
87 Psc 7374 5.2 5.5 5.4 ±0.2
<j> Phe 11753 4.5 4.9 4.7 ±0.2
53 Tau 27295 5.1 5.4 5.3 ±0.2
p Lep 33904 5.5 5.5 5.5 ±0.1
HR1800 35548 4.9 4.5 4.7 ±0.2
33 Gem 49606 5.3 5.3 5.3 ±0.1
HR2676 53929 4.4 3.5 4.0 ±0.5
HR2844 58661 5.5 5.7 5.6 ±0.1
v Cnc 77350 4.9 4.8 4.9 ±0.1
k  Cnc 78316 5.8 5.8 5.8 ±0.1
36 Lyn 79158 3.9 3.9 ±0.1
HR4072 89822 4.1 5.2 4.7 ±0.6
X Lup 141556 4.1 3.6 3.9 ±0.3
i CrB 143807 4.7 4.2 4.4 ±0.3
v Her 144206 5.4 5.5 5.4 ±0.1
HR6000 144667 •  •  • 4.5 4.5 ±0.1
<f> Her 145389 5.1 5.3 5.2 ±0.1
28 Her 149121 4.7 4.8 4.8 ±0.1
HR6997 172044 5.7 5.8 5.8 ±0.1
112 Her 174933 3.4 3.2 3.3 ±0.1
HR7143 175640 5.0 5.3 5.2 ±0.2
HR7361 182308 6.4 6.4 6.4 ±0.1
HR7664 190229 5.6 5.7 5.7 ±0.1
HR7775 193452 4.2 4.6 4.4 ±0.2
/? Scl 221507 5.4 5.4 ±0.1

N otes fo r T able 7.15: *Mean abundance and standard error.
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HR7361 £

46 Aql A

HR6000

36 Lyn • O HR2676

134 Tau
112 Her <£

CO
1512 139 10 11 14

TM (103K)

F ig u re  7.29: Copper abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

In the HgMn stars, copper is clearly enhanced with overabundances which show a 

strong and well-defined correlation with Teff. Above 13 000 K, however, there are four 

HgMn stars which depart from this trend: these are HR2676, 36 Lyn, HR6000, and 

112 Her, the latter being remarkably Cu-deficient ([Cu/H] «  0.9dex) in accordance with 

the findings of Jacobs & Dworetsky (1981). The most Cu-rich star analysed here is HR7361 

for which the inferred abundance is 2.2 dex higher than the solar value.

These results present a qualitatively similar picture of the HgMn stars to that elabo

rated for manganese; comparing the diagnostic plots for these two elements (cf. figure 7.20) 

reveals striking similarities, particularly in the identities of those objects which depart from 

the abundance-temperature correlations concerned.
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7.15 Zinc

7.15.1 Introduction

Zinc is an element which, like copper, is almost impossible to observe in the visual region 

spectra of most early-type stars. Thus little was known of the systematics of this element 

in HgMn stars until the analysis of the UV resonance lines of Zn II by Sadakane, Jugaku 

& Takada-Hidai (1988a). They derived zinc abundances for a sample of 6 normal stars 

and 23 HgMn stars by fitting synthetic spectra to IUE  observations of the Znll A2062 

resonance line. In the HgMn stars they surveyed, they found that this element was either 

underabundant by typically 1-3 dex, or overabundant by up to 2 dex, but tha t it was never 

present in solar proportions. In contrast, they obtained zinc abundances within 0.2 dex of 

the solax value for all normal stars that they analysed. Sadakane et a1. did not attem pt 

to derive abundances from the Znll A2025 resonance line which they considered to be 

severely blended on the grounds that it was observed to be moderately strong even in 

those HgMn stars where A2062 was not detected (e.g., p  Lep). They confirmed the gross 

zinc deficiencies in the HgMn stars by searching for a weak subordinate Zn II line at A2064.

7.15.2 A nalysis o f  Z n ll AA2025, 2062

Zinc abundances, or upper limits where appropriate, were derived by fitting synthetic spec

tra  to the Znll A2025, 2062 resonance lines. For this analysis, coadded short wavelength 

spectra were used in preference to the long wavelength spectra because of the inferior 

signal-to-noise of the la tter and possible inter-order background contamination effects (for 

which I U E D R  does not apply a correction in the LW range). Oscillator strengths for these 

lines were taken from Curtis & Theodosiou (1989) for which Morton (1991) gives an esti

m ated 3cr uncertainty of ±0.082 dex. Radiative damping was assumed using the .4-values 

for the upper levels of the transitions. Stark damping constants (neglected by Sadakane 

et aJ.) were computed from the electron impact half-widths of Lakicevic (1983).

Examples of best fit synthetic spectra are presented in figure 7.30. For A2025, there 

appears to be an unaccounted blend in the red wing which is particularly prominent in 

the normal stars and less so in the HgMn’s. The synthetic spectra seem to provide a 

satisfactory representation of the A2062 line which is partially blended with the chromium
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resonance line CrII A2061 (see §7.9).

Zinc abundances derived from A2025 and A2062 are presented in table 7.16 where they 

are compared with the values derived by Sadakane et ai. Note that published abundances 

given in italics were derived from estimated equivalent widths rather than by fitting syn

thetic spectra, and are therefore potentially contaminated by blending lines.

CM

00o
<

v  Cnc

O

2 3-1 0 1
[Mn/H]

F ig u re  7.31: The difference in abundance inferred from the two zinc resonance lines 
A log A = log A(A2025) -  log A(A2062) plotted as a function o f relative manganese abun
dance [Mn/H] for normal stars (open squares), superficially normal stars (open triangles) 
and HgMn stars (filled circles). The error bars are internal standard errors; arrows indicate 
lower and upper limits.

Consider first the internal consistency in the derived abundances. For the normal and 

superficially normal stars, the internal agreement is good being typically within 0.2 dex. 

For the HgMn stars, however, there is a dichotomy between those that are Zn-rich (e.g., 

87 Psc, v Cnc, and <f> Her), for which A2025 and A2062 are in mutual accordance, and those 

tha t are Zn-poor (e.g., p Lep, 33 Gem, k Cnc, etc.), for which the zinc deficiencies inferred 

from A2062 are contradicted by near-solar abundances from A2025. This quantitatively 

confirms the remarks of Sadakane et a1. concerning the relative strengths of the zinc 

resonance lines in the Zn-poor and Zn-rich stars p Lep and <j> Her respectively. Sadakane
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Table 7.16: Zinc abundances derived from UV resonance lines o f Znll.

Star HD Zinc abundance
A2025 A2062 Pub.*

Normal Stars
7T Cet 17081 4.3 4.4 4.6
134 Tau 38899 3.6 3.4: 4.4
B Leo 97633 5.0 5.0 •  • •

r  Her 147394 4.2: 4.5 4.4
c Dra 155763 <  4.3: 4.6 4.9
ot Lyr 172167 3.4: 3.3: 4.6
HR7098 174567 4.9 5.0
21 Aql 179761 4.7 4.8
v Cap 193432 4.2 4.2 4.6
f  Oct 215573 4.5 4.1

Superficially Normal Stars
HR7338 181470 4.9 5.0
46 Aql 186122 6.0 6.0 6.2
k Cep 192907 4.2 4.6
HR7878 196426 4.9 4.5
21 Peg 209459 4.9 4.9

HgMn Stars
87 Psc 7374 3.8 3.8 5.2
<f> Phe 11753 3.4
53 Tau 27295 4.0 3.1 2.8
/i Lep 33904 4.1 < 1.0 0.6
HR1800 35548 4.2 2.2: 2.8
33 Gem 49606 4.2: < 1.0 < 1 1
HR2676 53929 4.7 1.7 < 3.3
HR2844 58661 3.3: < 1.0 < 14
v Cnc 77350 5.1 5.2 5.4
k Cnc 78316 4.3: < 1.0 2.6
36 Lyn 79158 < 1.0 2.8:
HR4072 89822 3.4: < 1.0 2.1
X Lup 141556 <  1.0 < 1.0 2.0
i CrB 143807 5.0 3.7 2.9
v Her 144206 4.6 4.2 3.4
<j> Her 145389 6.2 6.3 6.6
28 Her 149121 4.8 1.9:
HR6997 172044 •  • 2.2: 5.0
112 Her 174933 3.8: 1.9 2.8
HR7143 175640 4.7 2.8: 3.3
HR7361 182308 4.8:

°oH

3.1
HR7664 190229 4.7 2.5: •  .  •

HR7775 193452 4.6: 2.9: 2.6
ft Scl 221507 4.2 < 1.0 < 3.4

N otes for Table 7.16: * Abundances from Sadakane, Jugaku & Takada-Hidai (1988a) based on spectrum 
synthesis or, where given in italics, measured equivalent widths.
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et al. tendered the suggestion that A2025 is badly blended with two manganese lines 

(Mn II AA2025.404, 2025.417) which mask the zinc line in the HgMn stars. This hypothesis 

was tested by plotting the abundance difference between the zinc resonance lines (A2025 — 

A2062) as a function of manganese abundance for all programme stars as illustrated in 

figure 7.31. This plot reveals only marginal evidence for a positive correlation between 

the two variables in the HgMn group: most stars in the upper right of the A log A-[Mn/H] 

diagram are represented by lower limits whereas the lower left is sparsely populated with 

only x  Lup exhibiting zero discrepancy between the resonance lines. According to the 

line lists of both Kurucz & Peytremann (1975) and Kurucz (1990), the two manganese 

lines attributed to the A2025 feature by Sadakane et al. are expected to be relatively weak 

even in the manganese-rich HgMn stars. Other elements which are overabundant in the 

HgMn stars as demonstrated here and in chapter 6 include Sc, Ti, Cr, Fe, Cu, Ga, P t, 

and Hg; none of these yield convincing correlations against the abundance discrepancy. 

Thus, while it seems probable that A2025 is contaminated by unknown and unaccounted 

blending features in some HgMn stars, available evidence suggests that the identity of 

these features can not yet be uniquely attributed to the manganese spectrum or that of 

any other enhanced element studied here. For this reason, attention is now confined to 

the Zn II A2062 resonance line.

The A2062 abundances are generally lower than those obtained by Sadakane et al. Some 

of the published abundances were derived from simple equivalent width measurements 

rather than by fitting synthetic spectra (these are set in italics in table 7.16) and the fact 

tha t they are considerably higher than the values obtained here can be attributed to their 

contamination by unaccounted blending lines. The remaining discrepancies are partially 

attributable to the use in this study of a slightly higher oscillator strength (by +0.08 dex) 

for A2062 and due allowance for the effect of Stark damping on the line profile (neglected 

by Sadakane et al.). Further differences in the adopted blending line list, abundances, 

and atmospheric parameters (Sadakane et al. assumed £ = lk m s -1 for most of their 

HgMn sample) are probably significant at this level. In those instances where Sadakane 

et al. derived higher abundances than those obtained here it seems likely that they did so 

through making use of LW spectra for which, in this wavelength region, the line profiles 

axe generally deeper than those from SW spectra. In this respect, a case in particular
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which deserves comment is tha t of a  Lyr: the inferred zinc abundance as derived here is 

approximately 1.3 dex sub-solar in contrast to the solar value found by Sadakane et al. 

Note that this zinc deficiency is in accordance with the general depletion of transition 

elements in the atmosphere of this star.

O <f> Her
46 Aqlco

a  Lyr

CVf

o
9 10 11 12 1 3 1 51 4

Tcff ( 1 0 3  K )

F ig u re  7.32: Zinc abundances plotted as a function o f effective temperature. See fig
ure 7.2 for key.

7.15.3 D iscussion

Zinc abundances derived from A2062 are plotted as a function of effective temperature 

in figure 7.32 where they are compared with the solar value of 4.60 dex from Anders & 

Grevesse (1989). Although there is a considerable spread in the inferred abundances for 

the normal and superficially normal stars, all but a  Lyr are in agreement within the solar 

value to within the (conservatively) estimated error of ±0.5 dex. Among the HgMn and 

related stars, only <f> Her and 46 Aql exhibit significant overabundances, by 1.7 and 1.4 dex 

respectively. Furthermore, only two stars in this group, u Cnc and v  Her, have inferred 

abundances which can be considered to be consistent with the solar value; the remainder 

are clearly underabundant. No correlations with effective temperature are apparent for
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any of the groups considered. There does not appear to be any obvious distinction between 

the Zn-rich and Zn-poor HgMn stars.

7.16 Gallium

7.16.1 Introduction

Singly ionised gallium lines were first discovered in stellar spectra by Bidelman & Corliss 

(1962) for three HgMn stars (k Cnc, 112 Her, and a  And) and one He-weak star (3 Cen A). 

The first quantitative analysis of this element was performed for 3 Cen A by Jugaku, 

Sargent & Greenstein (1961) who obtained their identification of the high-excitation G all 

lines from a private communication with Bidelman; they inferred a gallium overabundance 

of a factor of 8000 in this star. Since then numerous analyses of these lines in the spectra 

of HgMn stars have been published (e.g., Buscombe, Chambliss &: Kennedy 1968; Strom 

1969; Aller 1970; Seligman & Aller 1970; Dworetsky 1971; Kodaira & Takada 1978; Heacox 

1979; Guthrie 1984). These studies have shown that gallium is enhanced in most HgMn 

stars by as much as 3-5 dex. However, the fact that the blue-visual lines of G all originate 

from high excitation levels (14.1 eV) makes their detection difficult in the cooler HgMn’s. 

Furthermore, quantitative analysis of these lines when they can be observed is particularly 

susceptible to errors in adopted atmospheric parameters (e.g., Teff).

Independent confirmation of the Ga-anomaly was first demonstrated by Leckrone 

(1980) who presented high resolution IUE  spectra of the G all A1414 resonance line in 

six HgMn stars. He found that this line was strong and broad in the hot HgMn’s k Cnc 

and p  Lep, but absent in the cooler examples l CrB, x  Lup, and HR4072. Subsequently, 

Takada & Jugaku (1981) carried out a quantitative analysis of the G all and G alll UV 

resonance lines in seven HgMn stars observed with IUE. In contradiction with Leckrone, 

these authors claimed to have identified the G all resonance line in the cool HgMn star 

l CrB. Furthermore, their derived abundances indicated a possible positive correlation with 

effective temperature, as well as an apparent departure from LTE ionisation equilibrium in 

G a ll/G a lll at Teff £  12 500K. A similar analysis of these resonance lines was undertaken 

by Jacobs & Dworetsky (1981) who found a Ga underabundance in the hot star 46 Aql and 

an overabundance in the cool HgMn HR7775 in violation of Takada & Jugaku’s posited
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r eff-correlation. Most recently, Takada-Hidai, Sadakane & Jugaku (1986) presented an 

extensive quantitative survey of the G all A1414 and G alll A1495 resonance lines in a 

sample of 27 HgMn stars, 11 Si stars, 8 He-weak stars, and 7 normal stars. They showed 

that among the HgMn stars, with the exception of HR7775, the Ga anomaly is largely 

confined to the hotter examples. However, they did not confirm the Teff-correlation first 

proposed by Takada & Jugaku (1981). In those HgMn’s where the Ga lines were positively 

identified, overabundances in the range 2.6-3.8dex were indicated.

The primary source of difficulty in the analysis of the Ga resonance lines has been the 

supposed presence of unidentified blending features in the blue wings of both A1414 and 

A1495. These features were detected by Takada-Hidai et al. in the spectra of some of their 

programme stars (primarily the Ga-weak HgMn’s and less so the normals) at wavelengths 

displaced with respect to the laboratory wavelengths of the Ga lines by 0.05-0.13 A. In 

fact, the attribution of these features to the Ga resonance lines led Takada & Jugaku to 

propose the existence of enhanced gallium in i CrB.

The previously accepted vacuum wavelengths of the G all and G alll resonance lines, 

1414.44 A and 1495.07 A (Reader & Corliss 1980), have recently been superseded by lab

oratory measurements by Isberg & Litzen (1985, 1986) who quote values of 1414.401 A 

and 1495.045 A. With these new data in mind, it was considered worthwhile to re-examine 

the resonance lines of gallium in HgMn stars with a particular emphasis on the Ga-weak 

stars where previous studies had foundered. Although the survey of Takada-Hidai et al. 

was comprehensive in its coverage, it was based on the measurement of equivalent widths 

rather than the fitting of synthetic spectra. Furthermore, these authors neglected the 

contribution of Stark broadening in their curve-of-growth calculations—this is im portant 

for the Ga-rich stars where the resonance lines are exceptionally strong.

7.16.2 A nalysis o f  G a ll  A1414 G a in  AA1495, 1534

Gallium abundances were derived by fitting synthetic spectra to all three resonance lines 

of singly and doubly ionised gallium. Takada-Hidai et al. did not analyse G alll A1534 

because it is blended with the longward component of the Si II resonance doublet. In this 

study, the Si II A1533 line was included explicitly in the calculations using the individual 

line abundances derived in §7.8. The oscillator strength for the G all line was taken
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from the beam-foil lifetime measurements of Ansbacher et al. (1985); this value is in 

excellent agreement with that of Andersen et al. (1979) as well as the calculations of Froese- 

Fischer & Hansen (1978). For the G alll lines, the calculations of Curtis & Theodosiou 

(1989) were consulted; these data are in good agreement with the calculations of Froese- 

Fischer (1977) and the beam-foil measurements of Ansbacher et al. (1985). Radiative 

damping was assumed for all resonance lines using the published lifetimes of the upper 

levels concerned. Stark damping parameters were computed from the electron impact 

widths given by Dimitrijevic & Artru (1986).

Examples of best-fit synthetic spectra are give in figure 7.33. Satisfactory fits were 

obtained for the G all A1414 and G alll A1534 lines. However, for the strongest examples of 

the G alll A1495 line, the observed line core was found to be deeper than can be reproduced 

using LTE synthetic spectra. This problem is similar to that encountered in the analysis of 

the strong resonance lines of Mn II. The most likely cause of this behaviour is a departure 

from LTE in the line cores which are formed high in the atmosphere where particle densities 

are low.

Individual line abundances and mean values are presented in table 7.17 where they are 

compared with the results obtained by Takada-Hidai et al. in the UV, and with various 

published abundances based on the blue-visual region lines. The internal consistency in 

the derived abundances is good for the HgMn stars where both singly and doubly ionised 

gallium lines are strong. However, for the normal stars the G alll lines are weak and sus

ceptible to blending; this is reflected in the anomalously high abundances inferred from 

G alll A1495 presumably due to an unaccounted blend. In these stars, G alll A1534 is so 

weak that only upper limits on the inferred abundance are quoted. Amongst the hotter 

HgMn stars, there is a tendency for the doubly ionised lines to yield lower abundances 

than the singly ionised line although not universally so. Thus, Takada & Jugaku’s sug

gestion that ionisation equlibrium for gallium is not well-realised above 12 500 K is not 

unequivocally corroborated by these results.

The abundances derived in this study agree satisfactorily with those of Takada-Hidai 

et al. although there are exceptions: these include 87 Psc, for which continuum location is 

the primary uncertainty by virtue of a high v sin i, and HR1800, for which the abundances 

inferred from the three lines analysed here are mutually discrepant. It is interesting
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Table 7.17: Gallium abundances derived from UV lines o f G a ll and Ga III.

Star HD Derived abundance Published abundance
A1414 A1495 A1534 Adopted* UVT Vis.* Ref.*

Normal Stars
7T Cet 17081 2.8 4.2 <  3.5 2.8 ±  0.5 £ 3 .1 < 5.6 [1]
134 Tau 38899 2.0 4.2 <  3.5 2.0 ±  0.5 £ 3 .3
B Leo 97633 3.5 < 2.5 <  5.0 3.5 ±  0.5 • .  .

r Her 147394 < 2.0 4.4 <  3.0 <  2.0 ± 0 .5 £ 2 .9 • • •

C Dra 155763 < 2.0 4.2 < 3.5 < 2.0 ± 0 .5 £ 2 .6
a  Lyr 172167 < 2.0 < 2.5 < 3.5 <  2.0 ± 0 .5 < 2.9 « • • • • •

HR7098 174567 2.8 < 2.5 <  3.5 2.8 ± 0 .5 • • •

21 Aql 179761 2.5 4.3 2.5 ±  0.5
v Cap 193432 2.0 3.5 < 3.5 2.0 ±  0.5 < 2.8 < 6.7 [ij
£ Oct 215573 2.8 4.2 < 3.5 2.8 ±  0.5

Superficially Normal Stars
HR7338 181470 2.6 2.9 < 3.5 2.6 ± 0 .5 < 6.9 [i]
46 Aql 186122 3.0 4.0 < 3.5 3.0 ± 0 .5 < 3.6
k Cep 192907 2.6 < 3.0 < 3.5 2.6 ±  0.5 • • .

HR7878 196426 2.2 3.9 < 3.5 2.2 ±  0.5 .  • .

21 Peg 209459 3.2 3.9 < 3.5 3.2 ±  0.5
HgMn Stars

87 Psc 7374 6.0 5.6 5.2 5.6 ± 0 .2 4.6 5.5 [i]
<}> Phe 11753 4.7 4.5 < 3.5 4.6 ± 0 .2 .  • •

53 Tau 27295 5.9 5.6 5.3 5.6 ± 0 .2 5.8 5.59 [2]
/i Lep 33904 6.7 6.5 6.5 6.6 ± 0 .1 6.4 7.50: [2]
HR1800 35548 3.9 4.6 5.6 4.7 ± 0 .5 < 3.7 < 6.5 [3]
33 Gem 49606 5.1 5.3 4.9 5.1 ± 0 .1 5.2 • • .

HR2676 53929 3.8 4.2 4.4 4.1 ± 0 .2 < 3.7 < 5.7 [ii
HR2844 58661 6.9 6.9 6.7 6.8 ± 0 .1 6.4 8.1 [1]
v Cnc 77350 4.4 4.1 < 4.0 4.2 ± 0 .1 4.1
k Cnc 78316 6.6 6.5 6.6 6.6 ± 0 .0 6.4 7.25 [2]‘
36 Lyn 79158 4.5 5.4 5.0 5.0 ± 0 .3 5.4
HR4072 89822 4.6 4.6 4.4 4.5 ± 0 .1 £ 4 .7 < 6.6 [3]
X Lup 141556 4.4 4.7 4.7 4.6 ± 0 .1 £ 4 .9 < 6.5 [3]
i CrB 143807 4.4 4.3 < 3.5 4.4 ± 0 .1 £ 4 .9 < 6.0 [1]
v Her 144206 6.2 6.1 5.7 6.0 ± 0 .2 6.0 6.61 [4]
<f> Her 145389 6.0 5.4 5.2 5.5 ± 0 .2 5.8 6.00 [2]
28 Her 149121 4.4 4.9 4.7 4.7 ± 0 .2 . • • < 6.7 [3]
HR6997 172044 6.6 6.3 6.2 6.4 ± 0 .1 6.3 7.3 [1]
112 Her 174933 6.2 6.4 6.2 6.3 ± 0 .1 6.0 6.4 [3]
HR7143 175640 6.6 6.5 6.1 6.4 ± 0 .2 6.3 7.1 [3]
HR7361 182308 6.6 6.2 5.2 6.0 ± 0 .4 6.2 6.6 [3]
HR7664 190229 5.6 5.7 5.7 ± 0 .1 5.86 [2]
HR7775 193452 6.4 6.6 6.5 6.5 ± 0 .1 6.3 7.4 [3]
P Scl 221507 6.2 6.2 5.9 6.1 ± 0 .1 6.2

Notes for Table 7.17: *Mean abundance and standard error. * Abundances from UV lines given by 
Takada-Hidai, Sadakane & Jugaku (1986). * Abundances from visual region lines. *References: [1] Heacox 
(1979); [2] Adelman (1989); [3] Guthrie (1984); [4] Adelman & Fuhr (1985).
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to note tha t Takada-Hidai et al. give only upper limits on the abundances of the cool 

HgMn’s HR4072, x  hup, and i CrB because of their uncertainty in the identification of 

the weak Ga lines in these stars. Here, newly available wavelengths have facilitated the 

derivation of firm gallium abundances for these stars—this has im portant implications 

for the inferred systematics of gallium abundances in the HgMn stars. A confrontation 

between the UV abundances and those from analyses of visual region spectra indicates 

satisfactory agreement for the mildly Ga-rich HgMn’s and rather poorer agreement for 

those where the Ga anomaly is greatest.

HR7775 i

CD

36 Lyn $  33 Gem

HR2676

9 10 11 12 13 1514

tm  (to3 k)

F ig u re  7.34: Gallium abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.16.3 D iscussion

Mean gallium abundances and standard errors, or adopted values and estimated errors 

where appropriate, are plotted as a function of effective temperature in figure 7.34 where 

they are compared with the solar value of 2.88 dex from Anders & Grevesse (1989). This 

plot shows tha t, to within the estimated errors, the normal stars have gallium abundances 

which are consistent with the solar value. In contrast, all stars in the HgMn sample exhibit
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enhanced gallium abundances by 1.2-3.9 dex. Furthermore, the gallium overabundances 

in these stars appear to be positively correlated with Teff. However, at high Teff, there 

are three objects (HR2676, 36 Lyn, and 33 Gem) which fall somewhat below the trend 

defined by the majority of classic HgMn stars. Amongst the cool HgMn stars, HR7775 

is also anomalous in exhibiting an extraordinary gallium enhancement of 3.6 dex. The 

distribution of stars in the gallium abundance-temperature diagram is qualitatively very 

similar to that seen for manganese (cf. figure 7.20). These results appear to  confirm the 

previously-reported, but since disputed, correlation between gallium overabundance and 

effective temperature.

7.17 Platinum

7.17.1 Introduction

Platinum was first discovered in the spectra of HgMn stars by Dworetsky (1969) who 

identified P t II lines in 2.1 A mm -1 Lick coude spectrograms of HR4072, x Lup, and i CrB. 

In a follow-up paper, Dworetsky & Vaughan (1973) measured the P tII  A4046 line in the 

spectra of nine Hg-Pt stars and found that it was variously shifted by 0.04-0.09 A with 

respect to the centroid for terrestrial platinum; this they interpreted in terms of a variation 

in the isotopic composition of platinum in each star, although at the time no laboratory 

measurements were available for the isotopic shifts in P tII. Corroborative evidence for 

this interpretation was sought by these authors through interferometric observations of 

the P tII  A4046 line profiles in x Lup and i CrB; these revealed no appreciable absorption 

at or shortward of the mean wavelength of terrestrial platinum. They therefore tentatively 

concluded tha t the isotopic mixtures in the observed stars are probably dominated by the 

heaviest isotopes, 196P t and 198P t, with lesser amounts of 194P t and 195P t in some cases. 

In the case of x Lup, the interferometric observations revealed a single component which 

they suggested represented pure 198Pt. Available data at the time suggested that the 

heavier isotopes of platinum tend to dominate in the cooler stars of the HgMn class. On 

the other hand, P t II lines were not observed in the hotter stars. Subsequent detailed work 

by Cowley (1977) established the existence of P tII lines in the spectra of some magnetic 

Ap stars. Making use of a Coulomb approximation oscillator strength for P t II A4046, he
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derived platinum excesses ranging up to five orders of magnitude in these stars.

The first reliable estimates of platinum abundances in HgMn stars were presented by 

Dworetsky, Storey & Jacobs (1984). They calculated oscillator strengths for some strong 

UV transitions of P t II and applied them using spectrum synthesis to high resolution IUE  

observations of HR4072, x  Lup and HR7775. Only two lines proved sufficiently unblended 

for quantitative analysis: the raie iiltime A1777, and A2144, both of which originate from 

low excitation levels. The platinum abundances thus inferred for these stars were 4.2- 

4.8 dex greater than current estimates of the solar system value (Anders & Grevesse 1989). 

However, these authors highlighted the importance of possible isotopic desaturation of the 

UV lines and suggested that such effects could lead to overestimates of ~  0.2 dex in the 

P t abundances for HR4072 and HR7775. For x  Lup, the earlier work of Dworetsky & 

Vaughan (1973) had demonstrated that platinum is probably entirely concentrated in a 

single isotope and therefore its P t abundance was considered more secure. On this basis, 

Dworetsky, Storey & Jacobs derived astrophysical oscillator strengths for a selection of 

the optical P tII  lines including A4046.

The identification of platinum lines in the IUE  spectra of Ap stars has recently been 

considered by Fuhrmann (1989). He concluded that while P tII A1777 is definitely de

tectable in HR4072, x  Lup, and HR7775, it is weak or absent in the spectra of the normal 

stars a  Lyr and v Cap. That the features at A1777 are weak in the normal stars provides 

motivation to search for the presence of the P t II line in the hotter HgMn stars. Optical 

P t II lines have hitherto remained unobserved in stars significantly above 13 000 K, and this 

has been taken as an indication of a genuine decrease in P t overabundance with effective 

temperature (e.g., Dworetsky & Vaughan 1973; Guthrie 1984).

According to Dworetsky, Storey h  Jacobs (1984), the two most suitable platinum lines 

for analysis in the UV are P tII  A1777 and A2144. Accordingly, the coadded spectra of the 

HgMn stars in the programme were examined for the presence of absorption features at 

these wavelengths. The normal stars were used as controls by which to judge the signif

icance of potential detections of the P t II lines. Accurate registration of the wavelengths 

scales of the spectra was ensured by checking the positions of nearby strong and apparently 

unblended Fell lines. The HgMn stars generally exhibit enhanced absorption at, or near, 

the laboratory wavelengths of both UV lines investigated. Positive detections of the P t II
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lines were made for all stars in the programme which have previously been classified as 

Pt-rich according to their visual region spectra: these comprise <j> Phe, HR1800, HR4072, 

X Lup, l CrB, 28 Her, HR7775, and (3 Scl (Dworetsky & Vaughan 1973; Dworetsky 1976). 

For some of the hotter HgMn stars (such as k Cnc and HR7361) there is marginal but 

insufficient evidence for the presence of P tII  lines at the expected wavelengths. Further

more, the inferred upper limit abundances for this la tter group of stars are in all cases 

higher than the detection limit for the visual region line P t II A4046 which is not seen. 

Thus these UV spectra appear to confirm the suggestion of Dworetsky & Vaughan (1973) 

that the P t anomaly in HgMn stars is confined to effective temperatures below 12 500 K.

7.17.2 A nalysis o f  P t II AA1777, 2144

Platinum  abundances, or upper limits where appropriate, were derived by fitting synthetic 

spectra to  the P tII lines A1777 and A2144. Engleman (1989) has published laboratory 

interferometric measurements of the isotopic and hyperfine splitting for A2144 which were 

used in the synthesis calculations for this line. The pattern for this transition is dominated 

by hyperfine structure in the odd isotope 195P t which mitigates somewhat against the 

effects of variations in the isotopic platinum compositions of the programme stars. The 

isotopic fractionation model of White et al. (1976) was adopted for those stars for which 

the analysis of P tII  A4046 given in chapter 6 had yielded a measurement of the mix 

param eter <7; a terrestrial composition was assumed for all other stars.

Unfortunately, there are no isotopic splitting data extant in the literature for A1777 and 

therefore this line was, by necessity, treated as a single component. Oscillator strengths 

for both lines were taken from Dworetsky, Storey & Jacobs (1984). Stark broadening 

data for these UV lines were communicated to the author by Professor Dimtrijevic who 

computed electron impact widths using the modified semi-empirical approach (Dimitrijevic 

& Konjevic 1980).

Some examples of best fit synthetic spectra are presented in figure 7.35. Note the 

extraordinary strength of A1777 in HR7775; this is possibly the most Pt-rich star currently 

known. For the other Pt-rich stars, the lines analysed are quite distinct although for A2144 

there is evidence for an unaccounted blend in the redward wing, particularly in HR4072 

and x  Lup.
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Table 7.18: Platinum abundances derived from UV lines of PtII.

Star HD Platinum abundance
A1777 A2144 Adopted* Vis.T
Normal Stars

jt Cet 17081 < 4.5 < 2.0 <  2.0 ±  0.5
134 Tau 38899 < 4.8 < 3.0 <  3.0 ±0 .5 • • •

0 Leo 97633 < 4.8 <  3.7 <  3.7 ±  0.5
r Her 147394 < 4.5 < 3.0 <  3.0 ±0 .5 • • •

C Dra 155763 < 4.3 < 4.0 <  4.0 ± 0 .5 • • •

Q Lyr 172167 < 2.5 < 2.0 <  2.0 ± 0 .5
HR7098 174567 < 4.8 < 4.0 < 4.0 ± 0 .5 • • •

21 Aql 179761 < 3.0 < 2.5 < 2.5 ±  0.5
v Cap 193432 < 4.3 < 2.5 <  2.5 ± 0 .5
£ Oct 215573 < 3.5 < 2.0 <  2.0 ±  0.5

Superficially Normal Stars
HR7338 181470 < 4.6 < 3.3 < 3.3 ±  0.5 • « •

46 Aql 186122 < 5.0 < 4.9 <  4.9 ± 0 .1 • • •

k  Cep 192907 < 4.7 < 4.5 < 4.5 ±  0.5 • .  •

HR7878 196426 < 4.2 < 2.5 <  2.5 ± 0 .5 • • «

21 Peg 209459 < 4.3 <  3.5 <  3.5 ±  0.5
HgMn Stars

87 Psc 7374 < 2.5 <  3.0 < 2.5 ± 0 .5
4 Phe 11753 5.5 5.7 5.6 ± 0 .1 5.5
53 Tau 27295 < 4.6 < 4.9 <  4.6 ±  0.5 .  • .

p Lep 33904 < 4.9 < 4.9 < 4.9 ± 0.5
HR1800 35548 5.3 5.7 5.5 ±  0.2 5.6
33 Gem 49606 < 4.8 < 5.5 < 4.8 ±  0.5 • « •

HR2676 53929 < 4.5 < 3.0 < 3.0 ±  0.5 • .  *

HR2844 58661 < 5.2 < 5.5 <  5.2 ±  0.5 • • •

v Cnc 77350 ~  5.2 ~  6.0 -  5.6 ±  0.4 • • •

k  Cnc 78316 < 4.9 <  5.2 <  5.0 ±  0.5
36 Lyn 79158 < 4.5 < 5.0 <  4.5 ±  0.5
HR4072 89822 5.8 6.0 5.9 ± 0 .1 6.1
X Lup 141556 5.9 5.9 5.9 ± 0 .0 5.8
i CrB 143807 5.6 5.8 5.7 ± 0 .1 5.4
v Her 144206 < 4.5 < 3.0 < 3.0 ±  0.5 • • .

HR6000 144667 < 4.0 < 4.0 ±  0.5
<f> Her 145389 < 5.0 < 4.0 <  4.0 ±  0.5 • • •

28 Her 149121 5.8 6.1 6.0 ± 0 .2 6.4
HR6997 172044 < 4.3 <  6.0: <  4.3 ±  0.5 • •

112 Her 174933 < 5.2 < 5.4 < 5.2 ±  0.5 • • •

HR7143 175640 < 3.9 < 3.5 <  3.5 ±  0.5 • .  •

HR7361 182308 < 4.8 5.2 < 5.0 ±  0.5 • • •

HR7664 190229 < 5.1 < 3.0 <  3.0 ±  0.5 . . .

HR7775 193452 6.5 6.6 6.6 ± 0 .1 6.6
f3 Scl 221507 5.7 6.0 5.8 ± 0 .2 5.6

Notes for Table 7.18: and *?’ denote a poor synthetic spectrum fit and uncertain detection re
spectively. ‘Mean abundance and standard error, or lower limit and (in italics) estimated uncertainty. 
* Abundance from analysis of visual region lines (see chapter 6).
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The inferred line abundances are given in table 7.18 where they are compared with 

values derived from the visual region line P tII  A4046. The agreement between UV and 

visual region abundances is in nearly all cases excellent, although it should be recalled that 

for x  Lup this is illusory inasmuch as the adopted astrophysical oscillator strength for this 

line originates from Dworetsky, Storey & Jacobs’ (1984) analysis of the IUE  spectrum of 

this star.

An interesting result obtaining from this analysis is the tentative identification of 

enhanced platinum in the otherwise extremely mild HgMn star v Cnc. For this star, the 

detection at A2144 is somewhat more convincing than that at A1777 (which is marginal), 

and this is reflected in the inferred abundances for these lines. Platinum lines do not 

appear to  have been previously reported in this star. Adelman (1989) examined v Cnc 

on 2.4 A mm -1 DAO spectrograms and did not identify any P tII lines stronger than his 

detection limit of ~  2-3 mA. However, it seems unlikely that he looked for A4046 (one of 

the strongest visual region P tII lines) since he did not comment on its presence in another 

programme star, l CrB, where it has been previously reported as prominent (Dworetsky & 

Vaughan 1973; see chapter 6). A re-examination of u Cnc making use of high resolution, 

high signal-to-noise observations in the visual region is required in order to confirm the 

P t II identification suggested here.

7.17.3 D iscussion

Mean platinum abundances, or adopted upper limits, are plotted against eifective temper

ature in figure 7.36 where they are compared with the solar value of 1.8 dex from Anders 

& Grevesse (1989). Although this figure does not reveal any obvious correlation between 

platinum abundance and Teff, for HgMn stars above 12 500 K the inferred upper limits must 

genuinely be indicative of a relative decrease in the Pt overabundances. This follows from 

the fact tha t P t+ remains the dominant ion in the line-forming region of the atmospheres 

of these stars until above 15 000 K. Unfortunately, incomplete knowledge of the contribu

tion of blending lines to the features analysed places a relatively high detection threshold 

of ~  5.5 dex on the platinum abundances derived from the UV lines. Improvements on 

this are likely to be forthcoming only through the use of H ST  observations.

374



C h a p t e r  7

$  HR7775

CD

P  S c l

< > T

CM

159 10 12 13 1411

T'„ <103K)

F ig u re  7.36: Platinum abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.18 M ercury

7.18.1 Introduction

Singly ionised mercury was first identified in stellar spectra by Bidelman (1962a, b) when 

he attributed the enigmatic A3984 line to Hg II. Corroboration of this identification was 

provided by Bidelman’s (1966) subsequent detection of the A4358 and A5460 lines of neutral 

mercury in x  LUP and i CrB. However, much confusion attached to the fact that Hg II A3984 

was nearly always observed to be unusually broad, and, moreover, was found to vary in 

wavelength from star-to-star. This behaviour fuelled speculation tha t it was variously 

blended with lines of Fel, CrI, and M nl, especially in the cooler stars. However, Bidelman 

interpreted these differences in terms of varying proportions of the isotopes of mercury 

among the stars observed. This speculation was confirmed by Dworetsky, Ross & Aller 

(1970) who determined the isotopic abundances of mercury in the cool HgMn stars HR4072 

and x Lup by analysis of the profiles of A3984. An extraordinary conclusion of their study 

was that in x Lup, mercury is almost entirely concentrated in the form of its heaviest
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isotope (204Hg) in stark contrast with the terrestrial mixture.

In a detailed abundance analysis of i CrB, Ross & Aller (1970) detected three lines of 

neutral mercury in addition to the singly ionised line A3984. However, their interpretation 

of the strengths of these lines—three of which originate from metastable levels—favoured 

the view that an extreme case of non-LTE was in evidence. A subsequent paper by 

Preston (1971) presented observations which conclusively resolved the isotopic structure 

of Hgll A3984 in i CrB. Using a simple model, he demonstrated that this star is rich in 

mercury isotopes 202 and 204, different again from the terrestrial mixture and those of 

HR4072 and x  Lup.

One of the first extensive survey of the Hgll A3984 line in HgMn stars was undertaken 

by Cowley & Aikman (19756). These authors demonstrated that the shifts observed 

in A3984 can not be explained by blends with the lines of other elements. They used 

an astrophysical /-value for A3984 (based on the Hgl A4358 line strength in i CrB and 

HR1800) to derive elemental and (in some cases) isotopic abundances of mercury; the 

overabundances they derived were positively correlated with effective temperature reaching 

a maximum of 5.4 dex above the solar value.

This study was followed by that of White et al. (1976) who found that the centroid 

wavelengths of Hgll A3984 in 30 Hg stars are distributed uniformly between that expected 

for a terrestrial mixture of isotopes to that corresponding to nearly pure 204Hg. Fur

thermore, these centroid wavelengths were shown to be loosely correlated with effective 

temperature through the Q parameter of the U BV  photometric system (see chapter 4). 

Partially resolved profiles of A3984 in HR4072, \  Lup, and i CrB suggested that mass- 

dependent fractionation had occurred in these stars. White et a1. hypothesised that such 

fractionation occurs in all Hg stars, and proceded to derive isotopic compositions for this 

element by comparison of observed stellar wavelengths and equivalent widths with those 

calculated for a family of isotopic mixes under this assumption. An interesting conclu

sion of this work was that, contrary to the findings of Cowley & Aikman (19756), the 

total mercury abundances do not show any discernible correlation with either effective 

temperature or isotopic mix.

Independent confirmation of the Hg anomaly in manganese stars first came in the 

form of IUE  observations of the UV resonance lines Hgll A1650 and A1942 presented by
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Leckrone (1980). This preliminary work was somewhat marred by a serious error in the 

calibration of the IUE intensity transfer function (see chapter 2) and was subsequently 

superseded by Leckrone (1984) who undertook a detailed analysis of A1942 in two nor

mal stars and six HgMn stars. Leckrone used spectrum synthesis and included explicitly 

the effects of isotopic splitting to derive mercury abundances for his sample of stars. He 

demonstrated that A1942 is a far superior indicator of atmospheric mercury abundance 

than A3984, the latter being highly sensitive to the desaturation mechanisms of micro

turbulence and isotopic splitting. An interesting result from Leckrone’s study was that 

the apparent mercury abundance in the two normal late-B stars he analysed is approx

imately ldex  greater than current estimates of the solar system value. If the mercury 

abundance in these stars is truly representative of the cosmic value, then current diffusion 

models (Michaud, Reeves & Charland 1974) can account for the inferred enhancement 

factors of approximately 4 dex found in the HgMn stars. Conversely, if the solar system 

mercury abundance is indicative of the composition of stellar natal material, then the 

inferred enhancement factors can not be reconciled with diffusion theory for which the 

time scale for the development of such anomalies may exceed the main sequence lifetimes 

(~  2-4 x 108 years) of these stars.

An extension of Leckrone’s work to a wider sample of normal and HgMn stars is 

clearly required to confirm or refute inferences he made on the basis of a statistically 

small sample of objects. In particular, the HgMn stars investigated by Leckrone exhibited 

remarkably little scatter in their mercury abundances; it would interesting to see whether 

this characteristic persists in a larger sample, or whether there exist any mild Hg stars in 

analogy with the mild Mn stars identified in §7.10. Furthermore, the question arises as to 

what extent the two normal stars, found by Leckrone to be Hg-rich in comparison with the 

solar system, are representative of ‘normal’ late-B stars as a whole. In this section, these 

issues are addressed in an analysis of both UV resonance lines of Hg II in the relatively 

larger sample of programme stars comprising this study.

7.18.2 Analysis o f H g ll  AA1650, 1942

Abundances were derived by fitting synthetic spectra to the Hgll A1650 and A1942 lines. 

In order to account for possible desaturation in the line formation, these Hg II lines were
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treated as blends comprising isotopic and hyperfine components following the method orig

inated by White et a1. (1976). For A1942, Guern et al. (1977) have measured the relative 

shifts of eleven isotopic and hyperfine components for a terrestrial mixture. These data 

were combined with an accurate vacuum wavelength for the 2S i/2~2P i/2 transition in 198Hg 

from Reader & Sansonetti (1986) to derive individual wavelengths for the components of 

A1942.

Laboratory measurements of the isotopic and hyperfine splitting of Hgll A1650 do not 

appear to have been published. However, the upper level of this transition (2P£/2) has the 

same isotopic shift as that of A1942 (2.P°/2) accor(Bng to Guern et al. (1977). It therefore 

proved possible to derive an isotopic/hyperfine pattern for this transition by combining 

the isotope and hyperfine shifts of the 25 j/ 2 level given by Guern et al. (1977) with the 

hyperfine shifts of the 2P£/2 level given by Mrozowski (1940). The hyperfine energy levels 

and permitted hyperfine transitions for the odd isotopes 199Hg and 201 Hg are illustrated 

in figure 7.37. For 201 Hg, Mrozowski did not resolve the four hyperfine components of 

the 2Pzf2 level an(l °nly presented a total width; this was therefore decomposed into 

individual components using the interval rule for hyperfine levels ignoring quadrupole 

effects (see, e.g., Kuhn 1962; pp. 332 & ff.). The resulting hyperfine patterns for 199Hg 

and 201 Hg are illustrated in figure 7.38. The centre-of-gravity of each these patterns was 

then matched with that of the corresponding pattern measured for A1942 by Guern et 

al. (1977), and thus a combined isotopic and hyperfine pattern was derived for A1650. 

Absolute vacuum wavelengths were finally derived for the components of A1650 using the 

accurate wavelength for this transition in 198Hg measured by Reader & Sansonetti (1986). 

The isotopic and hyperfine patterns of A1650 and A1942 are illustrated in figure 7.39.

In order to account for star-to-star variations in the isotopic mixture of mercury, each 

star analysed was assigned a value of the dimensionless isotopic mix parameter q following 

the model of White et al. (1976) as described in chapter 6. For all normal and superficially 

normal stars, a terrestrial mixture of mercury (i.e., q = 0) was assumed. The q values 

derived by White et al. were used for all HgMn stars in common with their programme. 

For the remaining HgMn stars, q values were estimated by assuming that the correlation 

between q and Teff described by White et al. holds in general. By fitting a straight line to 

their data, the following relationship was derived:
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isotopes (a) l99Hg and (b) 201 Hg. The levels are labelled by hyperfine quantum number F. 
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F ig u re  7.38: Hyperfine patterns for the ionised mercury line A1650 in isotopes (a) 199Hg 
and (b) 201 Hg. Each component is labelled above by lower and upper hyperfine quan
tum numbers (Fi-Fu), and below by position in milli-Kaysers (10-3 cm-1 ) relative to the 
component o f lowest wavenumber. The intensity-weighted centre-of-gravity ( ‘cog’) o f each 
hyperfine pattern is denoted by a dotted line.
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F ig u re  7.39: The isotopic and hyperfine patterns o f (a) H gll X1650 and (b) H gll X1942. 
Each component is labelled above by isotope number (letters denote different hyperfine 
components), and below by position in milli-Kaysers (10~3 cm-1) relative to isotope 202. 
Relative intensities correspond to abundances in terrestrial mercury with a redistribu
tion amongst the hyperfine components o f odd isotopes according to their laboratory or 
theoretical relative intensities.
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q  =  (-0 .44 ±  0.02) +  (6.3 ±  0.2) (7.1)

The adopted values of q are given in table 7.19. For each value of q used in the

analysis, a set of relative abundance fractions was computed and normalised to unity 

(see chapter 6). These fractions were then multiplied into the terrestrial total abundance 

fractions taken from White et al. but with a minor redistribution amongst the hyperfine 

components of odd isotopes according to their intensity ratios. For A1942, the measured 

intensity ratios as given in figure 4 of Guern et al. (1977) were adopted for this purpose. 

However, for A1650 it was necessary to calculate theoretical intensity ratios by applying 

Russell-Saunders coupling to the hyperfine multiplets. In practice, this was achieved by 

consulting the LS  coupling tables of Kuhn (1962; pp. 435ff.) and making the following 

substitutions:

X -► J, 5 -> X, J  F  (7.2)

where I  is the nuclear spin quantum number, F  is the hyperfine structure quantum number,

and all other symbols take their conventional meaning for L S  coupling theory.

Oscillator strengths for A1650 and A1942 were taken from Dworetsky (1980) and Itano 

et al. (1987) respectively. Radiative damping was assumed for both resonance lines. An 

approximate Stark damping constant for the A1942 line has been published by Lakicevic 

(1983). On our suggestion, Professor Dimitrijevic used the semi-classical perturbation 

method to compute more accurate Stark widths for both A1650 and A1942 (Dimitrijevic 

1991). The new Stark widths, which are ~  30% smaller than those indicated by the 

trend-analysis values of Lakicevic, were adopted in the calculations presented here.

Examples of best fit synthetic spectra for A1650 and A1942 are given in figure 7.40. The 

A1650 feature proved significantly more difficult to reproduce synthetically than A1942, 

principally because it is embedded in a complex blend comprising various Fell lines. For 

many of the normal stars, it was only possible to derive upper limits from A1650 for this 

reason. Somewhat better fits were obtained from A1942 which is intrinsically stronger than 

A1650 in accordance with their relative g f  values. The fitting error for the normal and 

superficially normal stars is estimated to be ~  0.5 dex whereas for the Hg-rich manganese 

stars an uncertainty of 0.3 dex is more appropriate. These values are based on uncertainties 

in locating the continuum and latitude in the fitted abundances.
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Table 7.19: Mercury abundances derived from UV lines of Hgll.

Star HD 9 UV abundances Visual abundances*
A1650 A1942 Adopted* Pub.T A3984 A4358

Normal Stars
7r Cet 17081 0.0 < 2.2 1.8 1.8 ± 0 .5 2.1
134 Tau 38899 0.0 < 2.2 2.0 2.0 ± 0 .5 • • •

0 Leo 97633 0.0 2.0 2.2 2.1 ± 0 .3 • • . • • .
r Her 147394 0.0 2.0 <  2.2 2.0 ± 0 .5 • . '
(  Dra 155763 0.0 < 1.5 <  0.0 < 1.5 ± 0 .4 « • * • • .
a  Lyr 172167 0.0 < 2.0 < 1.5 < 1.5 ± 0 .5 < 0.5
HR7098 174567 0.0 1.6 < 2.2 1.6 ± 0 .5
21 Aql 179761 0.0 < 2.0 < 1.3 < 1.3 ± 0 .5 . .
v Cap 193432 0.0 < 2.6 2.0 2.0 ± 0 .5 2.1
£ Oct 215573 0.0 < 1.8 < 2.0 < 1.8 ± 0 .5

Superficially Normal Stars
HR7338 181470 0.0 < 3.6 2.3 2.3 ± 0 .5
46 Aql 186122 + 0.6 < 4.1 3.3 3.3 ± 0 .5 • . •
k Cep 192907 0.0 < 2.5 < 2.0 < 2.0 ± 0 .5 • • • • • • • •
HR7878 196426 0.0 < 2.0 < 1.5 < 1.5 ± 0 .5 . * • • .
21 Peg 209459 0.0 < 2.7 1.6 1.6 ± 0 .5

HgMn Stars
87 Psc 7374 + 0.6 5.8 6.1 6.0 ± 0 .2 • . . < 6.2
<f> Phe 11753 +1.9 4.5 4.6 4.6 ± 0 .2 • • 5.3
53 Tau 27295 + 1.1 < 2.5 < 1-7 < 1.7 ± 0 .5 • • • « • • . '
p. Lep 33904 -0 .1 5.9 6.1 6.0 ± 0 .2 6.4 6.2 6.3
HR1800 35548 +1.2 5.3 5.8 5.6 ± 0 .2 6.3 6.2
33 Gem 49606 0.0 3.2 3.5 3.4 ± 0 .4 • . • • • • • •

HR2676 53929 + 0.2 < 2.2 2.0 2.0 ± 0 .5 • • .

HR2844 58661 - 0.2 6.8 6.8 6.8 ± 0 .2 6.7
v Cnc 77350 +1.5 4.8 5.0 4.9 ± 0 .2 5.4
k Cnc 78316 +0.3 5.3 5.5 5.4 ± 0 .2 6.1 5.8
36 Lyn 79158 + 0.4 < 2.2 < 2.2 ± 0 .5
HR4072 89822 + 1.5 6.0 6.2 6.1 ± 0 .2 6.4 6.3 6.1
X Lup 141556 +3.0 5.8 5.9 5.9 ± 0 .2 6.2 6.1 6.0
i CrB 143807 +1.0 5.5 5.8 5.7 ± 0 .2 5.9 6.1 5.8
v Her 144206 +0.9 5.7 6.0 5.9 ± 0 .2 6.4
<f> Her 145389 +1.4 5.2 5.6 5.4 ± 0 .2 6.3 5.7
28 Her 149121 +3.0 4.8 5.2 5.0 ± 0 .2 5.8
HR6997 172044 -0 .2 6.7 6.6 6.6 ± 0 .2 6.3
112 Her 174933 +0.9 5.5 6.0 5.8 ± 0 .2 • • • 6.2 • • .

HR7143 175640 + 1.0 5.2 5.6 5.4 ± 0 .2 • • • < 5.8
HR7361 182308 -0 .1 5.1 5.3 5.2 ± 0 .2 6.1
HR7664 190229 +0.5 4.4 4.6 4.5 ± 0 .2 • • • 5.2 • • .

HR7775 193452 +1.6 5.9 6.2 6.1 ± 0 .2 6.0
p S d 221507 +  1.1 6.6 6.6 6.6 ± 0 .2 6.8

N otes for Table 7.19: q is the adopted dimensionless isotopic mix parameter (see text); values given in 
italics were estimated from the empirical q-Tefr relation given by equation 7.1. * Weighted mean abundance 
and estimated error (see text). t Abundances from analysis of XI942 by Leckrone (1984) except for a Lyr 
which is from Sadakane, Jugaku & Takada-Hidai (1988b). * See chapter 6 for details.
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logi4(Hg)

F ig u re  7.41: Curves o f growth for H gll X1942 computed using a Kurucz model atmo
sphere (Teff =  12500 K, log g = 4.0j showing the effect o f isotopic and hyperfine desatura
tion for three values o f the isotopic m ix parameter q as indicated (continuous lines). Also 
shown are q = 1.5 curves with a Stark damping parameter o fT s /N e = 0 s-1 (dashed line) 
and a microturbulent parameter o f £ = lkm s-1 (dotted line).

Individual abundances for the UV lines are presented in table 7.19 where they are 

compared with values derived from the visual region in chapter 6. For the two UV lines 

analysed, the internal agreement is usually excellent considering the complexity of the 

features modelled. The adopted UV abundances are mean values given to the nearest 

0.1 dex with an arbitrary 2:1 weight in favour of the ‘cleaner’ line A1942. These can be 

compared with the abundances derived from A1942 by Leckrone (1984). The agreement is 

satisfactory for the two normal stars in common between the studies. For the HgMn stars 

however, the abundances obtained for A1942 are typically 0.3-0.4dex lower than those 

given by Leckrone (1984). This discrepancy is partly due to the fact that Leckrone ne

glected Stark damping in his calculations; his estimate of the associated systematic error 

of 0.1 dex is slightly low as can be appreciated in figure 7.41. This plot shows curves of 

growth computed for the integrated equivalent width of the entire eleven-component com

plex of Hgll A1942. The calculations were performed using a Kurucz model atmosphere

384



Chapter 7

(Teff = 12 500K, log <7 =  4.0) and various values of isotopic mix parameter q. Curves are 

shown for two values of Stark damping constant (T s /N e) and microturbulence parameter 

(£). For mercury abundances above ~  5 dex, the effect of introducing Stark damping is 

to diminish the inferred abundance by 0.2 dex. Furthermore, below this threshold the 

effect of introducing a microturbulence parameter of 1 km s_1 is of a similar magnitude. 

Leckrone overlooked this latter point because his calculations were confined to abundances 

above 5.6 dex, although this factor is not important for most of the Hg-rich stars analysed 

here.

Differences in adopted Stark damping and microturbulence parameters can not explain 

the discrepancy of 0.7 dex in the UV abundances for k Cnc since this is larger than the 

combined uncertainties in the analyses. The primary cause of this discrepancy was traced 

to a difference corresponding to 11 % of the continuum intensity between the central depth 

of A1942 in the IUE  spectrum analysed here and that presented by Leckrone (1984; his 

figure 6). Similar differences exist for the spectra of other programme stars in common with 

Leckrone’s study (always in the sense that Leckrone’s line profiles are deeper), although 

they are generally less than 6 %. However, a comparison with the IUE  spectra of A1942 

presented by Fuhrmann (1988) reveals agreement with those used here to within 3 % of the 

estimated continuum. Now Leckrone relied on a single spectrum (that of image SWP1348) 

for his analysis of k Cnc whereas that used here was obtained from the coaddition of 24 

high resolution SWP spectra (see appendix A). The difference in signal-to-noise between 

these spectra of k Cnc therefore probably exceeds a factor of ~2-3, although this can 

not in itself account for the discrepancy observed. These facts, taken together with high 

degree of internal consistency observed in the abundances derived from A1942 and A1650, 

are taken as strong support for the security of the data analysed in this study.

The UV abundances are generally lower than those derived from the visual region 

lines. In a number of instances, the discrepancy is as large as 0.7 dex. Considering the 

sensitivity of the visual region abundances to errors in the microturbulence and isotopic 

mix parameters, it is not clear whether this difference should be regarded as significant. 

Leckrone (1984) computed curves of growth for A3984 which indicated that an error of 

lk m s -1 in the microturbulence can easily result in an error of 0.3-0.4 dex in the derived 

Hg abundance. Similarly, errors of ~  0.3 dex in abundance could result from a value of q
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which is inaccurate by as little as ~  0.5. Leckrone was led to conclude that while A3984 is 

useful for qualitative classification of Hg-rich stars, it is probably not possible to determine 

q and f  with sufficient accuracy to justify its use for Hg abundance determinations.

<o

33 Gem46 Aql

36 Lyn

<> HR2676
<> 53 Tau

o
10 12 13 14 159 11

Te„ ( 103 K)

F ig u re  7.42: Mercury abundances plotted as a function o f effective temperature. See 
figure 7.2 for key.

7.18.3 D iscussion

The adopted UV abundances of mercury are plotted as a function of effective temperature 

in figure 7.42 where they are compared with the meteoritic value of 1.09 dex from Anders & 

Grevesse (1989). For those normal and superficially normal stars where a mercury line was 

positively detected, the inferred abundance is evidently as much as 1 dex higher than the 

meteoritic value. This is perhaps evidence of an enhanced mercury abundance in late-B 

stars in general, although such a conclusion remains tentative as long as the possibility of 

unaccounted contaminants in the UV lines remains. Taken with respect to the meteoritic 

value, most of the HgMn stars exhibit overabundances of mercury greater than 3 dex and 

as large as 5.7dex in one case (HR2844). These mercury enhancements do not appear to 

be significantly correlated with Teff contrary to the results of Cowley & Aikman (19756)
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and in agreement with those of White et al. (1976). There are three HgMn stars for which 

the inferred mercury abundances are consistent with those obtained for the normal stars: 

these are 53 Tau, HR2676, and 36 Lyn. Of these, only 53 Tau exhibits a well-developed 

manganese anomaly, although HR2676 appears to have a mild but significant enhancement 

of this element. The uniqueness of the “53 Tau phenomenon” (strong Mn and weak Hg) 

is therefore emphasised (cf. Ptitsyn & Ryabchikova 1986). Two particularly interesting 

stars are 46 Aql and 33 Gem: these both exhibit very mild enhancements of mercury and 

axe both located in the Teff region occupied by the mild Mn and mild Ga stars discussed 

earlier (see §§7.10,7.16). The detection of UV H gll lines in 46 Aql confirms the visual 

region detection reported in chapter 6 and previously in the literature (Dworetsky 1976).

7.19 Errors due to Spectroscopic Binarity

A potentially important source of error in the observations analysed in this chapter arises 

from the composite nature of the spectra of some of the stars in the programme since 

five (HR7338, HR4072, x Lup, i CrB, and 112 Her) are known double-lined spectroscopic 

binaries and one (HR1800) is a close visual binary (see chapter 1). No attem pt has been 

made here to allow for dilution effects, or for superposition of primary and secondary spec

tral lines, in these stars since this is an exceptionally difficult (although not insuperable) 

problem in the ultraviolet. It is nonetheless worthwhile to consider the UV light ratios for 

the components of these systems in order to assess the likely errors on their abundances.

Accordingly, light ratios in the wavelength range 1500-3250 A were derived for these 

binary systems from estimates of their visual region light ratios and by reference to Kurucz 

(1979) model atmospheres of appropriate effective temperature and surface gravity. For 

the cool HgMn binaries HR4072 and x  Lup, Dworetsky (1971) derived light ratios at A4481 

of L a!L b  = 4.82 and L a /L b  = 3.80 respectively. Using his effective temperatures and 

surface gravities for the components of these systems yields light ratios in the ultraviolet 

of ~  7-12 for HR4072 and ~  5-9 for x  Lup. A UV light ratio of similar magnitude is 

inferred for the i CrB system which is, according to Dworetsky (1980), strikingly similar to 

those of HR4072 and x Lup. For HR7338, the photographic magnitude difference between 

components of 1™25 coupled with the primary and secondary spectral types of B9 and 

A2-A3 respectively (see 6.4.5) also imply a similar UV light ratio to that of x Lup. For
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112 Her, Seligman & Aller (1970) obtained a light ratio at 4000 A of 10 ±  0.5. Adopting 

their estimates of the atmospheric parameters for the components of this system yields a 

UV light ratio of ~  20-60. Finally, the binary HR1800 has a visual magnitude difference 

between components of 0^ 6, and primary and secondary spectral types of B9 and A0-  

A1 respectively (see §6.4.5); these data indicate a (highly approximate) UV light ratio of 

~  3-5.

These UV light ratios suggest that errors in derived abundances due to the composite 

nature of the spectrum of 112 Her are entirely negligible. For the cooler spectroscopic 

binaries HR4072, x  Lup, l CrB, and HR7338 there may be small systematic errors in 

the derived abundances, although these are unlikely to be important. However, the sit

uation is rather less secure for the visual binary HR1800 for which the contribution of 

the secondary component to the total UV spectrum is probably not negligible longward 

of approximately 2000 A. It is difficult to evaluate the quantitative effect of binarity on 

the line profiles and associated equivalent widths in the UV spectra of these stars; simple 

dilution considerations would suggest maximum errors of order 10- 20% might occur in 

unfavourable circumstances for the cool spectroscopic binaries (perhaps as large as 30- 

40% for HR1800), although if the spectral lines are superimposed (which seems likely), 

the precise effects become difficult to predict. For lines shortward of ~  1500 A the prog

nosis is more promising since there the UV flux distributions of the primary components 

rise sharply and light ratios typically exceed ~  30 within the sensitivity range of the IUE  

cameras.

In conclusion, the effects of spectroscopic binarity on the abundances derived for most 

of the programme stars probably do not exceed those due to other sources of observational 

and analytical error. The abundances derived for HR1800 constitute a useful first re- 

conaissance of its chemical composition, but should nevertheless be considered provisional 

pending a more detailed treatment of its composite UV spectrum which is, regrettably, 

beyond the scope of the present investigation.
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7.20 Error Analysis

7.20.1 Introduction

In the preceding analyses, the majority of the error estimates quoted for the mean abun

dances are standard errors which were derived from the internal scatter from two or more 

lines of the same species. Exceptionally, where only one line was analysed, the quoted 

errors represent an estimate of the uncertainty due to latitude in the best-fit synthetic 

spectrum. In the case of upper limits on abundances, the estimated errors reflect a likely 

uncertainty in continuum location of ± 10%. Most of these error estimates are therefore 

only representative of the internal scatter in the data—they do not directly convey the 

propagated errors in the abundances due to systematic errors in, for example, the adopted 

atmospheric parameters, atomic data, or observations.

In this section, this shortcoming is redressed by carrying out a schematic analysis of the 

possible errors in the derived abundances due to errors from these sources. Uncertainties 

in five quantities, or ‘parameters’, are considered here: effective temperature, logarithmic 

surface gravity, microturbulence, Stark damping, and equivalent widths. A further im

portant source of uncertainty is, of course, in the adopted oscillator strengths. Since such 

errors propagate trivially into the inferred abundances, and do not affect the differential 

abundances (i.e., between normal and HgMn stars), they need not be considered further 

here. Where error estimates were available for /-values used in this study, they were 

quoted in the text apertaining to the lines of interest.

7.20.2 Procedure

For effective temperature and surface gravity, nominal uncertainties of ±500 K and ±0.5 dex 

respectively were adopted for reasons of computational convenience rather than strict sta

tistical validity. Following the photometric and spectrophotometric analysis presented 

in chapter 4, more appropriate errors for these parameters would appear to be ATeff «  

±250 K and Alogp «  ± 0.2- 0.3. The errors in log A presented here are therefore corre

spondingly overestimated by a factor of ~  2 for these two parameters. For microturbulence, 

the adopted uncertainty of A f = ± lk m s -1 encompasses a large fraction of the observed 

values of this parameter in the programme stars and is probably adequately representa-
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tive of the true uncertainty. An uncertainty of ATs =  ±50 % was assumed for the Stark 

damping param eters since this is representative of the error committed by adopting the  ap

proximate semi-empirical forumlae described in chapter 5 (see Griem 1968; Freudenstein 

& Cooper 1978). Finally, a nominal uncertainty in equivalent width of A W \  =  ± 1 0 % 

was adopted in order to explore the effect of errors in the observations due to , for exam

ple, system atic misplacement of the continuum, flux zero-level errors, or the unaccounted 

contribution of a secondary spectrum (cf. §7.19).

Errors in the inferred logarithmic abundances of all the lines analysed in this chapter 

were calculated for uncertainties in each of the param eters described above. In practice, 

this was achieved as follows. The expected equivalent widths of the lines were computed 

for assumed solar abundances in the case of the normal stars, and for mean observed 

abundances in the case of the HgMn stars; this allows for the fact tha t some (but not all) 

elements tend to  be either globally depleted or enhanced in the HgMn sample whereas they 

are approximately solar in the normal stars. A ‘canonical’ microturbulence param eter of 

f  =  lk m s - 1  was adopted for these calculations which were carried out by using model 

atmospheres with log <7 =  4 and effective tem peratures of 1 0 0 0 0 , 12500, and 15 000 K in 

order to examine the large-scale Teff-sensitivity of the errors.

The equivalent widths thus derived were then used to recompute abundances under 

essentially identical conditions except th a t the adopted param eters were individually mod

ified according to their estim ated uncertainties as listed above. The ‘perturbation’ of each 

adopted param eter was executed in both positive and negative senses, and the abundances 

thereby obtained differenced and the resultant halved to yield the estim ated uncertainty 

in tha t param eter.

7 .2 0 .3  R e su lts

The derived abundance errors are presented in tables 7.20 and 7.21. For economy of 

presentation, the abundance errors obtained in this manner were averaged for lines of 

the same species and of similar lower energy levels since these were observed to  behave 

similarly with regards to  their sensitivity to the param eters investigated. In the tables, 

three successive columns of A log A  values are given for each param eter considered; these 

correspond to  models with Teff =  1 0  0 0 0 , 1 2  500, and 15 0 0 0  K. Abundance errors which are
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Chapter 7

in the opposed sense to  those in their corresponding param eters are given in italics (i.e., 

± A (param eter) t-* =pAlogA). Observe th a t, as expected, positive errors in W \  always 

yield positive errors in log .4 whereas positive errors in £ and Ts always yield negative 

errors in log A. For errors in Teff and log 5 , however, the sense of the abundance errors 

depends prim arily on the lines considered and to  a  lesser extent on the Teff and logy of 

the models themselves. The doubly-ionised lines of aluminium and gallium, and the high- 

excitation line of carbon (A1323), have inverted errors because their strength increases 

with Teff in contrast to most of the singly-ionised lines considered here. The sense of the 

abundance errors due to errors in logy is more subtle since it involves the interplay of 

ionisation and broadening mechanisms with varying atmospheric electron pressure.

The abundance errors due to  errors in effective tem perature are typically 0 .1- 0 .2  dex 

for both the normal and HgMn samples. Somewhat larger errors obtain in the cases of 

the doubly-ionised and high excitation lines referred to  above, particularly a t low values of 

Teff where the species concerned are in a subordinate ionisation stage. The effect of errors 

in surface gravity are generally 0.05-0.15dex, except again for the doubly-ionised lines for 

which the errors are typically a factor of 2 greater than  this. The im portance of errors in 

microturbulence varies quite significantly amongst the lines analysed and the results given 

here m ust be interpreted with caution because the influence of this param eter is sensitively 

dependent on the individual strength of the lines under investigation. However, judging 

by this analysis, the lines of some species must lie predom inantly on the saturation region 

of their curves of growth. This is notably the case for G a ll in the normal stars, P tII  in 

the HgMn stars, and for CrII, C oll, Ni II, and Znll in both. The sensitivity of the derived 

abundances to the adopted Stark damping param eter appears to  be weak for all but the 

high excitation C lI A1323 line (see §7.4). Again, this can be misleading since abnormally 

strong lines of some of the species considered in the HgMn stars (e.g., M nll, G all, and 

Hg II) are highly sensitive to  this param eter at slightly higher abundances than  the mean 

values considered here. Finally, the effect of a nominal error of ±10 % in the equivalent 

widths of the lines analysed is seen to be typically 0 .1- 0 .2  dex; th a t this is considerably 

higher than the expected error of ~  0.04 dex for lines on the linear portion of the curve of 

growth simply reflects the fact tha t most of the lines amenable to  analysis in the UV are 

strong enough to  lie on the saturation or damping regions.
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7.20.4 Discussion

This error analysis, although schematic in nature, demonstrates a  number of im portant 

points. Firstly, errors in the adopted effective tem peratures and surface gravities of the 

programme stars are probably negligible for most of the lines analysed (recall th a t the true 

errors in these param eters are probably a factor of two smaller than  those adopted here). 

It may be possible to  account for the systematic difference between singly- and doubly- 

ionised gallium in term s of a combination of such errors, although non-LTE effects in the 

ionisation equilibrium can not be excluded at this stage (see, e.g., Hubeny 1986). However, 

the correlations observed between abundance and effective tem perature for manganese, 

copper, and gallium in the HgMn stars can not be attribu ted  to  systematic error in the 

adopted Teff-scale.

Secondly, the im portance of the microturbulence param eter for some species, especially 

those of the transition elements, has been underscored. Some of the scatter observed in the 

Cr, Co, and Ni abundances for both the normal and HgMn samples may be attributable 

to errors in the adopted values of £. The problem of microturbulence determ ination, and 

its physical in terpretation, deserves further attention, but is beyond the scope of this 

investigation.

Finally, for most m oderate strength lines, the influence of typical errors in the adopted 

Stark damping param eters is secondary. This should not, however, be taken as license to 

ignore the contribution of Ts in abundance determinations since for some of the charac

teristically strong lines observed in peculiar stars it can become dominant.

7.21 Summary and Conclusions

In this chapter the abundances of seventeen elements in the atmospheres of the programme 

stars have been obtained by analysis of their ultraviolet spectra. Taken with respect to 

the normal and superficially normal stars, the HgMn stars were shown to be generally 

deficient in N, Mg, Al, Co, Ni, and Zn; mostly overabundant in Be, Mn, Cu, Ga, P t, 

and Hg; and near-normal in C and Si. Boron in the HgMn stars shows a dichotomy 

between underabundances and overabundances; few if any of these stars have a normal B 

composition. The abundances of Cr and (especially) Fe are broadly scattered about the
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normal value; this scatter appears to be intrinsic to  these stars since it  is confirmed by 

visual region abundances (see chapter 6 ). The overabundances of Mn, Cu, and Ga seen 

in the HgMn stars show a profound correlation with effective tem perature.

The nominally superficially normal star 46 Aql is confirmed to  be a  mild  member of 

the HgMn class of peculiar stars since it shows small but significant overabundances of 

both mercury and manganese. It is distinguished from other HgMn class members by 

its tendency to  atypical deficiencies in C, Si, and Cr; a  mild enhancement of Zn; and 

essentially normal Ga. The nominally normal star a  Lyr is apparently mildly deficient in 

Mg, Al, Si, Cr, Mn, Fe, Co, Ni, Zn, and Ga when taken with respect to  other normal stars 

in the programme. This result confirms the previously suspected metal-weakness of this 

star. T hat the mild underabundances in this star (typically ~  0.3 dex) were detected in 

here may be taken as an indicator of the sensitivity of the analysis.

T ab le  7.22: List o f anomalous HgMn stars by element.

Element Anomalous stars
B HR2676, k Cnc, 28 Her, HR7143, HR7361
C 46 Aql, 112 Her
Al 36 Lyn
Si 46 Aql, 112 Her
Cr 46 Aql, HR2676
Mn 46 Aql, HR2676, 36 Lyn, HR6000, 112 Her, HR7664
Co 87 Psc, v Cnc, 36 Lyn, <j> Her
Cu HR2676, 36 Lyn, HR6000, 112 Her
Zn 46 Aql, <f> Her
Ga 33 Gem, HR2676, 36 Lyn, HR7775
Hg 46 Aql, 53 Tau, 33 Gem, HR2676, 36 Lyn

For most of the elements analysed here, there are one or more HgMn stars which 

apparently depart from the pattern  of behaviour dictated by the m ajority of class members; 

these anomalous or ‘outlier’ stars are listed element-by-element in table 7.22. As can be 

seen, they form a broadly consistent—but not unique—subset of the programme HgMn 

stars. The most frequently anomalous HgMn stars include 46 Aql, HR2676, 1 1 2  Her, 

and 36 Lyn. These stars do not share any common property which distinguishes them  

unequivocally from other HgMn class members other than  a possible tendency to effective 

tem peratures near 13 000 K. Thus it would seem th a t the results of the analysis presented
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in this chapter strongly support previous suggestions th a t the HgMn stars represent a 

highly heterogenous class (e.g., Preston 1974). This possibility is investigated further in 

the next chapter.
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C h a p te r  8

Analysis of U V  Abundances

In this chapter, a  preliminary analysis of the ultraviolet abundances derived in chapter 7 

is presented. A summary of the results of chapter 7 is given in tabular form and an abun

dance anomaly index is form ulated and computed for the programme stars. A bivariate 

correlation analysis of the ultraviolet abundances is performed and significant correlations 

between abundances and stellar atmospheric param eters are identified and discussed. Fi

nally, the programme star abundances are examined for evidence of non-nuclear patterns, 

in particular violations of the even-odd pattern  of nucleosynthesis.

8.1 The U V  Abundances

8.1 .1  Sum m ary

A summary of abundances derived from the ultraviolet spectra of the programme stars 

in chapter 7 is presented in table 8 .1 . The UV abundances are compared with solar (or, 

where necessary, meteoritic) values taken from Anders & Grevesse (1989) with the single 

exception of iron for which the recent value derived by Biemont et al. (1991) was adopted. 

The abundances are given to the nearest 0 .1  dex, probably with little  loss of information 

since on an absolute scale, the uncertainties are of this order or greater. The reader should 

refer to  chapter 7 for error estim ates based on internal scatter in the derived abundances 

for each element.

The UV abundances in the normal, superficially normal, and HgMn stars are sum

marised graphically in figure 8 .1 ; this is a scatter diagram in which abundances relative to
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CO

-  - I -
_ 0_o

I
Be B C N Mg A] Si Cr Mn Fe Co Ni Cu Zn Ga Pt Hg

CO

X .

o

I
Be B C N Mg A1 Si Cr Mn Fe Co Ni Cu Zn Ga Pt Hg

F ig u re  8 . 1 : Abundances derived from ultraviolet spectra plotted  in order o f atomic num 
ber for (a) the normal and superficially normal stars (open squares and circles respectively), 
and (b) the HgMn stars (filled circles) including 46 Aql (open triangle). Arrows denote 
upper lim its . The abundances are on a logarithmic scale relative to the sun (Anders & 
Grevesse 1989).
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the sun are plotted for each element analysed in order of increasing atomic number. The 

results for the normal and HgMn groups are shown separately. The behaviour of these 

two groups is clearly differentiated in the following two respects:

1 . The mean abundance for each element in the normal group is approximately solar 

whereas in the HgMn group the mean abundance increases w ith atom ic number for 

nitrogen and above;

2 . The dispersions in derived abundances are invariably larger in the HgMn group than 

in the normal group, even for relatively normal elements such as carbon and silicon.

This pa ttern  of behaviour is qualitatively similar to tha t observed in Am stars (Smith 

1971), although the range in abundances observed in the HgMn stars is approximately 

three orders of magnitude greater. Of course, the picture presented in figure 8 .1  is incom

plete since many potentially interesting elements are missing (e.g., the rare earths and 

heavy elements not analysed in this thesis such as Sb and Au). Furthermore, selection 

effects may be in evidence since the cosmically rare elements tend to  have high detec

tion thresholds and thus are only conspicuous if they are grossly overabundant (e.g., P t 

and Hg). Preston (1974) has considered the im portance of such effects and presents a 

more complete view of the periodic table for chemically peculiar stars than  th a t explored 

here as does Takada-Hidai (1991) who has compiled abundances for HgMn stars from the 

literature pre-dating c. 1990.

8.1 .2  A bundance A nom aly  Index

It is desirable to  have some single quantitative measure of the chemical abnorm ality of the 

programme stars analysed in chapter 7. One measure of the peculiarity of a star is the 

mean absolute deviation of its elemental abundances with respect to  the solar abundance 

pattern  (cf. Smith 1971; Adelman 1989). The advantage of using the mean absolute 

deviation rather than, for example, the root-mean-square deviation is th a t it is more 

robust (i.e., resistant to outliers). An undesirable property of an abundance anomaly 

index defined in this way is th a t it includes a contribution from the random  errors of 

analysis so th a t stars of solar composition may have non-zero values. However, this bias 

can be removed by subtracting from the index its expectation value in the null hypothesis
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th a t the solar and stellar abundance patterns do not differ. This expectation value is just 

the mean error on the abundances. Here, an abundance anomaly index is defined in which 

the absolute deviations are weighted as follows:

E , » ,  1 ' ’

where [ £ , /H] and A[-E,/H] are the stellar abundance of element i relative to  the sun and 

its estim ated error respectively, and iu, is the weight which is assumed to be inversely 

proportional to  the square of the estim ated error on abundance.

T a b le  8 .2: Abundance anomaly index a for the programme stars.

Star HD N a (dex) Star HD N a (dex)
Normal Stars HgMn Stars

7T Cet 17081 16 0.13 87 Psc 7374 16 1.49
134 Tau 38899 16 0.10 <f> Phe 11753 15 0.40
9 Leo 97633 16 0.17 53 Tau 27295 16 0.75
t  Her 147394 16 0.21 p Lep 33904 16 1.00
£ Dra 155763 16 0.18 HR1800 35548 16 0.40
a  Lyr 172167 16 0.32 33 Gem 49606 16 0.64
HR7098 174567 16 0.22 HR2676 53929 16 0.58
21 Aql 179761 16 0.22 HR2844 58661 16 1.09
v Cap 193432 16 0.11 v Cnc 77350 16 0.46
£ Oct 215573 16 0.14 k Cnc 78316 16 0.85

Superficially Normal Stars 36 Lyn 79158 15 0.39
HR7338 181470 16 0.18 HR4072 89822 16 0.48
46 Aql 186122 16 1.06 X Lup 141556 16 0.42
k Cep 192907 16 0.14 i CrB 143807 16 0.40
HR7878 196426 16 0.07 v  Her 144206 16 0.74
21 Peg 209459 16 0.19 HR6000 144667 9 0.57

<j> Her 145389 16 0.45
28 Her 149121 16 0.48
HR6997 172044 15 1.57
112 Her 174933 16 1.12
HR7143 175640 16 0.93
HR7361 182308 16 0.94
HR7664 190229 15 0.87
HR7775 193452 16 0.72
0  Scl 221507 16 1.14

N otes for T able 8.2: N is the number of elements considered for each star. a is the abundance anomaly 
index as defined in the text.

Anomaly indexes a were computed for the programme stars using the UV abundances 

derived in chapter 7; these are presented in table 8.2. The UV platinum  abundances were
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not included in this calculation because the upper lim its obtained for the normal stars 

are not informative. A slight bias is introduced for the HgMn stars by treating the upper 

limits for some elements (e.g., B, Be) as detections, although always in the sense that the 

magnitude of a is diminished.

in

e
x4)■oc

«
Boc
<

in
o

o
9 10 11 12 13 14 15

TM  ( 1 0 3 K )

F ig u re  8 .2 : The abundance anomaly index a p lotted  as a function o f effective temperature 
for normal stars (open squares), superficially normal stars (open triangles), and HgMn 
stars (filled circles).

The anomaly index a is plotted as a function of effective tem perature in figure 8 .2 . 

Most of the normal and superficially normal stars lie close to  zero as expected for stars with 

near-solar abundances. For these stars, the indexes are typically 0.1-0.2 dex due primarily 

to  m oderate systematic deviations between the normal star and solar abundances of a 

few elements (e.g., C, N, and Hg; cf. figure 8.1) rather than , for example, underestim ated 

random  errors. This was checked by recomputing the anomaly indexes adopting the mean 

normal and superficially normal star abundances (as opposed to  solar abundances) as 

the reference standard. This exercise yielded a-values for the normal stars which were 

typically 0.00-0.05 dex. However, for a  Lyr, it was found th a t a «  0.3 dex independent of 

the abundance reference. This supports the hypothesis th a t this star is mildly anomalous

•  *
46 Aql A •

• •  •+  m
□ a Lyr

D A A □
<* "

•  33 Gem 
HR6000 #  HR2676

36 Lyn
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in showing a small but significant m etal deficiency. In contrast, the other normal and 

superficially normal stars analysed here do not appear to  depart significantly from the 

solar abundance pattern .

The HgMn stars, on the other hand, are well-separated from the normal group in 

figure 8.2. Included amongst this group is the nominally superficially normal star 46 Aql 

for which a large anomaly index (o «  1 .1  dex) was obtained in keeping with its proposed 

membership of the HgMn class (see chapters 6  and 7). The a values for the HgMn group 

exhibit a pronounced positive correlation with effective tem perature. The few stars which 

depart from this trend near the hot extreme of the Teff range are the marginal HgMn 

class members 36 Lyn, HR6000, HR2676, and 33 Gem. This la tte r group of objects may 

be closely related to  the He-weak and /or magnetic stars: all of these stars have weak 

helium lines (e.g., Heacox 1979) and magnetic fields have been detected in 36 Lyn (Borra, 

Landstreet & Thompson 1983) and 33 Gem (Chunakova, Bychkov & Glagolevskij 1981). 

Adelman (1989) used a similar abundance anomaly index to  th a t defined here in order 

to show th a t v Cnc is one of the least extreme HgMn stars known. The results obtained 

here would seem to support the contention that the atmospheric composition of this star 

is not significantly different from those of other HgMn class members of similar effective 

tem perature (e.g., HR4072, x  Lup, and i CrB).

The abundance anomaly index a is clearly a useful diagnostic of chemical peculiarity: 

normal and HgMn stars are well-separated in the a-Teff diagram and there is an evi

dent clustering of anomalous HgMn class members at high effective tem perature. In this 

formulation, both positive and negative correlations between individual abundances and 

effective tem perature are preserved in the condensation to  a  single param eter; thus under

lying trends are more readily exposed. Furthermore, units in this system are identical to 

those of the abundances so th a t the two are readily intercompared. Nevertheless, interpre

tation of the quantity a should be tem pered with caution since it is clearly dependent on 

the elements included in the summation of equation 8 .1  (cf. comments by Adelman 1989).

8.2 Bivariate Analysis

The abundances derived from the analysis of UV spectra presented in chapter 7 constitute 

a unique observational dataset for a statistically significant sample of normal and mercury-
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manganese type late-B stars. An obvious first approach in the analysis of these da ta  is 

the search for systematics via bivariate correlation analysis. In chapter 7, convincing 

positive correlations between abundance and effective tem perature in the HgMn stars 

were identified for Mn, Cu, and Ga; evidence was also presented in chapter 6  for such 

a correlation in the visual region abundances of Ti. A potentially interesting avenue of 

further exploration is the search for similar correlations with other stellar param eters such 

as log <7, £, and u s in i. Such a study has the prim ary objective of establishing whether 

these variables provide a complete param eterisation of the variegated abundance patterns 

of these stars as elucidated by analysis of their visual region and ultraviolet spectra. A 

long-standing characteristic of the HgMn class of chemically peculiar stars is th a t they are 

apparently chemically heterogenous (e.g., Preston 1974). To cite a  specific example of this 

behaviour, 53 Tau qualifies as manganese star, but is a unique member of the class in th a t it 

does not exhibit the otherwise ubiquitous Hg-anomaly—can such behaviour be a ttribu ted  

to  known physical properties of this star? Such questions have critical implications for 

any theoretical models designed to explain the HgMn-phenomenon in the absence of ad 

hoc param eters.

Here, a preliminary statistical analysis is carried out on the elemental abundances 

derived in chapter 7 making use of simple bivariate statistical tools which provide a first 

reconnaisance of the results. Fundamentally, however, the problem at hand belongs in the 

m ultivariate regime and to this end suggestions are made for possible future investigations 

of the abundance dataset using such methods.

8 .2 .1  L in ear C o rre la tio n  C oeffic ien ts

There are two correlation coefficients which are suitable as measures of association between 

variables in the  dataset to  hand: these are Pearson’s lineaT correlation coefficient rp , and 

Spearm an’s rank-order correlation coefficient 7*5 (see, e.g., Press et al. 1986, pp. 484-491). 

The linear correlation coefRcent is defined by

r =  £■(*■- -  g )(y- -  y) (o

where x and y are the mean values of the r , ’s and y,’s respectively. The quantity rp  takes 

values between —1 (perfect anti-correlation) and -f 1 (perfect correlation) w ith values near 

zero indicating th a t the variables are uncorrelated. In the null hypothesis th a t x  and
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y axe uncorrelated, the two-sided significance of a correlation coefficient rp  (tha t is, the 

probability th a t |rp | should be larger than  its observed value by chance) can be obtained 

by using S tudent’s t

* = ( 8-3)

which is distributed approximately as S tudent’s distribution with u = N  — 2  degrees of 

freedom.

The Spearman rank-order correlation coefficient is a  non-parametric measure of the 

correlation between two variables; th a t is, it is independent of their probability distri

butions and is therefore more robust than  linear correlation. The rank-order correlation 

coefficient is defined to  be the linear correlation coefficient of the ranks of the datasets 

x  and y. The significance of a non-zero value of rs  can be tested by using Student’s t 

distribution for v — N  — 2 degrees of freedom in the same way as for rp.

In certain instances it will be of interest to  examine the relationship between two 

variables with the influence of one or more other variables removed. This may be achieved 

through the use of a partial correlation coefficient (e.g., Fisher 1970). In the case of a 

trivariate normal distribution, the partial correlation coefficient between variables 1 and 

2 with variable 3 m aintained constant is given by

-  = (->

where r i 2 , r i 3 , and 7*23 are the sample correlation coefficients between variables. The 

significance of the partial correlation coefficient in a trivariate system is tested by using 

S tudent’s t distribution for u =  IV — 3 degrees of freedom.

8 .2 .2  C o rre la tio n s  in  th e  U V  A b u n d a n ces

Pearson’s linear correlation coefficient and Spearm an’s rank-order correlation coefficient 

were computed for all combinations of interest in effective tem perature, surface gravity and 

elemental abundance using UV da ta  from chapter 7 supplemented by titanium  abundances 

from chapter 6 . The normal/superficially normal and HgMn stars (the la tte r including 

46 Aql) were treated as two separate samples. Upper limits on abundances were treated  as 

detections since there are, apparently, no statistically rigourous techniques yet developed 

for the treatm ent of truncated probability distributions typified by the censored datum
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points in the correlation diagrams under study here (cf. Howarth k  P rin ja  1989). In cases 

where censored datum  points are randomly distributed, survival analysis techniques may 

be applied (e.g., Avni et al. 1980; Schmitt 1985; Feigelson k  Nelson 1985; Isobe, Feigelson 

k  Nelson 1986).

The results from the bivariate correlation analysis on the normal and HgMn samples 

are presented in tables 8.3 and 8.4 where both rp  and r s  are given for each variable 

pair. The significances of the correlation coefficients are denoted by suffixes; with a few 

exceptions, only those variable pairs which yield a correlation significant to better than  1 % 

(i.e., suffixes a and 6 ) in both coefficients (italicised in the tabulations) will be considered 

further here.

8 .2 .3  C o rre la tio n s  b e tw e e n  A b u n d a n ce  an d  E ffectiv e  T em p era tu re

In the normal star sample, the only significant correlation in evidence between abundance 

and effective tem perature appears to  be for nitrogen. This is almost certainly a manifesta

tion of some form of systematic error in the analysis (possibly profound non-LTE effects) 

as discussed in chapter 7.

In the HgMn sample, it is interesting to note th a t with the exception of Mn, those 

elements identified to  be correlated with Ten by visual inspection did not yield statistically 

significant correlation coefficients. This is due to  the anomalous behaviour of a  small sub

group of the HgMn stars in each case (cf. comments by Cowley 19806). Clearly the linear 

correlation model is not appropriate for observed abundance systematics with effective 

tem perature. A more appropriate model—and one which has a direct in terpretation in 

term s of diffusion theory—is th a t of a well-defined upper-envelope in the abundance-Teff 

plane. As commented before, qualitative evidence for such a model has been presented 

graphically for Ti in chapter 6 , and for Mn, Cu, and G a in chapter 7.

The significant correlation between P t abundance and effective tem perature is inter

esting since it confirms the view th a t the Pt-anom aly is confined to  cool HgMn stars. 

However, since the sample of P t abundances is heavily censored, it would not be appro

priate  to place too much faith in the value of correlation coefficient obtained here.
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8.2.4 Correlations between Abundance and Surface Gravity

The abundances of all elements heavier than carbon appear to  be anti-correlated with 

surface gravity for the normal stars, although there are only three highly significant anti- 

correlations (Co, Zn, and Ga), and a handful of marginally significant ones (Cr [?], Ni, 

and Cu) in this sample. In contrast, there appear to  be no significant correlations with 

surface gravity in evidence amongst the HgMn stars.

Examples of the surface gravity correlations amongst the normal stars are illustrated  

in figure 8.3a-c. Considering the m agnitude of the estim ated uncertainties on the abun

dances, only the Co and Zn correlations appear to deserve further comment. It is evident 

th a t in both  these cases, the correlations rest largely on two or three outliers, but never

theless apppear convincing. Unfortunately, it is not possible to distinguish between sys

tem atic error in the derived abundances (recall in particular the difficulties encountered 

in the Zn abundance analysis; chapter 7) and a genuine disposition towards increasing 

abundance with decreasing surface gravity. Possible explanations in terms of system atic 

error could involve increasing non-LTE effects with decreasing lo g <7 (e.g., due to  lower 

particle densities in the line-forming region), errors in the microturbulence param eter f  

which are correlated with lo g <7 (note the high ^-sensitivity of the C oll lines indicated in 

chapter 7), errors in the treatm ent of pressure-broadening of the lines concerned (really 

only im portant for the strongest lines), and errors in the pressure-ionisation components of 

the partition  functions for these lines. While it seems difficult to conceive of a mechanism 

which might cause the abundances of these elements to be genuinely related to the surface 

gravities of normal stars, such a scenario can not, of course, be dismissed.

The absence of significant correlations between abundance and surface gravity amongst 

the HgMn sample is worthy of comment inasmuch as log y is effectively a param etric mea

sure of the age of a  star. While it might be tem pting to infer th a t this is indicative of a 

lack of time-dependence in the HgMn phenomenon, it should be noted th a t logy does not 

change measurably until late in the main-sequence lifetime of late-B stars. According to 

the stellar evolution calculations of Maeder &: Meynet (1988), logy drops below 4 .2dex 

after 3 x 107 years and 1 .6  x 108 years for stars of 5M@ and 3M® respectively. These 

evolutionary timescales are longer than typical theoretical diffusion timescales. Further

more, the detection of HgMn stars in young open clusters suggests tha t the characteristic
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abundance anomalies in these stars develop within ~  1 0 7 years. Thus log <7 is not generally 

a suitable param eter by which to discern time-dependent diffusion effects.

In this context, it is interesting to  note th a t there are only three HgMn stars in the 

programme which have surface gravities (corrected by + 0 .1  dex for the effect of helium 

deficiency discussed in chapter 4) which axe higher than  4.2 dex: these are 53 Tau, HR6000, 

and 1 1 2  Her. Of these stars, 53 Tau and HR6000 are distinguished amongst the HgMn class 

in not exhibiting the characteristic Hg-anomaly (although not uniquely so). T hat their 

corrected log# values (4.33dex and 4.39dex respectively) are close to  the zero-age main 

sequence values for 3-5 M® suggests that they are relatively young stars and may not have 

had sufficient time to  develop observable Hg overabundances.

8.2 .5  C orrelations b etw een  A bundance and R o ta tio n

There are no statistically significant correlations between abundance and projected equato

rial rotational velocity for either the normal or HgMn samples. Since the inclination factor 

(sin i) may obscure rotation-velocity dependences in the abundance data , a visual search 

was conducted for correlated envelopes in abundance-v sin i diagrams, although none were 

unambiguously identified. Therefore, while stellar ro tation may be an inhibitory factor in 

the development of chemical anomalies in HgMn stars above a threshold of ~  1 0 0  km s - 1  

(Wolff & Wolff 1974; Wolff & Preston 1978), in stars below th a t threshold, such as those 

investigated here, it does not appear to significantly influence the magnitude  of resultant 

abundance anomalies. This conclusion is in accordance with previous abundance surveys 

(e.g., Heacox 1979; Guthrie 1984) and is consistent with the predictions of M ichaud’s 

(1981) parameter-free diffusion model in which HgMn abundance anomalies are expected 

to  develop independently of v s in i  below 90km s_1.

8 .2 .6  C orrelations b etw een  A bundance and M icroturb ulence

A possibly significant correlation between abundance and the m icroturbulence param eter 

£ was identified for Co in the normal star sample. No such correlations were detected 

in the HgMn sample. Considering the likely errors in the microturbulence param eters, it 

would not be desirable to place too much confidence in this result.
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8.2.7 Correlations between Abundances

The first aspect of the abundance inter-correlations amongst the normal stars worthy of 

note is th a t there is a  predominance of positive correlation coefficients (whether s ta tis ti

cally significant or not) for elements heavier than  carbon. In contrast, Be, B, and C appear 

to anti-correlate with heavier elements. The positive correlations amongst the heavier el

ements might be interpreted as a ‘m etallicity’ effect; th a t is, the principal component of 

variation amongst these stars is their global metallicity. The metallicity variations in this 

group are, however, quite small as was demonstrated by the small scatter in their abun

dance anomaly indexes (§8 .1 .2 ). It is not immediately obvious why carbon, and perhaps 

the lighter elements, should anti-correlate with heavier elements.

There is only one highly significant inter-correlation between abundances amongst the 

normal star sample (Co-Zn) and two marginally significant ones (N-Ni and Cr-Ni) which, 

according to  visual inspection, deserve comment. These inter-correlations are illustrated 

in figures 8 .3d-/. Note th a t the Pearson and Spearman coefficient significances for the 

N-Ni correlation are deflated by the presence of a single outlier (a  Lyr), and the scatter 

is otherwise quite small for these data.

Referring to  table 8.3, it is evident tha t N and Ni are both correlated with Teff, and 

th a t Cr, Co, Ni and Zn are all anti-correlated with log^r. Therefore partial correlation 

coefficients at constant Teff and constant log <7 were computed for these variables and are 

presented in table 8.5. These calculations show th a t when the contribution of Teff and log g 

dependences are removed from observed abundance-abundance correlations, the resultant 

partial correlations are not statistically significant. Thus the N-Ni and Co-Zn correlations 

simply reflect strong underlying relationships with the stellar param eters Teff and log# 

respectively. Since correlation coefficients are indicative of statistical relationship rather 

than  the path  of cause and effect, it is necessary to  interpret this result with caution. 

If it is assumed that the correlations between abundances and stellar param eters are 

more fundam ental than  those between the abundances themselves, then the tight scatters 

evident in the correlation diagrams of figures 8 .3d-/ suggest tha t whatever mechanism is 

responsible for the observed systematics is highly consistent between elements.

The metallicity effect seen in the normal star correlation coefficients is not as clearly 

present in the HgMn sample. There are, however, many significant inter-correlations
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Table 8.5: Partial correlation coefficients for the abundances o f selected pairs o f elements.

Elements Sample
size

Linear
correlation

Partial correlation at constant . . .  
Teff logg

r p(%) r p(% ) r P (%)
Normal Sample

Co - Zn* 14 +0.81 < 0.1 +0.81 < 0.1 +0.46 11.2
+0.69 0.7 +0.69 0.7 • • • • • »

N-Ni 14 +0.65 1.2 +0.40 17.1 +0.55 5.3
+0.59 2.6 +0.17 57.2 +0.48 9.7

Cr-Ni 14 +0.74 0.3 +0.68 1.0 +0.62 2.4
+0.56 3.8 +0.41 16.7 +0.04 88.5

HgMn Sample
Mg-Al 25 +0.61 0.1 +0.56 0.4 +0.60 0.2

+0.61 0.1 +0.55 0.5 +0.60 0.2
Mg-Cr 24 +0.76 < 0.1 +0.75 < 0.1 +0.76 < 0.1

+0.77 < 0.1 +0.75 < 0.1 +0.77 < 0.1
Al-Cr 23 +0.60 0.3 +0.46 3.0 +0.58 0.5

+0.54 0.8 +0.37 9.0 +0.52 1.3
Mn-Cu 26 +0.69 < 0.1 +0.66 < 0.1 +0.77 < 0.1

+0.68 < 0.1 +0.64 0.1 +0.78 < 0.1
Mn - Ga 26 +0.66 < 0.1 +0.61 0.1 +0.66 < 0.1

+0.69 < 0.1 +0.63 0.1 +0.69 < 0.1
Cu-Ga 26 +0.28 18.2 +0.20 33.4 +0.41 4.2

+0.39 5.7 +0.31 13.1 +0.50 1.2

Notes for Table 8.5: r and p are the correlation coefficient and significance respectively. *The partial 
Spearman correlation coefficient at constant logg is indeterminate.

amongst the abundances in this sample. Particularly interesting are those seen in the tr i

ads Mg-Al-Cr and Mn-Cu-Ga; these are illustrated in figures 8.4a-/. The inter-correlations 

amongst the M n-Cu-Ga triad m ight, a t first inspection, be thought to  reflect the strong 

underlying dependence of each of these elements on effective tem perature. On the other 

hand, the inter-correlations in the Mg-Al-Cr triad  do not appear to originate from any 

obvious m utual dependence on atmospheric param eters. These hypotheses were tested by 

computing partial correlation coefficients at constant Teff and constant log# for these two 

triads of abundances. The results, presented in table 8.5, show th a t w ith the exceptions of 

Al-Cr and Cu-Ga, there are strong correlations between the derived abundances indepen

dent of m utual variation in Teff. This result suggests—although it does not dem onstrate 

conclusively—th at the mechanisms responsible for the Mg, A1 and Cr abundance vari

ations in these stars share a common identity. Similarly, the same is indicated for the 

abundance variations in Mn, Cu, and Ga.
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T hat these inter-correlations are not observed in the normal stars lends weight to the 

argum ent th a t they are not due to systematic errors in the analysis. The Mg-Cr correlation 

has been reported previously in the literature by Adelman (1989) on the basis of visual 

region da ta  for only nine HgMn stars. Adelman’s result was checked by augmenting his 

visual region da ta  with those obtained here (chapter 6 ). Discarding one uninformative 

censored datum  point (HR6997) yielded Pearson and Spearman correlation coefficients 

of 0.81 and 0.67 respectively, both with significances of better than 1 %. This further 

supports the results obtained here.

8 .2 .8  D iscu ssion

The objective of this analysis, as stated in the introduction, was to establish whether 

the standard  stellar param eters Teff, logy, v s in i, and f  provide a sufficient and adequate 

param eterisation of the observed abundance anomalies in HgMn stars. W ithin the lim

itations of a bivariate correlation analysis, it is necessary to turn  this question around: 

to what extent do each of the stellar param eters appear to influence the development of 

abundance anomalies in HgMn stars? From the preceding analysis it is evident tha t only 

Teff appears to  play a significant (i.e., observable) role in shaping the abundance patterns 

in these stars since no correlations were identified for any of the other stellar parameters. 

Furtherm ore, for only manganese, copper, gallium, and possibly titanium  does it appear 

to be possible to account for some of the star-to-star diversity in abundance in terms of 

variations in effective tem perature. Even for these elements, there are stars which de

part from the otherwise uniform behaviour in the abundance versus Teff diagram; these 

anomalous HgMn staxs do not appear to  be distinguished from the ‘well-behaved’ exam

ples in terms of their stellar param eters. For example, consider the results for manganese 

(see §7.10): for this element, the ‘outliers’ near Teff «  13 000K appear to  include some 

stars near the zero-age main sequence (e.g., HR6000 and 1 1 2  Her) and yet others near the 

terminal-age main sequence (e.g., HR2676 and 46 Aql). For other elements, such as iron 

and chromium, the star-to-star abundance variations can not be uniquely a ttribu ted  to 

variations in any of the stellar param eters. Thus the extraordinary diversity of behaviour 

previously regarded as characteristic of the HgMn class of peculiar stars (e.g., Preston 

1974) appears to  be borne out by the abundance analysis presented in this thesis.
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There are, nonetheless, indications th a t for some elements, a  single mechanism is re

sponsible for this diversity of behaviour. The inter-correlations between the abundances in 

the element triads Mg-Al-Cr and Cu-Mn-Ga are evidence of systematics in the abundance 

anomalies. T hat these inter-correlations are statistically significant independently  of Teff 

and log <7 in these two triads is particularly interesting. In the case of Cu-Mn-Ga, this sug

gests th a t there is some single mechanism responsible for the observed overabundances, 

and th a t this mechanism is consistent in dictating which stars depart from the observed 

correlation with Teff. In the case of Mg-Al-Cr, the large star-to-star diversity in abun

dances would seem to hide what is otherwise a profound element-to-element consistency.

A possibility th a t has not been excluded by the simple bivariate analysis presented in 

this section is th a t the param eters log <7, v s in i, and £ have a secondary influence on the 

observed abundance anomalies in HgMn stars. It m ay be possible to  account for some of 

the observed diversity in abundances through various combinations of these param eters. 

This problem deserves further investigation through the use of more sophisticated s ta tis ti

cal tools than  used here such as m ultivariate correlation analysis or principal components 

analysis (see, e.g., Kendall 1975). Unfortunately, an analysis of this sort is beyond the 

scope of this investigation and may indeed require a  more extensive dataset than  that 

considered here.

8.3 Non-Nuclear Abundance Patterns

8 .3 .1  In tr o d u c tio n

Much work on the abundance patterns in chemically peculiar stars has been directed at 

establishing the validity of one or other of the various mechanisms proposed as their ex

planation. As will be seen in chapter 9, these mechanisms are based on either nuclear or 

non-nuclear processes. Abundance patterns which exhibit dependence on stellar param e

ters are difficult to  reconcile with nuclear processes and were therefore of prim ary interest 

in the preceding section. Cowley & Aikman (1975a) have called a ttention to another un

equivocally non-nuclear abundance pattern: deviation from the odd-even effect of nuclear 

systematics. Such a pattern  occurs when an element of odd atomic num ber Z  has an 

abundance greater than  tha t of adjacent even Z  elements. The odd-even alternation is an
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extraordinarily pronounced characteristic of solar system abundances; it owes its origin to 

the pairing energies of nucleons and is expected whenever nuclear processes are primarily 

responsible for observed abundances.

Cowley (1980a) has classified odd-Z anomalies into two types: type I in which an odd- 

Z element has the same, or higher, abundance than one of either of its even-Z neighbours; 

and type II in which an odd-Z element has higher abundances than both of its even- 

Z neighbours, or in which two odd-Z elements both have higher abundances than the 

interm ediate even-Z element. He states th a t there are no known nuclear processes of 

relevance to  stellar abundances th a t could result in a  type II anomaly. Thus the conclusive 

dem onstration of the presence of such an anomaly in the abundance patterns of HgMn 

stars would have a claimant demand for explanation in terms of a non-nuclear mechanism 

(e.g., magnetic accretion or diffusion).

Cowley & Aikman (1975a) presented evidence for pronounced violations of the odd- 

even effect in HgMn stars a t phosphorus, gallium and yttrium , although they did not find 

convincing the published evidence for such an anomaly at manganese. Allen & Cowley 

(1977) reported M n/Fe ratios greater than unity in 53 Tau and HR2844. This result was 

confirmed by Heacox (1979) who also found M n/Fe ratios of greater than unity in a  And 

and 87 Psc, and further odd-Z anomalies a t phosphorus for HR7361, k Cnc, HR6997, and 

HR8535. Allen (1977) analysed 9 HgMn stars but failed to confirm previously reported 

type II odd-Z anomalies at y ttrium . He showed how type I anomalies a t y ttrium  can in 

fact be reproduced by the s-process and r-process under certain extreme conditions.

In this section, the abundances derived in chapter 7 are examined for evidence of odd- 

Z  anomalies. Abundances were examined at the odd-Z elements aluminium, manganese, 

cobalt, copper, and gallium. The detection of an odd-Z anomaly was assumed significant 

if the difference between the odd- and even-Z logarithmic abundances was greater than 

three times its formal error (3<r). No odd-Z anomalies were detected at A1 or Co, both of 

which are elements which were shown to be depleted in HgMn stars in chapter 7. Type I 

odd-Z anomalies were detected at Cu and Ga, and some type II anomalies were detected 

at Mn; these are now discussed in turn.
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8.3.2 Odd-Z  Anom alies at M anganese
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F ig u re  8.5: A  log-logplot o f the abundance ratios M n/C r and M n/F e in the normal stars 
(open squares), superficially normal stars (open triangles), and HgMn stars (filled circles). 
The solar abundance ratios are denoted by the symbol ©. The dashed lines divide the 
diagram in to  zones representative o f  odd-Z anomalies o f  type I  (top-left and bottom -right) 
and type I I  ( top-right). The mean error (±lcr) in each axis is indicated at the top-left 
corner.

The even-Z neighbours of manganese are chromium and iron for which nearly complete sets 

of abundances are available from chapter 7. In figure 8.5, the logarithm s of the abundance 

ratios M n/C r and M n/Fe in the programme stars are plotted against each other. This 

figure is sub-divided into four zones by dashed lines corresponding to  M n/C r =  M n/Fe =  1 . 

Stars with type I odd-Z anomalies lie in the top-left and bottom -right zones, and stars with 

type II odd-Z anomalies lie in the top-right zone. Notice th a t there are at least four stars 

which exhibit pronounced type II anomalies (87 Psc, 53 Tau, HR2844, and HR7143) and 

considerably more which have type I anomalies in ju st the M n/C r ratio . The three-sigma 

detections of odd-Z anomalies at Cr-Mn-Fe are also listed in table 8 .6 .

The type II odd-Z anomalies found here in 87 Psc, 53 Tau, and HR2844 confirm those 

obtained by Heacox (1979); th a t obtained for HR7143 appears to be newly discovered. 

These results are further supported by the visual region abundances discussed in chapter 6 . 

Contrary to the conclusions of Cowley & Aikman (1975a), it seems reasonable to  assume,
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Table 8.6: Odd-Z anomalies at manganese which exceed a 3<7 detection threshold.

Star HD log[A(Mn)/A(Cr)] log[A(Mn)/A(Fe)] Anomaly
type*

46 Aql 186122 2.10 ±0.21 • • I
87 Psc 7374 1.50 ±0.30 1.00 ±0.21 II
53 Tau 27295 1.15 ±0.11 0.50 ±0.11 II
p Lep 33904 1.20 ±0.21 0.05 ±0 .07 I
33 Gem 49606 1.70 ±0.32 • • I
HR2676 53929 1.75 ±0.22 • • I
HR2844 58661 1.60 ±0.41 0.70 ±  0.22 II
k  Cnc 78316 1.90 ±0.22 0.05 ±0.11 I
v  Her 144206 1.00 ±0.30 • . I
28 Her 149121 0.45 ±0.14 • • I
HR6997 172044 0.90 ±0.16 I
112 Her 174933 1.65 ±0.32 • • I
HR7143 175640 1.15 ±  0.11 0.70 ±  0.07 II
HR7361 182308 2.60 ±0.21 0.05 ±0 .07 I
HR7664 190229 1.20 ±0.25 I

T ab le  8.7: Odd-Z anomalies at copper which exceed a Zo detection threshold.

Star HD log[A(Cu)/A(Ni)] log[A(Cu)/A(Zn)] Anomaly
type*

46 Aql 186122 0.70 ±0.11 I
53 Tau 27295 2.20 ±0.54 I
p Lep 33904 >4.50 ±0 .50 I
HR1800 35548 2.50 ±0.54 I
33 Gem 49606 >4.40 ±0.51 I
HR2676 53929 2.30 ±0.71 I
HR2844 58661 > 4.60  ±0.51 I
k Cnc 78316 > 4.80  ±0.50 I
HR4072 89822 > 3.70 ±0.78 I
X Lup 141556 > 2.90 ±0.58 I
28 Her 149121 2.90 ±0.51 I
HR6997 172044 3.60 ±0.50 I
HR7143 175640 2.40 ±  0.54 I
HR7361 182308 4.70 ±0.51 I
HR7664 190229 3.20 ±0.50 I
(3 Scl 221507 > 4.40 ±  0.50 I

N otes for Tables 8.6 and  8.7: * According to Cowley’s (1980a) definition—see text.
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therefore, th a t the existence of a significant type II odd-Z anomaly at manganese has been 

satisfactorily dem onstrated for at least four stars of the HgMn class. This has im portant 

implications since manganese is one of the definitively anomalous elements in these stars; 

any theory proposed as an explanation of their origins should account for its behaviour. 

It seems unlikely th a t this requirement could be satisfied by any purely nuclear-based 

mechanism.

8.3.3 Odd-Z Anom alies at Copper

•  HR7361

A 46 Aql

- 4 - 2  0 2

log [i4(C u)/i4(N i)]

F ig u re  8 .6 : A  log-logplot o f the abundance ratios C u/N i and C u/Zn  in the normal stars 
(open squares), superficially normal stars (open triangles), and HgMn stars (filled circles). 
The solar abundance ratios are denoted by the symbol ©. The dashed lines divide the 
diagram in to  zones representative o f  odd-Z anomalies o f  type I  (top-left and bottom-right) 
and type I I  (top-right). The mean error (±1(7) in each axis is indicated at the top-left 
corner.

The even-Z neighbours of copper are nickel and zinc, both of which appear to  be deficient in 

HgMn stars according to  the analysis presented in chapter 7. The logarithmic abundance 

ratios for Cu/N i and C u/Zn in the programme stars are plotted against each other in 

figure 8 .6 . In this case there is a profound type I anomaly in the C u/Z n ratio , although
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according to  the detection criterion of 3<r, no stars exhibit significant type II anomalies. 

The most probable candidate for a  type II anomaly at copper is HR7361 for which the 

Cu/N i ratio  exceeds unity by ~  1.7a. The odd-Z anomaly in the C u/Zn ratio for HgMn 

stars has not been reported previously since both of these elements are extremely difficult 

to  observe in the visual region. Note th a t in the most extreme cases, the C u/Zn ratio  

approaches 1 0 5 which might prove difficult to  reproduce using purely nuclear processes. 

The three-sigma (or higher) odd-Z anomalies a t Ni-Cu-Zn are listed in table 8.7.

8.3.4 O dd-Z Anom alies at Gallium

The even-Z neighbours of gallium are zinc and germanium. Gallium abundances were 

derived for the programme stars in chapter 7, although the UV germanium lines were not 

investigated. The near-universal overabundance of Ga in the HgMn stars coupled with 

the general deficiency observed for Zn would suggest large odd-Z anomalies in the G a/Zn 

ratio. Cowley & Aikman (1975a) drew attention to  the m agnitude of the G a/Zn ratio  in 

HgMn stars and considered it to be the most secure example of an odd-Z anomaly to date. 

This is confirmed by the da ta  obtained here. The G a/Zn ratio  exceeds unity by 3cr or more 

in all but three (u Cnc, t CrB, and <f> Her) of the 23 HgMn programme stars in which both 

of these elements were analysed. In some cases, the G a/Zn abundance ratio  approaches 

1 0 6. In the light of this, it would be interesting to  obtain germanium abundances in order 

to establish whether or not a type II anomaly is in evidence. The UV resonance lines of 

G ell a t A1538 and A1602 might prove suitable for this purpose, although a preliminary 

inspection suggests th a t they may be rather severely blended. The use of higher resolution 

observations (e.g., Hubble Space Telescope GHRS spectra) are therefore indicated.

8.3.5 D iscussion

The odd-Z anomalies identified in the preceding sections can not be readily explained 

by nucleosynthetic processes. The dominant isotopes of Cr, Mn, Fe, Ni, Cu, and Zn are 

prim arily the products of explosive nucleosynthesis (Anders & Grevesse 1989). When 

strict nuclear equilibrium prevails (e-process synthesis), the production of even-Z heavy 

elements necessarily exceeds tha t of adjacent odd-Z elements because of the influence of 

their higher nuclear binding energies on the statistical equilibrium (Fowler et al. 1957). A
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solax abundance pattern  with the usual even-odd alternation then results. Recent calcula

tions for explosive nucleosynthesis in type II supernovae (Woosley, A rnett & Clayton 1973; 

Woosley & Weaver 1986) show th a t even in this non-equilibrium process, the even-odd 

alternation is preserved at least within small ‘clusters’ of nuclides. In fact these dynamic 

nucleosynthesis calculations axe successful in reproducing the solax abundance pattern  to 

within a factor of 2  for most elements with atom ic mass less than  64. Thus the extreme 

odd-Z anomalies identified at manganese and copper would seem to be the signature of 

some non-nuclear mechanism. The situation with regards to  the G a/Z n ratio  is somewhat 

more complicated since gallium is predom inantly an 5-process product as is, incidentally, 

its higher even-Z neighbour germanium. As Cowley h  Aikman (1975a) have pointed out, 

the high gallium abundances in these stars could arise by addition of neutrons to  the 

iron peak nuclei, although there would seem to be no way in which this odd-Z element 

could be more abundant than its even-Z neighbours zinc and germanium. For this reason, 

germanium abundances might prove exceptionally useful in clarifying the nucleosynthetic 

history of gallium.

8.4 Summary and Conclusions

In this chapter, a preliminary investigation has been carried out on the elemental abun

dances derived from ultraviolet spectra in chapter 7. The abundances were examined for 

the presence of both external correlations with stellar param eters Teff, log <7, v sin i , and £, 

and internal correlations between elements. Significant departures from, and adherences 

to, the even-odd alternation of abundances due to  nucleosynthesis were identified and 

briefly discussed.

The principal results obtained from this analysis are as follows:

• The maximum observed overabundances of Mn, Cu, and Ga in the HgMn stars are 

apparently positively correlated with Tefj.

• Elemental abundances in the HgMn stars axe generally uncorrelated with log <7, 

vsm  i , and f.

• Abundances within the triads of elements Mg-Al-Cr and M n-Cu-Ga are apparently 

positively inter-correlated in the HgMn stars, and these inter-correlations seem to
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be largely independent of both Teg and log g.

•  There are significant type I, and in some cases, type II odd-Z anomalies a t Mn, Cu, 

and Ga in the HgMn stars.

These results support the following two conclusions:

•  The observed star-to-star diversity in abundances in HgMn stars is apparently a gen

uine characteristic of this class of peculiar stars which can not be uniquely a ttribu ted  

to  variations in stellar param eters for most elements studied thus far.

• The Mn, Cu, and Ga abundance anomalies observed in HgMn stars constitute exam

ples of non-nuclear abundance patterns both in term s of their apparent correlations 

with Ttf[ and in their violation of the even-odd alternation of nucleosynthesis.

The hypothesis th a t the abundance anomalies in HgMn stars owe their origin to  non

nuclear processes is further explored in the next chapter.
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Discussion

In this chapter, the various theories which have been proposed as explanations of peculiar 

A and B stars are discussed and their predictions are tested against the results of the 

analyses presented in preceding chapters. The chapter concludes with suggestions for 

future observational and theoretical work in this field of study.

9.1 Explanatory Theories of Peculiar A and B Stars

Since the discovery of peculiar A and B stars, m any theories have been proposed as an 

explanation of their origins. There are two basic types of process by which the abundance 

anomalies observed in these stars may be formed: ( 1 ) nuclear processes, and (2 ) non

nuclear processes which involve selective separation of elements. The various mechanisms 

which have been proposed on the bases of these processes are illustrated schematically in 

figure 9.1 (adapted from Baschek 1975). The mechanism indicated in the dashed box has 

been ruled out by observations. The mechanisms indicated by oval boxes involve surface 

magnetic fields and therefore probably do not apply to HgMn stars. These mechanisms 

are now briefly reviewed in tu rn  with an emphasis on their ability to account for the origin 

of HgMn stars.

9.1.1 N uclear Processes

There are two basic mechanisms whereby nuclear processes can generate anomalous el

emental abundances: ( 1 ) evolutionary and explosive nucleosynthesis, and (2 ) spallation
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reactions a t, or associated with, stellar surfaces.

A nucleosynthetic origin for the abundance anomalies in peculiar stars was first pro

posed by Fowler et aJ. (1965). They suggested th a t the high abundances of iron-peak ele

ments and rare earths are the product of rapid neutron addition processes (r-processes). 

They advocated two possible scenarios in which this could occur: ( 1 ) th a t the peculiar 

star is at an advanced stage of evolution having passed through the giant phase (where 

m aterial enriched with the products of nucleosynthesis was mixed to  the stellar surface) 

and subsequently returned to  the vicinity of the main sequence; and (2 ) tha t a  similar 

process has taken place in a close binary companion (the original prim ary) from which 

m aterial has been transferred to the surface of the peculiar star. The first model has been 

excluded by observations which indicate th a t the abundance anomalies in peculiar stars 

are confined to  the stellar surface (Searle & Sargent 1967; S trittm atter & Norris 1971). In 

the second model, mass transfer from the evolved companion star could occur gradually 

via, for example, Roche lobe overflow (van den Heuvel 1968) or rapidly by way of a type II 

supernova outburst (van den Heuvel 1967; Guthrie 1967, 1969, 1971a, b).

Mercury-manganese stars are observed with high frequency in double-lined spectro

scopic binaries where both components are, presumably, on the main sequence (e.g., Aik- 

m an 1976; Gerbaldi, Floquet & Hauck 1985; cf. chapter 1 ). Furtherm ore, the distribution 

of mass ratios in HgMn spectroscopic binaries shows a remarkable deficit of systems with 

m 2 /m i  < 0 .1  (Wolff & Preston 1978; cf. Chapter 1 ). These observations are inconsistent 

w ith the hypothesis th a t the present secondaries of HgMn binary systems have evolved 

through the red giant phase and transferred processed m aterial on the present prim ary 

component. Thus the mass transfer model is largely excpluded as an explanation of the 

HgMn phenomenon.

Dworetsky (1971) has advanced strong argum ents against the binary, or m ultiple sys

tem , supernova hypothesis as an explanation of HgMn stars. Firstly, the co-existence of 

HgMn and early Am-like stars in binary systems such as HR4072 and x  Liip is inconsistent 

w ith the expectation tha t similar abundance anomalies should be observed in both stars 

if they acquired debris from the same supernova event. Secondly, 5-process and r-process 

mechanisms have difficulty in accounting for the extreme mercury isotope distributions 

observed in the primaries of the aforementioned systems (e.g., iV(204Hg)/Ar(202Hg) > 4).
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Thirdly, supernova outbursts are expected to  result in the gravitational dissolution of the 

binary or m ultiple systems in which they occur, and thus the HgMn stars newly-formed in 

such events are expected to  acquire speeds of at least 1 0  km s” 1. This stands in contradic

tion with observations of HgMn stars in open clusters (see chapter 1 ), for which the escape 

velocities are typically only 2 k m s_1, and with the kinematical properties of these stars in 

the field since few, if any, are ‘runaways’. Cameron (1971) has identified further difficul

ties with the binary supernova hypothesis. He points out th a t the abundance anomalies 

in peculiar A stars are so atypical of ordinary nucleosynthesis tha t supernova events in 

which large quantities of anomalous elements are ejected into the interstellar medium (so 

th a t a small fraction may be captured by the hypothetical peculiar star) m ust be very 

rare. This natural inference is in contradiction with the high incidence of peculiar A stars 

among A stars in general (see chapter 1 ). Furthermore, Cameron suggests th a t rather 

than  depositing m aterial gently onto the stellar surface of the companion star, impinging 

gases from a supernova outburst would tend to sweep away its outer surface layers leaving 

no net deposition of processed m aterial.

The first attem pt to explain the anomalous abundances in peculiar A stars by surface 

nuclear reactions was made by Burbidge & Burbidge (1955) and elaborated by Fowler, 

Burbidge & Burbidge (1955). These authors postulated reactions in which alpha parti

cles, deuterons, and neutrons bombarding a stellar surface may lead to a build-up of heavy 

elements. Stellar surface spallation reactions have also been invoked to account for un

derabundances of light elements such as helium, and as an explanation of the anomalous 

3 H e/4He ratio  in some He-weak stars (Fowler et aJ. 1965; Brancazio & Cameron 1967). 

However, the proposed acceleration of particles by strong surface magnetic fields presents 

severe energy problems (cf. comments by van den Heuvel 1968) and is clearly ruled out 

for the non-magnetic HgMn stars. The production of energetic particles by supernova 

explosion is feasible, but would seem to encounter the objections outlined by Dworetsky 

(1971) in terms of accounting for the existence of HgMn stars.

9.1.2 N on-N uclear Processes

Two distinct types of non-nuclear process have been proposed as mechanisms for selective 

separation of abundances: (1 ) magnetic accretion, and (2 ) radiative diffusion.
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The magnetic accretion hypothesis has been advanced as an explanation of magnetic 

Ap stars by Havnes & Conti (1971) and since elaborated by Havnes (1974, 1976, 1979). 

Briefly, the magnetic accretion mechanism involves the selective capture of elements (pri

marily the heavier ions) by the ro tating magentosphere of a magnetic star as it moves 

through the interstellar medium. Since the HgMn stars do not have detectable magnetic 

fields, this theory can not offer an explanation for their abundance anomalies and therefore 

will not be considered further here.

Diffusion has been advocated as an explanation of abundance anomalies in many stel

lar contexts: Aller & Chapm an (1960) examined the diffusion tim e scales for m etals in 

the sun; Greenstein, Truran & Cameron (1967) suggested th a t gravitational settling is re

sponsible for the helium deficiencies observed in horizontal branch B stars; Praderie (1967) 

proposed th a t diffusive settling of elements in normal A stars could be responsible for the 

comparative interpretation of overabundances in Am stars. Michaud (1970) was the first 

to  advocate th a t the abundance anomalies observed in Ap stars could be explained by 

selective separation of elements in their atmospheres due to  diffusion under the compet

ing influences of radiation pressure and gravitational attraction. His work was followed 

soon thereafter by tha t of W atson (1970, 1971) who showed how the diffusion hypothesis 

could be applied to  Am stars in which chemical separation proceeds beneath a superficial 

convection zone.

The diffusion hypothesis has been successful in accounting for m any of the abun

dance anomalies observed in the peculiar stars of the upper main sequence. It provides 

a natural explanation for the observed dependence of abundance anomalies on stellar pa

ram eters such as effective tem perature, in term s of both  the different peculiarity types 

observed along the main sequence, and the correlation between abundance anomalies and 

r efr within a peculiarity type. The weight of observational evidence supports diffusion as 

the prim ary explanation of the HgMn phenomenon, although as has been emphasised by 

Cowley (1980a), the co-existence of nuclear-based mechanisms with diffusion has not been 

excluded. In the section which follows, a brief account of radiative diffusion theory is pre

sented, followed by a description of the parameter-free diffusion model proposed for HgMn 

stars and a detailed comparison of its predictions with the results of the UV abundance 

analysis presented in chapter 7.
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9.2 Radiative Diffusion Theory

9.2.1 Introduction

The central principle of diffusion theory is th a t if the envelope or atmosphere of a star is 

sufficiently stable, atom s and ions can m igrate upwards or downwards via diffusion under 

the competing influences of radiative and gravitational forces. Over tim e, gross accumu

lations, or indeed underabundances, of elements can develop in the atmosphere where 

they become spectroscopically conspicuous. A clear understanding of the fundamentals 

of diffusion theory is afforded by inspection of the diffusion equation for a trace element 

diffusing in ionised hydrogen under the so-called ‘test-atom ’ approximation. In this case, 

the diffusion velocity is given approximately* by (e.g., Michaud 1986)

VD =  - D u
d in e  . mp , d i n T

+ (9 - 9r ) t £ - * 2-d r  k T  d r
(9.1)

where D u  is the ‘molecular’ diffusion coefficient, c =  N /N h is the element concentration, 

g and # r  are the gravitational and radiative accelerations respectively, mp is the proton 

mass, k j  is the therm al diffusion factor, and all other symbols take their conventional 

meanings. This expression has a straightforward physical interpretation: the first term  

represents ‘classical’ diffusion due to  a  concentration gradient; the second term  represents 

the net diffusion due to  competing gravitational and radiative forces; and the third term 

represents therm al diffusion due to  a  tem perature gradient.

The classical diffusion term  is equal to zero at the s ta rt of stellar evolution and seldom 

becomes im portant in stars since equilibrium abundance gradients are rarely approached. 

The behaviour of any species is largely determined by the net gravitational and radiative 

forces: if # r  > g then the element will tend to  diffuse upwards, and if <7r  < r it will 

tend to  sink. Thus the calculation of the radiative acceleration, which is of course depth- 

dependent, takes on a central role in diffusion theory.

In his original 1970 paper on diffusion, Michaud primarily considered the contribution 

of bound-free processes (i.e., photoionisation) in the calculation of radiative acceleration 

on various elements. He found th a t photoionisation can im part a net upwards momentum

*The gravitational/radiative diffusion term may be modified for the presence of an electric field by 
substituting [{A — y  — \)g — -A^r] for the simplified expression given in equation 9.1 (e.g., Michaud 1991). 
Here A and Z are the atomic mass and charge of the species of interest respectively. This correction is 
obviously negligible for all but the lightest elements.
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on atoms with ionisation potentials in the range 10.5 to  13.6 eV. These elements are then 

expected to  diffuse into the upper atmosphere where they can become spectroscopically 

prominent. Atoms with ionisation potentials smaller than  10 eV or greater than  18 eV 

will not absorb sufficient radiation to  counter gravity and will sink out of the atmosphere. 

Finally, atom s with ionisation potentials between 13.6 and 18 eV may or m ay not be driven 

upwards depending on the precise details of their atom ic structure. This simplified picture 

allowed the prediction of some anomalies observed in HgMn stars including the deficiencies 

of He, Al, and Ni, and the overabundance of Mn, Sr, Y, and Zr.

However, in most situations of interest, the radiative acceleration gn on an ion is dom

inated by bound-bound transitions. W hen the lines which dom inate </r become saturated 

due to  an accumulation of the element in the atmosphere, their contribution to  this ra 

diative acceleration diminishes quite rapidly and becomes dependent on absorption in the 

damping wings. This ultim ately determines the maximum abundance of an element that 

can be supported in the atmosphere.

Michaud (1970) estim ated th a t a single saturated  line of therm al Doppler width can 

support a  mass fraction of 1 0 - 7  to  10- 6  depending on its position in the spectrum. A 

few suitably placed lines (i.e., close to the stellar flux maximum) can therefore lead to 

enormous overabundances for the rarer elements whereas large overabundances of the iron- 

peak elements and some of the lighter m etals must be supported by continuum absorption.

For diffusion mechanisms to  be effective, an exceptionally stable atm osphere is de

manded since typical diffusion velocities are of order 10- 3 cm s-1 . Michaud (1970) high

lighted the slow rotation and magnetic fields of Ap stars as two characteristics which 

promote tendency to atmospheric quiescence. The requirement of slow rotation is sat

isfied by HgMn stars, but none have been reported to  have detectable magnetic fields. 

Indirect evidence of the stability of HgMn star atmospheres is provided by the typically 

low values of microturbulence param eter derived in spectroscopic analyses of these stars 

(Smith & Parsons 1975; Allen 1977; Adelman 1989; cf. chapter 6 ) if it  is assumed that £ 

can be taken as a true indicator of instability on optically-thin scale lengths (Gray 1973).

Since M ichaud’s seminal paper, diffusion theory has developed rapidly and has been 

refined to the extent th a t detailed models have been proposed to account for nearly all 

the phenomena observed in peculiar stars of the upper m ain sequence. Many excellent
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reviews have been published (e.g., Michaud 1980; Vauclair & Vauclair 1982; Alecian 1986; 

Michaud 1986; Michaud 1991) to  which the reader is referred for further details. In the 

subsections which follow, the parameter-free diffusion model for HgMn stars is described 

and its predictions are compared in detail with the results of the UV abundance analysis 

presented in chapter 7.

9 .2 .2  T h e  P a ra m eter -F ree  M o d e l

The parameter-free diffusion model for HgMn stars was first proposed by Michaud (1981) 

and subsequently refined for applicability to  non-magnetic peculiar stars in general by 

Michaud (1986). This model assumes negligible the effects of magnetic fields, turbulence, 

mass loss, accretion, coronae, horizontal inhomogeneities, inverted molecular weight (//) 

gradients, meridional circulation, and tidal distortions; only the effective tem perature, 

surface gravity, and age of the star are considered as variables. Most of these assumptions 

are, to  varying extents, confirmed by observation for known HgMn stars. It is for this 

reason th a t HgMn stars probably represent the closest approach to the ideal situation of 

pure diffusion (Vauclair & Vauclair 1982).

The development of an HgMn star according to  the parameter-free diffusion model is 

illustrated schematically in figure 9.2. In the first phase, a late-B star (the progenitor 

HgMn) arrives on the main sequence with a homogenous distribution of normal abun

dances. It has a H ell convection zone which mixes the whole upper atmosphere and 

extends down into the envelope to T  «  50 0 0 0 K (figure 9.2a). Note tha t unlike the cooler 

A stars (which may be progenitor Am ’s), there is no superficial hydrogen convection zone. 

Diffusion proceeds under the H ell convection zone: helium settles since the radiative ac

celeration on it is smaller than gravity (Michaud et a1. 1979), and heavier elements either 

diffuse into the convection zone or downwards underneath it depending on their radiative 

accelerations. After approximately 3 X 106 years, the helium abundance has diminished by 

a factor of ~  3 and the H ell convection zone disappears (Vauclair, Vauclair k  Pam jatnikh 

1974). Then, in the second phase, chemical separation proceeds in the stable atmosphere 

fed by a differentiated reservoir in the envelope in which abundances correspond to  those 

a t the disappearance of the H ell convection zone (figure 9.26).

Mercury-manganese stars do not apparently have magnetic fields by which to trap
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(a)  t = 0 years (b) t = 3 x 10® years

F ig u re  9.2: Schematic diagram illustrating the parameter-free diffusion model for HgMn 
stars, (a) A  late-B star arrives on the main sequence with a helium abundance o f 10%  
by number and has a superficial H e ll convection zone (CZ) which mixes the atmosphere. 
Helium sinks through the bottom  o f the convection zone until its abundance has decreased 
by about a factor o f  3. (b) The H ell convection zone then disappears and diffusion proceeds 
in the stable atmosphere. Adapted from Michaud (1986).

diffusing elements in superficial atmospheric layers. It is therefore necessary to  carry 

out detailed non-LTE calculations to establish whether the radiative acceleration on an 

element of interest (# r)  becomes less than  the gravitational acceleration (g ) somewhere 

in the outer atmosphere. One mechanism by which a trap  m ay form is at an ionisation 

boundary where the population of an element shifts to  a  higher ionisation stage due to the 

diminishing electron density and tem perature reversal in superficial atmospheric stra ta . 

If the radiative acceleration on the higher ionisation stage is lower than  gravitational 

acceleration (e.g., due to a  paucity of spectral lines longwards of the Lyman lim it) then a 

trap  can form and an accumulation of the element develops over time.

This parameter-free model then has a natural explanation for the qualitative difference 

between HgMn and other peculiar stars (see, e.g., Michaud et al. 1976). In magnetic 

stars, diffusing ionised elements can not cross horizontal field lines and therefore extreme 

overabundances can accumulate at the surface, sometimes in spots or rings related to the
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geometry of the field. In Am stars, which are typically cooler than 1 0  0 0 0  K, the presence 

of a  superficial hydrogen convection zone under which diffusion takes place may lead to  the 

characteristically milder abundance anomalies than found in other peculiar stars. Since in 

HgMn stars abundance anomalies can only develop in the upper atmosphere in the presence 

of a  particle trap , a  characteristically different pattern  of anomalous elements is observed. 

T hat the abundance accumulations often develop at very low optical depths may explain 

the observed diversity in abundances since in this region hydrodynamic interactions can 

become im portant.

Many of the simple predictions of the parameter-free diffusion model coincide beauti

fully with observations. Michaud (1982) used the self-consistent solutions for meridional 

circulation of Tassoul & Tassoul (1982) to show th a t the H ell convection zone can dis

appear only in stars for which the equatorial rotational velocity is less than  ~  9 0km s_1 

on the zero-age main sequence. This value is in excellent agreement with the upper limit 

v sin i observed for HgMn stars by Wolff & Preston (1978). However, the maximum veloc

ity at which the He II convection zone is predicted to  disappear is sensitively dependent on 

the stellar surface gravity so tha t the co-existence of normal and HgMn stars below this 

theoretical threshold can, at least in part, be explained by variations in logg. Once the 

H ell convection zone disappears, abundance anomalies will develop with no appreciable 

dependence on v s in i  since the meridional circulation currents will, in this situation, be 

slow enough not to  interfere with the stratification of heavy elements in the atmosphere. 

This accords with the fact th a t no survey of HgMn stars has yet established a convincing 

correlation between the extent of an abundance anomaly and v s m i  (e.g., Wolff 1983), 

a result which is confirmed by the analysis of UV abundances presented in chapter 7. 

The fact th a t the disappearance of the H ell convection zone is im portant in triggering 

the development of atmospheric abundance anomalies in this model provides a natural 

explanation for the helium underabundances observed in nearly all HgMn stars (Heacox 

1979). The time-scale for the disappearance of the H ell convection zone ( ~ 3 x  106 years) 

is also in accord with the absence of peculiar stars in clusters with ages < 106 years (Abt 

& Cardona 1983).

436



Chapter 9

9.3 Diffusion Compared with Observations

In this section, published predictions of the parameter-free diffusion model for various 

elements are compared in detail w ith the results of the analysis presented in chapter 7. 

For two elements (manganese and gallium) the effects of an inhomogenous distribution of 

elemental abundance with atmospheric depth is investigated as a  possible explanation of 

residual discrepancies between observation and theory.

9.3.1 Beryllium

Borsenberger, Michaud & Praderie (1984) have calculated the radiative acceleration of 

beryllium in the atmospheres and envelopes of stars with effective tem peratures of 1 0  0 0 0 , 

1 2  500, and 15 0 0 0  K. Using a detailed non-LTE formulation they showed th a t the radiative 

force on Be I and Be II is sufficient to  support atmospheric overabundances of a factor of 

up to 1 0 6. This high enhancement factor stems from the low natural abundance of Be, 

and hence delayed onset of saturation effects, and from its low mass, and hence high 

radiative acceleration. In the envelope, the radiative acceleration of Be is found to fall 

below gravitational acceleration close to  the He II convection zone.

For models with effective tem peratures of 1 2  500 K or less, Borsenberger et a1. find 

th a t the reservoir of Be is initially depleted by a factor of ten due to downard diffusion 

in and above the H ell convection zone before it disappears. For a 15000K envelope 

model, radiative and gravitational acceleration are in balance at the bottom  of the H ell 

convection zone to within a few percent so th a t there is little  change in the Be abundance 

over this period. W hen the H ell convection zone has disappeared, radiation force can 

drive upwards all Be in the range 1 0 - 7  < To < 1 0 3 concentrating it in layers at To < 10-2 . 

For the 15 0 0 0  K model, this multiplies the to tal Be column in this superficial region by a 

factor of 1 0 5, but in the cooler models this is attenuated to  1 0 4 due to the initial depletion 

of the Be reservoir in the envelope.

Borsenberger et ai. recognise one problem with their model: Be will tend to accumulate 

where its radiative acceleration is equal to  gravitational acceleration, and this occurs at 

T0 ~  1 0 - 7  down to To ~  1 0 -5 . In this region the B e ll/B e lli  ratio  varies between 1 0 - 3  and 

10_1  and thus the column density of Be II is diminished by several orders of magnitude, 

somewhat below th a t which is required to form some of the observed lines.
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The beryllium abundances obtained from the UV resonance doublet B ell A3130, 3131 

in chapter 7 are broadly consistent with the predictions of the diffusion model described 

above. Fifteen of the HgMn stars exhibit Be enhancements of 1 0 2- 1 0 4, and the remainder 

have upper lim its which are similar to  those obtained for the normal stars. There does not 

appear to  be any distinction between those HgMn stars which possess overabundances of 

Be and those which do not.

Borsenberger et al. considered two hydrodynamic mechanisms which can modify the 

parameter-free model for beryllium and thereby account for the diversity in observed Be 

abundances in HgMn stars: turbulence and mass loss. Turbulence can be induced by the 

presence of an inverted //-gradient in the upper atmosphere (Michaud 1980); this may occur 

if Be concentrates at tq ~  1 0 - 7  in such large proportions tha t it dominates the composition 

of the atmosphere there. Borsenberger et a1. have hypothesised th a t this process may mix 

the outer atmosphere to the extent th a t Be is driven to  deeper regions where it is less 

ionised and becomes observable. Mass loss at rates lower than  1 0 “ n  M® would not be 

observable in HgMn stars but might modify the atmospheric accumulation of Be depending 

on precisely where the hypothetical stellar wind is anchored in the photosphere (cf. Am 

stars: Michaud et al. 1983). In this scenario, Borsenberger et al. suggest tha t variations 

in the mass loss rate  between stars might account for star-to-star diversity in the observed 

Be abundances.

9.3.2 Boron

Borsenberger, Michaud & Praderie (1979) carried out detailed non-LTE radiative diffusion 

calculations for boron in the envelopes and atmospheres of stars of effective tem peratures 

1 0 0 0 0 , 12500, and 15 000 K. Their model predicts that the radiation forces acting on the 

resonance lines of B II and B III are greater than  gravity throughout the atmospheres of 

these stars. However, when boron takes on its noble gas configuration in the envelope, 

it has no lines close to the flux maximum and the radiation force transm itted  to it is 

very small. This occurs at a mass fraction depth of 1 0 “ 8 compared to the mass fraction 

depth of the atmosphere of 1 0 -11; thus the boron reservoir in the envelope is capable of 

producing a maximum overabundance in the atmosphere of 1 0 3.

In magnetic Ap stars, the outward passage of boron ions in the upper atmosphere can
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be impeded by the presence of a strong magnetic field if its lines of force are near-horizontal 

a t low optical depths. In the presence of snch a magnetic ‘tra p ’, boron overabundances of 

a factor of 1 0 3 can be accumulated. In contrast, the absence of significant magnetic fields 

in HgMn stars suggests that boron will escape from their upper atmospheres if it remains 

in the form of B II or B III. At low optical depths, however, the decreasing electron density 

favours ionisation and the BIV stage may become populated. The radiative force on this 

ion is entirely negligible so th a t in this form boron may accumulate in the atmosphere 

rather than  leave the star. According to  Borsenberger et al., approxim ate calculations 

indicate th a t stars with r eff =  12 500 K are a  lim iting case in this regard: cooler stars 

probably keep no boron (the radiation field is too weak to favour the B IV stage), whereas 

hotter ones probably do not allow it to  escape. Since boron m ust be predom inantly in the 

B lV  stage for this scheme to  be effective, the model predicts tha t in either case no B II 

should be observable, although there could be sufficient B III depending on the intensity 

of the far UV radiation field.

Boron abundances were derived from the UV resonance line B II A1362 in chapter 7. 

Those results show that a t least 5 HgMn stars have significant boron overabundances 

(HR2676, k  Cnc, 28 Her, HR7143, and HR7361), one has a normal boron abundance 

to  within its estim ated error (33 Gem), and sixteen are boron deficient (the remainder 

were either not analysed or have upper lim its which are equivocal). Thus diffusion theory 

for boron accords well with observations of most, but not all, of the HgMn stars in the 

programme.

The B-rich HgMn stars do not appear to be distinguished from the B-deficient examples 

in either Teff, log <7, or rs in  i. The highest boron overabundance observed here is th a t of 

k Cnc for which an enhancement of a  factor of ~  100 over normal stars is indicated. This 

lies within the range adm itted by the diffusion calculations of Borsenberger et al. for stars 

which have a  magnetic trap  in their upper atmosphere.

Amongst the programme stars, magnetic fields have been detected only in 33 Gem 

(Chunakova, Bychkov & Glagolevskij 1981) and 36 Lyn (Borra, Landstreet & Thompson 

1983) both of which are normally classified as He-weak stars rather than  classic members of 

the HgMn class. The possible existence of a magnetic field in k Cnc has been suggested on 

various occasions (Babcock 1958; Preston, St§pien & Wolff 1969) although Preston (1971)
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regards these detections as uncertain. Leckrone (1981) reported th a t Borra, Landstreet 

& Poeckert had failed to  detect a magnetic field in this star using photopolarimetric 

techniques yielding an optim al standard error of ~  60 gauss. The other boron-rich HgMn 

stars observed here do not appear to  have been investigated for the presence of magnetic 

fields (Didelon 1983). However, no convincing evidence has yet been presented for the 

existence of a significant magnetic field in any classic HgMn star (Conti 1970; Borra, 

Lanstreet & Vaughan 1973; B orra & Landstreet 1980). If future observations confirm this 

to  be the case for the boron-rich stars identified here (and this appears to be the case for 

k Cnc), then the simple diffusion model presented by Borsenberger et al. will need to be 

reviewed.

9.3.3 Carbon and N itrogen

Detailed radiative acceleration calculations do not appear to have been published for 

neutral or singly-ionised carbon or nitrogen. Michaud, Vauclair & Vauclair (1983) have 

carried out calculations for these elements appropriate for the envelopes of horizontal 

branch stars where they are assumed to  be present with an initial global depletion of a 

factor of 200. Roby & Lam bert (1990) attem pted to estim ate the radiative accelerations 

of CNO in main-sequence B stars by scaling these data  to solar abundances according to 

formulae given by Michaud et al. (1976). These highly schematic calculations indicated 

th a t for a  1 2  500 K envelope, carbon should reach equilibrium at solar abundance whereas 

nitrogen is predicted to  be overabundant by ~  0.5 dex.

Roby & Lam bert’s prediction for carbon is apparently confirmed for the vast m ajority 

of HgMn stars analysed in chapter 7, although there are two objects which have gross C 

deficiencies (112 Her and 46 Aql) which presumably can not be explained by this model. 

The situation for nitrogen is quite different; although the analysis presented in chapter 7 

was compromised to some extent by apparent systematic effects (non-LTE), in a differential 

sense the HgMn stars were shown to  exhibit significant N deficiencies with respect to 

their normal counterparts; this is in contradiction with Roby k. Lam bert’s predictions. 

As an explanation of this, Roby & Lambert tendered the suggestion tha t the radiative 

acceleration on nitrogen in the upper atmospheres of these stars may be sufficient to 

drive it out of the star completely in a  similar fashion to  tha t predicted for boron by
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Borsenberger, Michaud & Praderie (1979).

However, the author notes th a t in their paper M ichaud, Vauclair & Vauclair (1983) 

imply th a t for main sequence stars, the radiative acceleration on carbon and nitrogen will 

not be greater than gravity because of saturation effects. This may indicate a  breakdown 

in the simple scaling of radiative acceleration used by Roby & Lam bert (1990). Clearly 

there is a claimant need for detailed non-LTE radiative acceleration calculations in order 

to establish whether observations of C and N in HgMn stars are consistent with the 

parameter-free diffusion model.

9.3.4 M agnesium

Detailed non-LTE radiative acceleration calculations for magnesium have been presented 

by Borsenberger, Michaud & Praderie (1984). They find th a t radiation forces can support 

Mg only at one ten th  of its solar abundance in a  1 0  0 0 0  K model, and a t one th ird  of 

its solar abundance in 1 2  500 K and 15 0 0 0  K models. This circumstance stems largely 

from the high natural abundance of magnesium and the associated saturation of the Mg II 

resonance lines in the UV. Magnesium, like beryllium, is depleted due to  gravitational 

settling below the H ell convection zone in the initial stages of stellar evolution, although 

sufficient Mg remains after its disappearance th a t this does not affect the am ount which 

can be supported in the line-forming region.

This prediction of diffusion theory is in good qualitative agreement w ith the magnesium 

abundances derived for HgMn stars in chapter 7. However, the observations indicate 

maximum deficiencies of a factor of ~  3 near 1 0  0 0 0  K growing to  slightly more than  a 

factor of ~  1 0  above 13 0 0 0  K, in opposition to  the trend suggested by theory. Furtherm ore, 

there are examples of HgMn stars which exhibit near-solar abundances of Mg across the 

entire effective tem perature range observed.

It may be possible to  a ttribu te  this behaviour to  variations in surface gravity between 

stars since the calculations of Borsenberger et al. assume log# =  4.0; lower gravitational 

acceleration would certainly diminish the radiative force required to  support Mg in the 

atmosphere, but the influence of this param eter can not be considered independently of 

its effect on the pressure stratification of the atmosphere and the ionisation equilibrium of 

Mg (cf. Alecian & Michaud 1981). According to the statistical analysis of chapter 8 , Mg
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abundances and log g are not significantly correlated so there does not appear to be much 

observational support for this hypothesis.

9.3.5 A lum inium

Detailed atmospheric radiative acceleration calculations do not appear to  have been carried 

out for aluminium. In his original paper on the diffusion hypothesis, Michaud (1970) cited 

Al as an element which will sink under the influence of gravitational acceleration in Ap star 

atmospheres. This qualitative prediction of the diffusion model appears to be confirmed by 

the near-universal deficiency of this element in the atmospheres of HgMn stars as shown in 

chapter 7. Since Michaud (1970) did not consider the contribution of Al absorption lines, 

it would be pointless to take the confrontation between theory and observation further. 

However, it is interesting to  note th a t Al shares the same tendency to increasing deficiency 

with increasing Teff as seen for Mg.

9.3.6 Silicon

Vauclair, Hardorp & Peterson (1979) have computed the radiation force on silicon for 

1 2  0 0 0  and 14 0 0 0  K models. Their treatm ent included the contribution of a to ta l of 126 

lines and allowed for non-LTE effects. They found that in the absence of a magnetic field, 

radiation force is capable of supporting an abundance of Si which is within a factor of 2 of 

its normal value. For magnetic Ap stars, the presence of horizontal field lines in the upper 

atmosphere inhibits the downward diffusion of ionised silicon and radiation forces drive 

neutral silicon into the line-forming region where large overabundances can accumulate.

The silicon abundances derived for HgMn stars in chapter 7 indicate deficiencies of 

typically 0.3 dex and less, in excellent accord with the diffusion model. Mild overabundan

c e s  are indicated for a  few stars (e.g., x  Lup, HR7775, HR2844, and HR7361) although 

these are typicaHy less than 0.3 dex. For two of the programme stars (46 Aql and 1 1 2  Her) 

the derived Si abundances appear to  be somewhat lower than  the diffusion model might 

admit. It is interesting to observe th a t the two magnetic stars in the programme (33 Gem 

and 36 Lyn) do not possess significant Si overabundances in contradiction with prediction 

of the diffusion model.

442



Chapter 9

9.3 .7  M anganese

Alecian & Michaud (1981) have carried out elaborate calculations for the diffusion of 

manganese in stellar atmospheres. They show th a t the radiative acceleration on Mn is 

sufficient to  support overabundances of a factor of 30, 300-500, and 3000 in the line- 

forming regions (10- 2  £  To & 0.3) of stars with effective tem peratures of 10000, 12000, 

and 15 0 0 0  K respectively. Manganese is bound to  stars with Teff £  13 0 0 0  K since the 

radiative acceleration becomes smaller than  gravity in the upper atm osphere where an 

M n ll/M n lll ionisation trap  forms. Above this threshold, however, radiative acceleration 

on M nlll at solar abundance is sufficient to  drive it  out of the star. Alecian & Michaud 

argue th a t below 17 0 0 0  K, the Mn particle flux from the envelope is higher than tha t out 

of the atm osphere and thus an accumulation of Mn develops which reaches equilibrium 

with gravity (due to saturation effects in the lines) in 1 0 4 to  1 0 5 years.

Alecian & M ichaud’s envelope of maximum overabundances is illustrated in figure 9.3 

where it is compared with manganese abundances derived for the programme stars in 

chapter 7. The envelope encloses all of the observations, reproduces the observed correla

tion with effective tem perature, and even reflects the slight ‘kink’ in the observations near 

1 2  0 0 0  K.

Alecian & M ichaud’s theoretical envelope indicates the m axim um  overabundance which 

can develop in the atmosphere rather than  the apparent overabundance in the presence 

of a stratification of manganese. In order to sim ulate the effect of stratification on the 

theoretical envelope, a  series of line profiles was computed for effective tem peratures in 

the range 1 0  000-15 0 0 0  K and for various assumed distributions of manganese. Following 

Alecian (1982), highly schematic distributions were adopted in which Mn is enhanced by 

its maximum overabundance factor above a threshold in optical depth, and is present at 

normal abundances below. The intention of this is, of course, simply to  explore the qual

itative effects of stratification—no implication th a t step-like abundance gradients exist 

in reality is intended. Threshold logarithmic optical depths in the range — 1 to  - 4  were 

used. Equivalent widths were calculated from the line profiles thus derived and were subse

quently used to  re-evaluate corresponding abundances under the conventional assumption 

of chemical homogeneity. Apparent abundance curves corresponding to  various threshold 

optical depths in the atmospheric distribution of manganese are illustrated in figure 9.3.
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F ig u re  9.3: Manganese abundances for normal stars (open squares), superficially nor
mal stars (open triangles) and HgMn stars (filled circles) compared with the predictions o f  
diffusion theory. The upper curve represents the maximum Mn abundance that can be sup
ported in the atmosphere by radiative acceleration (Alecian & Michaud 1981). The lower 
curves represent the associated apparent Mn abundances for various depth-dependent 
distributions o f Mn as indicated. The solar abundance (Anders & Grevesse 1989) is rep
resented by the horizontal dashed line.

The overabundance envelope defined by the observations in the log«A-Teff plane can be 

reproduced by the stratified diffusion model if it is assumed that the base of the atm o

spheric manganese ‘cloud’ varies from log To ~  —3 at 1 0  0 0 0  K to  log To ~  —2  at 15 0 0 0  K. 

This makes sense in the context of Alecian & M ichaud’s model since the ionisation trap  

responsible for the accumulation of Mn moves to deeper layers with increasing Teff. How

ever, it would be inappropriate to take the interpretation further than this in the absence 

of detailed calculations of the equilibrium distributions of Mn in the atmospheres of these 

staxs.

An interesting feature of figure 9.3 is the presence of 4-5 HgMn stars which fall below 

the envelope of overabundance defined by the other class members at and above 13 0 0 0  K. 

Alecian & Michaud suggested th a t this could be the result of disruption of the Mn-enriched 

atmospheric s tra ta  due to  a  horizontal instability. Alecian & Grappin (1984) have dis
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cussed a related mechanism in which overabundances which are rapidly constructed in the 

higher (low density) atmospheric s tra ta  develop density ‘holes’ due to  subsequent screen

ing of supportive radiation at deeper (high density) layers where overabundances develop 

over a longer time-scale. Michaud (1980) has also noted th a t once helium has disappeared 

from the outer stellar regions, th in  layers of, for instance, manganese would be unstable 

because of an inverted /i-gradient. It is not clear whether these mechanisms would lead to 

periodic destruction of the manganese overabundance or reach a stable configuration at a 

lower equilibrium abundance.

9.3.8 Chrom ium  and Iron

Detailed atmospheric radiative acceleration calculations do not appear to  have been carried 

out for chromium or iron. According to Michaud (1970), the radiation force transferred 

to  these elements due to  photoionisation alone is approxim ately equal to  gravitational 

acceleration. In such a situation it is reasonable to  expect secondary factors such as 

surface gravity to have an im portant influence on diffusion.

The Cr and Fe abundances derived for the HgMn stars in chapter 7 do not indicate any 

clear systematics with stellar param eters. Chromium appears to  be slightly overabundant 

in the HgMn stars taken with respect to the normals. Iron shows a large dispersion which 

reaches a  maximum of ~  ± 0 .6  dex at Teff ~  13 0 0 0  K. These observations are broadly 

consistent with the crude predictions of diffusion theory. The large star-to-star diversity in 

iron abundances is particularly interesting since it would seem unlikely th a t the parameter- 

free diffusion model could account for this. Detailed radiative acceleration calculations are 

clearly indicated.

9.3.9 Cobalt and Nickel

Detailed atmospheric radiative acceleration calculations have not been published for cobalt 

or nickel. M ichaud (1970) categorised Ni as one of a  group of elements for which the radia

tive acceleration due to  photoionsation is insufficient to balance gravitational acceleration. 

This is supported by the UV observations of HgMn stars presented in chapter 7 to the 

extent th a t Ni is found to  be depleted by 0 .2 - 1 .0  dex in most of these stars. Radiative 

acceleration calculations including the contribution of line absorption are need for a more
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detailed comparison. The almost universal deficiency of cobalt in HgMn stars suggests 

th a t it would be a fruitful area of future investigation for diffusion theorists.

9.3.10 Gallium

Radiative acceleration calculations have been carried out for gallium by Alecian & A rtru  

(1987). They found tha t at solar abundance, the radiative acceleration on Ga is substan

tially greater than  gravitational acceleration over the entire atmosphere (—4 ^  log To £  3) 

and th a t it increases with increasing effective tem perature over the range 1 0  000-15000 K. 

This behaviour stems from the associated shift in the flux distribution maximum towards 

the wavelengths of the resonance lines of the dominant ions G all and G a lll (~ 1400 A). 

Alecian & A rtru  propose th a t in non-magnetic Ap stars, diffusion causes Ga to  accumulate 

in a cloud-like suspension over the optical depth range - 1  £  log ro & 0 . They estim ate 

th a t the maximum logarithm ic overabundance that can be supported in such a cloud in 

a  10 000 K star is ~  3 dex, and that this increases approximately linearly with effective 

tem perature to  ~  4.5 dex at 15 0 0 0  K.

The detailed predictions of Alecian & A rtru  are compared with gallium abundances 

derived for the programme stars in figure 9.4. The theoretical envelope represents the 

maximum overabundance which radiation can support in the region lo g r  ~  0 . It encloses 

nearly all of the observations with the notable exception of HR7775; it also qualitatively 

reproduces the observed increase in overabundance with increasing effective tem perature. 

Alecian & A rtru  cite disruptive hydrodynamic mechanisms and time-dependence of the 

diffusion process as possible causes of the dispersion in abundances below the theoretical 

envelope. The discrepancy appears to  be largest near 10  0 0 0  K where the model predicts 

overabundances which are ~  1 - 2  dex greater than those observed.

Since the analysis of UV spectra presented in chapter 7 was carried out under the 

assumption of radial chemical homogeneity, an attem pt was made to  modify the theoretical 

envelope to account for stratification effects following the m ethod described for manganese. 

In this case, theoretical profiles were computed for G all A1414 in the presence of a radial 

stratification of Ga over the optical depth range - 1  < log To < 0.

An envelope of these modified abundances is superposed on figure 9.4. Note how this 

improves the agreement with observations near 1 0  0 0 0  K, but underestim ates the observed
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F ig u re  9.4: Gallium abundances for normal stars (open squares), superficially normal 
stars (open triangles) and HgMn stars (filled circles) compared with the predictions o f 
diffusion theory. The upper curve represents the m axim um  Ga abundance that can be 
supported in the atmosphere by radiative acceleration (Alecian & Artru 1987). The lower 
curve represents the associated apparent abundance for a model in which Ga is stratified  
over the  range — 1 < log To < 0 . The solar abundance (Anders <£r Grevesse 1989) is 
represented by the horizontal dashed line.

abundances a t higher effective tem peratures. The cloud model proposed by Alecian & 

A rtru  clearly requires refinement since it is based on crude estim ates of the depth and 

extent of the Ga accumulation rather a detailed solution of the tim e-dependent diffusion 

equation.

An interesting aspect of Alecian & A rtru ’s cloud model, as they observe, is th a t it can 

partly  account for the discrepancy between UV and visual region Ga abundances. This is 

because the UV resonance lines are formed near the top of the cloud (log To ~  — 1) whereas 

the weak high-excitation (~  14 eV) visible lines tend to  form deeper within the cloud. A 

preliminary numerical experiment comparing abundances inferred from the G a ll A1414 

and A4255 lines under the assumption of a stratification of gallium according to  the Alecian 

& A rtru  model confirms this, but the discrepancy in the case of a Tefr =  12 500 K model is 

only ~  0.2 dex which is significantly less than tha t observed (see chapter 7). A systematic
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error in the visual region oscillator strengths for G a ll which originate from Jugaku, Sargent 

& Greenstein (1961) may be indicated.

9.3.11 M ercury

Michaud, Reeves & Charland (1974) have presented an elaborate diffusion model for mer

cury which accounts for the isotopic fractionation observed in some of the cool HgMn stars 

(e.g., HR4072, \  Lup, and t CrB). They show th a t radiation force drives singly-ionised 

mercury up through the atmosphere until it reaches a  level where H glll becomes the 

dominant stage. A trap  forms at the H gll/H gH I ionisation boundary since the radiative 

acceleration on H glll is low (it possesses no strong lines longward of the Lyman lim it). 

Here the outward flux of Hg atoms drops rapidly and a concentration of Hg atom s devel

ops. If the gravitational and radiative forces balance to within a few percent, the lighter 

isotopes of Hg may preferentially diffuse into the H glll zone (where they are unobserved) 

or indeed be driven from the star completely. This model predicts tha t to ta l mercury 

overabundances of three orders of m agnitude can develop in approximately 1 0 6 years. In 

the most favourable circumstances the model can account for a total overabundance (in

tegrated over all isotopes) of ~  4.1 dex (cf. Leckrone 1980).

The mercury abundances derived for the HgMn stars in chapter 7 proved to be rather 

tightly scattered in the range 5-6 dex with a few extreme cases exhibiting abundances 

of 6 .6 dex (e.g., HR6997 and (3 Scl). If the meteoritic Hg abundance of 1 .1  dex cited by 

Anders & Grevesse (1989) is assumed to  represent the ‘prim ordial’ abundance of this 

element in the HgMn stars, then overabundance factors of up to  5.5 dex are indicated by 

the observations presented here. This is at least an order of magnitude greater than  can 

be accommodated by the current diffusion model.

Leckrone (1980) has suggested th a t this discrepancy can be partly explained if the 

upper lim it solar Hg abundance of 2.1 dex (Ross & Aller 1976) is accepted as the pre- 

stellar value. He observes th a t at least two normal late-B stars have Hg abundances which 

are consistent with this ‘high’ value, a result which is confirmed here for a significantly 

larger sample of such objects; the mean Hg abundance for those normal and superficially 

normal stars in which a positive detection was secured is 1.9 ±  0.2 dex. If this high pre- 

stellar Hg abundance is adopted then the implied overabundance factors observed here
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exceed the predictions of diffusion theory by ~  0.4 dex. This difference may lie within 

the margins of error in the analysis. However, the diffusion model for Hg predicts an 

accumulation of this element in a high-lying atmospheric stra tum  so th a t stratification 

effects on the line transfer might in fact increase the observed abundance discrepancy.

Bonsack & Wolff (1980) regard the mechanism by which Michaud, Reeves & Charland 

(1974) account for the isotopic fractionation of mercury as “contrived a t best.” The results 

presented here indicate th a t the diffusion calculations of Michaud et al. fail to satisfactorily 

account for the observed overabundance factors of this element. This suggests th a t the 

model requires re-evaluation, perhaps through the use of non-LTE techniques and revised 

atomic data.

9.4 Summary and Conclusions

In this chapter, the detailed predictions of radiative diffusion theory have been compared 

with abundances derived by analysis of the visual region and ultraviolet spectra of a  sta

tistically significant sample of HgMn stars. The most elaborate diffusion calculations of 

relevance to  these stars to date are those for beryllium, boron, magnesium, silicon, m an

ganese, gallium, and mercury. These calculations predict th a t beryllium should be over

abundant and boron underabundant in all HgMn stars. This was shown to  be confirmed 

by observation for most HgMn stars, although numerous exceptions were identified for 

both elements. For magnesium and silicon, the mild deficiencies to  near-solar abundances 

predicted by the diffusion model were found to  be in good quantitative agreement with 

observations of nearly all the HgMn stars in the programme. For manganese and gallium, 

the diffusion model predicts strong Tcff-dependent overabundances which are qualitatively 

consistent with those observed. By making approxim ate corrections for the effects of atm o

spheric stratification, the sophisticated diffusion model proposed for manganese by Alecian 

& Michaud (1981) was dem onstrated to be in excellent accordance with the abundances 

presented here. Finally, the maximum overabundance factors of mercury predicted by the 

fractionation model of Michaud, Reeves & Charland (1974) appear to  be inadequate in 

accounting for the extreme Hg anomalies observed in some of the ho tter HgMn stars in 

the programme—a re-evaluation of this model is therefore indicated.

In conclusion, the parameter-free diffusion model proposed for HgMn stars by Michaud
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(1981,1986) appears to be remarkably successful in accounting for many of their observed 

chemical properties. However, this simple model is somewhat less effective in account

ing for individual stars, many of which exhibit anomalous behaviour with respect to the 

majority of their fellow HgMn class members. In an attem pt to explain this diversity 

of behaviour, various workers have invoked the operation of complex hydrodynamical 

mechanisms (e.g., turbulence and mass loss) in the superficial layers of these otherwise 

quiescent stars (e.g., Borsenberger, Michaud & Praderie 1984; Michaud 1986,1991). Ale- 

cian & Grappin (1984) have advanced a rather different explanation for the spread of 

abundances observed in main sequence stars of the same peculiarity type: they carried 

out time-dependent radiative diffusion calculations which showed that although equilib

rium distributions of abundances in the envelope are nearly always achieved within the 

main sequence lifetime of a star, this final state is preceded by a transient phase in which 

significant temporal and spatial fluctuations can occur. This model is complicated by the 

fact that diffusion proceeds within the atmospheres as well as the envelopes of HgMn stars. 

Alecian & Grappin speculate that in the optically-thin layers of the atmosphere, radial 

abundance gradients can become unstable due to the screening of radiation at greater 

depths where overabundances accumulate more slowly. This, they suggest, could lead to 

the development of density ‘holes’ which propagate towards the interior of the star thereby 

leading to cyclic (or indeed erratic) phases of high and low atmospheric abundance. This 

fascinating hypothesis could quite naturally account for the distribution of stars below 

the maximum abundance envelopes observed in, for example, manganese and gallium (cf. 

figures 7.20 and 7.34). Detailed calculations are required in order to establish whether 

these mechanisms can in fact account for the diversity in abundances observed amongst 

HgMn stars.

9.5 Suggestions for Future Investigation

The study of HgMn stars presented in this thesis has only touched upon some of the prob

lems relating to their nature and origin. Several new areas of investigation are indicated 

by the results obtained here. These fall into the three broad categories of observation, 

analysis, and theory.
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9.5.1 Observation

This study has shown that chemical heterogeneity is an apparently intrinsic property of 

HgMn stars in the field. It is, however, unclear as to what extent the observed diversity in 

abundances can be attributed to variations in the main sequence ages of these stars. This 

question could be attacked by a high resolution study of open clusters of various ages. Such 

a study might also facilitate an observational determination of the temporal evolution of 

the HgMn phenomenon. Open clusters offer a uniquely ‘controlled’ environment in which 

to investigate the properties of peculiar stars. To date, no abundance analyses of HgMn 

stars in clusters appear to been undertaken, although the availability of large telescopes, 

high resolution echelle spectrographs, and sensitive electronic detectors now make such a 

project a feasible proposition.

The parameter-free diffusion model predicts that the disappearance of the He II con

vection zone is the critical determining factor for the development of a HgMn star. This 

suggests that an investigation of helium abundances in these objects might prove par

ticularly rewarding. There are relatively few published analyses of this element in HgMn 

stars: the observations are challenging and their analysis difficult since the strongest visual 

region lines (He I AA4027, 4471) are both diffuse and contaminated by forbidden compo

nents. Such a study should be directed at HgMn stars in open clusters and the field. 

If the parameter free-diffusion model is correct, helium abundances in these stars should 

decrease with stellar age. Michaud’s (1980) suggestion that thin superficial layers of heavy 

elements become unstable in extremely He-depleted atmospheres due to the effect of an 

inverted ^-gradient might also be tested in this way.

A concerted programme of observation should be carried out in order to establish 

whether the characteristics of the HgMn stars merge ‘continuously’ with other non-magnetic 

peculiar stars at lower and higher effective temperatures. There are sound theoretical 

grounds for suspecting that the HgMn phenomenon does not extend to effective tempera

tures cooler than approximately 10 000 K because of the appearance of a superficial hydro

gen convection zone. Below this temperature threshold, diffusion proceeds in the stellar 

envelope and the upper atmosphere is thoroughly mixed; this leads to the qualitatively dif

ferent chemical properties of the Am stars (see §9.2.2). In the Teff range 14 000-20 000 K, 

the HgMn stars merge with the He-weak stars (see chapter 1), some of which share the P
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and Ga anomalies observed in the hotter HgMn stars. It might prove fruitful to examine 

a large sample of these objects with the specific intention of searching for enhancements 

of manganese and mercury. At these higher effective temperatures, these elements are 

predominantly in their second ionisation stages so that such a survey would need to be 

directed at observing M nlll and Hglll lines.

9.5.2 A nalysis

From the analytical standpoint, there are three key axeas in which a significant improve

ment could be effected in the determination of elemental abundances for HgMn stars.

Firstly, abundance analyses should be carried out using model atmospheres computed 

for realistic abundance mixtures. Since manganese is an extremely important contributor 

to the ultraviolet opacity in HgMn stars, it might prove beneficial to take into account the 

observed Teff-dependence of this element. The large diversity in iron abundances found 

in these stars would need to be accommodated in a family of models with appropriate 

abundance mixtures. The limited atmospheric parameter regime of the HgMn stars would 

make such calculations computationally inexpensive by present-day standards (cf. Kurucz 

1991a, 6).

Secondly, the effect of radial inhomogeneities in atmospheric abundances should be 

treated consistently in the analysis. In this study, the effects of stratifications of manganese 

and gallium were investigated schematically and shown to be of considerable importance 

when comparing the predictions of diffusion theory with observation. In the absence 

of detailed theoretical predictions of the equilibrium distributions of many elements of 

interest in HgMn stars, highly schematic (i.e., parameterised) approaches remain the only 

option.

Finally, the importance of non-LTE effects on certain elements should be evaluated. 

Evidence was presented in this thesis for systematic errors in the abundances derived from 

low excitation lines of neutral nitrogen. Detailed non-LTE calculations are clearly required 

in order to provide a sound quantitative assessment of the nitrogen deficiencies identified 

in the HgMn stars analysed here.
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9.5.3 Theory

Only crude radiative acceleration calculations have been published for many of the ele

ments investigated in this thesis. The general underabundances of N, Al, Co, Ni, and 

Zn, and the Teff-dependent overabundances of Cu and Ti identified here might provide 

profitable further tests of diffusion theory. Detailed radiative diffusion calculations within 

the framework of the parameter-free diffusion model are therefore suggested for these el

ements. A re-evaluation of the isotopic fractionation model developed for mercury by 

Michaud, Reeves & Charland (1974) would appear to be indicated in view of the extreme 

overabundance factors obtained for this element in some of the hotter HgMn stars.

9.6 Concluding Remarks

Whether diffusion theory can ultimately explain the enormous diversity of phenomena 

observed in the peculiar stars of the upper main sequence remains to be seen. Certainly 

its success in accounting for the ‘chemistry’ of many of the known peculiarity types, and in 

particular the HgMn class, is evidence for its importance as an astrophysical phenomenon. 

Mercury-manganese stars represent a unique, and in many respects ideal, testing-ground 

for the study of diffusion mechanisms. After many decades of study, they continue to 

represent a fascinating area of investigation for the stellar spectroscopist and theoretical 

astrophysicist alike.
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A .l IUE  Observations

This appendix comprises a journal of all the archival high resolution IUE  spectra used 

in this thesis. These data are presented in table A .l the format of which is as follows. 

Column 1 gives the HD number of the star. Column 2 gives the camera name: either SWP 

(short wavelength prime), LWR (long wavelength redundant) or LWP (long wavelength 

prime). Column 3 gives the serial image number. Column 4 gives the UT date at the 

start of the exposure (in the form yy-ddd-hhmm). Column 5 gives the IUE  aperture used 

(S for small and L for large). Column 6 gives the programme identification code for the 

observations, a key to which is presented in table A.2 . Column 7 gives the image exposure 

time (in seconds). Column 8 contains the telescope operator’s comments, usually including 

the exposure classification code.

For VILSPA images, the exposure classification code is a 3-digit number where the 

first digit represents the exposure level of the continuum, the second digit represents the 

exposure level of emission lines, and the third digit represents the background level. The 

continuum and emission lines are both classified as follows:

0 Not applicable

1 No spectrum visible

2 Faint spectrum: max DN < 20 above local background

3 Underexposed: max DN < 100 above local background

4 Weak: max DN between 100 and 150 above local background

5 Good: no saturation but max DN over 150 above local background

6 A bit strong: a few pixels saturated
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7 Saturated for less than half the spectrum

8 Mostly saturated but some parts usable

9 Completely saturated

The background is classified in terms of the mean DN in a standard region of each 

camera outside the area affected by order overlap. The classification codes are as follows 

(limits inclusive):

0 DN < 20 4 51 < DN < 60 8 91 < DN < 100

1 21 < DN < 30 5 61 < DN < 70 9 DN > 101

2 31 < DN < 40 6 71 < DN < 80 X Saturated

3 41 < DN < 50 7 81 < DN < 90

Note that before August 1, 1978 no exposure classifications were assigned to VILSPA 

images, and prior to September 1, 1979 the background digit was not included.

For GSFC images, no exposure classifications were assigned before June 14, 1978. 

Between June 14, 1978 and April 21, 1979, the GSFC exposure classification scheme was 

as follows:

MAXDN Maximum gross DN in image

PS Peak signal plus background (DN)

X Number of times of overexposure

After April 21, 1979, the GSFC exposure classification scheme was as follows:

E Gross exposure (DN) in strongest emission line 

C Gross exposure (DN) in strongest region of continuum 

B Mean DN value for background 

N Peak DN value for microphonic noise

456



A p p e n d i x  A

Table A .l:  Journal of IUE observations o f the programme stars.

HD Image UT Date Ap. Prog. êxp Comments
7374 SWP 18971 83-009-0254 S BPEJJ 1200 C=220,B=37

SWP 18972 83-009-0358 S BPEJJ 1320 C=215,B=40
LWR 15021 83-009-0237 S BPEJJ 720 C=200,B=32
LWR 15022 83-009-0328 S BPEJJ 720 C=210,B=32

11753 SWP 19760 83-109-0648 L FA154 1440 701
SWP 19761 83-109-0857 L FA154 540 501
LWR 14327 82-276-1603 L EA051 480 502 4-MIN-HTR
LWR 15774 83-109-0826 L FA154 660 604
LWR 15775 83-109-0928 L FA154 360 502

17081 SWP 1944 78-189-1455 S DGDSL 180
SWP 1945 78-189-1651 s DGDSL 300
SWP 16244 82-033-2247 s HSDSA 120 C=145,B=28
SWP 16245 82-033-2342 s HSDSA 150 C=187,B=32
SWP 16246 82-034-0046 s HSDSA 150 C=189,B=32
SWP 16247 82-034-0143 s HSDSA 300 C=2X,B=45
SWP 16248 82-034-0224 s HSDSA 210 C=1.5X,B=43
SWP 16249 82-034-0257 s HSDSA 600 C=4X,B=53
SWP 16250 82-034-0335 s HSDSA 1080 C=7X,B=80
SWP 16251 82-034-0437 s HSDSA 1500 C=10X,B=50
SWP 16256 82-035-2312 s HSDSA 240 C=225,B=35
LWR 1799 78-189-1544 s DGDSL 180
LWR 1800 78-189-1642 s DGDSL 150
LWR 12497 82-033-2253 s HSDSA 108 C=185,B=32
LWR 12498 82-033-2348 s HSDSA 120 C=186,B=33
LWR 12499 82-034-0052 s HSDSA 140 C=210,B=32
LWR 12500 82-034-0152 s HSDSA 210 C=1.2X,B=33
LWR 12502 82-034-0506 s HSDSA 380 C=2X,B=45
LWR 12509 82-035-2243 s HSDSA 380 C=2.5X,B=40

27295 SWP 6461 79-252-2311 L UKCAL 600 501
SWP 6887 79-289-2040 s UK216 1620 701
SWP 14963 81-255-1015 s BPDJJ 1260 C=2X,B=50
SWP 14964 81-255-1112 s BPDJJ 720 C=205,B=37
LWR 5544 79-252-2256 L UKCAL 480 503
LWR 5852 79-289-2024 L UK216 720 703
LWR 5853 79-289-2112 S UK216 1800 703
LWR 11521 81-255-1044 s BPDJJ 840 C=1.5X

33904 SWP 1345 78-100-1851 s MVDSL 180
SWP 1346 78-100-2148 s MVDSL 300
SWP 10826 80-352-1105 L RF336 70 601
LWR 1301 78-100-2053 S MVDSL 107
LWR 9515 80-352-1109 L RF336 60 602
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T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. texp Comments
35548 SWP 14967 81-255-1458 L BPDJJ 2160 C=238,B=52

SWP 14977 81-256-1218 L BPDJJ 2160 C=1.5X,B=73
LWR 11524 81-255-1428 S BPDJJ 1080 C=150,B=43
LWR 11534 81-256-1156 L BPDJJ 1080 C=215,B=46
LWR 11535 81-256-1300 L BPDJJ 1080 C=220,B=50

38899 SWP 4712 79-079-1857 S DGDSL 870 NOT SEEN
SWP 16257 82-036-0003 S HSDSA 480 C=150,B=33
SWP 16258 82-036-0101 S HSDSA 660 C=3X,B=40
SWP 16259 82-036-0200 S HSDSA 600 C=142,B=30
SWP 16260 82-036-0258 S HSDSA 960 C=8X,B=43
SWP 16261 82-036-0427 S HSDSA 1020 C=3X,B=58
SWP 16262 82-036-0529 S HSDSA 570 C=194,B=37
SWP 16640 82-085-2210 S HSDSA 570 C=215,B=41
SWP 16641 82-085-2320 S HSDSA 525 C=230,B=45
SWP 16642 82-086-0016 S HSDSA 1020 C=2X,B=49
SWP 16643 82-086-0109 S HSDSA 480 C=205,B=40
LWR 4078 79-079-1928 S DGDSL 370 EXTRACTION
LWR 12510 82-036-0032 S HSDSA 366 C=190,B=32
LWR 12511 82-036-0132 S HSDSA 540 C=4X,B=34
LWR 12512 82-036-0229 s HSDSA 540 C=3X,B=32
LWR 12513 82-036-0339 s HSDSA 1020 C=2.5X,B=50
LWR 12514 82-036-0456 s HSDSA 1080 C=3X,B=50
LWR 12876 82-085-2253 s HSDSA 366 E=138,C=212,B=34
LWR 12877 82-085-2349 s HSDSA 366 E=126,C=200,B=35
LWR 12878 82-086-0043 s HSDSA 1020 C=2X,B=56

49606 SWP 14965 81-255-1237 s BPDJJ 1000 C=2X,B=54
SWP 14966 81-255-1339 s BPDJJ 600 C=190,B=42
LWR 11522 81-255-1218 s BPDJJ 720 C=1.5X,B=40
LWR 11523 81-255-1309 s BPDJJ 600 C=220,B=38

53929 SWP 18960 83-007-0620 L BPEJJ 540 C=195,B=35
SWP 18961 83-007-0702 L BPEJJ 660 C=220,B=39
LWR 15011 83-007-0634 L BPEJJ 300 C=180,B=32
LWR 15012 83-007-0735 L BPEJJ 420 C=210,B=32

58661 SWP 18984 83-011-0515 S BPEJJ 900 C=210,B=37
SWP 18985 83-011-0615 S BPEJJ 900 C=220,B=37
LWR 15035 83-011-0500 S BPEJJ 570 C=180,B=32
LWR 15036 83-011-0547 s BPEJJ 660 C=220,B=32

77350 SWP 3019 78-291-0941 s SS2JJ 2520
SWP 3020 78-291-1101 s SS2JJ 1200
SWP 3959 79-020-1702 s SS2JJ 1200 MAXDN=220
LWR 2643 78-291-1029 s SS2JJ 960
LWR 3530 79-020-1640 s SS2JJ 960 MAXDN=180

458



A p p e n d i x  A

T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. tcxp Comments
78316 SWP 1347 78-100-2330 S MVDSL 1260

SWP 1348 78-101-0110 S MVDSL 631
SWP 1349 78-101-0453 S UKPOP 2100
SWP 1352 78-101-1916 S MVDSL 1020
SWP 3021 78-291-1220 S SS2JJ 840
SWP 3087 78-294-1333 S SS2JJ 660
SWP 3960 79-020-1822 S SS2JJ 540 MAXDN=205
SWP 14052 81-144-2259 L BPDKR 360 C=220,B=38
SWP 14072 81-145-2227 L BPDKR 540 C=1.5X,B=45
SWP 14079 81-146-1640 L BPDKR 420 C=255,B=45
SWP 14087 81-147-1708 L BPDKR 420 C=1.3X,B=50
SWP 15697 81-344-0646 L APDRP 360 C=205,B=36
SWP 15805 81-353-0831 L APDRP 360 C=215,B=35
SWP 15830 81-356-0634 L APDRP 360 C=210,B=38
SWP 24802 85-002-0005 L HSGSA 300 C=187,B=35
SWP 24803 85-002-0121 L HSGSA 515 C=1.0X,B=42
SWP 24804 85-002-0222 L HSGSA 718 C=2.4X,B=50
SWP 24805 85-002-0314 L HSGSA 710 C=2.4X,B=50
SWP 24814 85-003-0248 L HSGSA 506 C=1.0X,B=48
SWP 24815 85-003-0357 L HSGSA 311 C=210,B=53
SWP 24825 85-004-0209 L HSGSA 660 C=2.1X,B=60
SWP 24826 85-004-0317 L HSGSA 506 C=1.5X,B=61
SWP 24835 85-005-0157 L HSGSA 318 C=197,B=40
SWP 24836 85-005-0347 L HSGSA 9 C=1.7X,B=78
LWR 1302 78-101-0018 S MVDSL 601
LWR 1303 78-101-0620 S UKPOP 1200 SOME SAT LW
LWR 2644 78-291-1208 S SS2JJ 450
LWR 2667 78-294-1320 s SS2JJ 390
LWR 3531 79-020-1844 s SS2JJ 420 MAXDN=220
LWR 10699 81-144-2311 L BPDKR 300 C=245,B=35
LWR 10709 81-145-2213 L BPDKR 480 C=1.5X,B=40
LWR 10716 81-146-1630 L BPDKR 360 C=1.5X,B=40
LWR 10726 81-147-1610 L BPDKR 360 C=1.5X,B=43
LWR 12110 81-344-0656 L APDRP 240 C=215,B=33
LWR 12176 81-353-0823 L APDRP 240 C=205,B=35
LWR 12188 81-356-0644 L APDRP 240 C=220,B=32
LWP 3552 84-162-2159 L GA146 300 601
LWP 5113 85-001-2337 L HSGSA 166 C=210,B=45
LWP 5114 85-002-0109 L HSGSA 385 C=2X,B=50
LWP 5115 85-002-0241 L HSGSA 568 C=3.5X,B=60
LWP 5122 85-003-0218 L HSGSA 377 C=2.5X,B=55
LWP 5123 85-003-0325 L HSGSA 550 C=3X,B=68
LWP 5135 85-004-0245 L HSGSA 550 C=3.7X,B=70
LWP 5136 85-004-0352 L HSGSA 155 C=215,B=60
LWP 5142 85-005-0054 L HSGSA 483 C=2X,B=60
LWP 5143 85-005-0233 L HSGSA 360 C=2X,B=60
LWP 5144 85-005-0322 L HSGSA 210 C=255,B=57
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A p p e n d i x  A

T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. êxp Comments
79158 SWP 4449 79-060-2317 S HWDAK 660 MAXDN=180

SWP 4450 79-061-0107 S HWDAK 450 MAXDN=125
SWP 27026 85-308-0904 L MLHSS 300 C=215,B=65
SWP 27038 85-310-0853 L MLHSS 300 C=210,B=65
SWP 27042 85-311-0407 L MLHSS 300 C=200,B=35
SWP 27052 85-312-0750 L MLHSS 300 C=220,B=65
SWP 27070 85-314-1008 L MLHSS 300 C=200,B=35
SWP 27091 85-316-0740 L MLHSS 300 C=198,B=45
SWP 31996 87-278-0950 L HEJSS 300 C=184,B=46
SWP 32014 87-280-0805 L HEJSS 300 C=198,B=37
SWP 32015 87-280-0841 L HEJSS 480 C=1.2X,B—50
SWP 32024 87-281-0931 L HEJSS 300 C=190,B=38
SWP 32034 87-282-0931 L HEJSS 420 C=240,B=46
SWP 32057 87-283-1236 L HEJSS 420 C=243,B=41
SWP 32076 87-285-0852 L HEJSS 420 C=245,B=41
SWP 32107 87-289-0725 L HEJSS 420 C=250,B=53
SWP 32118 87-290-1230 L HEJSS 420 C=240,B=40
SWP 32138 87-295-0838 L HEJSS 420 C=245,B=49
LWR 3898 79-060-2305 S HWDAK 350 MAXDN=210
LWR 3900 79-061-0054 S HWDAK 350 MAXDN=205
LWP 7067 85-314-1019 L MLHSS 300 C=1.5X,B=50
LWP 7080 85-316-0751 L MLHSS 210 C=225,B=55

89822 SWP 1331 78-098-1943 S MVDSL 1980
SWP 1332 78-098-2124 S MVDSL 720
SWP 2922 78-284-1912 S UK025 900 50
SWP 3018 78-291-0813 S SS2JJ 1200
SWP 3992 79-023-0225 S SS2JJ 1200
LWR 2579 78-284-1853 S UK025 720 60
LWR 2642 78-291-0848 S SS2JJ 600
LWR 3557 79-023-0301 S SS2JJ 600 MAXDN=220

97633 SWP 3291 78-314-0747 S DGDSL 1125
SWP 3292 78-314-0923 S DGDSL 268
SWP 15505 81-320-0659 S BEDAS 300 C=180,B=30
SWP 19972 83-133-2002 L HSFSA 170 C=225,B=65
SWP 19973 83-133-2102 L HSFSA 140 C=207,B=70
SWP 19974 83-133-2208 L HSFSA 240 C=1.5X,B=75
SWP 19975 83-133-2318 L HSFSA 1050 C=6X,B=100
SWP 19987 83-134-2034 L HSFSA 180 C=2X,B=130
SWP 20169 83-159-2020 T HSFSA 1065 C=6X,B=105
SWP 20170 83-159-2122 L HSFSA 960 C=6X,B=90
SWP 20178 83-160-1928 L HSFSA 316 C=2X,B=43
SWP 20179 83-160-2033 L HSFSA 165 C=188,B=32
SWP 20180 83-160-2135 L HSFSA 300 C=2X,B=42
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A p p e n d i x  A

T ab le  A . l : —continued.

HD Image UT Date Ap. Prog. êxp Comments
97633 LWR 2901 78-314-0717 S DGDSL 180

LWR 2902 78-314-0819 S DGDSL 301
LWR 11981 81-320-0710 S BEDAS 180 C=170,B=30
LWR 15932 83-133-2010 L HSFSA 90 C=200,B=68
LWR 15933 83-133-2109 L HSFSA 90 C=205,B=40
LWR 15934 83-133-2201 L HSFSA 185 C=2X,B=60
LWR 15935 83-133-2304 L HSFSA 330 C=3.5X,B=47
LWR 15946 83-134-2027 L HSFSA 156 C=2X,B=75
LWR 16103 83-159-2053 L HSFSA 342 C=3X,B=50
LWR 16113 83-160-1915 L HSFSA 370 C=3.5X,B=53
LWR 16114 83-160-2003 L HSFSA 228 C=2X,B=40
LWR 16115 83-160-2105 L HSFSA 90 C=185,B=32

141556 SWP 1341 78-100-0043 S MVDSL 750
SWP 4688 79-077-1542 S MVDSL 255 MAXDN=175
SWP 4689 79-077-1650 S MVDSL 690 MAXDN=3X
LWR 1295 78-100-0121 S MVDSL 360
LWR 4056 79-077-1553 S MVDSL 186 MAXDN=190

143807 SWP 1333 78-098-2324 S MVDSL 1620
SWP 1334 78-099-0117 L MVDSL 600
SWP 1354 78-101-2349 S MVDSL 2280
SWP 23366 84-180-1240 L HSGSA 415 C=190,B=32
SWP 24806 85-002-0513 L HSGSA 360 C=200,B=60
SWP 24807 85-002-0635 L HSGSA 384 C=185,B=40
SWP 24812 85-002-2349 L HSGSA 750 C=2.5X,B=54
SWP 24813 85-003-0115 L HSGSA 1008 C=2.5X,B=53
SWP 24816 85-003-0532 L HSGSA 365 C=180,B=83
SWP 24824 85-004-0015 L HSGSA 1200 C=3.5X,B=75
SWP 24827 85-004-0528 L HSGSA 570 C=2X,B=98
SWP 24828 85-004-0635 L HSGSA 395 C=195,B=45
SWP 24833 85-004-2309 L HSGSA 1020 C=2.2X,B=70
SWP 24834 85-005-0019 L HSGSA 740 C=1.8X,B=58
LWR 1289 78-099-0027 L MVDSL 660
LWR 1308 78-102-0112 S MVDSL 750
LWR 3654 79-033-1300 S UKCAL 720 60
LWP 3668 84-180-1230 L HSGSA 240 C=220,B=41
LWP 5116 85-002-0526 L HSGSA 192 C=200,B=60
LWP 5117 85-002-0626 L HSGSA 203 C=200,B=50
LWP 5121 85-003-0008 L HSGSA 513 C=25X,B=60
LWP 5124 85-003-0522 L HSGSA 195 C=217,B=68
LWP 5133 85-003-2357 L HSGSA 740 C=40X,B=70
LWP 5134 85-004-0051 L HSGSA 810 C=3.8X,B=70
LWP 5137 85-004-0514 L HSGSA 415 C=2X,B=105
LWP 5138 85-004-0606 L HSGSA 415 C=2X,B=80
LWP 5141 85-004-2347 L HSGSA 810 C=4X,B=70
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T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. texp Comments
144206 SWP 3994 79-023-0434 S SS2JJ 480 MAXDN=190

SWP 4963 79-108-0413 L SV107 300 50 UPSILON HER
SWP 4964 79-108-0456 L SV107 1200 80 OK AT 1200A
SWP 6894 79-290-1751 S UK216 1080 701
SWP 13513 81-075-1042 L UK309 180 401
LWR 4295 79-108-0446 L SV107 240 60
LWR 4296 79-108-0527 L SV107 450 70

144667 LWR 3979 79-070-0422 L MHC02 1020 50
145389 SWP 2668 78-260-0604 S AFEBV 1200

SWP 2921 78-284-1716 S UK025 301 50
SWP 6886 79-289-1922 S UK216 720 701
LWR 2383 78-260-0547 S AFEBV 420
LWR 2577 78-284-1638 S UK025 210 40
LWR 2578 78-284-1729 S UK025 420 60
LWR 4300 79-108-0928 L SV107 420 70 PHI HER

147394 SWP 3245 78-311-0932 S DGDSL 90
SWP 3246 78-311-1020 S DGDSL 130
SWP 3583 78-347-0914 s RSLWK 100
LWR 2846 78-311-0948 s DGDSL 80
LWR 3158 78-347-0919 s RSLWK 160

149121 SWP 19756 83-109-0243 L FA154 900 501
SWP 19757 83-109-0337 L FA154 1800 701
LWR 15770 83-109-0305 L FA154 1140 703
LWR 15771 83-109-0411 L FA154 540 503

155763 SWP 1827 78-172-2047 S SGABU 80
SWP 1849 78-175-1811 s SGABU 180
SWP 4577 79-069-2120 s SGABU 120 MAXDN=240
LWR 1724 78-175-1823 s SGABU 48
LWR 3871 79-057-0540 s SGABU 100 MAXDN=290
LWP 1431 82-009-1946 L PHCAL 25 C=208,B=44
LWP 1533 82-110-0900 L PHCAL 25 402

172044 SWP 3013 78-291-0000 S SS2JJ 900
SWP 3014 78-291-0123 S SS2JJ 900
SWP 3941 79-018-1834 S SS2JJ 900 MAXDN=200
LWR 2637 78-291-0053 S SS2JJ 480
LWR 3514 79-018-1820 S SS2JJ 480 MAXDN=220

172167 SWP 3414 78-326-2222 S ES2AS 4
SWP 3416 78-327-0009 S ES2AS 8
SWP 4814 79-090-0033 S DGDSL 10 MAXDN=150
SWP 4815 79-090-0106 S DGDSL 27 MAXDN=2.5X
SWP 8045 80-056-1701 S AMBJL 14 C=230,B=35
SWP 9918 80-240-1604 s SMCAL 9 C=150,B=30
SWP 11213 81-032-2344 s BECAS 11 C=190,B=33
SWP 24503 84-324-0407 s CMGDH 6 C=110,B=25
SWP 24504 84-324-0509 L CMGDH 3 C=95,B=25
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A p p e n d i x  A

T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. t e x  p Comments
172167 LWR 3002 78-326-2217 S ES2AS 6

LWR 4154 79-090-0037 S DGDSL 6 MAXDN=185,2MF MISSNG
LWR 7008 80-056-1656 S AMBJL 7 C=210,B=32
LWR 7585 80-113-0456 L UK242 9 702
LWR 8629 80-240-1609 S SMCAL 7 C=200,B=30
LWR 8630 80-240-1641 L SMCAL 3 C=180,B=30
LWR 9830 81-032-2349 S BECAS 6 C=210,B=30
LWP 3008 84-082-1903 s OD33K 6 C=220,B=40
LWP 4836 84-324-0332 s CMGDH 4 C=145,B=40
LWP 4837 84-324-0436 L CMGDH 2 C=140,B=40
LWP 7490 86-013-2333 L STHRP 4 C=200,B=42

174567 SWP 6895 79-290-2027 L UK216 3000 501
SWP 9527 80-197-2030 S UK309 9600 301
SWP 13511 81-075-0742 L UK309 4200 601
LWR 5859 79-290-1841 S UK216 6000 705
LWR 5860 79-290-2122 L UK216 1680 404

174933 SWP 2920 78-284-1457 S UK025 1500 70
SWP 3109 78-296-0640 s SS2JJ 780
SWP 3990 79-022-2339 s SS2JJ 780 MAXDN=240
LWR 2576 78-284-1436 s UK025 840 60
LWR 2688 78-296-0626 s SS2JJ 540
LWR 3555 79-023-0011 s SS2JJ 540 MAXDN=245

175640 SWP 9529 80-198-0219 s UK309 2700 301
SWP 9544 80-201-2037 s UK309 3000 401
SWP 13510 81-075-0619 L UK309 1620 501
LWR 8261 80-198-0308 L UK309 960 502 MICPH
LWR 10151 81-075-0650 L UK309 960 502

179761 SWP 19969 83-133-1652 L HSFSA 204 C=150,B=40
SWP 19970 83-133-1753 L HSFSA 300 C=205,B=55
SWP 19971 83-133-1850 L HSFSA 441 C=1.5X,B=80
SWP 20143 83-155-1431 L HSFSA 1120 C=3X,B=72
SWP 20144 83-155-1521 L HSFSA 996 C=3X,B=68
SWP 20165 83-159-1457 L HSFSA 930 C=3X,B=65
SWP 20166 83-159-1600 L HSFSA 462 C=255,B=41
SWP 20175 83-160-1449 L HSFSA 500 C=1.1X,B=42
SWP 20176 83-160-1533 L HSFSA 312 C=185,B=35
LWR 15929 83-133-1637 L HSFSA 430 C=3X,B=55
LWR 15930 83-133-1720 L HSFSA 156 C=175,B=33
LWR 15931 83-133-1820 L HSFSA 200 C=205,B=40
LWR 16066 83-155-1455 L HSFSA 730 C=3X,B=50
LWR 16098 83-159-1439 L HSFSA 730 C=3X,B=50
LWR 16099 83-159-1530 L HSFSA 420 C=2X,B=40
LWR 16100 83-159-1641 L HSFSA 420 C=2X,B=40
LWR 16110 83-160-1504 L HSFSA 200 C=210,B=33
LWR 16111 83-160-1606 L HSFSA 420 C=2X,B=40
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A p p e n d i x  A

T a b le  A . l : —continued.

HD Image UT Date Ap. Prog. êxp Comments
181470 SWP 18429 82-303-0637 L APEWW 1620 C=180,B=35

SWP 19128 83-029-1409 L FA179 1800 501
LWR 14519 82-303-0552 L APEWW 2400 C=2-3X,B=45
LWR 15146 83-029-1337 L FA179 1500 503

182308 SWP 3081 78-294-0225 S SS2JJ 2400
SWP 3988 79-022-2003 S SS2JJ 2400 MAXDN=160
SWP 6893 79-290-1551 S UK216 4200 701
SWP 13512 81-075-0942 L UK309 1020 501
LWR 2660 78-294-0154 S SS2JJ 1500
LWR 3553 79-022-2049 S SS2JJ 1680 MAXDN=260
LWR 5858 79-290-1524 L UK216 720 502
LWR 10152 81-075-0917 L UK309 720 502

186122 SWP 6892 79-290-1435 L UK216 1320 501
SWP 9528 80-198-0012 S UK309 4500 501
LWR 8259 80-197-2333 L UK309 1200 602
LWR 8260 80-198-0138 L UK309 720 502

190229 SWP 4962 79-108-0246 L SV107 510 50
LWR 4294 79-108-0323 L SV107 570 77
LWR 8103 80-174-2229 L PHCAL 570 602

192907 SWP 4665 79-076-0107 S DGDSL 420 MAXDN=205
SWP 4666 79-076-0202 s DGDSL 1080 MAXDN=255
SWP 5719 79-186-1338 s DGDSL 914 C=1.5X,B=35
LWR 4040 79-076-0134 s MVDSL 310 MAXDN=210
LWR 4041 79-076-0241 s DGDSL 290 MAXDN=180

193432 SWP 1941 78-189-0946 s DGDSL 840
SWP 1942 78-189-1052 s DGDSL 1320
SWP 1943 78-189-1233 s DGDSL 2100
SWP 5722 79-186-1638 s DGDSL 599 C=185,B=35
SWP 16630 82-085-1135 s HSDSA 600 C=82,B=25
SWP 16631 82-085-1221 s HSDSA 660 C=180,B=35
SWP 16632 82-085-1325 s HSDSA 720 C=210,B=38
SWP 16633 82-085-1424 s HSDSA 1380 C=180,B=40
SWP 16634 82-085-1540 s HSDSA 1500 C=2.5X,B=50
SWP 16635 82-085-1651 s HSDSA 1740 C=3X,B=50
SWP 16636 82-085-1801 s HSDSA 1500 C=2-3X,B=60
SWP 16637 82-085-1905 s HSDSA 690 C=225,B=43
LWR 4951 79-186-1706 s DGDSL 419 C=200,B=35
LWR 12867 82-085-1151 s HSDSA 420 C=200,B=35
LWR 12868 82-085-1253 s HSDSA 420 C=210,B=35
LWR 12869 82-085-1357 s HSDSA 740 C=1.5X,B=40
LWR 12870 82-085-1505 s HSDSA 630 C=270,B=38
LWR 12871 82-085-1619 s HSDSA 1380 C=3X,B=50
LWR 12872 82-085-1731 s HSDSA 1380 C=3X
LWR 12873 82-085-1833 s HSDSA 420 C=222,B=32
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T ab le  A . l : —continued .

HD Image UT Date Ap. Prog. êxp Comments
193452 SWP 6883 79-289-1437 L UK216 1800 301 ONLY 9MIN EFF

SWP 6884 79-289-1604 L UK216 1800 501
SWP 6885 79-289-1737 L UK216 3300 701
LWR 5849 79-289-1412 L UK216 1080 503
LWR 5850 79-289-1529 L UK216 1740 703
LWR 5851 79-289-1638 L UK216 3300 705

196426 SWP 19758 83-109-0500 L FA154 1680 701
SWP 19759 83-109-0601 L FA154 780 501
LWR 15772 83-109-0533 L FA154 1080 703
LWR 15773 83-109-0638 L FA154 660 502

209459 SWP 18430 82-303-0810 L APEWW 1320 C=230,B=48
SWP 18433 82-303-1302 L APEWW 1320 C=220,B=40
SWP 18436 82-304-0821 L APEWW 1140 C=220,B=60
SWP 21398 83-302-1811 L FA050 1500 501
LWR 14520 82-303-0738 L APEWW 1620 C=2-3X,B=48
LWR 14523 82-303-1234 L APEWW 780 C=240,B=30
LWR 14525 82-304-0754 L APEWW 720 C=220,B=40
LWP 2173 83-302-1849 L FA050 600 503

215573 SWP 13509 81-075-0525 L UK309 780 801
SWP 29798 86-338-0149 L HSIGP 222 C=181,B=32
SWP 29799 86-338-0259 L HSIGP 440 C=1.4X,B=47
SWP 29800 86-338-0407 L HSIGP 253 C=194,B=35
SWP 29801 86-338-0514 L HSIGP 411 C=1.3X,B=48
SWP 29802 86-338-0621 L HSIGP 274 C=210,B=41
SWP 29803 86-338-0728 L HSIGP 370 C=1.3X,B=48
SWP 29804 86-338-0834 L HSIGP 274 C=212,B=38
SWP 29817 86-340-0156 L HSIGP 344 C=242,B=42
LWR 10149 81-075-0411 L UK309 150 502
LWR 10150 81-075-0453 L UK309 360 702
LWP 9626 86-338-0143 L HSIGP 160 C=219,B=45
LWP 9627 86-338-0248 L HSIGP 270 C=1.7X,B=48
LWP 9628 86-338-0335 L HSIGP 449 C=2.7X,B=58
LWP 9629 86-338-0503 L HSIGP 150 C—200,B=42
LWP 9630 86-338-0549 L HSIGP 270 C=1.7X,B=54
LWP 9631 86-338-0656 L HSIGP 449 C=2.7X,B=70
LWP 9632 86-338-0826 L HSIGP 130 C=204,B=41
LWP 9639 86-340-0131 L HSIGP 255 C=1.2X,B=48
LWP 9640 86-340-0231 L HSIGP 420 C=2X,B=53

221507 SWP 18990 83-012-0500 S BPEJJ 300 C=170,B=30
SWP 18991 83-012-0605 S BPEJJ 390 C=205,B=34
LWR 15042 83-012-0453 S BPEJJ 180 C=115,B=29
LWR 15043 83-012-0534 S BPEJJ 270 C=220,B=34
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T ab le  A .2: K ey to the programme identifications for the journal o f IU E observations 
given in table A .l .

Prog. Principal Investigator Institute
AFEBV E. Bohm Vitense University of Washington
AMBJL J. Lester University of Denver
APDRP R. Panek Computer Sciences Corporation
APEWW W. Weiss University of Vienna
BECAS A. Slettebak Ohio State University
BEDAS A. Slettebak Ohio State University
BPDJJ J. Jugaku Tokyo Astronomical Observatory
BPDKR K. Rakos University Observatory Vienna
BPEJJ J. Jugaku Tokyo Astronomical Observatory
CMGDH D. Harper University of Chicago
DGDSL D. Leckrone GSFC
EA051 R. Freire Strasbourg Astronomical Observatory
ES2AS A. Sapar Tartu Astrophysical Observatory
FA050 B. Baschek Heidelburg
FA154 M. Dworetsky University College London
FA179 A. Heck VILSPA
GA146 H. Lamers Utrecht
HEJSS S. Shore New Mexico Tech
HSDSA S. Adelman Citadel
HSFSA S. Adelman Citadel
HSGSA S. Adelman Citadel
HSIGP G. Peters University of Southern California
HWDAK D. Klinglesmith GSFC
MHC02 R. Faraggiana Trieste Astronomical Observatory
MLHSS S. Shore Computer Sciences Corporation
MVDSL D. Leckrone GSFC
OD33K N. Evans Computer Sciences Corporation
PHCAL IUE Observatory Staff VILSPA and GSFC
RF336 R. Faraggiana Trieste Astronomical Observatory
RSLWK L. Kamp University of Boston
SGABU A. Underhill GSFC
SMCAL A. Lane Jet Propulsion Laboratory
SS2JJ J. Jugaku Tokyo Astronomical Observatory
STHRP R. Pitts Computer Sciences Corporation
SV107 S. Vauclair Meudon Observatory
UK025 B. Guthrie Royal Observatory Edinburgh
UK216 M. Dworetsky University College London
UK242 A. Boksenberg University College London
UK309 M. Dworetsky University College Lodon
UKCAL D. Stickland VILSPA
UKPOP P. Gondhalekar University College London
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B .l  Supplementary Tables and Figures

This appendix contains supplementary tables and figures for chapter 4. Extracted H7 

profiles from DAO, Mount Wilson, Palomar, SAAO, and JKT spectra are presented in 

tables B .l, B.2, and B.3. Temperature-gravity diagrams for the programme stars are 

presented in figure B .l (see page 477 for key). Best-fit models for the programme stars 

are compared with ultraviolet and visual region spectrophotometry in figure B.2, with 

infra-red spectrophotometry in figure B.3, and with extracted H7 profiles in figure B.4.



A p p e n d i x  B

T a b le  B . l :  H j profiles o f  the programme stars measured from coadded DAO spectra.

a a (A) Residual Flux R(AA)
(  Dra* HR7098 87 Psc HR7143 46 Aql 21 Peg HR7338 k  Cep

0.0 0.261 0.131 0.242 0.193 0.212 0.150 0.173 0.173
0.5 0.309 0.285 0.363 0.345 0.386 0.307 0.303 0.270
1.0 0.357 0.334 0.431 0.399 0.441 0.356 0.348 0.334
1.5 0.406 0.369 0.471 0.442 0.487 0.395 0.379 0.370
2.0 0.448 0.404 0.505 0.479 0.531 0.431 0.410 0.405
3.0 0.529 0.468 0.569 0.546 0.609 0.499 0.468 0.472
4.0 0.596 0.528 0.629 0.607 0.674 0.565 0.525 0.535
5.0 0.658 0.582 0.680 0.662 0.729 0.627 0.581 0.592
6.0 0.713 0.633 0.724 0.710 0.776 0.683 0.632 0.646
7.0 0.761 0.680 0.763 0.752 0.815 0.729 0.676 0.696
8.0 0.800 0.721 0.796 0.786 0.846 0.768 0.713 0.736
9.0 0.833 0.757 0.825 0.816 0.871 0.802 0.745 0.770

10.0 0.866 0.788 0.850 0.842 0.892 0.832 0.775 0.802
12.0 0.906 0.841 0.889 0.883 0.927 0.879 0.829 0.855
14.0 0.928 0.883 0.919 0.914 0.951 0.912 0.875 0.893
16.0 0.945 0.912 0.940 0.934 0.965 0.938 0.908 0.921
18.0 0.955 0.933 0.953 0.950 0.974 0.957 0.933 0.941
20.0 0.963 0.948 0.964 0.962 0.980 0.969 0.952 0.955
22.0 0.971 0.958 0.972 0.971 0.985 0.978 0.965 0.965
24.0 0.977 0.966 0.979 0.977 0.989 0.985 0.974 0.973
26.0 0.990 0.973 0.984 0.982 0.992 0.990 0.981 0.980
28.0 1.000 0.979 0.988 0.986 0.994 0.993 0.985 0.984
30.0 0.984 0.991 0.990 0.995 0.995 0.989 0.988
32.0 • • • 0.988 0.993 0.993 0.997 0.997 0.992 0.991
34.0 0.991 0.995 0.995 0.998 0.998 0.995 0.994
36.0 • • • 0.994 0.997 0.997 0.999 0.999 0.997 0.996
38.0 • • . 0.997 0.999 0.999 0.999 0.999 0.999 0.998
40.0 1.000 1.000 1.000 1.000 1.000 1.000 1.000

Notes for Table B.l; *Measured f r o m  f i g u r e  2  o f  U n d e r h i l l  ( 1 9 7 3 )  and n o r m a l i s e d  t o  u n i t y  a t  AA = 28 A. 
A l l  o t h e r  p r o f i l e s  n o r m a l i s e d  t o  u n i t y  a t  AA = 40 A.
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T able B .2: H7 profiles o f the programme stars measured from coadded Mount Wilson, 
Palomar, or SAAO spectra.

a a (A) Residual Flux R(AA)
£ Oct HR1800 HR2676 HR2844 HR6997 HR7361 HR7775 j3 Scl HR7878

0.0 0.333 0.333 0.329 0.377 0.478 0.314 0.162 0.324 0.257
0.5 0.448 0.448 0.468 0.472 0.540 0.455 0.319 0.400 0.401
1.0 0.508 0.508 0.541 0.523 0.605 0.532 0.371 0.492 0.454
1.5 0.549 0.549 0.590 0.560 0.643 0.578 0.412 0.541 0.493
2.0 0.580 0.580 0.634 0.592 0.675 0.617 0.450 0.577 0.529
3.0 0.636 0.636 0.704 0.649 0.728 0.688 0.520 0.636 0.594
4.0 0.685 0.685 0.758 0.703 0.773 0.753 0.581 0.688 0.654
5.0 0.729 0.729 0.801 0.750 0.812 0.803 0.634 0.731 0.706
6.0 0.769 0.769 0.839 0.788 0.845 0.839 0.684 0.766 0.746
7.0 0.805 0.805 0.872 0.819 0.872 0.868 0.729 0.798 0.780
8.0 0.836 0.836 0.899 0.846 0.895 0.893 0.769 0.827 0.811
9.0 0.859 0.859 0.920 0.869 0.913 0.912 0.804 0.853 0.838

10.0 0.878 0.878 0.935 0.888 0.928 0.929 0.834 0.875 0.861
12.0 0.908 0.908 0.956 0.918 0.949 0.954 0.881 0.912 0.897
14.0 0.932 0.932 0.968 0.938 0.963 0.971 0.916 0.937 0.922
16.0 0.949 0.949 0.977 0.953 0.974 0.981 0.940 0.954 0.944
18.0 0.961 0.961 0.983 0.964 0.982 0.986 0.958 0.967 0.960
20.0 0.969 0.969 0.986 0.973 0.987 0.989 0.969 0.977 0.970
22.0 0.975 0.975 0.989 0.979 0.991 0.991 0.977 0.984 0.977
24.0 0.980 0.980 0.991 0.984 0.993 0.993 0.984 0.990 0.982
26.0 0.984 0.984 0.993 0.987 0.994 0.995 0.988 0.993 0.986
28.0 0.988 0.988 0.994 0.990 0.996 0.996 0.991 0.995 0.989
30.0 0.992 0.992 0.995 0.993 0.997 0.997 0.994 0.997 0.992
32.0 0.994 0.994 0.996 0.995 0.998 0.998 0.996 0.999 0.994
34.0 0.996 0.996 0.997 0.996 0.998 0.999 0.997 1.000 0.995
36.0 0.998 0.998 0.998 0.998 0.999 0.999 0.998 1.000 0.997
38.0 0.999 0.999 0.999 0.999 0.999 1.000 0.999 1.000 0.998
40.0 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000

Notes for Table B.2: A H  p r o f i l e s  n o r m a l i s e d  t o  u n i t y  a t  AA = 40 A.
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Table B.3: H j profiles of the programme stars measured from JK T  spectra.

AA(A) Residual Flux R(AA)
7T Cet 134 Tau 9 Leo a  Lyr 21 Peg 87 Psc <j> Phe 53 Tau p Lep

1.5 0.413 0.348 0.336 0.314 0.370 0.448 0.356 0.399 0.439
2.0 0.447 0.378 0.366 0.347 0.403 0.483 0.391 0.434 0.478
3.0 0.508 0.439 0.423 0.405 0.467 0.547 0.454 0.488 0.553
4.0 0.564 0.496 0.475 0.453 0.531 0.603 0.510 0.540 0.619
5.0 0.617 0.550 0.526 0.497 0.592 0.654 0.563 0.591 0.677
6.0 0.667 0.598 0.574 0.537 0.646 0.700 0.614 0.638 0.727
8.0 0.749 0.680 0.658 0.612 0.737 0.774 0.706 0.719 0.806

10.0 0.810 0.752 0.727 0.683 0.807 0.828 0.771 0.787 0.861
12.0 0.855 0.810 0.786 0.742 0.855 0.871 0.819 0.841 0.895
14.0 0.889 0.855 0.838 0.792 0.890 0.906 0.860 0.877 0.922
16.0 0.913 0.887 0.877 0.835 0.917 0.933 0.890 0.904 0.944
20.0 0.944 0.930 0.928 0.894 0.952 0.959 0.930 0.939 0.968
22.0 0.955 0.944 0.945 0.913 0.963 0.965 0.944 0.951 0.973
24.0 0.965 0.955 0.957 0.929 0.970 0.970 0.954 0.961 0.977
28.0 0.980 0.970 0.971 0.956 0.980 0.979 0.970 0.974 0.985
32.0 0.989 0.982 0.982 0.976 0.988 0.987 0.983 0.984 0.991
36.0 0.995 0.992 0.992 0.990 0.994 0.994 0.992 0.993 0.996
40.0 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000

HR1800 33 Gem HR2676 HR2844 v Cnc k Cnc 36 Lyn HR4072 (3 Scl
1.5 0.386 0.498 0.477 0.460 0.364 0.472 0.477 0.360 0.413
2.0 0.421 0.533 0.514 0.501 0.399 0.512 0.517 0.392 0.447
3.0 0.489 0.603 0.582 0.572 0.463 0.584 0.589 0.452 0.508
4.0 0.550 0.663 0.643 0.641 0.523 0.645 0.651 0.510 0.564
5.0 0.605 0.715 0.698 0.696 0.581 0.701 0.707 0.567 0.617
6.0 0.654 0.760 0.744 0.735 0.634 0.747 0.756 0.621 0.667
8.0 0.737 0.829 0.814 0.803 0.724 0.815 0.832 0.716 0.749

10.0 0.805 0.874 0.864 0.853 0.796 0.863 0.883 0.789 0.810
12.0 0.856 0.905 0.900 0.890 0.849 0.899 0.917 0.843 0.855
14.0 0.894 0.929 0.927 0.916 0.888 0.926 0.943 0.881 0.889
16.0 0.921 0.946 0.945 0.936 0.918 0.944 0.960 0.910 0.913
20.0 0.950 0.965 0.967 0.959 0.949 0.965 0.976 0.944 0.944
22.0 0.961 0.972 0.974 0.967 0.957 0.972 0.980 0.955 0.955
24.0 0.969 0.978 0.979 0.974 0.965 0.977 0.983 0.963 0.965
28.0 0.979 0.985 0.987 0.984 0.977 0.985 0.988 0.976 0.980
32.0 0.987 0.991 0.993 0.991 0.987 0.991 0.992 0.985 0.989
36.0 0.994 0.996 0.997 0.996 0.994 0.996 0.996 0.993 0.995
40.0 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000 1.000

Notes for Table B.3: A l l  p r o f i l e s  n o r m a l i s e d  t o  u n i t y  a t  AA = 40 A.
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Figure B .l:—continued.
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continuous energy distributions for the joint best-lit atmospheric parameters. Programme 
stars are given by type and in order o f decreasing effective temperature.
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F ig u re  B .3 : Spectrophotometry in the far-ultraviolet (open triangles), near-ultraviolet 
and visual (open circles), and infra-red (open squares^ compared with solar m etallicity Ku- 
rucz (1979) continuous energy distributions for the jo in t best-fit atmospheric parameters. 
Programme stars are given by type and in order o f decreasing effective temperature.
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This appendix contains m aterial relating to the analysis of photographic spectra detailed 

in chapter 6 . In the first section, an analytical formulation is developed for the expected 

uncertainties on equivalent widths measured from photographic spectra. In the second 

section, the equivalent widths and inferred abundances of all spectral lines analysed are 

presented in tabular form.

C .l Errors on Equivalent W idths

In this section, a  quantitative analysis of errors in equivalent widths measured from pho

tographic spectra is presented. Formulae for various sources of error in equivalent widths 

have been given by Bohlin et al. (1983) and Howarth & Phillips (1986). The analysis given 

here is similar in spirit to these, but in addition addresses some of the problems peculiar 

to  photographic photom etry following (and extending) the approach detailed by Fossey 

(1990).

C.1.1 System atic Errors in Photographic Photom etry

Systematic errors in the photographic photom etry are an im portan t source of error in 

measured equivalent widths, a  fact which is not infrequently evinced by ‘negative’ fog- 

corrected densities in the cores of strong line profiles. This is generally a m anifestation of 

inadequate uniformity of development of the emulsion across sharp transitions in latent 

image density (see, e.g., Miller 1971; Kodak 1973; Gray 1976, pp. 85-88), rather than a 

‘true’ error in the estim ated background fog. The system atic effects involved (referred to 

collectively as ‘edge’ or ‘adjacency’ effects; Mees 1954) are a  deepening of the line core
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(‘fringe’ effect) and a reduction in the strength of the line wings (‘border’ effect), the net 

result being a decrease in the apparent equivalent width due to  the predominance of the 

la tte r. Edmonds (1965) presented a semi-empirical quantitative analysis of systematic 

errors in equivalent widths due to  adjacency effects finding values in the range ~  7-10 % 

typical for his high dispersion spectrograms. Since the m agnitude of adjacency effects 

is sensitively dependent on details such as mode of agitation during development, com

position of the developer and the image density (Miller 1971), these values can not be

applied directly to  the photographic m aterial used here. Fortunately, microdensitometer 

tracings of the various calibration spectra employed in this thesis (see chapter 6 ) provide 

little evidence of severe adjacency effects—testimony, perhaps, to  the widespread in tro 

duction of mechanical agitators a t observatories since Edm ond’s work. For this reason, 

adjacency-type systematic errors will be neglected in the quantitative analysis tha t follows.

C.1.2 Propagation o f Errors

Assume, for simplicity of analysis, th a t the equivalent width of a line may be given in 

terms of the simple rectangular quadrature

N l  N l

Wa =  A A ^ ^ .  =  A A ^ l - / i / 7 c (C .l)
1=1 i=l

where AA is the (constant) wavelength spacing between points, A,- is the absorption depth 

of the line profile, 7, and I c are the line and continuum intensities respectively, and N l  is 

the number of points in the line profile contributing to the equivalent width measurement. 

Errors in the equivalent w idth will be due to  combined statistical and systematic errors 

in the line and continuum intensities. Statistical errors are random fluctations at the 

point-to-point level which are assumed to be normally distributed and therefore combine 

quadratically in the summ ation of equation C .l. The contribution of statistical errors to  

the error in the measured equivalent width is then given by

(A W a ) 2 =  £  ( ^ ) 2 (A A i f  = (AA) 2 ^ ( A * ) 2 (C .2 )

Systematic errors, on the other hand, are taken to  be non-random over the width of a line

profile and therefore combine linearly in equation C .l. Hence, their contribution to  the
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error in the measured equivalent width is given by

S k  8 W \ S kAW* = E -d^AAi = AAEAA> (c-3)
*=1 1 i=l

The error on the absorption depth due to  statistical errors in the line and continuum 

intensities is given by the quadratic sum

2  /  a  a  \  2  /  r .  \  2  f  /  a  t .  \  2  /  a  r  \  2 '

( f M f ) (C.4)

The error on the absorption depth due to system atic errors in the line and continuum 

intensities is given by

dAi A T d A i A T  / /A T A / ,-  A /Cl
(C .5)

The sources of these errors are now discussed and their contributions to  the to tal error on 

the equivalent width are derived by application of equations C.2-C.5 as appropriate.

C .l .3 S tatistical Errors

Statistical errors in the line intensities originate from noise in the stellar spectrum density 

scan and from statistical errors in the photom etric calibration. Noise in the background 

fog density scan does not contribute to  statistical errors in the line intensities because it 

is smoothed by fitting a low-order polynomial. Similarly, the continuum intensities do not 

contain statistical errors (i.e., point-to-point noise) because they are modelled by a linear 

function across the w idth of the line profile.

Noise in photographic spectra is prim arily due to  granularity in the emulsion. Furenlid, 

Schoening & Carder (1977) showed th a t there is a unique and repeatable relationship 

between grain noise and photographic density for each emulsion type. For Ila-O, this is 

approximately linear in the density range 0 .0  & D & 1 .0  of interest here (see their figure 2 ).

In order to explore the relationship of these errors to  fundam ental quantities, consider 

the following idealised form of the photographic characteristic curve:

Df  -  D[ = y \o g I i  (C .6 )

where D® is the measured spectrum  density, D \ is the background fog density and 7  is 

the slope of the characteristic curve. The slope 7  is effectively a function of to ta l plate
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density, but for the purposes of this analysis it will be assumed th a t the densities are on 

the linear portion of the characteristic curve for which 7  is approximately a  constant.

An application of propagation of errors theory to  equation C .6  and some m anipulation 

yields the following expression for the fractional error on intensity due to grain noise

m - m

where it  has been assumed th a t grain noise is a linear function of spectrum density with 

constant of proportionality a. This expression demonstrates th a t for photographic spectra 

the fractional noise amplitude is approximately a logarithmic function of relative intensity.

To facilitate analytical progress, the conservative approximation is made th a t the frac

tional errors in intensity due to  grain noise are constant (say 0 7 ) and defined in the

continuum (i.e., a t maxmimum intensity). Rearrangement of equation C .l provides a 

relationship between the sum of the residual intensities and the equivalent width

Nl I  ■
£ y .  =  n l - w x / a x  ( c .8 )
i=l lc

For weak spectral lines (i.e., I i / I c ~  1), the corresponding relationship for the sum of the 

squares of the residual intensities is

Nl / T \ 2 1 i  V

An application of equations C.2 and C.4 with substitution for equation C.9 yields the 

following expression for the uncertainty in equivalent width due to grain noise:

(AW / ) 2 =  AA2o] (N l  -  W x / A X ) 2f N L (C.10)

From similar arguments to those leading to equation C .1 0 , it follows tha t the fractional 

error on intensity due to  statistical errors in the photometric calibration, ap,  can be w ritten

(AW » 2 =  A X 2<j 2p(N l  -  W y / A X ) 2/ N L (C .U )

C .l .4 System atic Errors

Systematic errors in measured equivalent widths can be caused by errors in the spectrum 

densities, in the background fog densities, in the photometric calibration, and in the
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continuum placement. Systematic errors in the spectrum  densities are not considered here 

for reasons given earlier (see §C.l). Errors in the background fog densities and in the 

photometric calibration affect both line and continuum intensities in a systematic fashion. 

Errors in the continuum placement affect only the continuum intensities. These latter 

three sources of system atic error are now considered in turn.

From equation C.6 , the fractional error in line intensity due to  an error in fog density 

A D\  is

= - 4 ^ -  (c.i2)Ji 7 loge

An effectively identical expression holds for the fractional error in local continuum inten

sity. Substitution of these expressions into equation C.5 leads to a cancellation of both 

terms if the error in fog density is constant across the line profile and local continuum (i.e., 

a gross error in fog density). The only effective source of error due to  uncertainty in the 

fog level is through the functional dependence of 7  on net density—this is negligible for 

spectra which are sufficiently well-exposed to  be on the linear portion of the characteristic 

curve.

Next we consider the fractional error in intensity due to  a system atic fractional error 

=  A 7 / 7  in the photographic calibration. From equation C .6  we obtain

*ji = (c.i3)
J, loge

Again, an identical expression holds for the fractional continuum intensity. Substitution 

into equation C.5 yields

A 4  =  £ l o g ( ! ) & ,  (C.14)

Subsequent algebra is made tractable if the residual intensity argum ent of the logarithm  

is replaced by its average across the line profile

i g M - A )
Finally, substitution into equation C.3 yields the following expression for the error on

equivalent width due to  system atic error in the photometric calibration

a w ;  = AA«7 (N l  -  W X/ AA) log ( 1  -  (C.16)
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Finally, we consider the effect of errors in the continuum intensity on equivalent width. 

These errors axe due to statistical and systematic sources, but both are manifested as sys

tem atic errors in the equivalent width because the continuum is assumed to  be a linear 

function across the line profile. In either case, we may reasonably assume th a t the frac

tional error in the continuum intensity, say 6C, is constant across the line profile. S traight

forward application of equations C.3 and C.5, and substitution for equation C.8 , yields the 

following error on the equivalent width due to  systematic error in the continuum intensities

A W c = AASc( Nl -  W x/ AX)  (C.17)

C .l .5 The Total Error

If the four sources of error given above can be assumed to be independent and normally 

distributed, then the to ta l error on the equivalent width is given by their quadratic sum, 

i.e.,

(A ff » ) 2 =  (AW ; ) 2 +  ( A W Pf  +  (A W7 ) 2 +  (AW^ ) 2 (C.18)

This approxim ation may not be rigourously satisfied but seems reasonable on the grounds 

th a t the error sources considered (statistical and systematic) are expected to  be equally 

disposed to negative residuals as to positive (cf. Howarth & Phillips 1986). A case could

be made th a t systematic errors in continuum location would probably be pre-disposed

to negative values (i.e., the continuum ‘height’ underestim ated) due to  the presence of 

vanishingly weak—but cumulatively significant—absorption lines. This is perhaps less 

likely to be the case when the continuum is judged subjectively (as is the case here) than 

when it is fitted with a  function using the least-squares method because of the intervention 

of ‘human error.’
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C.2 Measured Equivalent W idths and Line Abundances

In this section, measured equivalent widths and inferred abundances are presented for 

all lines identified in the photographic spectra of the programme stars analysed in chap

ter 6 . D ata  for the normal/superficially normal stars and for the HgMn stars are given in 

tables C .l and C .l respectively.

The form at of the tables is as follows. Column 1 gives the species and multiplet 

number for each line analysed as listed in the M ultiplet Table o f  Astrophysical Interest 

(Moore 1959) (unclassified lines are denoted by a hyphen). Column 2 gives the wavelength 

(A) of the line in A taken from the appropriate wavelength identification sources listed in 

Chapter 6 . Column 3 gives the adopted value of log g f  for the line, where g is the statistical 

weight of the lower level and /  is the oscillator strength for a transition from the lower 

to  the upper level. Column 4 gives the reference for the log g f  according to  the following 

abbreviations (cf. Adelman & Lanz 1988, pp. 13-14)

C2 Cowley & Corliss (1983)

DS Dworetsky, Storey & Jacobs (1984)

HL Hannaford et a1. (1982)

KX Kurucz (1990)

MF M artin, Fuhr & Wiese (1988) for Sc through Mn and 

Fuhr, M artin & Wiese (1988) for Fe through Ni 

PN P itts  & Newsom (1986)

W F Wiese h  Fuhr (1975)

WM Wiese & M artin (1980)

WS Wiese, Smith & Glennon (1966) and Wiese, Smith & Miles (1969)

Each subsequent pair of columns gives the measured equivalent width (W \) in mA 

and the inferred abundance (log A =  log[iV(element)/jV(H)] +  1 2 ) for the line in a given 

programme star. Equivalent widths given in italics for HR7338 and 2 1  Peg are taken from 

Sadakane (1981); these have been scale transform ed to  agree with those measured here 

using the equivalent widths of lines common to both studies (underlined in the table).

Note th a t the equivalent widths for HR7338 are for the prim ary star corrected for dilution

by the continuum of the secondary.
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T a b le  C . l :  Measured equivalent widths and derived abundances from the coadded pho
tographic spectra o f  selected normal and superficially normal programme stars.

Mult. A (A) log g f Ref. HR7098 HR7338* 46 Aql K Cep 21 Peg
Wx log N Wx log N Wx log N Wx log A Wx log N

CII
6§ 4267.02

4267.25
+0.58
+0.73

WS'i
WSJ . . . 8.64 . . . 8.55 . . . 7.15 8.52 . . . 8.50

Mg II
10 4384.64 -0.78 WM 44 7.49 39 7.43 6 6.55 53 7.62 40 7.44

4390.58 -0.53 WS 62 7.49 63 7.52 10 6.54 66 7.54 63 7.55
Sell

14 4374.46 -0.39 WF 15 2.86 « • . • • • » • • • • • • • * • • . • • •

4400.36 -0.51 WF 12 2.85 • • • • • . • • • • • . 25 3.63
4415.56 -0.64 WF • • • • . • 4 2.79

15 4314.08 -0.40 WF 28 3.48 • • • 6 2.80
4320.74 -0.21 WF 13 2.81 .  • • 17 2.94 7 2.62
4325.01 -0.39 KX 16 2.90 • . • • • • • • . • • • 5 2.68

T ill
19 4395.03 -0.66 MF 79 5.35 57 5.04 45 5.86 67 5.26 58 5.14

4443.80 -0.70 MF • . • • . ♦ 60 5.17 • • • • • • • • • 55 4.95
4450.49 -1.45 MF 25 4.90 • • • 20 4.78

20 4287.89 -2.02 MF 22 5.21 13 5.09 6 5.81 • . • 10 5.02
4294.09
4337.88

-1.11
-1.13

MF
MF

64
27

5.36
5.09

51
14

5.30
4.86

31
13

5.88
5.84

5.19 39
12

5.02
4.72

21 4161.52 -2.36 MF • - • , ,  , 6 5.08
4468.49 -0.60 MF 66 5.30 • . • . . . 56 4.91
4501.27 -0.75 MF • • • 56 5.10 • • • • • • 53 4.96

34 3900.56 -0.45 MF 58 5.06 • • • • • • 52 4.75
3913.46 -0.53 MF 64 5.24 • • • 51 4.75

40 4417.72 -1.43 MF 43 5.16 38 5.29 16 5.76 35 5.15 26 5.03
4464.46 -2.08 MF 19 5.40 • • • • • • • • • • • 10 5.07

41 4290.22 -1.12 MF 63 5.38 43 5.12 26 5.78 52 5.30 38 5.05
4300.05 -0.77 MF 75 5.40 66 5.51 44 5.98 62 5.27 53 5.15
4301.93 -1.16 MF 4 4 4.92 43 5.16 17 5.53 36 4.91 25 4.74
4307.90 -1.29 MF 80 6.06 66 6.02 34 6.19 63 5.81 53 5.66
4312.86 -1.16 MF 52 5.14 39 5.07 19 5.61 39 5.00 28 4.84
4314.98 -1.13 MF 57 5.23 33 4.87 27 5.82 44 5.09 33 4.93
4320.96 -1 .87 MF 30 5.32 9 4.81 5 5.63 15 5.04 9 4.84

50 4563.76 -0.96 MF 50 5.18 • . • .  • • . • • • • 49 5.10
51 4394.06 -1.59 MF 22 4.85 24 5.11 6 5.44 18 4.88 8 4.55

4399.77 -1 .27 MF 45 5.10 30 4.96 17 5.67 34 5.01 28 4.97
4418.34 -2.46 MF 12 5.40 13 5.62 3 6.02 . . . _6 5.31

61 4391.04 -2.75 MF • • • • • . 10 5.74 • • • • • . . . . . . • • •

4395.83 -2 .17 MF 15 5.23 16 5.46 • * • • • • 7 5.04
4409.52 -1.84 KX • . • 12 4.95 19 6.31 . . . 7 4.71
4411.94 -2.47 KX . * • • • . . . . . . 3 4.97

82 4571.97 -0.53 MF 64 5.42 59 5.17
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Table C .l:—continued.

Mult. A (A )  log gf  Ref. HR7098 HR7338* 46 Aql k Cep 21 Peg
W x log N W x  log W W x  log N W x  log N W x log N

T ill
87

(continued) 
4028.33 -1 .00 MF 17 4.71 21 4.84

93 4374.82 -1 .29 MF 35 5.60 17 6.08 • • . .  • • 7 4.70
94 4316.81 -1 .42 MF 11 4.80 7 4.76 5 5.61 • • . •  .  • 5 4.67

104 4367.66 -1 .27 MF .  .  • • • • 20 5.47 11 6.06 • • • •  • • 11 5.17
4386.86 -1 .26 MF 21 5.31 21 5.48 9 5.95 25 5.55 10 5.12

105 4163.64 -0.40 MF • • • 38 5.10 • • • • • • • • . • • . 32 4.91
4171.92 -0 .56 MF • •  • • •  • • • • • • . • • • 28 4.98

115 4411.08 -1 .06 MF 21 5.40 13 5.28 11 6.07 18 5.42 10 5.19
4488.32 -0 .82 MF • • • • • • • • • • • , # , • • • • • • • • • 10 4.92

Crl
1 4274.80 -0.23 MF 13 5.69 10 5.71 • • . • • • • • • • • • 5 5.62

4289.72 -0.36 MF 9 5.63 • • • • • • • • • • • • • • • • • « •

Cr II
31 4261.92 -1 .53 KX 40 5.91 30 5.85 • • • • • • 29 5.75 29 5.80

4269.28 -2 .17 KX 19 6.00 » • • • • • • • • • • • • 9 5.68
4275.57 -1.71 KX 30 5.84 22 5.80 • • • • • 27 5.87 23 5.80
4284.21 -1.86 KX 24 5.84 17 5.77 • • • 24 5.92 16 5.70

— 4306.95 -1.19 KX • • • • • • • . • • • • • • • .  • 10 5.84 5 5.52
Mn II

— 4260.47 -4.25 KX • .  . 14 7.39 • • • • • • • •

4267.85 -1.98 KX • .  * • • • 4 7.20 • • • • • • » •

4282.47 -1.68 KX • • . • •  • 10 6.33 • • . • • • « •

4283.77 -2 .20 KX • •  • 4 6.35 • • • • • •  • .

4292.25 -2.23 KX • • • 5 6.49 • • • 5 6.01
4308.16 -1 .72 KX • • . • • • • • * 8 5.78
4326.63 -1 .25 KX • • » • • • 13 6.04 7 5.38 7 5.31
4343.98 -1 .10 KX • .  . • • • 8 5.98 • • • • • • • .

4356.62 -2 .03 KX • • • 3 6.11 • • • • . • • •

Fel
4 3856.37 -1.29 MF 38 7.80 20 7.47

3859.91 -0.71 MF » • • • • • • • • 24 6.99
3899.71 -1.53 MF 20 7.56 • • • • • • 12 7.45
3920.26 -1.76 MF 15 7.53 • • . 6 7.30
3922.21 -1.65 MF 15 7.40 • • • •  • • 10 7.42
3927.96 -1 .59 MF 15 7.37 • • . • • • 13 7.53
3930.30 -1 .59 MF .  .  . 28 7.80 • • • • • • 25 7.93

20 3820.43 +0.12 MF • • . 52 7.39 • • • 44 7.29
3849.97 -0 .87 MF • .  • 24 7.51 • • • • • • 18 7.53
3878.02 -0.91 MF 21 7.47 • « • • • • 16 7.49

41 4383.54 +0.20 MF 65 7.64 54 7.63 25 8.16 45 7.30 48 7.64
4404.75 -0 .14 MF 52 7.60 45 7.68 20 8.37 37 7.44 31 7.47
4415.12 -0 .62 MF 31 7.55 25 7.58 6 8.22 24 7.58 15 7.47
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T a b le  C . l : —continued.

Mult. A (A) log g f Ref. HR7098 HR7338* 46 Aql K Cep 21 Peg
Wx l o g  N Wx l o g  N Wx l o g  N Wx l o g  AT Wx l o g  N

Fel
42

(continued) 
4271.76 -0 .16 MF 48 7.46 42 7.56 17 8.24 37 7.42 32 7.48
4307.90 -0 .07 MF • • • • • • • • • • .  • 34 8.77 63 8.28 • • •

4325.76 -0.01 MF 51 7.53 33 7.26 17 8.17 32 7.24 29 7.34
43 4005.25 -0 .61 MF 25 7.55 20 7.62

4045.82 +0.28 MF 45 7.24 • • . • .  . 44 7.42
4063.59 +0.07 MF 40 7.33 37 7.45
4071.74 -0 .02 MF • • • 42 7.53 30 7.36
4132.06 -0 .65 MF 29 7.74 8 7.17
4143.87 -0 .45 MF 27 7.46 • .  . 22 7.51

45 3815.84 +0.30 MF • • • « • • • • • • • • • ♦ • 30 7.00
3827.82 +0.06 MF 31 7.24 18 6.97
3841.05 -0 .05 MF • • • 29 7.40 • • • 17 7.13

71 4282.40 -0 .81 MF 7.64 14 7.72 •  • • 17 7.87 _9 7.72
152 4233.61 -0 .60 MF • • • • .  . • ♦ » • • • 12 7.81

4235.94 -0 .34 MF • • • 18 7.54 • • • • • • • « • 8 7.31
4250.12 -0 .40 MF • • • • * . • • • • • • • • • • • • 14 7.69
4260.47 -0 .02 MF 39 7.62 29 7.55 •  .  • 20 7.49
4271.16
4299.24

-0 .35
-0 .81

MF
C2

20
18

7.47
6.91

13 7.37 8.27 . . . _8
11

7.35
7.93

693 4247.43 -0 .23 MF • • . • • • • • • • • • • • • • • • 9 7 . 7 7

800 4219.36 +0.12 MF • • • • • • » • • .  .  • • .  • ♦ • • . . . 5 7.24
Fell

26 4386.57 -4 .94 KX 4 8.37
27 4233.17 -2 .00 MF 87 8.01 84 7.71

4273.32 -3 .34 MF 34 7.54 28 7.56 37 8.22 19 7.20 27 7.48
4303.17 -2 .49 MF 67 7.61 67 7.97 63 8.29 53 7.37 56 7.55
4351.76 -2 .10 MF • • • • • • 76 8.04 63 7.99 66 7.54 61 7.44
4385.38 -2 .57 MF 62 7.57 58 7.78 59 8.26 57 7.62 56 7.67
4416.82 -2 .60 MF 32 6.98 64 8.46 51 7.45 54 7.63

28 4178.86 -2 .48 MF • • • • • . . • • 53 7.25
4258.16 -3 .40 MF 22 7.44 • • 24 7.38
4296.57 -3 .01 MF 53 7.71 43 7.68 51 8.39 43 7.58 43 7.64
4369.40 -3 .67 MF 22 7.60 17 7.59 25 8.21 18 7.54 16 7.50

29 3824.91 -3 .41 MF • • • • • . 28 7.67 20 7.26
32 4278.13 -3 .82 KX 18 7.56 12 7.48 19 8.11 • • • 13 7.47

4314.29 -3 .48 KX • • • 28 7.70 31 8.16 33 7.75 21 7.43
4384.33 -3 .50 MF 31 7.60 38 8.00 27 8.04 • • • 21 7.43
4413.60 -3 .87 MF 11 7.34 13 7.57 13 7.92 9 7.25

37 4472.92 -3 .43 MF • • ' 24 7.60 • • • 23 7.46
4489.18 -2 .97 MF 42 7.67 • • . 45 7.61
4491.40 -2 .70 MF 48 7.63 51 7.56
4515.34 -2 .48 MF 55 7.63 •  • • • • . • • • 62 7.67
4520.23 -2 .60 MF 52 7.64 55 7.55

498



A p p e n d i x  C

T a b le  C . l : —continued.

Mult. A (A) log gf Ref. HR7098 HR7338* 46 Aql k Cep 21 Peg
Wx log N Wx log N Wx log N Wx log N Wx log N

Fell
37

(continued) 
4555.89 -2.29 MF 52 7.34 73 7.83
4582.84 -3.10 MF 43 7.86 31 7.36
4629.34 -2 .37 MF 59 7.64 63 7.58

38 4508.28 -2.21 MF 68 7.78 72 7.70
4522.63 -2.03 MF 64 7.48 72 7.51
4541.52 -3.05 MF 42 7.79 45 7.70
4576.33 -3.04 MF 42 7.74 45 7.68
4583.83 -2.02 MF 84 8.04 80 7.72
4620.51 -3.28 MF 31 7.65 25 7.37

186 4635.33 -1.65 MF 32 7.82 32 7.64
213 4354.36 -1.40 KX 10 7.58 18 7.97 ............. 8 7.42
220 4318.21 -1.98 KX 8 8.16 • . .

4321.34 -1.83 KX • . . 11 8.17 • . • • • ,
— 4263.90 -1.71 KX 12 7.92 17 8.22 7 7.61

4286.28 -1.62 KX 8 7.62 19 8.21 ............. 8 7.61
4319.38 -2.12 KX 7 8.13
4325.43 -2.34 KX 29 8.61
4325.54 -2.31 KX . . ♦ 29 8.56
4357.58 -2.11 KX 17 7.74 24 8.12 33 8.49 10 7.45 13 7.59
4361.25 -2.11 KX 9 7.39 7 7.36 22 8.12 9 7.42
4402.88 -2 .72 KX 20 8.65 4 7.64
4418.96 -1 .84 KX • , • . . . 10 8.15

Felll
4 4395.76 -2 .60 KX 15 8.36

4419.59 -2 .22 KX » • . 15 7.99 • • •
Nil

86 4401.54 +0.08 MF 15 6.90 ............. , , ,
Nill

9 4362.10 -1 .87 KX 15 5.73 16 5.90 12 6.50
Sr II

3 4305.45 -0.11 WM 3 3.41

N otes for Table C .l: *Equivalent, widths for HR7338 primary which have been corrected for dilution 
by the secondary. §From spectrum synthesis.
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T ab le  C .2 : Measured equivalent widths and derived abundances from the coadded pho
tographic spectra o f  selected HgMn programme stars.

Mult. A (A) log g f Ref. 87 Psc HR1800 HR6997 HR7143 HR7361 HR7775
W x  logjN W x log N W x log N W x  log N W x  log N W \  log N

Cll
6§ 4267.02 

4267.25
+0.58
+0.73

WS'i
WSJ 8.06 ...<8.2 8.35 . . . . ..< 7 .5

Mg II
4§ 4481.13 +0.60 WM 6.60 6.854481.33 +0.78 WM Jf ••• • • • • • ♦

9 4428.00 -1.20 w s 8 7.05
10 4384.64 -0 .78 WM 18 7.08 16 6.93 • » • .  • 27 7.25 • ♦ • • • 18 7.01

4390.58 -0.53 WS 37 7.23 20 6.80 . . . 42 7.27 20 6.98 34 7.11
PII

5 4420.71 -0 .34 WM 45 7.49 .........................

11 4499.24 +0.47 WM • • • • • • • • . • • 30 6.13
24 4417.34 -0.32 WM 12 7.23 .........................

25 4463.02
4467.98
4483.69

-0.09
-0.65
-0 .78

WS
WS
WS 25 8.02

28
10

7.59
7.43 ............

SlI
49 4294.43 +0.56 WS • • . • . » 10 7.61 , ,  , » • # 6 6.94 • • * .........................

Sc II
14 4374.46

4400.36
-0.39
-0.51

WF
WF

11
14

4.23
4.47 10 4.53

15 4314.08 -0.40 WF • • • 9 3.28
4320.74 -0.21 WF 39 5.10 10 3.14 • . . 13 4.38 .........................

4325.01 -0.39 KX 12 3.43 40 5.42 .........................

Till
19 4395.03

4443.80
4450.49

-0.66
-0 .70
-1.45

MF
MF
MF

76 6.44 44 5.02 • • • 77 6.36 20
14

5.31
5.13

65 5.65 
56 5.36 
38 5.54

20 4287.89 -2.02 MF 43 6.97 9 5.25 27 6.29 • • . 29 5.87
4294.09 -1.11 MF 68 6.68 33 5.16 • • • 65 6.43 17 5.66 55 5.75
4337.88 -1.13 MF 20 6.21 22 5.57 39 6.65 . * • 31 5.97
4344.29 -2.09 MF 12 6.25 16 5.97

31 4444.56
4468.49

-2.03
-0 .60

MF
MF 10 4.87

17 5.53

40 4417.72
4441.73

-1.43
-2.41

MF
MF

57 6.75 24 5.26 . . . 54 6.45 . . . 42 5.68 
13 5.79

41 4290.22 -1.12 MF 69 6.74 44 5.53 • • • 68 6.56 14 5.59 58 5.90
4300.05 -0.77 MF 103 7.31 42 5.13 6.41 77 6.51 • • . 63 5.74
4301.93 -1.16 MF 52 6.36 21 4.91 49 6.04 • • • 45 5.51
4307.90 -1.29 MF 84 7.32 40 5.59 57 6.40 , .  # 60 6.14
4312.86 -1.16 MF 58 6.52 33 5.27 5.90 55 6.23 . . . • • • 49 5.66
4314.98 -1.13 MF 54 6.39 29 5.12 50 6.05 10 5.42 53 5.75
4320.96 -1 .87 MF 39 6.79 10 5.21 • • • 21 6.03 31 5.84
4330.71 -2 .04 MF 5 5.07 16 6.11 15 5.60
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T ab le  C .2 :—continued.

Mult. A (A) log gf  Ref. 87 Psc HR1800 HR6997 HR7143 HR7361 HR7775
Wx log N Wx log N Wx log N Wx log N W\ log N Wx log N

Ti II (continued)
51 4394.06 -1 .59 MF 29 6.29 10 4.94 . . . 28 5.95 25 5.40

4399.77 -1 .27 MF 53 6.53 22 5.09 . . . 53 6.29 • • • 42 5.56
4407.68 -2 .47 MF • • • • . . . . .  . . . 7 6.02 6.72 14 5.91
4418.34 -2 .46 MF • • • . . .  . . . 17 6.51 • . • 21 6.15

61 4391.04 -2 .75 MF • . • . . .  . . . 11 6.56 • . • 13 6.16
4395.83 -2 .17 MF 23 6.73 14 5.71 . . . 26 6.49 23 5.93
4398.27 -2 .12 KX 7 5.29 . . . 7 5.68 • . • • • .
4409.22 -2 .29 KX . . .  . . . 5 5.70 • • • 8 5.42
4409.52 -1 .84 KX 18 6.24 8 5.10 . . . 8 5.50 6.20 14 5.29
4411.94 -2 .47 KX . . .  . . . 11 6.27 7 5.57

93 4350.83 -1 .40  
4374.82 -1 .29

MF
MF

17
60

6.24
7.12

. . . ............... 11 5.70
6.51

22 5.68

94 4316.81 -1 .42 MF 20 6.28 . . .  . . . 17 5.89 • . • 20 5.55
4330.24 -1.51 MF • . . . » . 4 4.97 . . . 15 5.97 , , . 19 5.69
4421.95 -1 .77 MF 16 5.75

104 4367.66 -1 .27 MF 37 6.81 15 5.59 . . . 33 6.46 • . . 31 6.01
4386.86 -1 .26 MF 37 6.79 12 5.45 . . . 30 6.37 • . • 28 5.92

115 4411.08 -1 .06 MF 39 6.87 9 5.38 . . . 31 6.44 • • • 25 5.89
Crl

1 4274.80 -0 .23  
4289.72 -0 .36

MF
MF

............... 6 6.58 12
10

6.16
6.20

Cr II
31 4269.28 -2 .17 KX • » ♦ . . • 20 6.34 . . . 22 6.57 17 6.23

4275.57 -1.71 KX 6.50 26 6.08 . . . 42 6.67 • p » 34 6.31
4284.21 -1 .86 KX • • • 25 6.18 . . . 35 6.62 • • • 24 6.16

179 4362.93 -1.89 KX ............... 7 6.52 • • • • .
192 4268.96 -1 .57 KX • • • • • • • • . . . 6 6.50 • • • • • • . •

Mnl
22 4451.58 +0.28 MF 19 6.93
28 4457.04 -0.56 MF 10 7.52

Mn II
4267.85 -1 .98  
4275.87 -1 .92  
4278.61 -2.51

KX
KX
KX 22 7.55

11

15

7.56

7.09
13 7.64 . . .

4281.94 -2 .55 KX 25 7.67 18 7.25 . . . 42 8.07 . . . • • • • .
4282.47 -1.68 KX 60 7.77 29 6.83 . . . • • • . • • . . . . . . 13 6.27
4283.77 -2 .20 KX 47 7.88 22 7.05 . . . 57 8.19 • • • • • • • .
4284.43 -2.26 KX 43 7.84 15 6.85 . . . 45 7.87 • • • 7 6.44
4288.07 -2 .76 KX 43 8.33 7 6.92 . . . 24 7.75 27 8.12 • • • • .
4289.60 -3.31 KX 16 8.29
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T ab le  C .2 :—continued.

Mult. A (X) log <7/ Ref. 87 Psc HR1800 HR6997 HR7143 HR7361 HR7775
Wx log N Wx log N Wx log N Wx log N Wx log N Wx log N

Mnll (continued) 
4308.16 -1 .72 KX 17 6.42 47 7.72 56 7.71 54 8.05
4317.71 -1 .92 KX 12 7.31 8 6.93 • • • • • 22 7.61 26 7.94 • • •

4318.52 -2 .52 KX 9 7.08 • • • • • • • • • • 21 7.45 24 7.81 • • •

4325.03 -2 .30 KX 31 7.63 12 6.81 • • • • • 39 7.80 40 8.14 • .  •

4326.63 -1 .25 KX 81 7.95 52 7.23 72 7.98 98 8.50 91 8.71 14 5.91
4343.98 -1 .10 KX 55 7.86 37 7.38 47 7.65 85 8.84 88 8.97 • . •

4345.59 -2 .16 KX 21 7.53 14 7.12 . • • • • 29 7.76 26 7.77
4346.41 -1 .54 KX • • . . . • • • 25 7.49 27 7.65 • • •

4348.39 -1 .50 KX 33 7.04 23 6.62 44 7.55 59 7.88 58 8.15 • • •

4356.62 -2 .03 KX 23 7.15 16 6.72 • • • • • 42 7.62 38 7.80 • ,  •

4363.25 -1.91 KX 28 7.22 14 6.57 25 7.40 39 7.46 42 7.89 • • .

4365.22 -1 .35 KX 27 7.09 15 6.56 33 7.48 40 7.42 41 7.74 • . •

4377.74 -2 .14 KX 20 7.15 15 6.77 22 7.49 32 7.41 26 7.51 • . .

4379.61 -1 .85 KX 25 7.00 22 6.73 23 7.22 42 7.41 38 7.62 • • •

4385.75 -3 .03 KX 12 7.87 • • •

4391.96 -2 .89 KX 8 7.55 • • •

4393.38 -2 .32 KX 16 7.21 5 6.37 36 8.05 25 7.39 27 7.73 • • •

4403.50 -1 .80 KX 15 7.15 11 6.81 . • • • • 24 7.38 32 7.88 • • •

4434.07 -1 .51 KX • • • • • 31 7.59 • • • • • • • • • • 17 6.82
4441.99 -2 .36 KX 20 7.53 • • •

4459.58 -3 .75 KX 7 8.63 • • •

4478.64 -0 .95 KX • • • « . • • • 45 7.42 • • • .  • 51 7.74 • • •

Fel
41 4383.54 +0.20 MF 27 7.24 11 7.10 11 8.01 47 7.73

4404.75 -0 .14 MF 12 7.08 • • • 6 7.20 18 8.68 38 7.79
4415.12 -0 .62 MF 19 7.69

42 4271.76 -0 .16 MF • • . 12 7.06 4 6.95 • • • 35 7.67
4307.90 -0 .07 MF 40 7.98 • • • 57 8.89 • .  1 • • • • •

4325.76 -0.01 MF • .  • 17 7.22 • • • 5 7.06 • • , 35 7.66
152 4260.47 -0 .02 MF » • • 17 7.62 • • . • • • • « • • # 32 7.55

4271.16 -0 .35 MF • • • 7 7.46 • • • 4 7.57 • '  » 17 7.80
4299.24 -0.81 C2 11 7.99

482 4267.83 -1.11 MF • • • 11 8.83
Fell

27 4273.32 -3 .34 MF .  . • • • 20 7.44 • • • 11 7.22 • • • • • 23 7.56
4303.17 -2 .49 MF 35 7.22 36 7.11 48 7.84 37 7.21 71 8.67 48 7.53
4351.76 -2 .10 MF 22 6.57 40 6.97 39 7.27 38 6.95 50 7.61 45 7.19
4385.38 -2 .57 MF 16 6.82 36 7.23 39 7.73 30 7.13 52 8.12 44 7.51
4416.82 -2 .60 MF 35 7.23 56 8.18 31 7.19 37 7.63 42 7.47

28 4296.57 -3.01 MF 11 7.02 27 7.35 37 8.09 18 7.17 31 7.82 37 7.68
4369.40 -3 .67 MF 6 7.15 5 7.23 18 7.77
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A p p e n d i x  C

Table C.2:—continued.

Mult. A (A) log gf Ref. 87 Psc HR1800 HR6997 HR7143 HR7361 HR7775
Wx log N Wx log N Wx log AT Wx log N Wx log N Wx log N

Fell
32

(continued) 
4278.13 -3 .82 KX 10 7.50 6 7.53 18 7.86
4314.29 -3 .48 KX ............ 17 7.47 • • . 20 7.71 33 8.35 20 7.60
4384.33 -3 .50 MF ............. 14 7.36 • • • 7 7.16 • • • « • 23 7.70
4413.60 -3 .87 MF 6 7.31

37 4489.18 -2 .97 MF 31 7.84 • • .
4491.40 -2 .70 MF ............. 24 7.52 • • • • • • • • • • •

38 4508.28 -2.21 MF ............. • • • 27 7.11 • • • . . • .
201 4444.56 -2 .54 KX 17 8.38
213 4354.36 -1 .40 KX ............. 6 7.37 • • • • • • 17 7.98 11 7.78
220 4321.34 -1 .83 KX 8 8.07

— 4263.90 -1.71 KX ............ 12 7.98
4286.28 -1 .62 KX ............ 7 7.61 • • i • » • 13 8.03 10 7.86
4357.58 -2.11 KX ............ 10 7.55 • • • 8 7.48 19 8.07 14 7.81
4361.25 -2.11 KX ............ • • ♦ • . • • • • 5 8.25 • • • • • . 10 7.62
4402.88 -2 .72 KX 22 8.79 11 8.25
4451.54 -1 .84 KX 19 7.72
4455.26 -2 .14 KX ............ » • • • • • 26 8.46 • . • • • • 18 8.11 14 7.86

Felll
4 4395.76 -2 .60 KX 9 7.76

4419.59 -2 .22 KX 25 8.18 t • •
Y I I  

5 4309.62 -0 .75 HL 51 5.39 27 4.89 12 5.01 43 4.86
4358.73 -1 .32 HL ............ 5 3.95 , , . 11 4.86 • • . 28 4.82
4398.01 -1 .00 HL ............ 32 5.55 • • • . . • 23 4.99 • • • • • • 32 4.63
4422.59 -1 .27 HL 4 4.93 30 4.81

13 4374.95 +0.16 HL 60 5.30 81 5.40 24 4.71 77 5.08
70 4279.21 -0 .49 PN ............ 18 5.87 • • • • • • 3 5.35 • • • • • . 7 5.18

Pt II

4288.40 -1 .57 DS 16 6.09
Eg I 

1 4358.34 -0 .47 WM 11 6.33 9 6.07

Notes for Table C.2: See notes for table C.l.
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