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A b str a c t

Fifteen Vega-like stars have been studied with the aid of optical, infrared and millimetre 

wave data. In many cases, the optical characteristics of these Vega-like stars have been 

studied for the very first time. A ttempts have been made to determine their effective 

tem peratures, surface gravities, photospheric abundances and the ages of the later type 

stars through a lithium abundance analysis. Four of the stars have had their spectral 

types reclassified. Mg and Si under abundances have been found in the photosphere of 

one star, and a Si depletion in one other. Two of the later type stars in the sample have 

been found to be young enough to be classed as T Tauri stars. The sample’s emission 

line characteristics have been analysed and evidence for circumstellar gas sought through 

analysis of narrow absorption lines superimposed on the photospheric C a l l  K, Na I D 

and Fe II fines. The emission-fine activity of several of the stars are seen to exhibit similar 

characteristics to their respective pre-main sequence counterparts (the Herbig Ae/Be and 

T Tauri stars). Circumstellar gas has been detected towards two stars, HD 144432 and 

51 Oph. The two primary components of the HD 35187 system have been spectrally 

resolved for the first time. Analysis of the two show that HD 35187B is surrounded by 

a disk of circumstellar dust, whilst the other composnent is not. Both stars are still 

pre-main sequence objects, although very close to the zero-age main sequence, aged ~10 

million years.

Optically thick radiative transfer modelling has been undertaken, and spherical vs. 

non-spherical geometries have been explored. It is found that the majority of the Vega- 

like stars in this sample cannot be associated with spherical envelopes, but instead are 

likely to be surrounded by disks or toroids of dust. The spectral energy distribution 

of HD 144432 has been modelled in its entirety for the first time using a single density 

distribution. It has been found tha t a population of mm-sized grains is required to account 

for the sub-mm and mm fluxes observed in this system, and in the HD 142666 system.

The near-IR excesses observed in some Vega-like stars are compared to those of the 

pre-main sequence HAeBe stars, and their evolutionary status discussed. It is shown 

that there is a definite trend in the near-IR excesses found for the Herbig Ae/Be stars 

to the Vega-likes, strongly suggesting that the two groups are related. The ages and 

spectral characteristics of some of the Vega-like stars would lead to them being classed as 

Herbig Ae stars were it not for the fact that they are field stars, generally quite far from 

known star-forming regions.
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Chapter 1

Introduction

The formation of solar and planetary systems is an area of research that is difficult to 

investigate. Until relatively recently, the only example of a planetary system available for 

study was our own Solar System. The new discoveries of extra-solar planets (e.g. Mayor 

& Queloz 1995, Marcy & Butler 1996) have provided several more examples, each with 

their own unique qualities, which theorists will have to successfully incorporate into their 

current hypotheses of planetary formation.

Of course, planets themselves are only the end-point of the formation process. Initially, 

there must be sufficient material in the circumstellar environment of the parent star for 

the planets to form. These materials are the ‘left-overs’ from the formation of the star 

itself, gas and dust that has been left behind in the circumstellar environment, and which 

can nowadays be detected with optical, infrared and longer wavelength observations. It is 

this circumstellar material, as well as the stars themselves, which is the main concern of 

this thesis.

The remainder of this introduction will familiarise the reader with the systems to be 

studied and outline the motivation for carrying out this work.

1.1 Stellar Spectra, their Observation, Interpretation and 

Analysis

Joseph von Fraunhofer was one of the first to undertake real quantitative spectroscopy 

in the early 1800’s. He saw nearly 600 lines in the solar spectrum by using a slit and a 

theodolite to produce a beam of sunlight which he then allowed to fall onto a prism. By 

1823 he had mapped over 300 of these, and assigned labels to the most prominent, using

14



capital letters of the alphabet. To this day they are known as the “Fraunhofer lines” , 

the most well known being the lines of sodium D and calcium K & H, all of which are 

discussed in later chapters of this thesis.

Various scientists contributed greatly to the advancement and deeper understanding 

of spectroscopy and stellar spectra. Huggins in particular was amongst the first to ap

ply the techniques of spectroscopy to astronomy, observing stars, planetary nebulae and 

comets. Since his time, many discoveries have been made, essential to our understanding 

of the Universe. W ithout spectroscopy, the science of astronomy would have taken a very 

different course.

1 .1 .1  P r in c ip le s  o f  O p tica l S p e c tr o sc o p y

Modern optical spectroscopy is very much more advanced than that in the days of Fraun

hofer and Huggins, although the physical principles remain the same. All of the data  in 

the first half of this thesis was taken using échelle spectrographs so it seems appropriate 

to take a little time to explain the principles behind these instruments.

1.1.1.1 T he Spectrograph

Figure 1.1 shows the principal components to be found in a typical spectrograph. Each 

component seen here plays an im portant role in producing the final spectrum tha t as

tronomers may reduce and analyse for their research purposes.

The entrance slit of the spectrograph acts to reduce the background noise and to limit 

the overlap between adjacent wavelengths, and the collimator produces a parallel beam of 

light. The diffraction grating is the most im portant component to the spectrograph and 

will be discussed in more detail shortly. The focuser acts to focus the spectrum onto the 

detector which reads out the data obtained from the source into a device which can be 

accessed by the astronomer.

1.1 .1 .2  T he Diffraction Grating

Arguably the most im portant component of the spectrograph is the diffraction grating. 

There are two types of grating for which the principles are the same - the transmission 

grating and the reflection grating. Most of the gratings used for astronomical purposes 

are reflection gratings, and it is this type which we shall use to to visualise the principles 

behind them.

15



Collimator

Diffraction
grating

Entrance slit

Cross-
dispersor

Focuser Detector

Figure 1.1: Components found in a typical spectrograph.

In most practical circumstances, the light falling on the grating is inchned at an angle 

0 to the normal of the plane of the apertures (Figure 1.2). We can see that the total path 

difference between light beams after diffraction is

/' + /" = / = d sin 9 d sin 9'

where I' and I" are the path differences of the incoming and outgoing light between 

two light beams diffracted from adjacent apertures, d is the distance between the adjacent 

apertures, and 9 and 9' are the angles of the incoming and outgoing light with respect to 

the the normal of the grating.

For constructive interference to occur there must be a path difference of an integer 

number of wavelengths and so

/ — mX — d sin 9 + d sin 9' ( 1 .1 )

where m  is the order of interference and A is the wavelength being observed. Rearrang

ing this leads directly to a form of the grating equation which teUs us the angle between 

successive maxima at wavelength (A):

.  . - I  f  mX
9 = sin i —  sin 1 .2 )

16



Incoming lieht

Outgoing light

Gratins normal

Figure 1.2: Diffraction of incoming light inclined at an angle 9 to the normal of the grating 

plane.

D ispersion  and  S pectra l R eso lu tion

When light is diffracted it is dispersed by an amount dependent on the order of the 

light being used. The dispersion is defined as the rate of change of wavelength with angular 

position. Differentiating Equation 1.1 and asssuming 9 is constant,

d cos 9'ca
m (1.3)

This equation tells us that for small angles (near the grating normal) when cos 9 % 1, 

the dispersion is almost constant and gives a nearly hnear wavelength scale. The dispersion 

varies with order though, and the spread of wavelengths is proportional to the order used. 

The angular Rayleigh resolution is given by

A
A9 =

N d cos 9'
1.4)

where N is the number of apertures in the grating. Combining Equations 1.4 and 1.3, 

we obtain

ÂÂ
= m N 1.5'

This defines the spectral resolution, R, of the grating. It can be seen that the resolution 

depends only on the order of the spectrum and the total number of apertures (grooves)



in the grating. Therefore a low order observation made with a fine grating would give the 

same resolution as a high order observation made with a coarse grating.

Free Spectral Range

From Eqn 1.2 we can see that longer wavelengths will be diffracted through larger 

angles and there wiU come a point where wavelengths in one order wiU overlap with

those of another. The free spectral range is the difference in wavelength between two

superimposed wavelengths from adjacent orders. So, if we have two adjacent orders for 

wavelengths Ai and A2 such that

dsin^j = mAi

ds in ^ 2  =  ( m  +  1) A2

then the two wavelengths wiU superimpose when =  ^2? i-G.

mAi =  (m +  1) A2

and therefore

AAp5fl =  Ai -  A2 =  ÿ  (1.6)

It can be seen that for high spectral orders, the free spectral range can become very 

small, and the separate orders overlap severely. This is especially found in échelle gratings, 

now discussed.

B lazed and Echelle Gratings

In a plane grating, the maximum intensity of light is concentrated into the zero order; 

because of this gratings are generally blazed, which means tha t the reflecting mirrors are 

tilted to concentrate a larger portion of the light into diffraction at a particular angle, 

corresponding to the order of interest. To work at higher orders, as with échelle gratings, 

the blaze angle has to be greatly increased (Figure 1.3).

Equation 1.5 tells us that the spectral resolution can be increased by working at higher 

orders, and this is precisely what échelle gratings allow us to do. However, from Equation 

1.6, the Free Spectral Range becomes very small at high orders, causing the orders to 

overlap almost completely. A second dispersing element is then required in any échelle 

spectrograph to separate out the orders (Figure 1.4). Such an element is called a cross- 

disperser, and can be either a grating, or a prism. The cross-disperser can have a much
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Individual mirrors
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Diffracted light

Individual mirrors

Figure 1.3: Blazed diffraction gratings for a) a typical grating and b) an échelle g rat

ing. Note the far higher inclination of the échelle mirrors than the typical grating when 

measured from the plane of the grating.
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Figure 1.4: The echelle grating and a cross disperser acting to reflect and separate out the 

orders of the spectum. Adapted from Kitchin, 1995.

lower dispersion than the echelle, and acts to separate the orders perpendicular to the 

dispersion of the echelle grating.

The data for Part I of this thesis were taken mainly with the UCL échelle spectrograph 

(UCLES) of the 3.9m Anglo-Australian Telescope. The 31.6gm m “  ̂ échelle was used 

with varying slit widths of between 1 and 1.5 arcsecs, resulting in a resolving power of 

[R = A/AA)~44000. Additional data were obtained by Dr Fransisco Diego (UCL) at the 

Observatorio Astronomico Nacional (OAN), San Pedro M artir, Mexico, using their 2.1m 

telescope. The ROESC échelle spectrograph was used during its commisioning run, with 

a slit width of 2 arcsec, and giving a resolving power of ~15 000. Further details of the 

observations will be given in Chapter 2.

1 .1 .2  S p e c t r a l  C la ss if ic a tio n

It was Angelo Secchi in 1863 whose different approach to spectroscopy led to his classifying 

stars according to their spectral appearence. Although his system was crude by today's 

standards, his work was built upon by several people over the years until eventually the 

Henry Draper catalogue was produced, containing details of more than 400,000 stars. 

Rather than start afresh with a new classification system, the catalogue adapted old ones.
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shuffling some around and eliminating others, resulting in the familiar order 0-B-A-F-G- 

K-M, the hottest stars being 0 , the coolest AI. This remarkable work by Annie J. Cannon 

and her colleagues from 1910-1924 is the basis of the Harvard spectral classification system, 

and is stiU in use today. Morgan, Keenan and Kellman utilised and built on this work 

(Morgan, Keenan and KeUman 1943) which was subsequently revised in 1953 (Johnson 

and Morgan, 1953) and in 1973 (Morgan and Keenan 1973; referred to as the "Revised 

MK”). Traditionally, spectral classification has been attempted in the blue region of the 

optical spectrum, quite possibly because of the sensitivity of the first detectors used, such 

as photographic emulsions, but also because of the wealth of lines available for study in 

this area. More recently the classification system has been extended to include other 

wavelengths (e.g Abt et al. 1968, see also Torres-Dogden & Weaver 1993). The MK 

classification system takes account of the blue-region spectral features and utilises an atlas 

of standard stars with which to compare the programme stars. Certain spectral features, 

lines and bands (spectral criteria) are used which are particulary sensitive to tem perature 

and luminosity class, and act as guidelines in the process of spectral classification. As an 

example, references to the more commonly used spectral criteria can be found in Jaschek 

& Jaschek (1990).

Although the MK classification system is based on more than just the estimation of a 

few lines, using the entire blue region of the optical spectrum to compare with standard 

stars, a few lines and blends have been identified that are particularly useful in determining 

spectral class. Gray and Garrison (1987, 1989a, 1989b) and references therein quote: the 

strength of the Ca ll K line; the strength of several metallic lines and blends (which 

are particularly prominent in the visible region of spectra); and the hydrogen lines as the 

main criteria for classifying A- to F- type stars. For G-type stars the spectra become more 

complicated. Hydrogen is weak, metallic lines are numerous and bands of CN and CH  ̂

become visible. The Ca I line at A4226 becomes temperature sensitive and can be used in 

ratio with other lines. Once the K-type stars are reached, molecular bands of CH become 

apparent with TiO seen in K5 and later type stars which can be used as excellent indicators 

of temperature. The same is valid for M-type stars, where bands of VO are also seen. For 

some spectral types, changes in line strengths due to luminosity differences can be subtle. 

Because of this, line ratios are generally used for luminosity classification. Very few of the 

Vega-like stars in this thesis had up-to-date temperature and luminosity classifications. 

Accurate stellar parameters are vital inputs for modelling stellar photospheres and spectral
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energy distributions. It is for this reason tha t spectral classifications were attem pted for 

the sample of Vega-like stars studied in this work (Chapter 2).

1 .1 .3  S p e c tr a l S y n th esis

The formation of a model photosphere is essential if we are to extract as much information 

as possible from the stellar spectra we observe. There are many physical variables associ

ated with models of steUar photospheres and as with most models, the results produced 

are only as good as the data used to generate the model. Probably the best known set of 

model atmospheres are those of Kurucz (e.g. Kurucz 1995) and even he says “I also do 

not trust what I compute” (Kurucz 1996). However, these models are our best hope of 

getting near to understanding what happens in a star, and it is the Kurucz models that 

lie at the heart of the spectrum synthesis package used in Part I of this thesis.

Spectral lines show differences in shape and strength acording to the physical conditions 

in the s ta r’s atmosphere. Whilst it is still not possible to disentangle the contribution to 

a line of variables such as temperature, pressure and turbulence, it is possible to produce 

some constraints on these physical parameters. Spectrum synthesis models are also used 

for abundance analysis, and such an analysis has been attem pted in Chapter 3 for some 

of the stars in this Vega-hke sample.

1.2 M ain-sequence stars

Our own Sun is a main sequence star, acquiring its energy from the conversion of hydrogen 

to hehum via the proton-proton chain. A star generally spends 80-90% of its hfetime on 

the main sequence. From the time it joins the main sequence (a point in its evolution 

known as the ‘Zero-Age Main Sequence’ or ‘ZAMS’) it starts to convert its hydrogen into 

helium by thermonuclear reactions. Gradually, aU the hydrogen in the core is used up, the 

core is almost totally composed of hehum, and once hydrogen shell burning commences, 

the star is evolving off the main sequence.

The more massive the star, the faster it uses up its fuel, and the shorter its hfetime 

becomes. This has direct consequences on the circumsteUar environment of the star -  the 

shorter the hfetime of the star, the less time there is available for the agglomeration of 

grains to form planetesimals and for planetary systems to form.

The discovery of the "Vega-like’ phenomenon where substantial quantities of dust were 

found around otherwise normal main sequence stars was therefore very im portant. The
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characterisation of the dust around these stars will help in the pursuit to find the 'general 

theory of planetary formation’.

1 .2 .1  V ega-lik e  stars

As the name suggests, Vega-like’ stars are named after the main sequence AOV star 

Vega (a  Lyr). Vega had long been used as a photometric standard star and was used as a 

reference star during the IR A S  (Infrared Astronomical Satellite) mission in 1983. However, 

during cafibration scans in the early part of the mission, excess infrared flux was detected 

from Vega in three of the /TZAS" bands, centred at 25, 60 and 100 microns. A study of the 

excesses by Aumann et al. (1984) showed tha t the spectral energy distribution (SED) of 

the emission could be very well reproduced by an 85K blackbody. Their conclusion was 

tha t the emission was most likely caused by dust grains (~ lm m  radius) in the circumstellar 

environment left over from the formation of Vega itself.

Immediately after the Vega-excess discovery, three other stars were also found to ex

hibit excess infrared emission -  a  PsA, e Eri and (3 Pic (GiUett 1986). The SED’s of 

these stars show qualitative similarities, apart from (3 Pic which also has a significant 

12/im flux indicative of hotter dust being present. These became known as the Vega- 

likes’ and together with Vega, these four stars are considered to be the prototypes of the 

phenomenon.

1.2.1.1 T he search for Vega-like stars

W hat characteristics define a Vega-like star? Obviously a far-infrared excess attributable 

to dust emission is the best place to start. Vega-like stars should at least have a 60 micron 

excess, and generally most stars classified as Vega-like have a significant 25 micron and, 

less often, a 12 micron excess also.

Aumann (1985) completed a survey of the Point Source Catalog (PSC) of stars

within 25pc of the Sun, searching for Vega-like stars with a 60 micron excess such tha t 

[12]-[60]>1 (where [12] and [60] are the colour magnitudes at the 12 and 60//m IRAS bands 

respectively). He found a total of 12 stars that fitted in with the criteria laid down in 

tha t paper, four of which were the prototypes discussed earlier. There was a complete 

absence of binary systems in his Vega-like group and a predominance of A-type stars. 

Sadakane and Nishida (1986) compiled a list of a further 12 Vega-like stars using the same 

criteria of Aumann (1985). They also excluded emission-line stars in their catalogue. They
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too had a majority of A-type stars in their sample, just as Aumann had, but state tha t 

“the apparent predominance of early A-type stars may be a result of selection effects” . 

Sadakane & Nishida, unhke Aumann, also found binary stars in their sample, noting that 

the frequency of multiple stars in their Vega-hke hst is the same as that found in nearby 

stars. So, there appears to be no correlation between the frequency of multiple stars and 

the Vega-hke phenomenon.

Coté (1987) took a different approach, searching only for B- and A-type stars with 

visual magnitudes brighter than 6.5 (i.e. stars from the Bright Star Catalogue, Hoffleit 

Sz Jaschek 1982). Coté hmited the survey only to the more prominent cases of excess at 

12 and 25 microns - the 60/xm fluxes were not considered in the criteria, although she did 

tabulate their values so a comparison of some can be made. Coté excluded ah emission 

hne stars from the sample, as weh as double stars, sheU stars and those with uncertain 

spectral type or luminosity class. She produced a hst of 17 stars where the infrared excess 

could be attributed to circumstehar dust emission of temperatures between 60 and 290K. 

Of these, six were in the Vega-hke hst of Aumann (1985) and of the remaining eleven, 

seven had measurements at 60/xm, five of which satisfied Aumann's Vega-hke criterion of 

[12]-[60]>1. It is interesting to note that those stars satisfying these criteria have values 

of [12]-[60] very similar to, or lower than, those of the prototypes.

Walker & Wolstencroft (1988) used yet another set of criteria for inclusion in the grow

ing hst of Vega-hke stars. Their main criterion required the stars to have a 60/um/100/^m 

ratio similar to the prototypes, but they should also have evidence for extended emission 

in at least one band. They spht their hst into three sections; the “Prototypes” (the four 

original stars associated with the Vega-hke phenomenon), “Section A” stars and “Section 

B” stars. Stars were relegated to Section B if they were emission-hne stars or stars with 

evidence of mass-loss. They had nine stars in Section A and nine in Section B, 16 of which 

happened to meet Aumann's criterion that [12]-[60]>1. In contrast to the [12]-[60] values 

of Coté (1987), those in the hst of Walker & Wolstencroft were either similar to, or much 

higher than those of the prototypes.

From these four surveys, three have either excluded or ‘downgraded’ emission-hne stars 

from true ‘Vega-hkes’. This is a relevant point for the stars in this study, as wiU become 

clear in later chapters. Although only two surveys exphcitly use the criterion that [12]- 

[60] >1 (Aumann 1985, Sadakane k  Nishida 1986), almost ah of the stars in the remaining 

lists meet this requirement
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1.2.1.2 A ges o f the Vega-like stars and characteristics o f their environm ent

Back man &: Pares ce (1993) quoted the ages of Vega and a  PsA to be 4x10® and 2x10® 

years respectively. This places Vega near the end of its main sequence lifetime, implying 

th a t the Vega-like phenomenon is not restricted to younger stars which are about to 

enter, or have just entered, the ZAMS. This is surprising since the grain survival times 

in such environments have been calculated to be far shorter than the ages of these stars 

(Backman & Paresce 1993), implying that some process constantly replenishes the dust in 

these Vega-like systems,

l3 Pic by contrast is slightly above the ZAMS, with varying estimates of age. Lanz, 

Heap & Hubeny (1995) quote an age of 12 x 10® years for (3 Pic, but note that an age 

of >3Gyr is also possible. Brunini k  Benvenuto (1996) opt for an older age for the 

system, > 10® years, whilst Paresce (1991) suggests that an age < 2 x 10® years is most 

probable. Its optical and ultraviolet spectrum show unambiguous evidence of transient 

spectroscopic events. One explanation of these events could also provide a solution for 

the dust-replenishing process of the more evolved Vega-like stars. Beust et al. (1990, 

1991) attribute these events to infalling asteroids or comets in the observer’s line-of-sight, 

sublimating and evaporating as they approach the central star. The break-up of these 

comets, through collisions or otherwise, may be one process by which dust in a system 

such as Vega’s may be replenished.

The dust grains in the circumsteUar environment are unlikely to be of a single type, or 

of a single radius, or distributed evenly throughout its disk or envelope. This means that 

an accurate representation of the circumsteUar environment of Vega-Uke stars is some way 

off, but more sophisticated models are providing us with an ever more detailed picture of 

what may be happening in these systems.

SiUcate dust has been detected in several Vega-Uke stars. Telesco & Knacke (1991) 

deduced the presence of a 9.7//m siUcate feature in the spectrum of/) Pic from narrow-band 

lOfim photometry, estimated to be produced by grains ~10//m in size. A broad siUcate 

feature at the same wavelength was also found in the spectrum of the K5V star HD 98800 

(Skinner, Barlow k  Justtanont 1992) with their model requiring significant populations of 

both small (~0.01/im) and large (~100/.^m) grains to explain aU of the observed properties 

of the system. The observational database of Vega-Uke stars compiled by Sylvester et al. 

(1996) show that UIR (unidentified infrared) bands as well as siUcate features are also 

prominent in some Vega-like stars. Their mm/sub-mm photometry indicates that many
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of the systems they observed have grains far larger than those found in the interstellar 

medium (ISM), which has implications for past and present grain growth within the disks.

The fractional excess luminosity (the ratio of the to tal energy radiated by the dust 

in the infrared to the stellar luminosity), L ir/L*, gives an indication of the optical depth 

of the disk material. Optically thin emission gives an Lir/L* equal to the fraction of 

the sky occupied by the disk as seen by the star. For a flat disk the maximum value 

it can reach is 0.25 and for a flared disk (where the thickness of the disk increases with 

distance from the star) values can reach '^0.5 (Kenyon & H artmann 1987). The actual 

values of L jr/L* for Vega-like stars can vary considerably. The prototypes have very small 

fractional luminosities ( ^ 10“  ̂ -  10~^) indicating very optically thin material, but some 

Vega-likes can have Lir/L* in excess of the flat-disk limit of 0.25 (Sylvester et al 1996). 

Since the excesses are thought to arise from disks, such large LiR/L* values are thought to 

arise from optically thick disk material. Almost aU of the Vega-like stars studied in this 

work have high Lir/L^* values. The radiative transfer code used in Part II of this thesis 

deals speciflcaUy with optically thick material, appropriate for many of the stars chosen 

here.

1.3 Pre-main sequence stars

Stars which have yet to evolve onto the main sequence are known as pre-main sequence 

stars. They are in hydrostatic equilibrium and should stiU have significant quantities of 

material in their circumsteUar environment left-over after its contraction from the parent 

intersteUar cloud of gas and dust. A pre-main sequence star should have a lower surface 

tem perature than when it finaUy reaches the main sequence, but wiU have a larger radius 

and hence a higher luminosity also (PaUa &: Stabler 1993).

The next sections wiU introduce two classes of pre-main sequence stars; the Herbig 

A e/Be stars (M* > 2M©) and their lower mass counterparts, the T Tauri stars. Both 

classes of stars, as we shall see in later chapters, may be related to the Vega-like main 

sequence stars.

1 .3 .1  H erb ig  A e /B e  stars

As their name suggests, it was Herbig (1960) who first identified 26 stars as belonging to a 

group of intermediate mass, pre-main sequence stars. His definition of the Herbig Ae/Be 

stars (HAeBe’s), as they have become known, was:
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• they have a spectral type earlier than FO (to ensure that the star would be an A or 

B-type star when it settled on the main sequence, as opposed to the T Tauri stars 

described in Section 1.3.2),

• they should have strong emission lines in their spectra, particularly those of the 

Baimer series (to be confident of spectroscopic similarities with T Tauri stars),

• they should be located, on the sky at least, within the boundaries of a molecular 

cloud (to maximise the chance of selecting stars still in close proximity to their 

birthplace)

• the star must illuminate a reflection nebula (to be sure that the star is physically 

associated with its dark cloud).

This definition was subsequently revised over 20 years later by Bastien et al. (1983) 

who proposed that the working definition of a HAeBe star should be

• “stellar objects, earlier than FO, associated with a region of obscuration and a re

flection nebula; in their spectrum they exhibit emission lines of the Baimer series of 

hydrogen” .

The pre-main sequence nature of some of Herbig’s original list was confirmed by Strom 

et al. (1972), who showed that their surface gravities were appropriate for stars yet to 

reach the main sequence.

The number of HAeBe stars was increased somewhat by FinkenzeUar & Mundt (1984), 

who studied 57 stars, and now there are over 100 stars classified as HAeBe’s or potential 

candidates for the class (Thé, de W inter and Pérez 1994).

1.3.1.1 C haracteristics o f H erbig A e /B e  stars

The optical line profiles of the HAeBe stars, particularly those of Ha, can be quite spec

tacular. Remarkable variability on a timescale of hours to days or longer (e.g. Pogodin 

1994) is found in the lines of Ha, Na I D and He i A5876, to name but a few. The forma

tion of these lines is stiU in dispute, the two main theories being formation of the lines in 

an expanding chromosphere (e.g. Bohm & Catala 1995) or in a star-disk accretion disk 

boundary layer (e.g. Hamann h  Persson 1992).

The mid-infrared spectra of a few HAeBe stars show the 9.7/fm silicate feature observed 

in Vega-like stars (e.g. Berrilli et al. 1992, Banner, Brooke h  Tokunaga 1994) and IR A S
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observations show that the excess IR emission extends out to lOÔ um in many cases. There 

is little doubt that the extensive emission observed is caused by dust in the circumsteUar 

environment of the stars, but there is much debate as to the configuration the dust takes 

around the star. In a well-cited paper, HiUenbrand et al. (1992) analysed the spectral 

energy distributions of 47 HAeBe stars, placing them into three distinct groups. The 

"Group I” stars included 30 of their sample, characterised by large infrared excess with 

slopes AFa ~  For this group of stars, their SED’s could be fit weU by assuming

tha t the emission arises from an opticaUy thick, geometricaUy flat accretion disk. Their 

"Group 11” objects included 11 stars with either a flat or rising infrared spectrum. They 

interpreted these objects as having both a disk and an envelope. Their “Group III” objects 

had only modest IR excesses and are believed to lack a disk geometry.

Others have come to dispute HiUenbrand et al’s interpretation of their Group I SED's. 

For example, Hartmann, Kenyon k  Calvet (1993) conclude that most HAeBe stars can 

be explained very weU by envelopes alone, without the need to invoke the presence of a 

disk. Miroshnichenko, Ivezic & EUtzur (1997) also come to the same conclusion for their 

sample of eight HAeBe stars.

Although the problem of the dust distribution in all the systems is far from being 

resolved, some advances are being made for some individual sources. Mannings Sargent 

(1997, submitted to ApJ) observe velocity distributions in the material around AB Aur 

and HD 163296 which are highly suggestive of disk configurations. N atta et al. (1993) 

used KAO observations to resolve HAeBe envelopes at 50 and lOO^m, but were unable to 

explain how such extended structures alone could be responsible for the large excesses - 

there had to be the presence of either a disk or some accretion process occuring as weU.

However the dust is distributed, there must be significant quantities of material avail

able in the circumsteUar environment of these stars to reprocess the starUght into the 

infrared excesses we observe. The fractional IR luminosities of HAeBe sources are typi- 

caUy much higher than found for classical Vega-like stars (e.g. see Sylvester et al. 1996, 

table 17, adapted and enlarged from HiUenbrand et al. 1992), but as we shaU see in later 

chapters, the “Vega-like” stars studied in this thesis have very similar values of Lir /L ,  to 

these HAeBe sources - a link between the two, perhaps?
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1 .3 .2  T  T auri stars

III the 1940’s, Joy found a number of stars with late spectral type exhibiting "emission 

lines resembling the solar chromosphere” . These objects also showed light variations and 

were associated with nebulae (Joy 1945). He named this class of star after the brightest 

member, T Tauri. Their pre-main sequence nature is now not disputed after having been 

confirmed by several methods (Herbig 1962, Herbig 1977, Jones & Herbig 1979, Cohen & 

Kuhi 1979) and a large amount of work has been carried out on these young stars since 

then (see Bertout 1989 and Hartmann 1990 for reviews on the work on T Tauri stars).

Classical T Tauri stars were originally defined by the criteria of Herbig (1962), who 

noted that a) hydrogen Baimer lines and Ca ll H & K lines are in emission; b) anomalous 

emission in Fe I AA 4063, 4132 is often observed; c) forbidden lines of [0 l] and [S ll] are 

observed in many stars of this type; and d) Li I A 6708 absorption line is very strong. Due 

to the variability of T Tauri stars, Bastien et al. (1983) suggested that these criteria may 

not be fulfilled by the stars aU of the time, and suggested the following for membership of 

the class: tha t they lie in an obscured region, have Ha and Ca II  H &; K emission and a 

spectral type later than F. Following these criteria, T Tauri stars are seen to have broad 

and bright emission lines, excess infrared emission and diluted photospheric absorption 

Lines.

1.3.2.1 C haracteristics o f the T Tauri stars

The most active of the T Tauri stars are referred to as the "classical” T Tauri stars (CTTS). 

These are the T Tauri’s which show strong Ha emission. In recent years, many young 

stellar objects with weaker Ha emission have been found to be strong X-ray emitters 

and are called "weak-lined” T Tauri stars (W TTS) or "naked” T Tauri stars (NTTS). 

According to Basri & Bertout (1993) the distinction between the two classes is clear - the* 

CTTS possess accretion disks, the WTTS do not. Only a short time ago, an accretion 

disk scenario was not generally accepted by the community (see Protostars & Planets II, 

Black &: Matthews 1985) but in the intervening years, more evidence has become available 

which would seem to make the accretion disk theory the most attractive at present. There 

are several arguments in favour of the presence of a disk in the circumsteUar environment 

of these stars. One of the easiest to visualise arises from the visual extinction in the line of 

sight towards T Tauri stars. If the dust around these stars producing the observed infrared 

emission was in our line-of-sight, the visual extinction towards these stars would be far
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greater than we see. This implies that our line-of-sight misses a considerable amount of 

the material producing the infrared excess. The simplest geometry which satisfies this 

problem is a disk. There are far too many other arguments in favour of a disk to mention 

in detail here. Basri k  Bertout (1993) review all of the evidence for disks, with more 

detailed discussions available in Protostars & Planets III  (Levy k  Lunine 1993).

As their definition suggests, the Ha hue is often seen in emission. The higher Baimer 

lines can also be active, and in extreme cases, lines of iron, titanium, helium and sodium 

can be found in emission too. A characteristic that has been found in many T Tauri 

stars is “veihng” in the ultraviolet region, sometimes stretching to the optical, whereby 

the photospheric hnes in those regions are diluted. The veiling effect is attributed to an 

additional continuum source, and is used by some as a further argument in favour of the 

.accretion disk hypothesis.

The Herbig Ae/Be stars were originally classed as the higher mass counterparts to the 

T Tauri’s, and they do indeed have many similarities - their pre-main sequence nature, 

Baimer line emission, variable line profiles, in some cases continuum veiling in the u ltra

violet and their large infrared excesses. Like the Herbig Ae/Be stars, T Tauri’s have very 

large IR fractional excess luminosities (see Sylvester et al. 1996, Table 17, adapted from 

Cohen et al. 1989). Once again we will see in later chapters that the ‘‘Vega-hke” stars in 

this work have Lir./L* values in the T Tauri range, strengthening the possibility of a link 

between the T Tauri’s and the Vega-likes.

1.4 Dust

The presence of dust in our Galaxy has been known for some time. Although he didn’t 

realise it, William Herschel was the first to document a direct effect of dust in the 1700’s. 

He noticed a lack of stars in certain parts of the sky, and believed them to be ‘holes in 

the sky’. It wasn’t until the early 20th Century that astronomers realised that material 

in our line-of-sight was obscuring the starlight from behind. One of those astronomers 

was Trumpler, who in 1930 measured the distances to clusters of stars using two different 

methods, one measuring the apparent diameters of the cluster, and one measuring the 

apparent luminosities of the stars in the cluster. He found that the two methods gave 

very different answers, with the luminosity measurements giving systematically greater 

distances. His conclusion was that the space between the stars has material that absorbs 

the starlight making them appear fainter and therefore farther away. This obscuring
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material has become known as the interstellar medium, composed of gas and dust that 

was created in the envelopes of dying stars, expelled out of the circumsteUar environment 

and into interstellar space. One day, that interstellar gas and dust wiU go on to form 

a dense cloud. In turn, the cloud wiU coUapse to form a new star with it own dustv 

environment. It is this dust, associated with pre-main sequence and main sequence stars, 

that the later part of this thesis is concerned with.

1.4 .1  In ters te llar  D u s t

The regions between the stars, the intersteUar medium, is fiUed with gas and dust, generaUy 

holding a single dust particle for every lOÛ  gas particles. Despite constituting a mere 1% 

of the intersteUar medium by mass, the dust can cut out Ught from distant objects making 

them difficult or even impossible to detect at optical wavelengths. This extinction therefore 

affects both magnitude and distance determinations to these objects.

The famiUar distance modulus relation

m  — M  = 5\ogd — 5 (1.7)

(where m  the apparent magnitude, M  the absolute magnitude, and d is the distance 

measured in parsecs) requires an additional term when extinction is present in the Une-of- 

sight:

m — M  = 5 log d — 5 + A (1.8)

where A is the total amount of absorption in magnitudes at the observed wavelength. 

IntersteUar dust does not remove light in our line-of-sight equaUy across aU wavelengths, 

scattering more blue light than red, giving the star a more reddened appearance. This 

"intersteUar reddening” has the effect of increasing the star’s colour index (the difference 

between magnitudes at two different wavelengths). This “colour excess” is defined as the 

difference between the observed and intrinsic colour index (Figure 1.5). Observations have 

established that in most general directions the extinction (absorption 4- scattering) due to 

dust at ~5500A, A y, is approximately three times the colour excess E(B-V). This value 

may then be used in Equation 1.8 to determine the true distance to the star. This may 

not be appropriate for stars with a dusty environment, however. The circumsteUar dust 

will cause additional extinction of an unknown degree, giving the star a fainter appearance 

and hence a greater distance. Only parallax measurements, e.g. from the recent Hipparcos
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Figure 1.5: An average normalised interstellar extinction curve plotted against 1/A in 

. The extinction is E ( X -  V) / E[  B - V ) .  i.e. the extinction in magnitudes between a 

wavelength A and the photometric V  band. This curve can be converted to total normalised 

extinction by adding R = 3.1 to the quantity plotted. Reproduced from Dyson k  Williams 

(1980).

mission, can give an accurate distance determination independant of the circumsteUar dust 

we wish to study.

1 .4 .2  C irc u m s te U a r  d u s t

The characteristics of circumsteUar dust are distinct from those of interstellar dust in 

some important ways. CircumsteUar dust has a very nearby source of energy - the host 

star. Generally the radiative heating of the circumsteUar grains by the star wiU be greater 

diaii that of a grain sitting in interstellar space receiving energy only from the backround 

intersteUar radiation field. This helps us to define where the disk/envelope ends and the 

interstellar medium begins. There is unlikely to be a distinct boundary between the two 

environments, rather a gradual change between the two. However, the ‘'outer limit” of 

the circumsteUar dust can be considered to be where the temperature of the dust drops to 

the interstellar value. Of course this outer limit will differ from system to system, being 

dependent on the temperature of the central star and on the composition of the grains.
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Alternatively, the number density of the grains could be used in the same way as 

tem perature to define the outer limits of the circumsteUar envelope. Again, the Umit may 

vary from system to system, depending on the way the density varies with distance from 

the central star.

CircumsteUar dust is most readily detected at infrared wavelengths, where the black- 

body distribution peaks for typical circumsteUar dust temperatures. Its presence manifests 

itself in the form of an “infrared excess’’ on the spectral energy distribution of the star 

and varies enormously from object to object. In Part II of this thesis, the spectral energy 

distributions of a sample of Vega-Uke stars are studied. The infrared excesses of these 

stars show great differences; a wish to characterise the dust causing these excesses was 

one of the motivations for carrying out this work.

1.5 This Work

The sample of stars studied here were primarily selected from the Ust of Walker and 

Wolstencroft (1988) with the remainder from the Ust of Stencel and Backman (1991). Most 

of the stars had previously been observed at infrared, mm and sub-mm wavelengths by 

Sylvester, Barlow &: Skinner (1992) and Sylvester et al. (1996), but optical spectroscopic 

data  was generaUy lacking for most of the sample. This has now been remedied and the 

echelle spectroscopic data for the stars is presented in Chapters 2-4. Chapter 2 attem pts 

spectral classification, deriving effective temperatures and surface gravities of the stars, 

and for the cooler stars, an estimate of their age is obtained from an analysis of their 

lithium Unes. Chapter 3 presents the results of abundance analyses carried out on the 

most suitable stars in the sample, together with a search for gaseous circumsteUar Unes 

in all the spectra. Chapter 4 studies the emission lines in the stars, with further work 

carried out on one of the sample, HD 35187, where, for the first time, the spectra of the 

two components of this multiple star system have been resolved spatiaUy. The summary 

and results of the first part of this thesis are presented in Chapter 5.

The second half of the thesis uses the same sample of stars, with some additions taken 

from the work of Sylvester et al. (1996). Chapter 6 gives an introduction to a radiative 

transfer code which models axisymmetric dust systems. The characteristics of the code 

and the theory behind it are explained in that chapter. Chapter 7 presents the results 

of the modelling, and looks more closely at the near-infrared region of the SED’s of the 

Vega-like stars, comparing and contrasting them with those of the HAeBe’s. The final
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chapter summarises the work carried out and suggests further work for the future.
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Part I

H igh-Resolution Spectroscopy of

Vega-like stars
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Chapter 2

Effective Temperatures, Gravities 

and Youth Indicators

2.1 Observations

The optical echelle spectra used in Chapters 2-4 were obtained at two sites. The majority 

of the data were obtained at the Anglo-Australian Telescope (AAT) using the UCL Echelle 

Spectrograph. The 31.6 gmm~^ echelle and the 1024 x 1024 pixel Tektronix CCD detector 

were used with slit widths varying between 1 and 1.5 arcsec when aquiring the data on 

the nights of the June 16, 17 and 20 1994, and February 25 1994. Additional data were 

obtained by Dr Francisco Diego (UCL) with the 2.1 m telescope at the Observatorio As- 

tronomico Nacional (CAN), San Pedro M artir, Mexico on September 26 1993. These data 

were obtained during a commissioning run of the RFOSC echelle spectrograph, using a slit 

width of 2 arcsec and a 1024 x 1024 pixel Thomson CCD. From the measured fuU-width 

at half maximum (FWHM) of comparison Thorium-Argon arc lines, the resolving powers 

of the AAT and OAN spectra were found to be R (=  A/AA) ~  44 000 and 000 respec

tively. The signal to noise ratio (SNR) for the AAT data was typically 200:1, and that 

of the OAN data 150:1. The wavelength coverage of the OAN data covered 4100-8700 Â, 

complete from 4100-6600 Â, and with gaps between the orders for the remaining portions 

of the spectrum. The AAT data were taken at two wavelength settings, blue and red. The 

blue spectra gave complete coverage from 3800-4960Â and the red spectra incomplete 

coverage between 5260 and 9200 Â. The data were reduced by standard techniques using
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the IRAF^ data reduction package. Dr. Sean Ryan reduced the UCLES spectra; the OAN 

data were reduced by the candidate.

The wavelength settings of the AAT observations were chosen to include as many hnes 

as possible from those studied by Venn & Lambert (1990) in their study of the A Bootis 

phenomenon (see Chapter 3). The settings also covered the lines of Ca II K and Na I D 

(im portant for spectral classification [this chapter] and the study of circumsteUar material 

[Chapter 3]), H a (to study circumsteUar emission around the stars [Chapter 4]) and the 

Li I line at A6T08Â (as an age indicator for the cooler stars [this chapter]).

Several spectral standard stars selected from the Ust of Banks & Dennefeld (1994) were 

also observed at the same time as the programme stars, and these are tabulated along with 

the programme stars in Table 2.1. The spectral types listed in Table 2.1 are those found 

in the literature. Some of these have been revised in the work of Section 2.2.

2.2 Spectral Classification

Table 2.1 hsts the spectral types of the programme stars and spectral standards used in 

this work. Only standards of A-type, plus one G-type standard star were observed along 

with the programme stars. These were used where possible for classification purposes. 

Allen & Strom (1995) have pubUshed a set of standard F-, G-, K- and M-type stars at 

6-Â resolution between 5600-9000 Â and made them available via anonymous ftp. Their 

classification method involved utiUsing relations in Schmidt-Kaler (1982) and others to 

convert absolute magnitudes to spectral types. Use was made of these data in the absence 

of suitable standards observed in this programme.

2 .2 .1  T e m p e r a tu r e  C lassif ica t ion

In determining spectral types, the person classifying the stars must be sure tha t there 

are no anomalies in the abundances of the steUar photosphere. The programme stars 

were analysed for evidence of non-solar abundances, and in general elements that are 

particularly sensitive to underabundance phenomena (i.e. Mg and Ca, see Chapter 3) 

were excluded from the classification process.

For most of the programme stars, classifications could be assigned by studying the 

line strengths of the stars in comparison with the standards observed. In general, the

' I RA F  is clisf.ribiited by the National O ptical  A stronom y Observatories, which is operated by the A sso 

ciation of Universities for flesearch in Astronom y Inc., under contract to the National Science Foundation.



Table 2.1: The standard and target stars in this programme, with their dates and other 
details of their observation.

Star Name Prev Class Ref Site Date of
HD SAO obs.

2623 109235 K2 (1) OAN 26 Sept 93
23362 111388 K2 (1) OAN 26 Sept 93
35187 77144 A2/3 IV/V (2) OAN 26 Sept 93
98800 179815 K5V (3 ) AAT 25 Feb 94

123160 158350 K5 (1) AAT 20 June 94
135344 206462 AOV (4) AAT 25 Feb 94
139614 226057 A7V (4) AAT 20 June 94
141569 140789 AOVe (■) AAT 20 June 94
142666 183956 A8V (5) AAT 20 June 94
143006 183986 G5e (8) AAT 20 June 94
144432 184124 A9/F0V (6) AAT 20 June 94
158643 185470 51 Oph B9.5V (9) AAT 20 June 94
169142 186777 B9V (6) AAT 17 June 94
Spectral Standards
161868 122754 7 Oph AOV (10) AAT 20 June 94
187462 87766 a Aql A7V (10) AAT 20 June 94
198001 144810 € Aqr AIV (10) AAT 20 June 94
200499 189986 22 Cap A5V (10) AAT 16 June 94
214850 108094 G3V (10) AAT 16 June 94
216956 191524 a  PsA A3V (11) AAT 16 June 94

References:
(1) = Henry Draper Catalogue
(2) = Zuckerman, Forveille and Kastner (1995)
(3) = Fekel k  Bopp (1993)
(4)-(6) = Michigan Spectral Catalogue, vols 2-4 (Houk 1978, 1982, 1988)
(7) = AndriUat, Jaschek & Jaschek (1990)
(8) = van der Veen et al. (1993)
(9) = Bright Star Catalogue (Hoffleit & Jaschek 1982)
(10) = Banks k  Dennefeld (1994)
(11) = SIMBAD Database
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Figure 2.1; Originally classified as a star of B9 type. HD 169142 can be seen to exhibit 

the characteristics of an A5 star when compared with the A5V standard. HD 200499.

HD 123160

HD 214850

G3V

4 0 8 0 4 1 0 0 4 1 2 0 4 1 4 0  4 1 6 0  4 1 8 0
W a v e l e n g t h  (A)

4 2 0 0 4 2 2 0

Figure 2.2: HD 123160 had originally been classified as a K5 star (HD catalogue), however, 

the appearance and strength of lines in its spectrum suggest it is of G3 or Go type when 

compared to the G3V standard, HD 214850.

metallic lines in the 3900-4900 À range were used for the A-type stars, with other features 

mentioned in the introduction being used for the later type stars. Where necessary, spectra 

were artificially broadened to obtain similar vs'mi values for a more accurate comparison 

with standards of higher rotational velocity or the spectra were degraded to match the 

resolution of standard spectra in work by other authors.

Table 2.2 shows the spectral types derived for the target stars in this work. Comparison 

with Table 2.1 shows that the majority of the target stars had their previous spectral type 

confirmed, although there are four notable exceptions to this. HD 169142 (Fig. 2.1) is now 

found to be 6 subclasses cooler than indicated by its original classification of B9V from 

the Michigan Spectral Catalogue. By comparison with spectra of an A5V MK standard.
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it is found tha t HD 169142 has an A5 type. HD 169142 also show no discernible He I hnes 

at A4026 and A4471, which are present in B-stars. Various spectral regions of these stars 

were also artificiaUy broadened to the usinz of the fastest rotator of other standards and 

compared again. Overall, the A5 classification of HD 169142 was confirmed. HD 123160 

(Fig. 2.2) appears to be a G5 rather than a K5 star. This classification was made by 

comparing line strengths with the G3V standard in our sample and the G5V target star 

HD 183986. HD 135344, originaUy classified as AO by the Michigan Spectral Catalogue, 

has recently been reclassified as F4Ve (Gudmaijer et al. 1992), F8V (Coulson & Walt her 

1995) and F6V (Zuckerman, ForveiUe and Kastner 1995), where the *'e” indicates emission 

in the Baimer hne of Ha. From the spectra of this star, it is clear that it is far cooler 

than the AO class originally assigned to it. It's spectral features are certainly closer to 

late A-type than early G, therefore favouring the classification obtained by Gudmaijer et 

al. of F4Ve. The spectra of this star were also degraded to the resolution of the work 

of AUen &: Strom and a comparison made with their standard spectra. The comparison 

suggests tha t an F4V classification is vahd. HD 2623 was originally classified as a K2 star 

in the Henry Draper Catalogue. However, these spectra show that the star is of much 

later type, judging by the presence and strength of TiG bands in its spectrum. The star 

will be discussed further in the next subsection in the light of its luminosity class.

2 .2 .2  L u m in o s ity  C lassification

For some spectral types, changes in line strengths due to luminosity differences can be 

subtle. Because of this, hne ratios are generally used for luminosity classification, and 

those most commonly used are Hsted in Table 2.3.
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Table 2.2: Spectral types derived for the target stars. Those spectral types in bold face 
represent a change in class as derived from, this work. The errors on the spectral types 
derived from this work are ±2 subclasses for the stars where suitable standards were not 
observed (HD 2623, HD 23362 and HD 135344) and ±1 subclass for the remainder of the 
sample.

Star Name Spectral Type
HD SAO

2623 109235 M 2 III
23362 111388 K2V
35187 77144 A2/3 IV/Ve
98800 179815 K5Ve

123160 158350 G 5V
135344 206462 F4V e
139614 226057 A7Ve
141569 140789 AOVe
142666 183956 A8Ve
143006 183986 G 5 Ye
144432 184124 A9/F0Ve
158643 185470 51 Oph B9.5Ve
169142 186777 A 5V e
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Table 2.3: Line ratios used for the luminosity classification of stars. “Positive luminosity effect” indicates an increase in the line/ratio with 

increasing luminosity and vice versa.

Type Ratio Effects Ref.
AO II line profiles 1.

Early A Stark wings (3 index highest for dwarfs 2.
A5 Fe II AA 4417 /  Mg II A 4481 Positive luminosity effect 1.

To A7 Fe 11, Ti I I ,  Cr i i  AA 4172-4179 /  Fe i i  A 4203 Positive luminosity effect 2.
Early F Fe I I ,  Ti I I ,  Cr II AA 4172-4179 /  A 4271 Positive luminosity effect 3.

A 3983 /  A 4005 3.
A 4023 /  A 4005

F (general) Ti II A 4444 /  Mg i i  A 4481
Fe 1 A 4071 /  Sr l A 4077 Sr increases for higher luminosity
Sr il A 4077 /  Fe i A 1015 Sr increases for liiglier luminosity
Sr II  A 4077 /  11 i A 4100 Sr increases for higher luminosity

G Sr I I ,  Fe A4216 /  Ca i A 4226 4.
Sr II A4077/ Fe A 4063, 4071 4.

G8-K5 Mg I AA 5167-72-83 4.
K Sr II A4077 /  Fe i AA4061,71 4.

Sr I I ,  Fe A4216/ Ca i A 4226 4.
M Ca I Negative luminosity effect 4.

Contiminm(A7035±30 Â) /  Ca II (A6975T30 A) Negative luminosity effect 5.
Continuum(A8575±10 Â) /  Ca ii (A8542T10 Â) Positive luminosity effect 5.

References: (1) Morgan, Abt &: Tapscott (1978), (2) Gray and Garrison (1987),
(3) Gray and Garrison (1989a), (4) Jaschek and Jaschek (1990), (5) Kirkpatrick et al. (1991)



It should be noted that the line ratios quoted in Table 2,3 have been obtained at several 

different resolutions and therefore some may be more suitable than others for classification 

depending on the resolving power of the instrument used. The resolution of the spectra 

used in this work is far higher than that normally used for pure spectral classification work. 

Where possible stars have been classified by comparison with the standards obtained at the 

same resolution or degraded the spectra to appropriate resolutions to compare line ratios 

and spectral features with the previously published work of others. Possible abundance 

anomalies in the stars could render some of the ratios quoted unusable. The table does, 

however, give some indication of the lines most commonly used for the determination of 

the luminosity classes of stars.

In the case of early A-type stars, the Stark wings of the hydrogen lines are an excellent 

indicator of luminosity class. The Stromgren 0  index, which measures the strength of the 

H,3 line and hence the development of the Stark wings, can be a measure of the luminosity 

in these stars and Gray and Garrison (1987) present a table (their table 5) correlating the 

3 index with luminosity class for high (>150 kms~^) and low (<150 km s” ^) vs'mi stars. 

The 0  indices of the sample of early A-type stars (B9.5 - A2 inclusive) were compared with 

the mean 0 index calibration of Gray k  Garrison (1987). The 0 indices of the stars were 

obtained from the catalogue of Hauck k  Mermilliod (1990). The value for the AO star 

HD 141569 corresponded to tha t of luminosity class V (the standard HD 161868 was also 

used to validate the result and was found to correspond to its correct luminosity class). 

The 0  indices of HD 158643 (51 Oph) and HD 35187 were found not to correspond to 

those of a dwarf. However, both 51 Oph and HD 35187 are emission-line stars (Chapter 4), 

51 Oph showing emission in H/3 and HD 35187 exhibiting variable emission. These facts 

may well have affected the measurement of the 0  indices. In light of this, the luminosity 

classes of these stars wejre adopted from the literature (as outlined in Table 2.1).

The luminosity classes of the remainder of the A-type stars and the later F-, G- and K- 

type stars in the sample were classified using suitable ratios from those listed in Table 2.3. 

Inspection of the spectrum of HD 2623 reveals it to be of luminosity class III, a giant. 

This had previously been suspected by Whitelock et al. (1991) who noted that the JHKL 

colours of this star were more consistent with a giant of spectral type M3-M5. Since the 

concerns of the work lie only with main sequence, or pre-main sequence stars, HD 2623 

will not be considered further in the remainder of this work. In summary, the luminosity 

classes of stars of spectral type A5 and later were classified according to line ratios, the
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AOVe star HD 141569 from a (3 index calibration in Gray L  Garrison (1987), and those of 

HD 35187 and HD 158643 (51 Oph) were adopted from the literature. The final assigned 

spectral types are shown in Table 2.2.

2.3 The Li I 6708 Â Line in the G- and K-Type Stars

The Li l 6707.81Â resonance line is the most easily visible hne of Li i in the optical 

spectrum of unevolved cool stars, and is prominent in the spectra of some of the later type 

stars of this sample.

Studies of hthium have great importance in our understanding of the structure and 

evolutionary history of stars, despite being difficult to detect. The abundance of lithium 

observed in the photospheres of stars is a potential indicator of age (Herbig 1965), with 

hthium depletion resulting from internal convection, where the hthium is transported to 

inner regions of the stars and subsequently destroyed at T> 2 x 10® K.

The detection of hthium in a late-type star with an infrared (IR) excess would be 

significant since a high hthium abundance could imply that the star is very young and 

perhaps still in its pre-main sequence stage of evolution. However, Pallavicini et al. (1987) 

note tha t a high hthium content is a necessary but not sufficient criterion for a star to 

be young; for the same spectral type, one should expect to see other indications of youth, 

such as enhanced chromospheric activity and rapid rotation in order to be certain of the 

s ta r’s youth.

It has been suggested recently that the 6708 Â fine consistently overestimates the true 

abundance of hthium (Balachandran & Carr 1994, Houdebine & Doyle 1994), with the 

subordinate hne at 6103 Â being favoured as a more reliable indicator of abundance. The 

6103.65Â hne is much harder to detect, having close Fe I and Ca I neighbours (see Fig. 2.3). 

Due to this proximity and the blended nature of these hnes, studies were restricted to the 

hne at 6708 A.

The 2s-2p ^Li l resonance hne has two fine structure components (6707.761Â and 

6707.912Â, log (//= 1 and 0.5 respectively), as does the hne of ®Li, shifted 0.16Â red ward, 

which together make up the 6708Â feature. In addition, this feature has a close Fe I 

neighbour at A6707.44 which in our spectra has not been completely resolved. However, 

in most cases there is enough structure visible within the Li I profile for an accurate 

determination of the contribution of the Fe i hne to the total equivalent width to be made.
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Figure 2.3: F it hi urn in the late-type stars. The A6103 Li I line (left panel) is heavily 

blended with the lines of Fe I and Ca i. and was not used in the analysis. The much 

si ronger line at A()708 was used to determine the lithium abundance in these stars.
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2 .3 .1  A n a ly s is

The equivalent widths of the hnes were determined via multiple Gaussian fits to the data 

using the DIPSO package (Howarth L  Murray 1988). Only one gaussian profile was required 

to produce an accurate fit to the hne of hthium, and one for the iron hne, AUowing for 

the lithium multiplet components made no significant difference to the equivalent widths 

derived from these data. The errors on the equivalent widths, and hence the abundances, 

were derived by taking extremes of continuum normahsation and redetermining the equiv

alent width. This process is described more fuUy in Chapter 3, and was found to be the 

largest source of error in this analysis.

The Li abundances were derived by Dr. Sean Ryan (AAO) using the spectrum synthesis 

code described in CottreU k  Norris (1978), using the hne hst assembled by Anderson, 

Gustafsson & Lambert (1984). Values obtained from the synthesis could be compared 

with the empirical cahbrations of Padgett (1990) and Soderblom et al. (1993). The 

results are shown in Table 2.4. Good agreement is found for ah stars except for a shght 

discrepancy for HD 143006. The lower Li abundance value has been used, based on the 

Padgett and Soderblom cahbrations, since those two cahbrations agree; it is the more 

conservative of the two values and so should produce an upper limit for the age of the 

star.
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Table 2.4; The equivalent widths and the corresponding Li abundances derived from the A6708 Li l line. The solar abundance of Li is 1.16 dex 

(Anders & Grevesse 1989), on a scale where Log N{ll) = 12.00.

-1

Star Sp Tefr(K) log g vs’mi W A ( m A) Log A(Li)

IID SAO km s~^ Li I he 1 This work Padgett

(1990)

Soderblom 

el al. ( 1993)

123160 158350 G5V 5570 4.5 9 78 3 2.31 ±0.02 2.21 2.25

143006 183986 G5Ve 5570 4.5 12 241 5 3.46T0.07 3.25 3.28

23362 111388 K2V 5010 4.5 - < 15 - <0.87 - <0.85

98800 179815 K5Ve *4510 (Aa) 4.5 5* 399 20t 2.91 2.81 2.97

*4250 (Ba) 373 20t 2.35 2.1 2.50

* - usinz and Tgir values for HD 98800 taken from Soderblom et al. (1996) 

t - value assumed. See text for details.



2 .3 .2  D iscu ss io n

HD 98800 has been extensively studied in terms of its age and multiplicity (Fekel & Bopp 

1993. Torres et al. 1995, Soderblom et al. 1996). Fekel Sz Bopp (1993) reported detailed 

optical studies of HD 98800, including the 6708 Â line of lithium. The total equivalent 

width they found for the blend (410mA) is shghtly larger than the 395mA found here, 

as is the value of 430mA found by Soderblom et al. (1996). and is also larger than the 

value of 370mA found by Gregorio-Hetem et al. (1992). It is not clear from the latter 

work whether the measurement is of the Li line alone, or the blend of the Li Hne and its 

close Fe I neighbour. Identifying the contribution of the Fe Hne to this blend is sometimes 

difficult, especiaUy in cases such as HD 98800 where the two Hnes are closely blended. 

PaUavicini et al. (1987) measured the equivalent widths of Li and Fe Hnes for stars down 

to K3V spectral type, showing that the Fe I contribution increased from F8-K3, with their 

K3V star having an Fe l A6707.4 equivalent width of 13 mA. PaUavicini et al. (1992) use 

measurements of the Li and Fe Hnes in several narrow-lined Pop I stars to determine the 

contribution of the Fe Hne to the 6708A blend in stars whose Hnes are blended together. 

For their example of a K5V star (the same spectral type as HD 98800) with blended 

Hnes, they estimated the equivalent width of Fe I in the blend to be 16mA. But their 

equivalent width measurement for the observed blend had an upper Hmit of only 9 mA. 

This confusing issue highHghts the fact that the true contribution to the blend by the Fe I 

A6707.4 Hne cannot, as yet, be accurately determined. Fekel & Bopp (1993) adopted an 

Fe I equivalent width of 20mA on the strength of the work of PaUavicini et al. (1992). 

Since this appears to be an upper Hmit to the Fe I contribution, this value is adopted here 

too. but one should note that it could easily be smaUer, giving a sHghtly larger equivalent 

width for the Li Hne. and hence a sHghtly younger age for the star. For HD 98800, this 

implies an equivalent width for the Li I Hne alone of 375 mA in this spectrum, in good 

agreement with Gregorio-Hetem et al. (1992), should their measurement be for the Li I 

line only, and only slightly less than the 390m A  found by Fekel & Bopp (1993) after their 

correction for the Fe Hne.

The most likely cause of the observed Li Hne-broadening in the case of HD 98800 

( Fig. 2.3) is Hne blending caused by the stellar multiplicity. HD 98800 is a member of a 4- 

star system, being a well known visual binary with a separation of less than 1 arcsec, with 

each visual component (Aa and Ba) being a spectroscopic binary (Aa-|-Ab and Ba-fBb, 

Torres et al. 1995). The Hnes from the two brightest components of the system (Aa and Ba)

48



have been resolved in this spectrum (Fig. 2.4), exhibiting a separation of approximately 

0.33Â for other hnes in the 6708 A region. This is just the value expected from the 

predicted velocity separation (14.7 km s“ M of components Aa and Ba at the time of 

this observation, using table 1 of Torres et al. (1995). Although the components are 

resolved in the weaker lines, the hthium hne is very strong, and remains unresolved. The 

strong asymmetry in the hne suggests that component Ba also has a significant Li content 

(confirmed by Soderblom et al. 1996), which is contributing to the overaU blend. A crude, 

two-component gaussian fit to the hthium hne was produced, to obtain upper hmits on 

the hthium  content from the primary and secondary sources. Using this two-component 

fit to the hne, the apparent equivalent widths for components Aa and Ba are 238 mÂ and 

165 mÂ respectively. Allowing for the diluting effect of Ba (using proportions of 57% for 

Aa and 43% for Ba), the intrinsic equivalent widths have been calculated to be 419 mÂ for 

A a and 393 mA for Ba. AUowing for a 20 mA contribution by the Fe l hne, this translates 

to an equivalent width of 399 mA for Aa and 373 mA for Ba. Soderblom et al. (1996) 

found intrinsic equivalent widths of 425 mA for Aa and 335 mA for Ba. Here, the values 

for A a are similar, but the discrepancy between the Ba values are probably due to the fact 

th a t Soderblom et al. were also able to separate out the contribution of the Bb component. 

Soderblom et al. did not correct for the Fe i component in their quoted equivalent widths 

(Soderblom 1996, private communication). Assuming a 20m A  equivalent width for the 

Fe I. this would make their equivalent widths 405m A  for Aa and 315mA for Ba, bringing 

the values found here more in hne with those of Soderblom et al. The intrinsic equivalent 

widths here imply abundances of logfV(Li) = 2.91 and 2.35 at Tefr’s of 4500 K for Aa and 

4250 K for Ba respectively (Soderblom et al. 1996). These abundances are higher than 

those found by Soderblom et al. (1993) for main sequence stars of similar spectral type in 

the Pleiades (age ~ 7 0  Myr), but below the values found by Padgett (1990) for the Taurus- 

Auriga clouds, where the ages of the pre-main sequence T Tauri stars have been estimated 

to be 1 Myr by Kenyon et al. (1990). This would imply that the age of HD 98800 hes 

between these two values, arguing for a youthful age of the system.

Using the same argument for the G5Ve star HD 143006, and its derived Li abundance 

of logyV(Li) = 3.27 dex, it is found that it is bracketed by stars of the Taurus-Auriga group 

studied by Padgett (1990). The age of this group was estimated to be 1 Myr by Kenyon 

et al. (1990), and it is therefore likely that the age of HD 143006 is close to this figure. 

The high abundance of lithium in HD 143006 is also consistent with that found in T Tauri
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Figure 2.4: The Li 6708 A region of HD 98800. The lines of Fe I from stars A a and Ba 

have clearly been resolved (components indicated by tick marks), whereas the stronger 

component of Li I remains blended.

stars (Maguzzu, Rebolo and Pavlenko 1992). In Chapter 4 it is seen that HD 143006 has 

high photospheric activity levels, and is quite possibly a member of the T Tauri class.

The abundance of lithium in the GôV star HD 123160, log.V( Li) = 2.31, is consistent 

with those found for stars of similar spectral type in the Pleiades by Soderblom et al.

I 1993), implying that HD 123160 is around 70Myr old. The results for HD 123160 and 

HD 143006 fit in well with the results from the activity indicators discussed in Chap

ter 4. There it is found that HD 143006 is one of the most active stars in the sample 

while HD 123160 is the least active, with the exception of HD 23362. HD 23362 shows 

no detectable Li l line (Fig. 2.3) at 6708 A, with the upper hmit implying a significant 

depletion of Li in this star (Table 2.4). The absence of lithium suggests an age significantly 

older than that associated with young main sequence stars. It is therefore concluded that 

HD 23362 is a more evolved object than the rest of the sample, probably already well 

psiablished on the main-sequence.
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Chapter 3

A bundance Analyses and 

Circum stellar Gas

3.1 Abundance Analysis of the A-type stars

In recent years, there has been increased interest in the group of stars known as the 

A Bootis stars. These are chemically peculiar stars, usually A- type, with typical rotational 

velocities of ~  100 km (King 1994), as are typical of stars of that type (Gray 1988). The 

spectra are characterised by weak metallic lines, and some elements can be underabundant 

by up to a factor of 100 compared to solar values (Venn & Lambert 1990, hereafter referred 

to as VL90). Explanations of the observed underabundances have been advanced in terms 

of diffusion in the presence of mass loss (Michaud & Charland 1986), and accretion of 

depleted interstellar gas onto the photosphere (VL90, Charbonneau 1991, King 1994). 

In the case of A-type stars, radiation pressure is hypothesised to prevent dust grains 

(but not gas atoms) from accreting onto the stellar surface. According to this hypothesis 

(VL90, W aters, Trams and Waelkens 1992), the A Bootis phenomenon should be confined 

to A-type stars because hotter B-type stars ionise the circumstellar gas, with radiation 

pressure then preventing both gas and dust from accreting, while the possession of a surface 

convection zone by F-type and cooler stars prevents the formation of a thin photospheric 

layer with the abundance distribution of the accreted circumstellar gas.

The accretion theory is of particular interest to this study; King (1994) studied the 

link between A-type stars of A Boo type and those having IR excesses. Although he 

found that only < 20% of stars in his A Boo catalogue had /RA5 infrared excesses. King 

argued that the fraction of A Boo stars with circumstellar dust could be much higher; the
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amount of accreted depleted gas required to reproduce the A Boo phenomenon is so small 

tha t associated dust will not necessarily be detectable at IR or sub-mm wavelengths. 

Nevertheless, the positive identification of other Vega-like stars as A Boo stars would 

strengthen the accretion hypothesis. In light of these arguments an abundance analysis 

was carried out on the A-type stars of the sample.

3 .1 .1  In it ia l In sp e c t io n

VL90 measured the equivalent widths of many lines in selected A Boo stars (their table 2) 

to determine any underabundances present in the stars. They converted their equivalent 

widths to abundances using the program W ID T H 6 and a model atmosphere selected from 

the grid used by Baschek and Slettebak (1988) and computed by them using the program 

A T L A S b  (Kurucz 1979). Where this method was not possible due to blending of lines, they 

computed a synthetic spectrum using the program MOOG (Sneden 1973) and matched it 

to an observed spectrum.

Where possible, the lines analysed by VL90 were also measured in the spectra here to 

qualitatively indicate the presence of depleted species (Table 3.1). The equivalent widths of 

the lines were determined using the DIPSO software package available at the UCL Starlink 

node (Howarth & Murray 1988). Based on a comparison of equivalent widths alone, 

no m ajor (0.5-2 dex) underabundances such as might be expected in A Boo stars were 

found, with two exceptions in Mg (see Section 3.1.4). The absolute measurement of the 

equivalent widths in Table 3.1 should be treated with caution. The high usinz of a number 

of stars made it almost impossible to measure just the single line required. For this reason, 

the equivalent widths measured for some stars are higher than those generally expected 

for stars of a particular spectral type (see Table 3.2). However, because the comparison 

included measurements of the standards in this sample, relative comparisons within the 

sample could be made before looking at the data of VL90.

Comparisons between standards and programme stars showed clearly the largest of 

the depletions, as illustrated in Fig. 3.1. Here the line of Mg II at A4481 is shown in 

the spectrum of HD 169142 together with that of a standard of the same spectral type 

and similar rsinz (HD 200499). The weakness of the Mg II line in HD 169142 relative 

to HD 200499 is clear. Similar effects were found for a few other stars, although this 

example was the most pronounced. The quantitative abundance analysis of HD 169142 

(Section 3.1.4) coiilinns that Mg is depleted in the photosphere of this star.
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Table 3.1: Table of absorption line equivalent widths for the programme and standard 

A-type stars in our sample. AU values in mÂ, except Ca II, in A. The |  sign indicates a 

combined equivalent width, due to the blending of the lines.

i-'sini (km s 
Spectral T ype  

Species  A(A)

Star (isee notes)
1
267
B9.5

2
236
AO

3(S)
214
AO

4(S)
95
A1

5
93
.A2/3

6(3)
88
A3

7(S)
52
A5

8
55
A5

9(S)
189
A7

10
24
A7

11
70
A8

12
74
A 9 /F 0

M g II 4481.13 380 360 370 414 428 628 548 313 495 340 472 723
4481.33 i i i 1 f i i i i i i !

C a  I 4226.73 94 141 49 165 670 402 408 409 499 485 561 560

Ca II 3933.66 1.00 0.48 0.69 1.19 - 2.29 3.31 2.50 4.16 3.04 3.87 5.30

T i  II 4012.37 43 33 68 141 98 82 140 130 124 167
4290.22 83 81 18 144 257 343 322 278 333 275 491 552
4443.80 124 42 - 123 279 369 210 182 341 62 485 362
4468.49 83 - 161 - 218 - 289 192 - 203 322 404
4501.27 84 51 63 119 129 189 164 153 151 188 212 248
4533.97 111 63 86 180 229 269 285 192 352 245 272 341
4563.76 51 - 37 125 188 212 173 129 149 181 226 284
4571.97 56 - 165 125 181 201 197 158 137 209 229 285

Fe I 3920.26 21 24 36 - 157 175 56 180 249 192
3922.91 25 - 16 26 - 108 - 141 - 193 182 193
3930.30 - - - - - 219 106 150 - 173 143 185
3997.39 96 - 19 78 - 269 257 236 238 166 381 426
4005.25 82 - 55 122 - 350 262 212 362 277 344 373
4045.82 42 109 97 138 - 346 315 300 305 317 372 466
4063.60 88 40 22 121 - 257 191 205 215 272 268 456
4071.74 _ - 80 92 - 231 - 204 28 223 294 431
4202.03 60 - 15 114 - 173 143 171 129 211 199 188
4235.94 78 - 7 192 147 129 134 136 72 169 187 317
4260.48 164 - 27 61 164 - 235 187 225 236 277 307
4282.41 41 - 34 - 127 - 103 165 - 138 216 297
4466.55 42 - 7 - 48 - 74 92 - 104 74 126

Fe II 4233.17 86 84 192 245 303 259 238 363 336 348 426
4472.92 46 - 4 - 57 - 54 31 - 47 - 221
4508.28 74 - 54 102 125 171 125 87 134 150 167 209
4515.34 74 21 26 89 90 162 123 105 106 132 146 168
4520.23 28 52 4 195 151 259 112 88 30 129 115 118
4522.63 54 i 28 -I i I 162 128 64 168 180 169
4541.52 66 78 87 60 78 125 102 69 92 75 132 183
4576.33 24 - 68 66 28 112 77 59 - 86 96 137
4582.84 85 - 13 146 186 321 12 164 60 63 234 290
4583.83 i - 36 28 i i 236 i 115 193 i f
4629.34 71 50 40 19 82 180 156 109 - 150 175 227

Sr II 4077:71 117 48 89 351 279 176 253 262 328 458
4215.52 42 10 - 81 299 211 215 215 199 275 282 309

N otes  to Table 3.1:
1 =  HD 158643
2 =  HD 141569
3 =  HD 161868
4 =  HD 198001
5 =  HD 35187
6 =  HD 216956

(S) denotes that the star is an MK standard.

7 =  HD 200499
8 =  HD 169142
9 =  HD 187462
10 =  HD 139614
11 =  HD 142666
12 =  HD 144432
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Table 3.2: Expected equivalent widths of some lines for A-type stars, in niÂ. Taken from 

Jaschek and Jaschek (1990)

Type C a i i K Fe I A4045 Sr II A4077

AO 300 100 100

A3 210

A5 350 200

AT 450

FO G50 300 200

1

9

8
HD 169142

7

HD 200499

6

5
4460 4465 4470  4475  4480  4485 4490  4495

Wavelength (Â)

Eigjiire 3.1: Thin line - HD 109142, thick line - Aov standard. The relative underabundance 

of magnesium in ITD 109142 is clear. See text for details.
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3 .1 .2  M o d e l l in g

Following the inference that some elements were depleted in the photospheres of the pro

gramme stars, a more comprehensive abundance analysis was carried out for some of the 

stars. Initially, solar metallicity model atmospheres were selectedunder the assumption 

of local thermodynamic equilibrium (LTE) for adopted values of Teff and log g (initially 

from Gray & C orb ally 1994 and Allen 1973 respectively) using Kurucz's code A T L A Sb  

(Kurucz 1979). Abundances were then determined by fitting the observations with LTE 

synthetic spectra calculated using the model atmosphere and spectrum synthesis code 

UCLSYN (Smith 1992). This interactive program uses atomic data from Kurucz (1995) 

and also accounts for parameters such as vs'mi, radial velocity, microturbulence (<f), tem

perature (Teff), log gf and the instrumental profile width. In this work the very strongest 

lines have been omitted from the abundance calculations due to the line blending effects 

and their relative insensitivity to subtle changes in abundance. Figs. 3.2 and 3.3 show 

examples of the modeUing. Fig. 3.2 shows the four spectral regions used in the abundance 

analysis of the program stars, for the particular case of HD 142666. Fig. 3.3 shows one 

of these spectral regions for four of the stars that were modelled. It should be noted that 

these are LTE models. It is quite possible that NLTE effects could affect the results, but it 

is very difficult to predict how and by how much the results will change without conducting 

a full NLTE analysis and making a comparison. Rentzsch-Holm (1996) calculated NLTE 

abundance corrections of iron and carbon in A-type stars. She found that corrections 

for iron are always positive over the effective temperature range 7000 K to 12000 K and 

the log g range 3.5 to 4.5. For the temperature of the stars considered in this work, the 

correction did not amount to more than 0.2 dex. For carbon, the corrections were always 

negative over the range of temperatures and gravities considered here, and were generally 

small for lines whose equivalent width was below 100 mÂ. Such small changes would not 

affect the overall conclusions of this work. However, when making comparisions between 

the results of this work and those of others, it should be remembered that NLTE effects 

are not considered here.

For the four stars shown in Fig. 3.3 the effective temperature and microturbulence could 

be calculated simultaneously, giving independent values for these parameters. UCLSYN  

contains a facility based on the work of Magain (1984) designed to determine the mictro- 

t iirbulence ( 0 ,  based on an assigned effective temperature and the measurement of many 

weak lines of a particular ionisation stage of a single element, using a null-correlation
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Figure 3.2: Four different regions of the spectrum of HD 142666 that were used for its 

abundance analysis. The smooth line shows the model fit to the data (see text).
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Figure 3.3: Examples of the same spectral region for four different stars, together with 

the model fits (smooth lines). Note how the spectra become more complex as the stars 

become cooler, and the more severe line blending for the higher vs'mi values, a) HD 216956 

( A3V), b) HD 169142 (A5Ve), c) HD 139614 (ATVe), d) HD 142666 (A8Ve).



method (i.e. no correlation between abundances and equivalent widths). From this pro

gram. ‘best-fit’ values for and log A(X) can be calculated, where X is the element under 

consideration. These values are obviously dependent on the adopted effective tem perature, 

but it was found that by carrying out the same procedure for a different ionisation stage 

of the same element (in this case Fe I and Fe ll), the values of Tefr, ^ and logA(X) could 

be constrained by altering the tem perature until the derived values of ^ and log A(X) from 

both ionisation stages agreed. Obviously, this method rehes on the accuracy of the model 

atmospheres used; uncertainties in the models, gravities and other factors may account 

for the difference in the temperatures found for the AT and A8 stars compared with those 

expected for the spectral type as tabulated in Gray & Corbally (1994). This process was 

found to be too difficult to perform accurately for stars of high vs'mi (>100 k m s“ ^), for 

which unblended Hnes of a single species were almost impossible to find.

As weU as determining the values of Teff, and log A(X), the program also allows 

the user to obtain measurements of vs'mi and the radial velocity of the programme stars. 

Table 3.3 lists these data.

3 .1 .3  D e r iv e d  P a r a m e te r s  and S ou rces  o f  Error

Abundance analyses were attem pted for aU of the A-type stars in the sample with the 

exceptions of HD 35187 (the data was lower resolution and poorer quaUty), HD 144432 

(this was the coolest star in the A-type sample [A9/F0Ve], and had too many heavily 

blended lines for a meaningful analysis to be made) and 51 Oph, whose nsinf was too 

high for analysis. For the majority of the stars, effective temperatures were adopted 

from the spectral type versus effective tem perature relation of Gray and Corbally (1994), 

though values of Teff and the microturbulence were derived from the ionisation balance 

modelling in this work for four stars (HD 139614, HD 142666, HD 169142 and HD 216956, 

see Table 3.3). In the case of the remaining stars, values of the microturbulence were 

not found in the literature. When this was the case, a microturbulence of 3 km s“  ̂ was 

adopted (as a representative average, from VL90) for the A-type stars and 1 km s~^ for 

the later type stars (from Pallavicini et al. 1987). Fig. 3.4 demonstrates the effect tha t 

variations in the microturbulence and effective temperature have on the synthetic models 

produced. The representative line used was Fe I A4494.56Â. Models were produced for 

combinations of effective temperatures of 8000, 8500 and 9000 K, and microturbulences of 

0. 1, 3 and 5 km s~h For each effective temperature, a solar iron abundance (7.54 dex;
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Table 3.3: Derived parameters for the programme stars.

Star Nam e Sp' log <7̂ vsini^ D®

HD SAO (K) (kms~^) (kms~^ ) (k m s“  ̂) (pc)

23362 111388 K2V 5010 4.5 (1) - - 3 0 9 “

35187 77144 A 2 / 3  I V /V e 8990 4.1 (3) 9 3 ± 5 - 1 7 ± 1 4 150“

98800 179815 K5Ve 4510 4.5 (1) 5 1 2 .5 ± 0 .4 4 7 “

123160 158350 G 5V 5570 4.5 (1) 9 ± 1 - 6 .4 ± 0 .4 15.7^

135344 206462 F4Ve 6660 4.3 (3) 6 9 ± 3 - 3 ± 3 84®

139614 226057 A7Ve 8250* 4.2* 4.0* 2 4 ± 1 3 ± 1 157®

141569 140789 AOVe 10040 4.1 (3) 23 6 ± 9 - 6 ± 5 99 “

142666 183956 A8Ve 7150* 4.4* 3.0* 7 0 ± 2 3 ± 1 114®

143006 183986 G5Ve 5570 4.5 (1) 1 2 ±2 - 0 .9 ± 0 .3 82®

144432 184124 A 9 /F 0 V e 7400 4.3 (3) 7 4 ± 2 2 ± 2 253“

158643 185470 51 Oph B9.5Ve 10480 4.1 (3) 2 6 7 ± 5 - 2 0 ± 3 131“

161868 122754 7 Oph AOV 10040 4.1 (3) 2 1 4 ± 3 - 1 9 ± 3 29 “

169142 186777 A5Ve 8400* 4.2* 3.7 ' 5 5 ± 2 - 3 ± 2 145®

216956 191524 a  PsA A 3V 8500* 4.1* 4 .9 ' 8 8 ± 2 7 ± 2 7 .7 “

Notes  to Table 3.3

1. See Section 2.2.

2. Effective temperatures are taken from the spectral type  versus effective temperature calibration of  

Gray & Corbally (1994), except those marked with f  which were derived from this work (see Chapter 2).

3. Values taken from Allen (1973) aa those expected  for the spectral type except Î, derived from  

this work.

4. Values in brackets have been a.ssumed to be 3 km s “  ̂ for A- type  stars and 1 km s “  ̂ for the  

later type  stars. * - this work.

5. T his  work. T h e  usini for HD 98800 was taken from Soderblom et al. (1996), and its heliocentric  

velocity from from Fekel & Bopp (1993).

6. a - Hipparcos (E SA  1997), b - Sylvester et a l .(1996)
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Figure 3.4: Synthetic models for the Fe l A4494.56 line using different values of Tgff and 

microturbulence. The rsini of the models remained constant.

Biémont et al. 1991) was assumed when = 0 km s“ ^  and the microturbulence altered to 

observe the effect on the abundance derived from the line. The effects on the derived iron 

abundance as a function of the adopted microturbulence are listed in Table 3.4. Similar 

effects were also found using a representative line of Fe il at A4491.41.

Other possible sources of error are the log values used in the program. The values 

used by UCLSYN are from CD23 of Kurucz (1995) which are taken mainly from the list of 

Kurucz ( 1988) with additions and replacements where more accurate data were available. 

However, there will always be the possibility of errors or inaccuracies in the data. The 

propagation of these errors and others from data used by the program obviously cannot 

be traced and calculated directly, and therefore will lead to errors on the derived effective 

temperatures and gravities which are unknown. Varying the derived log g and TefF values 

gave typical variations in abundance of up to 0.2 dex for changes in Teff of 200 K, or for a 

change in log g between 4.0 and 4.5.

Another significant source of error in this analysis is estimated to result from uncertain

ties in the [)lacement of the continuum during the normalisation of the spectra. Fig. 3.5 

high lights the problem of incorrect normalisation. Here the model was kept constant in 

I Ih' two frames to show the potential discrepancy due to a poor continuum placement.

I his becomes a particularly serious problem for stars with a high rsinf and for cooler
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stars which have many hnes blended together, giving the appearance of a lower continuum 

level. This is particularly troublesome in the short, curved-continuum orders in an echelle 

spectrum. Many authors have commented on the difficulty of continuum placement (e.g. 

Stiirenburg 1993, HiU 1995), which is an important factor in abundance analyses such as 

these.

When determining the correct continuum placement for the spectra, UCLSYN was used 

to calculate a solar abundance model using appropriate stellar parameters for the star 

being analysed. The solar model showed where the continuum ought to be reached, which 

was used as a guide to normahse the observed spectrum correctly. This method was found 

to yield satisfactory results for aU of the stars analysed. In determining the error associated 

with continuum placement, the observed spectrum was inspected and two “extremes'’ of 

normalisation were made, one too high, one too low. Abundances from an individual hue 

were calculated for both extremes, and half the difference between the two values was 

taken as the error on the abundance measurement. This error determination method is 

believed to be satisfactory for these data; a formal quadratic propagation of errors on 

the model atmospheres is available, but is unhkely to be the dominant source of error 

for these data  (K.C. Smith, 1997, private communication). The adopted abundance was 

taken as tha t derived from the correctly normahsed spectrum. The exception to the above 

discussion of error determination is HD 139614, whose nsinf of 24 km s“  ̂ was low enough 

to reveal the true continuum in the observed spectrum. The errors for this star (from 

the allowed variations of the model which still maintained a good fit to the profiles) were 

found to be less than those for the other stars.

Each elemental abundance, as tabulated in Table 3.5, is an error weighted logarithmic 

average of all the individual abundances derived from fits to four different spectral regions. 

Incorporating aU of the above sources of error, we estimate that the abundances tabulated 

in Table 3.5 wiU have errors of up to ±0.2 dex.

3 .1 .4  A b u n d a n c e s  and th e ir  Im p lic a t io n s

When determining the abundance of a particular element in a star, the values obtained 

from several lines in different echelle orders were considered. Those which were deemed to 

be too weak for accurate measurement, or those which were severely blended with other, 

stronger lines, were not included in the final calculation. Several elements (Fe, Mg, Mn, 

Ti, Cr, Ca) had lines from more than one ionisation stage that could be analysed. Some
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Figure 3.5: The effects of continuum placement on the fit. The lower continuum placement 

in (a) results in a relatively poor fit to the stronger lines whereas the higher continuum 

placement in (b) produces a good fit to both the weaker and stronger lines. The correction 

is not simply first order (i.e. a linear correction), but a higher order effect, requiring greater 

care to remove. The synthetic model (smooth line) is identical in both cases.
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Table 3.4: Derived iron abundances for various values of the microturbulence (<f) and 

effective tem perature (Teff), using a representative line of Fe I at A4494. Abundances are 

in dex, with 7.54 being the adopted solar abundance of iron (Biémont et al. 1991).

(km s~^)

W K )

8000 8500 9000

0 7.54 7.54 7.54

1 7.30 7.40 7.48

3 6.95 7.17 7.35

5 6.85 7.10 7.31

elements, such as those of carbon, sulphur, cobalt and nickel, had very few lines that 

could be modelled accurately. The abundances of these elements are therefore the least 

accurate of those derived. Oxygen was not included in the analysis due to the lack of 

suitable lines. Although the 0  I triplet at A7774 was covered in our spectra, the data were 

affected by fringing effects from one of the optical elements (Ryan 1995) which could not be 

satisfactorily removed during the processing of the spectra. The final abundance, relative 

to solar, listed for each element in Table 3.5 is an average from aU the lines considered 

acceptable for analysis. The number of lines used to derive each element’s abundance 

is given in parentheses. Table 3.5 also lists abundances again relative to solar for Vega 

(considered to be a mild A Bootis star, VL90) and for a true A Bootis star, 29 Cyg (again 

taken from VL90). The final column of Table 3.5 lists the solar abundances (from Anders 

and Grevesse 1989, except where stated), relative to which the abundances of the other 

stars are given. A dash in Table 3.5 indicates that an abundance was not derived, usually 

because of too high a vs'mi or because of severe line blending in the case of the later type 

stars in the analysis.

For the A3V spectral standard (and Vega-like star) a  PsA (HD 216956), the abun

dances derived for ten elements are aU solar within the uncertainties. In the case of the 

AOV spectral standard (and Vega-like star) 7 Oph (HD 161868) and to the AOVe star 

HD 141569, abundances could be derived for only three and four elements respectively, 

because of their high vsinz’s -  the abundances are close to solar values in both cases. The 

abundances of ten elements in the A8Ve Vega-Hke star HD 142666 are aU within 0.24 dex 

of solar, apart from Ni, which appears to be 0.4 dex underabundant. The A7Ve Vega-like
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star HD 139614 exhibits depletions of 0.52 dex in Si and 0.33 dex in Ca but the deple

tions of other elements are all less than 0.2 dex. The largest depletions in the sample are 

exhibited by the A5Ve Vega-like star HD 169142, which shows depletions of 0.86 dex in 

Si and 0.56 dex in Mg, although most of the remaining elements are within 0.25 dex of 

solar. A Bootis stars possess typical metal underabundances lying in the range between 

-0.5 and -2.0 dex of solar (Diev and Barzova 1995 and references therein), and the rela

tively high depletions of Mg and of Si in HD 169142 and Si in HD 139614 do fall within 

this range. A-stars are known to exhibit a range of abundances, even within the “normal” 

A-star category (Holweger, Gigas and Steffan 1986) and most of the other abundances 

found here are not in excess of usual variations seen amongst normal A-type dwarf stars. 

The average stellar metallicities hsted in the final row of Table 3.5 highlight the fact that 

these Vega-like stars generally exhibit “normal” met alii cities. Venn and Lambert (1990) 

suggested a link between the depletions in A Bootis stars and those found in the inter

stellar medium (ISM). They noted that the pattern of depletion observed in A Boo stars 

could be correlated to that seen in the ISM, suggesting that some of the heavy elements in 

the circumstellar environment of these stars has accreted onto grain surfaces. No similar 

patterns were found in our sample of Vega-like stars. In view of the significant depletions 

of Mg and Si in the photosphere of HD 169142, and of Si in HD 139614, it is interesting 

to note tha t magnesium and silicon are major constituents of silicate grains, which are 

likely to be present in the disks of Vega-like stars (Sylvester et al. 1996). The observed 

photospheric depletions of these elements might be due to their residing in circumstellar 

silicate grains. HD 169142 indeed exhibits an ISfim silicate emission feature (Sylvester et 

al. 1996) while the mid-infrared spectrum of HD 139614 has yet to be measured. However, 

the absence of any significant depletion of Ca, Ti or Fe in the photospheres of these stars 

is puzzling, since these elements are normally even more depleted than Mg and Si. , 

Gonzalez (1997) has suggested that a metal enrichment of some stars could be caused 

by infaUing planetary bodies “polluting” the stellar photosphere. No such enrichment has 

been found in these systems.
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Table 3.5; Derived abundances. Each entry indicates the element’s logarithmic abundance, relative to the solar values listed in the final column 

(the solar values are on a scale here 11=12.00). The numbers in parentheses to the right of each abundance entry represent the number of lines 

used in the analysis of that element.

Star(HD)
29 Cyg

AOp
Vega
AOV

Sun
G2V

141569 161868 216956 169142 139614 142666
AOVe AOV A3V A5Ve A7Ve ABVe

c - - -0.19 (2) -0.05 (2) -0.07 (2) +0.15 (3) -0.28 -0.18 8.60^
Mg 0.00 (3) -0.33 (4) 0.00 (1) -0.56 (4) -0.08 (3) -0.21 (2) -1.73 -0.84 7.58

Si - - -0.05 (2) -0.86 (2) -0.52 (2) - - - 7.55
S - - +0.05 (3) - -0.12 (3) -0.12 (3) -0.23 0.00 7.21

Ca 0.00 (2) - -0.13 (3) -0.23 (8) -0.33 (6) -0.24 (7) -1.18 -0.44 6.36
Ti +0.14 (2) -0.16 (4) -0.09 (3) -0.34 (5) -0.21 (8) -0.13 (12) -1.41 -0.45 4.99
Cr - - +0.04 (5) -0.17 (8) -0.11 (9) -0.13 (11) - - 5.67

Mn - - -0.03 (3) -0.24 (8) - -0.22 (4) - - 5.39
Fe +0.03 (2) -0.21 (4) -0.03 (>20) -0.11 (>20) -0.16 (>30) -0.03 (>30) -1.67 -0.62 7.542
Co - - - +0.12 (2) - -0.14 (2) - - 4.90
Ni - - +0.02 (2) -0.13 (2) -0.07 (2) -0.44 (3) - - 6.25

Average* 0.04 -0.23 - 0.02 -0.18 -0.17 -0.06

Note: All solar abundances taken from Anders & Grevesse (1989) except ^Grevesse (1991) and ^Biémont et al. (1991).
* - Average metallicity values. These averages do not include Si and Mg or Si in the case of HD 169142 or Si in the case of 
HD 139614, for which significant underabundances are found. See text for details.



3 .1 .5  R e la t io n  b e tw e e n  a b u n d a n ces  and IR  excess?

The programme Vega-like stars have large fractional excess IR luminosities (L /#/L*). To 

test whether there is any correlation between depletions and the L/i?/L, values

of the Vega-like stars in this sample were compared with those of A Bootis stars having 

IR excesses. The A Bootis stars were selected from those listed by King (1994) as having 

an IR excess. In addition, 29 Cyg (studied by VL90) was also included in the analysis. 

Table 3.6 lists the derived values of L//?/L,. The values for the programme stars were 

taken from Sylvester et al. (1996), except for a  PsA which was taken from Backman & 

Pares ce (1993). For the A Bootis stars, values for iT, the stellar flux, were calculated 

by integrating under a Kurucz model atmosphere, having an effective tem perature taken 

from the spectral type vs. Tgff calibration of Gray h  Corbally (1994), normalised to the 

dereddened U, B and V photometric fluxes. Values of F m ,  the observed IR excess flux, 

were derived by integrating under smooth curves fitted to the IR A S  photometric fluxes, 

after subtraction of the optically normalised stellar photospheric energy distributions.

The L//?/L* (=  Fi r / FF) values of the A Bootis stars are in the range 3xl0~^ to 

1.5x10“^, towards the bottom  end of the range shown by Vega-like stars. However, the 

possession of a value of L/fg/L* in this range by an A-type Vega-like star does not guarantee 

the presence of A Bootis type photospheric abundances - a  PsA and 7 Oph (this paper) 

and j3 Pic (Holweger and Rentzsch-Holm 1995) all have L//?/L* in this range but exhibit 

solar abundance distributions. It is not clear how this can be explained in terms of the 

accretion hypothesis, except by postulating that the accretion of depleted circumstellar 

gas has not occurred in the case of the latter stars.

The lack of pronounced photospheric depletions for those Vega-like stars in the sample 

with large values of could be due to the fact that they are aU emission-line stars

(Chapter 4) - mass outlfows from these stars may prevent the accretion of circumstellar 

gas or, if depleted circumstellar gas has been accreted, the mass motions may prevent the 

formation of a thin, stable layer with abnormal abundances at the top of the photosphere 

such as is hypothesised to be needed for the A Bootis phenomenon to be observed. It is 

interesting to note that HD 139614 and HD 169142, the two stars showing Si depletions 

have the lowest nsinfs (24 and 55 km s“  ̂ respectively; Table 3.3) amongst the six A-type 

stars for which abundances have been derived. These two Ae stars also exhibit single

peaked Baimer emission line profiles, while the other two Ae stars in Table 3.5 exhibit 1) 

no Ho; emission (HD 216956, an MK standard) and 2) a highly asymmetric double-peaked
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Table 3.6: Fractional excess IR luminosities (L//?/L*) of a selection of Vega-like stars, 

including all those in the programme sampleand those in the abundance analysis. Some 

A Bootis stars are shown for comparison.

HD SAO Name Type L/iî/L* Ref.

39060 234134 ,3 Pic A5V 2.6 xlO-3 1

23362 111388 K2V 7.9 xlO-4 2

35187 77144 A2Ve 0.14 2

98800 179815 K5Ve 0.084 2

123160 158350 G5V 4.4 xlO-3 2

135344 206462 F4Ve 0.64 2

139614 226057 A7Ve 0.39 2

141569 140789 AOVe 8.4 xlO-3 2

142666 183956 A8Ve 0.34 2

143006 183986 G5Ve 0.56 2

158643 158350 B9.5Ve 0.028 2

161868 122754 7 Oph AOV 4.2 xlO -s 3

169142 186777 A5Ve 0.24 4

172167 67174 Vega AOV 2.3 xlO-5 1

216956 191524 a  PsA A3V 8 xlO-5 5

A Bootis Stars

31295 94201 7T̂ Ori A2V 7.4 xlO -s 3

111604 63217 A3V 4.7 xlO-4 3

125162 44965 A Boo AOV 2.6 xlO-5 3

150177 141298 F3V 1.5 xlO-3 3

188728 105438 4> Aql AlIV 2.0 xlO-4 3

192640 69674 29 Cyg AOp 1.4 xlO-3 3

1 - Sylvester, Barlow & Skinner (1992)

2 - Sylvester et al. (1996)

3 - This work, see text for details.

4 - Sylvester, Skinner &: Barlow (1997)

5 - Backman &: Paresce (1993)
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profile (HD 142666, see Chapter 4). The low usinfs and single-peaked emission profiles of 

HD 139614 and HD 169142 suggest that they may be being seen closer to pole-on than is 

the case for the other stars, though whether this is related to the fact that thay show Si 

and Mg depletions is not clear.

3.2 Narrow Interstellar and Circumstellar absorption com 

ponents

The presence of IR excesses due to dust emission around the programme stars implies 

tha t some unknown quantity of gas should also be present in their circumstellar environ

ments. The Vega-like prototype, /? Pic, first had its dust-disk imaged by Smith Terrile 

(1984). A gaseous absorption counterpart to this edge-on disk was discovered at visible 

wavelengths by Hobbs et al. (1985) and at ultra-violet wavelengths by Kondo &; Bruh- 

weiler (1984). Since then, many studies have been carried out of similar stars suspected 

of having circumstellar material, namely infrared excess stars and sheU stars (e.g. Hobbs 

1986, Lagrange-Henri et al. 1990, Holweger & Rentzsch-Holm 1995). In general, very few 

positive detections of gaseous absorption components around these stars have been made. 

Lagrange-Henri et al. (1990) studied 49 stars in a search for (3 Pic-like objects, and found 

only 6 stars that had evidence for circumstellar gas. Holweger & Rentzsch-Holm (1995) 

found that a higher percentage (30%) of their sample of shell stars and A Bootis stars had 

circumstellar absorption components, but they did state that their sample was incomplete 

and biased towards objects well known to have circumstellar material, such as (3 Pic and 

51 Oph. Overall, a lack of detected gas absorption in the circumstellar environment is ap

parent. In an effort to expand the sample of infrared excess stars studied for the presence 

of circumstellar gas absorption, the Ca il K and Na I D lines of the programme stars have 

been analysed here.

Narrow absorption lines in one or both of the Ca K or Na D regions were found 

for 7 of the 14 stars analysed (the wavelength coverage of the spectra of HD 23362 and 

HD 35187 did not extend to the Ca II  K line). The properties of the observed components 

are listed in Table 3.7, with upper limits corresponding to a non-detection of a narrow 

absorption component. IS/ CS gives an interpretation of the origin of the narrow absorption 

components, either interstellar (IS) or circumstellar (CS).
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Figure 3.6: Close-ups of narrow absorption lines seen in the Ca II K and Na I D] lines. 

The vertical dashed line indicates the radial velocity of the star. For HD 161868, the 0  

symbols indicate telluric lines, while the tick mark shows the corresponding velocity of the 

component seen in Ca K.
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Table 3.7: Equivalent widths (in mÂ) and heliocentric velocities (in km s of the narrow absorption lines present in the spectra of the 

programme stars. Upper limits are given where absorption was not visible. For figures in brackets (HD 135344), see text.

-1
o

Star Na I Di Na I D2 Ca II K IS/CS?

HD SAO EW V® EW v© EW V©

35187 77144 79±3 21.810.3 12515 21.710.4 Not available IS

135344 206462 (33±10) (-17.911.3) (4018) (-18.412.5) < T 8 - IS

141569 140789 102±3 -13.311.3 11013 -13.512.5 11.410.9 -15.813.0 IS

142666 183956 233±4 -12.812.5 28216 -14.212.5 23.212.4 -12.611.5 IS

144432 184124 19.14:2.1 -21.512.5 31.011.1 -21.611.3 < 2^ - IS?

// // 20.411.8 -10.011.3 41.111.2 -10.112.5 - - IS?

// // 0.910.2 -9113 0.910.2 -9513 4.912.1 -9513 CS

158643 185470 13.211.0 -19.011.3 19.511.2 -20.411.3 21.710.6 -20.511.5 C S lIS

161868 122754 < 2 .7 - < 2J - 6.710.4 -31.211.5 IS



W ith just a single observation, it can be virtually impossible to distinguish a circum

stellar line from an interstellar one. Definitive identifications can be made with the help of 

multiple observations of the same line - variations of the line would indicate a circumstellar 

origin. The simultaneous detection of narrow absorption components at the same veloc

ities from excited state lines would also indicate the presence of circumstellar material, 

as would the presence of absorption components at highly shifted velocities. (5 Pic has a 

strong, saturated stable circumstellar Ca K component centred on the radial velocity of 

the star (e.g. Crawford et al. 1994). This stable Une is considered to be the result of 

absorption due to its disk - because it is edge-on, there should be no offset to the radial 

velocity of this component. Should other disks also be observed edge-on, similar compo

nents centered on the stellar hehocentric velocity should be observed. The presence of 

some or all of the above indicators would go some way to a positive identification of cool 

circumstellar gas and these criteria have been used in assessing the origin of some of these 

lines.

The lines-of-sight to many stars will also cross areas of space that are host to inter

stellar material. This material can be detected in the form of narrow absorption hnes 

(superimposed on the broad stellar hnes) which can be virtuaUy indistinguishable from 

those of circumstehar origin. One way of checking the probabihty of hnes being intersteUar 

is to observe adjacent hnes-of-sight to the target star in order to look for correlated veloc

ity structure. This method can be extremely time-consuming. However, many intersteUar 

clouds and regions have already been observed and mapped, e.g. by Dame et al. (1987) 

in CO. If the hnes-of-sight pass close to, or through, a known intersteUar region, then 

correspondences between velocities can be looked for. For some stars, this has been done 

by comparing velocities calculated from the work of Dame et al. (1987) or from LaUement 

et al. (1995) for the Local IntersteUar Cloud (LIC) and G-clouds. An identification with 

intersteUar material is made where there is evidence for a correlation between the pre

dicted and observed velocities, or where there is no other evidence suggesting the presence 

of circumsteUar material.

3.2.1 H D  35187 (SAO 77144)

The wavelength coverage of the spectra of this star did not encompass the Ca II K line. 

The Na i D hnes have previously been observed by Grady et al. (1996), who noted a 

single narrow absorption in the core of the stellar hne. Our data confirms this observation
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and notes no additional CS line. The velocity of the single line seen here (Fig. 4.1(a)iii) is 

21.7km s~^, consistent with that of the Taurus dark cloud. Zuckerman (1994) also noted 

the association of HD 35187 with this region and we conclude that the line is of interstellar 

origin. See Chapter 4 for a fuller discussion of these interstellar lines.

3.2.2 H D  135344 (SAO 206462)

Whilst no narrow Ca ll K absorption components can be seen (Fig. 4.5e), the Na i D lines 

show emission within the core (Fig. 4.4h). Bluewards of this emission there is evidence 

of narrow absorption. This area of the spectrum was heavily contaminated by telluric 

water lines, and the residuals of the division by an atmospheric standard star can be 

seen either side of the stellar Na i D lines themselves (Fig. 4.4h). Careful inspection of the 

original raw spectra of HD 135344 and of an atmospheric standard star (HR 8425) indicates 

tha t the coincidence in velocities, -18km  s“ ^, of the very narrow D% and D] absorption 

components cannot be attributed to coincident telluric absorption lines. The asymmetry 

of the central Na I D emission component and the narrowness of the -18 km s~^ absorption 

component (Fig. 3.7) leads us to the interpretation that the latter is due to a circumstellar 

or interstellar absorption component. The velocity of the line does not correspond to that 

predicted for either the LIC or the G-clouds in the local solar environment (LaUement 

et al. 1995), and the equivalent widths of the hnes indicate that they are too strong to 

originate from these low density clouds anyway. The star is 84 pc distant so it is possible 

tha t the Une-of-sight intersects an intersteUar cloud beyond the LIC and G clouds. Since 

narrow circumsteUar absorption components are usuaUy stronger in the Ca II K Une than 

in the Na I D Unes, an “unknown, but probably intersteUar” origin is assigned to the Une.

3.2.3 H D  141569 (SAO 140789)

This star shows a clear narrow blue-shifted absorption in the core of the steUar Ca II K 

line (Fig. 3.6a). There is a possible indication of an additional component in its blue 

wing, but this is difficult to confirm in the noise. Matched in velocity to the Ca II K is the 

absorption seen in Na I D (Fig. 3.6b). The Na D Unes are very strong and prominent, and 

the observed ratio of the strength of the Na D lines to the Ca II K Une is consistent with 

tha t observed in relatively dense intersteUar clouds, where much of the Ca is interpreted 

as having accreted onto grain surfaces. Since the star is at a distance of almost lOOpc, it 

seems likely that the observed absorption line is of intersteUar, rather than circumsteUar,

72



.95
0)

cü
•a
Ü)
OJ

'V-'

.85

- 1 0 0  - 5 0  0 50
H e l i o c e n t r i c  V e lo c i ty  ( k m / s )

100

Figure 3.7: The Na i D] region of HD 135344. The dashed line corresponds to the radial 

velocity of the star. The tick mark indicates the possible narrow absorption component.

origin.

3 .2 .4  H D  142666  (SAO 183956)

There is a narrow absorption component in the core of the Ca II K stellar profile ( Fig. 3.6c), 

matched in velocity to a narrow absorption component seen in the Na I D lines (Fig. 3.6d). 

There is a slight asymmetry in the blue wing of the narrow Na I D absorption component, 

possibly indicating another unresolved component. Like HD 141569, the Na D lines are far 

stronger than that of C a ll K, suggesting that the hnes originate from a relatively dense 

interstellar cloud.

3 .2 .5  H D  143006 (SAO 183986)

This star shows an asymmetry in its Ca ii K core emission (Fig. 4.5g), interpreted as an 

absorption on the blue side of the emission peak. The Na i D absorption profile (Fig. 4.4j) 

also shows a sharp narrow absorption to the blue of the absorption core. Because of the 

uncertainty involved in trying to separate the stellar component of the Ca II K and Na I D 

lines from the non-stellar component, no attempt at measurement of the velocity or the 

équivalent width of any narrow absorption component has been made. However, since
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HD 143006 is 82 pc distant (Sylvester et al. 1996), it is likely that any narrow absorption 

present will be of interstellar origin.

3 .2 .6  H D  144432 (SA O  184124)

The Na I D hnes of this star exhibit strong P Cygni profiles (Fig, 4.1(e)iii). Within 

this profile are two narrow absorption hnes (Fig. 3.8) whose velocities and equivalent 

widths are hsted in Table 3.7 (A smooth “envelope” , approximating to a straight hne 

over the narrow absorption components was used to normahse out the stehar hne in order 

to measure the equivalent widths). In addition to these components, the blue-shifted 

absorption part of the P Cygni profile also shows the suggestion of a narrow component in 

its core. The corresponding hehocentric velocities are -91±3 km s“  ̂ for the D% hne and 

-954:3 km s“  ̂ for the Dg hne. A very weak component at -954:3 km s“  ̂ is also visible in 

the Ca II K hne (Fig. 4.3). The velocity of this narrow component is far too high to be of 

interstehar origin and it is therefore concluded that it is caused by fast outflowing material 

in the circumstehar environment. The equivalent widths of the Di and D2 hnes are equal 

within the errors, which suggests that the hne is saturated. This could be explained by the 

presence of clumpy material in the outflow whose covering factor of the background star in 

the hne of sight is smaU. A similar effect has been modeUed for (5 Pic by Lagrange-Henri 

et al. (1992), who have argued that in some cases the absorbing clouds are clumpy with 

respect to the stehar surface.

The origin of the other two narrow absorption components that he at -21.5 km s“  ̂ and 

-10.0km  s“ \  between the absorption and emission peaks, is not so certain. Although the 

possibihty that they originate in the near-stehar environment cannot be discounted, es

pecially because of the presence of P Cygni profiles indicating circumsteUar outflow, an 

interstehar origin cannot be overlooked. Because the star is 253 pc distant (ESA 1997) it 

is hkely that at least one of these components is intersteUar. The fact that these com

ponents are not visible in Ca ll K also supports an intersteUar origin, since circumsteUar 

components are usuaUy seen more strongly in Ca II K than in the Na I D hnes.
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Table 3.8: Fe II lines exhibiting a narrow absorption component in their profiles in the spectrum of 51 Oph.

Wavelength Equivalent width (mÂ) V@ (km s - i) Excitation Potential (eV) log gf Ref.

438G.585 4.3T0.4 -18.51 ±1.25 2.583 -4.945 [

4549.474 2.2T0.3 -16.59±0.42 2.828 -1.957 2

4583.837 2.8T 0.2 -17.00±0.50 2.807 -1.802 2

4923.927 5.7T0.6 -16.50±1.25 2.891 -1.559 2

1 - Kurucz (1988)

2 - Fuhr, Martin & Weise (1988)



Table 3.9: Heliocentric velocities (km s and total equivalent widths (mÂ) for the narrow interstellar/circumstellar components seen in 51 Oph. 

The Na i D measurements correspond to the D2 line, while the Fe II line is at 4583Â.

This work 

R = 44 000

Bertin et al. (1993) 

R = 100000

Crawford et al.(1996) 

R =860 000

C a l l

EW

Na I 

EW

Fe II

EW

Ca II Na I 

EW F© EW

Ca II

y© EW

œ -29.18T0.14

-26.9T1.0 -26.9T1.0 -25.02i0.10

-20.5±1.5 21.7±0.6 -20.4±1.3 19.5±1.2 -17.0T0.5 2.8T0.2 -21.3±1.0 20i3"' -21.3±1.0 18i5* -21.22i0 .05 20.32i0.55

- l e .o i i .o  - l e .o i i .o  - 20.29i 0.03

-15.83i0.08

Notes: * - the equivalent widths were taken from Lagrange-Henri et al. (1990), the original source of the data analysed by 

Bertin et al. (1993).



3 .2 .7  H D  158643  (S A G  185470 , 51 O ph)

51 Oph is a very well studied object. The spectrum here, obtained with a resolving 

power of 44 000, can resolve only one component in the Ca II K line, but asymmetries 

in the line suggest additional, unresolved components (Fig. 3.6e). Lagrange-Henri et al. 

(1990), using a resolving power of 100 000, resolved the Hne into 3 components, which were 

subsequently modelled by Bertin et al. (1993). More recently, the Ca ll K line has been 

studied by Crawford, Craig and Welsh (1997) with ultra-high resolution (R = 860 000). 

They found tha t 5 components were required to fit their data accurately. Their spectrum 

is reproduced in Fig. 3.9b (Crawford, personal communication) along with the UCLES 

spectrum obtained during the current work (Fig. 3.9a). The full structure of the line is 

clearly resolved in the UHRF spectrum, revealing substructure hidden within the UCLES 

spectrum. Evidence for a circumstellar origin for some of these lines can be found in the 

detection of narrow absorption components in Fe li hnes (Table 3.8 and Fig. 3.9c and d) 

which correlate in velocity to each other, and to some of the components observed in the 

Ca II K line (Table 3.9). Since the Fe ll lines are excited-state lines and are not found in 

the interstellar medium, they must be of circumstellar origin. The UCLES profiles of the 

Fe II A4583 and Ca li K lines are plotted over the Ca ll K UHRF data of Crawford et al. 

in Fig. 3.9e. By inspection, it is clear tha t the Fe ii line straddles the two most redward 

of the Ca II K components, implying a circumstellar origin for both of these components 

also. The properties of these components are listed in Table 3.9. The Fe ll line also shows 

evidence of asymmetry in its blue wing. This asymmetry is present in all of the Fe II lines, 

implying that the feature is real and suggestive of additional components within the lines. 

Again, from inspection of Fig. 3.9e, the material causing the central component in the 

Ca II K line appears to be contributing to the Fe ll lines. From this it is concluded tha t 

the central component in the UHRF spectrum of the Ca ll K line is also circumstellar.

A narrow absorption component is visible in the Na I D lines of 51 Oph (Fig. 3.6f). 

This has been observed previously by Lagrange-Henri et al (1990), whose data  suggest 

three components, which cannot be seen in this lower resolution data. The velocities of 

the Na I D and Ca II K lines match within the errors (Table 3.9). Because of this, and the 

discussion above, a circumstellar origin is ascribed to at least some of the material causing 

the Na I absorption. Higher resolution UHRF observations are needed to reveal the full 

structure of the Na I D lines.

The blueward component in the Ca II K line in Crawford et al’s (1997) data  (Fig. 3.9)
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was best fit by them with 2 lines. The velocities of these lines match extremely well with 

those expected for the LIC and G clouds in this direction. The strengths of the lines also 

support a local interstellar origin, and Crawford et al. (1997) do indeed identify these 

components as arising from the LIC (-25.0 km s“^) and G (-29.2 km s~^) interstellar 

clouds.

3 .2 .8  H D  161868  (SA O  122754 , 7  O ph)

A clear narrow absorption line near the centre of the core of the stellar Ca II K line is 

seen (Fig. 3.6g). This component was also observed and modelled by Bertin et al. (1993), 

with their velocity and equivalent width matching well with those found here (Table 3.7). 

Crawford et al. (1997) have obtained ultra-high resolution observations of this line and find 

tha t it resolves into two components. Bertin et al. (1993) also found a corresponding line 

in their Na i D data, but it could not be seen in the spectrum here due to contamination by 

telluric lines, even after division by an atmospheric standard stellar spectrum. Although 

the strengths of these lines are consistent with the LIC and G clouds, their velocities are 

not (Lallement et al. 1995). It is probable that other local interstellar material is causing 

the lines seen towards 7 Oph.

3 .2 .9  O th er  Stars

No harrow absorption components can be seen in either the Ca i l  K or the Na I D line 

profiles of HD 23362 (SAO 111388), HD 98800 (SAO 179815), HD 123160 (SAO 158350), 

HD 139614 (SAO 226057), HD 169142 (SAO 186777) and HD 216956 (SAO 191524, 

a PsA).

80



Chapter 4

Em ission line characteristics and a 

further study of HD 35187

4.1 Emission Line Characteristics

From their Infrared properties and spectral types, this sample of stars have been classified 

as Vega-like main sequence objects. The very large infrared excesses associated with a 

number of these Vega-Uke stars (Sylvester et al. 1996) suggest, however, that they may 

be very young and so it seems natural to compare some of the characteristics observed 

in their optical spectra with those of other young objects, namely the pre-main sequence 

Herbig Ae/Be stars and their lower mass counterparts, the T Tauri stars. In this section 

the emission line characteristics of the complete sample of stars are studied and similarities 

(where appropriate) with the above pre-main sequence objects are highlighted.

4 .1 .1  T h e  earlier  ty p e  stars - B 9 .5  to  A 9

The closest spectroscopic similarities to the earlier-type Vega-like stars are exhibited by 

the class of Herbig Ae/Be (HAeBe) stars. Emission lines in the spectra of HAeBe stars 

have been extensively studied (see Catala 1989 for a general review). In particular, lines of 

Ha, Na i D, He i 5876Â (e.g Finkenzeller and Mundt 1984, Bohm and Catala 1995, Grady 

et al. 1996), [0 i] 6300Â (e.g. Finkenzeller and Mundt 1984), and the Ca ll IR triplet (e.g. 

Bohm and Catala 1995) have been studied as indicators of activity (specifically, emission 

lines being present). Finkenzeller and Mundt (1984) conducted an extensive survey of 

the H a, Na i D and He I profiles of 57 HAeBe or HAeBe candidates. They found that 

the Ha profiles could be split into three categories: single-peaked emission profiles (s).
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double-peaked profiles (d) and those exhibiting P Cygni profiles (p). Of their sample, 

25% were (s), 50% were (d) and 20% were (p). The remaining 5% had peculiar profiles 

and could not be placed into any of the above categories. Of the nine B and A stars in 

this sample that show IR excesses, two show no emission hnes (the spectral standards, 

a  PsA and 7 Oph), four show double-peaked structures, two show single-peaked profiles 

and the remaining star (HD 144432) shows a P Cygni profile in its Ha hne (Fig 4.1(e)i). 

The actual cause of the velocity structure remains uncertain. A P Cygni profile gives a 

definite indication of outflow, but single and double peaks have a more uncertain origin, 

although the double-peak structure has been described in terms of a rotating, expanding 

envelope seen closer to edge-on than pole-on (Marlborough, 1969, 1970). Finkenzeller and 

Mundt (1984) noted that stars which showed single or double-peaked emission in the Ha 

hne rarely exhibited Na I D emission. Contrary to this, this work finds that the two stars 

with single-peaked Ha profiles both show emission in the core of the sodium doublet. This 

sample is far from complete, and the fact tha t both of the double-peaked Ha stars show 

sodium emission may be a fortuitous coincidence. It is also noted that the resolution of 

FinkenzeUer and Mundt (1984) is lower than this data. By degrading these spectra to 

their resolution of 0.35Â (at Ha) it is found that the Na I D emission of HD 139614 is 

undetectable, but that of HD 169142 remains clearly visible. HAeBe stars often show signs 

of variability, sometimes dramatic and on a short time scale. Do the Vega-like stars also 

show similar emission-line variability? Very few optical spectra of these stars have been 

published and therefore the nature of any emission-line variability present in these stars 

cannot be determined. Further observation of lines such as H a and the sodium doublet 

are essential if this question is to be answered. It may well shed light on the differences, or 

instead show even greater similarities, between the Herbig Ae/Be stars and the Vega-like 

stars.

Details of the emission lines observed and the profiles they exhibit are given in Ta

ble 4.1. Table 4.2 details the velocities of the components highlighted in Fig. 4.1. A 

description of each individual star follows, highlighting their most interesting features.
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Figure 4.1: Indications of activity in the lines of Ho (i), He I A5876 (ii) and Na D (iii), 

for (a) HD .45187 (A2/3 IV/Ve), (b) HD 139614 (A7Ve) and (c) HD 141569 (AOVe). 

44ck marks correspond to the velocities tabulated in Table 4.2. Velocities have not been 

corrected for the radial velocitv of the star.
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Figure 4.1: Cont. Indications of activity in the lines of Ho (i), He I A5876 (ii) and Na D 

(iii), for (d) HD 1426GÜ (A8Ve), (e) HD 144432 (A9/F0Ve) and (f) HD 158643 (51 Oph,

HO.oVe). Tick marks correspond to the velocities tabulated in Table 4.2. Velocities have 

not been corrected for the radial velocitv of the star.
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Figure 4.1: Cont. Indications of activity in the lines of Ho (i), He l A5876 (ii) and Na D 

(iii), for (g) HD 196142 (A5Ve). Tick marks correspond to the velocities tabulated in 

Table 4.2. Velocities have not been corrected for the radial velocitv of the star.
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Figure 4.2: Components of the Ca II IR triplet in (a) HD 158643 (51 Oph, B9.5Ve) and 

(b) HD 144432 (A9/F0Ve). (i) 8662Â, (ii) 8498À (A8542Â is only partiaUy visible in

the order). The ±2%, high-spatial-frequency component is due to fringing which, during 

1994, afflicted the spectrograph around the region of the Ca IR triplet. Velocities have 

not been corrected for the radial velocity of the star.
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Table 4.1; Emission line characteristics of the earlier type stars in the sample and their properties.

00-a

Star Spectral Ha Na I D He 1 Ca Triplet

HD_ SAO Type Type^ Peaks^ Type^ Type^ Type^

35187 77144 A2/3 IV/Ve d V>R abs abs —

139614 226057 A7Ve s — core d —

141569 140789 AOVe d V>R abs — —

142666 183956 A8Ve d V<R — abs —

144432 184124 A9/F0Ve P — P d P

158643 185470 B9.5Ve d V <R abs — d

169142 186777 A5Ve s — core d —

Notes to Table 4.1:

1. d - double peak, s - single peak, p - P Cygni profile, core - core

emission with peak not exceeding the surrounding continuum, abs - absorption 

in excess of that expected for its spectral type.

2. V and R refer to the violet and red peaks of the double peaked emission 

respectively. This column indicates which of the peaks is higher relative to the 

surrounding continuum than the other.



Table 4.2: Heliocentric velocities (in km s“ ^) of line components shown in Figure 4.1. The velocities correspond to the tick marks shown in 

that figure. Errors on the measurements are typically ±1.5 km s~^. The measurements for V@ come from an analysis of several lines in the 

4100-4500 Â region.

oo
oo

Star

V©HD SAO Ho He I Na 1)2

35187 77144 25±7 -48.5 +27.9 +73.7 +21.5 -9.3

139614 226057 3±3 -0.4 -58.3 -7.2 +31.1 +2.7

141569 140789 -6±5 -135.4 -9.0 +  107.1 -148.4*

142666 183956 3±1 -190.0 -126.7 + 22.6 + 13.6 -6.9

144432 184124 2±2 - 212.8 -126.6 +30.2 -119.3 - 12.0 + 113.8 -159.5 -80.4 +3.7

158643 185470 -20±3 -114.8 -26.7 +53.6 -90.5 -23.3

169142 186777 -3±2 -23.3 -67.4 -25.2 +40.1 —3.1

- This is a tentative measurement of a shallow line in the spectrum.



4.1.1.1 H D 35187 (SAO 77144)

This A2/3 IV/Ve star has previously been observed by Zuckerman (1994), Grady et al. 

(1996) and Bohm and Catala (1995), who all discuss the Ha hne profile. HD 35187 is a 

binary star and it is likely that the spectra of all the above mentioned work is a combination 

of the two stars, and not HD 35187 alone. This spectrum is also a combination of the 

two stars. The Ha profile observed here is clearly different from the observations reported 

by the first two of these papers. Although still a double-peaked structure, as found in 

these observations, the depth of the central absorption is less pronounced (Fig. 4 .1(a)i). 

The H a observations of Zuckerman (1994) and Grady et al. (1996) both showed the 

absorption dipping below the surrounding continuum level, whilst these observations show 

the absorption minimum to be only just below the highest emission points. The OAN 

resolving power of 15,000 is lower than tha t of Grady et al. (R=26,000) and Zuckerman 

(R~40,000), but the difference between their Ha profiles and the one presented here is 

too large to be caused by differences in resolving power alone. Bohm and Catala (1995) 

also observed the Ha profile of this star, at a resolution higher than that of Grady et al. 

or Zuckerman and stated it to be single-peaked.

The He I A5876 hne is also variable. In Fig. 4.1(a)ii, a substantial absorption profile 

can be seen. However, both Grady et al. (1996) and Bohm and Catala (1995) found no 

evidence for either absorption or emission in their higher resolution spectra. This star has 

previously been studied as a Herbig Ae/Be star (Grady et al. 1996, Bohm and Catala 

1995) so variabihty in some hnes should not be surprising. If it truly belongs in the 

category of HAeBe stars, rather than to the field Vega-hke stars, our study highhghts the 

similarities between the two classes, since inspection of the emission hne profiles presented 

here does not reveal any striking differences between this star and the rest of the sample of 

field Vega-hke stars in this work. The Na I D hnes show a normal photospheric absorption 

profile. HD 35187 is discussed in greater detail in Section 4.2.

4.1.1.2  HD 139614 (SAO 226057)

This A7Ve star (Fig. 4.1) is one of two stars that show single-peaked emission in their Ha 

hne, the other being HD 169142 (Fig. 4.1(g)i) and Section 4.1.1.7). These two stars have 

the lowest values of vs'mi amongst the A-type stars in this sample (24 and 55km s~^ re

spectively), indicating that the stars and the disks are possibly being observed close to 

pole-on. A weak core emission is seen in the Na I D hnes, centred on the hehocentric ve-
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Table 4.3: Equivalent widths of the Ha. He I and Na D lines (excluding the interstellar 

lines present) shown in Figure 3. Errors are a maximum of 0.05Â for He I and Na D, 

0.15 Â for Ha. Ha(Res.) indicates the equivalent width of the emission after division by 

a model photosphere appropriate to its spectral type.

Star Spectral

Type

Equivalent Width (Â)

HD SAO Ha Ha(Res.) He I Na Di Na D2

35187 77144 A2/3 IV/Ve -4.74 - 22.0 0.23 0.19 0.22

139614 226057 A7Ve -6.69 -21.9 -0.19 0.25 0.29

141569 140789 AOVe -5.51 - 11.2 — 0.15 0.16

142666 183956 A8Ve -3.23 -10.7 0.11 0.27 0.29

144432 .184124 A9/F0Ve -9.00 -19.0 - 0.10 0.19 0.27

- 0.02 -0.06

158643 185470 B9.5Ve -2.84 -7.1 0.09 0.15 0.19

169142 186777 A5Ve -13.97 -30.8 -0.28 0.21 0.24

locity of the star (Fig. 4.1(b)iii). The He I line shows evidence of double-peaked emission 

(Fig. 4.1(b)ii), highly unusual for a star of this spectral type. A normal absorption profile 

is exhibited by the Ca ll A8498 triplet line.

4.1 .1 .3  H D 141569 (SAO 140789)

This AOVe star shows a double-peaked H a line, with the absorption almost centered on the 

heliocentric velocity of the star (Fig. 4.1(c)i). The Ha line of this star has previously been 

studied for variability by Andrillat, Jaschek and Jaschek (1990) who considered it to be 

a “quiescent” Herbig Ae/Be object. They found a velocity separation of the two peaks of 

274 km s“  ̂ which is close to our value of 242 km s“  ̂ (Table 4.2). The broad, stellar sodium 

lines of this star (Fig. 4.1(c)iii) appear, at first glance, to be normal. But comparison with 

the LTE model for this star from Chapter 3 using the usinf determined from other fines 

(Table 2.1) shows that the photospheric fines should be far broader and less deep than 

those observed. It is possible that this is due to the presence of additional circumstellar 

absorption. The central absorption velocity of the stellar fine is highly blueshifted with 

respect to the star, implying an outflow of material. The blue wings of the D2 fine extend 

up to -300 to -400 km s“ T The two doublet fines do not, however, have the same velocity.
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with the D2 line having a central absorption velocity over 100 km more negative than 

the Di line. This difference is too large to be attributable to cahbration errors. The 

broad D% and D2 equivalent widths (Table 4.3) are identical within the errors, which is 

also unexpected. The double-peaked Ha profile of HD 141569 most closely resembles that 

shown by HD 158643 (51 Oph. Fig. 4.1(f)i) and it is noteworthy that these two stars exhibit 

the highest values of usinz in our sample. 236 and 267km s~^ respectively (Table 2.1). It 

seems Ukely tha t in both cases the circumstellar lines originate from a rotating disk seen 

close to edge-on. Nothing unusual is seen in the Ca IR triplet hnes.

4.1 .1 .4  H D  142666 (SAO 183956)

This ASVe star was classed as a probable HAeBe star by Gregorio-Hetem et al. (1992), 

but is not associated with any obscured region or nebulosity. These spectra show a double

peaked Ha profile (Fig. 4.1(d)i), with a highly blueshifted absorption, suggesting outflow 

of material. The Na I D hne shows no abnormahties, and neither does the calcium triplet. 

There appears to be activity in the region of formation of the He I hne with a possible 

inverse P Cygni profile present, despite the fact that He I is not expected to be present at 

the effective temperature of this AS type star. No other hne in the close proximity of the 

He I hne is expected to be as strong as the profile that is seen.

4.1.1.5  H D 144432 (SAO 184124)

This (A9/F0)Ve star shows probably the most interesting profiles of the sample. A P Cygni 

profile is seen in the Ha line (Fig. 4.1(e)i), with the highest blueshifted absorption velocity 

amongst the stars studied. A P Cygni profile is also observed in the Na I D hnes, but 

with a more complex structure. Close examination of the D% hne shows the possibilty 

of an additidnal absorption, redshifted with respect to the emission, at positive velocities 

relative to the star (Fig. 4.1(e)iii). This absorption can also be seen, more weakly, in the 

D2 hne. Such a profile is unexpected, but could perhaps be explained by the presence 

of both a disk and an envelope in the circumsteUar environment. It is conceivable that 

the blue-shifted absorption is due to an expanding envelope, inside which resides a disk 

of material, accreting m atter onto the star. The idea of a disk and envelope co-existing 

is not new. Such a scenario has been put forward to explain the IR excesses observed for 

the Group II class of HAeBe stars (Hillenbrand et al. 1992).

A P Cygni profile is also seen in the Ca II IR triplet hnes (Fig. 4.2b). The equivalent
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widths for the two wholly visible lines are A849S = 84±17 mÂ and A8662 = 834:17 mÂ. The 

Ca II K line also showed evidence of a P Cygni profile (Fig. 4.3), although not as clearly. 

The class of profile for the K line was determined by dividing a synthetic model for this 

star into the observed spectrum, revealing the P Cygni profile in the lower part of Fig. 4.3. 

The actual presence of this feature is of course dependant upon the normalisation of the 

observed spectrum. The absorption trough in the lower of the two figures is sensitive to the 

placement of the continuum and therefore some caution must be placed on the resultant 

profile. Evidence of activity is also present in the He I A5876 line (Fig. 4.1(e)ii), which 

shows a double peaked emission profile.

4 .1 .1.6 H D  158643 (SAO 185470, H R  6519, 51 Oph)

This has another interesting spectrum and is the only star in the sample tha t has previously 

been classified as a shell star (e.g. Lagrange-Henri et al. 1990). 51 Oph exhibits a 

pronounced near-IR excess due to hot dust, but lacks the far-infrared excess, due to cool 

dust, that is typical of the other stars in this sample. It has the earfiest spectral type in 

this study, B9.5Ve. Double-peaked emission, showing the characteristic pointed absorption 

associated with shell stars, has been found in both the Ha and H/3 lines, with a centred 

absorption velocity (Fig. 4.1(f)i). As noted above for HD 141569, the double-peaked 

Ha profile and high usinz for 51 Oph can be interpreted as indicating tha t the emission 

originates from a disk seen nearly edge-on. Like HD 141569, the broad stellar Na I D lines 

are far too narrow and deep for a star of its class and rotational velocity (Fig. 4.1(f)iii). 

Again, this is attributed to the presence of additional absorption. Unlike HD 141569, there 

is evidence that the He I A5876 line is in absorption (Fig. 4.1(f)ii), but shifted to negative 

velocities. The calcium triplet lines, unlike HD 141569, do show evidence of emission 

though, in the form of a double-peaked structure (Fig. 4.2a). Their equivalent widths are> 

A8498 = 151±20mÂ and A8662 = 1574:20 mÂ.

4 .1 .1 .7 HD 169142 (SAO 186777)

Like HD 139614, this A5Ve star shows single-peaked emission in Ha (Fig. 4.1(g)i) and 

also core emission in the Na D lines (Fig. 4.1(g)iii). Again, like HD 139614, the helium 

A5876 line is in emission (Fig. 4.1(g)ii). No unusual profiles are seen in the calcium lines.
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Figure 4.3: The Ca li K profile of HD 144432. The top frame shows the observed profile 

and the computed model (smooth line). The model was divided into the observed profile 

revealing the P Cygni structure in the lower frame.
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4 .1 .1 .8 H D 161868 (7 Oph) and HD 216956 {a  P sA )

These two stars show no evidence of emission or other indications of activity in their spec

tra. As mentioned previously, both stars are MK standards (AOV and A3V respectively) 

and presumably represent a more evolved type of Vega-hke star.

4 .1 .1 .9 Discussion

Amongst the earlier-type Vega-hke stars, the two stars with single-peaked Ha emission 

(HD 139614 and HD 169142), show similar profiles in their sodium, hehum and calcium 

hnes. It should also be noted that these two stars both showed photospheric under

abundances of more than 0 .5dex in sihcon (Chapter 3). As noted earher, FinkenzeUer 

and Mundt (1984) stated that no HAeBe star with single or double-peaked Ha emission 

showed emission in Na I D. By contrast, there is core Na I D emission in both of the 

\ ’ega-like stars which show a single-peaked Ha profile. This might weU be a result of 

better resolving power in this data. The consequences of variabhhty must also be taken 

into account. It is already weU known that some Herbig Ae/Be stars can show dramatic 

changes in their Une profiles, which may affect comparisions of spectroscopic properties. 

Thus far, the only star in this work which definitely shows variabihty in its Ha profile 

(HD 35187) has been classified as belonging to the Herbig Ae/Be class (Grady et al 1996, 

Bohm and Catala 1995). Three other stars of this sample (HD 141569, HD 142666 and 

HD 144432) have been suggested to be either a HAeBe star, or candidate members of the 

class (Table 1 of Thé, de Winter and Perez 1994), but do not satisfy aU of the classical 

criteria of Herbig (1960) for membership of the class.

Both of the single-peaked H a profile stars (HD 139614 and HD 169142) and the P Cygni 

Ha profile star (HD 144432) showed emission in the He I A5876 Une, whilst the three 

double-peaked H a stars (HD 35187, HD 142666 and HD 158643) showed excess He i 

A5876 absorption. No significant He I absorption or emission is predicted to be present in 

the photospheric spectra of these A-type stars (see e.g. Fig. 1 of Bohm and Catala 1995). 

The presence of excess absorption and emission in the He I A5876 line is interpreted 

as a signature of ongoing accretion in these systems, whereby impacting material leads 

to sufficiently elevated temperatures tha t net emission and absorption in the He I Une 

can result. Bohm and Catala interpreted the excess He I line fluxes in their sample of 

classical Herbig Ae/Be stars as originating at the base of an expanding chromopshere, as 

their profiles were consistent with the rotational velocity of the relevant star. Another
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suggestions is that the excess He I fluxes come from a boundary layer between the star 

and a (non-magnetic) accretion disk. Hartmann, Hewett & Calvet (1994) have proposed 

magnetospheric accretion models for T Tauri stars, in which material is funnelled along 

field lines from the inner parts of a disk to elevated latitudes in both northern and southern 

hemispheres of the star. One prediction of their models is that double-peaked Baimer- 

line emission profiles should correspond to a system observed much closer to pole-on than 

to edge-on, while single-peaked profiles would correspond to a system observed closer to 

edge-on. However, as noted above, HD 139614 and HD 169142, the two stars with the 

lowest values of vs'mi in this sample of A-type systems (and which are thus the most likely 

to be viewed pole-on), both exhibit single-peaked Hq profiles. Thus, while the presence of 

A5876 absorption and/or emission is likely to be diagnosing phenomena occurring in the 

innermost regions of the star-disk system, exact parameters remain to be derived.

a PsA and 7 Oph are A-type dwarf MK standards. They both have relatively low 

values of Lir/L* (Table 3.6) and lack any emission lines or signs of circumstellar activity. 

They may both be relatively old main sequence stars. 51 Oph is a shell star with hot 

circumstellar dust and so does not fit easily into standard scenarios connecting main 

sequence stars with cool dust disks to pre-main sequence objects which also have cool dust 

in addition to warmer material. The remainder of the A-type stars in the sample exhibit 

high activity levels and large values of L ir/L*. Although the profile correlations found for 

the Vega-like stars are different in detail to those found previously for Herbig Ae/Be stars, 

the range of shapes and properties of the emission lines are similar. The spectroscopic 

similarity between these two classes of star suggest that they share common features in 

their circumsteUar environment. Despite their spectroscopic similarities to HAeBe stars, 

particularly in their emission line characteristics, the field A-type Vega-Uke stars in this 

sample are not associated with obscured regions nor with reflection nebulae, and so they 

cannot be classified as classical HAeBe stars. Nor are these Vega-like stars associated 

with clusters, indicating typical ages somewhat older than those of classical HAeBe stars 

and their analogues found in clusters. Classical HAeBe stars are beUeved to be pre- 

main sequence, whereas the surface gravity analysis in Chapter 2 indicated main sequence 

parameters for the current sample of Vega-Uke stars. Given that the times cale to reach 

the main sequence is less than 10' years for stars with masses M  > 2Mq and less than 

3 X 10® years for M  > 3Mq (Falla and Stabler 1993), one would expect the field A stars 

in tills Vega-like sample, which are far from star forming regions, to have already reached
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the main seqence. However, the high levels of emission line activity that they exhibit and 

their large values of L i r / L *  (Table 3.6). must indicate that they are still quite young, 

possessing significant remnant disks from their formation epoch.

4 .1 .2  T h e  la ter  ty p e  stars - F 4 to  K 5

The previous section showed that Herbig Ae/Be stars and the B9-A9 Vega-like stars in this 

sample show similar spectroscopic signatures. It raises the obvious question of whether the 

later type Vega-hke stars have similar properties to the low mass counterparts to Herbig 

Ae/Be stars, namely the T Tauri stars. In the 1940’s, Joy found a number of stars with 

late spectral type exhibiting “emission hnes resembhng the solar chromosphere” . These 

objects also showed hght variations and were associated with nebulae (Joy 1945). He 

named this class of star after the brightest member, T Tauri. Their pre-main sequence 

nature is now not disputed after having been confirmed by several methods (Herbig 1962, 

Herbig 1977, Jones and Herbig 1979, Cohen and Kuhi 1979) and a large amount of work 

has been carried out on these young stars since then (see Bertout 1989 and Hartmann 

1990 for reviews of work on T Tauri stars).

Classical T Tauri stars were originahy defined by the criteria of Herbig (1962), who 

noted that a) hydrogen Baimer hnes and Ca il H and K hnes are in emission; b) anomalous 

emission in Fe I AA 4063, 4132 is often observed; c) forbidden emission hnes of [0 i] and 

:S i i ] are observed in many stars of this type; and d) the Li I A6708 absorption hne is very 

strong. Due to the variabhhty of T Tauri stars, Bastien et al. (1983) suggested tha t these 

criteria may not be fulfiUed by the stars ah of the time, and suggested the foUowing for 

membership of this class: that they lie in an obscured region, have Ha and Ca II  H and 

K emission and a spectral type later than F. Fohowing these criteria, T Tauri stars are 

seen to have broad and bright emission hnes, excess IR emission and diluted photospheric 

absorption hnes. Evidence for outflow has been found in some T Tauri stars from the 

presence of P Cygni profiles in the spectra (e.g. Hamann and Persson 1992). On occasion, 

both blue and redshifted absorption profiles appear in the same object, implying that both 

infall and outflow are occuring simultaneously. Obviously this suggests that T Tauri stars 

have a very active and complicated circumstellar environment.

The source of energy driving the emission hnes seen in T Tauri stars has been debated 

for some time. Herbig (1970) first proposed the “solar chromosphere model” , suggesting 

that the activity was similar to that seen in the solar transition region, and in the flares also
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seen from the Sun. However, later work (Calvet and Alberran 1984) showed that this model 

failed to reproduce the necessary energy requirements by one or two orders of magnitude 

for the most extreme classical T Tauri stars, although they could account for the “naked” , 

or weak, T Tauri stars sometimes observed. Advances in instrumentation and detectors 

showed that the discrepancy between the energy produced by the solar chromosphere 

model and that required to fit observation was larger than previously thought, which 

called for a new model to be considered. The major reason for the downfall of the solar 

chromosphere model was its inability to reproduce the excess IR emission associated with 

these stars. The accretion disk model is now the most widely accepted as being the 

driving source of activity, whilst simultaneously explaining the observed IR excesses. In 

this model, the IR excess arises from the disk, while the optical-UV emission also seen 

from these stars would come from a hot boundary layer where disk material accretes onto 

the surface of the star. Some of the “chromospheric” hnes such as Ha are expected to 

arise from envelopes moving away from the star (see Hartmann 1990 for further discussion 

of this topic).

T Tauri emission hnes can exhibit narrow and broad components at the same time, 

whilst some exhibit evidence for simultaneous inf ah and outflow. Hamann and Persson 

( 1992) carried out a study of 53 T Tauri stars to characterise the near-infrared spectra of 

these stars. They studied the emission from many hnes in the 6450-9210Â region, as weU 

a s  obtaining “blue” spectra to cover other important hnes such as Ca II H and Na I D 

hnes. Other optical spectroscopic work on T Tauri stars can be found in, for example, 

Franchini et al. (1992).

Here, the emission hnes seen in the spectra of the late-type sample of Vega-hke stars 

are studied, and compared to those observed by others. Table 4.4 hsts properties of the 

hnes in which emission was found, and the type of profile exhibited. The spectra of the 

stars are shown in Figs. 4.4 and 4.5. After a description of the individual stars and their 

most interesting features, the results are summarised and comparisons are made where 

possible with younger, pre-main sequence stars.



Table 4.4: Details of line characteristics for the later type stars in the sample. Heliocentric velocities (Vemis, in km s are listed for the 

emission peaks, and equivalent widths (EW, in Â) for the complete stellar Hne.

CO
00

Star Spect. Ha Na Di Na D2 C aK Ca Triplet

HD SAO Type V© VcTni. EW Vemis EW Vemis EW V emis EW Vemis EW

23362 111388 K2V - — 1.13 — 1.42 — 1.87 — — — —

98800 179815 K5Ve 12.5±0.4 -1.94 0.19 — 6.65* — 6.65* + 11.1 10.5 + 14.9 0.74

123160 158350 G5V -6.4±0.4 — 3.34 — 0.53 — 0.64 +5.3 12.98 — 0.94

135344 206462 F4Ve -3± 3 -10.45 -14.41 +7.3 0.28 +5.6 0.33 — 9.39 — 1.09

143006 143006 G5Ve -0.9T0.3 -31.0 -8.35 — 0.76 — 0.81 +3.4 12.1 -0.1 0.73

- The equivalent width is for the Di and D2 lines combined.



4 .1 .2.1 HD 23362 (SAO 111388)

The spectral coverage for this K2V star did not extend to the Ca ll H and K resonance 

hnes, but data for the Na i D region (Fig. 4.4b) and longer wavelengths are available. 

There is no evidence for emission in the H a (Fig. 4.4a) or calcium triplet hnes. In fact, 

no signs of activity are found in the spectrum of this star. In Section 2.3 the youth of this 

star was questioned, and it is again suggested that HD 23362 is not a young object.

4.1 .2 .2  HD 98800 (SAO 179815)

This is a K5V star that has been extensively studied recently (see Section 2.3 for more 

details). It shows clear signs of activity. Emission is prominent in the Ca ll K and H hnes 

(Fig. 4.5a), showing a single peak with central velocity only a few km s~^ redward of the 

hehocentric velocity of the star. Emission is also visible in the core of the calcium triplet, 

with the peak not quite reaching the continuum level (Fig. 4.5b). A hhing-in of the Ha 

hne is present (Fig. 4.4c), as noted by Fekel and Bopp (1993). The apparent very weak 

inhlhng in the cores of the Na D photospheric absorption hnes (Fig. 4.5d) can instead be 

attributed to the blending of the hnes arising from components Aa and Ba. In Section 2.3 

evidence was presented suggesting that HD 98800 is probably very young. The youth and 

activity of this star could indicate that it has a T Tauri nature. Gregorio-Hetem et al. 

(1992) completed a photometric and spectroscopic study of HD 98800 and classified it 

as a “weak-hned” T Tauri star. The lack of net Ha emission and the fact that it is not 

located in an obscured region disquahfy it from being considered as a classical T Tauri 

star according to the criterion of Bastien et al. (1983). Fekel and Bopp (1993) noted that 

its spectrum was very similar to the BY Dra class of stars, a type of flare star showing 

smaU regular variations in brightness. Most BY Dra stars are found in binary systems.

4.1 .2 .3  HD 123160 (SAO 158350)

This G5V star shows “normal” Ha (Fig. 4.4e) and Na I D hnes (Fig. 4.4f) and only weak 

Ca II K and H emission in the cores of those hnes (Fig. 4.5c). The calcium triplet hnes 

appear normal (Fig. 4.5d) and there are no other apparent signs of activity. From the 

presence of chromospheric activity and a relatively strong hthium hne (Section 2.3) this 

star appears to be a young object, but apparently has a more quiescent circumsteUar 

environment than those found around younger, T Tauri class stars.
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Figure 4.4: The Ha (left column) and Na D (right column) region of the five later type 

stars in the sample: (a,b) HD 23362 (K2), (c,d) HD 98800 (KoVe), (e,f) HD 123160 (G5V), 

(g,h) HD 135344 (F4Ve). (i.j) HD 143006 (G5Ve).
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Figure 4.5: Ca II line profiles for the later type stars of the sample. Left column: the 

Ca II II & K lines, right column: the Ca II triplet line at 8498Â. (a,b) HD 98800 (K5Ve), 

(c,d) HD 12.3160 (G5V), (e,f) HD 135344 (F4Ve), (g,h) HD 143006 (G5Ve).

101



4 .1 .2 .4  H D  135344 (SAO 206462)

This is the hottest of the stars in the later type sample (F4Ve), and shows single-peaked 

emission in the Ha (Fig. 4.4g) and H/5 hnes, with the peaks slightly blue-shifted with 

respect to the velocity of the star. The Na I D hnes, which exhibit core emission (Fig. 4.4h), 

provide the only other sign of activity in this star, although there may be some inhlhng 

of the Ca ii A8498 absorption hne (Fig. 4.5f).

4 .1 .2 .5 H D 143006 (SAO 183986)

This G5Ve star may be the youngest star in the sample (see Section 2.3). Previously 

catalogued as an emission hne star (Herbig and BeU 1988), it shows strong H a emission 

in the form of a shghtly blueshifted single peak (Fig. 4.4i). This single-peaked structure is 

also visible in the Ca II K and H hnes (Fig. 4.5g), more or less centred on the hehocentric 

velocity of the star. Core emission is also seen in the calcium triplet hnes (Fig. 4.5h).

4 .1 .2 .6 Discussion

In the smaU sample of five later-type (F4-K5) Vega-hke stars that have been observed, 

we have found one star (HD 23362, K2V) that shows no sign of activity nor of surface 

hthium  and which thus appears to be an older object than the remainder of the sample. 

The rest of the objects show indications of activity at varying levels. HD 123160 shows 

only weak emission in its Ca ll K hne, but none in the hnes of Ha or Na I D. It was 

also found to have the lowest surface hthium abundance other than HD 23362, and may 

therefore be older than the three more active late-type stars in the sample (HD 98800, 

HD 135344 and HD 143006). The hottest of the late-type stars (HD 135344, F4Ve) shows 

emission in its Ha (Fig. 4.4g) and H/? hnes, and also core emission in the Na I D hnes 

(Fig. 4.4h). HD 143006 is also active, showing emission in its H a hne (Fig. 4.4i) and in its 

Ca II K, H and triplet hnes (Fig. 4.5g and h). It also has an extremely high Li abundance 

(Table 2.4), implying that it is the youngest star in the late-type sample. Its fractional IR 

luminosity, L ir/L *=0.56  is one of the highest of the sample, putting it within the range 

of those found for T Tauri stars (e.g. see Sylvester et al. 1996, table 17). HD 98800 

also has a high fractional IR luminosity (0.24), and shows clear signs of activity through 

emission in its Ca ll K, H and triplet hnes, and hUed-in emission in its Ha hne. Once 

again, this star has a high surface hthium abundance, implying that it is very young. None 

of the late-type stars in the sample show F Cygni profiles, which would be indicative of
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outflowing material.

4.2 Further study of HD 35187 (SAO 77144)

This section reports new observations of the possible HAeBe star system HD 35187, which 

lies at a distance of 150 ±  55 pc (ESA 1997) in the Taurus molecular clouds. Although 

much of the recent work on HD 35187 has tended to assume it to be a single star, it 

has been known to be a close multiple system since the middle of the last century. The 

Washington Visual Double Star Catalogue (Worley & Douglass 1996) lists three stars in 

the system: two components of similar brightness (V % 8.5), separated by 1.3 arcsec, and 

a much fainter {V  % 15.5) component lying 8.7 arcsec from the brighter pair. The two 

brighter stars of the system have now been observed by the Hipparcos mission (ESA 1997). 

The Hipparcos Catalogue Double and Multiple Systems Annex (DMSA) lists component 

“A” as having an Hipparcos magnitude Hp =  8.734±0.017, and component “B” (the more 

northerly component) as having Hp = 8.586 ±  0.015 (note tha t the Hipparcos magnitude, 

Hp, is very similar to the Johnson V  magnitude; c.f. p.59 of Vol.l of ESA 1997). Thus, 

rather unusually, the Hipparcos catalogue has assigned the identifler ‘B’ to the brighter 

component of the pair. In order to avoid confusion, the Hipparcos nomenclature will be 

followed here, and so the northern (brighter) component will be referred to as HD 35187B, 

and the southern (fainter) component as HD 35187A. The separation of the pair is 1.386 ±  

0.005 arsec, with a position angle of 192° (DMSA).

The main aim of observing the star again was to obtain separate spectra of the two 

main components in order to determine whether both are Herbig Ae stars, and to identify 

other differences between them which may affect the interpretation of the circumsteUar 

environment. In addition, a search for circumsteUar absorption lines similar to those found 

towards the Vega-hke star (5 Pictoris was also planned.

4 .2 .1  O b serva tion s  and D a ta  R e d u c t io n

The observations were performed by Dr. Ian Crawford on 27th November 1996 with the 

3.9m Anglo-Austrahan Telescope (AAT), using the UCL écheUe spectrograph (UCLES) 

with the 79gmm~^ grating. The detector was the AAO Tektronix CCD (1024 X 1024 

24/im pixels, binned by a factor of two in the spatial direction). Two separate exposures 

were made, with central wavelengths of 4010 Â (giving incomplete spectral coverage from 

3660 to 4515Â), and 6216 Â (covering the range 5060 to 8330Â). The individual orders
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were extracted from the CCD image using the FIGARO data-reduction package (Shortridge 

1988), and background light was measured from the inter-order region and subtracted. 

Wavelength calibration was performed using the standard Th-Ar comparison lamp. The 

slit width was set to 1 arcsec, and the seeing was measured to be in the range 1.5 arcsec 

to 2.0 arcsec. The spectral resolving power, measured from the FWHM of the comparison 

lines, was R = 45,000 (6.6 km s“ ,̂ FWHM).

In order to record spectra of the two components, the slit was aligned along a position 

angle of 20°, which appeared to be the axis of the system as seen by the slit-viewing 

camera at the telescope. This angle is somewhat uncertain, because the two stars were 

not resolved in the image reflected from the slit jaws, and is rather different from the 12° 

(=  192° — 180°) given in the Hipparcos DMSA. However, given the slit width, the angular 

separation of the components, and the prevailing seeing, there is some confidence that 

most of the light from both stars entered the spectrograph.

The 1.39 arcsec separation of the two stars projects to 115 /J.m at the detector in the 

spatial direction, or 2.4 of the binned Tektronix CCD pixels (Ryan & Fish 1995, pp. 7-8). 

Figure 4.6 shows the region of échelle order 34, which contains the H a line (6562.8Â). 

It is clear from this image that bright emission in Ha is visible in only one of the two 

stars (the northern-most of the pair, henceforth HD 35187B), and is in absorption in the 

other. This clearly shows that spatially resolved spectral information has been obtained, 

even though the seeing disks of the two stars are not fully resolved. Figure 4.7 illustrates 

this by showing the eflPect of blending the seeing disks (1.5 arcsec FWHM) of two stars 

separated by 1.39 arcsec, binned down to the 0.58 arcsec pixel"^ image scale. It seems 

clear from Figure 4.7 that, by rejecting the central four rows (2.3 arcsec) of each order, it 

should be possible to obtain a spectrum of each star separately from the wings of the seeing 

profile. Careful extraction of the individual detector rows confirms that contamination of 

the spectrum of one star by the other has indeed fallen to a negligible level (<,5%) for 

angular distances ^ ± 1.2 arcsec from the centre of each order.

4 .2 .2  B a s ic  s te l lar  p a ra m eters

4 .2 .2.1 Spectral type

HD 35187 is classified as A2;V: in the latest version of the General Catalogue of MK 

Spectral Types (Buscombe 1995; where the colons mean that both the spectral sub-class 

and the luminosity class are uncertain). The spectral types of the two components have not
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Figure 4.6: CCD image of the region of the Ha line, showing clearly that Ha is in emission 

in one of the two star and in absorption in the other. Wavelength increases from left to 

right (from 6544 to 6616 Â), and north is towards the bottom.
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separated by 1.39 arcsec, and binned down to the spatial pixel scale (0.58 arcsec pixel"^ ) 

of the present observations.

previously been determined individually, and an initial inspection of the spectra revealed 

significant differences between the two stars.

In order to quantify these differences, the spectrum synthesis code UCLSYN (Smith 

1992) was used to compute local thermodynamic equihbrium (LTE) solar metahicity model 

atmospheres (utilising the code a t l a s 6;  Kurucz 1979). Initially, models were generated 

assuming Tefr = 8990 K (Gray & CorbaUy 1994); log^ = 4.1 cm s“  ̂ (AUen 1973); a 

microturbulent velocity, ^ = 3.0 km s“ ;̂ and a rotational velocity, vs'mi = 93km s~^

( Chapter 3 ). Adjustments of these values to match the observed data resulted in a spectral 

type of A2 for HD 35187B and A7 for HD 35187A, over 1000 K cooler. The luminosity 

diagnostic hydrogen hnes were not properly covered in the UCLES wavelength settings. 

However, additional low resolution spectra of the two stars were kindly obtained by Dr. 

Mike Bessell, using the Austrahan National University 2.3m telescope at Siding Spring, on 

1997 March 1. The H7 hne have been modeUed in these spectra, and obtained an estimate 

of the surface gravities of the two stars obtained (Figure 4.8).

The stellar parameters that we have derived for this system are are summarised in 

Table 4.5. The vs'mi of both stars appear to be very similar, with httle deviation of the 

934:5 km s~^ value previously found for the system (Chapter 3). Although the measured
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Table 4.5: Derived stellar parameters for the HD 35187 binary system. Tefr is the effective 

temperature; ^ is the microturbulent velocity; vs'mi is the projected rotational velocity; 

and Vq is the heliocentric radial velocity.

Star Tefr Sp. vsini ^0

(K) Type (cms~^) (km s“ )̂ (km s“ )̂ (km s~^)

A 7800 ±  200 A7 4.1T0.2 3.4 ± 0 .3 90±10 28±4

B 8990 ±  200 A2 4.2±0.1 3.0 ± 0 .3 95±10 31±3

heliocentric velocities of the two stars appear to be different by 3km s ^, it is not considered 

to be statistically significant.

4 .2 .3  E v o lu t io n a ry  S ta tu s

Both Grady et al. (1996) and Bohm Sz Cateda (1995) have identified HD 35187 as a Herbig 

Ae star. For this classification to be strictly true, HD 35187 must be a pre-main sequence 

object, not yet having reached the zero-age main sequence. To determine its evolutionary 

status, both components of the system have been placed on an H-R diagram, using new 

data  from the Hipparcos mission (ESA 1997). The absolute magnitudes were calculated 

using the standard distance-modulus relation, and V  magnitudes converted from the Hip

parcos (Hp) magnitues using the relations given in Vol 1 of ESA (1997). For the purpose of 

estimating the visual extinction {Ay  =  — V) ,  Savage & Mathis 1979), the intrinsic

colours, {B — V)inti were taken from Schmidt-Kaler (1982). Bolometric magnitudes were 

derived (using the bolometric corrections from Schmidt-Kaler 1982) which were then used 

to obtain values for log(T*/T@).

Figure 4.9 shows the positions of the ‘two stars on an H-R diagram. The evolutionary 

tracks are taken from PaUa & Stabler (1993) and starts at the birthline (the point at which 

a star ceases to be a “protostar” , i.e. when the star has stopped accreting material from 

its parent interstellar cloud) and ends at the ZAMS.

From Figure 4.9, it appears tha t both stars in the HD 35187 system lie on, or close 

to, the ZAMS. However, for their respective effective temperatures, HD 35187B would be 

expected to be more luminous than its companion, HD 35187A. Given tha t they are at 

the the same distance, and also of the same age, one can estimate the position on the 

H-R diagram that HD 35187B should have, if it is assumed tha t HD 35187A is accurately
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Figure 4.8: The observed H7 line profiles (M.S. BesseU 1997, personal communication) 

compared with theoretical profiles for a range of surface gravities. The thick line (best fit 
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and 4.5 (lower) also shown.

108



represented in Figure 4.9.

HD 35187A is located on the 1.7M© evolutionary track at an age of 10 million years. If 

the luminosity of HD 35187B is increased until it lies on a track at a position approximately 

represented by 10 million years, it is found that it is slightly more massive than 2M©, and 

very close to the main sequence. If this is its true position, then it would have undergone 

0.86 magnitudes of extinction as opposed to the 0.43 magnitudes observed. The additional 

0.43 magnitudes required to get to an Ay of 0.86 would therefore have to come from grey 

extinction caused by large grains in its circumsteUar environment alone (i.e. not affecting 

HD 35187A). This scenario fits in weU with work in subsequent sections which suggests 

tha t HD 35187B is host to a substantial dust +  gas disk, and HD 35187A is not.

It is noted however, that there is a possibiUty that neither HD 35187A nor HD 35187B 

have been affected by circumsteUar extinction. There appears to be a position for each 

star where they have identical ages, but retain the same luminosity difference as that 

depicted in Figure 4.9. However, given the evidence presented later in this Chapter that 

HD 35187B does have circumsteUar material in our Une-of-sight, the first argument is 

favoured, that HD 35187B is undergoing 0.43 magnitudes of grey extinction in addition 

to the 0.43 magnitudes of intersteUar extinction already observed.

4 .2 .4  In d iv id u a l l ines  o f  in tere st

4.2.4.1 H a

H a emission from the HD 35187 system has been observed on several previous occasions 

(Zuckerman 1994, Bohm and Catala 1995, Grady et al. 1996). It is clear from these 

earUer observations that the Ha emission-Une profile is highly variable. The Une generaUy 

has a double-peaked profile (similar to a Beals (1950) Type III P-Cygni profile), but with 

considerable variations in the depth of the central reversal. For example, compare Fig 3 of 

Zuckerman (1994), where the central absorption extends below the adjacent continuum, 

with Figure 4.1(a)i, where it is very much weaker. Moreover, in the former spectrum, 

the central reversal is displaced towards the red, whereas for a true Type III P-Cygni 

profile it should be displaced towards the violet. This red-shifted absorption would seem 

to suggest the presence of infaUing material. This is also true for the spectrum presented 

by Grady et al. (1996; their Fig 14) which, although classed by them as Beals Type III, 

actuaUy appears to be very similar to a classic inverse P-Cygni profile. On the other hand, 

the integrated Ha profile here (i.e. summed over both stars) shows only a single-peaked
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Table 4.6: Equivalent widths and FWHM of the residual H a emission lines observed in 

the two components of the HD 35187 binary system.

Star Wa FWHM

(Â) (Â)

A -4.7±0.7 7.0T0.5

B -22.1±0.4 5.0±0.5

emission, superimposed on an underlying broad stellar absorption line (i.e. Beals Type 

VI), and Bohm and Catala (1995) also observed only a single-peaked emission profile. 

Thus, at least one of the components of the HD 35187 binary system exhibits variable Ha 

emission.

Figure 4.10 presents the Ha line profiles for the two stars separately. As already noted, 

it is clear that the observed Ha emission is contributed by HD 35187B (c.f. also Figure 4.6). 

However, close inspection of the wings of the HD 35187A profile suggests tha t this star 

may also have an Ha emission component superimposed on the photospheric absorption 

Une. To explore this possibiUty, the observed profiles were divided by the photospheric 

profiles (generated using U C L SY N )  expected for an A2 star (HD 35187B) and an A7 star 

(HD 35187A). Figure 4.11 shows the result, and it is apparent that HD 35187A also seems 

to exhibit a single-peaked residual Ha emission profile.

To check that the apparent emission in HD 35187A is not caused by stray Ught from 

HD 35187B, each of the rows used to produce the final spectrum of HD 35187A were 

analysed separately. AU of the rows were found to exhibit the additional wing emission 

to some degree. As an additional check, an artificial HD 35187 spectrum was constructed 

by combining an extracted row of the net emission-Une star and a photospheric model of 

an A7 star with no Ha emission. These were separated by the appropriate distance (1.39 

arsecs) and convolved with a Gaussian (2.0 arcsec FWHM) to reproduce the effect of the 

(worst-case) seeing on the night of observation. No appropriately extracted row from the 

reconstructed spectrum was able to reproduce the emission seen in a corresponding row 

of the real spectrum of HD 35187A, and so it is concluded that this star is also associated 

with a source of Ha emission, albeit much weaker than that associated with HD 35187B. 

Table 4.6 gives the equivalent widths and FWHM of these residual Ha emission Une 

profiles.
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Given tha t both components of the HD 35187 system seem to exhibit H a emission to 

some extent, it appears that either, or both, of them could be responsible for the observed 

tem poral variability. As the stars form a binary system, and are therefore of comparable 

age, it is certainly possible that they are both ‘active’. This conclusion is supported by the 

observations of the He I A5876 line discussed below, although only additional, spatially 

resolved, spectroscopy of the system wiU provide a definite answer as to the location of 

the H a variability.

4 . 2 A . 2  H e I A5876

Figure 4.12 shows the He I A5876 line in both stars. The line is clearly present in both 

stars, with tha t in HD 35187B having a shghtly greater equivalent width than its lower 

tem perature companion. The measured equivalent widths are 200 ±  11 mÂ for HD 35187B 

and 130 ±  10 mÂ for HD 35187A.

The im portant thing to note is tha t He I at 5876Â is not expected to be present in 

stars of this spectral type (model photospheric profiles produced by U CL SYN are shown in 

the figure for comparison). Moreover, although this Hne was observed previously in the 

combined spectra of both stars (Section 4.1.1.1), it was not detected in the observations 

of Bohm & Catala (1995) or Grady et al. (1996). Therefore, Uke the H a emission, the 

He I absorption appears also to be variable, showing that both stars are prone to spectral 

variability. There appears to be a slight asymmetry in this line towards both stars, in 

the form of an extended red wing, which may be indicative of infaUing material at high 

velocities (+200km s“  ̂ for HD 35187B and +175km s“  ̂ for HD 35187A).

4 .2 .5  T h e  N a  D  and C a II  K  lines

The Na I D Unes for both stars are shown in Figure 4.13, with the model photospheric 

profiles overlaid. The observed spectra foUow the model very weU, except in the case 

of HD 35187B, which appears to have excess absorption to the red of the central core 

wavelength and which we discuss in Section 4.5.2 below. The Ca II K Unes for both stars 

are shown in Figure 4.14, and both show normal photospheric profiles within acceptable 

variations for A-type stars. The intersteUar, and possible circumsteUar, Ca K Unes are 

discussed in Sections 4.2.6 and 4.2.6.1 below.
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Table 4.7: Interstellar Unes observed towards HD 35187. Errors are 2a values

Line V q b LogiV

(mÂ) (km s “ ^ ) (km s ” ^ ) ( c m - 2 )

Na I D2 123 +  3 20.4 +  0.2 2.9 + 0.3 12.09i“:“

Na I Di 83 +  2 20.6 +  0.2

Ca II K 21 + 3 20.3 +  0.6 5.0 +  1.5 UA2t°oio

CH R2(1) < 1.5 .... .... < 12,25

4 .2 .6  In te rs te l la r  a b sorp tion  lines

Figure 4.13 shows that strong, narrow, absorption components are present superimposed 

on the broad photospheric Na I D Unes, which is attributed to intersteUar absorption. 

There is also a weak Ca II K Une at the same velocity (Fig 4.14), which is Ukewise inferred 

to be intersteUar. A search for the CH R2(l)  Une at 4300.313 Âwas also carried out, 

but only an upper Umit was recorded. Table 4.7 gives the equivalent widths, heUocentric 

velocities, velocity dispersions (6-values) and column densities for these intersteUar Unes 

towards HD 35187. For the Na D Unes the column density and 6-value were obtained 

using the doublet ratio method as formulated by SomerviUe (1988), adopting the more 

recent osciUator strengths given by Morton 1991). For the Ca K Une, which is clearly 

resolved in the present data, the parameters were obtained using the Une-profile modeUing 

routines in the DIPSO spectral analysis program (Howarth, Murray & MiUs, 1993). There 

is no evidence for significant variation in the intersteUar Une parameters between the two 

components of the binary system, nor with previous observations (Section 3.2).

As already noted, HD 35187 Ues in the direction of the Taurus dark clouds (see fig 1 of 

Zuckerman 1994 for the position of HD 35187 superimposed on the CO map of Ungerechts 

& Thaddeus 1987). The suggestion tha t the system is either embedded within the dark 

clouds (as it would have to be for its assignment as a HAeBe star to be strictly correct), 

or Ues beyond them, is supported by the strengths and velocities of the intersteUar Unes 

listed in Table 4.7, and also by the Hipparacos distance of 150 ±  55 pc.

The Taurus clouds have an LSR radial velocity between about +2 and +11 km s“  ̂

(c.f. Table 1 of Ungerechts & Thaddeus 1987) which correspond to heUocentric velocities 

of +13 and +22 km s“  ̂ respectively. The Une of sight to HD 35187 passes close to the 

outer (0.5 K km s“ ^) contour of the Ungerechts & Thaddeus CO map, but approximately
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mid-way between two discrete molecular condensations. These have average LSR velocities 

of +7.6 and + 7 .0km s“ ^(+18.8 and +18.2 km s~^ heliocentric), respectively, which, given 

the typical velocity spread of several km s“ ,̂ are consistent with the measured velocities 

of the narrow Na I and Ca II absorption hnes. Moreover, the moderately high Na I/C a  II 

column density ratio (4.7i};o) consistent with the expected depletion of Ca atoms onto 

grain surfaces in a moderately dense interstellar environment (c.f. discussion by Crawford 

1992, and references therein). On the other hand, the failure to detect interstellar CH 

means that the hne-of-sight has not passed through a region of dense molecular gas, and 

this is consistent with the fact that the map of Ungerechts & Thaddeus 1987 shows that 

the star hes close to the outer boundary of the CO emission.

4.2.6.1 CircumsteUar absorption lines

One of the objectives of these observations was to search for absorption hnes arising in 

the circumsteUar disk presumed to be responsible for the infrared excess of HD 35187. 

As is weU-known, strong, time-variable absorption Unes are observed in the edge-on disk 

surrounding the Vega-hke star /? Pictoris (e.g. Hobbs et al. 1985, Lagrange-Henri et al. 

1992, Crawford et al. 1994), and there is evidence for similar circumsteUar absorption 

towards a number of other Vega-hke and HAeBe stars (Grady et al. 1996). In the case 

of (3 Pic, the temporal variabihty is generaUy interpreted as being due to sohd, kilometre

sized, bodies ( “comets”) evaporating as they pass within a few tens of steUar radii of the 

star (e.g. Beust et al. 1990). If correct, this suggests tha t (3 Pic, and by imphcation other 

stars showing the same phenomenon, are surrounded by newly formed, or stiU forming, 

planetary systems. In their extensive study of the (3 Pictoris phenomenon in HAeBe 

stars, Grady et al. (1996; their Table 2 and Appendix A2) found evidence for red-shifted 

absorption components in a number of UV hnes towards HD 35187, and it is clearly of 

interest to determine if any of these are also present in the optical spectra presented here.

Ca II K line

In addition to the intersteUar Ca K component discussed in Section 4.2.6, careful in

spection of the data does reveal evidence for a red-shifted narrow absorption component 

in the spectrum of HD 35187B. However, this component is absent in the spectrum of 

HD 35187A, which suggests that this component is circumsteUar and not intersteUar.
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Fig 4.15 shows an expanded view of the core of the photospheric Ca K Une for the two 

components of the HD 35187 system, with the additional circumsteUar absorption com

ponent towards HD 35187B indicated. A careful inspection of the raw CCD image shows 

that this feature extends over several rows of the detector, which gives some confidence 

in its reality. The heUocentric radial velocity of this circumsteUar feature is 4-54.5 ± 1 .2  

km s " \  and has an equivalent width of 10.6 ±  3.3 mA {la  errors).

N a I D lines

As for the Ca Une, careful inspection of the Na D profiles revealed what appears to be 

excess red-shifted aborption in the spectrum of HD 35187B (Figure 4.13, Section 4.2.5). 

No such absorption is observed in the spectrum of HD 35187A, again suggesting that the 

absoption is due to circumsteUar rather than intersteUar material. The velocity range of 

the absorption is from ±30km s~^ to 110km s~^ which includes the velocity of the possible 

Ca K circumsteUar Une, and also the range of absorption seen in UV lines (Section 4.2.6.1 

below). Similar red-shifted absorption components in Na D profiles have previously been 

observed in HAeBe stars (e.g. Graham 1992), and Sorelli, Grinin & Natta (1996) suggest

119



th a t such absorption may be due to evaporation of planetesimal sized bodies close to the 

star. Finally, it is noted tha t while, at first sight, it is difficult to explain why the D% 

line seems to exhibit stronger circumsteUar absorption than the intrinsicaUy stronger D2 

line (Figure 4.13), Hubeny & Heap (1996) have described a mechanism whereby orbiting 

circumsteUar material, covering only a fraction of the steUar disk, can exhibit such an 

effect (c.f. their fig. 7).

U V  lines

In order to compare these optical intersteUar and circumsteUar Unes with the UV Unes 

reported by Grady et al. (1996), the only high-resolution spectrum of this object in the 

lUE archive (LWP 21120) has been re-extracted by Dr. Ian Crawford. As an example, 

the region of the Mg II 2803.531 Â Une is shown in Fig 4.16. As reported by Grady et al., 

there are three narrow absorption components in the core of this (and other) photospheric 

absorption Unes. Given the uncertainties in the lUE wavelength caUbration, it is difficult 

to teU whether or not any of these features occur at the same radial velocity as the narrow 

absorption components found in the Ca K fine. If the strongest and least redshifted of 

the narrow Mg II features is identified with the intersteUar fine (i.e. u© = 4-20.4 km s~^), 

the other, presumably circumsteUar, components occur at heUocentric velocities of 4-70.5 

and 4-105.0 km s“ .̂ Given the poor velocity resolution (25 km s"^, FW HM),,and signal- 

to-noise ratio, of the lUE data, it is possible that the 4-54.5 km s~^ Ca K component 

in the present data corresponds with the 4-70.5 km s”  ̂ Mg II component. However, as 

circumsteUar absorption components are often variable, one would not necessarily expect 

observations taken at different times to exhibit components at the same velocities. It is 

noted however, that the velocity range of the UV absorption Une fits very weU with the 

excess absorption seen in the Na D Unes. In any case, the detection of optical circumsteUar 

lines towards HD 35187B alone suggests that it is this component of the binary system 

which gives rise to the red-shifted circumsteUar Unes detected in the UV.

4 .2 .7  D iscu ss io n

It has been shown that, at least at the epoch of these observations, the bright (net) 

H a emission from the HD 35187 system arose from only one of the component stars 

(HD 35187B; Figure 4.6). However, the fact that both stars were observed to have anoma-

120



X  1.
lA
C<D

AQ)rv'

2

CS? CS?

1

5

0

- 1 0 0  0 100 200 
H e l i o c e n t r i c  V e lo c i t y  ( k m / s )

300
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2803.531 Â line. The three narrow interstellar/circumsteUar absorption components are 
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lously strong (and time variable) He I A5876 absorption (Figure 4.12), coupled with the 

evidence for in-filling of the photospheric Ha line in HD 35187A (Figure 4.11), suggests 

that both stars exhibit some level of activity. This would be consistent with the fact 

that both stars, having formed as a binary system, must be of approximately the same 

(probably very young) age.

This activity, for at least one of the stars, is indicated by the clear variability of the 

Ha line between observations taken over several years (e.g. Figure 4.1, Grady et al. 1996, 

Zuckerman 1994). Various models of the Ha emission have been used to describe the 

Ha profiles seen in other HAeBe stars, including magnetic fields interacting with stellar 

winds, rotating envelopes and steUar winds with velocity gradients. These models are 

summarised by Reipurth, Pedrosa and Lago (1996), where references for each scenario can 

be found. Here it is merely noted that, whatever the precise mechanism, they aU imply 

an active circumsteUar environment in the HD 35187 system.

The same conclusion follows from the observations of the He I A5876Â Une. This Une 

is generaUy expected to form at temperatures of ~  10,000 to 30,000K (Danks k  Lambert 

1985) and so cannot be formed in the photosphere of normal A-type stars, whose surface 

effective temperatures are somewhat cooler. One possible scenario for He I formation is in a
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circumsteUar accretion disk transferring energy to a boundary layer near the steUar surface, 

producing elevated temperatures similar to that proposed for T Tauri stars (Bertout et al. 

1988), However, this scenario is unUkely to be vaUd for both stars in the HD 35187 system, 

as there is now quite strong evidence that substantial amounts of gas and dust exist only 

around HD 35187B (see below). Bohm & Catala (1995) have argued tha t the formation 

of the anomalous He I A5876Â absorption hne must be close to the photosphere, at the 

base of an expanding chromosphere, since the profiles they observed were similar in width 

to the rotational broadening observed in the s ta r’s photospheric Unes. The data  here are 

also consistent with this observation, which may suggest a chromospheric origin of this 

Une for the stars in the HD 35187 system also. In this model, the variabihty in the He I 

Une is attributed to changes in the physical conditions in the circumsteUar environment 

or on the steUar surface, again evidence of the active nature of the system.

The search for circumsteUar Unes revealed a possible circumsteUar Ca K component 

at a heUocentric velocity of +54.4km s“^, and excess red-shifted absorption in the Na D 

Unes, but only in the case of HD 35187B. No such circumsteUar absorption was found in 

the spectrum of HD 35187A. The HD 35187 system has a weU known infrared (IR) excess 

(e.g. Walker k, Wolstencroft 1988, Sylvester et al. 1996) attributed to circumsteUar 

dust. Given tha t one might expect the circumsteUar dust to be associated with a gaseous 

component, the detection of a circumsteUar absorption Une towards HD 35187B suggests 

tha t the infrared emission may be associated with this star alone. It is noted tha t this 

is also the star which exhibits strong Ha emission, which is consistent with substantial 

m aterial being present around this star.

In principle, the circumsteUar material could be in the form of either a disk (or donut) 

or envelope. Assuming the configuration of the dust is in a disk, the detection of the 

gaseous component would imply tha t the disk is being seen close to edge-on, as in the 

weU-known case of (5 Pictoris. However, the usinz of HD 35187B has been shown to be 

only 95km s~^ (Table 4.5), significantly less than the mean equatorial rotational velocity 

expected for an A-type star (~  170km s“  ̂ AUen 1973) which impUes tha t the star is either 

incUned to our Une-of-sight, or a slow rotator. If it is significantly incUned, the gaseous 

component of an equatorial disk must either flare (i.e. the height from the plane of the 

disk increases with increasing radial distance), or is distributed in the form of a donut 

with a thickness sufficient to intersect our Une of sight. Of course, an extended envelope 

would also aUow the gaseous component to intersect our Une-of-sight. It is noted however,
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th a t the presence of a spherical dust envelope is precluded by the observational evidence; 

such an envelope would give a far higher extinction than that observed.

While it is possible to envisage scenarios where a disk surrounding both stars might 

be inchned such that our hne-of-sight intersects it towards one star and not the other, it 

is noted tha t this is probably excluded by the IR data. An axisymmetric disk surrounding 

both stars would have to have an inner radius greater than the separation of the two 

stars 195 AU). However, the observed near-infrared (A < 5/im) excess in the spectral 

energy distribution of HD 35187 imphes the presence of hot (T % 1500K) dust which must 

originate close (<10 AU) to a stellar photosphere (Sylvester, Skinner k  Barlow 1997). On 

the basis of this evidence, it is suggested tha t HD 35187B is host to a fairly substantial 

circumsteUar disk or donut, and that HD 35187A is not surrounded by such a disk.

Whilst the star has been classed as a Herbig Ae system by Grady et al. (1996) and 

Bohm & Catala (1995), it has also been identified as a Vega-hke star in work by e.g. 

Sylvester et al. (1996) based on the work of Walker k  Wolstencroft (1988). The observed 

fractional infrared (IR) luminosity (L ir/L ,)  of 0,14 (Sylvester et al. 1996) is similar to 

those of ‘classical’ HAeBe stars such as BD-j-40 4124 and HD 163296 (Lir/L* =  0.06 and 

0.26 respectively; Sylvester et al. 1996, HiUenbrand et al. 1992), and the optical spectra 

of the HD 35187 system do show similarities with HAeBe stars (Section 4.1). Indeed, 

both components of HD 35187 satisfy aU the HAeBe criteria, which strongly suggests that 

they are indeed HAeBe objects and not Vega-hke stars. However, these stars are very 

close to their zero-age main sequence and inspection of the spectral energy distribution of 

HD 35187 (Sylvester et al. 1996) reveals a dip in its distribution at ~  lO^m (a ‘double

peaked’ SED), similar to that seen by Waelkens, Bogaert k  Waters (1994) in their sample 

of evolved HAeBe stars. Their suggestion is that this type of star is at a stage intermediate 

between the young HAeBe stars and the /3 Pic type stars (the ‘classical’ Vega-hkes). The 

work here strengthens this hypothesis and it is argued that the two stars of the HD 35187 

system represent transition objects between the true HerbigAe/Be stars and the less active, 

classical, Vega-hke stars.
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Chapter 5

Sum m ary and Discussion: Part I

The data  set for the work carried out in these past three chapters has included 15 stars 

originally classified as Vega-like. In many cases, it is the first time tha t optical spectra 

have been obtained for these stars. Below is a summary of the work carried out, the 

main findings and a brief discussion of the impfications of this work may have for the 

classification of Vega-hke stars in general.

Of the 15 Vega-hke stars studied, four were noted to have significantly different spectral 

types than previously pubhshed in the hterature. The resultant change in adopted effective 

tem perature for the stars are: HD 2623 (M2III): 1800 K lower than before (and a different 

luminosity class also); HD 123160 (G5V): 1000K higher; HD 135344 (F4Ve): over 3000 K 

lower (also noted by Gudmaijer et al. [1992], Zuckerman et al. [1995] and Coulson and 

Walther [1995]); HD 169142 (A5Ve): 2500K lower. The luminosity class III identification 

for HD 2623 excludes it from the class of Vega-hke stars. Radial velocities and vsini’s have 

been derived for almost ah the stars in the sample, and for four of the lower usinz A-type 

stars, effective temperatures were derived directly from spectral synthesis modelhng.

The photospheric abundances of 10 elements were derived for the four A-type stars 

with low usinz’s (and for 3 elements for two other stars with higher usinz’s). The mean 

elemental underabundance relative to solar for the six stars was usuaUy only 0.2 dex which 

is no more than typical variations seen in “normal” A-type stars (Holweger, Gigas and 

Steffan 1986). No underabundances as high (0.5-2 dex) as those seen in the metal-depleted 

A Boo class of stars were found in the sample, apart from Si and Mg in HD 169142 which 

were 0.86 dex and 0.56 dex underabundant respectively, and Si in HD 139614 which was 

0.52 dex underabundant relative to the solar value. If the accretion hypothesis of Venn 

and Lambert (1990) for the underabundances of the A Boo stars is followed, the results
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would suggest that Mg and Si in these two stars have become locked up in grains in 

the circumstellar environment. Mg and Si happen to be major constituents of silicate 

grains, and a silicate feature has been observed at 18//m in the spectrum of HD 169142, 

strengthening this hypothesis. However, the reason for the absence of significant depletions 

in these stars of other refractory elements, such as Ca, Fe and Ti which should also be 

locked up in silicate grains, remains unclear.

In the analysis of the lithium line at 6708Â for the four coolest stars in the sample 

(HD 23362, K2V; HD 98800, K5Ve; HD 123160, G5V; HD 143006, G5Ve) it has been found 

th a t HD 23362 has no detectable lithium at this wavelength. The upper limit of 15mÂ 

corresponds to an abundance of log N(Li)<0.87, indicating that this star is probably a more 

evolved object than the rest of the sample, already well established on the main sequence. 

The lack of emission in its H a or Na I D lines supports this conclusion. The lithium 

abundance of log N(Li)~2.31 found for HD 123160 is consistent with that found for stars 

of similar type in the Pleiades (Soderblom et al. 1993), implying that HD 123160 is around 

70 Myr old. HD 143006 showed a particularly high lithium abundance of log N(Li)~ 3.25, 

a value which is bracketed by those found for the Taurus-Auriga group by Padgett (1990). 

The age of this group was estimated to be 1 Myr by Kenyon et al. (1990) and it is likely 

th a t the age of HD 143006 is close to this figure. HD 98800 was also studied, although the 

three spectroscopic components of this system were not fully resolved. The two primary 

components (Aa and Ba, using the nomenclature of Torres et al. 1996) have been partially 

resolved in the Li 6708Â line, enough to make an estimate of the contribution to the line 

by the Ba component. The intrinsic equivalent widths were similar to those found by 

Soderblom et al. (1996) for component Aa, but significantly higher for component Ba. 

This is attributed to the fact that Soderblom et al. (1996) were able to resolve aU three 

components, whereas only the two brightest components were resolved in the spectrum 

here. The abundances of log N(Li) ~  2,91 and 2.35 derived here for components Aa and 

Ba respectively show that both stars may be very young.

The emission line characteristics of aU the stars in the sample were studied, comparing 

them with those of other young objects, namely the Herbig Ae/Be stars and the T Tauri 

stars. Two stars, HD 161868 (7 Oph) and HD 216956 (a  PsA) show no indication of 

emission. These two stars are also MK standard stars, weU established on the main 

sequence, and are likely to be significantly older than the rest of the sample. Of the rest 

of the A-type stars, two showed a single-peaked profile in their Ha line (HD 139614 and
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HD 169142), four showed a double-peaked structure (HD 35187, HD 141569, HD 142666 

and HD 158643), and one showed a P Cygni profile (HD 144432).

Of those stars that showed a double-peaked Ha profile, one (HD 142666) exhibited a 

Beal’s (1951) type III profile, close to a P Cygni profile, and one (HD 35187) has shown 

significant variability from the previous observations of Grady et al. (1996) and Zuckerman 

(1994). The remaining two stars (HD 141569 and HD 158643), which exhibited the more 

classical double-peaked Ha profile, had the highest using’s of the active sample, and it 

is likely tha t these stars are seen close to edge-on. The two stars with a single-peaked 

H a profile (HD 139614 and HD 169142), have the lowest using’s of the active A-type 

sample, and it is possible that these stars are seen closer to pole-on than edge-on. It is 

also interesting to note that these two stars also show an underabundance in Si and Mg 

although whether the two effects are related cannot be determined without a further study 

of a larger sample. W ith the exception of HD 141569, HD 161868 and HD 216956, aU 

the A-type stars show unusual absorption or emission features in their He I A5876 line. 

A-type stars are expected to show no detectable He I feature at this wavelength. Again, 

HD 35187 shows variability in the He I 5876Â line from the previous observations of Grady 

et al. (1996). Variability in optical fines is well known in HAeBe stars, and this star has 

previously been studied as a HAeBe star by Grady et al. (1996), amongst others. As well 

as HD 35187, HD 141569, HD 142666 and HD 144432 have aU been classified as HAeBe 

stars or candidate members of the class by Thé et al. (1994). This highlights the spectral 

similarities between the early-type Vega-like stars and their younger counterparts, the 

Herbig Ae/Be stars. Varying levels of activity in the Na I D fine of the A-type stars were 

also found. HD 35187 is a multiple system, and in the further study of this system, the 

two brightest components were spatially resolved for the first time, allowing an analysis 

of the individual components to be made. HD 35187B is comfirmed as being of A2 type, 

but its companion, HD 35187A, is found to be over lOOOK cooler, at a spectral type of 

A7. Both stars have active emission-fines, and both show evidence of variability in at least 

one of those fines. This emission-fine activity could be an indication of its youth, which is 

backed up by its position on an H-R diagram which implies an age of 10 million years for 

the system.

Of the later-type stars (F4 to K5), HD 23362 showed no sign of emission in its H a, 

Ca II  triplet or Na I D fines, which fits in well with the conclusion based on the lithium 

analysis that the star is already well established on the main sequence. The hottest star
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in our later-type sample (HD 135344, F4Ve) showed single-peaked emission in Ho: and 

H/?, and core emission in its Na I D line. HD 123160, which had a relatively low surface 

lithium abundance, also showed little signs of activity. Other than a small Ca li K core 

emission, this star was inactive. HD 143006 (which has a high surface lithium abundance) 

showed, in contrast, extensive emission in Ha and in the Ca ii K, H and IR triplet lines. 

HD 143006 is a good candidate to be a T Tauri star, again highlighting similarities between 

Vega-like stars and their pre-main sequence counterparts. Similarly, HD 98800, which has 

a high lithium abundance, also showed activity in these hnes. The activity levels observed 

in these stars correlate extremely well with the results of the lithium analysis revealing 

tha t the most active stars are the youngest.

A search was also carried out for optical circumstellar lines in the spectra of these 

stars. Of the 14 stars studied, narrow absorption features were detected in the spectra of 

seven stars. AU these stars exhibited Unes which were of purely intersteUar origin, with the 

exceptions of HD 158643 and HD 144432 which appear to have circumsteUar contributions 

to the observed lines. HD 158643 (51 Oph) has had its narrow absorption features studied 

in detail before (e.g. Lagrange-Henri et al. 1990), but the current work has enabled a 

circumsteUar origin to be assigned to at least part of the absorption seen in its Ca ll K 

core, since narrow absorption features from excited-state Unes of Fe ll Unes have also 

been detected, which would not be seen in the intersteUar medium. HD 144432 shows a 

weak narrow absorption feature in the core of the absorption trough of its Na I D P Cygni 

profile. W ith a heUocentric velocity in excess of 90 kms"^, versus the steUar radial velocity 

of 2km s" i, this feature is also Ukely to be circumsteUar. The further work undertaken 

on HD 35187 has led to the discovery of a circumsteUar Une around HD 35187B, but 

not towards its companion, HD 35187A. It is therefore surmised tha t the infrared excess 

associated with this system is attributable to material around HD 35187B only.

The sample of Vega-Uke stars studied here is a varied one. The target stars were 

selected to include those with the highest known values of L jr/L* for Vega-Ukes. However, 

as part of the MK standard comparison stars used, two other Vega-Uke stars, including 

one of the prototypes of the Vega-Uke phenomenon itself (a  PsA), were observed. This 

enabled an optical comparison to be made of Vega-Uke stars at opposite ends of the L ir/L^ 

scale. The differences were clear.

a  PsA (A3V), with an Ljr/L* of 8x10“  ̂ (Backman & Pares ce 1993) exhibits no 

sign of line emission in its opticcd spectrum, and no elemental underabundances in its
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Table 5.1: A comparison of the Lir /L* values and the ages of the four G- and K-type 

stars in the sample. Values for the Lia/L* are taken from Sylvester et al. (1996).

Star

HD SAO Age L j r / L .

143006 183986 ~ lM yr 0.56

98800 179815 <70 Myr 0.084

123160 158350 ~70Myr 4.4x10-3

23362 111388 >70Myr 7.9x10-'^

photosphere. In contrast, the A5Ve star HD 169142 (Lia/L* = 0.24, Sylvester et al. 1997) 

shows extensive emission in the Ho:, Ca II K and Na i D lines, indicative of an active, 

youthful system. It also exhibits a photospheric depletion of Mg and Si. So, is there a 

correlation between Lir/L* and other phenomena such as activity, youth or abundance 

anomalies? In this sample, no further comment can reliably be made about photospheric 

abundances anomalies - the sample is currently too small. For the G- and K-type stars 

of the sample it is possible to put them into a chronological order based based on age 

estimates from the lithium analysis, coupled with activity indications from their emission 

lines (Table 5.1).

This comparison, albeit with a very small sample, seems to indicate that the Lir /L^ 

value of a star decreases as the star evolves. Further study of G- and K-type Vega-likes 

should be undertaken to see if this correlation holds for a larger sample.

It is more difficult to make a comparison with the A-type stars, as no relatively simple 

age determination method is available as there is for the G- and K- stars with their 

lithium abundances. It is possible, however, to look for correlations between Ljr/L^ and 

emission-line activity. Table 5.2 shows a summary.

A straightforward comparison between the L jr/L^ and emission-line characteristics of 

the A-type stars appears to be somewhat inconclusive. W hat is certain is that all the high 

value L ir/L ^ stars show emission-line activity in each of the lines observed. An ‘absence of 

emission’ is observed in the stars with the lowest L jr/L* (a  PsA and 7 Oph), just as there 

was with the K2V star HD 23362 with an LiR/L* of 7.9x10“ .̂ Ho emission is observed 

in aU of the A-type sample down to Lir/L* = 8.4x10“  ̂ (HD 141569). The star with 

the next lowest Lir/L* in the A-type sample is HD 161868 (7 Oph; Lir/L* = 4.2x10“ ^),
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Table 5.2: Comparison between the L ir/L* values and the emission-line characteristics 

of the A-type stars in the sample, the L i r / L *  values have been taken from Sylvester et 

al. (1996) except for HD 161868 (this work) and HD 216956 which is from Backman & 

Pares ce (1993).

Star L i r / L * Ha Na I D He r

HD SAO

144432 184124 0.48 Y Y Y (emis)

139614 226057 0.39 Y Y Y (emis)

142666 183956 0.34 Y Y Y (inv. P)

35187 77144 0.14 Y Y Y (var.)

169142 186777 0.24 Y Y Y (emis)

158643 185470 0.028 Y Y Y (abs)

141569 140789 8.4x10-3 Y Y —

161868 122754 4.2x10-5 — — —

216956 191524 8x10-5 — — —

* - emis :indicates the He I line is in emission, abs tha t it is

in absorption, var that the line is variable and inv. P  

indicates that the line has an inverse P Cygni profile.
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where H a emission is not observed. Could there be a ‘cut-off’ point between Ljr/L^ of 

8 .4x10“  ̂ and 4.2xl0~^ where Ha emission is no longer observed? Again, further study 

of a larger sample would be required to see if this was true. A similar comparison could be 

made for the He I line at 5876Â. The highest Lir/L* stars have He I either in absorption or 

emission - completely unexpected for A-type stars. He I activity can be seen right through 

the L ir/L* range down to 51 Oph with a value of 0.028. He I activity is not seen in the 

next star down, HD 141569 with an L ir/L* of 8.4x10“ .̂ The Na i D line shows a similar 

correlation to tha t of Ha. Of course, any comparisons such as these must be wary of the 

possibility of variabihty in the line profiles. Herbig Ae/Be stars are well known to show 

short and long term variability in their emission hnes (e.g. Pogodin 1994, Beskrovnaya et 

al. 1994, de W inter 1996). Whilst optical hne-profile variabihty in Vega-hkes has never 

been cited previously, this does not mean it does not exist. This work has discovered 

variabihty in the hnes of Ha and He I in HD 35187. However, this star has also been 

classified previously as a Herbig Ae star rather than a Vega-hke, and from the work in 

Section 4.2, it seems apparent that the correct classification for this star is that of a Herbig 

Ae star.

Sylvester et al. (1996) found a strong anticorrelation between L ir/L *  and the shortest 

wavelength at which an excess is discernable (see their table 16). They found that stars 

with a near-IR excess had the largest values of L i r / L * ,  whilst those with no near-IR 

excess had values in the range of 10“  ̂ to 10“ .̂ Near-IR excesses are caused by hotter 

grains, most probably located in the regions of the disk closest to the star. These are 

the regions where dust lifetimes are shortest (e.g. Backman & Paresce 1993), and so it 

is likely that a s ta r’s near-IR excess would decrease with age whilst it may stiU retain a 

significant far-IR excess, originating from the cooler regions of the disk farther from the 

star. The prototype Vega-like star, a  Lyr, has no near-IR excess (Aumann et al. 1984) 

and an L i r / L *  of 2x10“ ® (Backman & Paresce (1993). Its age has been estimated to be 

4x10® years (Backman k  Paresce 1993), near the end of its main sequence lifetime. This 

fits in nicely with the scenario above where a more evolved system would lack a near-IR 

excess. If this is the case, then it would be expected that stars which exhibit a near-IR 

excess (and hence have a higher value of L i r / L * )  would be younger than those lacking a 

near-IR excess (with a lower value of L i r / L * ) .  This hypothesis agrees weU with the results 

in Table 5.1. It also fits in well with Table 5.2, if active emission-line characteristics are 

taken to be an indication of youth. In their table 17, Sylvester et al. (1996) compared the
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L i r / L *  values of these Vega-likes with those found for typical Group I HAeBe stars (those 

believed to have substantial accretion disks, Hillenbrand et al. 1992) and found tha t the 

‘Vega-like’ stars have L i r / L *  values well within the range of those HAeBe stars, a further 

testam ent to the youth of most of the sample presented in this work.

It is recommended that further study be carried out on the possible correlation between 

age and Lir /L*. For G- and K-type stars, ages should be determined through analysis of 

their Li abundance, the emission-line activity and their rotational velocities. A program 

to obtain optical spectra of these stars should be established.

For the earlier type stars, placement on the H-R diagram is likely to give the best 

estimate of ages (and this is carreid out later in Chapter 7). For the stars selected to be 

studied, spectra should be obtained tha t are suitable for spectral classification - this study 

has clearly shown that spectral classes taken from catalogues are not always free from 

error. Optical spectra wiU also be useful to study the emission lines for further correlation 

as shown in this study. Only with a larger sample of stars will a correlation between age 

and L i r / L *  be confirmed or disproved.
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Part II

Infrared Properties of Vega-like 

Stars and Radiative Transfer

M odelling
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Chapter 6

O ptically Thick Radiative Transfer 

M odelling

There have been several codes written which can tackle the modelling of dusty stars. 

Skinner k  Whitmore (1987) developed an optically thin, spherically symmetric code to 

model the dust shell around the M supergiant a  Ori. This code was subsequently revised 

to model disk geometries (Skinner et al. 1992) and then to use Kurucz (1991) model 

atmospheres and multiple dust type components (Sylvester k  Skinner 1996). Optically 

thick codes allow modelling of more substantial disks. Griffin (1990) utilised an optically 

thick, spherically symmetric code based on the work of Haisch (1979) to study the dust 

shell of the carbon star IRC+10°216. More recently, optically thick codes have moved away 

from spherical symmetry and have hence allowed disk-like geometries to be modelled (e.g. 

CoUison k  Fix 1991, Lopez, Mékarnia k  Lefevre 1995).

The models discussed and presented in the remainder of this thesis are based heavily 

on the axisymmetric radiative transfer code of CoUison k  Fix (1991). Their original code 

calculated constant luminosity models of axisymmetric dust sheUs consisting of either 

“donut-Uke” or “disk-Uke” distributions. The code takes into account both scattered and 

therm al radiation to solve the radiative transfer problem, and although they had in mind 

the dust sheUs of post-main-sequence stars undergoing mass loss, their treatm ent is also 

appUcable to the Vega-Uke systems discussed here. An additional benefit of the CoUison 

k  Fix code is tha t it is also capable of producing surface brightness distribution maps, 

which the existing codes could not.

The CoUison k  Fix code had recently been modified (Skinner et al. 1997) to deal 

exclusively with toriodal geometries. For the systems discussed here, it was felt tha t a
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disk configuration was more appropriate, and therefore the orginal disk density equation 

of CoUison & Fix (1991) was incorporated back into the code. The theory behind the code 

wiU be discussed more fuUy in the next section along with the model itself, including the 

input param eters and density equations.

6.1 Theory Behind the Code

6 .1 .1  G rain  O p tica l P r o p e r tie s

The properties of grains must be known in order to determine the interaction between the 

grain and the radiation field in which it resides. This interaction is not simply given by 

the grain’s cross-sectional area, 7ra^, (a is the radius of the grain), but instead by 

where Q (the efficiency factor) depends on the nature of the grain and the wavelength of 

radiation under consideration (described below).

Extinction is the sum of absorption and scattering, so

^ e x t  — (^abs 4" (^scat (6 .1)

where a is the cross-section for the respective processes. For a spherical grain,

Q e x t  — Q a b s  4" Q s c a t  (6 .2 )

The ratio of scattering to extinction coefficiencies is defined as the albedo, zu

w  =  (6.3)
Q e x t

As weU as the Q efficiencies, there is another useful quantity known as the scattering 

phase function, S{0), which is defined as foUows: if the intensity of a wavefront incident 

on a spherical grain is /q, the intensity of the radiation scattered at angle 0 to the incident

direction is More often, an average value of the scattering angle is used. UsuaUy

denoted as ^ or < cos # > , i t  specifies a value of cos 9 which has been averaged over all 

directions. When g =< cos9 > is the incident radiation is mostly scattered in the 

forward direction, and when ^ = 0, the scattering is isotropic, or in other words, scattered 

equaUy over all directions.

The Q factors and albedo are all used in the CoUison & Fix program, and therefore 

have to  be calculated for each grain type and grain size used in the model. This is 

accompUshed by utiUsing a Mie theory code based on the method elucidated in Bohren & 

Huffman (1983), which details the Mie theory thoroughly.
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For most dust grains of interest, the refractive index of a material will depend on 

wavelength, and is a complex property. The imaginary part of the refractive index, m,  

determines the degree to which the radiation is absorbed

m = n -  ik (6.4)

where n is the real part of the refractive index and k the imaginary part. The deter

mination of the Q factors for different grain materials can be measured from laboratory 

data.

Figures 6.1, 6.2 and 6.3 depict the Qscat and Qabs dépendance on wavelength for grain 

types relevant to this work. In each case, the solid line represents Qabs and the dashed line 

Q s c a t ’ At longer wavelengths where optical constants are not available, the MIE theory 

code extrapolates the efficiencies, requiring them to fall off as a power law o f -1.2. Several 

features are immediately apparent in these plots. In Figure 6.1 the silicate features at 

9.7/im and ISfim are clearly visible; Figure 6.2 the silicon carbide peak at ll.Syum is seen; 

and Figure 6.3 shows an essentially featureless line for the amorphous carbon. These 

features will become im portant when modelling some of the systems treated in this thesis 

(see Chapter 7).

6 .1 .2  R a d ia tiv e  T ransfer

This section relies heavily on the description of the code given by CoUison & Fix (1991). 

The code obtains a description of the radiative transfer through the circumsteUar dust by 

solving for the radiation field, Ix{r,Q',6,<p) and the grain temperature at aU grid points 

specified in the input data (see next subsection), where, in spherical polar coordinates, r 

and 0  are the radius and polar angle, and the direction is specified by the angles 6 and 

(p, with 0 measured from the outward radial direction and (p measured with respect to 

a plane containing the radius vector and the z-axis. These quantities are determined by 

solving the equation of radiative transfer which describes the propagation of the radiation 

and its interaction with the dust grains:

Û ’ V I \  = - k \ p { I x  -  S \)  (6.5)

where w is the direction of the specific monochromatic intensity Ix, kx is the to tal 

extinction coefficient, p is the mass density and Sx is the source function describing the 

emission of radiation from the dust grains. For isotropicaUy scattering particles (i.e. ^ = 0)
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and local thermodynamic equilibrium (LTE), the source function (S\ )  can be written as

5'A =  ^ 5 A [ r ( r , 0 ) ]  + ^ A ( r , 0 )  (6.6)

where B \  is the Planck function, a \  is the the scattering coefficient and k\  is the 

absorption coefficient, such tha t k\ = a \  +  J\ is the mean intensity, i.e. the specific 

intensity over all angles.

The equation of radiative transfer has the formal solution

h  (r, 0 ; 7T -  0) = Sx[f, (6.7)
J{r,Q)

where the integration extends from the point (r, 0 ) to the outer boundary (r&,06),

=  Tmax’ is the Optical thickness between the points (r, 0 )  and (f, 0).

The code assumes that radiative equilibrium holds, which can be expressed in the form

foo roo
/  K \J \d \  = / K \B \(T )d \  (6.8)

Jo Jo

Equation 6.7 does not form a closed solution. CoUison & Fix chose to use an iterative

scheme to obtain a self-consistent solution to the transfer equation whilst satisfying radia

tive equiUbrium and luminosity constancy throughout the sheU. Initial guesses of J\{r, 0 ) 

and T (r, 0 )  were made in order to compute a source function (Equation 6.6), which was 

then plugged in to Equation 6.7. New values of J\  and T\ were then determined from the 

specific intensity and the requirement of radiative equilibrium (Equation 6.8). Generally, 

the new values would differ from the initial guesses and so new guesses of J\  and T\ were 

made until consistency was achieved and the total luminosity was constant at each grid 

level, being equal to the steUar luminosity

T* = A'kt'IgT^ (6.9)

where a is the Stefan-Boltzmann constant, r* is the radius of the star and T* its 

effective temperature. CoUison k  Fix found that replacing the initial guesses of J\  and T\ 

with the newly computed values did not converge to a solution and had to choose updated 

values via a generaUstion of the method used by PoUack k  Ohring (1973).

Assume that (locally) the integrated flux of radiation across a surface is proportional 

to the change in the integrated source function, weighted by the total extinction, across 

the surface
7 ^ ( n . , 0 ) « V 5 « ^ < r i l 0 M ; ^

Ti -  n+ i

139



where F  is the integrated flux,

rco
f ( r ,  0 ) = / Fx{r,Q)dX (6.11)

Jo

and

roo
5(r, 0) = J  k\Sx(r,Q)dX  (6.12)

yoo yoo
= / «a.5a[î'(7‘, 0)]dA + /  ( T x J x { r , Q ) d X

Jo Jo
1-00 roo

= /  K A A (^0)dA + /  (TAJA(r,0)dA
Vo Vo

roo
= /  /?A«/A(^0 )dA

Jo

If X is the calculated luminosity at the boundary for the iteration

/  F { n , i , e ) r l d a  (6.13)
JAtv

where dO. =  sin 0 d 0 d $ . The above relations lead to

if") /,JS '(" )(n ,0 )-S (» )(ri+ i,e)ld ft  ̂ )

where, from Equation 6.12

5'">(ri,0) = r  kxJ^^ \r i ,Q)dX  (6.15)

CoUison & Fix (1991) then set

i<"+*)(n,0) = /iJi(r-,-,0) (6.16)

4")(r,-,0) = i^ r ,-,0 ) (6.17)

where fi is a multiplicative factor dependant on radial position and J[ is the mean 

intensity calculated using the present source function. By making = X* and fx  =

X*/Xr (x is the number of radial grid points, see next section). Equation 6.14 gives a

recursion relation

f , ^ f ^ k x J i ( r i + „ Q ) d X d n  , i . 1 f4.irkxJ',(n+uQ)dXdCl 
h J "  kxJ'x{ri,Q)dXdn

(6.18)

then an updated source function is calculated and the whole process repeated until the 

change between iterations of the calculated luminosity is less than a user specified hmit. 

TypicaUy, this limit is set to 0.01 for initial models runs, then at 0.001 for more accurate 

final runs. At this point, the fi values should be equal to 1, and a self-consistent solution 

is obtained.
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6 .1 .3  T h e  G e o m e tr y  o f  th e  M o d e l

A complete description of the dust disk can only be obtained by specifying the radiation 

field and grain temperature at all points in the disk. In terms of computing time, this is 

impractical and in reality these quantities are only specified at particular grid points and 

interpolated in between.

A position in the disk is specified using spherical polar coordinates, but as we assume 

azimuthal symmetry, $  does not appear explicitly in in the calculations. There is also 

symmetry with respect to the equatorial plane (0  = 90°) which will become apparent in 

the following equations.

The disk is divided into x radial shells (set to 24 in the original code). The radial 

divisions are spaced according to Rairden, Frank & Craven (1986)

T'b,i =  ,2 == 0 ,1 ,..., X (6.19)

where
In ( ^ )

7 = (6.20)

and rjnax is the radius of the outer boundary and tq the radius of the inner boundary. 

These spacings are shown pictorially in Figure 6.4. Note that there are a greater number 

of radial boundaries in the inner regions of the disk where the rate of change of density is 

likely to be highest. From experience, the run-time of each model increases approximately 

as the square of the number of radial grid points (x) used, so a compromise must be reached 

between the number of grid points required and the computing time available. This has 

to be determined through trial and error - too few grid points will lead to f i  values far 

from unity, and a self-consistent solution will not be found. The original number of points 

(24) appears to be adequate for most purposes here.

The disk is also split into 2y angular divisions in 0 , symmetric about the equatorial 

plane. These boundaries are spaced by

05,; =  - - 1) , j  = 0 , l , . . . , y  (6.21)

^ ^b,2 y—j 1 j  — y F  1, 2/ F  2 , . . . ,  2y

where

C =  l l T + F  (6.22)
V

This distribution has more boundaries near the equator where the density changes are 

the greatest, as expected for a disk geometry. Figure 6.5 shows these spacings for for ^ = 6.
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Figure 6.4: The radial spacing of the grid points for x = l2. Note the closer spacing in the 

inner regions of the disk, appropriate for systems where the density falls off more steeply 

in those areas.
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Figure 6.5; The angular spacing of the grid points for y—6. Note the closer spacing near 

the equator (Y=0) which is appropriate for disk-like systems. X=0 specifies the polar axis.
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The tem perature of the grains and the specific monochromatic intensity of the radiation 

field are determined at grid positions by

r,-=  i =  0, 1, a; (6.23)

and

0 ,  =  (6.24)

These are the positions where the temperature and intensity are calculated and then 

updated in order to provide a self-consistent solution to the transfer equation. Collision 

and Fix (1991) found that the temperature profile of their models could be well fit by a 

function of the form

T { t) =  To ( ^ )  e - f f '- ’-»/’-) (6.25)

where To is the temperature at the inner boundary, t-q, and (  and ^ are constants 

dependant upon the latitude.

6 .1 .4  T h e  D e n s ity  E q u ation

The density equation obviously forms a very im portant part of the code. For these 

purposes, the density equation for disk-like geometries used by CoUison k. Fix was re

integrated into this modified version of the code. The equation takes the form

/>(r,0) = P m i „ ( ^ ) ^ e - ^ l “ ’ ®l (6.26)

where p(r, 0 ) is the number density at radius r  and latitude 0 , and Pmin is the number 

density at the inner radius rmin- ^  and B  are user-defined constants which determine the 

contrast between the densities at the pole and equator, i.e. the “flatness” of the disk (A), 

and the radial density profile {B). The “shape” of the disk tha t this equation gives us 

can be visuaUsed by plotting density contours for different values of A. Figure 6.6 shows 

contours of equal number density for varying values of A  from 0 to 5.

The number density at the inner radius needs to be calculated in order to be used in 

Equation 6.26. The number density is calculated at the equator so tha t the term

goes to 1 and then expressed in terms of the user-specified optical depth r , by

TT'max
r  =  / K\p(r,Q)dr  (6.27)

' ' T  m in

"  (■̂ )
— f^XPmin^ _  ( ' m a x  'm m  J
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Figure 6.6: Contours of equal number density showing a cross-sectional profile of the disk 

for varying values of .4. The sphere is given by .4=0, with progressively flatter models 

being given by .4=1, 2, 3, 4 and 5.

145



which then gives us the number density at the inner boundary

L i - b J i - b ) f o r  (6.28)
min ^ r̂nax min J

or

“  K r^ ( ln (  w )  -  In(r^n))  (6-29}

The density equation is also used in the calculation of the mass of the disk. The mass 

is calculated mainly for comparison with other codes, and to give some idea of whether 

the results being given are sensible or even expected.

The mass of a volume (in this case a disk, M n )  can be derived by

/•T-max yTT r2TT

M jO = /  /  /  Mgp(r, 0 )r s in 0 d rd0 d$

where M g  is the mass of a grain. This gives

Mf) =  J  M^r^pmin dr j  sin 0 d0  J
=  2 T rM gP m in r^ in  [  d v  f  g--4|cos0| (6.30)

d m i n  d o

For the 0  integration, let u = cos 0 , then du = ~  sin 0 d 0 . Since the 0  integration is 

symmetric about tt/2 for |cos 0 |, the limits can be set from 0 to tt/2  if the whole integral 

is multiphed by 2. Then, substituting the limits, 0  =  0 becomes u = 1 and 0  =  tt/2  

becomes u = 0. Then,

r^-zilcoseigjjjQ^Q ^ 2 e-^'^du

=  2

=  2
A J

Equation 6.30 then becomes

M v  = ( W  -  rmi. 3 -2 ) /o r  S  5̂  3 (6.31)

— dTriVfjPniin^min (ll -̂(^max) “  lll(^min)) ( 1 J /07* 5  =  3 (6.32)

6.2 Running the Code

The code is currently set up to model only a single grain size and a single grain type. 

This cuts down significantly on computing time and also the number of free parameters
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in the model, but probably does not reflect the true situation in dusty disks around stars. 

This problem has been investigated by using an “average” grain, which wiU be discussed 

in more detail in Section 6.3.

The number of flies and programs required in total to run the main program successfully 

is rather large and to give the user some idea of the of which files are needed at each stage, 

a schematic of the program structure has been produced and is shown in Figure 6.7. the 

following list outhnes the files and programs mentioned in the schematic.

•  A grid: a file containing a hst of the wavelengths to be read in by the mie program.

• No. types: A user-defined number for the number of different grain types to be used. 

Unlike the main code, d isk I, mie can cope with multiple grain sizes and types.

• Optical Data: A file containing the n and k values for the grain material being used.

• Grain size: A file containing the grain radius (in cm).

•  MIE: A program to compute the efficiencies for scattering, extinction, absorption, 

etc. for spherical particles. Outputs a file that is used in the main DlSKl program.

• Parameters: This refers to a file (with the extension .dat) tha t contains input pa

rameters pertaining to the star and geometry of the disk and also the number of 

grain sizes and types to be used by the main program.

• Properties: A file containing the optical properties of the dust type as calculated by 

the MIE theory code.

• quad.dat: A file produced by the quad program which contains points at which 

integrals are to be calculated by the main program.

• O utput filename: A user-defined name that will be used by the program to name 

the output files produced.

• datafiles: A file (with the extension .dat) containing the default filenames of the input 

files required by the main program to run (these are the name of the param eter file, 

the name of the quadrature file, the name of the _stufF file, the name of the grain 

size file and the name of the grain optical properties file). These default names may 

be changed when the main program prompts you to do so.

• lq : a  program which, with quad , allows you to create a new quadrature file.
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Figure 6.7: A schematic to show the overal structure of the program DISKI and the files 

and smaller programs that complement it.
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• Iq.dat: output file generated by lq  to be used by quad to set up a new quadrature 

file.

• quad: Used with lq  to set up a new quadrature file.

• DlSKl: The main program of the overall procedure.

• .stuff: An output file produced by DiSKl which contains useful information about the 

program run and about the disk mass. The file will be named < output> .stuff.dat 

where < ou tpu t> is the name defined above.

• .datf: An output file produced by DiSKl which contains information of the dust

shell intensity at each of its radial and latitudinal grid points. The file will be

named < out put > _datf.dat where < ou tpu t>  is the file named above.

• .dats: An output file produced by DlSKl which contains information of the reddened 

stellar intensity. The file wiU be named < o u tpu t> .dats.dat where <output>  is the 

file named above.

• Unit 9: This is a unit 9 file (i.e. fort.9 in UNIX) which holds various useful infor

mation on how well the code converged and how valid the solution is.

• View Angle: User-defined value of the angle (specified from the pole) at which the 

disk is inclined. 90°=edge-on, O°=pole-on.

• SPECD: Program which takes the ouptut from the main program and converts into 

a two-column ascii file representing the spectral energy distribution of the model.

• .spec: <ouptut>.spec.dat is the two-column ascii file produced by the SPECD pro

gram.

• 2-D Plot Program: Any program or package tha t can read in two-column ascii files 

and produce a graphical representation of it (i.e. dipso, m ongo or SM on Starlink).

• A to map: User-defined input stating the number of wavelengths to map, and which 

ones. Note that when specifying wavelengths you are specifying the nth wavelength 

point from the end of the file containing the wavelengths and not the wavelength 

value itself.

• map95d: a  program that takes output from the main program and produces a file 

to be read by MAPPLT.
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• _map: < output>_map.dat file produced by MAP95d to be read by MAPPLT.

• MAPPLT: Takes output from map95d and creates a .ps file containing intensity maps 

of the object modelled at the wavelengths specified by the user.

• Plot Info: Various user-defined information regarding the plotting of the final maps. 

This includes the number of plots you want on a page, the device on which you want 

the plots to be displayed, the ranges of axes, and the order in which you want the 

wavelengths you specified in map95d to be displayed.

• .ps file: The file that is produced by MAPPLT if you specify a postcript device in the 

options of the program.

• .ps plot program: Any program that can plot out a postscript file, such as Ghostview 

etc.

A user-manual for the code modified by Chris Skinner was updated for use with this 

code, with much of the important information found in the pages of this thesis.

6.2.1 V alidating the Code

Before going ahead with full modelling of sources, the code output was compared with 

tha t of a readily available, optically thin code, described in Skinner, Barlow & Justtanont

(1992). This optically thin code uses an alternative equation to calculate the disk structure, 

so a spherical model was adopted for the comparison. Where possible, parameters in the 

two codes were made identical, i.e. temperature and radius of the central star, inner 

and outer radii of the disk and the fall-off in density with radial distance. The CoUison 

& Fix code outputs a mass, but takes optical depth as input. The optically thin code 

of Skinner et al. (1992) does the opposite. Therefore, the optically thick code was run 

initially, specifying an optical depth at V (an output specifically given by the optically 

thin code). The mass calculated by this model was then used as the input to the optically 

thin code which then produced an optical depth. If the result was different to the optical 

depth originally input into the optically thick code, the mass in the optically thin code 

was altered until the optical depths agreed. The resultant SED’s and envelope masses 

were then compared with one another. Two models were run, with differing inner disk 

radii. The param eters common to both codes are shown in Table 6.1.

Common files containing a wavelength grid and grain Q a b s  and Q s c a t  values were used 

by both programs for consistency. The results are shown in Table 6.2 and Figure 6.8.
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Table 6.1: The common parameters that were used in the comparison between the optically 
thin and optically thick codes.

Teff lOOOOK
R . 1.75x1011cm
I* 2.18xlO^®W
D lOOpc

T'max 100 X T rnin

a 0.5/zm
type siUcate
geometry sphere
radial density r~2

r  at V 0.1

Table 6.2: The mass obtained from the two codes for otherwise identical systems. Two 
models were run, Model 1 with an inner radius 200 times the stellar radius and Model 2 
with an inner disk radius of 20000 times the stellar radius.

Mass (M©)
CoU.& Fix Opt. thin 

Model 1 200 0.7xl0~* 0.8x10"®
Model 2 20000 O.TxlO"'  ̂ O.SxlO"'^

Figure 6.8 shows satisfying agreement between the two codes for both models. Even the 

i f  lux  X vs. A plots show little deviation between the two. Table 6.2 verifies this 

output by showing tha t the calculated masses are equal within a factor of less than 1.2. 

Considering the very different structure of the codes, the level of agreement between these 

results prove that confidence can be put in the results of the CoUison & Fix code.

6.2.2 The Effects of Varying Input Param eters

The effects that varying the input parameters have on the resultant spectral energy distri

butions (SEDs) can generaUy be predicted in advance with a Uttle careful thought. These 

predictions were used to confirm tha t the code was behaving in an expected manner so 

tha t some confidence could be given to the results it produced.

The number of free parameters in this code is large, and as a result a vast number of 

models can be run without necessarily constraining the values of those parameters to  a 

significant degree. It is therefore im portant to understand from the outset the effect tha t
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Figure 6.8: The spectral energy distributions from both code outputs for two different 

models. In all cases, the solid line is that from the optically thick code, the dotted 

line that from the optically thin code of Skinner et al. (1992). The models show good 

agreement, shown particularly by the f lu x  x plots.
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each of these parameters has on the output before attem pting to model real systems. The 

following parameters may be altered in the overall code for a star of a particular effective 

tem perature (K) and radius (cm):

• Disk inner radius: this quantity is expressed in units of stellar radii,

• Disk outer radius: this quantity is expressed in terms of a multiple of the inner 

radius.

• A: the pole-to-equator density contrast, i.e. the “flatness” of the disk; A=0 is a 

sphere, with higher values of A indicating a more geometrically compressed disk.

• B: the density profile of the disk in the radial direction. A higher value of B places 

more mass in the inner regions of the disk.

• Optical depth: values >1.0 are considered to be optically thick. Values very much 

lower than 1.0 are optically thin.

• Wavelength (which is read into the code in units of cm) at which the optical depth 

is specified: the user can specify the wavelength at which the optical depth is set. 

The value must be one that the code reads in from a wavelength grid.

• Grain size: must be input in centimetres.

• Grain type: any material for which optical constants are known may be used in 

the code. The most useful are those of astronomical silicate, sihcon carbide and 

amorphous carbon.

• Inchnation: the SED can be modelled for any incHnation of the disk to the line- 

of-sight. 90° is edge-on (i.e. looking through the midplane of the disk) and 0° is 

looking onto the pole.

The inner radius of the disk is an im portant parameter to consider, for it determines 

the maximum temperature that the grains will reach. At the present time, there is no 

safe-guard against placing the inner radius so close that the temperature the grains reach 

is actually higher than their sublimation temperature. The code does crash when the inner 

radius is placed very close to the star, but it is the responsibility of the user to ensure tha t 

the highest grain temperature is a sensible one for the grain type under consideration. 

Figure 6.9 shows the effect of varying the inner radius of the disk. For this figure (and
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all subsequent ones in this section, unless otherwise stated) the following values of the 

other param eters have been adopted; T^ff=8400K, r^ = 1.21 x lO^^cm, r,„ax=100, A=5.0, 

^ = 2 .0 , r= 1 .0 , Ar=0.547/zm (V), a=0.5/um, grain type = silicate. The inclination is set to 

90°, as any features would be expected to be strongest at this angle. For all subsequent 

figures, (~40 AU for this star). Clearly the inner radius of the disk has quite

an effect on the far-IR flux. As would be expected, the model with the smallest inner 

radius produces the most near-IR flux. As the inner radius increases, the tem perature of 

the dust should decrease, producing more flux at longer (mid- and far-IR) wavelengths. 

The silicate feature at 9.7fim is also affected by the inner radius, having a more prominent 

emission peak when the grains are hottest. It takes a large difference in inner radius to 

have a noticible effect on the flux emitted at near-IR wavelengths, which is understandable 

since much of the flux at these wavelengths is contributed by the stellar photosphere. The 

overall result for these models is the same when the inclination of the disk is 0° (i.e. 

looking pole-on) as for a 90° inclination.

The outer radius, rmax, defines the maximum size of the disk and therefore plays a 

part in determining the amount of material found in the coolest parts of the system. It is 

the cooler grains that cause the far-IR excesses seen in aU Vega-like systems, and so the 

'f'max param eter is likely to play an important role in the modelling of the systems here. 

Figure 6.10 shows the effect of varying the outer radius on the resultant SED. The larger 

the outer radius, the greater the number of cooler grains, and as expected, this leads to 

an increase in the far-IR flux produced.

The grain size is also an important parameter to consider. Figure 6.11 demonstrates 

the differences between three grain sizes (0.1//m, 0.5/im and 10/^m), in otherwise identical 

models. There is a lot to consider here. Firstly, the near-IR: clearly, the very smallest 

(O.l^m) grain model has far more near-IR excess than the other two. This is quite easily 

explained by the fact that small grains (with their smaller volume) are briefly heated to a 

higher tem perature when absorbing a photon (given by CyATpg4:/37ca^ = hu, where c„ is 

the specific molar heat capacity at a constant volume, A T  is the temperature difference 

and pg is the density of a grain of radius a). The two smallest grain models exhibit very 

similar properties at the mid-IR wavelengths, both showing the 9.7pm silicate feature in 

emission. Their mid-IR “peak” occurs at shorter wavelengths than tha t of the 10//m grains 

which corresponds to expectation (where the maximum wavelength peak of a particular 

grain size can be given by Xpeak = 27ra), This shift in mid-IR peak is similar to the
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Figure 6.9: The effect of varying Tmin on the emergent spectral energy distribution.
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Figure 6.10: The effect of varying r-max on the emergent spectral energy distribution.
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Figure 6.11: The effect of varying the grain size, a, on the emergent spectral energy 

distribution. The model parameters are the same as for Figure 6.9, with r^;^=5000.

comments made in Chapter 7, where the stars with no near-IR excess and a relatively 

long wavelength mid-IR peak are generally considered to be more evolved Vega-like stars 

- the “classical” Vega-likes, or CVL’s. This similarity would seem to suggest that these 

CVL’s may have a population of larger grains in their circumstellar environment, possibly 

a consequence of grain agglomeration or growth over the years.

For each grain type, the user must specify a grain material. For the models considered 

in this work, only astronomical silicate, amorphous carbon and silicon carbide are used. 

Figure 6.12 shows the differences between the three grain types for the standard parameters 

used in previous models. The basic differences observed are those which can be seen in 

the Qabs zind Qscat plot of Figures 6.1, 6.2 and 6.3. The silicon carbide feature at 11.3/im
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is clearly seen in emission, and the silicate feature at 9.7fim also. The amorphous carbon 

appears to have less of a dip in the mid-IR, instead having a smoother transition from 

stellar to dusty flux, in constrast to that of either the silicon carbide or the silicate.

Figure 6.13 shows the effect of A, the pole-to-equator contrast parameter, on the 

number density of the grains as a function of polar angle. In the figure, a latitude of 0 

corresponds to the pole, 90 to the equator. As would be expected for disk configurations. 

Figure 6.13 shows that the density of grains is highest in the equatorial regions, falling 

more rapidly for the higher values of A (i.e. “flatter"’ disks). For A=0, the number density 

is constant, showing that the geometry of a model with A=0 is a sphere.

Figure 6.14 shows the effect of varying A on the resultant SED. There is more mid- 

and far-IR excess produced from the spherical model. This should be expected as, for a 

constant optical depth, there is more dust in the spherical models to absorb the stellar 

radiation and re-emit at longer wavelengths. The spherical models are also shown to emit 

more at shorter wavelengths too. This can be explained easily with a little thought. In 

the disk geometry, the stellar radiation that is emitted along non-equatorial planes wiU 

not encounter the dust disk and hence wiU never be scattered into our line of sight. The 

only visible radiation that we see is that which has undergone scattering within the dust 

along the plane of the disk. In the spherical case, the steUar radiation wiU encounter the 

dust in its environment whichever direction it is emitted from the star. It wiU undergo 

the same scattering and absorption as the radiation through the midplane of the disk 

geometry; however, there is a very much larger surface area of dust at the outer Umits of 

the spherical envelope which is capable of scattering the remaining visible radiation into 

our Une of sight. Hence, there should, and is, more visible wavelength radiation reaching 

us from a spherical geometry than a disk geometry, when looking along the midplane of 

the disk. The situation is, of course, reversed when looking pole-on to the systems.

B  defines the way the density profile varies with radial distance from the star. Fig

ure 6.15 shows the effect of B  on the number density of grains as a function of radial 

distance from the star. The calculations were made looking through the midplane of the 

disk, with an A value of 5.

It is clear tha t the higher the value of the radial density parameter B, the greater 

the number density in the inner regions of the disk. This means that there will be more 

grains with a higher temperature, radiating at shorter wavelengths. This is borne out by 

Figure 6.16 which shows just this effect; the largest of the B  values gives more mid-IR
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Figure 6.12: The effect of varying the grain type on the emergent spectral energy distri

bution. Model parameters are the same as those used for Figure 6.9, with an inner radius 
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Figure 6.13: The latitudinal density profile variation in the disk model for different values 

of the pole-to-equator contrast factor, A. A latitude of 0 on the x-axis corresponds to the 

pole, a latitude of 90 corresponds to the equator.
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Figure 6.15: The density profile variation with different values of the radial density pa

rameter B  in the disk model. In aU cases, the density is greatest in the inner regions of 

the disk and falls off sharply towards the outer regions.
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flux and less far-IR flux than the lower values. So effectively, the lower the B  value input 

into the model, the more far-IR flux wiU be produced.

Both optically thin and axisymmetric optically thick models can be produced with the 

CoUison & Fix code, although it is uneconomical in computer time to run the opticaUy 

thin models (compared with codes written speciflcaUy for opticaUy thin cases). Figure 6.17 

shows the effect that the optical depth, r ,  has on SED’s produced with the CoUison k  

Fix code, one model opticaUy thin, the others opticaUy thick ( r  is specified at a single 

wavelength, 0.547^m, through the mid-plane of the disk). As expected, there is far more 

steUar flux contributing to the short wavelength region for the opticaUy thin model. As 

the optical depth increases, progressively more steUar radiation is removed by the grains 

and re-radiated at longer wavelengths, as is clear from the figure.

The differences from altering the inchnation angle at which we view the disk can be 

seen in Figure 6.18. The only real difference to speak of is the change in flux at the shortest 

wavelengths associated with the steUar photosphere. The large differences here can easily 

be visuaUsed; at 90°, one is looking through the midplane of the disk which wiU result in 

the greatest obscuration of the star. From this angle, a lot of the steUar radiation wiU 

have been absorbed and re-emitted at longer wavelengths, hence the apparent reduction of 

flux at the shorter wavlengths. It is interesting to look carefuUy at the differences at other 

inchnation angles. One surprising result is that the SED’s produced at 0° and 45° are 

almost identical, and one has to a have rather steep inchnation to produce a significant 

deviation from the 0° case. This has the consequence that unless the star-disk system 

observed is edge-on, or close to edge-on, there is httle chance of accurately determining the 

angle at which the disk is viewed by modeUing the spectral energy distributions alone. This 

does have the bonus however, of reducing the number of free parameters the code has if an 

average inchnation angle of 45° is assumed. A differentiation between inchnation angles is 

more readily observed in plots of the surface brightness of these models. Figure 6.19 shows 

plots at 450//m of the standard model used in the previous figures (r^j>i=5000, r^ax=100? 

A=5.0, .0=2.0, r= 1 .0  at 0.55^m) for different inchnation angles.

Each of the inchnation angles produces a unique map, although the differences are 

very subtle where only a smaU angular change is made. The surface brightness maps wiU 

therefore give far more insight into the inchnation of disk systems, assuming of course that 

technology is advanced enough for us to resolve such surface brightness distributions.
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Figure 6.16: The effect of varying the radial density parameter B  on the emergent spectral 

energy distribution. The model parameters are the same as for Figure 6.9, with an inner 

radius of .5000r*.
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Figure 6.17: The effect of varying the optical depth, r  (specified at V  magnitude) on 

the emergent spectral energy distribution. The model parameters are the same as for 

Figure 6.9, with an inner radius of r^«n=5000r..
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Figure 6.18: The effect of varying the inclination of the disk on the emergent spectral 

energy distribution. Model parameters are the same as for Figure 6.9.
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Figure 6.19: Surface brightness maps for the same model paramters, but with differing 

inclination angles. The top left panel shows the model at 0° inclination (i.e. pole-on), 

the bottom right shows the model at 90° (edge-on). The remainder of the maps are at 

15°, 50°, 45° and 75°, with the maps becoming progresively more elongated for higher 

inclinations.
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6.3 M odelling multiple grain types and sizes

The version of the code used here can only model a single grain type and size in each 

run. It is unlikely that this reflects the true situation in dusty disks and it is therefore 

desirable to model several grain sizes and perhaps types simultaneously. A modification 

to allow the code to use several grains sizes or types at once results in the code becoming 

uneconomical to run in terms of computer time. As a compromise, Dr. Chris Skinner 

has modified the MIE program mentioned in Section 6.2 to produce an “average” grain, 

corresponding to a particular size and type, as Efstathiou & Rowan-Robinson (1991) did 

for their axisymmetric model. The main drawback of this solution is that in a real star- 

disk system with a range of grain sizes, there wiU be a range of grain temperatures at 

a particular radius and this is not reproduced in this “average” grain approximation. It 

does however, go some way to dealing with the problem of the range of grain sizes and 

types present, without increasing the cpu time required by the code.

Figure 6.20 shows clearly the difference between a single grain model and an “average” , 

composite grain model (both 100% silicate) using a typical MRN size distribution as shown 

in Table 6.3 (Mathis, Rumpl & Nordsieck 1977). The average value of the size distribution^ 

was used as the grain size in the single grain model, using optical properties appropriate 

for just a single grain size. The composite grain model gives significantly more flux at 

mid- and far-IR wavelengths, but when looking pole-on to the system (Figure 6.20a), the 

near-IR and photospheric parts of the SED do not vary much between the two models. 

This is not the case when looking equator-on (i.e. 90°, Figure 6.20b) where not only are 

there large differences in the flux at mid- and far-IR wavelengths, but the photospheric 

part of the SED also shows significant differences between the two models. The grain size 

used for the models in Figure 6.20 is very small (0.00738/im) and it is hkely that grains 

of this size in a real system wiU be removed by radiation pressure (e.g. see Section 7.4.1 

and Burns, Lamy and Soter 1979). Additional models were also run using larger grain 

sizes as used by Sylvester et al. (1997), and a distribution value of 7 (where n(a) oc n"^) 

th a t would give the larger grains more weight (2.0) was also adopted, as opposed to 3.5 in 

the small composite grain models in Figure 6.20. The large grain size distribution is also 

shown in Table 6.3, and the resultant SED’s in Figure 6.21.

Once again, more mid- and far-IR flux is produced with the composite grain when 

compared to its single grain counterpart. It is also clear that the large grain composite

^The average grain size is a weighted m ean, w ith  the w eights set by th e  size d istribution , n (a ) oc o
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Table 6.3: The individual grain sizes included in each distribution, as used in the “average” , 
composite grain models. The resultant composite grain size and power-law used are also 
given.

MRN grains Larger grains
^m jum

= 7.38 X 10-^ Œav = 3.11 X 10-2
7 = 3.5 7 = 2.0

5 ^ 0 x 1 0 -3 0.005
6.14 X 10-3 0.01
7.55 X 10-3 0.05
9 .2 7 x 1 0 -3 0.1
1.14 X 10-2 0.5
L 40X 10-2 1.0
1.72 X 10-2 2.0
2.11 X 10-2 5.0
2TW X10-2 10.0
3.19 X 10-2 20.0
3T)2xlO -2 50.0
4 ^ U x lO -2 100.0
5 T ^ x lO -2 200.0
7 .27x10-2 500.0
8TW X10-2 1000.0
1.10 X 10-1

-u

a) 0° inc lination b) 90° inc linat ion

= c o m p o s i t e  grain  

= s ing le  grain
= c o m p o si te  grain  

= single  grain

-20

-21
10 100100 1101

Wavelength (f^m) Wavelength (/im)

Figure 6.20: Composite vs. single silicate grain models, using a typical MRN size distri

bution.
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Figure 6.21: Composite vs. single silicate grain models, using a larger size grain distribu

tion.

produces more far-IR flux than the MRN size distribution, which is as expected, as larger 

grains will re-radiate steUar and scattered radiation at longer wavelengths (as seen in the 

single grain comparison in Figure 6.11).

Although it seems sensible to introduce multiple grain size distributions in some way, 

it also introduces additional free parameters. We have no way of knowing what kind of 

distribution is present in the circumsteUar environment of stars and therefore one can 

envisage producing innumerable models to fit observations, each with a sUghtly different 

size distribution, but giving us no real constraints on the actual distribution of grain sizes 

in the disk. It would seem most economical to adopt one particular size distribution and 

use that in competition with a single grain size when modeUing real systems.
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Chapter 7

M odelling of Vega-like stars: 

R esults

Spectral energy distributions tell us much about a star and its environment, from the 

hottest regions at the stellar surface to the coolest regions at the very edge of a s ta r’s 

circumstellar disk or envelope. A successfully modelled spectral energy distribution can 

teU us much about the system as a whole, which is why it is so im portant to construct 

models capable of mimicking the real emitted fluxes of these stars and their dust.

There have been many attem pts to model the spectral energy distributions of young, 

pre-main sequence stars with infrared excesses, such as the Herbig Ae/Be stars and their 

lower mass counterparts the T Tauri stars (e.g. Adams, Lada & Shu 1988, Bertout, Basri 

& Bouvier 1988, Hartmann, Kenyon & Calvet 1993, Mannings 1994, Mannings & Emerson 

1994, Miroshnichenko, Ivezic & Elitzur 1997, Pezzuto, StrafeUa & Lorenzetti 1997). Other 

than the prototype Vega-like stars, (/? Pic, a  Lyr, a  PsA, e Eri, e.g. Aumann et al. 1984, 

Anandarao h  Vaidya 1986, Backman, GiUett & W itteborn 1992, Artymowicz 1994) which 

exhibit only a mid- or far-IR excess, relatively little attention has been paid to the class 

of Vega-like star that have substantial near-IR excess as well. Bogaert h  Waelkens (1991) 

and Waelkens, Bogaert & Waters (1994) briefly discussed some of the stars studied in this 

thesis (HD 169142, HD 144432 and HD 142666, see later), but the flrst serious attem pt at 

modelling the SED’s of these stars was made by Sylvester k  Skinner (1996) and Sylvester 

et al. (1997). Their attem pts at modelling the SED’s of these stars were only partially 

successful; they found that both the near-IR and mid-IR excesses of these stars could not be 

accounted for simultaneously with the optically thin code they used. They recommended 

making similar modeUing attem pts with an opticaUy thick radiative transfer code, and

171



th a t is exactly what has been done here.

This chapter describes the modeUing attem pts, the possible geometries associated with 

the circumsteUar disks of these stars and the impUcations of the final results. This chapter 

currently contains the most comprehensive opticaUy thick modeUing of the SED’s of this 

class of Vega-Uke system.

7.1 M odelling

The number of free parameters in the code are large, making it difficult to constrain any 

one param eter whilst varying several others. Where possible, particular values for some 

param eters were adopted and kept constant, whilst concentrating on constraining one or 

two of the more important variables.

GeneraUy, the foUowing method was used when modeUing observations.

1) Some indication of the grain type in a system can be gained by observation of 

certain spectral features. In particular, the siUcate feature at 9.7//m gives an exceUent 

indication of the amount of siUcates in the disk. This feature was the primary factor in 

selecting the grain type to use in the models. The work of Sylvester et al. (1996) shows 

the 10/im and 20/im spectra of several of the stars in the sample studied here. Where a 

siUcate feature was observed by them (i.e. HD 144432, HD 142666), models were initiaUy 

run with pure siUcate grains. Comparison of the model output with observation indicated 

whether an additional grain type was required to “dilute” the siUcate emission feature. 

Once the siUcate feature was modeUed weU, the grain combination used was adopted for 

aU other models of that system.

2) The pole-to-equator density contrast param eter A, which defines the “flatness” 

of the disk (Equation 6.26), was kept constant at 5.0 for the most rigorous modeUing. 

Spherical models {A = 0) are considered in Section 7.2, but it is found that spherical 

envelopes are unUkely to be present in these systems. It is also interesting to see whether 

disk-like structures (as would be appropriate for the prototype Vega-Uke star (3 Pic) could 

accurately model the observed SED’s at aU, and to deduce param eter constraints for those 

structures.

3) The wavelength (A?) at which the optical depth is specified was kept at an arbitrary 

0.547/im [V  magnitude). The inchnation of the system was also kept constant at 45°, 

unless other known parameters of the system indicated otherwise (i.e. very high or very 

low vsini). As shown in Section 6.2.2, the resultant SED is insensitive to inchnation for
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angles of 45° or less, and so specifying an angle of 45° covers a large range of inclinations 

for the actual systems being modelled.

4) The inner radius, rminj is a very im portant parameter, and is one of the free variables 

in these models, rmin was varied until the shortest wavelengths under consideration (i.e. 

the near-IR excess, where present) were accurately fit by the model. The outer radius,

was also varied to fit the observations, as was r ,  the optical depth, in order to get 

the correct flux level. the radial density param eter (Equation 6.26), was initially kept 

constant at a value of 2.0, unless the outer radius could not be made to fit the far-IR 

observations, in which case B  was varied to produce the final model.

5) Models were produced separately for individual grain radii, varying from 0.01//m 

grains to 1mm grains, and for the preferred grain size distribution derived by Sylvester et 

al. (1997) for a given star (shown in Table 6.3). The maximum and minimum grain radii 

within this composite grain distribution was 1mm and 0.005/im respectively, producing a 

weighted average grain radius of 0.03//m with a size distribution 7 =  2.0 (where n(a) oc 

a “^). The same distribution was used for all three stars modelled later in this chapter, 

and correspond to the size distributions used by Sylvester et al. (1997) to produce their 

best fit models of the same stars. Only one grain size distribution was adopted - to use 

others would only increase the number of free parameters to consider, despite the fact tha t 

size distributions are the most likely case in real systems.

6) Once satisfactory fits were found for each grain size and each system, intensity maps 

were produced to identify differences between the models.

Although this method does not utilise the full parameter space (i.e. A, A,-, inclination 

and grain size distribution were held constant), it does allow a fuller understanding of the 

effects of the variables on the system under consideration. It also gives crude constraints 

on those parameters.

7.2 Spherical envelopes or flattened disks?

Whilst asymnietric geometries have been positively identified for a few stars (e.g. /3 Pic 

[Smith & Terrile 1984], HD 163296 and AB Aur [Mannings & Sargent 1997] and MWC 480 

[Mannings, Koerner & Sargent 1997]), the dust geometries of most IR excess stars remains 

uncertain.

HiUenbrand et al. (1992) studied 47 HAeBe stars, categorising them into three groups; 

Group 1 stars whose IR excess slope can be characterised by XF\ ~  Group 11
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stars with flat or rising IR spectra and Group III stars with minimal excesses, perhaps 

attributable to free-free emission. HiUenbrand et al. suggested that the SED’s of the 

Group I stars can be weU fltted by geometricaUy flat, opticaUy thick disks, and that 

Group II stars are being viewed through remnant envelopes and perhaps also have disks 

within these envelopes. The presence of extended envelopes of dust has been confirmed by 

several authors (e.g. N atta et al. 1992, N atta et al. 1993, Di Francesco et al. 1994) who 

aU detect extended emission at 50/zm and 100/im for their HAeBe sources. N atta et al.

(1993) studied a sample of seven Group II HAeBe stars and found that for 5 of the stars 

a circumsteUar disk within the envelope is necessary to fit the observations, reinforcing 

the work of HiUenbrand et al. (1992). Di Francesco et al. (1994) also found evidence for 

extended envelopes around 5 of his 6 HAeBe stars. However, Di Francesco et al. observed 

Group I sources which, according to HiUenbrand et al. would have only opticaUy thick 

disks and no extended envelope. This, unfortunately, tends to blur the distinction between 

the Group I and Group II HAeBe sources, but does not actuaUy remove the possibiUty 

tha t disks are present in these systems.

Hartmann, Kenyon Sz Calvet (1993) disputed the idea that opticaUy thick disks are 

required to produce some, if not aU, of the features seen in the spectral energy distributions 

of these stars. They suggested tha t “the near-IR emission of many Herbig Ae/Be stars 

arises in surrounding dusty envelopes, rather than circumsteUar disks” . Their alternative 

solutions generaUy cannot apply to the Vega-Uke sources studied here. In particular their 

idea that embedded companions may provide an additional source of 3yum excess is highly 

unUkely for the stars studied in this thesis, as the Vega-Uke stars here are almost aU field 

stars with no substantial parental clouds nearby. They also suggest that smaU grains at 

very large distances could cause the near-IR excess, if they are transiently heated by UV 

photons from the central star. Although this may satisfactorily explain the observations 

for some of the hotter HAeBe stars, there are stars in this sample of Vega-Uke’s which have 

surface effective temperatures too low to produce the UV photons required (Sylvester et 

al. 1997). They were also able to model some of their objects with an infaUing spherical 

envelope - but only if there is a bipolar cavity giving a clear Une-of-sight between the 

observer and the star. At this point the envelope is no longer spherical and could be 

considered to be a substantial disk, or donut instead. In summary, the spherical envelope 

models of Hartmann, Kenyon & Calvet (1993) typicaUy wiU not be appUcable to  the 

Vega-like stars modeUed here.
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Table 7.1: The model parameters used by Miroshnichenko et al. (1997) and adopted for 

the comparison models using the CoUison & Fix code.

Tinner 1500 K

At- 0.55/xm

r  (HD 150193, A l) 1.6

T (KK Oph, A5) 1.7

Size distribution MRN

(0.005/im  < a <  0.25/^m) 

Composition Sil:C = 1.12

Density Profile , - 1 .5

Geometry Sphere

Miroshnichenko, Ivezic & Elitzur (1997) have also claimed to be able to produce spher

ical envelope models to fit the observed data of a number of Group I HAeBe stars. They 

study 8 HAeBe’s, modelling each with spherical envelopes and dust density profiles obey

ing an power law. They adopt a specific grain composition and size distribution, 

set the inner radius as that at which the grains wiU have a temperature of 1500K and 

alter only the optical depth to obtain a fit to the observations. Their model is sufficiently 

similar to the CoUison & Fix code used here to enable a comparison of their results to 

be made. It was also hoped that by using these parameters, it would be seen whether 

spherical models could also fit the entire SED of a Vega-like star.

Two of Miroshnichenko et al.’s sample were selected for modelling with the CoUison 

& Fix code (KK Oph and HD 150193). The selection was made on the basis of the stars 

both being of A-type (none of the Vega-Uke sample in this thesis are B-type stars) and 

th a t their photometric data points were easily available in the literature. KK Oph and 

HD 150193 are both tabulated as Group I stars in HiUenbrand et al. (1992) and their data 

were used in the plots shown in Figure 7.1.

Table 7.1 gives details of the parameters tha t could be made identical between models. 

The biggest difference between the two codes is that the Miroshnichenko et al. models 

assume an infinitely large outer radius for the disk, whereas the CoUison & Fix code adopts 

an outer radius of 1000 X V m i n  (where V m i n  was 50r* for KK Oph and lOOr* for HD 150193).

Figure 7.1 shows the plots from the CoUison Sz Fix model. OveraU, the fit to the near-
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and mid-IR is good for both stars (although the fit for HD 150193 is the poorer of the 

two), and therefore the CoUison & Fix code confirms the conclusion of Miroshnichenko et 

al. (1997) tha t spherical envelopes can produce acceptable fits to some HAeBe systems. 

However, the plots in Miroshnichenko et al’s work extend only to 100//m. From the 

CoUison & Fix model results it is found that the adopted model parameters do not fit 

the miUimetre points at aU weU, producing too Uttle flux. So, whilst these models provide 

convincing fits to the near- and mid-IR regions, they fail to account for all of the mm-wave 

excess emission. This general point has also recently been made by Pezzuto, StrafeUa 

& Lorenzetti (1997) who found that “whUe spherical models with intersteUar-Uke dust 

are able to describe the observed SED’s in the visible, infrared and radio region, they 

generaUy fail to fit the submiUimeter fluxes” . They find that better agreement is found if 

the absorption coefficient of the dust at far-IR wavelengths foUows a shallower dependence 

than that of the standard MRN distribution and Draine Sz Lee mixture.

Having successfuUy reproduced some of the results of Miroshnichenko et al., spherical 

models were attempted for the Vega-Uke stars HD 169142, HD 144432 and HD 142666. 

InitiaUy, models were run with a composite grain using an MRN size distribution of 7 = 3.5 

(M athis, Rumpl & Nordsieck 1977), as a size distribution is more Ukely to be closer to 

the real situation in these systems, whether in a disk or spherical geometry. HD 169142 

was the first selected for modeUing. The inner radius was set such tha t a maximum grain 

tem perature of ~1500K could be reached, in this case 50r*. The outer radius was set 

to 1000r,ntn- The optical depth was varied between 0.1 and 3.0 at 0.55/im ( r  =  3.0 was 

the highest optical depth that Miroshnichenko et al. required to fit their HAeBe stars). 

Figure 7.2a shows the results of this modeUing.

As can be seen, the higher optical depth models significantly depress the shorter wave

length fluxes when compared to the de-reddened fluxes of HD 169142, which are plotted 

as fiUed squares. Only the very lowest optical depths fit the observed SED at these short 

wavelengths. As expected, an increase in optical depth increases the mid-IR flux, but no 

fit to the entire SED could be found from these models. A set of models using the same 

optical depths but this time with a much larger inner disk radius of 12,000r* was also pro

duced to compare with the other spherical models. The results are plotted in Figure 7.2b, 

and it can be seen that the same general trend is exhibited, although no near-IR excess is 

produced to fit the observations between 2/im and 5/um. Once again, no spherical model 

has been able to fit the data of HD 169142. A similar selection of models were run for
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Figure 7.1: Spherical models of KK Oph and HD 150193 using the CoUison k  Fix code

and parameters as adopted by Miroshnichenko et al. (1997). Data points are taken from

HiUenbrand et al. (1992).
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HD 144432 and HD 142666 (Figures 7.3 and 7.4) whose SED’s show a less pronounced 

10/im dip (see Section 7.4), but again, no single spherical model could produce satisfactory 

fits to all of the observed data.

A further argument against spherical envelopes is the amount of extinction one would 

see if they were present. The following equations are taken from Mannings (1994, here

after M94), Mannings & Sargent (1997, hereafter MS97) and Mannings (1997, personal 

communication).

The extinction due to a dusty envelope. A, is simply the difference between the mag

nitude with no envelope present and the magnitude observed through the envelope, and 

can be expressed as

A = 2.51og(e^) (7.1)

where r  is the optical depth of the intervening medium and is just the product of 

opacity «, and column density N:

T = k N  (7.2)

The opacity factor, k can be found in the literature (e.g. Adams, Lada & Shu 1988) 

and N  can be expressed as the integral of the density between the inner radius, ro, of the 

disk and the outer radius, R,
r R

N  — I p { r ) d T  (7.3)
Jtq

It is assumed that the material will have some radial power law, s, as in the CoUison 

& Fix code

= (7.4)

where s=0 defines an homogeneous envelope, and s= 3 /2  is typicaUy taken to be a 

“free-falling” case (M94, MS97). ro is the inner radius, and po the density at tha t radius. 

The density of the spherical envelope at an inner radius can be scaled by the to tal mass

where R  is the outer radius of the envelope. From M94, and in the opticaUy thin case,

where iv  is the flux density, d is the distance to the star and Bi,{T) is the Planck

function at temperature T. On this occasion, k is derived by

KA = 1̂ 0 (7.7)
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Figure 7.3: Spherical envelope models for HD 144432 using a composite grain size distri

bution of pure astronomical silicate
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Figure 7.4: Spherical envelope models for HD 142666 using a composite grain size distri

bution of 75% silicate and 25% amorphous carbon.
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where kq = O.lcm^g"^ at Aq =0.25mm (Hildebrand 1983). M94 gives a fuller discussion 

of K and uses P = 1, which has also been adopted here. Once a mass has been calculated, 

and an tq and R  adopted, one can work backwards through the equations listed above 

to obtain a value for a visual extinction for some spherical envelope with a radial density 

profile given by 5 .

Envelope masses and extinctions for spherical geometries were calculated for the Vega

like stars in this study. The purpose of this exercise was to compare calculated extinctions 

with observed values and to compare these values with those for HAeBe systems as calcu

lated by M94 and MS97. For consistency, a tem perature of 40 K is adopted (MS97) and 

fluxes at 1.3mm used for the mass calculation, since regions emitting at these wavelengths 

are more likely to be optically thin (M94, Adams, Lada & Shu 1988). Where flux density 

values at 1.3mm were not available, 1.1mm fluxes were used instead. The 1.1mm and 

1.3mm flux densities were taken from Sylvester et al. (1996).

To ensure that a vahd comparison could be made between the systems studied here 

and the HAeBe stars of MS97, their adopted inner and outer radii were assumed here 

also. MS97 used an inner radius of 1 AU and varying outer radii specific to each source, 

based on their millimetre observations taken at the Owens Valley Millimeter-wave Array. 

Extinctions for the Vega-hke systems were calculated using an outer radius tha t was an 

average of those used in MS97 (300 AU). The results are shown in Table 7.2. Although 

M94 uses the kq value of Hildebrand (1983), which has also been used here to obtain the 

masses and extinctions in Table 7.2, Pollack et al. (1994) have derived an updated value 

for «0 of ~  5 X 10“^cm^g“  ̂ at 1mm. Substituting this value in place of that of Hildebrand 

(1983) results in increased disk masses and higher values for the expected extinction. The 

results quoted in Table 7.2 may therefore be considered as lower limits, strengthening the 

arguments that follow.

In general, the expected extinctions for spherical envelopes with radial density power 

laws of 5=0 and 5=1.5 are very much higher than those observed. The only exceptions to 

this are HD 98800 and HD 123160 whose observed extinctions are similar to those derived 

for a spherical envelope, and also KK Oph & HD 150193 which, it has been shown, can 

be modelled adequately with spherical shells. A value of 3.1 was used for R y ,  the ratio of 

to tal to selective absorption, which is a standard value for interstellar extinction (Savage & 

Mathis 1979). However, it is quite possible tha t the actual extinction of the Vega-like stars 

is much higher due to additional neutral extinction caused by the circumsteUar material
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Table 7.2: Masses and extinctions derived for spherical envelopes for the Vega-like stars 

studied.

Star Spectral d ^dust+gas A v A v A y

(HD) (SAO) Type (pc) (mJy) (M@) (obs) (5= 0) (s= 3 /2 )

35187B 77144B A2Ve 1501 80* 0.005 0.43 13 205

98800 179185 K5Ve 47I 11 1x10-4 0.00 0.3 4.5

123160 158350 G5V 15.72 <16* 1x10-5 2.5 2.7 0.45

135344 206462 F4Ve 84% 142 0.004 0.50 11 184

139614 226057 A7Ve 1572 242 0.026 0.09 67 > 106

141569 140789 AOVe 991 <36* 0.001 0.40 2.5 40

142666 183956 A8Ve 1142 127 0.007 0.93 18 302

143006 183986 G5Ve 822 64 0.002 0.50 4.8 79

144432 184124 A9/F0 253I 69* 0.012 0.34 31 502

158643 185470 B9.5Ve 1311 <42* 0.002 0.28 5.0 82

169142 186777 A5Ve 1452 197 0.018 0.43 46 758

150193 184536 A l 1501 <204 7x10-6 1.56 0.02 0.3

KK Oph A5 1604 504 2x10-5 1.67 0.06 1.0

1) Hipparcos (ESA 1997), 2) Sylvester et al. (1996), 3) Sylvester et al. 

AU fluxes are 1.3mm flux densities, except those marked * which are 

1.1mm flux densities, 4) HiUenbrand et al. (1992)

(1996).
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around the star. Even in extreme cases, where A y  may reach 4 or 5 magnitudes (c.f. figure 

3, de Winter et al, 1994) it is found tha t more than half of the stars in Table 7.2 remain 

unlikely to have their circumsteUar dust distributed in spherical geometries. However, it 

seems implausible that many of these stars wiU have such high visual extinctions, and it is 

concluded that none of the Vega-like stars here can have their infrared excesses explained 

in terms of spherical envelopes, with the possible exceptions of HD 98800 and HD 123160.

How do these extinctions compare with HAeBe stars? MS97 studied seven Herbig Ae 

stars, aU of which have visual extinctions very similar to those derived here for the Vega- 

likes. The disk masses they derived for their Herbig Ae stars are very similar, if sUghtly 

greater, than those of the A-type Vega-likes having the highest Ljr /L .  values (HD 35187, 

HD 139614, HD 142666, HD 144432, HD 169142). The Herbig Ae disk masses of MS97 

range from 0.005M® to 0.037M©, whereas the disk masses derived for these five Vega-Ukes 

are between 0.005M© and 0.026M©. MS97 also find that their Herbig Ae stars cannot 

have their circumsteUar environments explained in terms of spherical geometries, just as 

is found here for the Vega-Ukes. These Vega-Uke stars aU have near-IR excesses just as 

the HAeBe’s do. Could these similarities suggest some kind of relationship between the 

near-IR excess Vega-Uke stars and the HAeBe Group I stars? This has been aUuded to 

before (e.g. Sylvester et al. 1996) and wiU be discussed further in Section 7.4.

7.3 Results of disk geom etry modelling

FoUowing the unsuccessful attem pts to model some of the Vega-Uke stars with spherical 

envelopes and on the basis of the extinction calculations, a disk-Uke geometry was employed 

in subsequent models, setting the pole-to-equator density parameter A  (Equation 6.26) to 

5.0 throughout. ModeUing was completed for three A-type stars, each of which exhibit a 

near-IR excess as weU as a mid-IR excess. Those stars without a near-IR excess were not 

considered for study; Sylvester & Skinner (1996) have already successfuUy modeUed these 

stars in terms of opticaUy thin disks. The purpose of using the CoUison & Fix code was 

to tackle the more compUcated cases of those stars with near-IR excesses, as these have 

never before been successfuUy modeUed with a single disk distribution. This section wiU 

detail the results of this modeUing and discuss the impUcations of those results.
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7.3.1 H D  169142 (SAO 186777)

HD 169142 was the first selected for modelling. It is an A5Ve star with an Ljr/L , ratio of 

0.24 (Sylvester et al. 1997), and was the first Vega-like star discovered to show unidentified- 

IR (UIR) bands in its mid-IR spectrum (Sylvester, Barlow & Skinner 1994). The models 

here were run using pure amorphous carbon grains, although it was later realised tha t 

HD 169142 does show a very weak silicate emission feature in its 20/xm spectrum (Sylvester 

et al. 1996). Models were run using six single grain radii, ranging from 0.01/^m to 1mm, 

and a composite grain size made up of 15 individual sizes (Table 6.3). This particular 

composite size was selected so th a t a comparison with the work of Sylvester et al. (1997) 

could be made.

The near-IR excess indicates the presence of very hot grains ('^1500 K) and so initial 

models were run with inner radii small enough for the grains to reach that temperature. 

For each of the grain radii used, no fit could be found for optical depths >1.0 (Table 7.3). 

For grain sizes of 0.5,um and larger, no fit at all could be found for the near-IR excess. 

An optical depth of 1.0 at V for the 0.01/zm grain and composite grain gave significantly 

too much flux to fit the observed excess (Fig 7.5) and so, for these grain sizes, optically 

thin material must be present if they are responsible for the near-IR excess seen. The 

optically thin modelling of Sylvester et al. (1997) used very small grains (5Â) close to 

the star (0.67 AU) to get a good agreement with the observed near-IR flux. Further 

experimentation with the CoUison & Fix code found that a satisfactory fit to the near-IR 

excess could be obtained by using O.lyum grains at a distance of 0.4 AU, a very similar 

distance to that of Sylvester et al. (1997). Sylvester et al. derived a mass of 1.2xlO"^M@ 

from their near-IR opticaUy thin model (where M@ is the mass of the Earth). The 0.1/xm 

grain model used here impUed a mass of 2.81xlO""*M@, i.e. more than Sylvester et al., 

but a greater mass is expected for an opticaUy thick model. This fit (Figure 7.6) did not, 

however, produce a simultaneous fit to the mid-IR excess. No combination of parameters 

was able to produce such a fit, and so the two excesses were modeUed separately.
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Table 7.3: Results of SED modelling for HD 169142 with 100% amorphous carbon grains.

radius NIR FIR

a 'f'm in ^ m a x  ^ m in  ^ m a x  ^ B  Mass ’̂ m in '^m ax f'm in f 'm a x T B Mass

(xr*) ( x r , n i n )  (AU) (AU) (M@) (xr*) ( X T-rain ) (AU) (AU) (M e)

0.01/im N O  F I T  F O R  r  >1.0 17000 1000 138 137500 1.0 2.0 2.84x10-4

composite N O  F I T  F O R  T  >1.0 12000 1000 97 97000 1.5 2.0 2.68x10-4

0.5/xm N O  F I T 14000 1000 113 113000 3.0 2.0 5.58x10-4

l/im N O  F I T 7000 1000 57 56600 3.0 2.0 6.20x10-4

10;im N O  F I T 1000 1000 8 8100 3.0 1.9 1.16x10-4

100/im N O  F I T 1000 1000 8 8100 3.0 2.0 7.28x10-4

1mm N O  F I T 1000 1000 8 8100 3.0 2.0 7.35x10-3

Note: A fit to the near-IR can be obtained using 0.1/im grains, an Tmin of 50, Vmax of 100, r  of 1.0, B  of 2.0 and a mass of 8.45x10 M©
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Figure 7.5: Near-IR models for HD 169142 using a) 0.01/im grains and b) composite grains. 

The optical depth is 1.0 in both cases, producing too much flux at the short wavelengths.

For the mid- and far-IR excess, each grain size was able to produce a reasonable fit to 

the observed data exluding the near-IR points (Figure 7.7). The 0.01/im grains gave a very 

good fit to all data points (Figure 7.7), although a very large inner radius was required to 

do so (138 AU). In addition, a large outer radius (1000r,rim) was also necessary to fit the 

longest wavelength points. For scale, 138 AU is almost 3^ times the Sun-Pluto distance, 

and 1000 times this would place the outer edge of the disk halfway between the Sun and 

Proxima Centauri, just past the outer edge of the Oort Cloud.

The 0.5/im and 1/im grains lose a little flux at the 12/im point (Figure 7.7), but 

presumably this would be remedied by the addition of the near-IR excess contribution. 

The 10/zm grain model was the only model to require a modification of its radial density 

parameter, B. A value for B of 1.9 as opposed to 2.0 provided just enough additional 

grains in the outer regions to fit the mm-wave points. As the grains get larger, the inner 

radius required to obtain the correctly positioned mid-IR peak decreased somewhat. The 

very largest grains ( 10/^m, 100/im and 1mm) required only a lOOOr. inner radius (8AU, 

a little less that the Sun-Saturn distance) to fit the mid-IR peak well, but still required 

an outer radius of lQGOr,„,n to fit the mm points (this time corresponding to ~8000AU, 

somewhere between the outer edge of the Kuiper belt and the inner edge of the Oort 

cloud). The optical depth required to produce enough flux remained constant for each 

model at r=3.0, with the exception of the two smallest grain models (0.01/zm grains and 

the composite grains) where much smaller optical depths were needed (r=1.0 and 1.5
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Figure 7.6: Near-IR model for HD 169142 which successfully reproduces the observed 

fluxes. The grain radius is O.l/im.

respectively).

Although the modelling failed to reproduce the entire observed spectral energy distribu

tion of HD 169142, the results of the single grain size models do provide useful insights into 

the possible nature of the system. We know, from the calculated extinctions (Table 7.2) 

and from the spherical envelope modelling in Section 7.2, that spherical geometries are an 

extremely unlikely scenario for the case of the HD 169142 system. In a disk geometry, it 

has been shown that a population of small grains (<0.1/xm) must reside in the cicumsteUar 

disk in order to reproduce the observed near-IR excess (Figure 7.6). In addition, these 

small grains must be located very close to the parent star (0.5 AU) to achieve the high 

(~1500K) temperatures associated with excesses at these short wavelengths (2-5^m). It is 

unbkely that such small grains are solely responsible for the excesses seen simultaneously 

at mid- and far-IR wavelengths (10-100;:/m). The modelling here has shown that such 

small grains would have to be located at very large distances from the star (Table 7.3). 

However, whilst this fact does not rule-out the possibility of small grains residing in the 

outer regions of the disk (our own Oort Cloud is believed to extend to 100,000 AU), a 

more appealing scenario would be one where larger grains, which require smaller disk 

radii, make up a significant proportion of the outer disk. The presence of larger grains 

would imply that the action of grain agglomeration was taking place, making the whole 

HD 169142 system a more interesting one to study.

From Figure 7.7, it is clear that many of the grain sizes modelled produce good fits
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far-IR fluxes.
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Figure 7.7; continued

to the observed data. This implies that any one of those grain sizes, or a combination 

of some, or aU of them, could be responsible for the mid-IR excess seen. By studying 

the SED’s alone, it is virtually impossible to distinguish between grain sizes, which is not 

helpful when trying to constrain input parameters for these models. One solution is to 

produce surface intesity maps to distinguish between them. Figure 7.8 shows such maps 

at 450^m and 1.3mm for three of the grain sizes modelled (0.01//m, composite and 1mm 

grains). Clearly the profile of each one are of similar shape, but the important feature to 

note is the angular sizes they produce on the sky. The angular sizes show a large difference 

between the small grains and the large (1mm) grains. If sufficient angular resolution was 

available to image these sources, it would be one way of determining the dominant grain 

size in these systems.

7.3 .2  H D  144432 (SAO  184124)

After failing to fit the entire SED of HD 169142, HD 144432 was selected for modeUing. 

It has the highest Lir/L* ratio (0.48, Sylvester et al. 1996) of the A-type systems studied 

in this thesis, well within the range of Group I HAeBe stars (Sylvester et al. 1996). Since 

other stars of the Group I type have been successfuUy modeUed (albeit with spherical 

geometries. Section 7.2, Miroshnichenko et al. 1997), it was hoped that a single distribution 

would also fit this star, whose SED does have similarities with those of Group I HAeBe’s.

HD 144432 has a very prominent siUcate feature (Sylvester et al. 1996) and so models 

with 100% siUcate grains were used. Once again, models were inti ally run with small inner
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Figure 7.9: Models for HD 144432 (smooth lines) which successfully reproduce the ob

served near-IR fluxes.

radii, to acheive the temperatures necessary for the near-IR flux to be produced. Using 

the same grain size models as for HD 169142, two models were found to fit the near-IR 

excess well, the 0.01/im grain radius model and the composite grain model (Figure 7.9, 

Table 7.4).
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Table 7.4: Results of SED modelling of HD 144432 with 100% astronomical silicate.

radius

a '^min

()<?*)

^max  

( X '^min)

NIR

'f'min ‘f'max

(AU) (AU)

T B Mass

(M@)

'^min

(xr*)

^max '^min

(AU)

FIR

"̂ max

(AU)

T B Mass

(M@)

0.01/im 20 1000 0.13 128 3.0 2.0 1.05x10"® 200 5000 1.28 6400 1.0 1.5 4.20x10"^

composite 20 1000 0.13 128 3.0 2.0 4.20x10-9 200 5000 1.28 6400 2.0 1.7 9.73x10-5

0.5/an NO FIT 200 5000 1.28 6400 5.0 1.5 2.97x10-5

1/im NO FIT 200 10000 1.28 12800 3.0 1.5 8.11x10-5

10/im NO FIT 200 10000 1.28 12800 2.0 2.0 1.96x10-5

100/an NO FIT 200 1000 1.28 1200 2.0 2.5 1.86x10"®

1mm NO FIT 300 1000 1.28 1900 2.0 2.5 4.22x10-5

COw



The disk parameters for the two models were identical, with an inner radius of 20r* 

(0.13 AU, ~  5 of the Sun-Mercury distance). Their outer radii were fit by r^ax = 1000r„ii>i 

(~130 AU, roughly 3 times the Sun-Pluto distance). The O.Ol^m grain model was found 

to fit the silicate feature very well, without the need for additional grain types to dilute 

the model’s flux. The composite grains did not fit the 9.7/xm silicate feature so well, there 

was too little flux. Presumably more material in the inner regions is required to fit this 

feature. The optical depth in both cases was quite high, r=3 .0 , corresponding to masses 

of 1.05xl0~^Af© for the 0.01/xm grain model and 4.20xl0"^M@ for the composite grain. 

Sylvester et al. (1997) derived a mass of TSxlO^^^M© using their optically thin model.

Concentrating on the mid-IR excess, fits for aU grain sizes were once again found 

(Table 7.4). Not all fits were perfect, but the “best-fit” models for each grain size are 

shown in Figure 7.10. In aU but two cases (1mm and composite grains), a very poor 

fit to the mm-wave points was produced. O.Ol/zm to lOfim grains failed completely to 

produce enough flux at these wavelengths, whilst the 100/zm grains just fit the 760^m 

point, but turned over at that point and failed to fit the 1.1mm point. As found for 

the near-IR models, increasing the outer radius or pushing more material into the outer 

regions did not improve the fits. Already, the outer radii are very large (SOOOr^in or 

10000r,7ij„) and in most cases increasing it further made no significant difference to the 

mm fit, but significantly worsened the fit around 10/im. The inner radius for all models 

(except the 1mm grain model) could be held constant at 200r* ('-^1.3 AU, slightly more 

than the Sun-Earth distance) which is very much closer than that of the mid-IR models 

of HD 169142. Interestingly, only the composite model could reproduce well the silicate 

feature whilst maintaining a good fit to the long wavelength points. The 0.01/im, 0.5/im 

and 1/im grains did produce a weak silicate feature, and perhaps the addition of near-IR 

flux would amplify the model flux at this wavelength to adequately fit the observations. 

AU of the models required opticaUy thick disks, with varying values of the radial density 

param eter, B. Each of the mid-IR excess models for this star produced masses an order of 

magnitude lower than for the corresponding models of HD 169142. This is an interesting 

point since the Xir/X* of HD 144432 is twice that of HD 169142. However, the near-IR 

excess of HD 144432 is an order of magnitude larger than that of HD 169142. This shows 

th a t the near-IR excess, and hence the smaU grains that cause the excess, are the dominant 

factor in a s ta r’s Xir /X ,  value.

Having completed modeUing the near- and far-IR excesses separately, consideration
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Figure 7.10: Mid-IR models for HD 144432 which successfully reproduce the observed 

fluxes.
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was given to the possibility of fitting the entire SED of HD 144432 with a single density 

distribution. Looking at the model results in Figure 7.9, it seemed possible that a complete 

fit could be made to the observations, perhaps by using a larger outer radius or placing 

more material in the outer regions of the disk. Increasing the outer radius did indeed 

increase the fiux at the longer wavelengths, but not quite enough to fit the mid-IR points. 

Decreasing the radial density parameter, B, (i.e. pushing more material to the outer disk 

regions) helped to increase the mid-IR fiux. However, decreasing the B  param eter too 

much resulted in the removal of the near-IR excess, whilst producing too much mid-IR 

fiux and too little far-IR fiux. A compromise was reached using composite grains at the 

values shown in Table 7.5. As can be seen in Figure 7.11, an excellent fit was obtained 

to the whole SED from just that single model. The mm points in the model do remain 

adrift from the observations though. Recall that with the single grain-size models, only 

the mm-sized grains adequately fit the longest wavelength points. This suggests tha t there 

are additional very large (mm-sized) grains residing in the the outer regions of the disk and 

th a t these large grains are a necessary requirement to fit the observations. The fact tha t 

mm-plus sized bodies appear to reside in the HD 144432 disk suggests that agglomeration 

of dust particles has taken place in this system.

Figure 7.12 shows intensity maps for this particular model at a 45° inclination, for 

wavelengths at 450/im and 1.3mm. The predicted angular diameter of the emission as 

seen on the sky, assuming a distance of 253pc (Hipparcos, ESA 1997) is 0.17 arcsec at 

450/im and 0.19 arcsec at 1.3mm. Instruments such as SCUBA (Sub-millimetre Common
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Figure 7.11: A complete SED model for HD 144432. The small open squares are CGS3 

data  from Sylvester et al. (1996). The grain used is a composite with a size distribution, 

7 , of 2.0, with a minimum grain size of O.OOSyum and a maximum grain size of 1mm.
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Table 7.5: Parameters for the complete HD 144432 model SED.

rmin 20r* (~0.13AU)

Tmax  lOOOOr^m (~1300AU)

Grain size (a) composite (av. = 0.03//m)

Size dist. (7 ) 2.0

^min^^max 0.005/^m, 1mm

Grain type 100% silicate

r  3.0

A  5.0

B  1.4

Mass 2.71xlO“ ®M0

User Bolometer Array) housed at the JCM T, Hawaii, do not have sufficient angular res

olution to image such a disk (SCUBA has a FWHM angular resolution of 7 arcseconds 

at 450/im), and hence high resolution interferometric studies would be required to de

termine, observationally, the presence of a disk such as that described here. Mannings 

& Sargent (1997) have recently undertaken such a high resolution study for a sample of 

seven Herbig Ae stars, using the Owens Valley Millimeter Array and such an instrument 

would appear to be essential for further study of the HD 144432 disk system.

7 .3 .3  H D  142666  (SA O  183956)

The SED profile of HD 142666 is midway between that of the two previously modelled 

stars, which is reflected in its Ljr/L* ratio of 0.34 (Sylvester et al. 1996). It has a silicate 

emission feature at 9.7/um (Sylvester et al. 1996), similar to, but weaker than tha t of 

HD 144432. The modelling undertaken here showed tha t a grain composition of 75% 

silicate and 25% amorphous carbon fit the sihcate peak well. The successful modelling 

of the circumsteUar disk of HD 144432 gave the hope that this star too, with its simUar 

SED, could also be modeUed in its entirety. This hope was soon dispeUed, but not entirely 

quashed, upon inspecting the results of the first composite grain models. As with the 

two previous stars, the near-IR excess could be easily modeUed on its own (see next 

paragraph). The frailty of the CoUison h  Fix code, when pushed to its Umits, prevented a 

full exploration of the parameter space. However, from the models that could be run, the
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Figure 7.12: Surface intensity maps for HD 144432. The scalebar in both cases represents 

0.025 arcsec on the sky.
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Figure 7.13: Near-IR models for HD 142666 which successfully reproduce the observed 

fluxes.

results showed the same trend as those of the HD 144432 modelling, namely that increasing 

the outer radius increases the flux at far-IR and mm wavelengths and decreasing the radial 

density parameter increases the mid-IR flux. It is beheved that a model with a single set 

of parameters could reproduce the entire spectral energy distribution of HD 142666, but 

a more robust version of the Collison & Fix code wiU be required to find it. Models were 

then run to tackle the near- and far-IR excesses separately.

Its substantial near-IR excess could be fit only by two grain size models (O.Olyum and 

composite grains). The best fit was obtained by the 0.01/xm grain model (Figure 7.13) 

which also fit the sihcate feature particularly well. The composite grain model did not 

produce a strong sihcate peak, but made a good attem pt at fitting the shorter wavelength 

points. As was the case for HD 144432, the model parameters for these two grain sizes 

were identical, with inner radii of20r* (0.14 AU) and outer radii of lOOOr,^^ .̂ Sylvester et 

al. (1997) found that grains causing the near-IR excess have to be in thermal equihbrium 

(i.e. very small thermaUy spiking grains could not reproduce the near-IR fluxes) and used 

5A grains at 0.2 AU from the star, a distance which is in good agreement with that found 

here. His derived mass was 1.5x 10"^^M@, compared with 2A6x 10~^Mq derived here for 

the O.Qifim grain model and 1.99x 10"^M@ for the composite grain model.

The far-IR, fluxes could be fit by all grain size models. As was the case for HD 144432, 

not all sizes gave a perfect fit, but the “best fit” models are all shown in Figure 7.14 

and Table 7.6. However, only the 1mm and composite grain models adequately fit the
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mm-wavelength fluxes; all other grain models fell short of the required flux levels. No 

model fit the silicate feature well; it is assumed that the contribution from the near-IR 

excess would remedy this. Various inner radii were required, ranging from lOOr* (0.72 AU, 

Sun-Venus distance) to 500r* (3.6 AU, slightly greater than the Sun-asteroid distance). 

In general, an outer radius of SOOOrT̂ in (~  18,000 AU for an rmin of 500r*) was needed to 

fit the mm points, although the Imm-radius grain model required an outer radius of only 

2200 AU. AU models were opticaUy thick with varying radial density profiles. The masses 

derived here from the far-IR fits were aU higher than those of the corresponding models 

for HD 144432, but much lower than those for HD 169142. The opposite is true for the 

masses derived for the near-IR fits.
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Table 7.6: Results of S ED modelling of HD 142666 with 75% astronomical silicate, 25% amorphous carbon.

radius

a  ̂mm
( x r ^

f'm ax

( X

NIR

7" mm " '̂max

(AU) (AU)

T B Mass Tmm
(x r^ l

'^max

{ X V m i n ^

T'mm
(AU)

FIR

7'max
(AU)

T B Mass

(M@)

O.Ol/xm 20 1000 0.14 144 2.0 2.0 2.46x10-9 500 5000 3.61 18000 1.0 1.5 9.20x10-5

composite 20 1000 0.14 144 2.0 2.0 1.99x10-9 500 5000 3.61 18000 3.0 1.6 4.04x10-5

0.5/fm NO FIT 500 5000 3.61 18000 4.0 1.5 L42X10-4

I f i m NO FIT 500 5000 3.61 18000 3.0 1.5 1.85x10-4

lOfim NO FIT 100 5000 0.72 3600 3.0 1.5 8.92x10-5

lOO^m NO FIT 200 1000 1.44 1400 3.0 2.5 2.82x10-6

1mm NO FIT 300 1000 2.17 2200 3.0 2.5 6.42x10-5

t o
o
to



As for both HD 169142 and HD 144432, a significant population of small grains close 

to the star (0.2AU) is required in the circumsteUar disk of HD 142666 in order to account 

for the the observed near-IR excess flux. However, unlike HD 169142, only the mm size 

grains, and the composite grain model (which included grains up to 1mm, Table 6.3) could 

produce an accurate fit to the mm-wavelength points. This implies tha t large mm-sized 

grains must exist in significant quantities in the cicumsteUar disk around this star. The 

outer edge of the disk, as implied by the 1mm grain size model is 2200AU, which would 

place it somewhere in the Kuiper belt in a Solar System analogue. With the very smallest 

grains located in the inner regions of the disk and the larger grains further out, it is 

tem pting to hypothesise a size distribution where the grains become larger the farther out 

in the disk they reside. However, this is unlikely to be the case. Although the smaller 

grains do not account for the longest wavelength fluxes, they make an excellent job of 

fitting the far-IR points, and so there may well be large populations of smaller grains 

within the disk, responsible for the production of the necessary mm-sized grains through 

agglomeration. Once again, intensity maps may be useful to decipher the contribution of 

a particular grain type, and a selection are shown in Figure 7.15. The predicted angular 

diameters range between 0.48 arsecs and 8.4 arsecs at 450/im, and between 0.52 arcsecs 

and 11.2 arcsecs at 1300//m.

7 .3 .4  D iscu ss io n

This section has shown the results of the modelling of three A-type Vega-like stars. Each 

of the three stars has a large fractional excess luminosity, ranging from Tir /T* =  0.24 for 

HD 169142 (An A5Ve star) to 0.48 for HD 144432 (an A9/F0Ve star). It has been shown 

tha t the near-IR excess is the dominant factor in the high Z-ir /T* ratio for each star; 

in this sample a higher Zjr/Z* value corresponded to a higher mass in the inner regions 

of the disk. However, for these three systems, there appears to be an anti-correlation 

between Xir /Z* and outer disk mass for the far-IR models; i.e. the higher the Xir /X^ 

ratio, the lower the mass in the outer regions. Perhaps this could represent an evolutionary 

sequence?

The fact that HD 169142 could not be modelled by a single density distribution cannot 

be ignored. From the experience gained in using the code modelling these three stars, it 

is thought likely that any other Vega-like star with a 10//m “dip” as pronounced as that 

seen in the SED of HD 169142 will also not be able to be modelled with a single density
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Figure 7.14: Mid-IR models for HD 142666 which successfully reproduce the observed 

fluxes.
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Figure , .14: continued

distribution. This implies that HD 35187, HD 135344, HD 139614 and HD 143006 vviU 

require two distinct density distributions to fit their observed data. Several authors have 

commented on the absence of grains or formation of kilometre sized bodies that could 

cause the dip (Bogaert k  Waelkens 1991, Waelkens, Bogaert k  Waters 1994, Marsh k  

Mahoney 1992, 1993), although Boss k  Yorke (1996) have recently shown that the dip at 

lO^im can also be caused by a continuous disk using a more realistic structure than the 

power law assumption permits.

In a very crude effort to verify whether a “two-component” density distribution could 

cause a double-peaked SED, the Collison k  Fix code was modified slightly by adding a 

gaussian distribution of grains in the outer regions of the existing distribution. The user 

can set the “height” of the gaussian as a fraction of the maximum number density at the 

inner radius, as well as specifying its central position and width. This alteration made the 

code quite fragile, as large outer radii were required for the code to converge. Figure 7.16 

shows an example of the output for the code with a central star identical to HD 169142. A 

Kurucz (1991) model atmosphere appropriate to the star’s spectral type (Teff = 8400 K, 

log^=4.1) is also shown to help highlight the code’s success in producing a double-peaked 

SED. This model did not fit the SED of HD 169142, and no rigorous modelling was carried 

out to try to do so. The point of the exercise was to determine whether a disk with a 

two-component density distribution can produce similar SED’s to the “double-peaked” 

profiles observed. Evidently it can, and it is recommended that further research into 

two-component modelling be carried out.
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7.4 The Near-IR Excess

As already mentioned, the near- and far-IR excesses in these Vega-like stars could not 

all be modelled simultaneously using a single density distribution. This strongly suggests 

th a t there are two distinct grain populations, one responsible for the near-IR excess and 

one for the far-IR excess. Not aU Vega-like stars exhibit a near-IR excess however, and 

Figure 7.17 shows an example of both types of Vega-like star, and also examples of Group I 

HAeBe stars and Group II HAeBe stars. The main point to note about Figure 7.17 is tha t 

both HAeBe stars also have near-IR excesses, typical for this class of star. The similarities 

between the Vega-like stars with near-IR excesses and the Group I HAeBe’s leads one to 

wonder whether these two classes of star are related in any way. In order to explore this 

possibility, certain regions of the spectral energy distributions were studied with the aid 

of colour-colour diagrams.

Sylvester et al. (1996) studied a sample of 23 Vega-like stars and presented a (J-H) 

versus (H-K) colour-colour diagram, covering the near-infrared region from 1.22 to 2.18//m. 

Their Vega-like stars fell into two distinct groups, those with near-infrared excesses (9) 

and those without (14). They found tha t the near-IR excess Vega-like stars lay on the 

same locus as Herbig Ae/Be stars, obtained from the work of Hillenbrand et al. (1992). A 

further plot of (H-K) versus (K -L) îot the same sample of stars revealed that “at least some 

of the Vega-like stars are likely to be related to the Herbig Ae/Be stars, perhaps descended 

from them ” . The work presented here investigates further the possibility of such a relation, 

and studies more closely the relation between near-IR and mid-IR excesses. Figure 7.18 

shows a plot of (K-L) versus IRAS (12-25). The open squares correspond to Vega-like 

stars which have no near-IR excess and no immediately obvious 12/zm excess either. The 

filled squares also correspond to Vega-like stars which have no near-IR excess, but do 

show some degree of 12/im excess. The fiUed circles again correspond to Vega-like stars, 

but which do show near-IR emission. AU the data for these stars have been adopted from 

Sylvester et al. (1996). For comparison, a selection of data for Herbig Ae/Be stars are also 

plotted. These were aU derived from the data  of HiUenbrand et al. (1992) and represent 

their Group I stars (open triangles) and Group II stars (fiUed triangles). Not aU of their 

sample is plotted. From inspection of their fuU SED’s, it was clear that some IRAS 12 

and 25/im data points were discrepant from ground-based observations at N(10.47/zm) 

and Q(20.13^m). It is likely that in these instances, IRAS recorded additional flux from 

extended emission or other sources nearby, giving these HAeBe stars the appearance of
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Figure 7.18: A plot of (A' -  L) versus (12 — 25) colours for Vega-like and HAeBe stars. 

Open squares - Vega-like stars with no near-IR excess or l2/im  excess, filled squares - 

Vega-like stars with no near-IR excess, but some degree of 12/im excess, filled circles - 

Vega-like stars with near-IR excess, open triangles - Group I HAeBe’s, filled triangles - 

Group II HAeBe’s. The Vega-like data has been adapted from Sylvester et al. (1996), the 

HAeBe data from Hillenbrand et al. (1992).

having far more mid-IR excess than they actually have. Therefore, to ensure that the plot 

in Figure 7.18 is as accurate as possible, only those stars whose 12 and 25/Lzm data points 

were in satisfactory agreement with the N and Q points were plotted. Those stars without 

N or Q data were also excluded from the plot.

The main result to note from this plot is this large gap between the classes of Vega-like 

star in (K-L) colours. Whilst there appears to be a continuous distribution in (K-L) 

between the HAeBe stars and the Vega-like stars with a near-IR excess, there is no such 

continuous distribution between the Vega-likes with near-IR excess and those without. 

This implies that while the initial loss of near-IR excess is a gradual, relatively slow 

process between the HAeBe’s and near-IR excess Vega-likes, the subsequent loss of near- 

IR excess (i.e. the small hot grains in the inner regions) after this phase is relatively 

fast, which must be significant in terms of the evolution of the Vega-like stars. The Vega
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like stars which have a near-IR excess typically have high fractional excess luminosities 

( L i r / L *  >0.028) as opposed to the other Vega-hke stars which aU have fractional infrared 

luminosities in the range of the “classical” prototypical Vega-like stars (L jr/L^ ~ 10”  ̂ to 

10“^). For the purposes of this work, these two groups of Vega-like star will be labelled 

“classical” Vega-likes (CVL’s, L i r / L *  ~  10"^ to 10“  ̂ e.g. HD 141569, HD 123160) and 

“extreme” Vega-likes (EVL’s, larger L j r / L * ) .  AU but one of these EVL’s have been studied 

in the work discussed in Part I of this thesis. As discussed in Chapter 5, the fractional IR 

luminosities of many of these stars he in the range of those of Herbig Ae/Be stars which 

suggests a close Unk between the two classes of stars. However, Figure 7.18 shows that 

they appear to occupy separate regions of the colour-colour diagram. W ith the exception 

of two stars (HD 245185 and HD 250550), all the HAeBe stars he to the right of the EVL’s. 

The obvious disparity between the Group I HAeBe’s and their two “rogue” members leads 

one to beUeve that these two may actually belong to the EVL class instead. Perhaps future 

work wiU look into this possibility. Separate again are the Group II HAeBe’s that tend to 

lie further right of the Group I’s, suggestive of the presence of even more near-IR excess. 

This is borne out simply by inspection of the fuU SED’s of a typical member of each class 

( Figure 7.17). The plot in Figure 7.18 also reveals interesting information from the (12-25) 

axis. One of the characteristics of both the CVL’s and the EVL’s is the lack of correlation 

of the (K-L) with the (12-25) colours. This lack of correlation is suggestive th a t the 

mechanisms controlling exceses in the near-IR and mid-IR region operate independantly 

in these stars. However, the HAeBe stars, when taken as a whole, seem to exhibit a trend 

in (12-25), which decreases with decreasing (K-L). In contrast to the Vega-Ukes, this does 

suggest a link between the near- and mid-IR excesses.

Looking more closely at the relation between (K-L) and (12-25), or in other words, 

the relation between near- and mid-IR excess, it becomes obvious why the colours of one 

group of stars correlate, and those of the others do not. Let us consider the (12-25) colours 

of the HAeBe Group I stars. Figure 7.17 shows that for a typical Group I HAeBe star, 

the 12 and 25//m points lie on the Rayleigh-Jeans part of the excess slope. The mid-IR 

“peak” lies at shorter wavelengths. Therefore the (12-25) colour difference should reveal 

some degree of clustering as is seen in Figure 7.18. The Vega-likes, on the other hand, see 

their mid-IR excess peak at wavelengths close to, or between the 12 and 25/xm photometry 

points. This produces more uncertainty into which way the gradient wiU “slope” between 

these two points and hence will result in a wider spread in (12-25) on the colour-colour
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plot of Figure 7,18. The shift in wavelength of the mid-IR peak from shorter to longer 

wavelengths means that the dominant grain temperature is cooler in these Vega-likes than 

the HAeBe’s. This would be the case if the bulk of material causing the mid-IR excess 

in the Vega-likes is at greater distances from the host star than in the HAeBe systems. 

Differences such as these may be the result of three things; 1) the systems were formed 

tha t way in the first place; 2) aU of the systems have, at one time, had enough dust in 

the inner regions to produce a shorter wavelength mid-IR peak as seen in the HAeBe’s, 

and that this dust in the Vega-likes has been removed from these hotter regions as the 

star evolves (see alo the discussion in Section 7.3.4); or 3) the dust has agglomerated into 

much larger grains/bodies in the cooler regions of the disk whilst retaining a population 

of small grains in the inner region. If the second or third scenario is correct, the Vega-like 

stars may be the descendants of the HAeBe stars, and their low mass counterparts, the T 

Tauri’s.

It is difficult to make out any form of near-IR “peak” to look directly for a trend, 

or evolution, of the near-IR excess between EVL’s and Group I HAeBe’s. However, by 

producing a colour-colour diagram of (J-H) versus (K-L), it is seen that there is more 

excess flux at the very shortest near-IR wavelengths in the HAeBe group than in the EVL 

group (Figure 7.19). The increased amount of near-IR excess in the HAeBe stars cannot 

be due to their grains being hotter than those of the EVL’s; the EVL models shown in 

the previous sections showed that the tem perature of the grains in their inner disk regions 

reached 1500K. If, in HAeBe systems, the dust were hotter than this the dust would 

sublimate. The only other, and most plausible, alternative for the higher near-IR excess 

levels in the HAeBe’s is that these systems have far more dust at the high temperatures 

seen in the EVL systems.

It has been shown that, despite having similar SED profiles, there are differences in 

both the near- and the mid-IR excesses between the Group I HAeBe’s and the EVL’s, 

distinguishing them as separate classes. Furthermore, the differences appear to lie on a 

trend between the two, suggesting tha t the two classes of star are related. If this is the 

case, what mechanisms could cause the depletion of small, hot grains in the inner regions 

of the EVL disk?

There are several processes which dust grains can undergo in a circumsteUar disk, 

highUghted in the foUowing sections.
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7.4 .1  R ad ia tion  Pressure

W h e n  a  par tic le  is exposed to  a  s t a r ’s r a d ia t io n ,  it will experience  a  p ressure  p ro p o r t io n a l  to  

th e  pa r t ic le  cross-sectional area ,  a lbedo a n d  th e  energy flux of  th e  ra d ia t io n  field (D o h n an y i  

1978). T h is  pressure , known as “rad ia t io n  p re ssu re” opposes th e  force o f  g rav i ty  a n d  may, 

in ce r ta in  c ircum stances ,  d o m ina te  th e  g ra v i ta t io n a l  forces, expelling th e  g ra ins  from  the  

c ircum steU ar env ironm ent.

T h e  ra t io ,  b , of rad ia t ion  pressure  forces [Frad)  to  g ra v i ta t io n a l  forces {Fgrav)  ac t in g  

on  a  g ra in  o f  radius a near  a  s ta r  can be given by

F r a d6 =
Fg ra y =  (î6&) (è) (i) - (̂ ) (èT* /  Mq

0 /  Æ
(7.8)

( B ack m an  h  Paresce  1993), w here c is th e  speed of l igh t, G  is th e  g ra v i ta t io n a l  con

s t a n t ,  Z* and  iV/* are  the  lum inosity  if th e  s t a r  respectively  an d  p  is th e  d ens ity  of  th e  

g ra in .  At 6 = 1 ,  grains of one size a t  a  p a r t ic u la r  density  will define the  “b low out size” - the  

m in im u m  g ra in  rad ius  th a t  is s tab le  aga ins t  rad ia t io n  p ressure .  B ackm an  h  P a re sce  (1993) 

s t a t e  t h a t  g ra ins  propelled by rad ia t ion  p ressu re  will t rave l  beyond  lO^AU in t im escales  

o f  ju s t  10^‘yrs. This timescale is obviously negligible c o m p ared  w ith  the  expec ted  lifetimes
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of stars, and so radiation pressure would act to remove that population of grains unstable 

against the force, unless there was some other process or processes continually replenishing 

it.

Using the relevant grain densities for each of the systems modelled in this Chapter, the 

blowout size for each is: HD 169142 ~  3/^m, HD 144432 ~  0.1//m and HD 142666 ~  Ifim . 

This means that any grain smaller than  these sizes will be removed from the system by 

radiation pressure. It is interesting to note that for each system, no fit to the near-IR 

excess could be made with an opticaUy thick model with grains equal to, or larger than, 

the relevant blowout size. This impUes tha t some process replenishing the grains in the 

inner regions of the disk is certainly occurring in these systems. However, if the EVL’s 

are descendants of the HAeBe’s, the replenishing process must be slightly slower than the 

removal process, otherwise the trend of less near-IR excess as the stars get older would 

not be seen.

7 .4 .2  P o y n t in g -R o b e r tso n  D r a g

A grain which is stable against radiation pressure, but in orbit around a star wiU be subject 

to  Poynting-Robertson drag. This is caused by the fact that the grain wiU generaUy 

be iUuminated anisotropicaUy, but wiU re-emit the absorbed radiation isotropicaUy. The 

resultant loss of momentum wiU cause the grain to slowly spiral into the star. The timescale 

(ipR  ) of orbit decay due to Poynting-Robertson drag is (Backman & Paresce 1993)

tpR = ^  ^  yr (7.9)

Backman &: Paresce (1993) calculated the grain removal timescale by this process for 

oLyr, aPsA  and /3Pic and showed tha t, as for radiation pressure, the grain Ufetimes are 

much shorter than those of the star. However, they did note tha t if Poynting-Robertson 

drag were a dominant removal process, the presence of an inner cleared region would 

require some additional process to prevent the spiralling grains from fiUing the open region.

For the systems modeUed here, the tp ji of the grains which successfuUy mo defied 

the near-IR excess is < 5 0y rs for all three stars. Poynting-Robertson drag is therefore a 

potential candidate as the process tha t can remove some of the dust from the inner regions 

of Group I HAeBe stars, which then evolve into EVL’s. However, with a removal timescale 

of <C50yrs, it is highly unlikely tha t this process is acting alone or even dominantly, as the 

P-R process would act to remove all grains in the hotter regions on a very small timescale 

making it highly improbable that anyone would ever observe the EVL stage. It is therefore
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required that come other process acts to replenish the grains in the inner regions of the 

disk, if the P-R process is actually taking place.

One can obtain an upper limit to the tpR  for the outer regions of the disk by assuming 

large grains (1mm) at a corresponding distance from the star (taken from the model fits 

for this grain size). In aU cases tpp  > 1 x lO^^yrs and so if such large grains do exist 

in the circumsteUar disk of these stars, they can be expected to last for the Ufetime of 

the star against P-R drag. So, if the smaU grains are removed from the inner regions of 

the disk by radiation pressure and then agglomerate with other larger grains in the outer 

regions of the disk, they wiU be stable against P-R drag for the Ufetime of the star and 

hence act to increase the mass in the outer regions whilst depleting the mass in the inner 

regions (as seen in the results of the modeUing, see Section 7.3).

7 .4 .3  C ollis ion s

In a dense dusty environment, such as a circumsteUar disk, coUisions between grains are 

almost inevitable. Backman & Paresce (1993) quote the mutual collision timescale as

3 /2
io rb  7-.4C/ V

where torb is the orbital time for the grain and cr(r) is the fractional surface density 

of the whole disk. The most im portant collision processes which act either to erode 

or completely destroy a grain are sputtering, cratering and catastrophic fragmentation 

and /or evaporation of a grain. Which process takes place depends on the velocity of the 

impacting grain, but each of them wiU act to alter the grain-size distribution in the disk. 

A good analysis of grain-grain coUisions can be found in Borkowski & Dwek (1995). They 

found tha t grain-grain coUisions resulted in “an excess of smaU relative to large particles, 

compared to the initial size distribution” . It is Ukely that substantial amounts of this ejecta 

wiU be removed from the system as a direct consequence of the impact, or succumb to the 

other removal processes already discussed - radiation pressure and Poynting-Robertson 

drag. Some of the ejecta does remain though, and grain-grain coUisions remain the most 

promising mechanism for replenishing dust over the Ufetime of the star.

7 .4 .4  S u m m a r y

It has been shown here that there is a definite trend in the near-IR excesses of the HAeBe 

Group I stars and the EVL’s. The trend strongly suggests a relationship between the two
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classes of stars. As a class, the HAeBe stars have similar, but higher Xir/X* values than 

the EVL’s (see table 17 of Sylvester et al. 1996) which implies that Xjr/X* could be an 

evolutionary indicator. XiR/X* is strongly correlated to the mass of dust in the inner disk 

regions of the star which, when coupled to the near-IR trend shown here, implies that 

dust is gradually removed from the inner regions of a circumsteUar disk over time and 

perhaps deposited in the outer regions of the disk by agglomeration with other grains. 

The distances of the bodies causing the mid-IR excesses are comparable with those of our 

own Kuiper belt, where kilometre sized bodies are being found (e.g. Jewitt & Luu 1995). 

Perhaps we are seeing here the beginnings of new solar systems analogues.

7.5 Evolutionary status o f the Vega-like stars

The previous section showed that it is highly likely that the EVL’s and the HAeBe stars are 

related, most probably the HAeBe’s being the progenitors of the EVL’s. Is this borne out 

by their positions on an H-R diagram? AU of the Vega-Uke stars studied in this thesis were 

plotted using, where possible, the most recent Hipparcos distances (ESA 1997). Observed 

(B  — V )  measurements were taken from Tycho measurements (ESA 1997) or Sylvester et 

al. (1996), as were the apparent magnitudes of the stars. Effective temperatures were 

taken from Table 3.3 in Chapter 3. Figure 7.20 shows the position of the Vega-Uke stars 

on an H-R diagram. Only a few of the stars had new Hipparcos distances available, and 

these are represented by fiUed squares in the figure. The open squares are those stars with 

distances derived elsewhere, and the open triangles represent HAeBe stars taken from van 

den Ancker et al. (1997). Table 7.7 shows the parameters of the Vega-Uke stars used to 

construct Figure 7.20.

Let us consider first the stars with Hipparcos distance measurements. In an H-R 

diagram, the largest source of error is usuaUy the distance measurement, and since the 

Hipparcos distances are the most precise available, it foUows that these stars (fiUed squares) 

wiU have the most accurate positions plotted in Figure 7.20.

The cases of HD 35187A and HD 35187B have been discussed in detail in Chapter 4, 

Section 4.2. It has been argued there that these stars are stiU pre-main sequence stars, 

albeit close to their ZAMS point. The derived age for the system, using the isochrones of 

Palla & Stabler (1993) is approximately 10 miUion years.

HD 98800 appears to be a very young object. Its mass appears to be sUghtly more 

than 1M@, which is greater than that expected of a main sequence K5V star (~0.7M©,
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F igure  7.20: An H-R d iag ram  showing the  positions of th e  Vega-like s ta rs  from  th is  thesis . 

Filled squares  ind ica te  s ta rs  w ith  H ipparcos  d is tances , open squares  are  those  w i th o u t .  

T h e  op en  triangles  represen t Herbig A e /B e  s ta r s  taken  from van den A ncker et al. (1997) 

for com par ison .
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Table 7.7: Parameters used to construct the H-R diagram

Star 

(HD) (SAG) d log(X^/X©)

35187A 77144A 150^ 3.89 1.00

35187B 77144B 150^ 3.95 1.10

98800 179185 47^ 3.65 0.10

123160 158350 15.72 3.75 -0.05

135344 206462 842 3.82 0.56

139614 226057 1572 3.92 1.07

141569 140789 991 4.00 1.33

142666 183956 1142 3.85 0.96

143006 183986 822 3.75 -0.06

144432 184124 253^ 3.87 1.60

169142 186777 1452 3.92 1.20

1) Hipparcos (ESA 1997), 2) Sylvester et al. (1996)

AUen 1973). Clearly it is in its pre-main sequence phase of evolution; this is supported 

by the evidence of strong Li 6708Â lines in its optical spectrum (Chapter 2, Section 2.3) 

which implies an age for the star of <70Myr. The age determined by its position on the 

H-R diagram is approximately 3 million years, placing it weU within the range of T Tauri 

stars.

The position of HD 144432 on the H-R diagram clearly indicates that it is a pre- 

main sequence object, although for an A 9/F0 star, its mass would be expected to be 

approximately 1.75M@ (Allen 1973) as opposed to the 2.5M© implied by its H-R position. 

The isochrones of PaUa & Stabler (1993) imply an age of somewhere between 1 and 3 

million years. Its youth is probably not surprising, since its spectrzd energy distribution 

shows many similarities with Group I HAeBe’s (this chapter), its T ir /X* value is very high 

(0.48, Sylvester et al. 1996), the highest within the A-type stars of this sample. Its optical 

spectra show evidence of extensive activity (Chapter 4), circumsteUar gas (Chapter 3) 

and infaUing material (Chapter 4). Its age is similar to that of Herbig Ae stars, making 

HD 144432 a strong candidate for the class.

The remaining star with a Hipparcos distance measurement is HD 141569. It appears
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to lie on the main sequence, implying an age greater than that of the other stars with 

Hipparcos distances. This is once again supported by other evidence; it has a low Xjr/X* 

value (8.4x 10“^, Sylvester et al. 1996), in the typical range of the classical Vega-likes such 

as (3 Pic (X ir/T* = 2.6x10“^, Sylvester, Barlow & Skinner 1992) and has less emission-line 

activity than the higher Xia/X* stars (despite having Ho emission. Chapter 4), HD 141569 

may be considered as a classical Vega-like star.

The open squares represent those Vega-like stars in our sample with no Hipparcos 

distances. Their positions on the H-R diagram are therefore highly uncertain, as are any 

ages inferred from it. They all appear to lie very close to or on the main sequence, but 

this would be expected as their distances have been derived using parameters appropriate 

for main sequence stars of their type. If the Xjr /X* values really are an indication of 

age, then it would be expected that HD 135344, HD 139614, HD 142666, HD 144432 and 

HD 169142 would all be pre-main sequence stars.

The Vega-like stars show no significant difference in age from the HAeBe stars of van 

den Ancker et al. (1997) plotted on the diagram as open triangles. However, their selection 

of stars included some which were not associated with star forming regions. These, they 

said, “were found to be located close to the ZAMS” as some of the Vega-like stars are. 

Figure 13 of PaUa & Stabler (1993) show many more HAeBe and T Tauri stars plotted, and 

show that there is a much wider spread of ages than this diagram suggests. It is believed 

that Figure 7.20, coupled with figure 13 of Palla & Stabler (1993) and the rest of the work 

in this chapter proves that there is no distinct boundary between the pre-main sequence 

stars and the Vega-likes, but rather a gradual change in characteristics is exhibited as the 

stars evolve.

This scenario is supported by many authors. Sitko et al. (1994) believed tha t grain 

removal from the circumsteUar disk of HD 45677 is the cause of long term UV and IR 

photometric variability. Grain removal would act to reduce the mass of HAeBe disks as 

they move through their pre-main sequence evolution to the main-sequence. HiUenbrand 

et al. (1992) derived HAeBe disk masses from <0.01Af@ to greater than 2M q . A sample 

of seven HAeBe stars of Mannings and Sargent (1997) have disk masses rising to 0.04M©. 

The disk masses derived for the Vega-Uke stars in Table 7.2 are aU very much less than 

these values which is consistent with the idea that HAeBe stars with their more massive 

disks are the progenitors of the Vega-Uke stars.

The profiles of the spectral energy distributions of HAeBe’s have also been suggested as
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an evolutionary indicator. The 10/im “dip” noted by Waelkens et al. (1994) is hypothesised 

to form as the result of a physical gap caused by grain agglomeration (to form planets) 

or the removal of grains from a particular disk radius. These processes would take time 

to have an effect on the SEDs, and so would imply a more evolved type of HAeBe star. 

These double-peaked SEDs are also seen in several Vega-likes, also suggesting tha t they 

are closely related to the evolved HAeBe’s. It should also be noted, however, tha t Boss 

and Yorke (1996) claim to be able to model these double-peaked SEDs with a continuous 

disk tha t has a non-standard temperature distriubution.

Recently, van den Ancker et al. (1997b) have shown that HAeBe’s with large IR 

excesses have more photometric variability than HAeBe’s with less IR excess (and pre

sumably older, less massive disks). If Vega-like stars are the descendants of the HAeBe’s, 

one prediction that can be made is that they wiU have far less photometric variability 

than the HAeBe’s. Only an extensive survey of a large sample of Vega-like stars (such 

as tha t compiled by Mannings and Barlow 1997) wiU aUow us to confirm or dismiss this 

prediction.
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Chapter 8

Summary, Conclusions and 

R ecom m endations for Future work

Chapter 5 fully summarises the work carried out in the first part of this thesis. The second 

part has concentrated on the modelling of Vega-hke dust disks, in particular the A-type 

systems with high Tir /T* values.

The optically thick radiative transfer code of CoUison &: Fix (1991) has been fuUy 

tested and the characteristics of its output determined. Three Vega-hke stars, HD 169142, 

HD 144432 and HD 142666 have been rigorously modeUed using this code. Spherical 

models were unable to fit the entire spectral energy distributions of these stars, suggesting 

tha t the infrared excesses they each exhibit are the result of non-spherical circumsteUar 

dust distributions. Calculations of the extinctions that would be observed in the presence 

of spherical envelopes confirm this suggestion. It has been found that aU but two of the 

Vega-hke stars in this sample have observed extinctions of that are only consistent with 

non-spherical geometries. Therefore it is concluded that the majority of the Vega-hke stars 

in this sample (including the three stars tha t have been modeUed) have disk or toroidal 

dust geometries.

The spectral energy distribution of HD 144432 could have both its near- and mid- 

IR excesses modeUed simultaneously with a single density distribution. The model was 

OpticaUy thick with a visual optical depth of 3.0 in the mid-plane, and a mass of 2.71 

x 10“ ®Mq . The grains were composed of pure sihcate and a grain size distribution of 15 

sizes ranging from 0.005/zm to 1mm, with a weighted average grain size of 0.03/^m. The 

model fit reproduced aU features of the spectral energy distribution very weU except for 

the very longest wavelengths, where the model flux levels feU short of those observed.
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This implies that mm-sized grains are present in the disk around this star, as it has been 

shown tha t only grains of this size can reproduce the observed fluxes at sub-mm and mm 

wavelengths.

The spectral energy distribution of HD 142666 could not be modelled in its entirety 

with a single disk density distribution. It is believed that a more robust code will allow 

this system to be successfully modelled in the future. HD 169142 however, cannot, and is 

unlikely ever to be modelled with a single density distribution. Each of these three stars 

has had its near- and mid-IR excesses modelled separately so that a comparison could be 

made between the three.

It has been shown that there is a strong correlation between fractional excess luminosity 

and the mass of material causing the near-IR excess. The higher the Xir/X*, the higher 

the mass of dust in the inner regions. As the value of X i r / X *  increases, a higher optical 

depth is required to fit the near-IR excesses, resulting in greater inner disk masses. The 

converse is true for the mid-IR excess where greater disk masses are found for the stars 

with lower X i r / X * .

A trend in near-IR excess has been found between Herbig Ae/Be stars and the Vega

like stars. The HAeBe stars have larger near-IR excesses than the Vega-likes, making a 

distinction between the two classes. The strength of the trend however strongly suggests 

th a t the two classes of star are related, most probably the HAeBe stars being the progeni

tors of the high XiR/X* Vega-likes. This being the case, it can be said tha t, as a whole, the 

near-IR excesses of stars and hence their X i r / X *  ratios, is an indication of evolutionary 

status, with a high X j r / X *  ( =  large near-IR excess) indicating a younger object. This 

is strongly supported by the findings of Part I of this thesis (summarised in Chapter 5) 

where the youngest stars (implied by lithium abundances) of the later-type sample had 

the highest X i r / X *  values. The sample is of course very smaU, and additional observations 

of a larger sample of these stars is highly desirable in order to confirm these findings.

Placement of these stars on an H-R diagram was encouraging, but not conclusive in 

this m atter. HD 144432 and HD 98800 (both with high Xir/X^ ratios of 0.48 and 0.088 

respectively) are both clearly pre-main sequence stars. In fact HD 144432 and HD 98800 

could be considered as a Herbig Ae and a T Tauri star, respectively. HD 35187 (XiR/X* 

= 0.14) is also pre-main sequence, although very close to the zero-age main sequence. The 

star with the lowest X j r / X * ,  HD 141569, is confirmed to be the oldest star in the sample of 

A-stars, having already reached the main sequence. The remainder of the stars cannot be
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accurately placed on the H-R diagram due to a lack of precise Hipparcos measurements.

In conclusion, this thesis has undertaken a comprehensive study of Vega-like stars and 

their circumsteUar environments, from optical to mm wavelengths.

High-resolution optical spectra have been obtained, often for the first time, of these 

stars. A ttem pts have been made to determine effective temperatures, surface gravities and 

photospheric abundance anomalies, and the ages of the later type stars through Uthium 

abundance analyses. The stars’ emission fine characteristics have been analysed and ev

idence for circumsteUar gas sought through analysis of narrow absorption fines superim

posed on the photospheric Ca II K, Na I D and Fe II fines. Comprehensive optically 

thick radiative transfer modelling has been tested and undertaken, and spherical vs. non- 

spherical geometries have been explored. The characteristics of the near-IR excesses ob

served in some Vega-like stars have been discussed in comparison to those of the pre-main 

sequence HAeBe stars. Finally, the evolutionary status of the Vega-like stars has been 

discussed.

The main findings, conclusions and achievements of this work are summarised below:

• The spectral types of many of the sample have been redetermined. Four of these 

have had substantial revisions to their class (Chapter 2).

• A lithium abundance analysis of the G- and K-type stars show that two are very 

young, likely members of the T Tauri class, one is ~70Myrs old, and the last is a 

very much more evolved object.

• A strong correlation between youth and high fractional excess luminosities has been 

determined for these G- and K-type Vega-likes.

• An underabundance of Mg and Si has been found in the photosphere of HD 169142. 

An underabundance of Si was also found in the photosphere of HD 139614.

• No correlation between the A Boo phenomenon and the Vega-like stars was found. No 

correlation between photospheric abundances and fractional IR excesses was found.

• CircumsteUar gas has been identified towards HD 144432 and HD 158643. In the 

case of HD 158643 circumsteUar lines in the profiles of exited state Fe II lines have 

been identified for the first time.
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• The Ha:, Na I D, He I A5876, Ca II K, H and IR triplet lines have been analysed 

for evidence of emission. Anomalous He I lines have been detected fin 6 out of 7 

A-types stars for the first time.

• Variable emission has been positively identified in the HD 35187 system.

• The two brightest components in the HD 35187 system have been spectrally resolved 

for the first time and their respective characteristics analysed. Both are pre-main 

sequence stars, 10 million years old and are most likely Herbig Ae stars.

• Comparison of observed extinctions versus predicted extinctions due to spherical 

envelopes has shown that at least 55% of the sample must have non-spherical dust 

distributions in their circumsteUar environments.

• Optically thick radiative transfer models using spherical geometry were unable to 

reproduce the observed near- and mid-IR excesses of the stars.

• The entire spectral energy distribution of HD 144432 was modeUed using a single 

density distribution for the first time.

• Only mm-sized grains (or larger) can account for the observed sub-mm and mm 

fluxes observed for HD 142666 and HD 144432, Grain agglomeration has therefore 

taken place in these systems.

• A correlation between high fractional excess luminosity and high inner disk mass 

has been found.

• An anti-correlation between high fractional excess luminosity and high outer disk 

mass has been found.

• A trend in near-IR excesses has been found between pre-main sequence Herbig Ae/Be 

stars and the Vega-Uke stars with near-IR excess, in that the amount of near-IR 

excess decreases graduaUy from Herbig Ae/Be to Vega-Uke stars.

• The Vega-Uke stars that possess a near-IR excess are Ukely to be the descendants of 

Herbig Ae/Be and T Tauri stars, but are stiU young themselves.

The Vega-Uke stars, both the classical and extreme subclasses, are obviously very 

interesting objects. The extreme Vega-Ukes in particular promise to reveal much about 

themselves with further study and modeUing. This thesis has answered some questions
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but, as with all research, has posed even more. There are some hypotheses put forward 

in this work which need to be confirmed in order to build a firm foundation for future 

research. It is recommended that more optical spectra of other Vega-like stars are obtained 

across the whole range of Xir/X* values. The purpose of this would be to:

• Derive lithium abundances for the later type stars to determine their age, indepen

dent of the H-R diagram. This will enable the correlation between youthfulness and 

L m /L ^  to be confirmed.

• Analyse the emission-line characteristics of those stars and compare them with pre- 

main sequence stars (Herbig Ae/Be stars and T Tauri stars) and the Vega-hke stars 

presented in this thesis. This will enable further study into the possible correlation 

between emission-line activity and Xir /X* values.

• Carry out further abundance analyses of Vega-hke stars to find out whether others 

are depleted in some elements. This will enable further research into the possible 

relationship between v sin z, abundance depletions and the A Boo phenomenon.

As well as taking spectra of new Vega-hke stars, additional optical spectra should be 

taken of the stars studied here. Many Herbig Ae/Be and T Tauri stars show remarkable 

emission-hne variabihty. Since the Vega-hke stars are the descendants of these pre-main 

sequence stars, a study of their emission-hne variabihty should answer many questions such 

as “Do Vega-hke stars have variable emission?” , “Is the variabihty similar to that observed 

in their progenitors?” , “Is there a cut-off point in a s ta r’s evolution where variabihty in 

its emission-hnes no longer occur?” . Since these two classes of star are related, a detailed 

study and comparison of their characteristics could provide insight into the evolution of 

the circumsteUar environment as the star itself evolves.

Obviously further detailed modeUing of the remainder of the stars in this thesis should 

be undertaken to confirm or deny the correlations found here between Xir /X*, near-lR 

excess and disk mass with age. If this modeUing was also extended to other Vega-hke stars 

the sample should be large enough to make confident statements about the evolution of a 

s ta r’s circumsteUar environment over time. High resolution imaging through infrared and 

miUimetre interferometry techniques would provide valuable constraints on the physical 

dimensions and dynamics of the dust disks, providing further clues to the evolution of 

circumsteUar disks over time.

FinaUy, it would be highly desirable if the new Vega-hke stars studied had rehable
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distance measurements (i.e. from Hipparcos) so tha t they could be placed accurately on 

an H-R diagram. Since much of the research carried out on these stars is related to their 

evolutionary status it remains an obvious requirement to know how old these stars are.

It is hoped very much that this work will be carried out soon, and answers to the 

questions posed found.
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