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The Variability of Three O-type Stars: 

(  Ophiuchi; (  Puppis; and HD 93521.



A B ST R A C T

Analysis of time-resolved optical spectroscopy of the rapidly rotating 0-stars: (  

Ophiuchi (09.5 V); (  Puppis (04 I(n)f); and HD 93521 (09.5 V), is presented. Ex

tensive datasets were acquired for the first two stars, including coordinated, multi

observatory observations; these stars represent the principal subjects for investiga

tion. For HD 93521, the data are more fragmentary; however, the echeUe nature of 

the spectra and the similar spectral classification to (  Oph, justify their inclusion.

For all three stars, the optical observations show line profile variations (Ipv) in 

the form of ‘bumps’ and ‘dips’ migrating from blue to red on typical timescales of 

several hours. Strong changes in line shape and equivalent width are also observed 

for C Pup. The strength of these variations is dependent upon line species and 

line strength in aU cases. For the two principal stars, the morphology of the Ipv is 

investigated by using a Fourier time-series technique which incorporates the c l e a n  

deconvolution algorithm. The Ipv of the HD 93521 is investigated by comparison 

with synthetic data generated by a non-radial pulsation (NRP) stellar model. The 

origin of the Ipv in 0-stars is controversial; a major aim of this work is to discriminate 

between photospheric non-radial pulsation, rotational modulation, and variability at 

the base of the stellar wind, as the cause of the optical variability.

In addition to the optical spectroscopy, narrow band photometry was available 

for the primary stars, and, for all three stars, time-resolved lUE ultraviolet spec

troscopy (some simultaneous with the optical data). The simultaneous UV data are 

of particular importance as they allow an investigation of a possible ‘photospheric 

connection’ between the Ipv and the development of enhancements in optical depth 

within the stellar wind seen as discrete and narrow absorption components in the 

UV resonance lines.

As a collateral study, the analysis techniques which have been applied to the 

optical data have been tested on a series of synthetic profiles generated by NRP 

stellar models. The results from the synthetic data allow a comparison with those 

obtained on observational data, both given here and in previous studies.
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C hapter 1

Introduction

The subject of this work is the optical line profile variability (lpv) of a limited 

sample of ‘early-type’ stars. In particular, it is the manner of the variability that is 

investigated; at the initiation of this study, the origin of the short-term lpv of the two 

principal stars (( Ophiuchi and C Puppis) was controversial. This is not surprising 

since the intensive study of this type of variability amongst early-type stars -  and 

especially O-type stars -  is relatively new. Although short- and long-term variability 

amongst certain B-type stars has been known prior to the early seventies, it has 

only recently been discovered during the past two decades, that variability outside 

these so-called ‘classical’ variable groups exists. These discoveries are jointly due 

to the advent of new solid-state detectors and the use of satellite observing in new 

wavelength regions.

This Chapter introduces the subject of early-type stars and their physical pa

rameters. It also gives a review of the variability sub-groups within them, and a 

summary of the analysis techniques used in this work. However, before detailing 

the variations within this region of the Hertzsprung-RusseU (HR) diagram, it would 

seem appropriate to define some terminology.

1.1 Early-type stars

The description ‘early-type’ is restricted in this work to spectral classifications of 

B5 or earlier and extending to aU luminosity classes (except sub dwarfs), i.e., stars
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with Teff  > 15,000K for main sequence (V) and giants (III), Tg// > 13,500K for 

supergiants (I). It is usual to extend the definition to include aU 0- and B-type stars, 

but since this work essentially deals with one early- and two late-type 0-star, it is 

more appropriate to focus upon the hotter regime and use this alternative definition.

As this is a study of variability, it is necessary to define this term also. AU 

stars can be considered to be variable over both micro- {e.g., thermal motions of 

ions within the plasma) and macro-timescales {e.g., the star evolves!). Here, the 

term variability is restricted to timescales which are measurable by observation. 

Additional constraints define that the variability is due to some intrinsic behaviour 

to the star, i.e., binary effects are excluded.

1.1.1 Physical param eters

Compared to solar values, aU early-type stars are large, massive, hot and luminous, 

with radiative envelopes surrounding the convective nuclear generation region (either 

the stellar core or shell sources -  depending upon the evolutionary state of the indi

vidual star). As a by-product of their high luminosities, all zero-age main-sequence 

(ZAMS), early-type stars, throughout their evolution, lose substantial amounts of 

mass through stellar winds. The mass-loss rates range from 10“® M© yr“  ̂ for 

the B-type main sequence stars through to ^  5 x 10“® for the early O-type super

giants. These stellar winds, are most readily seen in the ultraviolet (UV) resonance 

lines of ions of carbon, nitrogen and silicon (see § 1.1.3 below) and have a signifi

cant effect upon the stars’ evolution, as well as enriching and kinetically heating the 

surrounding interstellar medium {e.g., Abbott 1982).

Early-type, main-sequence stars convert hydrogen to helium via the CNO bi

cycle. The high energy-generation rates associated with this mechanism (compared 

to the p-p chain), causes convection within the stellar core, resulting in chemical 

composition homogeneity and an extension of the main-sequence lifetime compared 

to the convectionaHy-stable state. Even so, the main-sequence lifetimes (r^g) of 

these massive stars are short: from Maeder & Meynet (1989), Tms ~  10®years (5M© 

ZAMS); ~  lO^years (18M© ZAMS); 3.7 x 10®years (60M© ZAMS); and ~  3 x 

10®years (120M© ZAMS).
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Post main-sequence evolution proceeds with the depletion of hydrogen in the 

stellar core bringing an end to core hydrogen burning. The core contracts and a 

hydrogen burning shell (outside the core) ignites. The radius expands with virtually 

no change in luminosity, and in the HR diagram, the star moves almost horizontally 

red wards. The next phase of evolution is dependent upon the initial ZAMS mass of 

the star.

For the lower mass range of the early-type regime, post-main-sequence evolution 

is similar to the lower-mass, main-sequence stars of later spectral class. The redward 

advance in the HR diagram is halted as the hydrogen burning shell becomes more 

compact; the luminosity increases with no change in radius, and the star evolves 

upwards and begins to ascend the red giant branch (RGB). The ascent of the RGB 

is interrupted by the ignition of helium-burning in the core and the star moves 

horizontally back towards the main sequence as the stellar radius contracts and the 

effective temperature increases. The blueward track is interrupted by the exhaustion 

of helium, the core contracts and a helium-burning shell ignites between the core 

and the thin hydrogen burning shell. The star then moves back towards the RGB 

and begins the second ascent. The blueward extension from the RGB due to the 

core helium burning is greatest for stars of higher initial mass.

For stars of ZAMS > 3 0 (Maeder k  Meynet 1989), the core temperature and 

pressure needed for the ignition of the helium burning is reached before any ascent of 

the RGB takes place. The star then evolves back towards the main sequence before 

exhaustion of the helium resumes the redward advance. For the more massive ZAMS 

stars (> 40M@), the redward evolution in the HR diagram causes the opacity of the 

stellar envelope to increase and thereby increases the outward force felt by the outer 

layers of the star due to radiation pressure. Eventually, the effective surface gravity 

becomes negative and enhanced stellar mass loss results. This phase is observed in 

stars known as luminous blue variables (LBVs). For the supergiant stars in the early- 

star regime, LBVs represent one of the scenarios of the horizontal track, although 

it difficult to estimate whether the stars are evolving redwards or back towards the 

main sequence, when placing them on the theoretical HR diagram. (Figure 1.2 shows 

the evolutionary tracks of Schaller et ai 1992 for the early-type classification).

A dichotomy exists in the final end states of these early-type stars. The lower-
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mass early-type stars (< IIM©^) evolve into CO and ONeMg white dwarfs. Stars 

of higher mass result in supernova explosions leaving a neutron star or a black hole 

as the end state, the explosion seeding the interstellar medium with enriched stellar 

material.

1.1.2 Photospheric param eters

The estimation of stellar photospheric parameters such as Tg//, logio(^), luminos

ity, etc., is complicated for early-type stars. With high temperatures, most of the 

emitted radiation is in the EUV, shortward of 912Â, so that much of the radiation 

is absorbed by the interstellar medium and is not observed. The optical spectra 

of these stars are dominated by lines of hydrogen and helium, with additional low- 

atomic-number metal lines, principally of carbon, nitrogen, and oxygen. Despite 

the apparent simple appearance of the optical spectra, the modelling of these stars 

is more complex than those of lower mass. There is significant departure from lo

cal thermodynamic equilibrium (LTE), and consequently, analysis requires a more- 

detailed calculation of the radiative transfer. For the hotter, more-luminous stars, 

the absorption lines can no longer be assumed to be purely photospheric, and are 

thought to formed at the interface of the photosphere and base of the stellar wind. 

For these more-luminous stars, radiation pressure plays a significant rôle in reducing 

the effective gravity in the outer photosphere. In addition to these problems, there 

are other effects due to the extensive stellar wind. Wind blanketing of the stellar 

structure lines (Abbott & Hummer 1985), rotational effects such as gravity dark

ening (von Zeipel 1924, Collins 1963) and zonal atmospheric currents (Cranmer & 

Collins 1993) wiU affect the absorption line-profiles.

Direct determination of some stellar parameters are available. Analysis of spec

troscopic binaries allows determination of masses and radii for some spectral types. 

Effective temperatures can be obtained using two observational procedures (with 

some dependency upon modelling) other than by comparison of optical spectroscopy 

with steUar-model calculations. The first is the use of the Zanstra method, whereby 

it is assumed that all Lyman-continuum photons emitted by the star are converted 

to Baimer series photons; in an HII region that completely surrounds the star;

^This value is very uncertain, as mass loss has not been taken into account.
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measurement of the radio continuum or a Baimer line can give an estimate of the 

emitted Lyman flux. Comparison with that predicted by a stellar model gives Te//, 

e.g., HjeUming (1968) and Morton (1969). The second method is the integration of 

the observed flux from all available wavelength regions. Corrected for both atmo

spheric and interstellar extinction, these flux values -  with those predicted by stellar 

models in the missing wavelengths -  can be integrated to determine the total flux 

of the star. Using the angular diameter of the star (obtained from interferometry), 

an estimation of Tg// can be made, e.g., Code et al.. (1976), Underhill et al. (1979) 

and Underhill (1982). This latter technique has been demonstrated to be unreliable 

by Hummer et al. (1988) for stars earlier than 09.5.

As outlined above, spectroscopic determination of stellar parameters -  the com

parison of high signal-to-noise (S/N) spectra with those obtained from model calcu

lations -  is very complex. Despite these difficult challenges, numerical modelling of 

hot stars has become more commonplace in the recent literature, e.g., Kudritzki et 

al. (1983; 1989), Lennon et al. (1991); Herrero et al. (1990; 1992) Bohannan et al. 

(1986), Voels et al. (1989). This has been brought about by the increasing availability 

of both faster computers and more detailed atomic models. The fitting of synthetic 

to observed Une profiles allows an estimate of Tg//, logio(^) and the helium fraction 

by number, [Y]. Using standard relationships and an estimate of the distance, the 

stellar mass, radius, and luminosity can then be estimated. With increasing com

plexity being incorporated into these models, it seems that this method wiU become 

the standard technique for determining the physical parameters of early-type stars 

for Tg// above 30,000K (Abbott &: Hummer 1985; Hummer et al. 1988).

1.1.3 Mass loss and stellar wind

Mass loss from early-type stars was first discovered by careful studies of photo

graphic optical spectra {e.g., Beals 1929, Wilson 1957), which showed that excessive 

mass loss was inherent to aU early-type stars. Although the steUar winds of hot, 

luminous stars can be seen in the optical Unes, i.e., the P-Cyg appearance of the line 

profiles, it is the appearance of the P-Cyg profiles of the UV resonance doublets, 

e.g.. C iv AA1548, 1551Â, Siiv AA1394, 1402.8Â, and Niv AA1239, 1242Â, which 

most sensitively shows the effects of the steUar wind. Therefore, it was only the
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advent of UV studies that allowed extensive studies of these stellar winds. Morton 

(1967) used rocket UV studies to determine the mass-loss rates of a number of bright 

0-stars. The Copernicus satellite (despite its relatively low sensitivity) allowed the 

first detailed study of several bright stars {e.g., Lamers & Morton 1976). Although 

these initial studies showed interesting results, it was the International Ultravio

let Explorer (lUE) satellite which allowed quantitative analysis of a more extensive 

sample of early-type stars. As an example Figure l.l(a)-(c ) shows lUE spectra of 

the UV resonance doublets of C Puppis, showing the characteristic P-Cyg profiles 

which are indicative of a strong stellar wind.

The driving force for the stellar wind

The high luminosities of the 0-stars (5-6 dex greater than the solar luminosity) and 

the substantial stellar fiux in the EUV, impart considerable photon momentum into 

the outer photospheric layers of the star. Absorption and scattering of the stellar flux 

produces an outward acceleration. Although the scattering of the radiative fiux by 

electrons can reduce the surface gravity by nearly half, it was Lucy k, Solomon (1970) 

who, using strong lines, deduced that it was the atomic absorption of radiation that 

allowed a sufficient acceleration to the absorbing ion, and resulted in the outflow 

of a steUar wind. Castor, Abbott & Klein (1975) further developed this theory 

to include weaker Unes and thereby develop what is now known as the radiation- 

driven, steUar-wind theory. Refinements to the original theory, {e.g., Pauldrach, Puls 

h  Kudritzki 1986), have led to good agreement with observation {e.g., Pauldrach 

et al. 1990; Kudritzki et al. 1992). Presently, comparison between observations 

and theory aUows an estimate of mass, radius, luminosity and other fundamental 

parameters (Kudritzki k  Hummer 1990; Kudritzki et al. 1992).

Despite these improvements, other studies have shown differences between ob

servation and theory. Recent studies of 0-star winds have shown that the theoret

ical estimates for the terminal velocity of the wind (uqo) are ~  40% over-estimated 

(Groenewegen, Lamers, k  Puls 1989; Blomme 1990). In addition, the study of 0- 

star winds by Lamers k  Leitherer (1993) has confirmed the Vqq over-estimation and 

shown that empiricaUy derived mass-loss rates (from radio and Ha observations; see 

below) are higher than those predicted by theory -  particularly for the more lumi-
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Figure 1.1: (a)-(c). An example of the ultraviolet resonance doublets obtained using lUE; 
the spectrum is of Puppis. In (a), the terminal velocity of the wind (vqo) is marked 
(estimated by Prinja ei al 1992). For the unsaturated Siiv doublet in (b), the position 

of the NACs are marked by the lower brackets, with the regions where DACs are observed 

marked by the upper brackets (see Prinja ei ai 1992)
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nous stars. The disagreement between the Lamers & Leitherer 0-star wind survey 

and the results of Kudritzki and co-workers could in part be due to the stellar masses 

adopted by the respective sets of authors. The masses adopted by Kudritzki and co

workers are those found by spectroscopic means, whilst those of Lamers & Leitherer 

are based upon the evolutionary calculations of Maeder (1990). It is well-known that 

the spectroscopically-determined masses of the hotter, more-luminous, early-type 

stars are lower than those predicted by stellar evolution calculations {e.g., Herrero 

et al. 1992). Continuing improvements to the theories of radiatively-driven stellar 

winds {e.g., the incorporation of more transitions), non-LTE atmospheres {e.g., in

corporating the correction of the wind contamination to the absorption lines for the 

more luminous early-type stars), and stellar evolution theory {e.g., the incorporation 

of the new OPAL and OP opacities), should help resolve the observed-theoretical 

mass discrepancy.

Determination of mass loss

Mass loss may be determined in a number of ways. The first and most reliable -  

since it is virtually model independent -  is the radio measurement of the thermal 

free-free emission. As reviewed by Abbott (1985), both mass-loss rate and electron 

temperature in the stellar wind can be determined. Implicit assumptions used are 

that the emission occurs where the stellar wind is at its terminal-velocity, i.e., inde

pendent of any wind-velocity law, and that the wind-emission is isotropic. Abbott 

et al. (1980; 1981; 1984; 1985) and Howarth & Brown (1991) give radio mass-loss 

determinations.

An alternative mass-loss estimate can be made from the comparison of the ob

served UV P-Cyg profiles with those calculated by models. Castor Sz Lamers (1979) 

give a series of modelled line profiles, improved by Olson (1982) to include doublet 

profiles. Mass-loss rates have been estimated using this method by Gathier et al.

(1981), Olson & Castor (1981), Garmany et al. (1981), and Garmany & Conti (1984). 

Recent improvements to the theory of radiation driven winds over the past decade -  

principally by the Munich hot-star group -  now allow detailed modelling and com

parison with observation, yielding both estimates of M  and stellar parameters, e.g., 

Pauldrach, Puls & Kudritzki (1986), Kudritzki et al. (1992).
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Additional methods include the measurement of Ha {e.g., Drew 1990) and infra

red excess {e.g., Castor & Simon 1983). These methods are problematic. Ebbets

(1982) found that, due to the variation in Ha, the former method could yield up 

to 5% variations of M  over one day and up to 30% variation over the course of a 

few months. The estimation of M  from both the free-free emission observed in the 

infra-red and Ha, is thought to originate close to the stellar surface and be sensitive 

to the velocity law, which must then be estimated. The problems associated with 

the infra-red excess technique have been highlighted by Persi et al. (1983).

Variation in the stellar wind

Figure 1.1(b) shows the positions of additional (variable) features in the ‘P-Cyg’ 

profiles. In the indicated parts of the absorption line profile, enhanced absorption 

features are observed. Using time-series spectroscopy. Discrete Absorption Compo

nents (DACs) are seen to migrate towards higher (negative) velocities (the higher 

brackets in Figure 1.1(b) show the position where these features are observed). At 

the higher velocities, more absorption components are observed in the bluest part 

of the absorption (the lower brackets in Figure 1.1(b)), called Narrow Absorption 

Components (NACs). The DACs represent regions of enhanced optical depth (the 

line-driven instability is thought to be responsible for inhomogeneities within the 

wind) which accelerate to higher velocities and ‘pile-up’ to be observed at NACs. 

The presence of both these features in the UV spectra of 0-stars is thought to be 

ubiquitous (Howarth 1992).

1.1.4 The upper left-hand part of the H R  diagram

‘Typical’ stellar parameters as a function of spectral type given in Table 1.1 have 

been plotted in the HR-diagram shown in Figure 1.2. For the giant and main- 

sequence luminosity classes, the effective temperatures of the O-stars in Table 1.1 

are adapted from Howarth & Prinja (1989) -  which themselves are based on model 

calculations -  and those obtained by spectroscopic means by Herrero et al. (1992). 

The values of Tg// for the main-sequence and giant B-stars are an average of those 

obtained by photometric observation by CasteUi (1991) and Grigsby et al. (1992) by 

spectral type, and those adopted by Collins et al. (1991). The effective temperatures

27



of the supergiant luminosity class are those of Howarth & Prinja (1989) for the 0- 

stars and Conti & Underhill (1988) and references therein, for the B-stars, with 

additional values from Herrero et al. (1992). For the supergiants there is some 

scatter around the late 0- and early B-type stars. The radii are those of Howarth 

& Prinja (1989) for the 0-stars and those of Conti h  Underhill (1988) for the B- 

stars. Knowing the effective temperature and radius allows the luminosities to be 

calculated. The uncertainty on these parameters are estimated at < 10% for effective 

temperatures, < 25% for radii and 0.3 dex for the luminosities. The masses of 

the main sequence are also given in Table 1.1, but those estimated for the other 

luminosity classes are not shown, since there are considerable uncertainties on those 

values.

1.2 V ariability in early-type stars

Before the 1970’s only several classical groups of variable star in the hot-star regime 

were known. This picture has now changed. The use of high quantum-efficiency, 

solid-state detectors has allowed a more thorough monitoring of many early-type 

stars with the consequent discovery that variability seems to be a common trait. 

The use of satellite UV observatories such as Copernicus and lUE has shown that 

variability in the stellar wind is inherent to virtually all hot stars (Howarth 1992).

Over the last two decades variability in early-type stars has been well established. 

As discussed in § 1.1.3, ultraviolet studies have highlighted the intrinsic variability 

of 0-type stellar winds showing the existence of DACs in the unsaturated reso

nance lines of practically all early-type stars (Prinja h  Howarth 1986; Howarth & 

Prinja 1989). These features move bluewards across the line profile to the terminal 

velocity on timescales of an order of a day. High-resolution optical spectroscopy, 

principally focused on early B-type and Be-type stars, has shown periodic, or even 

multi-periodic, variability in the photospheric absorption-line profiles. These line- 

profile variations (Ipv), with timescales typically ranging from a few hours to several 

days, are seen in the modulation of both the equivalent widths and overall line shape. 

In addition, moving features, or ‘bumps’, travelling from the blue to the red wing 

of doppler-broadened absorption-line profiles have been observed in stars which are 

rapidly rotating {e.g., Walker, Yang & Fahlman 1979; Smith 1985; Baade 1984).
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Table 1.1: Physical parameters of early-type stars

Tef f  (kK) L o g ( L / L q ) R / R q M / M q

Sp. Type I III V I III V I III V V

0 3 45.0 46.0 48.8

0 -Stars 

6.21 6.01 6.00 21 16 14 88

0 4 42.0 44.3 47.8 6.05 5.89 5.83 20 15 12 66

0 5 41.0 42.4 44.0 6.20 5.87 5.69 25 16 12 58

0 6 39.0 40.3 41.1 6.04 5.67 5.49 23 14 11 45

06.5 37.5 39.1 40.1 5.97 5.62 5.37 23 14 10 39

0 7 36.0 37.9 39.3 5.94 5.50 5.33 24 13 10 36

07.5 34.5 36.5 38.4 5.94 5.50 5.29 26 14 10 33

0 8 33.0 35.1 37.3 5.75 5.36 5.15 23 13 9 28

08.5 32.0 33.5 35.9 5.81 5.28 4.98 26 13 8 27

0 9 31.0 31.9 34.3 5.57 5.13 4.90 21 12 8 24

09.5 30.0 30.2 32.3 5.51 5.03 4.68 21 12 7 21

BO 25.0 28.5 30.1

B-Stars 

5.34 5.00 4.56 25 13 7 17

B0.5 22.0 27.5 27.7 5.12 4.71 4.41 25 10 7 14

B1 20.0 25.1 25.3 5.02 4.46 4.12 27 9 6 10

B1.5 19.0 23.5 22.1 4.93 4.25 3.89 27 8 6 14

B2 18.0 21.9 20.9 4.84 4.12 3.79 27 8 6 10

B3 15.0 19.0 17.7 4.49 3.76 3.35 26 7 5 9

B4 14.3 17.0 15.9 4.37 3.57 3.16 25 7 5 7

B5 13.5 15.0 15.3 4.27 3.22 3.09 25 6 5 6

N o t e s .  -  The values of T e / f  and radii have been adapted from Howarth k, Prinja (1989) 

and references therein, Collins et al. (1991), Underhill & Doazan (1982) and references 

therein, Grigsby et al. (1992), and Herrero et al (1992). The radii of the supergiants are 

representative of the Ib luminosity class. Main-sequence masses have been adopted from 

Howarth k  Prinja (1989). The masses of the giants and supergiants have been om itted as 

the uncertainty is considerable for these luminosity classes.
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Recently, this search for Ipv has been switched to the 0-star regime with much suc

cess, with 75% of the surveyed stars displaying detectable Ipv (Fullerton 1990); 

the results of the 0-star survey have been plotted in Figure 1.2. The photometric 

monitoring of such stars has shown somewhat erratic variability (Balona 1992). Al

though many early-type stars show these line-prohle characteristics, the distribution 

in the HR diagram has yet to be fuUy determined (Fullerton 1991; Fieldus & Bolton 

1991). Reviews (Smith 1986a; Baade 1991) of the phenomenon speculate on a range 

from 04 (Baade 1986, 1991), to as late as B7 or even B8 (McNamara 1987) with 

the vast majority of luminosity classes in the range IIl-V.

Here, some general classes of early-type variable star are described.

1.2.1 /?-Cepheids

Variability had been recognised in the upper left-hand region of the HR diagram 

since the early part of this century, and is the only group of variable early-type 

stars for which pulsation has been unambiguously accepted as the explanation of 

the photometric, radial-velocity variations and Ipv seen in these stars (but also 

see § 1.2.3). Sterken & Jerzykiewicz (1990) give two definitions. The first is a 

broad one: the /?-Cep classification can be assigned to B-type stars which show 

periods of variability less than 0.3-days with spectral types earlier than B3 and 

encompassing aU luminosity classes except that of supergiant. The second is a 

more concise definition: an early B-type pulsating star for which a radial mode of 

oscillation is present. This latter definition is much more difficult to apply since, 

in some cases, it is difficult to decided whether the variations observed in early B- 

type stars are due to radial or non-radial modes of oscillations. The classical /?-Cep 

instability strip contains stars with masses ranging from 10 to 15 M©, and effective 

temperatures ranging from 19,000 to 29,000K. In Figure 1.2, the positions of the 

/9-Cep stars listed by Shobbrook (1978) have been plotted.

During the 1960s and 1970s, the matching of the positions of these variables 

on the theoretical HR diagram revealed that the /9-Cep instability strip lies on the 

‘S’-band of the theoretical evolutionary tracks. This indicates that these stars, in an 

evolutionary sense, maybe either: close to the end of core hydrogen burning; in the 

secondary, gravitational-contraction phase; or at the early stage of the shell hydrogen
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burning. Work by Watson (1972), Lesh & Aizenman (1973), and Shobbrook (1978) 

concludes that either of the second two scenarios is more likely. From the study 

of /?-Cep stars in open clusters e.g., Balona (1977), Balona & Engelbrecht (1981), 

Balona (1983), Balona h  Engelbrecht (1985) and Balona (1987), have shown that 

this variability strip is not confined to the ‘S’-band region of the evolutionary tracks, 

but extends from the ZAMS up to the end of core hydrogen burning. This seems 

to favour the first evolutionary scenario; however it was pointed out that the open 

cluster studies only involve observations of young stars. Therefore, these open- 

cluster studies do not necessarily rule out the more evolved scenarios. It is likely 

that all three evolutionary classifications are correct.

The pulsation-driving mechanism for ;9-Cep stars was unknown until very re

cently. Initially, the «-mechanism {e.g., Cox 1980) was rejected, since the opacity 

regions provided by the hydrogen- and helium-recombination zones would lie too 

close to the stellar surface and thereby be unable to drive the pulsation. Pul

sation due to the «-mechanism for early-type stars was only predicted in stellar 

model calculations if there was enhanced metaUicity. This was rejected as abun

dance studies showed there was no significant enhancement of metaUicity compared 

with stable B-stars e.g., Watson (1971), Peters (1976). However, the independent 

opacity projects, OPAL {e.g., Iglesias, Rogers & Wilson, 1992), and OP (Seaton 

et al. 1994), have recently shown that there is a significant increase in the opacity 

due to iron, which seems to be critical for these stars. It is now generaUy accepted 

that the «-mechanism is responsible for driving the /3-Cep pulsations (Cox et al. 

1992; Moskalik & Dziembowski 1992). In Figure 1.2, the position of the /5-Cep in- 

stabiUty calculated by Dziembowski, Moskalik & Pamyatnykh (1993) for pulsation 

eigen values i  = 1 and 2 at Z = 0.02 has been plotted. Detailed model calculations 

which have mapped out the /3-Cep instability strip so far, have yet to be applied to 

the hotter, more-luminous part of the HR-diagram.

For the ^-Cep stars, it has been speculated that the «-mechanism is very sensitive 

to metaUicity. Balona (1993a) reports the absence of any /3-Cep variables in a 

photometric study of two open clusters in the Large MageUanic Cloud. However, 

this is disputed, Kjeldsen & Baade (1994), using CCD photometry of two other 

open clusters in the LMC, report finding /5-Cep variables. It is expected that both 

observational and theoretical results wiU throw more Ught on this controversy in the
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near future.

1.2.2 Be-stars

These are rapidly-rotating stars, which show, or have shown, emission in the Baimer 

lines, sometimes referred to as the ‘Be-phenomenon’. The HI lines show great diver

sity in appearance from fuU emission to weak emission in the wings with asymmetry. 

A common reference is ‘Shell phase’ where a reversal of emission about zero velocity 

is observed. This type of star has been known for over 100 years. Strictly speak

ing, the emission in the spectral lines is observed in spectral classes from 08 to the 

later A- and even early F-type stars (Slettebak 1987), and in aU luminosity classes 

(the supergiants are not treated as Be-stars in the classical sense, since they have 

emission usually only in H-a). However, for this work the definition of a Be-star 

defined by Collins (1987) as “a non-supergiant B-type star whose spectrum has, or 

had at some time, one or more Baimer lines in emission”. The appearance of these 

optical features is irregular. The generally accepted model for the HI emission is 

a disc structure about the equatorial regions of the star (first proposed by Struve 

1931), the appearance of the emission lines can then be explained by the inclination 

of the system to the observer and the density structure of the disc.

Bolton (1982) suggested that pulsation may cause the ejection of stellar material 

into the circumstellar environment resulting in quasi-periodic Be-type outbursts. 

This theme was explored by Abbott et al (1986). Penrod (1986) reports “. . .  the 

long-term presence of non-radial pulsations (NRP) and Ha emission, strongly sug

gests that NRP is a major contributor to the Be-phenomenon.” Recent work by 

Kambe et al (1993) has shown that periodic circumstellar emission is correlated 

with an increase in the amplitude of Ipv attributed to NRP. However, an alter

native hypothesis for the presence of circumstellar material has recently been put 

forward by Bjorkman & Cassinelli (1992; 1993). These authors have shown that the 

wind from a rapidly-rotating star wiU be focused towards the equatorial plane. The 

‘wind-compressed-disc’ hypothesis offers a simple explanation for the presence of an 

enhanced stellar outflow about the equator.

Photometric variability and variations in the line profiles (Ipv) are also observed 

in many of these objects (Balona 1990, has referred to this class of Be-star as A Eri
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variables), with periodicities ranging from 0.5 to 3 days. This additional variability is 

not confined to just Be-stars, Ipv is also observed in /?-Ceps and slowly-pulsating B- 

stars (Aerts 1993). The origin of these variations is controversial, although pulsation 

is accepted for the /3-Cep stars (and also the 53-Per stars now known as slowly- 

pulsating B-stars; see below), it has yet to be unambiguously demonstrated for this 

class of star.

1.2.3 Slow ly-pulsating B-stars (SPB  stars)

This class of star was described by Waelkens (1991) and expands on the Balona 

(1990) classification of 53-Per stars. In general, these are mid-B-type stars which 

exhibit photometric and Ipv periodicity or multiperiodicity greater than 7-hrs, al

though this class of star can be found across the range of the B-spectral group 

(Balona 1990). Originally ‘discovered’ by Smith Sz Karp (1977), these variables 

show Ipv which were modelled in terms of NRP by Smith (1977).

A driving mechanism for the variations has recently been explained. The new 

opacity calculations by OPAL and OP have shown enhancement of opacity due to 

iron which allow the «-mechanism to operate (see § 1.2.1). Extension of the ^-Cep 

instability strip in the HR diagram -  both to higher and lower effective temperatures 

-  has been explored by extensive stellar modelling (using the new opacities) by 

Dziembowski & Pamyatnykh (1993), Dziembowski, Moskalik & Pamyatnykh (1993), 

and Gautschy & Saio (1993). The SPB instability strip calculated by Dziembowski, 

Moskalik & Pamyatnykh (1993) has been plotted in Figure 1.2. Inspection shows 

that the instability is expected to extend to lower-mass stars as low as to 3Af©. In 

addition, the SPB (53-Per) stars listed by Balona (1990) have also been plotted in 

Figure 1.2.

1.2.4 Supergiant variability

The hot supergiants -  the most luminous early-type stars -  show extravagant mass- 

loss. Wind variability is seen in the UV (DACs), the optical lines (enhanced absorp

tion which accelerate to higher, negative line velocities). The wind variability is also 

thought to be responsible for the erratic, small-scale, photometric variability. The
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formation of the optical lines can be no longer considered to be just photospheric, for 

example He I 5876Â (Fullerton 1990). The optical lines of these stars show emission 

due to the stellar wind and thus show variability. The Ha variability in early-type 

supergiants is well documented {e.g., Ebbets 1982); more-recent studies of other 

optical lines show similar variations, e.g., in the B llb supergiant, 7 Arae (Baade & 

Ferlet 1984). For the supergiants, the 0-star variability survey by Fullerton (1990) 

reported Ipv opposite to the normal Ipv seen in the less luminous stars, i.e., bumps 

and wiggles moving from red to blue. This was not the case for C Puppis and A 

Cephei, which showed complex Ipv, with features which moved from blue to red 

in the line profiles. Fullerton has attributed the Ipv of the supergiants to outward 

accelerating and infalling inhomogeneities in the stellar wind. This seems to be an 

acceptable explanation given that the formation of the line profiles is thought to be 

formed at the photosphere/ wind interface, however, it is far from conclusive on the 

Ipv of two stars, (  Pup and A Cep. Baade (1986, 1991) has reported periodicity 

consistent with NRP for C Pup, whilst Kaper (1993) reports a similar situation for 

A Cep. Both of these stars show wind contamination of the optical absorption lines.

Perhaps the most famous variable supergiants are the Luminous Blue Variables 

(LBVs). This class of star is notable for rapid increases in apparent brightness, e.g., 

P Cyg, which last ~  30 years. For the very large increases in apparent magnitude 

(AY > 3), the recurrence time scales are estimated at 10  ̂ to lO^years. For AV be

low 3, the recurrence time scales are from years to decades. These episodes are due 

to a large ejection of photospheric material from the progenitor star. The current 

hypothesis is that LBVs represent massive stars where the Eddington Luminosity 

has been reached and the outer layers of the star are being stripped away by radia

tion pressure. The exact mechanism which causes the mass ejections has yet to be 

identified, although recent results by Kiriakidis et al. (1993) suggest that pulsation 

may be involved.

1.3 Origin o f th e variability

With the discovery of so many early-type stars demonstrating variability, speculation 

as to the cause of the variation has been restricted to two hypotheses: pulsation 

and/or rotational modulation. As discussed above, pulsation has only been widely
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accepted for relatively few of the variable, early-star groups. For the hotter regime, 

and the Be-stars, the origin of variability has yet to be unambiguously demonstrated.

1.3.1 Pulsation

The availability of the new opacities generated by the OPAL and OP collabora

tions have demonstrated that pulsation is indeed the driving mechanism for the 

variations seen in both /5-Cep and SPB stars. Previously, there had been the re

course of using arbitrarily enhanced metaUicity to provide the additional opacity. 

The iron-group elements provide a significant ‘bump’ in opacity at 1-4 x lO^K. 

There has been speculation as to extending this variability mechanism beyond the 

classically defined Emits (see above). Dziembowski (1994) has hinted that the in

stability domain created by the iron-opacity ‘bump’ may extend upwards towards 

higher luminosities, perhaps even including the supergiants and connected with the 

6-Cep instability strip. These calculations are currently being extended. Therefore, 

the extent and behaviour of pulsation amongst early-type stars is currently based 

upon careful analyses of time-series observations. A common problem with such an 

emphasis is the considerable observing time required and the ambiguity of interpret

ing the observations. Certainly the first of these can be overcome by collaborative 

campaigns.

At the onset of this study, non-radial pulsation had been widely proposed as an 

explanation for the Ipv of the optical absorption hnes of stars earlier than those in 

the classical /5-Cep instability strip {e.g., Vogt & Penrod, 1983). Possible excitation 

mechanisms -  other than the K-mechanism -  have been described (Osaki 1986; Lee 

1988; Saio h  Lee 1991; Kiriakidis et al. 1993). The consequence of NRP is to 

produce Ipv by the Doppler-shift of surface elements, and by temperature variations 

as the waves compress and expand the stellar photosphere. Stellar rotation then 

distributes these variations across the line profile. Indeed, NRP simulations have 

been successfully employed to match the line profile changes {e.g., Vogt & Penrod 

1983; Smith, FuUerton, & Percy 1987) For recent reviews see: Gies 1991; Balona 

1991; Harmanec 1991.
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1.3.2 R otational m odulation

The NRP model has not been unchallenged. Balona & Englebrecht (1986), noted 

that four out of seven Be-type stars showed strictly periodic variations on timescales 

characteristic of the rotation period. They suggested that a spot model was the 

most likely source of the variation. Harmanec (1989) critically re-analysed the high- 

resolution data on the stars (  Oph and € Per, whose Ipv had been attributed to 

NRP (Vogt & Penrod 1983; Gies & KuUavanijaya 1988, respectively). He concluded, 

from the acceleration of the moving features across the line profile, that rotational 

modulation (RM) was the most probable source, employing spots on the photosphere 

as possible ‘roots’ for occulting spokes of equatorial circumstellar material rotating 

close to the stellar surface as the origin of the variations.

1.3.3 R esolving the RM  and N R P  controversy

Until the model calculations have been completed to map out the instability regions 

recently highlighted by the new opacity calculations, observations of individual stars 

seem the only way forward to resolve this controversy. This question was addressed 

at a recent lAU Symposium (162: Pulsation, mass-loss and rotation of early type 

stars) in Nice. Unfortunately, the debate was (in the opinion of the author) fatally 

flawed, since the two leading proponents of the opposing models seemed more inter

ested in trying to rule out the other’s hypothesis for their own observations. A better 

solution is to investigate individual stars. By using intensive observing campaigns at 

different wavelengths (preferably simultaneously), the origin of the variations of that 

particular star can be addressed in a more confident manner. Several different tech

niques should be used in evaluating periodicities, and possible mode-identifications. 

The results should then be placed back into a suitable model and the theory tested 

upon the observations. The results from this single star should then be considered 

unique to this star, and not generalised to other stars showing similar variation until 

a number of similar analysis of stars in that group have been completed. It is possi

ble that both RM and NRP may be present in the same star, and that these different 

mechanisms manifest themselves through the use of different observing techniques.
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1.3.4 The ‘photospheric connection’

The question also arises as to whether there is a link between photospheric variability 

and that seen in the stellar winds of hot stars and semi-periodic Be-outbursts and 

long-term HI emission.

There are two ‘photospheric connections’ to be addressed. The first is the re

lationship between the NRP, photospheric-velocity field and the occurrence of the 

Be-phenomenon. This has already been discussed in § 1.2.2. The second is whether 

the pulsational motion of the photosphere ‘seeds’ regions of instability at the base of 

the stellar wind. These small instabilities are amplified by the intrinsic line-driven 

instability in the wind and thus observed as DACs in the unsaturated, UV resonance 

absorption profiles, e.g., Castor (1986). However, Howarth (1991) points out that 

the occurrence of DACs in hot stars seems ubiquitous, whilst Ipv -  and by inference, 

NRP -  can only be demonstrated for a few hot stars. Indeed, the appearance of 

DACs is only seen at ~  O.Suqo- Currently, it appears that if NRP is the origin of 

DACs at the base of the stellar wind, the influence of the photospheric-velocity field 

upon the stellar wind structure is very subtle.

1.4 This investigation

Line-profile variability seems to be common in virtually all classes of early-type 

stars. Therefore, to investigate the origin of the variations and address the relation

ship between the variations observed using different observing techniques, extensive 

multi-wavelength, time-series observations are required. Such campaigns require 

considerable co-operation between many observatories in the allocation of telescope 

time. The realisation of such collaborations is only starting to produce results in this 

area of astronomy. The Whole Earth Telescope (WET) has successfully produced 

some exciting research {e.g., Winget et al. 1991). Yet the hot star community has 

lagged behind in setting up these very large collaborative efforts. However, this is a 

trend which seems to be in reverse; several coordinated studies have been made on 

hot stars, e.g., 68 Cyg, Fullerton et al. (1991); A Cep, Kaper (1993) and references 

therein.

38



1.4.1 Program m e stars

To investigate both the Ipv and UV variability for a possible single origin, and 

indeed, to determine if RM, NRP or wind variability are responsible for the Ipv, 

specific target stars must be identified and investigated. The criteria required for 

choosing such stars are apparent brightness (which allow adequate temporal sam

pling and high signal-to-noise spectroscopy) and demonstrated variability (thereby 

allowing observing time to be granted) in both the optical and ultraviolet. Of the 

three stars studied in this work, the primary two stars Ophiuchi and C Puppis) 

meet both of these requirements, and were the subject of and extensive observing 

campaign carried out during late April and early May, 1989. Of these, the former 

was the principal target. For both stars, the collaboration (know informally as ‘The 

Zetathon’) collected simultaneous optical and UV spectroscopic data, and narrow

band photometry. In addition, photopolarimetric data were also secured for C Oph. 

The secondary target of The Zetathon, Puppis, was then subject of a separate, 

intensive, optical campaign during late November 1990. For this campaign only 

a single large telescope was used, and unfortunately only 4 nights were allocated. 

However, the large wavelength coverage of the echeUe spectrograph used allowed 

simultaneous observations of several absorption lines. The final star in this study 

is HD 93521. Although a relatively faint star compared to the previous two, vari

ability in the line profiles had been demonstrated by Fullerton et ai (1991). In a 

follow-up study to the work of Fullerton and co-workers, the WHT was used with 

the then-new Utrecht Echelle Spectrograph (UES) during both the commissioning 

run in February 1992 and in a separate, dedicated, observing run in early March 

1993.

A summary of the stellar parameters of the three programme stars is given in 

Table 1.2, with their positions in the HR diagram plotted in Figure 1.2.

1.4.2 Sum m ary of analysis

Previous analyses of hot-star variability, and in particular Ipv, have used a number 

of techniques. In this work, several (essentially model-independent) techniques were 

carefully chosen and utilised. They were accordingly updated or adapted for the
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Table 1.2: Some basic parameters of the programme stars

Quantity C Ophiuchi Ref C Puppis Ref HD 93521 Ref

Spectral Class 09.5V 1 04I(n )f 2 09.5V 3

V 2.57 4 2.26 5 7.05 6

(B-V) 0.022 4 -0.27 5 -0.28 6

(U-B) —0.85 5 -1.19 5 -1.01 6

Tef f  (kK) 32.5 ±  1.5 7 42.0 ±  1.5 8 33.5 ±  1.5 9

M* (M©) 15-17 10 38 (-H22, -14) 8 19 11

R .(p ) " ( R q ) 7.5 12 18 (-l- 5, —3) 8 8.1 11

logio(p) (cgs) 3.5 ±  0.1 7 3.5 ±  0.1 8 3.8 ±  0.2 9

Ve sin I (kms~^) 400 ±  20 11 210 8 400 ±  20 9

M (10-G M© y r - i) 0.13 ±  0.01 13 5.0 14 0.2 11

Distance (pc) 155 15 450 16 1850 11

Y 0.16 ±  0.03 7 0.17 ±  0.03 8 0.2 ±  0.05 9

N o t e s . -  ^ Polar value.

R e f e r e n c e s . -  1: Morgan, Code &: W hitford (1955); 2: Walborn (1972); 3: Hobbs et al. 

(1982); 4: Moffett & Barnes (1979); 5: Johnson (1965); 6: G uetter (1974); 7: Herrero et 

al. (1992); 8: Bohannan et al. (1986); 9: Lennon et al. (1991); 10: Harmanec (1989); 11: 

Howarth & Reid (1993); 12: This study; 13: Howarth & Brown (1991); 14: A bbott & Lucy 

(1985); 15: Howarth et al. (1993); 16: Gies (1986).
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data obtained for the program stars. The main techniques were,

1. Variation of spectra with respect to the mean spectrum.

2. Radial-velocity variation of the individual Ipv features.

3. Fourier time-series analysis.

Variability with respect to the mean spectrum

Fullerton (1990) conducted a search for Ipv amongst a large sample of 0-stars. He 

used a variance test to search for variability in generally undersampled spectra in 

a statistically rigorous manner. This method was called the Temporal Variance 

Spectrum or TVS. Kaper (1993) used a modified version of this technique to search 

for variability in time-series UV spectra of O stars. For the present study, a TVS 

statistic is devised for the study of (  Oph and (  Pup. This is a simple reduced-%^ 

statistic against the nuU hypothesis of no variability for each wavelength sample, 

and can give a quantitative description of the strength and extent of variation in 

each of the line profiles. The derivation of this statistic is given in Chapter 2 , § 2 .2 .

Measurement of individual Ipv

Balona (1991) introduced a simple test to identify if RM is responsible for the 

Ipv, based upon measurement of the individual-lpv features acceleration across the 

line centre. This test is elaborated upon and used to test for RM in the three 

programme stars. The tracking of individual Ipv features was used by Harmanec 

(1989) to argue that RM, and not NRP, was responsible for the Ipv of (  Oph and e 

Per, both previously attributed to NRP. In this study, the mapping of the individual 

Ipv features gives an additional estimate of the width of the variations and the ability 

to test whether the same pattern of variability occurs in different lines of excitation 

potential and species.
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Fourier time-series analysis

Several time-series techniques are currently in use. Aerts (1994a) gives an excellent, 

critical review of both photometric and spectroscopy time-series techniques used in 

recent studies. Since the present work deals with analysis of optical spectroscopy, a 

brief summary of spectroscopic techniques follows.

As summarised by Gies (1991), there are four different techniques to analyses Ipv 

and identify the NRP parameters (degree £, azimuthal number m, and the ratio of 

the horizontal to vertical pulsation velocity, k). The original method was developed 

for slow rotators exhibiting Ipv by Smith (1977), and involves fitting observed to 

modelled line profiles. This method requires considerable familiarity and expertise 

in modelling NRP line profiles.

A second method was developed by the Walker and co-workers at the University 

of British Columbia (e.g., Yang, Ninkov & Walker 1988; Hill, Walker & Yang 1991). 

Here, the radial velocities of the individual Ipv features are plotted versus time. By 

measuring the transits between successive features and by measuring the acceleration 

across the line centre, or by measuring the line-width variations, m can be estimated. 

These two techniques are difficult to apply if the star under analysis has more than 

one or two dominant modes of oscillation. In addition, the first method does not 

always gives unique solutions.

Two Fourier-analysis techniques have been developed in recent years. The first, 

by Balona (1987) and further refined by Aerts k  Waelkens (1993), involves the con

struction of the first three or four moments of the line profile. The NRP parameters 

are obtained by comparison of the power spectra of these moments with power peri- 

odograms of moment spectra derived from modelled line profiles. As advocated by 

Gies (1991) and Aerts & Waelkens (1993), the moments technique is best suited to 

slow rotators.

The second Fourier technique involves the time-series analysis of each individual 

wavelength-sample of the entire line profile. This method is better suited to the 

analysis of Ipv in Doppler-broadened line profiles, since all of the velocity information 

of the line profile is utilised. The technique has been used to interpret the Ipv of 

several rapidly rotating stars; e.g,, /x Cen (Baade 1988); € Per (Gies k  KuUavanijaya
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1988); C Oph (Kambe, Ando & Hirata 1990, Kambe et ai  1993); and EW Lac 

(Floquet et al. 1992). Baade, Gies & KuUavanijaya, and Floquet et al. aU used the 

Fourier c l e a n  algorithm (Roberts et al. 1987) to deconvolve sampUng aliasing from 

the Fourier periodogram.

Inspection of Table 1.2, shows that aU the programme stars are rapid rotators for 

their respective luminosity classes, therefore, the Doppler-imaging Fourier technique 

-  developed by Baade (1988) and Gies & KuUavanijaya (1988) which incorporates the 

CLEAN algorithm -  was used. Unfortunately, only C Oph and (  Pup have adequate 

time-series data for such analyses, and these are given in Chapters 2 (§ 2.4) and 3 

(§ 3.6) respectively.

1.4.3 N R P  m odelling

As a coUateral study to the analysis of the programme stars, the analysis tech

niques used are repeated on a sequence of Une profiles generated by an NRP steUar 

model. The model of PesneU (1989) is used to generate time-series synthetic Une 

profiles, systematicaUy altering the input eigenvalues (i^m) for a ^-Oph-type star. 

In addition, two sets of synthetic Une profiles are generated by the Une-profile code 

of Aerts (1993) which incorporate the effects of rotation on pulsation neglected in 

the PesneU model. This tests the conclusion of Aerts & Waelkens (1993) that the 

Doppler-imaging technique used in this study could give erroneous mode identifi

cations if rotation is not expUcitly accounted for. Results from this analysis are 

presented in Chapter 5.
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C hapter 2

C Ophiuchi

The 09.5 main-sequence star (  Ophiuchi (HD 149757) is one of the most, rapidly- 

rotating stars known and also one of the brightest {V = 2.57, Moffett & Barnes 1979). 

The Ipv of Ç, Oph has been well documented. Blueward-migrating features crossing 

the absorption line profiles of Hei AA5876, 6678Â during late July 1978 were first 

noted by Walker, Yang h  Fahlman (1979). The same authors (1981) repeated their 

observations one year after their initial investigation and confirmed the continuing 

presence of the Ipv. Knowing that (  Oph undergoes Be-type outbursts (Irving 

1974; Niemela & Mendez 1974; Barker & Brown 1974; Ebbets 1981), they suggested 

that the variations were due to inhomogeneities in an equatorial disc about the star. 

Vogt & Penrod (1983) analysed extensive, high-resolution, high-S/N, reticon spectra 

of He I A6678Â obtained between 1980 and 1982. Using the principle of ‘Doppler 

imaging’, they rejected the RM models of spots or inhomogeneities in circumstellar 

material (in the form of ‘spokes’), and adopted an NRP model. Harmanec (1989) 

re-analysed the observations of Walker and his collaborators, and those of Vogt and 

Penrod. By measuring the acceleration of the individual Ipv, he found that they 

followed the same radial-velocity curve across the line profile with a periodicity of

0.64308 days; this was interpreted in terms of RM. He concluded that the NRP 

model -  previously suggested for (  Oph -  must be seriously questioned and he 

speculated that the Ipv was due to stellar ‘spots’, which could then be the ‘roots’ 

for the enhanced optical depth seen in the UV spectra (Howarth, Prinja & Willis 

1984).
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Kambe, Ando & Hirata (1990) published extensive, time-series analysis of ob

servations taken at two epochs: April 1987, and May 1988. By using least-squares 

fitting of sinusoids to time series at individual wavelength samples, they showed 

that a multi-periodic behaviour was evident. Adopting an NRP interpretation, they 

concluded that at least two NRP modes were excited during April 1987, and two 

or possibly three in May 1988. The modes were present in both seasons, and corre

sponded to an  ̂ = —m — 4 mode of period 3.33 hours, and an  ̂ =  —m  = 7 mode 

of period 2.44 hours. The third possible NRP mode of 1988 was an  ̂ =  — m = 9 

mode of period 1.86 hours. Using a stellar model which generated synthetic Ipv due 

to NRP, they demonstrated that the adopted eigenvalues simulated the observed 

Ipv well. Despite this careful analysis, the NRP interpretation was still questioned 

by Balona (1992). Using Stromgren 6-band photometric results taken over several 

seasons, he showed that (" Oph exhibited short-term variability at each epoch, but 

that the periodicity changed from season to season. He concluded that this did not 

necessarily rule out a RM origin for these variations and that the ambiguity for the 

origin of the Ipv could be resolved by a detailed, concerted campaign of simultaneous 

photometry and high-S/N spectroscopy.

For the present study, the stellar parameters of Tg//, logio(flf) (32500K and 3.5, 

respectively), and helium number fraction [Y] (0.16) obtained by Herrero et al 

(1992), have been adopted. These were obtained by comparing high-S/N CCD 

spectra containing lines of Hi, He I and He l l  with synthetic line profiles generated 

by a plane-parallel-model stellar atmosphere containing hydrogen and helium, in 

hydrostatic and radiative equilibrium, incorporating non-LTE physics. Values were 

fixed by obtaining the best fits to line profiles by variation of Tg// and logio(if) to aU 

the lines and then repeating these best fits after varying [Y]. The stellar parameters 

where those which gave satisfactory fits to all the lines for a value of [Y].

The mass and polar radius, A*(P)=7.5R@ and M*=15-17M@, respectively, are 

those suggested by Harmanec (1989), based on studies of binary B-stars. Standard 

photometric magnitudes are adopted from the latest studies. The estimate of Vg sin i 

is more controversial, but that finally adopted agrees well with more recent values 

quoted in the literature (see § 2.3.3). Finally, the mass-loss rate (0.13 x 10“® Af© 

yr“ ^) is adopted from Howarth & Brown (1991) and is based on radio observations 

of the free-free emission of the stellar wind. These parameters have been summarised
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in Table 1.2 (Chapter 1).

A decade of observing the Ipv of (  Oph has yet to resolve the origin of these 

variations. A multi-site, multi-wavelength, observing campaign (The Zetathon) was 

mounted in early-1989 in an attempt to fuUy characterise the nature of the Ipv 

and also compare the variability timescale with those measured from simultaneous 

photometry, photopolarimetry and ultraviolet spectroscopy. In this Chapter, the 

analysis of the extensive, time-series, optical spectroscopy is presented.

2.1 O ptical spectroscopy

In total, five observatories contributed to the optical spectroscopic part of The Ze

tathon.

1. The David Dunlap Observatory (DDO), Canada.

2. The Dominion Astrophysical Observatory (DAO), Canada.

3. The Mount Stromlo Observatory (MSO), Australia.

4. The Kitt Peak National Observatory (KPNO), USA.

5. The University of Hawaii Observatory (UH), Hawaii, USA.

In principle, the global distribution of observatories could potentially yield ~  

17 hours of coverage out of every 24 hours, with a possible maximum of 200 

hours of data from all observatories. However, due to a series of technical problems 

and poor weather conditions, a large part of this coverage was lost, with only a

subset of the potential spectroscopic data proving useful for time-series analysis.

The observatories which did contribute to the analysis were the DAO and KPNO, 

with a small set of observations collected at the DDO. The first two datasets formed 

the time-series data, which finally contained 374 spectra covering 10 nights with 

over 53 hours of total coverage. Table 2.1 gives a log of the optical spectroscopy.
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Table 2.1: Log of (  Ophiuchi spectroscopic observations

Observatory
Date

(1989)
Universal

Time
JD

(2440000 +)
No. of 
Spectra

DAO 25 April 07:47 - 12:34 7641.824 17

DAO 27 April 09:51 - 11:34 7643.910 7

DAO 28 April 07:27 - 12:15 7644.810 17

DDO 04:07 - 09.37 7644.672 10

DAO 29 April 07:10 - 12:25 7645.799 20

KPNO 05:00 - 12:00 7645.708 47

DAO 30 April 07:09 - 12:26 7646.798 20

KPNO 05:27 - 11:40 7646.727 53

KPNO 1 May 05:05 — 11:45 7647.712 59

KPNO 2 May 04:44 — 11:42 7648.697 53

KPNO 3 May 04:57 - 11:47 7649.706 42

KPNO 4 May 04:54 - 11:46 7650.704 45

N o t e s . -  DAO =  Dominion Astrophysical Observatory. Wavelength range AA4445—4730Â. 

Exposure time per observation =  15 minutes. DDO =  David Dunlap Observatory. Wave

length range AA4360-4400Â. Exposure time per observation =  30 minutes. KPNO =  K itt 

Peak National Observatory. Wavelength range AA4450—4600Â. Exposure time per observa

tion =  5 minutes. The Julian Date refers to the commencement of observing.
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2.1.1 The DDO  spectroscopic data

This small dataset of 10 spectra (limited due to poor weather) was collected and 

reduced to rectified spectra by Mike Fieldus. The spectra are from the night of 1989 

April 28, and cover the wavelength range AA4375-4404Â, including the He i singlet 

at A4387Â.

The data were collected using the 1.88-m telescope with the then-new DDO 

EcheUe Spectrograph. Unfortunately, only a reticon detector was avaUable, with 

the result that only one order of the echeUe could be recorded. A very strong blaze 

function (‘ripple’) for the echeUe was reported. As a result, the Hei A4387Â Une 

was chosen, since it was very close to the peak of the blaze and therefore gave a high 

r.m.s. signal-to-noise ratio (S/N). Typical exposure times were 30 minutes.

The raw reticon spectra were divided by a median-averaged Uat-Ueld spectrum 

and smoothed using a 5-point gaussian in pixel space; the FWHM of relevant arc 

Unes was 5.2 pixels. This smoothing was completed before rectification since the 

initiaUy low S/N in the continuum would result in an inconsistent rectification of 

the blaze. The spectra were rectified to a consistent continuum in pixel space; since 

aU the spectra were coUected in one night, any amount of spectral shift is very much 

smaUer than the number of points (eight) which were averaged over. The average 

S/N, measured just redward of the Hei Une, was ~  200, but varied from 400 to 120 

for the ten spectra. The spectra were UnaUy wavelength caUbrated using appropriate 

arc spectra and Unearly resampled to 0.025Â bin“ ^.

2.1.2 The DAO spectroscopic data

The 81 observations were obtained and reduced to rectified spectra by Alex FuUerton. 

The spectra were coUected over six nights with the coudé spectrograph of the 1.22- 

m telescope. The 1872F/30 Reticon detector was used in conjunction with the 

short camera (f/5) and 1200 mm~^ grating blazed at AA4445-4730Â at a reciprocal 

dispersion of 0.15 Â pixel"^. Flat-held spectra were obtained at the beginning and at 

the end of each night, with Fe-Ar comparison arc spectra coUected at the start, half

way through, and at the end of each night to account for possible slow wavelength 

shifts. The typical exposure time for a steUar spectrum was 15 minutes.
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The stellar spectra were divided by a mean flat-held spectrum, and wavelength 

calibrated using the appropriate arc comparison spectra (residuals from the cubic 

polynomial fits to the arc lines ranged from 6.6 to 8.4 mÂ). Continuum bands (shown 

in Figure 2.6) were selected by careful inspection of the spectra and the data were 

rectified by cubic spline fits to points in those bands.

Fourier analysis of the resulting spectra showed small, but significant, peaks 

at spatial frequencies of 0.125, 0.250 and 0.375 inverse pixels. These peaks were 

removed in the frequency domain by substituting random values, drawn from a 

normal distribution having a dispersion similar to the dispersions found either side 

of the peak. The data were then transformed back to the spatial domain.

Finally, the heliocentric Julian Date (HJD) of mid-exposure and heliocentric 

wavelength corrections were calculated for each spectrum using the algorithm of 

Stumpff (1980). The average S/N of the observation was estimated at 750 in the 

continuum bands.

2.1.3 The MSO spectroscopic data

A total of 42 observations were obtained by Ian Howarth and Raman Prinja over two 

nights. Three other nights were lost due to poor weather, but despite this, the two 

nights afforded a total coverage of 14 hours. Both observations of C Oph and (  Pup 

were collected with appropriate arc and flat-field frames. The typical exposure time 

for the steUar frames both datasets was 15 minutes.

The data were coUected using the echeUe spectrograph (79 grooves mm~^) at 

the coude focus of the the 74-inch telescope. The two-dimensional, photon-counting- 

array (PCA) was used to record the observations. The PCA was opticaUy coupled to 

a 380 X 488 pixel CCD which was then rebinned and subsetted to give a final image 

of 760 X 81 pixels. The spectrograph was configured so that the PCA could record 

three orders of the echeUe. For (  Oph, the afforded wavelength coverage included 

He I AA4387, 4471Â, and Sim  AA4552, 4567, 4574Â. This yielded a dispersion of ~ 

0.06Â per wavelength sample.

The steUar spectra were extracted using the Starlink echeUe-reduction package.
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ECHOMOpi (Mills 1992). The procedure for extracting all the orders of the stellar 

and arc images involved the fitting of a third order polynomial ‘trace’ to each of 

the orders in the dispersion direction, and then defining the stellar spectrum and 

sky/scattered-light pixels from a mean cross-dispersion profile for each order, (see 

Appendix A, §A.2.3).

Inspection of the stellar images showed very low counts, therefore, to maximise 

the S/N, the fuU width of the stellar cross dispersion was used for extraction of the 

stellar spectra. As part of the reduction procedure, two inter-order pixels either side 

of the stellar orders were allocated as ‘sky’ pixels. This allowed an estimation of the 

sky/scattered-light level over which the echelle orders were extracted. The pixel-to- 

pixel variations were accounted for by division of a mean-averaged flat field over the 

cross-dispersion limits of the stellar extraction using individual pixel-to-pixel com

pensation factors based on calculated deviations from a hat-field model generated 

by the e c h o m o p  routines. With very low count levels, the optimal extraction algo

rithm was employed to extract the data (Appendix A, § A.2.4) in an effort to keep 

the S/N as high as possible. The arc calibration spectra were extracted in identical 

fashion to that of the stellar spectra. Individual arc lines were identified and fitted 

with a 2nd-order polynomial giving r.m.s. errors to the dispersion curve of 1/lOth of 

a wavelength sample. The data frames were wavelength calibrated using interpola

tion between straddling arc spectra. Finally, heliocentric radial-velocity corrections 

and heliocentric Julian Dates of the mid-exposure times were calculated using the 

RV software (Wallace & Ely 1991).

Inspection of the stellar spectra, showed that the S/N was far too low (^  30 at 

the peak of the blaze) for time-series analysis. To illustrate this. Figure 2.1 compares 

a spectrum with one obtained at the DAO. As a consequence of the low S/N, no 

spectra from this dataset contributed to the subsequent analysis of either ^ Oph or 

(  Pup (Chapter 3).

full description of the software package and general reduction procedure is given in Appendix

A.
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MSO S /N  = 30

DAO S /N  =  763

446 0 448 0 45 0 0 45 2 0 4 5 4 0 45 6 0 4 5 6 0

Heliocentric Wavelength (Â)

Figure 2.1: A comparison o f a typical Mt. Stromlo spectrum with a spectrum taken from 

the DAO dataset

2.1.4 The KPNO spectroscopic data

A to ta l of 373 observations were obtained (and  reduced to  unrectified spec tra), by 

Doug Gies of the targe t s tars (  Oph and (  P up , in addition to  several radial-velocity 

stan d ard s: a  Leo; p Leo; and (  Aql, over six nights. T he principal ta rg e t was 

C O ph, w ith 299 observations m ade in the wavelength range AA4455-4583Â, w ith 

typical exposure tim es of 5 m inutes.

T he observations were collected with the  0.9-m Coudé Feed Telescope and spec

trog raph  with the  large collim ator (focal length 10.11m). G ra ting  B (316 m m " \  

blazed a t 12 000Â) was used in th ird  order (4-96 and GG-400 filters were used to  

block com peting orders) with cam era 5 (a  folded Schm idt w ith a focal length of 

108cm). This arrangem ent gave spectra  w ith a reciprocal dispersion of 9.6Â m m “  ̂

(0.29Â pixel“  ̂) on a 512 X 320 RCA CCD. During each n ig h t’s observing, num erous 

bias, flat-held, and Fe-Ar com parison-lam p spec tra  were obtained.

The spec tra  were ex tracted  from the CCD images by using s tan d ard  techniques
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implemented in the iraf  ̂ software package. This involved subtraction of a mean 

bias level determined from an overscan region of the CCD; subtraction of a median- 

averaged bias map; and division by a median-averaged flat field.

The extracted, unrectified stellar spectra were wavelength calibrated and rectified 

using the Starlink FIGARO and DiPSO software packages (Shortridge 1991; Howarth 

& Murray 1991). For (  Oph, the arc lines were identified and fitted with a second- 

order polynomial (the reduction of the (  Pup data is given separately in Chapter 3, 

§ 3.2). The r.m.s. residuals to the fits ranged from 0.04 to 0.06Â. Heliocentric Julian 

Dates for the times of mid-exposure and the heliocentric corrections to the spectra 

were again computed using the RV software (Wallace & Ely 1991). The spectra were 

then resampled to a hnear scale at a dispersion very close to that of the original 

mean dispersion.

The rectification procedure involved the construction of a mean spectrum of 

the entire KPNO (  Oph dataset. This mean spectrum was then rectified by a cubic 

spline fit to the continuum bands identified in the DAO observations. The individual 

spectra were then divided by that rectified mean, thereby removing low-frequency 

structures, but preserving the high-frequency variations in the line profiles. These 

intermediate spectra were almost completely fiat. Cubic polynomial fits were made 

to the intermediate spectra, and the fits divided back into the original spectra to 

give the final rectifications. An example of the rectification procedure is given in 

Figure 2.2(a)-(c).

The S/N values in the continuum for each of the KPNO observations were 

checked. Six spectra (all from the beginning or end of an observing night) were 

judged unusable for the present purposes, with S/N < 100. The remaining 293 

spectra have typical S/N ratios of 450 per wavelength sample in the continuum.

2.1.5 The UH  spectroscopic data

A total of 139 observations were made of both target stars ((  Oph was again the 

principal target), and the radial velocity standards 40 Leo and p Leo by Rick Crowe.

^m.AF is distributed by National Optical Astronomy Observatories, which is operated by the 

Association of Universities for Research in Astronomy, Inc., under cooperative agreement with the 

National Science Foundation.
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F igure  2.2: (a)-(c). A n example o f the rectification procedure used for the KPNO dataset. 

The unrectihed spectrum  (a) is divided by the mean and a polynomial fitted to this inter

mediate spectrum  (b). The polynomial fit is then divided back into the original unrectified 

spectrum  (c)
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The observations were taken over three nights, using the University of Hawaii 88” 

Telescope with the NSFl TI CCD (camera 3) at the f/10 coudé focus, giving a mean 

dispersion of 0.05Â pixel"^. For (  Oph, two central wavelength settings were used, 

AA4471 and 4552Â. Typical exposure times varied from five to ten minutes.

On inspection of the CCD frames, it became clear that all of the stellar ob

servations of the second and third UH observing nights were saturated. A private 

communication from the observer stated that the CCD departs from linearity above 

17,000 ADU. It was found that the sharp cross-dispersion peak of the untrailed tar

get stars was well beyond that limit. An attempt was made to salvage these spectra 

by using the optimal extraction procedure in ECHOMOP (see Appendix A, § A.2.4) 

on the wings of the dispersed stellar image. This procedure yielded stellar spectra of 

too low S/N (< 80) and too poor quality to be useful individually to the subsequent 

analysis; but the spectra could be co-added, to yield a higher S/N {e.g., three spec

tra, with S/N = 80, co-added, would give a final spectrum of S/N ~  140). However, 

this led to a severe degradation of the temporal sampling.

Comparison of the extracted stellar spectra with those obtained at the DAO or 

KPNO showed no resemblance to them, despite having the same central wavelength 

setting. A cross-correlation of an extracted spectrum of p Leo with one obtained 

at the DAO showed that the central wavelength setting was incorrect by -40Â. It 

was strongly suspected that this affected aU wavelength settings, although this could 

not be properly ascertained by comparison of extracted spectra to those obtained 

at the DAO or KPNO. No wavelength calibration was previously possible, since the 

iron-arc calibration spectra showed only a few very weak lines (the arc calibration 

spectra for the A4471Â central wavelength setting of the C Oph spectra contained 

only one line).

In addition to the saturated stellar spectra and the calibration problems, all 

hat-field spectra were found to be in excess of the linearity limit of 17,000 ADU. As 

a result, no flat-fielding could be applied. Since the stellar spectrum on the CCD 

image varied in position, simple ratioing of the stellar spectra with a mean spectrum 

would not remove the pixel-to-pixel variations of the CCD.

As a result of these deficiencies, none of the UH observations contributed to the 

analysis of both target stars.
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2.1.6 M erging the different datasets

To facilitate numerical analysis, it is convenient to have a dataset where the char

acteristics of individual spectra are as similar as possible. Since the resolution and 

wavelength coverage in the DAO data are greater than those of the KPNO set, the 

latter defines the limiting values. The DAO spectra were therefore resampled to the 

wavelength coverage and sampling of that of the KPNO dataset (§ 2.1 .4), giving 374 

usable spectra binned to 435 samples over the wavelength range AA4457-4583Â; the 

two-sample resolution was 0.58Â 40 km s“^).

Examination of the rectified spectra showed very good homogeneity in each 

dataset; however, there were small differences (at less than the 1% level) in the 

rectifications of the DAO and KPNO datasets. For each dataset, difference spectra 

were obtained by producing a mean rectified spectrum, and then subtracting that 

mean from the individual spectra. Using difference spectra allowed the removal of 

the low-frequency rectification variations between the two datasets, and expressed 

the high-frequency Ipv in terms of the continuum.

2.2 Line-profile variations

Both the DAO and KPNO spectra show transitions of differing species and ionic 

potentials (Table 2.2 lists the important transition in the covered wavelengths). 

Relating the behaviour of the Ipv, i.e., the amplitude and pattern of variability, to 

the physics of line formation and the rapid rotation of this star, could help constrain 

the origin of the Ipv and thus give clues as to which of the hypotheses, NRP or RM, 

is responsible.

The combined DAO and KPNO difference-spectra datasets are shown in greyscale 

representation in Figures 2 .3 -2 .5 , and illustrate the Ipv which characterise this type 

of intrinsic variable (§ 1.2, Chapter 1). The greyscales show a series of troughs and 

peaks, moving from the blue to red wings of the line profiles. The Ipv are particularly 

clear in He I A4471Â and in Si III AA4452,4567, 4575Â. Closer inspection shows that 

the systematic variations are evidently not present in all lines to the same extent, 

and the transit times between consecutive peaks and troughs varies. This behaviour
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Table 2.2: Primary transitions studied in (  Ophiuchi

Line
Species

Atomic
Transition

Rest Wavelength
(A)

E r
(eV)

E i"
(eV) Ref

K ilt Peak National Observatory & Dominion Astrophysical Observatory

He I Is2 p -ls4 d  3p°-3D 4471.52 20.964 23.736 1

M gil 3 d -4 / 2d -2 f ° 4481.00 8.864 11.630 1

N III 2s2p3s-2s2p(3p°)3p 4514.89 35.672 38.418 1

4510.92 35.658 38.406

4510.92 35.650 38.380

4534.57 35.672 38.406

4523.60 35.658 38.380

4518.18 35.650 38.394

4547.34 35.672 38.406

4530.34 35.658 38.394

Hell 4-9 4541.59 50.80 53.51 3

S im 3s4s-3s(2S)4p 3§ _ 3po 4552.62 19.016 21.739 2

4567.82 19.016 21.730

4574.76 19.016 21.726

Dominion Astrophysical Observatory

H ell 3-4 4685.68 48.16 50.80 3

He I Is2 p -ls4 s 3po-3S 4713.15 20.964 23.594 1

David Dunlap Observatory

He I ls2 p -lsb d  ip ° - iD 4387.93 21.218 24.043 1

N o t e s . -  ^The transition is from level j  to i, so that E,- is the energy level of the lower 

level.

R e f e r e n c e s . -  1: Wiese, Smith & Glennon (1966); 2: Wiese, Smith &: Miles (1969); 3: 

Moore (1972).
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is illustrated in Figure 2.5, which shows, in greyscale representation, the two nights 

of overlapping data from the DAO and KPNO.

2.2.1 W avelength dependence and am plitude of the Ipv

For each of the rectified datasets, the strength of Ipv as a function of wavelength 

can be illustrated by summing the weighted square of the residuals to the mean 

spectrum and then dividing by the number of degrees of freedom. In essence, this 

is a simple reduced chi-square test against the nuU hypothesis of non-variability as 

a function of wavelength.

For the tth wavelength sample in N  rectified spectra, the reduced chi-square 

statistic is

where is the uncertainty on the rectified intensity, Sij, for the ith. wavelength 

sample of the jth. spectrum and is the mean intensity at wavelength sample, i. 

The quantity is difficult to estimate, since it wiU vary in both i and j  as it is 

dependent on a number of factors which could be intrinsic to the detector (such 

as flat-field effects, readout noise) and introduced during the extraction, reduction 

and rectification of the spectra. However, if photon noise dominates the extracted 

signal, then Poisson statistics can be assumed. This allows an approximation to the 

unrectified counts in the j th  spectrum, Fij, so that:

m-; = ^  (2-2)

where Cij is the continuum count level (estimated by some fit to the observed data) 

of the unrectified j th  spectrum. The uncertainty in the continuum of the unrec

tified raw spectrum, a{Cij), is just (r{Cij) = so that the uncertainty in the

continuum of the rectified spectrum, <r(c)tj, is.
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Assuming Poissonian statistics dominate, the uncertainty in the rectified con

tinuum can be estimated as the r.m.s. deviation from the rectified continuum, i.e., 

(r{c)ij —> (Tcj, with (Tcj the inverse of the S/N. Rather than propagate the value of 

(Tij through from each of the N  unrectified spectra, it is more convenient to use an 

expression for aij which is related to <r(c)ij and therefore, (Tcj, since this last quantity 

is trivial to calculate.

From above.

= ^  = (2.4)

As (FijfCij) is just the rectified intensity at the ith wavelength sample of the jth. 

spectrum, Sij, substituting and using the value for Cij defined above,

(Tij = (^{F)ij\JSij (2.5)

By assuming that the deviations (other than variations intrinsic to the star) of 

the individual rectified spectra are small, a further simplification can be made by 

substituting for Sij with the mean value at wavelength sample i, 5,-. Thus, using the 

definition for c r { c ) i j  defined above,

(Tij — (T c jy /^ i  (2.6)

A reduced technique was used by Fullerton (1990) to test for statistically 

significant Ipv in a wide selection of 0-type stars. He defined the resulting spectrum 

as the ‘Temporal Variance Spectrum’ or TVS. Here, the TVS is defined, for the ith 

wavelength sample, as

j=i

Sij -  S i'^
(2.7)

This holds only for very high S/N spectra. The quantity acj was estimated empir

ically as the averaged r.m.s. deviation of the j th  spectrum from the mean in the 

continuum bands. The effect of weighting in this manner is to suppress the noise
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of poorer-quality spectra contributing to the TVS flux, so that the increase in TVS 

flux was indicative of genuine Ipv.

The TVS analysis was used on both the DAO and KPNO datasets indepen

dently. The DAO dataset has the greater wavelength coverage and superior S/N 

ratio, but has only 81 spectra over a total of 6 nights. This low value of j  could 

yield a poor estimate of 5,-. The KPNO dataset has a larger number of spectra (293 

over six nights) and therefore a better estimate of s,- is expected. The independent 

TVS analysis of both datasets allows a direct comparison of the TVS levels in the 

common wavelength regions, and identifies features which are not common to both 

and which therefore represent instrumental artefacts. The resulting TVS are dis

played in Figures 2.6 and 2.7. Inspection shows there is strong Ipv in He I AA4471, 

4713Â; in the strong blend feature at A4650Â (principally due to multiplets of C III, 

N III, and 0  ll); and in Si ill AA4552, 4567, 4575Â. Variation at a lower amplitude is 

apparent in Mgll A4481Â, although this may in part be due to the red wing of He I 

A4471Â. There is no more than a suspicion of variation in Hell AA4541, 4686Â or in 

N III AA4511, 4515, 4518Â. The TVS levels for the overlapping wavelength regions 

are in good agreement -  which implies that the estimate of Si for the DAO dataset 

was adequate.

The continuum bands used for rectification of the spectra are indicated in each 

of the TVS figures. In principle, the continuum regions should show no TVS signal 

above unity. Inspection of the DAO TVS of Figure 2.6 shows that the TVS is close 

to unity for the continuum bands. However, the TVS of the KPNO dataset in Figure 

2.7, shows that the TVS is 1.5 in the continuum regions. It can be concluded 

that, for the KPNO dataset, the approximation (Tij = (Tjcy/si is a poor one for 

some of the spectra. Inspection of the KPNO dataset reveals that there are several 

spectra (fewer than 10) which show S/N  300 or less in the continuum bands. It 

is expected that uncertainties from the reduction procedure negate the assumption 

that Poissonian statistics dominates.

The TVS technique cannot be applied to the DDO dataset, since the blaze func

tion negates the assumption that <T,j oc CTjc for all pixels i. However, the summation 

of the r.m.s. residuals to the mean spectrum can be made and is shown in Fig

ure 2.8. The He I A4387Â line is clearly variable, but direct comparison with lines

62



4500 45 5 0 46 0 0 4 6 5 0 4 7 0 0

Heliocentric Wavelength (Â)

Figure 2.6: Temporal variance spectra o f the DAO. The brackets indicate the continuum 

regions used in the rectification procedure 2.1.2)
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Figure 2.8: The r.m.s. deviation o f the DDO dataset to the mean spectrum

shown in Figures 2.6 and 2.7 is complicated by the variation in the echelle S/N and 

the limited number of spectra available. Nonetheless, the r.m.s. deviation from the 

mean spectrum can be calculated from the TVS statistic if <7cj is approximated by 

the average noise in the continuum, (fc, i.e., the inverse of the average S/N, for the 

dataset. The total r.m.s. deviation at i to the mean spectrum, (cr^)i, is then given

by

(2.8)

By assuming that the total r.m.s. deviation is the quadratic sum of the deviations 

due to the Ipv, (c ry )» , and those due to statistical noise, (< tn)» (which, from above, 

can be approximated as (Tcy/̂ %)’, the deviation due to the Ipv at each wavelength 

sample, i, is

(<rv)( = a % (T V S ) i  -  (2.9)

Then the r.m.s. deviation to the mean due to variability in the stellar spectrum,
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corrected for statistical noise and expressed as a percentage at each wavelength 

sample, i, is simply

(<Tv)i =  100<r<,VÜ[(TK5),- -  1]'/^ (2.10)

Using the DAO dataset, the dispersion of the points about the mean in the 

continuum windows is the inverse of the DAO S/N so that 100<Tc c:: 0.13. The largest 

changes, in He I A4471Â, have an r.m.s. amplitude of order 0.5%, with some peak- 

to-peak amplitudes in the difference spectra of ~  1 — 1.5%, while other conspicuous 

line features in the TV spectrum have r.m.s. amplitudes of ~  0.3%.

2.2.2 Behaviour of the He lines and the rôle of rotation

The TV spectra of Figures 2.6 and 2.7 show that the Ipv are weakest in lines of 

species of higher ionisation potential. This is illustrated by the different behaviours 

of He I and Hell.

Since (  Oph is a very-rapid rotator (using the adopted parameters of Table 1.2, 

Chapter 1, the critical equatorial velocity is ~  540 kms“ ^), it is plausible that it 

should be close to its critical equipotential surface, with a significant equator-to-pole 

variation in surface gravity. Through von Zeipel’s (1924) theorem (Tg// oc for 

radiative, hydrostatic envelopes), there should then be a corresponding equator-to- 

pole temperature gradient (pole hottest). As an 09.5 star, (" Oph has only weak 

Hell lines, and it is suggested that they are formed largely in the polar regions. 

Therefore, the simplest interpretation of differences in species-to-species variability 

characteristics is that there is a latitudinal dependence of the underlying mechanism. 

High-order, non-radial pulsation in sectorial modes {i = |m|) is clearly an attractive 

model in this context (as also noted by Walker 1991), since the pulsations are tightly 

confined to the equator. (Cool ‘spots’ are equally plausible in a qualitative sense, 

however.)

There are other possibilities. For example, the He ll lines are subject to stronger 

Stark broadening than the He I lines; the broader intrinsic profile could ‘wash out’ 

high-spatial-frequency modulation in the rotationaUy-broadened observed profile. 

However, direct measurement of line widths favours the hypothesis of different lines
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forming at different latitudes. Although most lines are weak or blended, reliable half

widths were measured at half-depth of 312 and 255 (±10) km s“  ̂ for He I A4471 

and He II A4686, respectively. By assuming that the He I is formed over the whole of 

the star and that i rv 90°, these values are consistent with He ll line formation being 

limited to polar ‘caps’ extending to about ±35° latitude (= cos“ ^(255/312)). (More- 

recent data, obtained at DDO by Tom Bolton and Mike Fieldus, further support 

this interpretation, insofar as H7 and H6—which are strongly Stark broadened—also 

show significant Ipv, with moving bumps, when no variability is seen in the Hell 

lines.)

2.3 V elocity m easurem ents

Inspection of Figures 2.3-2.5, show that several features (bumps or dips) maybe 

present across the line at any one time, and that the qualitative pattern of vari

ability, where present, is the same from one line to another. This variability can 

be investigate further by direct measurement of individual Ipv features. However, 

before any such measurements, an estimate of the stellar radial velocity is required 

to give an absolute zero point for the stellar lines.

2.3.1 H eliocentric stellar velocity

The heliocentric, stellar radial velocity was determined by gaussian fits to the 0  ll 

A4675Â and Hell A4686Â lines of the 81 DAO observations^. In this context, the 

principal line of study was Hell, since the 0  li line is a weak blend in the blue wing. 

An example of a gaussian fit to one of the DAO spectra is given in Figure 2.9. 

Inspection of Figures 2.3 and 2.6, shows that Hell A4686Â line is suitable for such 

measurements, since it is relatively unblended and has very little Ipv.

The results of the gaussian fits are presented in histogram form in Figure 2.10. 

The mean heliocentric radial velocity found was -j-15 kms” ^. This compares with 

published values of +6 kms~^ (Garmany, Conti & Massey 1980) and -|-8.5 km s“ .̂ 

(Harmanec 1989). The standard deviation about the mean was ±4 km s“ ,̂ compa-

^Individual fits to the spectra are made, rather than a fit to the mean profile of the O il and 

H ell, since stability of the heliocentric radial velocity needs to be shown.
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Figure 2.9: An example o f  a gaussian fît ta the Oil X4675Â and Hell X4686Â lines to 

estimate the stellar radial velocity

rable to the mean 1er uncertainty on individual fits of ~  5 km s“ .̂ No evidence for 

short-term, radial-velocity variations were found.

2.3.2 Individual Ipv feature m easurem ents

The moving ‘bumps’ and ‘dips’ of Figures 2.3-2.5, can be classified as apparent 

pseudo-emission (ape) or apparent pseudo-absorption (apa) features respectively. 

To give a qualitative description of the Ipv features, the ape and apa can be recorded 

as a function of line velocity as they move across the line profiles. The extension of 

the ape and apa into the line wings could give an estimate of the extreme Doppler 

shift of the origin of the Ipv, and so an estimate of sin i, whilst the acceleration of 

these features about the line centre could yield an estimate of the rotation period of 

the star, assuming that the origin of the Ipv was corotating.

The siderocentric radial velocities (corrected from heliocentric using the estimate 

of the stellar radial velocity of § 2.3.1 above) of the ape and apa features were mea

sured, focusing on the He I A4471Â and Sim  A4552Â lines. These lines suffered
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Figure 2.10: Histogram o f the gaussian fits made to the DAO spectra (as illustrated in 

Figure 2.9)

relatively little blending and show strong Ipv. The measurements were simple eye- 

estimates of the centroid locations (the difference spectra are plotted as a function 

of line velocity and mid-exposure HJD in Figures 2.11-2.15. These measurements 

were complicated by the multiple features seen at any one time, and by the blending 

of the He I line by Mg II A4481Â. The spectra were ‘smoothed’ by convolution with 

a gaussian of fuU-with-half-max (FWHM) 0.71Â to artificially enhance the domi

nant Ipv and so aid the radial velocity measurements. As a result, only the more 

prominent features are recorded, with the estimated uncertainty on individual mea

surements ±15 km s” .̂ The results are also plotted in Figures 2.11-2.15. These 

combined figures allow a direct comparison between the Ipv in the difference spectra 

and their recorded radial velocities.

Inspection of Figures 2.11-2.15 show that the gross pattern of Ipv in the He I 

lines is repeated in the Sim  line; a more explicit illustration is given in Figure 2.16, 

which overplots the apa and ape of the He I and Si i l l  for a single night. The timescale 

for the blue to red migration is several hours and careful examination shows that 

strong features (~  1% of the continuum) are composed of more than one component.

68



+
q
d
CD

Q*—3
:r:

o

a>
eo

OD
eô

2 %

o(b

mo

mtn

4-)
• i"Hw
a
(D

o

o>d

- 4 0 0  0 400 - 4 0 0  0 400

o

03
d

- 4 0 0  0 400 - 4 0 0  0 400

He I X4471.72Â Velocity (k m s

Figure 2.11: The Ipv and individual Ipv radial velocities for Hei X4471Â from the DAO 

dataset (apa filled circles; ape open circles). The mean spectrum and the individual rectified 

spectra are plotted in the lower panels

69



+
o
d
CD

S i
Q•—D

q

0»cô

2 %

cô

I ' ' ' I ' ' ' I

W i

% .* o".*o» .* i l

\ i : m
osa

i-y /  o
f • 0 • Om O

Ü
(D

' I ' ' ' I ' ' ' 1 ' ' I ' ' ' I ' ' ' I '
q

1 1 1 1 1 1 1 1 1 1 1 ' 1 ' ' ' 1 ' ' ' 1 '

m

. 1 . . .  1 . . .  1 .
d

. 1 . . .  1 . . .  I . 1 1 J. 1 1 L 1
- 4 0 0  0 400  - 4 0 0  0 400 - 4 0 0  0 4 0 0  - 4 0 0  0 400

Si III X4552.89Â Velocity (km s “ )̂

Figure 2.12: As Figure 2.11, except for Siili X4552Â from the DAO dataset

70



+
q
d
Qû

Q
•— 5

t/3
Ü
(D

• , • I 1 1 ■ ■ I 1 . ' 1 .............. .................. r -
-i-p-i . I ■ ■ I 1 ■ I 1 1 .

-  ____  ^ - - o
- -

M f f f a>
:

} / / J 7

cd"

\2%
- -

m
cd"

\ z x
-

. 1 . . .  1 . . .  1 .

-
....................... . . 1 .

CD

. 1 . . . 1 .  i  i 1 .

-
. . . J .  1 i _ . _ i  j _

\o

5

m

- 4 0 0  0 400 - 4 0 0  0 4 0 0

Hel X4713.39Â Velocity (k m s

Figure 2.13: As Figure 2.11, except for Hei X4713Â from the DAO  dataset

71



+
o
d
CÛ

S i
Q*—5 X X

T

73
ü
(D

o

- 4 0 0  0 400 - 4 0 0  0 400

o

0)d

- 4 0 0  0 400 - 4 0 0  0 400

Hei A4471.72Â Velocity (k m s

Figure 2.14: As Figure 2.11, except for the KPNO dataset. DAO spectra are also included 

for the first two nights o f observing

72



5̂  A

J - J - L

400- 4 0 0 - 4 0 0  0 400 - 4 0 0  0 400 - 4 0 0  0 400

Si III A4552.89Â Velocity ( k m s “ ‘)

Figure 2.15: As Figure 2.11, except for the KPNO dataset. DAO spectra are also included 

for the first two nights o f observing

73



ÜO
>
0)C
13

S

:

§
CM

O

o
§

I

i
I

oo<D
6.70 6.75 7 .006 .60 6 .85 6 .90 6 .95 7 .0 5I

HJD (2447640.0  +)

Figure 2.16: The overplotted radial velocities o f the individual Ipv measured for the Hei 

X4471Â (apa = filled triangles; ape = open triangles) and S im  X4552Â (apa = open circles; 

ape = filled circles) for the night o f April 30, 1989

M oreover, the strong features often change shape as they traverse the width of the 

line profile. This behaviour is very noticeable for ape features, where a single feature 

m ay split into two or m ore separate  features, or m ultiple features m erge to form  a 

single larger feature.

2.3 .3  E q u a to ria l ve locity  and  in c lin a tio n

T he results of the radial-velocity analysis of the ape and apa above, combined with 

the  results of the TV spectrum  (Figures 2.6 and 2.7), allows an estim ate  of Ug sin i 

to  be m ade directly from the observations.

It is expected th a t the m axim um  half-w idth of the TV  spectrum  will be close 

to  the  tru e  value of Ug sin 2 (W alker 1991), but will be an under-estim ate if limb- 

darkening is large (irrespective of the origin of variability), or if the variability 

m echanism  is absent from the equator. An exam ple would be ‘sp o ts’ close, but 

not actually  on the equator. It will be an over-estim ate if the variability mecha-
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nism has an azimuthal velocity component (such as an NRP with large k] k is the 

ratio of the vertical to horizontal velocity of the pulsation), if there is unrecognised 

blending, or if line formation takes place in material with significant radial-velocity 

component, above the photosphere.

Figure 2.17 shows that the base, half-height, and ‘plateau’ half-widths of the 

relatively unblended Si ill A4552Â line (measured redward due to possible contam

ination by He II A4541Â) are 440, 300 and 220 km s“  ̂ respectively, with estimated 

uncertainties of ± 20 km s“ '.  Inspection of Figures 2.11-2.15 shows that none of the 

moving features was recorded beyond ~  400 kms~^, except for one Hex feature at 

H JD .. .10.9 shown in Figure 2.14. This feature follows the acceleration as expected, 

but then ‘straightens out’, reaching -|-540 kms“ .̂ This behaviour is attributed to 

a mis-identification of a strong feature in the blended Mgll A4481 line.

The values obtained from the TVS are much higher than previous values (e.g,, 

320 km s“ ,̂ Slettebak et ai 1975; 311 ±  11 kms“ ,̂ Buscombe & Stoeckley 1975; 

390 km s“^, Hutchings & Stoeckley 1977; 370 ±  10, Vogt & Penrod 1983); but are in 

good general agreement with the most recent estimates {e.g., 420 km s“ ,̂ Harmanec
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1989; 415 km s“ ,̂ Walker 1991). The former list of v® sin i is steUar-model dependent, 

whilst the latter list is obtained from direct meaanrement of the Ipv. However, the 

ape/apa analysis suggests that the TVS full-width-zero-intensity (FWZI) value may 

be slightly too high and so, allowing for a small azimuthal component the value of 

Vc sin i = 400 km s“  ̂ is adopted.

2.3.4 R otation

As mentioned in § 2.3.2 above, the value of the ape and apa acceleration, a, about 

the line centre can be used to give an estimation of the rotation period P^ot of the 

star, assuming that the origin of the Ipv rotates uniformly with the stellar surface.

where Ug is the equatorial rotation velocity, i is the incHnation of the rotation axis 

to the line of sight, and f{9) is a function of the latitude, of the surface feature, 

varying between 1 (equatorial) and 0 (polar); f{0) = cos(^) for a spherical star. The 

factor g allows for uniform movement of the feature in the corotating frame of the 

star; ^ = 1 for a ‘fixed’ feature {i.e., a ‘spot’ or a feature due to an NRP pattern 

which has zero rotation in the corotating frame), and ^ > 1 for a feature which has 

prograde motion. The projected velocity of a given feature in the line profile varies, 

as a function of time, as a sinusoid with semi-amplitude f{6)gvç sin i and period 

Protlg in the observer’s frame.

The minimum rotation period of a stable star. Pent? is given by

Oir 7?̂ /̂  r
= (GM (lJr))'/^  = 2-78n/(P^/M(1 -  r)) (2.12)

where the equatorial radius, Pg? and the stellar mass, M, are in solar units, and 

Pcrit is in hours. The 1 — P term accounts for the reduction in the effective mass of 

the star due to radiation pressure, where F is ratio of the star’s luminosity to that 

of the Eddington luminosity (the luminosity required for radiation pressure equal 

the stellar surface gravity; for (  Oph, F = 0.07). By assuming thaX the origin of the 

Ipv (either RM or NRP) corotates -  that is, by setting ^ = 1 -  an estimate of the
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rotation period can be made directly from the measured acceleration of the moving 

features. This model-dependent estimate of the rotation period is denoted as P^t 

to distinguish it from the actual rotation period'*. A comparison of Pcrit with the 

derived P/qj then affords a test of the plausibility of the corotation hypothesis, and 

hence a test of a rotational-modulation mechanism.

To measure a, the velocity measurements within ~  ±0.2ve sin i of the line centre 

were approximated by a simple linear function. A summary of the results of un

weighted least-squares fits to measured features, and the resulting values for P̂ o*, 

are given in Table 2.3. Both He I A4471Â and Sim  A4552Â show a wide spread 

of accelerations, which at once casts doubt on the RM hypothesis. However, a 

range of features at different latitudes (i.e., with different f{0)) is not ruled out; 

moreover, since the analysis fits a straight line to what is, in reality, a slight curve, 

even and regular sampling is important for reliable measurements. Considering only 

those fits to 10 or more points, the mean accelerations through the line centres 

are 137.0 ±  5.5 and 143.0 ±  6.6 km s“*/hour for Hei and Si ill, respectively. The 

resulting value for P/^j is (18.0 ±  0.5) X (f(6)gVeSmi/400 km s” *) hours. For the 

corotation (and hence the RM) hypothesis to survive, P/^t > Pcrit (and ^ = 1); that 

is, R l/M  < (41.9 ±2.3)/(ve sin i/400)-2.

Harmanec (1989) suggests M  = 15-17M@ and R  = 6-9P© for an 09.5 V star. 

This gives Pcrit = 18.2-35.6 hours (in the Roche approximation, a star rotating at 

the critical speed has Re = 1.5Pp). Thus, using figures proposed by a supporter 

of the RM model, it is found that the RM hypothesis survives only if the stellar 

radius takes the smallest of the suggested values, the mass takes the largest value, 

the ‘spots’ are close to the equator {f{9) — 1), and that the star is very close to its 

critical rotation period. These may not be unacceptable circumstances, especially 

given the Ha emission episodes observed in the past, but they severely constrain the 

range of parameters which are consistent with RM.

[Harmanec measured P/qj. = 15.4 hours from the moving features, which is less 

than the Pcrit estimated above, from his values of R  and M;  yet he did not reject 

the RM hypothesis. This is because of the way in which he estimated the critical

^Of course, the measured V esini gives a separate estim ate of the rotation period: Prot =

21.3(P e/7.5i20/(ve/4O O  k m s“ ^) hours.
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Table 2.3: Acceleration of moving features across He I and S im  in C Ophiuchi

00

Date
(1989)

He I Sim

P*scaied (hours/km  s ^) 
He I Sim

No. of 
Points

Acceleration 
(km s“ ^/hour)

r.m.s. deviation 
(kms~^)

No. of 
Points

Acceleration
(km s" Yhour)

r.m.s. deviation 
(km s"^)

29 April 15 139.93 ±  12.21 11.79 14 132.90 ±  14.26 17.46 17.96 ±  1.58 18.91 ±  2.03

18 141.75 ±  6.17 8.79 20 127.27 ±  8.11 11.55 17.73 ±  0.77 19.75 ±  1.26

19 117.43 ±  5.35 7.81 21.40 ±  0.97

30 April 14 161.84 ±  9.48 7.63 6 175.35 ±  18.93 10.09 15.53 ±  0.91 14.33 ±  1.55

17 154.35 ±  9.79 8.28 11 126.59 ±  7.88 9.29 16.28 ±  1.03 19.86 ±  1.24

11 125.97 ±  10.72 10.18 16 143.05 ±  7.54 10.64 19.95 ±  1.70 17.57 ±  0.93

6 239.30 ±  55.77 15.69 15 136.19 ±  10.16 11.76 10.50 ±  2.45 18.45 ±  1.38

1 May 16 132.98 ±  5.87 8.35 14 143.87 dh 7.89 10.53 18.90 ±  0.83 17.47 ±  0.96

7 188.76 ±  18.90 6.19 13.31 ±  1.33

7 186.68 ±  13.26 6.38 13.46 ±  0.96

2 May 6 274.07 ±  10.62 13.20 8 228.18 ±  32.01 18.50 9.17 ±  0.36 11.01 ±  1.55

7 174.89 ±  8.58 3.48 6 150.15 ±  12.75 9.39 14.37 ±  0.71 16.74 ±  1.42

10 184.95 ±  7.85 5.68 13.59 ±  0.58

3 May 6 124.05 ±  11.32 6.65 6 140.27 ±  16.19 13.06 20.26 ±  1.85 17.92 ±  2.07

10 121.55 ±  13.06 9.33 12 148.53 ±  10.46 6.22 20.68 ±  2.22 16.92 ±  1.91

4 May 5 190.86 ±  12.62 7.42 6 152.69 ±  13.49 6.15 13.17 ±  0.87 16.46 ±  1.45

N o t e . -  (§ 2 .3 .4 ).



equatorial radius, R^, from the radius of a non-rotating star, R. He equated the 

projected areas of critically rotating and non-rotating stars (irRpRe =  l.birRp = 

7tR^), to obtain Re = y/l.bR. However, rotation scarcely affects the polar radius 

of a star (Sackmann & Anand 1970; Stoeckley & Buscombe 1987); thus it is more 

appropriate to set nRpRe = 1.57ri2p = l.birR?, whence Re = 1.5R -  22% larger than 

used by Harmanec.]

2.4 Fourier tim e-series analysis

To facilitate the numerical analysis of the Fourier technique described in Chapter 

1 (§ 1.4.2), a data cube of the difference spectra, consisting of wavelength (x-axis) 

vs. the mid-exposure HJD of the spectra (y-axis) vs. residual intensity (z-axis) was 

produced. Extracting the data cube in the y-direction for each wavelength sample 

yielded 435 time-series spectra, each of 374 data points.

An example of a Fourier periodogram of a 5.0-hr period noiseless sinusoid of unit 

semiamplitude, using the temporal sampling obtained for (  Oph, is given in Figure 

2.18. The period is detected at the correct frequency of 0.2 hr“  ̂ with a power of 

~  0.5. Due to the nature of the finite time sampling, strong aliasing (Scargle 1982) 

results in the dirty spectrum. This aliasing manifests itself as a series of peaks 

of varying strength, separated by an inverse sidereal day, which form a gaussian 

envelope about the true (strongest) period peak. Each of these peaks also has smaller 

peaks on either side called side lobes. Additional similar periods present in the data 

win cause the aliasing to overlap and interfere. As a result, if multiperiodicity is 

present, the Fourier periodogram in extremely difficult to interpret.

There are several methods to help remove the aliasing and thereby aid inter

pretation of the periodogram. A popular method is pre-whitening the data, where 

a Fourier periodogram is computed and the period chosen from the strongest pe

riod detected. A sinusoid corresponding to the amplitude and phase of the detected 

period is computed through the temporal sampling. This time series is then sub

tracted from the original data to produce a new, pre-whitened time series with the 

periodicity detected in the original data removed. The technique is repeated with 

additional periods detected and removed until some detection limit is reached. An
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Figure 2.18: An example of a dirty periodogram of a noiseless sinusoid of period 5.0 hours 
and semi-amplitude unity

example of the use of this technique can be found in the analysis of the NRP of the 

extreme helium star HD 160641 by Lynas-Gray et al. (1987). However, a limitation 

of this technique is that it requires some familarity with periodograms and a degree 

of subjective judgement.

Increasingly, a more commonly used technique involves the use of the c le a n  

(Roberts et al. 1987) Fourier algorithm. This technique involves the construction 

of both a Fourier periodogram of the data called the ‘dirty’ spectrum and a ‘win

dow function’ (Scargle 1982), which contains all information concerning the aliasing 

and additional sampling pathologies. Essentially, the CLEAN algorithm utilises the 

window function to remove the aliasing from the dirty spectrum by an iterative de- 

convolution process carried out in frequency space. In theory this leaves the real 

period or periods. For each iteration, the window function is shifted to the position 

of the strongest peak in the dirty spectrum. A fraction (‘gain’, specified by the 

user) of the window function is then subtracted from the dirty spectrum to give 

a modified dirty spectrum. The subtracted fraction of the peak period is used to 

construct a ‘component’ spectrum. Subsequent iterations reduce the level of power
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in the dirty spectrum and add the subtracted power peaks to the component spec

trum. The process continues for a specified number of iterations or until the aliasing 

is removed and there is negligible change in the CLEANed dirty spectrum. The final 

dirty spectrum is added to the component spectrum to give the final CLEANed power 

spectrum, (a more detailed explanation of clean is given in Appendix B).

Since the CLEAN technique has been employed -  with much success -  in the 

analysis of the Ipv of Cen (Baade 1988) and c Per (Gies & KuUavanijaya 1988), 

the use of the algorithm is adopted for this work.

2.4.1 Sam pling and the CLEAN param eters

As well as the number of iterations and the gain parameter, the c le a n  frequency 

resolution (df) and maximum frequency (fmax) ~ normally taken as 1/(4T) and 

l/{2dtmin) respectively -  can be specified. (T and dtmin are the total time length 

of the time series and the minimum time between two data points, respectively.) 

The maximum frequency, or ‘Nyquist’ frequency, is the frequency beyond which no 

information can be gained from the periodogram (see Gray 1992, Chapter 2). For 

the temporal sampling of Ç Oph, where there were overlapping observations from 

the KPNO and DAO on two nights, a default value of fmax = 74.0 hr~^ resulted. 

Since this was an unrealistic figure, a value of 1 hr~^ was adopted (trials on the 

real data in the line profiles revealed that any periods detected of less than 1 hour 

were of a spurious nature). The default frequency resolution was adopted, giving a 

half-width-half-max (HWHM) on a period peak of 0.004 hr~^.

Simulations using noiseless sinusoids sampled with the data temporal sampling, 

showed that the c le a n  deconvolution was relatively insensitive to values of gain 

(0.1 to 0 .8), with both the sinusoidal phase and amplitude easily recoverable from 

the dirty spectrum. An example from these tests is given in Figure 2.19(a) and (b) 

with input parameters summarised in Table 2.4. From these simulations, and trials 

on the observational time series, a gain of 0.8 over 200 iterations was adopted. The 

higher gain allowed a lower number of iterations (and therefore less CPU time!) to 

be used. For the sampling, aU values were in hours and calculated relative to the 

mean time of observation of HJD 2447647.5962 (see Roberts et al. 1987; and Gies 

& KuUavanijaya 1988).
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F igure  2.19: (a) and (b). An example o f aliasing due multiperiodicity. Table 2.4 gives the 

input sinusoid parameters. The CLEA N  parameters are those adopted for the C Oph dataset: 

gain =  0.8, iterations = 200
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Table 2.4: Input cosinusoids for Figure 2.13

Period (hr) Semiamplitude Phase (radians)

9.0 0.8 3.0
5.0 1.0 1.0

4.0 0.8 2.0

Using the adopted parameters, the 435 periodograms were CLEANed. Follow

ing the procedure of Baade (1988), and Gies & KuUavanijaya (1988), the resulting 

CLEANed periodograms have been presented in a second data cube of wavelength 

(z-axis) vs. frequency (y-axis) vs. power (z-axis). A greyscale representation (2-D 

periodogram) of this data cube is given in Figure 2.20.

2.4.2 M ultiperiodicity in the line profiles.

Inspection of Figure 2.20, shows that there is evident multiperiodicity across the line 

profiles of the He I A4471Â, Si III AA4552, 4567, 4575Â. However, as indicated by the 

TV spectra (Figures 2.6 and 2.7), there seems to be Uttle Ipv in Mgll A4481Â, and 

virtuaUy no variabiUty in Hell A4541Â, and N III A4511, 4515, 4518Â. The pattern 

of detected periods in the He I Une is repeated in the Si ill Unes, which indicates that 

their detections are not spurious. This further supports the hypothesis that the He i 

and Si ill absorption Unes originate from the same latitudes of the photosphere as 

the Ipv (as discussed in §2.2 .2).

Using the TVS analysis of § 2.2.1 (Figures 2.6 and 2.7), the frequencies were 

estimated by integrating the 2-D CLEANed periodogram in the wavelength direction 

over those regions with significant TVS flux, and fitting gaussians to the peaks in the 

resulting spectra, see Figure 2.21. The HWHM of 0.004 hr~^, was adopted as the 

uncertainty on aU adopted frequencies and represents a conservative error estimate 

when compared to the variation of the fitted gaussians from individual time series; 

70 such measurements of the 3.34-hr period gave a standard deviation of ±0.0006 

hr“ ,̂ with the other periods giving similar la  errors, but from smaUer samples. The 

periods detected are Usted in Table 2.5.
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Figure 2.20: The 2-D periodogram for the (  Oph dataset
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Figure 2.21: The integrated C L E A N ed  periodogram from Figure 2.20

Table 2.5: Period identifications in (  Ophiuchi

Notation 
(see Figures 2.21 & 2.22)

Period
(hours)

Pi 3.339 ±  0.045

P2 2.712 ±  0.029

Ps 2.435 ±  0.024

P4 1.859 ±  0.014

Ps 1.725 ±  0.012

Pe 1.366 ±  0.007

Pr 1.292 ±  0.007

N o t e . —  P 2 / P 3 ,  P 4 / P 5 ,  a n d  P e / P ?  a r e  I d  c o m b i n a t i o n s  o f  a l i a s  a n d  t r u e - p e r i o d  p a i r s .
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2.4.3 Aliasing

Of the seven periods found, the 2.71-2.44, 1.86-1.73, and 1.37-1.29-hr pairs are 

each separated by 1 day~^ in frequency, and are a combination of a true period 

and an alias not resolved by the CLEAN algorithm; the 2-D periodogram of Figure 

2.20 shows that the members of an alias/true period pair never occur together at 

any single wavelength sample. The alias detection is a result of the overlapping of 

aliasing from similar periods which artificially raise an alias above the true period 

peak. Thus CLEAN locks onto this false peak giving an erroneous result. Inspection 

of Figure 2.20 shows that the 2.44-, 1.86- and 1.37-hr periods were more frequently 

found by the c le a n  algorithm (particularly in the Si ill lines). The integrated power 

spectrum (Figure 2.21) shows that the 3.34- and 2.44-hr periods are dominant. The

2.44-hr peak has twice the power of the 2.71-hr period, and the 1.86- and 1.37-hr 

periods have somewhat more power than the 1.72- and 1.29-hr periods respectively. 

However, on their own. Figures 2.20 and 2.21 are not conclusive in resolving the 

true/alias pairs. Thus, in spite of the extensive observations and the use of the 

CLEAN algorithm, the aliasing is still so severe that there is ambiguity in determining 

the true periods and their associated aliases.

In an attempt to resolve this, a ‘pre-whitening’ procedure was used to remove 

sequentially the variation responsible for each period (and the associated aliases) in 

the temporal domain. For the time series at each wavelength sample, the amplitude 

and phase of the unambiguous 3.34-hr period was determined from the power spec

trum. Corresponding sinusoids were then subtracted from the time series. Power 

spectra of the pre-whitened time series confirmed that the 3.34-hr period was suc

cessfully removed, together with its associated aliases, but, as expected, showed the

2.71- or 2.44-hr periods as the stronger in different parts of the line profiles.

To gain an insight into this problem, four-period fits to a number of representative 

time series in the line profiles of He I A4471Â and Sim  A4552Â, both close to the 

line centre and line wings, were produced, by first adopting the 2.71-hr period, and 

then the 2.44-hr period (together with the 3.34-hr period and whichever other two 

periods were found in the c le a n  spectrum). The fits were used to generate noise-free 

artificial data, which were time-sampled using the observational sampling. For the 

line-centre time series, power spectra of the artificial data showed that the 2.71-hr
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period had the greatest power, regardless of whether the input sinusoid had a 2.44- or

2.71-hr period. For time-series spectra towards the wings of the line profiles, c le a n  

correctly identified either the 2.44- or 2.71-hr period specified. It was therefore 

concluded that the 2.71-hr period is most probably an alias onto which power leaks 

from the true 3.34- and 2.44-hr periods. Using the same test, it was concluded that 

the 1.73-hr period is an alias of the 1.86-hr period. Since the amplitude of the 1.37- 

and 1.29-hr period were so weak, this procedure was unable to distinguish between 

them with any confidence, and these two periods have been carried through the rest 

of the analysis. An example of the aliasing of the 2.44-hr period is displayed in 

Figure 2.22(a) and (b).

2.4.4 A m plitude and phase of the detected  periods

Testing the CLEAN technique using groups of sinusoids and the observational time 

samphng showed that CLEAN removed power from some of the input frequencies 

(see Table 2.7 and Appendix B). This lead to a significant underestimate of the 

amplitude of the input signal based on measuring the power peaks in the final 

CLEANed periodograms. This was also the conclusion of a recent study of Fourier 

techniques on irregularly sampled data by Carbonell et al. (1992). Estimation of 

the amplitude of individual frequencies from the dirty periodogram proved more 

accurate. However, in a similar study of e Per, Hahula (1992) has suggested that 

the amplitudes of multiple-input frequencies are more consistently derived from the 

CLEANed rather than the dirty periodogram.

For the five periods, the peak amplitudes, in a range ±0.004 hr“  ̂ centred on the 

peak frequency in each of the 435 dirty periodograms, were identified and recorded 

together with the phases (given by arctan(Aim/ARe); where Aim and Arc are the 

imaginary and real amplitudes of the dirty power spectrum) of the best-fit sinusoids 

with respect to the mean time of observation. These quantities, along with the 

mean spectrum, are plotted in Figure 2.23. Two significance levels have also been 

plotted. These were computed by using a Monte-Carlo simulation technique. For 

a single iteration, each wavelength-sample time series was randomised and a power 

spectrum computed. As in the real data, the highest peak in the dirty spectrum was 

found in the range ±0.004 hr“  ̂ centred on the frequency of the candidate period
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Table 2.6: Comparison of significance levels

Power (xlO- ') Power (xlO - ')
(100 iterations) (1000 iterations)

Period (hrs) 68% 95% 99% 68% 95% 99%

3.339 3.49 4.84 4.93 3.69 5.15 6.15
2.425 3.99 5.18 5.53 3.84 5.34 6.12

1.859 3.92 5.43 5.81 3.76 5.14 6.06

1.366 3.67 5.84 6.62 3.78 5.06 6.62
1.292 3.81 4.88 5.84 3.77 5.12 5.93

(Table 2.5); the 2nd and 33rd highest peaks from the amplitude spread of 100 such 

iterations were chosen as the 99% and 68% confidence levels for each period at the 

given wavelength sample respectively.

A comparison of a 100- hnd 1000-iteration solution is given in Table 2.6. The 99% 

amplitude of 1000-iterations is slightly higher than that of the 100-iteration case, 

although the 68% confidence levels for both cases are comparable. This increase is 

accredited to the randomising process failing to remove enough of the periodicity 

during an iteration, with the result that increasing the number of iterations raises 

the 99% confidence level. This 99% level is only raised by an average of 3% of the 

100-iteration value for each of the periods. Therefore, the 100 iteration solution 

represented a good approximation of that of the additional magnitude solution and 

so justifies the adoption of the smaller sample confidence levels.

Figure 2.23 shows the dominance of the 3.34-, 2.44-, and 1.86-hr periods in the 

He I A4471Â, and Sim AA4552, 4567, 4574Â lines, and weak variability in Mgii 

A4481Â. Weak variability is also detected for unidentified lines at A4530Â for both 

the 3.34- and 2.44-hr periods, and at AA4506, 4538Â for the 3.34-hr period only. 

The 1.37- and 1.29-hr periods are very weak, but present for the Hel and Sim lines. 

For aU the periods there is virtually no variability present in the Hell A4541Â, or 

N III AA4511, 4515, 4518Â. This confirms the TVS results (Figures 2.6 and 2.7) and 

the 2-D periodogram in Figure 2.20.

Careful inspection of Figure 2.23 shows there is some significant amplitude cen-

89



Period = 3.339—houra

P eriod  -  2 .4 3 & -h o u n

P eriod  -  1.8 5 9 -h o u r#

P eriod  =  1.3 6 6 -h o u rs

P eriod  =  1 2 9 2 -h o u r#

00

g
O)

4460 4460 4500 4520 4540 4560 4580

Heliocentric Wavelength (Â)

Figure 2.23: Sinusoidal semiamplitudes (SSA) and phases (P) with respect to the mean 

time o f observation. The SSA are 10~^ those shown. The significance levels are plotted: 

68% (dashed line); and 99% (dotted line)

90



tred around AA4530Â and 4538Â. For the former wavelength, it is suspected that 

either A1 III A4529Â or (more likely) N II A4530Â is responsible, but no obvious can

didate can be identified for the signal at A4538Â. It is unlikely to be Hell A4541Â, 

since other lines seem to show symmetric amplitude profiles about the line centre. 

It is therefore concluded that there is no significant signal in N HI AA4511, 4515, 

4518Â, or in Hell A4541Â.

The variation of the amplitude across a line profile for each period for the 3.34- 

, 1.86-, and 1.37/1.29-hr periods show ‘boxy’ amplitude profiles; however, for the

2.44-hr period, the amplitude strength is concentrated in the line wings, possibly 

indicating a larger horizontal velocity component. This would fit easily in an NRP 

interpretation, since the pulsation can be subject to both horizontal and vertical 

motion in the corotating frame. However, for a RM interpretation there would have 

to be a mechanism which allows one of the sequences of ‘spots’ to possess a sizable 

horizontal velocity component. A possible explanation could be differential rotation, 

or that the origin of the 2.44-hr Ipv is above the photosphere orbiting close to the 

star.

2.4.5 T im e-series fitting

In an attempt to fit the detected periods to individual time series, an iterative 

pre-whitening technique was used (in a similar way to that which helped resolved 

the aliasing ambiguity in § 2.4.3) to determine the sinusoidal semiamplitudes. For 

an individual time series, the first iteration removed the 3.34-hr modulation. The 

semiamplitude and phase of the unambiguous 3.34-hr period was determined from 

the dirty power spectrum. Using these parameters, a synthetic time series of the 

sinusoid was generated using the data temporal sampling. This synthetic data was 

then subtracted from the original time series, removing the 3.34-hr modulation from 

the original time series. For the next iteration, a dirty power spectrum was then 

computed for this new time series. The period and sinusoidal phase and semi

amplitude of the strongest peak detected in the new periodogram was recorded (alias 

detections were ignored). This modulation was then removed from the new time 

series using the pre-whitening technique. This was repeated until the strongest peak 

detected in the newest periodogram was below the 68% significance level calculated
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for the original time series, (see § 2.4.4).

The use of this pre-whitening technique, helps to remove the interference of over

lapping aliasing from the amplitude measurement of the detected periods. By using 

the sinusoidal semiamplitudes of the detected periods obtained from each iteration, 

together with the corresponding sinusoidal phases obtained from the Fourier trans

form of the original time series, a fit to the data points cam produced. Moreover, 

the fitting technique can be assessed by performing it on a synthetic time series pro

duced by overlaying the randomised residuals of the original time series (obtained 

by subtracting the fit from the observed data) onto the fit.

To illustrate the fitting technique and show the ‘beating’ effect of the detected 

periods, steUar-line centre time series of the three lines exhibiting the strongest Ipv 

{i.e., He i A4471Â, Si ill AA4552Â, 4567Â) were fitted using the adopted 3.34-, 2.44-, 

1.86- and 1.37-hr periods. A reduced chi-square test was also performed with the 

error on each data point based on an estimate of the S/N of the continuum of the 

spectrum from which the time-series data point originated, using = (Tcjy/^. The 

results of the line-fitting technique are given in Table 2.7, and plotted in Figures 

2.24-2.25, along with the residuals of the observed data minus the fit. Use of the 

fitting technique on a synthetic spectrum of known periods, amplitudes and phases 

close to those of the original data, allows an estimation of the uncertainty on the 

individual parameters of the fit to the original data to be made. Table 2.7 shows 

that the fit to the original data and the fit to the synthetic data are very similar 

with mean deviations in amplitude and phase between the fit to the original and 

the synthetic data approximately less than 0.2 x 10“  ̂ and 0.3 radians respectively 

(although there are some deviations).

2.4.6 Sinusoidal phase and cylindrical sym m etry

The sinusoidal phases, with respect to the mean time of observation, of each of the 

adopted periods (also included is the 1.29-hr period, since this has not been con

vincingly demonstrated to be the alias of the 1.37-hr period) have been plotted as a 

function of line velocity for He I A4471Â, and Si III AA4552, 4567, 4574Â, constrain

ing the phase at zero velocity — corrected for the stellar radial velocity — to be zero 

and to increase, or decrease, the phase in a continuous manner, see Figure 2.26. In
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Table 2.7: Time-series fit parameters

Line Centre 
Time-series

Period
(hours)

Fit to Observed Data 
Amplitude Phase 
(x 10“®) (radians)

Fit to Synthetic Data 
Amplitude Phase 
(x 10“®) (radians)

Hel (A4471.72Â) 3.339 2.3 1.4 2.4 1.6
2.435 2.4 3.9 1.8 4.0
1.859 1.6 3.8 1.9 3.7
1.366 1.4 4.6 1.5 4.8

Sim (A4552.89Â) 3.339 1.2 2.0 1.4 2.0
2.435 1.6 4.5 1.6 4.9
1.859 1.6 3.8 1.4 3.3
1.366 1.0 4.4 1.0 4.3

Sim (A4568.05Â) 3.339 1.4 1.6 1.0 1.8
2.435 1.4 4.6 1.4 4.8
1.859 1.4 3.7 1.6 3.4

N o t e s .  — For the fit to the observed data (solid line in Figures 2.24-2.25): x ie e  =  3.77 

(Hel A4471.72Â); xlee = 2.19 (Sim A4552.89Â); and xles = 1.89 (Sim A4568.05Â). For the 
fit to the synthetic data (dashed line in Figures 2.24-2.25): xiee = 4.27 (Hel A4471.72Â); 

X366 = 2.87 (Sim A4552.89Â); and xles = 2.63 (Sim A4568.05Â).
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all the lines, the phases clearly cross 27t phase cycles at least once for the 3.34-, and

2.44-hr periods, and at least twice for the 1.86-, 1.37-/1.29-hr periods. This would 

imply that a repetitive pattern with axial symmetry is present for each of the true 

periods, co rotating with or fixed on the equatorial stellar surface. Whether this 

pattern is caused by NRP or RM, the phases must be an integer number of 7r across 

the line profile. This integer value for each period is difficult to ascertain because 

in the wings of the line profile, the amplitude of the moving features, and hence the 

amplitude of the periods, decrease below the local noise level. This results in the 

disruption of the phase curves and so leads to an ambiguity in the determination of 

the integer number of tt cycles. The information in the line centre can be utilised 

to give an estimate of phase curve in the wings of the line profile by using a model 

fitting analysis.

Gies and KuUavanijaya (1988) pointed out that calculating the integer number 

of 7T phase cycles across the Une profile gave the azimuthal eigenvalue of m  for 

a particular NRP mode of osciUation. The rate of change of phase with velocity 

(d^fdVr) about the Une profile was shown to be directly proportional to the NRP 

eigenvalue m, and inversely proportional to the projected change on the Une profile 

of a feature at azimuth <f> (—90® < (f> < -|-90®) and latitude 9 (0° < 9 < 180°) on the 

star’s surface.

The rate of change of phase with velocity in the Une profile is given by

—  =  ™  ^2.131
dVr 27rue sin i f  (9) cos (j)

for a feature at azimuth <t> (—90° < <f> < 4-90°) and latitude 9\ the integer m  is the 

number of cycles around the star. Since the Ipv extend over most or aU of the width 

of the Une profiles, it is expected that f{9) wiU be close to unity. For sectorial-mode 

NRP, f{9)  = 1 and m  is the order of the spherical harmonic. Alternatively, in the 

case of RM, where a fixed pattern exists on the steUar surface or close to it, m  

represents the rotational symmetry of the pattern.

Equation 2.13 was used to estimate m for each of the periods detected. For 

a given m  and Ugsini, a model d^fdVr curve was generated and compare to the 

observations; repeating this for a range of Ugsini gave the ‘best fit’ value for the
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adopted m. The estimated uncertainty of ±0.3 radians (see § 2.4.5) per phase point 

to evaluate reduced-%^ was adopted. Because of the phase noise in the wings of 

the profiles, this uncertainty was only assigned to those phase points whose corre

sponding sinusoidal semiamplitude exceeded the 99% significance level as indicated 

in Figure 2.23. Other phase points were assigned zero weighting.

The ‘straight line’ part of the phase curve occurs at the line centre. The gradient 

of this part of the curve was estimated using an unweighted, least-squares fit analysis, 

under the constraint that only a small part of the curve was used either side of the 

line centre. The problem was identical to that described in § 2.3.4, so a value of ±  84 

km s“  ̂ was adopted from the stellar line centre as the limits for the analysis, giving 

9 phase sample points. Matching the observed gradients with theoretical gradients, 

resulted in an estimation of the total sin i based exclusively on the points at the 

line centre. This gives an additional comparison of Ug sin % to that given in § 2.3.3. 

These results are listed in Table 2.8.

The final estimates of m  were obtained by fitting the theoretical curves given 

by different values of m, to those observed. In principle, if the value of m  of the 

theoretical phase curve is correct, then by incrementing the value of UgSini of the 

curve from a value below the true Ug sin t to a value beyond it, the residuals of 

the observed phase points to the theoretical points wiU decrease as Ug sin i of the 

theoretical curve is increased up to the true value. When the two Ug sin i values 

match, a minimum in the residuals will be reached. As the Ug sin i of the theoretical 

curve is increased beyond the true value, the residuals of the fit should start to 

increase. If the value of m  is less than that observed, then the residuals will reach 

a minimum below the expected Vgsini, and then increase, whilst if m  is greater 

than that observed, the residuals will reach a minimum above the expected Ug sin i. 

(Note: fitting theoretical curves to those observed, the residual minimum for the 

correct value of m is expected to be lower than the true Ug sin i of the star due to 

the breakup of the observed phase curve at the line wings.)

For a particular period, assigning the r.m.s. residuals (obtained from linear fit 

to the straight line part of the phase curves -  see above) to phase points whose 

amplitude was greater than the 99% confidence limit in Figures 2.23, a reduced- 

fit can be utilised as an indicator of how the residuals behave when the Ug sin i -  and
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Table 2.8: sin i based on central phase points

Period
(hours) —m

Hel
A4471.72Â

Sim
A4552.89Â

Sim
A4568.05Â

Sim
A4574.99Â

3.339 4
5

332 ± 17 
415 ±  22

435 ±  52 387 ± 14 392 ±  31

2.425 4 347 ±  35
5 355 ± 9 394 ±  26 434 ±  44
6 426 ± 11

1.859 8 357 ± 5
9 382 ± 8 401 ±  6 381 ±  11 372 ±  21

10 424 ± 9 423 ± 12 413 ±  23

1.366 9
10

11

12

13

379 ± 20 
413 ±  22 382 ± 25 

414 ±  28

405 ±  14 368 ±  25 
409 ±  28

1.292 10

11 365 ±  22
389 ±  17 

428 ± 18
12 399 ±  24 388 ± 16 376 ± 59
13 431 ±  32 406 ±  18 402 ±  61
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hence the number of points used -  increases. An example of the analysis in shown 

in Figures 2.27(a) and (b) for the 3.34-hr period in the Si ill line A4552Â. Restrict

ing the range of acceptable sin i to 350-450 km s“  ̂ leaves the m  identifications 

summarized in Table 2.9. The predicted 2cr ratio of two reduced with degrees of 

freedom, and U2 , F(ui, 1/2 ,0.95), was used to estimate the upper and lower limits 

of the minimum reduced which yielded sin i. These limits are adopted as the 

uncertainties in Table 2.9, using the larger limit in asymmetric cases. There is good 

agreement from line to line, and the inferred sin i values cluster around 365, 

390, and 420 km s“ .̂

If the latitudinal origin of the Ipv (i.e., f (0)  in Eqn. 2.13), is the same in each of 

the transitions, it is expected that the value of sin i in Table 2.9 wiU be the same, 

regardless of the line under study and the adopted \m\. As an equatorial origin for 

the Ipv is suspected (§ 2.2.2), the inferred Uesini in Table 2.9 should be close to 400 

km s“ .̂ Therefore, from inspection of Table 2.9, —m  = 4 is adopted for the 3.34-hr 

period. Based on this result, using the weighted sin i as a discriminant, leaves 

—m = 5, 8, 10 for the 2.44-, 1.86-, and 1.37-/1.29-hr periods respectively. These m  

identifications represent the ‘best guess’ results. Alternatively, if — m = 5 for the 

3.34-hr period, then similarly —m = 7, 10, 12 for the 2.44-, 1.86-, and 1.37-/1.29-hr 

periods respectively. These identifications are supported by the estimated Ug sin * 

values in Table 2.8. In either case, for an NRP interpretation, there are both odd 

and even modes of oscillation excited in the star.

2.5 Equivalent w idth  variations

The measurement of the equivalent width (EW) of an absorption line is simplified 

with the data already rectified. A simple method can therefore be employed to 

establish if any change in equivalent width is taking place. By assuming a perfect 

rectification, the continuum level will be represented at unity. The line profiles are 

Doppler broadened and thus weU sampled. Therefore, a simple integration of the 

wavelength samples between two limits should give a good approximation of the EW 

of a line from a spectrum. Therefore, the EW of a line from a spectrum, j ,  evaluated 

between two limits, Ai and A2, is given by.
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Table 2.9: Mode/cylindrical symmetry identifications

Period Mode Hei (A4471.72Â) Si I I I  (A4552.89Â) S im  (A4568.05Â) S im  (A4574.99Â) Weighted Mean Superperiod 
(hours) —m Ug sin z Ugsini v^sin i Ugsini Ugsini (Pob|»7i|)

3.339 4 355 ± 45 390 ± 15 375 ± 5 330 ± 90 375 ± 5 13.356 ± 0.178
5 460 ± 50 455 db 30 460 ± 30 405 ± 95 455 ± 20 16.695 ± 0.223

2.435 5 365 ± 15 385 ± 55 375 ± 25 370 ± 10 12.175 ± 0.119
6 405 ± 15 435 ± 60 425 ± 40 410 ± 15 14.610 ± 0.142
7 450 ± 25 480 ± 80 460 ± 20 17.045 ± 0.166

1.859 8 385 ± 30 375 ± 25 375 ± 20 370 ± 55 375 ± 15 14.872 ± 0.111

9 415 ± 40 410 ± 25 405 ± 20 400 ± 60 390 ± 5 16.731 ± 0.124
10 455 ± 40 440 ± 30 430 ± 30 440 ± 55 440 ± 20 18.590 ± 0.138

1.366 10 365 ± 30 375 ± 15 355 ± 5 370 ± 5 365 ± 5 13.660 ± 0.075
11 400 ± 30 400 ± 20 385 ± 5 400 ± 10 390 ± 5 15.026 ± 0.082
12 430 ± 30 430 ± 30 415 ± 5 425 ± 5 420 ± 5 16.392 ± 0.090

1.292 10 325 ± 90 370 ± 25 355 ± 5 370 ± 10 360 ± 5 12.920 ± 0.067
11 345 ± 115 400 ± 25 385 ± 5 400 ± 5 390 ± 5 14.212 ± 0.073
12 385 ± 105 430 ± 30 415 ± 5 430 ± 5 420 ± 5 15.504 ± 0.080
13 415 ± 110 415 ± 110 16.796 ± 0.087

N o t e s .  —  T h e  v a l u e  o f  U g s i n i  ( k m s  i n d i c a t e s  w h e r e  r e d u c e d  r e a c h e s  a  m i n i m u m  w i t h i n  t h e  r a n g e  b e t w e e n  350 a n d  450 k m s  V a l u e s  o f  V g s i n z  f o r  

w h i c h  t h e  u n c e r t a i n t y  s i g n i f i c a n t l y  i m p i n g e s  t h i s  r a n g e  h a v e  a l s o  b e e n  i n c l u d e d .
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Figure 2.27: (a) and (b). An example of the fitting procedure to obtain m. In panel (a), 
several fits to the observed phase points are shown. The behaviour of reduced is shown 
in the lower panel (b)
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EW, = E  (1.00 -  5.-,) (2.14)
t=Ai

where Sij is the intensity of the j th  rectified spectrum at wavelength sample i, and 

N is the number of wavelength samples between Xi and Ag. The uncertainty, AEWj, 

is estimated from suming the uncertainties on the individual samples, (Tij. This can 

be simplified by using the approximation given in Eqn. 2.6 (§ 2.2.1). Therefore,

AEW,- = E  <TcjVTi (2.15)
t=Ai

As discussed in § 2.1.6, there are small differences between the two datasets. 

Therefore, to allow direct comparison of the measured EW between the two datasets, 

each EW measured can be normalised by dividing by the equivalent width of the 

line measured in the dataset mean spectrum. This allows the EW change to be 

expressed as a ratioed change.

(EW ,)„„^ =  ^  (2.16)

where EW is the mean of all EWj measured. The uncertainty on each normalised 

equivalent width, (EWj)norm5 is calculated by simple propagation of errors.

The large intrinsic broadening results in considerable blending. Therefore, some 

equivalent widths were measured which straddled two lines. The TVS figures of §

2.2.1 (Figures 2.6 and 2.7), highlight the variation which therefore define the limits 

for the EW measurements. This gave three wavelength regions, common to both 

the DAO and KPNG datasets, covering the transitions: Hei A4471Â/Mgii A4481Â; 

Sim  A4552Â; and Sim  A4567Â/Silll A4575Â. The increased wavelength range of 

the DAO spectra allows an additional two sets of EW measurements of He ii A4686Â, 

and He I A4713Â to be made. The wavelength ranges, Ai and A2, used for the EW 

measurements are given in Table 2.10, with the results of these EW measurements 

plotted in Figures 2.28-2.32.

Inspection shows that there seems to be variability in the DAO dataset, but 

very little or no variability measured in the KPNO dataset. For the DAO dataset, 

variability in EW is seen for all lines measured, including Hell A4686Â. With no
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Figure 2.28: Normalised Hei X4713Â equivalent-width measurements for the DAO dataset
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Figure 2.29: Normalised Heu X4686Â equivalent-width measurements for the DAO dataset
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Figure 2.30: The Hel X4471Â/MgU X4481Â normalised equivalent-width measurements 

from the DAO (filled circles) and KPNO (open circles) datasets
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Figure 2.31: The S im  X4552Â normalised equivalent-width measurements from the DAO 

(filled circles) and KPNO (open circles) datasets. The discontinuity at H JD . . .  7.85 is due 

to a data-reduction artifact
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Figure 2.32: As Figure 2.31, except for the S iiii À4567Â/Siiii X4575Â normalised

equivalent-width measurements
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Table 2.10: Equivalent width wavelength regions

Line Wavelength Region (A)

DAO & KPNO Dataset
He I A4471Â + Mg II A4481Â 4458-4497
Sim A4552Â 4543-4560
Sim A4567Â + Sim (A4575Â) 4560-4584

DAO Dataset
He II A4686Â 4580-4592^
He I A4713Â 4700-4724

N o t e s . -  ^The wavelength is restricted to avoid the blend from On A4676Â.
Results of the EW measurements are given in Figures 2.21(a) and (b) and 2.22(a)-(c).

or very little Ipv detected in Hell, it is expected that no EW variation should be 

detected. This is not the case and immediate suspicion is cast onto the uniformity of 

the rectification procedure used on the DAO dataset. The KPNO dataset has been 

rectified by division of individual spectra by the mean spectrum, fitting a cubic 

polynomial to this intermediate spectrum, and then dividing the polynomial back 

into the original spectrum to give the rectified spectrum (as illustrated in Figure

2 .2 , § 2.1.4). If intrinsic EW variations are present in the data, the intermediate 

spectra should show low frequency variations (with the high frequency Ipv) at the 

wavelengths corresponding to the line profiles. However, careful inspection shows 

no such variations. It is therefore concluded that variations which are not intrinsic 

to the data have been introduced into the DAO spectra by the rectification process.

The DAO have been rectified by cubic spline fitting to selected continuum wave

bands. Although this rectified the spectra satisfactorily to show the Ipv, the spline 

fitting seems to have systematically under- and over-estimated the continuum and 

introduced modulation in line depth. As a test, a spline fitting technique -  similar 

to that used on the DAO spectra -  has been applied to the KPNO dataset with 

the EW measurements repeated; the KPNO dataset now show EW variations. Re- 

rectifying the DAO spectra in the manner of the KPNO was not possible, since it 

would require a high order polynomial to remove the EW modulation introduced
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by the spline fitting, and access to the DAO raw spectra was also not possible. 

Therefore, the EW analysis is restricted only to the KPNO dataset.

The results of the KPNO EW measurements show that no significant variation 

is seen in the Hel A4471Â/Mgll A4481Â, and in the Si III AA 4452, 4567 and 4575Â, 

despite the obvious Ipv seen in these lines. It is noted that there is a discontinuity 

in the combined equivalent-width measurements of the S ill lines at H JD . . .  7.85 

(Figures 2.31 and 2.32). Careful inspection of the spectra, show that this is due to 

a sudden, very small change in the profile of the spectrum at these wavelengths. An 

arc frame separates the different profiles. Therefore, the discontinuity is probably 

an artifact from the spectrum extraction due to a small, but significant, change in 

cross-dispersion registration of the stellar spectrum on the CCD.

2.6 D iscussion

The results of §§ 2.2 and 2.3 confirm and extend the multiperiodic behaviour reported 

by Kambe et al. (1990). They found P  = 3.33 hours (^ = \m\ = 4) and P  = 2.44 

hours {t = \m\ = 7; 1987 April data), and additionally P  = 1.86 hours {£ = |m| = 

9) during 1988 May. During late 1989 April/early May, the present study shows 

that the same three periods are detected, together with P  = 1.37 or 1.29 hours 

(|m | = 11 ±  1). It is remarkable that Kambe et al. were able to identify the three 

dominant periods correctly in their relatively poorly-sampled data. Kambe et al. 

(1993) observed (" Oph at three epochs in 1990. They again confirm the presence of 

the strongest two modes: I  = —m = 4 (3.33 hours) and £ — —m  =  7 (2.43 hours). 

It can be concluded that at least some Ipv characteristics reproduce over a 3-year 

interval.

Vogt & Penrod (1983) suggested that their data were consistent with a single 

sectorial NRP mode with P  = 10-20 hours and £ ■= |m| = 8. However, it is believed 

that their sampling was inadequate for them to be able to determine correctly the 

shorter periods identified in the present study. It is suspected that additional modes 

are present in their dataset, which may account for the discrepancies between their 

observed and modelled profiles.

Evidence was presented by Kambe et al. (1993) that there is a correlation be
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tween the maximum amplitude of the Ipv and the periodic emission-line episodes. 

Penrod (1986) suspected that a long-period i  = —m = 2 mode may be present which 

anti-correlates with the emission-line episodes. The analysis present here, and in

deed the work of Kambe and co-workers, finds no evidence for such a mode. This 

maybe due to the short nature of the time series, therefore, a more extensive time 

series is required to evaluate Penrod’s claim. [It is noted that the Be-star A Eri 

was also claimed by Penrod to have such a correlation; however, recent studies have 

shown no correlation (Smith 1989; Bolton & Êtefi 1990).]

2.6.1 Com m ensurability

Inspection of Table 2.9, suggests the possibility of a single superperiod, P\m\ (the 

period between consecutive transits of a given feature): 14.5 hours ~  6 x 2.44, 8 

X 1.86, and 11 x  1.29 hours. However, the corresponding values of Ug sin % are 410, 

375, and 390 km s“ ;̂ the second of these is not consistent with the direct estimate 

of Ugsini. The 3.34- and 1.37-hr periods are not integer submultiples of 14.5 hours. 

Thus, only 6 x 2.44 ~  11 x 1.29 remains; and since inspection of Table 2.9 shows 

several similarly coincidental P|m | pairs, the 14.5-hr superperiod does not seem 

significant. For the ‘best guess’ |m| identifications (§ 2.4.6) the superperiods are

12.2, 13.4, 14.9, and 13.7/12.9 hours for the 3.34-, 2.44-, 1.86-, and 1.37-/1.29-hr 

periods respectively (with internal conservative uncertainties < 0.1 hours).

For the RM model to be acceptable, there must be a commensurate superperiod 

for all periods. Moreover, the multiperiodicity requires that there be groups of 6 , 

8, and 11 ‘spots’ uniformly distributed in longitude around the star. Finally, the 

superperiod (the rotation period in this model) must be greater than Pcrit (which 

we have estimated as > 18 hours). For these reasons, the RM model is rejected in 

favour of NRP. Because P |m | < Pcrit < Proti the pulsations must be prograde in the 

corotating frame of the star. In addition, the width of the sinusoidal semiamplitudes 

of the different periods are similar (see Figure 2.23), therefore the origin of the Ipv 

must have the same latitude. Since this origin seems to be confined to the equator, 

it is strongly suspected that sectorial modes are responsible for the variability.

Although an exact commensurability is not present in data, the spread of super

periods between different modes is small (of order ±  10% of the mean) and the mean
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value is in a factor of 2 of the likely rotation period. This is in general agreement 

with the suggestion that the NRP superperiod may reflect the rotation period of the 

convective core (Saio & Lee 1991).

For completeness, it is noted that the superperiods, of order 13—14 hours, are 

significantly shorter than the earlier estimate of = 18 hours (§ 2.3.4). This 

represents an apparent inconsistency, since both the superperiods and P^ t̂ derive 

from analysis of variability of the same features, in phaae and velocity respectively. 

In drawing attention to this inconsistency, it is emphasised that it arises essentially 

because the basic assumption used in estimating P/^t -  that the modulation arises 

from corotating features (̂ r ~  1) -  is evidently incorrect. One effect of this is that 

the line-profile features we measure do not track the rotation of the photosphere, 

nor even (because of beating between different waves) the motion of an individual 

NRP wave across the stellar surface. The time-series analysis successfully overcomes 

these problems by explicitly accounting for multiperiodicity.

2.6.2 Single-m ode pulsations

Given the NRP interpretation, it is notable that for a given degree, only one 

mode {I = —m) of pulsation seems to be observed. In a non-rotating star, the 

surface distribution of the NRP velocity field for a given order, n, and degree, £, can 

be described by a single spherical harmonic function. In the case of a rotating star, 

the degeneracy of the spherical harmonic is lifted to give {2i -f- l)m  modes. The 

frequency of the mode (in the observer’s frame), (7^, is given by

(Tm =  (̂ 0 -  ^ m { \  -  Cn, t)  (2.17)

where <7q is the frequency of the pulsation in the absence of rotation, Q is the 

rotational frequency of the star, and Cn,e is a term introduced due to the rotation 

{e.g., Unno et al. 1979). This ‘rotational splitting’ is observed in known NRP stars 

such as the Sun and oscillating white dwarfs {e.g., the pre-white dwarf PG 1159- 

035 in Winget et al. 1991), yet only the sectorial modes appear to be excited in 

(  Oph. This may be a selection effect introduced by the data {i.e., the subpeaks 

expected in the CLEANed Fourier periodogram lie too close to the strong £ = —m
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peak to be resolved); or mechanisms in the star may only allow these specific modes 

of oscillation. Given the excellent time coverage and resolution, and the lack of any 

periodicity in the higher ionization species (and therefore polar regions), the former 

would not seem to be the case.

The case of (  Oph is not unique. Multi-mode sectorial pulsations are known in 

other early-type stars (e.g., 6 Sco, Smith 1986b; e Per, Gies & KuUavanijaya 1988). 

A single sectorial mode has been recently detected in HD 93521 (Fullerton, Gies & 

Bolton 1991; Howarth & Reid, 1993). If rotational splitting does not occur, then a 

mechanism must be found for exciting the NRP which must also only give rise to 

selected i  = —m  modes.

The results of Chapter 5 show that, considering only the Lagrangian velocity 

displacement due to NRP in the slow rotation approximation, sectorial modes pro

duce the strongest Ipv for the given input parameters (if sin i is close to unity). This 

is due to cancellation effects in the tesseral modes (i |m |), which may in part 

explain the apparent absence of other modes of oscillation.

2.6.3 D eparture from sinusoidal behaviour

It has been noted that strong NRP pulsations depart from sinusoidal behaviour at 

line centre (Gies 1991; also see Chapter 5). The effect would be to distribute power 

to multiples of the period frequency, in the power spectrum. Thus, the derived 

amplitude may well under estimate the fuU range of variation in intensity. This 

could explain why some of the observed peaks and troughs in the line-centre time 

series of Figures 2.24-2.25 are stronger than those predicted by the analysis. In 

addition, removal of power from Q,rn could also explain the aliasing problems seen in 

the 2-D periodogram (Figure 2.20). It is noticeable that the aliasing occurs at the 

hue centres of He I and Sim (also see Figures 2.22(a) and (b)). However, the time- 

series analysis detected no harmonic components to the adopted periods, suggesting 

that the departure from sinusoidal behaviour is either very weak, or non-existent. 

Alternatively, this maybe due to the combination of multiple periods and associated 

aliasing in a small frequency range, which would swamp any small harmonic signal.
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2.6.4 N R P  tem perature variations

NRP velocity perturbations in the line-profile-forming regions of the star are ex

pected to give temperature and colour variations, and therefore changes in equiva

lent width. But given a mode of oscillation, do the temperature variations translate 

into measurable equivalent-width changes? As addressed by Buta & Smith (1979), 

Balona (1987), Lee & Saio (1991), and Lee, Jeffery & Saio (1992), significant varia

tions in the line profile wiU be produced by variations in surface temperature as the 

NRP compress and expand the photosphere, (a more detailed discussion on the rôle 

of temperature vs. velocity variations is given in Chapter 5).

An estimation of the equivalent-width variation as a function of Tg// and logio(fif) 

can be made using synthetic line profiles generated by appropriate non-LTE, steUar- 

atmosphere models. Smith (1994) has computed a grid of such models for Tg// = 

27,000-40,OOOK,logio(flf) = 2.7-4.5 and solar composition, for transitions of H I, Hel 

and Hell, using improved versions of the steUar-atmosphere software d e t a i l  and 

SU RFACE (Butler 1984); examples of these synthetic line profiles are shown in Figure 

2.33(a) and (b). Transitions not directly computed at temperatures and gravities 

using DETAIL and SURFACE are interpolated within the grid. Smith (1994) gives the 

equivalent-width variations of Hel AA4471, 4713Â for a range of Tg// and logio(fir) 

surrounding those given for (  Oph (Table 1.2, Chapter 1). These equivalent-width 

variations are plotted in Figure 2.34(a) and (b) as contours of constant equivalent 

width and show a variation of 0.5Â for Hel A4471Â within the adopted range. 

For He I A4713Â, a considerably smaller variation in equivalent width of 0.03Â is 

predicted, which is reduced to 0.02Â excluding temperatures above 34,000K. The 

lack of equivalent-width variation in Hel A4713Â was also noted by Simon (1991).

Buta & Smith (1979) give an adiabatic approximation to calculate the pho- 

tospheric temperature variations, ^T, due to an NRP of degree, i  and azimuthal 

eigenvalue, m.

f . M T  (2.18)

where k is the ratio of horizontal to vertical pulsation velocity, and R  is the radius of 

the star. The variation in radius (and thus, temperature) can be estimated from the
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Figure 2.33: (a) and (b). An example o f the Hel model line profiles for Tef /  = 32,500K, 

iogio(g) =  3.5, and solar composition

time-dependent, vertical-pulsation velocity at a point on the stellar surface, F(t)pij, 

since from simple, harmonic-oscillation theory.

y(^)pul = Alj cos(u}t) (2.19)

where w is the frequency of the oscillation, and A is a constant. Integration with 

respect to t gives the variation in R. Thus, for maximum displacement of the stellar 

surface from equilibrium,

rpi _  (^(Optj)|max.fco—rot _  ^ul-fee—rot
ditlmax -  27r |m | "  27r |m | (2 .20)

where Pco-rot is the rotation period of the NRP in the co-rotating frame of the star 

(also see Eqn. 5.2, Chapter 5).

The variation in surface gravity wiU be influenced by both the variation in radial 

distance and the acceleration due to the velocity field. The former quantity can be 

calculated from the result of Eqn. 2.18, whilst the maximum acceleration can be
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estimated using the derivative of Eqn. 2.19.

For a value of V̂ ul = 20 km s”  ̂ (Vogt & Penrod 1983) and adopting the i  = —m  

= 4 identification for the 3.34-hr period, a p-mode (A: < 1) pulsation will produce 

variations in temperature of 6T 2000K at almost constant logio(fif). Inspection of 

Figure 2.34(a) and (b) show that for logio(p) = 3.5, the stellar model calculations 

predict an equivalent-width variation of 0.2GÂ and G.GQ4Â for He I AA4471 and 

4713Â, respectively. The latter result demonstrates that no variations in equivalent 

width is expected in Hel A4713Â, and that this transition seems to be only sensitive 

to the velocity field.

The variation in equivalent width should be detectable in Hel A4471Â, given 

large regions of the star are at different surface temperatures. For a star undergo

ing NRP, the adiabatic approximation predicts that the visible hemisphere wiU be 

divided into hotter and cooler regions by the node lines of pulsation. For low-order 

modes of oscillation, the temperature variations cover larger parts of the visible stel

lar hemisphere, so that variations in equivalent width are expected to be detected. 

However, for high-order sectorial modes (as suspected for (  Oph), the areas of com

pression and expansion are more numerous and wiU lead to a cancellation effect. 

Therefore, only very small -  possibly immeasurable -  equivalent-width changes will 

occur. The lack of any such changes in § 2.5 supports the adopted mode identifica

tions given in § 2.4.6.

Inspection of the Ipv in Figure 2.3 show that the variations observed in Hel 

A4713Â are almost identical to those observed in the other line profiles. Since it 

has been demonstrated that the Hel A4713Â transition seems only sensitive to the 

velocity field, it could be argued that the optical line-profile variations of (  Oph 

are also dominated by the velocity field. This is in agreement with the preliminary 

results of Gies (1991); by using an NRP synthesis code (which included the adiabatic 

approximation of Eqn. 2.18) in modelling the observed Ipv of Be-stars, he found 

that the velocity variations tended to dominate the optical Ipv. However, Gies 

(1993) points out that the flux changes, due to areas of differing temperature on the 

visible hemisphere of the star, must also be included in the calculations to determine 

whether the temperature variations or the photospheric-velocity field dominate the 

optical Ipv. This can only be confirmed by an appropriate NRP model (see Chapter
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5 and 6).

2.6.5 T h e  re su lts  of p h o to p o la r im e try

Tim e-dependent asym m etrical m ass loss (due, for exam ple, to  N R P) m ight be ex

pected to  produce variable polarisation by electron sca tte ring  if the p ertu rba tions in 

the inner region of the stellar wind are sufficiently dense. To investigate this possibil

ity, polarization m easurem ents were obtained (by David M cD avid), sim ultaneously 

with the  Z eta thon  optical spectroscopy, over 7 nights w ith the  0.9-m telescope of 

M cDonald O bservatory, using the photopolarim eter described by Breger (1979).

A sum m ary of the polarization m easurem ents is presented in Table 2.11 and il

lu s tra ted  in Figure 2.35. Each en try  represents the m ean and s tan d ard  deviation of 

3 repeated  observations. T he last two lines give the m ean and stan d ard  deviation 

of the full d a tase t, and the averaged standard  deviation of the individual m easure

m ents.

There is no compelling evidence in these observations for substan tia l polarization
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Table 2.11: Log of C Ophiuchi photopolarimetry observations

HJD (2440000-I-) q(%) u(%) p(%) 6!(o)

7640.82 -0.57±0.02 -1.44±0.04 1.55±0.04 124.2±0.2

7640.84 -0.51±0.05 -1.38±0.05 1.48zt0.07 124.8dz0.6

7640.89 -0.53±0.06 -1.46±0.02 1.56±0.02 125.0±1.1

7641.80 -0.51±0.04 -1.41±0.02 1.50±0.02 125.0±0.6

7641.84 -0.48±0.04 -1.42±0.06 1.50zt0.05 125.7±1.0

7641.88 -0.51±0.04 -1.42±0.03 1.51±0.04 125.2±0.7

7642.77 -0.52±0.02 -1.45±0.04 1.54zt0.04 125.2±0.2

7642.82 -0.47±0.03 -1.42±0.01 1.50zt0.01 125.9zt0.5

7642.86 -0.52±0.02 -1.44±0.02 1.53±0.02 125.2±0.4

7642.90 -0.51±0.02 -1.45±0.06 1.53±0.05 125.3±0.8

7643.77 -0.44±0.02 -1.38±0.02 1.45±0.01 126.1±0.5

7644.85 -0.52±0.05 -1.38±0.06 1.47±0.08 124.8±0.5

7644.87 -0.48±0.04 -1.39±0.05 1.47±0.04 125.6±0.8

7646.77 -0.47±0.01 -1.36±0.03 1.44±0.03 125.4dz0.2

7646.81 -0.53±0.01 -I.35dz0.02 1.45zb0.03 124.2±0.2

7646.86 -0.48±0.04 -1.40±0.03 1.48±0.04 125.7±0.5

7646.90 -0.46±0.04 -I.40zt0.03 1.48±0.04 126.0zt0.5

meanis.d. -0 .50±0.03 -1.41zb0.03 1.50±0.04 125.3±0.6

av. err. 0.03 0.04 0.04 0.6

N o t e s . -  The columns give the Heliocentric Julian Date of mid-exposure, the normalized 
Stokes parameters q and u, and the magnitude p and equatorial position angle 6 of the 
polarization vector. The averaged error refers to the average of the individual standard 
deviations
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variability. In particular, the average standard deviation of the individual observa

tions is the same as the global standard deviation of those observations, at 0.04%. 

There is, apparently, a slight decrease in the percentage polarization after HJD 

2447643.0, the mean values before and after that date being 1.52% and 1.46%, re

spectively. This change in measured polarization is, formally, statistically significant 

(identified a posteriori). However, given the very small size of the change, and the 

fact that the position angle remained unchanged throughout the run, there is a re

luctance to over-interpret the data, although standard stars showed no changes even 

at this level.

The two previous photopolarization studies of Ç Oph also detected no short-term 

variability (Hayes 1975; Lupie & Nordsieck 1987). In addition, interstellar polariza

tion studies (Coyne, Gehrels Sz Serkowski 1974; Gehrels 1974; Poeckert, Bastien & 

Landstreet 1979) suggest that this star has little, if any, intrinsic polarization. No 

long-term changes in polarization have ever been noted, although there are no polari- 

metric observations during the recorded emission outbursts (Ebbets 1981); the mean 

degree of polarization obtained during this study agrees well with that reported by 

Gehrels (although 0 differs by ~  2®), who also observed close to the V-band.

2.6.6 The results of photom etry

Balona (1992) reports on a series of observations of (  Oph. Stromgren 6-band 

photometric observations were made of the two target stars C Oph and C Pup using 

the Volks Photometer attached to the Sutherland 0.5-m reflector. Some observations 

of C Oph were also obtained at ESO.

A photometric period of 9.02 hours (or 6.55 hours) is reported from 13 nights 

of observations which were near-simultaneous with the optical spectroscopy. It was 

suspected that the 9.03-hr period was a submultiple of a longer period, Pphot = 1 .1  

d, which had been observed at previous epochs. However, the light-curve is very 

erratic, leading to different short-term periods (and sometimes no variability) at 

different epochs of observation. It is expected that low-order modes wiU have a 

more conspicuous photometric ‘signature’ {e.g., Smith et al. 1987), and note that 

6.55 hours ~  2x 3.34 hours, and that 1.1 days ~  8 X 3.34 hours = 2 x \Tn\P. Smith, 

Fullerton & Percy (1987) showed that photometric periodicity was detectable for an
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£ = — m = 4 mode for e Per, which was very close to the spectroscopic periodicity 

for the Ipv. The lowest mode identification is  ̂ = —m  = 4 for the 3.34-hr period, 

and there is some coincidence of the spectroscopic and photometric modulation 

timescales.

2.6.7 R esults of the ultraviolet tim e series

The results of a detailed, simultaneous (to the optical spectroscopy) UV spectro

scopic time series of (  Oph are given by Howarth et a i (1993). These observations 

were obtained by Tom Bolton and Keith Smith using the International Ultraviolet 

Explorer (lUE) Satellite. The high resolution (R lO'*) SWF (AA1150-2000Â) lUE 

spectra of COph were collected in just over 5 days in April, 1989. The observations 

were alternated with those of (  Pup (see Chapter 3, § 3.7), so that for (  Oph the 

total of 32 spectra collected were divided into a run of 22 spectra taken every 2-3 

hours for 2.25 days and 3 groups of 3-4 spectra taken before and after the run.

The lUE time-series observations showed variability in the stellar wind of (" Oph, 

with the presence of Narrow Absorption Components (NACs) and Discrete Absorp

tion Components (DACs) in the absorption component of the P-Cyg profiles of C iv 

AA1548, 1551Â and N v AA1239, 1243Â doublets. Close inspection of these dou

blets, showed that the DACs appeared at ~  0.8uqo, migrating to higher velocities 

over ~  1 day. This appraisal was supported by summing the residual intensities of 

the individual spectra to the mean spectrum. It was estimated that ~  7 ±  1 DACs 

appeared in the time series and that the timescale for recurrence is ~  21 ±  4 hours.

Given the recurrence timescale and the relatively high velocities of the DACs, 

the relationship between the photospheric timescale recorded in the optical dataset 

(mP 13-14 hours) is not obvious. However, it is noted that the multiperiodic na

ture of the photospheric velocity field of (  Oph make a direct comparison of the two 

dataset timescales problematic. The ‘beating’-effect of multiperiodicity complicates 

any timescale of ‘seeding’ instabilities at the base of the stellar wind, i.e., the ‘Pho

tospheric Connection’. It can be therefore concluded that if such a mechanism is 

present with this star, it is subtle and not immediately clear from the observations.
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2.7 Sum m ary

Model-independent analysis has shown that the time dependence of line-profile vari

ability (Ipv) in the optical spectra of (  Oph can be satisfactorily modelled by a set 

of four periodic sinusoids. Several arguments lead to the conclusion that rotational 

modulation is inconsistent with that behaviour. However, the behaviour is consis

tent with an interpretation in terms of non-radial puslation. Adopting the NRP 

interpretation, the periods and mode identifications obtained are a superset of those 

reported by Kambe et al. (1990; 1993), showing that the NRP characteristics re

produce over a baseline of at least three years. Not all lines show equally strong Ipv, 

which is attributed to gravity darkening and equatorially-confined (sectorial-mode) 

pulsations. Although a possible commensurable period cannot be ruled out between 

up to three modes, that commensurability does not extend to all modes. The su

perperiods are all ~  13-14 hours, close to half the photometric period suspected by 

Balona (1992). They are shorter than the critical rotation period (18-36 hours), so 

that the NRP must be prograde. Direct comparison of the optical timescales with 

the DAC recurrence timescales indicates that the instabilities seen in the stellar 

wind seem to be independent of the photospheric velocity field. However, this is a 

cautious evaluation given the complication of multiperiodicity in the Ipv.
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C hapter 3

C Puppis

The 04 supergiant (  Puppis (HD 66811) is the second brightest 0  star in the sky 

(V = 2.26, Johnson 1965) after (  Ori, and also one of the most rapidly rotating 

supergiants known. The variability in the stellar wind of (" Pup has been well 

documented using ultraviolet and H-a observations, e,g., Conti & Niemela (1976); 

Snow, Wegner & Kunasz (1980); Prinja et al, (1992). However, the optical Ipv 

has yet to be fully investigated. Using time-series spectroscopy, Baade (1986; 1991) 

reported the occurrence of strong Ipv ('^ 1% of the continuum), with ‘bumps’ and 

‘dips’ moving across the line profiles from blue to red. This variability was attributed 

to prograde sectorial NRP. Baade identified modes of —m = 2, 4, and possibly 8 , with 

Ipv periodicity in the observer’s frame of 8.544, 4.128, and 1.92 hours, respectively.

In a recent study of the incidence of optical Ipv in the 0-star regime, Fullerton 

(1990) attributes much of the Ipv of 0  supergiants to variability in the stellar wind. 

It was pointed out that the lines analysed by Baade (principally the Civ AA5801, 

5812Â doublet) and Fullerton (the Civ doublet, and He I A5876Â) are likely to be 

formed at the base of the stellar wind; close inspection of high-S/N spectra shows 

wind contamination of these line profiles. Fullerton noted that the Ipv of (  Pup 

(and the 06 supergiant A Cep) were uncharacteristic of the supergiants surveyed; 

normally the Ipv travel in both directions in (and sometimes beyond) the line profile 

and this is thought to be indicative of outward wind acceleration and infall of inho

mogeneities in the stellar wind. Undoubtedly, the lines monitored by both FuUerton 

and Baade show wind variation. However, the claims of periodicity for both stars
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(for A Cep, a 6.5-hr period, for a mode identification of  ̂ = —m  = 5, was found 

from CLEAN analysis, Kaper 1993), and more importantly, that the periodicity was 

due to pulsation, perhaps shows that photospheric NRP can be detected.

As discussed by Bohannan et al. (1986), the estimated stellar parameters of (" 

Pup have been controversial, with values of logio(gr) ranging from 3.2 to 4.0 and 

values of Tg/f from 32,000K to 50,000K, (e.g., Conti 1973, Code et al. 1976, and 

Underhill et al. 1979). As pointed out by Abbott & Hummer (1985), the stellar 

parameters of hot, luminous stars can only be obtained by comparison of synthetic 

to observed line profiles, if the models atmospheres which generate the synthetic 

line profiles have the relevant non-LTE physics and account for the backscattering 

of radiation from the stellar wind (wind blanketing; Hummer 1982). The effect of 

wind blanketing is to raise the surface temperature of the line forming regions and 

therefore, if wind blanketing is not taken into account, a higher effective temperature 

is obtained.

The stellar parameters adopted for this study are those obtained by Bohannan et 

al. (1986), and are given in Table 1.2 (Chapter 1). These were obtained by compar

ison of high-S/N, CCD optical spectra of Hel, Hell and Hi lines to synthetic line 

profiles generated by a plane-parallel-model stellar atmosphere, incorporating the 

departures from LTE and the wind-blanketing model of Abbott & Hummer (1985). 

Both the mass-loss rate (for which the wind blanketing model was dependent) and 

rotational broadening were fixed, with M = 5 X 10“® M© yr“  ̂ (Abbott Sz Lucy 

1985), and Ug sin * = 210 km (Conti & Ebbets 1977). Values of logio(fl') were 

obtained from fits to H^ and H7 ; Tg// from fits to the Hel lines; and helium num

ber fraction, [Y], set by the sum of the neutral and singly-ionised-helium equivalent 

widths. From estimates of the distance, values of luminosity, radius and mass were 

obtained (Logio(L*/L©) = 5.9; M* = 38M©; R* = 18Rq). The apparent high value 

of [Y] (0.17), possibly as result of mass loss of the outer envelope and/or convec

tive overshooting bring processed material towards the surface, and relatively low 

logio(^) (3.5), indicate that (" Pup is an evolved star close to the end of core hy

drogen burning. Comparison with stellar evolution tracts (e.g., Bresson, BerteUi Sz 

Chosi 1981) point to an initial mass of 70-90 M©.

In an attempt to investigate and quantify the optical Ipv, this Chapter reports
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on the analysis of two datasets. These were collected at Kitt Peak National Ob

servatory (KPNO) as part of The Zetathon (see § 1.4.1, Chapter 1), and at The 

Anglo-Australian Observatory (AAO) during late 1990. The latter dataset is the 

larger of the two and represents the principal set of observations for analysis.

3.1 A  AO Observations

A series of observations of (  Pup were collected over 4 consecutive nights dur

ing November 26-29, 1990, using the 3.9-m Anglo-Australian Telescope, Coon- 

abarrabran, NSW. The UCL Echelle Spectrograph with the 31 g/mm echeUe grating 

at the f/36 coudé focus was used with the Thompson ‘blue’ CCD. Several grat

ing angles were adopted during the observing run, but for the main time-series 

spectroscopy -  which would then facilitate Fourier analysis -  the instrument was 

configured so that the central wavelength (Acen) of the echeUogram was set at ~ 

5805Â. (This configuration allowed the simultaneous observation of lines of Hei, 

Hell, N IV and Civ, thus giving a range of excitation potential and ionic species.) 

During an observing night, small groups of consecutive integrations were made us

ing Acen = 5805Â, separated by several integrations at other central wavelengths, 

thereby allowing monitoring of other transitions not covered in the main time series. 

Thorium-Argon comparison-lamp arc frames were obtained for aU echeUe configu

rations to account for small shifts in wavelength registration. In addition, at the 

beginning and end of each observing night, numerous flat-held and bias frames were 

obtained.

For the first three nights of observation, the star was trailed on the slit in the 

attempt to improve the S/N and also to reduce the danger of saturating the CCD; the 

Thompson ‘blue’ CCD was well known to produce ‘ghost images’ after saturation. 

This procedure was not carried through for the final night of observing, due to very 

poor seeing conditions. A log of the observations is given in Table 3.1. In total, 161 

echeUograms, which represented 22.65 hours of coverage spanning just over 78 hours 

at the principal central wavelength setting of 5805Â, were collected with typical 

exposure times of 5 minutes.
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Table 3.1: Log of C Puppis optical spectroscopy

Date
Universal

Time
JD

(2440000 +)
No. of 
Spectra

Kiit Peak National Observatory

1989 30 April 02:36 -  02:59 7646.610 8

1989 1 May 02:26 -  03:11 7647.603 8
1989 2 May 02:30 -  03:09 7648.606 8

1989 3 May 02:29 -  03:02 7649.606 5

1989 4 May 02:37 -  03:01 7650.610 5
Anglo-Australian Observatory

1990 26 Nov 12:12 -  18:36 8223.011 44

1990 27 Nov 12:08 -  18:16 8224.008 44

1990 28 Nov 12:51 -  18:32 8225.039 48

1990 29 Nov 14:08 -  17:58 8226.091 25

3.1.1 Prelim inary reductions

Although the echeUe/CCD registration at the coudé focus was expected to be rel

atively stable during observing, there were nightly changes in both the dispersion 

(see below) and cross-dispersion registration, see Figures 3.1(a) and (b). Inspection 

shows that the shape and position of the orders changes from night to night; an ef

fect more clearly seen in the flat fields. These nightly cross dispersion changes could 

only be overcome by producing an appropriate flat field for that observing night. In 

addition to the nightly changes in cross-dispersion registration, changing the central 

wavelength setting caused small, but significant, echeUe/CCD registration problems 

in the dispersion direction; typically these were of a fraction of an Angstrom during 

an observing night. From night to night these changes were much more noticeable 

with typical shifts of ~  0.5Â.

The preliminary reduction procedure consisted of three steps.

1. Bias Map. 32 bias frames were used to construct a global bias map. The mean 

bias frame was constructed (frames were examined for cosmic ray events, and 

if found, removed by replacing the ADU of the contaminated pixels with a
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Figure 3.1: (a) and (b). Cross-dispersion ‘slices’ o f the nightly mean ûat-ûeld frames (a) 

and the nightly mean data frames (b), showing the change in cross-dispersion registration 

and the inter-order merging o f the data frames
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mean of those immediately surrounding the event). Then, a mean value of 

the overscan region of the CCD (carefully defined to avoid possible contami

nation from edge effects) was subtracted from the mean bias frame to give the 

normalised bias map.

2. Flat fields. As discussed above, since the sensitivity of individual CCD pix

els is a function of wavelength -  and therefore a function of position in the 

echeUogram -  the nightly variation in echellogr am /CCD registration in the 

cross-dispersion and dispersion directions, meant that mean flat-field frames 

had to be constructed on a nightly basis. The flat-field echeUe orders of in

terest (those containing the lines to be investigated) were inspected in order 

to identify any cosmic ray contamination. If contamination was found, these 

frames were eliminated from the reduction. Using this procedure, the number 

of flat-field frames which contributed to the nightly means ranged from 24 to 

35. These mean flat-field frames were considered adequate for the reduction 

as inspection of all extracted flat-field orders showed very high S/N. Finally, 

the mean, nightly flat fields were then bias normalised by subtraction of the 

mean value of the CCD overscan region and bias-map subtracted.

3. Sky/ scattered-light spectra^. Inspection of the data frames showed that there 

was cross-dispersion inter-order overlap at the red end of the CCD frames. 

This made the estimation of the sky/background scattered light problematic. 

There are two types of cross-dispersion scattered light associated with echelle 

spectrographs. The first is long-range scattered light from the spectrograph 

and produces a smoothly varying surface on which the echelle orders stand. 

The second is the local inter-order scattered light and is relatively small com

pared with the first. These must both be subtracted to give the correct stellar 

flux.

Figure 3.2 shows a cross-dispersion 5-pixel ‘slice’ through the mean data frames 

of the first and last nights towards the red-end of the echeUogram. The fourth 

night’s data frames were not trailed and, as a consequence, the order peaks 

were much sharper and did not overlap. This was in contrast to the previous 

three nights iUustrated by comparison in Figure 3.2. By using the e c h o m o p

^Virtually all of the inter-order contamination for this dataset is due to scattered light.
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Figure 3.2: A cross-dispersion slice o f the first (solid line) and fourth nights’ (dashed line) 

mean data-frames. The inter-order merging is evident for the trailed, first n ight’s mean data 

frame

software, a sky/background scattered-light spectrum -  which is given in ADU 

per pixel, as it represents the level of ADU for each cross-dispersion pixel the 

order is extracted over -  can be made for each order by assigning pixels in the 

inter-order gaps either side of the order to be extracted (also see Appendix 

A, § A.2.3/4). This procedure was performed on all the orders of the fourth 

night’s data frames and the blueward orders of the remaining data frames, but 

was not applied to the red orders of the trailed spectra because of the order 

overlap; inter-order merging results in an over-estimate of the background. In 

addition, the merging causes the resulting sky/background scattered spectra to 

show features from the overlapping orders and discontinuities due to samphng 

problems; an example is shown in Figure 3.3.

The background scattered light is dependent on the incident flux through the 

spectrograph, i.e., the background level varies from frame to frame. Therefore, 

simply matching the mean fourth night’s background scattered-light spectra 

to those of the previous night’s is incorrect. However, assuming that the back-
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Figure 3.3: An example o f the extract sky/scattered-light spectrum for a merged inter

order gap. Sampling problems (discontinuities) and a mixture o f the adjacent order stellar 

spectra are mixed into the inter-order background
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ground scattered light is simply a linear function of incident flux through the 

spectrograph, to a first approximation it can be considered that the ratio of 

the sky/ scattered-light spectra of two orders from one frame wiU be equal to 

that of a diflferent frame for the same two orders. Some differences will be 

expected, however. The inter-order gap narrows towards the red end of the 

echeUogram. TraiUng introduces more scattered Ught into these gaps compared 

to those located towards the blue end of the echeUogram, so that the ratio of 

two sky/ scattered-Ught spectra obtained from opposite ends of the echeUe wiU 

be different when compared to that of an untrailed data frame. The scattered 

Ught from the orders introduces a blaze to the sky/scattered-Ught spectra. 

Since the blaze is different in each order, the ratio of the sky/ scattered-Ught 

spectra is not flat, but wiU exhibit the residual effects of differential blaze 

and contamination by inter-order scattered Ught. The result of these effects 

are shown in Figure 3.4, which shows four ratioed sky/ scattered-Ught spectra 

(each from a different observing night, the data frames chosen at random) of 

a blue and central order. In the absence of traiUng, the ratios should almost 

be identical. These effects are less obvious for ratios of sky/ scattered-Ught 

spectra of orders extracted at the blue end of the echeUogram. This is an im

portant result, since the blueward ratios could estimate the factor to multiply 

the sky/ scattered-Ught spectra obtained from a data frame which faciUtates 

extraction of aU the sky/scattered-Ught spectra, e.g., the mean fourth night’s 

data frame. This would aUow an estimate of the sky/ scattered-Ught level of 

an order for which no direct estimate was possible, due to inter-order merging. 

Therefore, in the absence of the direct estimation of the sky/scattered-Ught 

level, this indirect method is adopted by using the fourth night’s mean data 

frame as the basis for the inter-order sky/ scattered-Ught spectra.

The sky/scattered-Ught spectra were extracted for aU the orders of the mean 

fourth night data frame by using e c h o m o p . Pixels either side of the order 

were aUocated with the ‘mean’ option chosen to extract the data (since the 

background was smoothly varying in the cross-dispersion direction; see Ap

pendix A, § A.2.3). These sky/ scattered-Ught spectra show the characteristic 

echeUe blaze, and despite averaging 25 data frames, they show flat-field vari

ations with the photon noise. [As not to introduce additional noise into the
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Figure 3.4: Ratios o f sky spectra for a blueward and central order obtained from the data 

frames (chosen at random) from the different observing nights. The differences in ratio are 

due to scattering o f inter-order light due to the trailing from the first three nights
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stellar spectra, the sky/scattered-light spectra used for all the subsequent re

ductions -  except the calculation of the ratios -  were fitted with a 6th order 

polynomial. Inspection showed that these fits were very satisfactory.]

To calculate the factors by which to multiply the sky/scattered-light polyno

mial fits for all the data frames, the sky/ scattered-light spectra were extracted 

from the three blueward-end orders of aU the data frames (these inter-order 

regions suffered the least from contamination from local inter-order scattered 

light from the trailed CCD echeUograms and would therefore represent a better 

estimate of the dominant, long-range scattered light). All the sky/scattered- 

light spectra were carefully checked for sampling problems and cosmic rays 

(if found, these were ‘cut’ from the spectrum and replaced by a spline fit to 

the data). The sky/ scattered-light spectra of the three orders obtained from 

the data frames were divided by the corresponding spectra of the mean fourth 

night’s data frame. The average value of the three spectra was adopted as the 

ratio for that data frame. Thus, for a single order of a data frame, the poly

nomial fits to the fourth nights’ sky/scattered-light spectra were multiplied by 

this ratio to obtain the sky/scattered-light estimate.

3.1.2 D ata extraction procedure

The data orders were extracted by using the dedicated echeUe reduction software

ECHO MOP .  A more detailed description of this software is given in Appendix A.

Here, a schematic outUne is given.

1. Order location and polynomial tracing. Due to the echeUogram/CCD registra

tion problems -  which have been highUghted in the previous section -  nightly, 

mean data frames were used to faciUtate order location and ‘tracing’ of orders 

in the dispersion direction. These fits were adopted for aU the data frames 

for that observing night. Deviations of the centroid of the order compared to 

the polynomial fit at each sample, showed that a 3rd-order polynomial gave a 

satisfactory fit.

2. Dekker extent. The cross-dispersion Umits (width over which the echeUe order 

was coUapsed to produce the extracted spectrum) were defined by the extent
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of the ‘flat’ part of the corresponding mean flat-field order (see Figure 3.1(a)). 

For each order extraction, the limits were made as wide as possible in an 

attempt to preserve the high S/N. The width in cross-dispersion pixels was 

recorded to allow the correct estimation of the sky/scattered-light flux to be 

subtracted (see § 3.1.3 below).

3. The order was collapsed by using the ‘simple’ extraction option (see Appendix 

A, § A.2.4; the optimal extraction mode is not used since the S/N is already 

very high). No flat fielding or ‘sky’ (background scattered light) subtraction 

was applied in echomop, as these were accomplished in subsequent reduction 

stages. The arc calibration maps and relevant nightly flat-field orders were 

extracted in exactly the same manner as the data. For the order, the flat-field 

spectrum was used for aU the data that pertained to that night.

By using this procedure, for a chosen order, 161 spectra were extracted with 

their relevant arc calibration maps from the four nights, with 4 (averaged) flat-field 

spectra.

3.1.3 Final reduction

Taking the spectra obtained from the procedures outline above, the final reduced 

spectra are produced using the final steps outline below.

1. Subtraction of the background scattered light. By using the polynomial fits to 

the calculated scattered-light spectra (see § 3.1.1), the background spectrum 

was subtracted from the raw extracted stellar spectrum. Since the background 

spectrum was in ADU per cross-dispersion pixel, it was first multiplied by the 

gain (2.5) and then multiplied by the number of cross-dispersion pixels used 

in the extraction, before subtraction from the stellar spectrum. It was found 

that the subtraction of the background removed ~  15-20% of the signal from 

the uncorrected spectra.

2. Flat fielding. For an order, the four flat-field spectra were rectified by fitting 

a 6th order polynomial to ‘continuum regions’ defined by careful inspection 

(some flat-field spectra showed ‘gross’ absorption features due to imperfections
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or dust on the CCD). The rectified fiat fields represented the pixel-to-pixel 

variation and were divided into the data spectra.

3. Arc calibration. Arc maps were calculated by identifying the Thorium and 

Argon emission lines for each order. The arc identifications were obtained 

using the ESO arc atlas (D’Odorico et al. 1984). It was found that the r.m.s. 

deviations of the arc lines to the calculated dispersion curve were typically one 

tenth the mean dispersion of 0.05Â per wavelength sample, with at least 10 -  

in many cases in excess of 15 -  arc lines identified. A 2nd-order polynomial 

fitted the dispersion curve, which was found to be symmetric about the order 

centre, satisfactorily.

For data frames obtained between two arc frames, the arc calibration of the 

kth. spectrum taken between two arc frames straddling N  spectra was based 

on the weighting k / {N  + 1) to the first arc frame. In general the coudé focus 

was found to be stable during an observing night for short periods and for 

a group of consecutive observations at one Acen setting, only one arc (taken 

close to the centre of the sequence) was necessary to calibrate the spectra of 

that group. Registration problems in the dispersion direction occurred when 

returning to the principal central wavelength after several integrations at dif

ferent wavelength settings, i.e., groups of observations in an observing night 

differed in registration, but these were generally less than a 1/ 10Â.

4. Telluric line decontamination. A mean spectrum was constructed of spectra 

taken at the beginning and end of every observing night. Using these spectra, 

taken at large air-masses, increased the S/N and allowed fainter telluric lines 

to be seen. With all the spectra calibrated in the observatory frame, the 

telluric lines should align together, however, small errors in the individual arc 

calibrations combined with small shifts in the dispersion registration, meant 

that very deep lines became problematic to remove (see below).

For each order a telluric ‘mask’ was constructed. This involved ‘snipping’ out 

the telluric lines (which were much narrower than the stellar absorption lines) 

from the mean data spectrum. This ‘snipped’ mean spectrum was then divided 

into itself to give the telluric mask (a spectrum of unity with breaks in the 

spectrum at the sites of the telluric lines). As the spectra were taken in a series
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of groups of consecutive frames, the telluric decontamination procedure was 

applied to the spectra on a group by group basis. This has been schematically 

illustrated in Figure 3.5(a)-(c). For a group of consecutive spectra, a group 

mean spectrum was produced. Division of the telluric mask into this mean 

followed by a spline fit gave an intermediate mean spectrum without the telluric 

lines (Figure 3.5(a)). This intermediate spectrum was then divided back into 

the group mean giving the final rectified, group, telluric spectrum (Figure 

3.5(b)). The group telluric spectrum was then divided into the individual 

spectra of the group, restoring the continuum and line profile. However, the 

telluric line strength varied even in a small group of consecutive spectra (due 

to shifting air mass, changing seeing), so that the teUuric-line spectra must be 

multiplied by a factor to match this. This was accomplished by subtracting 

unity from the telluric spectrum, multiplying by a factor (close to unity) and 

finally, by the addition of unity. Division of this new telluric spectrum into 

the data spectrum completed the telluric decontamination (Figure 3.5(c)). 

The multiplication factor was estimated by using a trial and error method by 

careful inspection of the finished decontaminated spectrum. It was found that 

this factor was not critical and could vary by ^  ±  5%.

For a very few strong lines, both the multiplication factor and small errors 

in the wavelength calibration gave additional problems. The wavelength cali

bration and CCD/echeUogram dispersion errors resulted in a mismatch of the 

teUuric spectrum against an individual spectrum, resulting in ‘P-Cyg’ pro

files in the corrected spectrum at the sites of the teUuric Unes, see Figure 3.6. 

These errors were compensated for by shifting the wavelength of the teUuric 

spectrum to aUow for the mismatch by using the trial and error method based 

on inspection of the restored data spectrum. The results were, in general, 

consistent with those which did not suffer from these additional problems.

5. HeUocentric Correction. The wavelength caUbration corrections for both the 

diurnal and annual motion of the Earth were made using values calculated by 

the RV software (Ely Sz WaUace 1991).

6. Linear Scaling. The spectra were resampled to a Unear wavelength scale, 

selecting the original wavelength dispersion of the order, 3 km s“  ̂ over 

two velocity samples.
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Figure 3.5: (a)-(c). Telluric line removal procedure. For a group o f  consecutive time-series 

spectra, a mean is produced (a). A  telluric m ask is divided into the group mean to remove 

the telluric lines before a spline fit restores an estimate o f  the continuum to the mean. The 

spline fitted group mean is then divided back into the group mean spectrum to give the 

telluric spectrum for the group (b). This is divided back into the individual spectra which 

pertain to the group to restore the continuum  (c)
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7. Rectification. The resulting spectra still contained a considerable echeUe blaze. 

The blaze varied throughout the night both in shape (due to the sUt rotator) 

and registration on the CCD. To faciUtate the numerical analysis of the Ipv, 

the data were ratioed by the mean spectrum. For an order, the spectra were 

first divided by the unrectified mean spectrum. This intermediate spectrum, 

which was almost flat, was then fitted with a 2nd-order polynomial. The 

fits were then divided back into the original spectra leaving them identical 

in blaze to the mean. FinaUy, to remove the low frequency variation of the 

blaze from the data spectra, the original spectra were divided by the mean 

spectrum to give ratioed spectra. [An exception to this ratioing procedure was 

the order containing Ha and He ll 6527Â. The blueward emission wing varied 

considerably to the mean spectrum (on a nightly basis) and was excluded from 

the data-points used to fit the 2nd-order polynomial.]

3.1.4 Sum m ary of the reduced A AO observations

Using the extraction and data reduction procedures outUned above, six sets of ra

tioed spectra, each set containing 161 spectra, were produced. Table 3.2 gives the 

principal transitions (mainly of He ll) covered in these orders. The orders typicaUy 

cover 40Â with the averaged S/N -  estimated in the continuum at the order edges -  

ranging between 400 to 500. Throughout the series of data reduction steps, inspec

tion of the data spectra showed that photon noise dominated.

3.2 K PN O  Observations

A total of 34 observations of (  Pup were made by Doug Gies as part of The Zetathon 

coUaboration (the technical information regarding the telescope set up is given in 

Chapter 2, § 2.1.4). In total, only 3.41 hours of coverage -  spread into five groups 

spanning approximately 100 hours -  was collected. The wavelength coverage was 

set to cover the emission of Hell A4686Â, with exposure times of 5 minutes.

As described in Chapter 2 (§ 2.1.4), the spectra were extracted from the CCD 

images by Doug Gies using the standard techniques in the IRAF software package. 

These raw spectra were then wavelength calibrated (second order polynomial fits
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Table 3.2: Primary transitions studied in (" Puppis

Line
Species

Atomic
Transition

Rest Wavelength
(Â)

E r
(eV)

E i '  
(eV) Ref

K iti Peak National Observatory

Hell 3-4 4685.68 48.16 50.80 1

Anglo-Australian Telescope

Hell 4-7 5411.52 50.80 53.08 1

C iv Zs-Zp 2S-2po 5801.33 37.59 39.69 2

5811.98 37.59 39.68 2

He I ls2p -lsZ d  3?°-3D 5875.67 20.96 23.07 2

N IV 2sZs-2s(^S)Zp 3S-3 P° 6380.77 48.21 50.16 2

Hell 5-15 6406.45 52.02 54.20 3

Hell 5-14 6527.10 52.02 53.91 1

Hell 4-6 6560.10 50.80 52.68 1

H a 2-3 6562.80 10.20 12.09 2

He I ls2p -lsZ d  ip ° - iD 6678.15 21.22 23.07 2

Hell 5-13 6683.20 52.02 53.86 1

N o t e s .  -  ®The transition is from level j  to i, so that E,- is the energy level of the lower 

level.

R e f e r e n c e s . -  1: Moore (1972); 2: Wiese, Smith & Glennon (1966); 3: Crowther (1993).
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to the dispersion curve of the arc spectra gave very good fits with typical errors on 

each of the eight arc lines of between 3 and 9 mÂ). Heliocentric corrections and HJD 

mid-exposure times were calculated using RV (Wallace & Ely 1991). The spectra 

were then linearly scaled to 0.2877Â per wavelength sample 37 km s“  ̂ over two 

velocity samples -  close to the original sampling). Finally, the spectra were rectified 

in an identical manner to those of the ^ Oph KPNO dataset described in Chapter 2 (§ 

2.1.4), with continuum regions carefully chosen by inspection of the mean data frame 

(see Figure 3.18). Table 3.1 gives a log of the KPNO (  Pup observations. Inspection 

of the final rectified spectra showed that the average S/N in the continuum ranged 

from 190 to 660, the mean S/N for the entire dataset was 367.

To highlight the Ipv, difference spectra were produced by subtracting the mean 

rectified spectrum from the data. This procedure was identical to that used for the 

KPNO C Oph data (Chapter 2, § 2.1.4).

3.3 Line-profile variations

Using the ratioed and difference spectra, together with their corresponding helio

centric mid-exposure times, greyscale representations of the Ipv were constructed 

for both datasets. These have been linearly interpolated in time and are shown in 

Figures 3.7-3.12 (AAO), and in Figure 3.13 (KPNO).

3.3.1 AAO greyscales

The mean line profiles are also displayed in the lower panels of Figures 3.7-3.12. 

Inspection of the mean profiles show the wind contamination effect described by 

Fullerton (1990) evident in the broad emission base which surrounds the C iv AA5801, 

5812Â doublet and the slight P-Cyg shape of the He I A5876Â and N iv A6381Â (the 

former is affected by the telluric line decontamination process which has not restored 

the red wing of the line profile). As observed by Fullerton (1990) and Baade (1991), 

inspection of the greyscales show ‘bumps’ and ‘dips’ moving in the line profiles from 

blue to red. This behaviour is similar to other stars which exhibit Ipv where the 

underlying origin of the variability has been attributed to photospheric NRP.
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Figure 3.7: Greyscale representation o f Hell X5411Â ratioed spectra from the AAO dataset 

scaled between ±2.0% o f the continuum (white = 2.0%)
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The variation shown in the greyscales can be estimated as a percentage of the 

continuum by multiplication and then subtraction of the mean line depth. Thus, the 

variability is strongest in Hell A5411Â, with variations peaking between 1.5-2.0% of 

the continuum; the ‘tram lines’, seen in the blue wing of this He ii transition, are 

due to gross flat-field features not removed by the reduction procedure. Very strong 

variability is also shown in the truncated line profile of Ha A6563Â, estimated at ~  

1.5% of the continuum. Additionally, the variations in the blue wing of Ha extend 

to ~  —800 kms~^ during the time series. Lines of Hel A5876Â, C iv AA5801, 5812Â, 

N IV A6381Â and He il A6404Â show variability to 1% of the continuum. The He ii 

lines at AA6527, 6683Â -  the latter transition is blended by weak He I A6678Â -  are 

very weak with variability < 0.5% of the continuum.

The qualitative pattern of variability in the line profiles is similar in each of 

the transitions and suggests a common variability mechanism. There appear to be 

subtle differences, but these may have been introduced by the ratioing procedure on 

different orders. The structure of the variations is complex; sometimes the ‘bumps’ 

or ‘dips’ are seen to move simply from blue to red, on other occasions the feature 

may deepen suddenly and fade quickly {e.g., Heil A5411Â at H JD .. .4.1). It appears 

that some individual features merge to produce these larger variations. There is also 

the suggestion of some features moving from red to blue opposing the general Ipv 

trend. Such features are seen in the blue wing emission feature of Ha, but zdso in 

He II A5411Â at H JD .. .4.1.

3.3.2 K PN O  greyscales

The KPNO spectra are fragmentary, but they do show the Hell A4686Â transition. 

The greyscale of the difference spectra and mean spectrum of Figure 3.13 show that 

this is in emission and variable. Due to the short (<^1 hour) observing windows 

afforded to (  Pup during the Zetathon campaign, the variability seen in the emission 

of He II is only highlighted on different observing nights. Sharp apa and ape are seen 

in the residual intensity with respect to the mean profile in the He ll emission feature. 

These are very slow to evolve in an observing window. The variations are strong, 

the apa and ape are estimated to peak at ~  2.5% of the continuum. There is also the 

suggestion of variation in the C Ill/N III emission feature at A4640Â. These variations
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are much weaker and appear similar to that observed in He II for a single observing 

window.

3.4 Tem poral variance spectra

The TVS technique, whereby the strength and extent of the variability are quan

tified, can be used on both datasets (the TVS technique is described in Chapter 

2). All the observations have high S/N (although there are some exceptions in the 

KPNO dataset). Therefore, the approximation of <r,j = (Tcjy/Ti, is valid. However, 

for the AAO dataset, the straight substitution of this approximation to yield the 

TVS equation (Eqn. 2.7, Chapter 2) is complicated by the blaze nature of the echel- 

logram. This causes the value of acj to change as a function of position in an order 

(higher S/N at the peak of the blaze). Inspection of the unreduced stellar spectra 

show that, based on pure poissonian statistics, the value of (Jcj taken at the order 

edge is, on average, ^ 1 . 1  times that measured at the peak of the blaze. Therefore, 

the wavelength dependency of (Tcj can be overcome by adopting the mean acj cal

culated at the edges of the order. This will yield a slight over-estimate of acj at 

the centre of the order, and therefore any TVS calculated at these central positions 

wiU slightly under estimate the variability. The averaged r.m.s. deviation to the 

continuum, defined by careful inspection at both edges of each order was adopted 

as the order value of acj. The sample for each calculation of acj ranged between 100 

and 50 wavelength samples for each order edge.

3.4.1 AAO TVS analysis

For the AAO spectra, since the data are in ratioed format, the spectra must be 

multiplied by the order mean, before subtraction of the order mean to give the 

residual Sij—Si. The resultant TV spectra for the AAO dataset are plotted in Figures 

3.14-3.16. The mean and telluric-line spectra are also shown in the bottom panel. 

The TV spectra show spikes at the wavelengths of some of the telluric lines. This 

indicates that the telluric decontamination process has introduced some variability 

at these wavelengths in the time-series spectra. As described in § 3.1.3, the removal 

of deep telluric lines was problematic, therefore, it is expected that the TVS analysis
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Figure 3.13: Greyscale representation o f the difference spectra from the KPNO dataset. 

Scaled between ±3.0% o f the continuum. Variability is strong in the emission o f Hell X4686Â
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should pick up some variation of the residuals left at the sites of the telluric lines. 

Fortunately, most of variation due to telluric lines appear as sharp spikes and can 

easily be identified as such by referring to the telluric spectrum in the bottom panel.

A possible source of variability, not intrinsic to the star, could be introduced by the 

ratioing procedure. The low frequency echelle blaze, which had varied throughout 

the night, had proven problematic to remove in a consistent manner (particularly 

in the truncated line profile of Ha). Therefore the TV spectra presented for C Pup 

must be interpreted with some caution.

The TV spectra confirms quantitatively the variability highlighted in the greyscales 

of Figures 3.7-3.12, with the strongest variability in Hell A5411Â and in the trun

cated line profile of Ha A6563Â. Weak variability is confirmed in He li A6683, 6527Â. 

The variability (in the line profiles) appears to be confined towards the line profile 

wings giving a ‘double peak’ appearance. The symmetry of these peaks seems to be 

slightly redshifted with respect to the line centre. For the helium lines the redward 

peak is stronger. This trend is reversed for the C iv and N iv lines, although the 

TVS structure of the latter transition appears to be more complex. The variability 

of Ha is seen in line depth and the blue emission wing. The variability is estimated 

to extend to —800 kms“ ,̂ but this value may be an over-estimate due to ratioing 

problems associated with variation in the truncated line profile.

The ‘double peak’ behaviour of the TVS has been highlighted in Figures 3.17(a) 

and (b). Here, the TVS of Hell A5411Â, and He I A5876Â (Figure 3.17(a)) and 

the C iv doublet (Figure 3.17(b)) are plotted in velocity space with respect to their 

line centres in the rest frame of the star. The variability peak structure of the C iv 

doublet is superimposed on a broad base implying that there is some variability in 

the broad emission base. The blueward peak is stronger and narrower compared 

to the redward peak. The structure of the TVS of the two carbon lines is well 

matched in velocity space and both seem to be redshifted with respect to the mean 

line profiles. Figure 3.17(a) shows a similar TVS structure in the two helium Hues. 

The variability in the blue wing of both lines is weaker compared to the redward 

wing. The superposition of the He I and He ll shows that the variability structure of 

the He ll line seems to be shifted more to the redward wing. The variability in the 

He I line is restricted to within ±250 km s~ ', but for Hell, this variability extends 

to beyond —300 km s“  ̂ (the TVS in the blue wing of Hell A5411Â is partly due to
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gross flat-field features not removed during the data reduction).

3.4.2 K PN O  TV S analysis

For the KPNO datasets, the TV spectrum is shown in Figure 3.18. This confirms 

that the variation of both emission features (the N lll/C lll emission variability is 

relatively much weaker). The TVS can give an estimate to the extent of the varia

tion. The overall shape of the variation is ‘spikey’ and reflects the limited sampling; 

the ~  1 hour sampling windows catch slowly evolving apa and ape features on a rel

atively weaker profile variation -  this leads to the spikes in the TVS. The variability 

is strictly defined: the half-height TVS aa a function of velocity is —280 and 370 

km s“  ̂ with variability observed out to —450 and 540 kms“ ^, (uncertainties of ±  

20 kms“  ̂ are adopted on these values). The variation of the line profile reflect the 

changes in the He ii emission in the wind. The individual apa and ape features ob

served in the emission profile, could be due to inhomogeneities in the He ll emission, 

or due to enhancements in optical depth -  possessing azimuthal velocity (possibly 

due to co-rotation) -  further out in the stellar wind and highlighted by the emission 

feature. In either case, the TVS reflect the limits of the Hell variability in the stellar 

wind. Using these strict limits on the variability, for the standard wind velocity law 

of v{r) = Voo(l — where v{r) is the velocity of the wind at radius r (in stellar

radii) from the centre of the star of radius A*; Uqo is the terminal velocity of the 

wind. Placing /3 = 1.0, and using Vqo = 2520 kms” '  (Prinja et al. 1992), the Heii 

emission is restricted to within ~  4.5 R© of the stellar surface.

3.5 V elocity  m easurem ents

Individual features in the Ipv can be monitored as a function of line velocity in 

a similar fashion to that described in Chapter 2, (§ 2.3). This can quantify the 

behaviour of individual Ipv features described above, so that the behaviour of the 

Ipv can be compared from line to line. However, by comparison with the Ipv of (  Oph, 

the Ipv of (  Pup are, in general more difiicult to measure. For the AAO dataset, the 

individual ratioed spectra are displayed as a function of velocity (corrected for the

154



p " " 4

cO
Ü
CiO

•  I -H

o

o

CO

CO

OT
Ü
0 o

CO

—400 —300 —200 —100 0 100 200 300 400

Line Velocity (km s

F igure  3.17: (a) and (b). The temporal variance spectra, plotted as a function o f line 

velocity and corrected for the stellar radiai velocity, o f (a) H en X5411.09Â (solid line) and 

H el X5875.50Â (dashed line) and (b) the C iv  doublet X5800.87Â (solid line) and X5811.51Â 

(dashed line)

155



î

S

o
CO

8

o

CM

4 5 6 0 4 6 0 0 4 6 2 0 4 6 4 0 4 6 6 0 4 6 6 0 4 7 0 0

Heliocentric Wavelength (Â)

Figure 3.18: The temporal variance spectra o f  the KPNO dataset

published radial velocity^ for (  Pup of —24 kms” ')  and time in Figures 3.19-3.22. 

The difference spectra of the KPNO dataset are shown in Figures 3.23. The spectra 

displayed in Figures 3.19-3.23 have been smoothed in an identical fashion to the C 

Oph difference spectra of Figures 2.11-2.15 (§ 2.3.2, Chapter 2), to highlight and 

assist the measurement of the prominent Ipv features.

3.5.1 AAO Ipv m easurem ents

Inspection of Figures 3.19-3.22, show that there are some individual features which 

are very strong and can be easily followed across the line profile; however much of 

the variation is of a more subtle nature and proved difficult to monitor. As a result, 

only the more prominent features are recorded.

Lines of Hel A5876Â; Hell AA5411, 6406Â; C iv AA5801, 5812Â; Niv A6380Â; 

and Ha A6563Â were chosen since they aU displayed Ipv greater than ~  0.8% of 

the continuum. The radial velocities are estimated by careful inspection and have

^General Catalogue of Stellar Radial Velocities (1979)
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also been displayed in Figures 3.19-3.22. Since only the strongest Ipv are measured, 

the individual uncertainties on each point was estimated at 10 km s“ ^. Excluding 

the case of Ha, comparison of the individual Ipv accelerations show that there are 

common features in each of the lines, for example, the very strong ape features at 

~  -50-0  km s“  ̂ and H JD .. .3.25, .. .4.25, .. .6.15. As suspected from inspection of 

the greyscales of Figures 3.7-3.12, some Ipv features move from red to blue, e.g., 

in the red wing of the C iv doublet and N iv at H JD ...5.1, and also the red wing 

of Hell A6406Â at H JD ...3.2. This opposes the general trend of features moving 

from blue to red. It also appears that some of the major features present, are due 

to superposition of features moving in the same or opposing directions.

For Ha (Figure 3.22(a)) the variations are seen both in the line profile and in 

the blueward emission wing. Variations in line depth are observed (although, this 

is made difficult due to the truncation of the profile) and the variations of the blue 

emission wing show apa and ape moving blueward away from the line profile into 

the broader emission feature surrounding the line. These features may be due to the 

acceleration of inhomogeneities in the wind, or could be due to the changes in the 

emission profile and equivalent width (but, also see below).

As for C Oph, the acceleration across the line centre can be utilised to estimate 

the periodicity of features on the stellar surface using Eqn. 2.11 (Chapter 2), and 

be compared with previous estimates of the rotation period. Moffat & Michaud 

(1981) estimate a rotation period of 5.075 days, which is close to the value of 5.21 

days estimated by Balona (1992); using Eqn. 2.12 (Chapter 2), substitution of the 

stellar parameters, yields Pent — 3.0 days (72 hours). Using the stellar parameters 

for (  Pup (Table 1.2, Chapter 1), implies that sini unity. This would seem 

appropriate since (  Pup is one of the most rapidly rotating supergiants known. 

Therefore, using unweighted, least-squares analysis to fit a straight line to individual 

Ipv radial velocities which cross the line centre (values chosen are symmetric about 

line centre in the range ±  50 kms~^), the period of the features can be estimated. 

Inspection of the straight line fits to the Ipv showed r.m.s. deviations comparable to 

the estimated individual uncertainties of the Ipv, with the r.m.s deviations ranging 

from 7.2 to 19.7 km s“ .̂

By using these fits, it is possible to assess if photospheric rotational modulation.
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Table 3.3: C Puppis line centre accelerations

Line
Acceleration

(kms” Vhour)
No. of 
Points

P sca led

(hours/km 8" 1)

Hell A5411Â 26.94 ± 1.57 31 49.0 ±  2.8
17.24 ± 1.25 26 76.5 ±  5.5

Civ A5801Â 32.45 ± 4.05 21 40.7 ±  5.0
30.10 ± 2.22 31 43.8 ±  6.6

47.96 ± 5.43 11 27.5 ±  2.8
Civ A5812Â 28.96 ± 3.46 17 45.6 ±  5.4

36.17 ± 5.08 14 36.5 ±  5.1
35.25 ± 8.92 10 37.4 ±  9.5

He I A5876Â 37.13 ± 5.46 10 35.5 ±  5.2
Niv A6381Â 34.25 ± 6.04 13 38.5 ±  7.0

45.28 ± 11.79 9 29.1 ±  7.6
Hell A6406Â 48.08 ± 5.63 14 27.4 ± 3.2

66.62 ± 5.96 10 19.8 ±  1.8
Hell A6683Â 53.46 ± 5.50 12 24.7 ±  2.5

N o t e .  -  P s c a i e d  =  P r o t / / ( ^ ) g *'210  * ( s e e  C h a p t e r  2 ,  §  2 . 3 . 4 ) .

wind inhomogeneities, or NR? are responsible for the Ipv. In using Eqn. 2.11, it is 

assumed that the Ipv features are photospheric in origin and are equatoriaUy con

fined. The accelerations (all measured moving redward) and resulting periodicities 

are given in Table 3.3.

Comparison with the accelerations of (  Oph (Table 2.3, Chapter 2) and HD 93521 

(Table 4.3, Chapter 4), show that the the temporal variations in the profiles take 

much longer to transit. The results show that there is a spread in the accelerations, 

even in the same transition. The initial accelerations measured for (  Oph also 

showed a spread of results but this was due to measurements away from line centre. 

The measurements shown in Table 3.3 are all carefully chosen to avoid this problem. 

Therefore, the spread of results seems to genuinely reflect the behaviour of the Ipv, 

i.e., individual Ipv move at different rates.

AU of the periods shown in Table 3.3 are shorter than previous estimates for the 

rotation period, with only one of the periods greater than the critical rotation period.
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This indicates that the origin of the modulation possess azimuthal velocity. This 

would rule out photospheric rotational modulation or corotating inhomogeneities in 

the wind, as an origin for the variations (but see § 3.7.1 below).

3.5.2 K PN O  Ipv m easurem ents

For the KPNO dataset, the variations in the Hell features are highlighted (as in the 

optical Ipv of (  Ophiuchi) as a sequence of apa and ape features seen in the residuals 

to the mean spectrum and plotted as a function of velocity in Figure 3.23. This 

confirms that the features appear static for an observing window. Unfortunately, 

these observing windows are not long enough to give any estimate of the acceleration 

of the individual features. In addition, it cannot be ascertained whether individual 

Ipv features observed on one night are re-observed the following night.

3.6 T im e-series analysis

The Fourier analysis technique applied to (  Oph in Chapter 2 (§ 2.4) can be applied 

to the data of (  Pup.

For both datasets, the ratioed or difference spectra are placed into data cubes 

of wavelength (z-axis) vs. HJD of the mid-exposure time of the ratioed spectra 

(y-axis) vs. residual ratioed intensity with respect to the mean order spectrum ( p r 

axis). Each wavelength sample produces an individual time-series light curve at that 

wavelength. A clean Fourier analysis of the individual time series proceeds with the 

resultant CLEANed power spectra placed into a second data cube (2-D periodogram) 

of wavelength (z-axis) vs. frequency (y-axis) vs. Fourier power (z-axis). Tests using 

the observational data and similarly sampled noiseless sinusoids, showed that for 

the AAO dataset, a gain of 0.4 over 100 iterations with the analysis restricted to < 

2.0-hr"^ was adequate to remove the aliasing to reveal any significant periodicity. 

For the KPNO dataset, a gain of 0.3 over 75 iterations was adopted.
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3.6.1 AAO 2-D periodogram results

The 2-D periodograms produced by the Fourier analysis are shown in Figures 3.24- 

3.26. The x-axis is adjusted to shown line velocity (corrected for the radial velocity 

of C Pup). In addition, to highlight the Fourier power in the line profiles, the 2-D 

periodogram are greyscaled between 0.5 x 10“  ̂ (white) and 1.0 x 10“^, except for 

He sc ii A5411Â and Ha where scalings are between 1.0 X 10“  ̂ (white) and 5.0 X 

10“^. On first inspection (excluding Ha), these 2-D periodograms do not seem to 

show any coherent periods across the line profile; because of the short nature of the 

time series, low-frequency candidates, < 0.025-hr"^ (~  two cycles in the length of 

the time series), are eliminated immediately. The non-detection of such a pattern 

does not necessarily rule out the NRP hypothesis of Baade (1986). Such periodicity 

may be present in the data, but the combination of temporal sampling (four nights, 

with one half of the final night lost) and reduction procedure may cause aliasing or 

spurious features; consequentially, the CLEAN algorithm ‘locks’ onto the alias periods 

and produces false peaks in the final periodograms.

Closer inspection of the He ll A5411Â 2-D periodogram shows two strong ‘stripes’ 

at a single frequency (0.12-hr“ )̂ in both wings of the line profile. Moreover, in 

the absence of a detection at this frequency, additional detections are seen at its 

alias frequencies. Summing the CLEANed periodograms in the Hell line profile, and 

performing a gaussian fit to the resultant spectrum, yields 8.5 ±  0.3 hours (here, the 

standard deviation of gaussian fits made to a sample of 38 individual CLEANed power 

spectra exhibiting the 8.5-hr peak is adopted as the uncertainty). This detection 

is very close to the main period found by Baade (1986) of 8.544 hours (for his i  

= —m = 2 mode identification), and prompts a search for the 8.5-hr period in the 

other 2-D periodograms. Each of the 2-D periodograms in Figures 3.24-3.26 has a 

dashed line at the frequency corresponding to the 8.5-hr period. The dotted lines 

either side show the l-d“  ̂ alias frequencies. With this guide, it is possible to see 

that detections seem to occur at the ±l-d~^ alias frequencies, indicating that the

8.5-hr period may occur in the other lines presented here, but that the sampling 

pathology has caused the CLEAN algorithm to ‘lock’ onto the alias frequency.

To investigate the 8.5-hr period detected in Hell A5411Â (and suspected in the 

remaining line profiles) further, the peak amplitude in a range ± 0 .012-hr~^ (the half-
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width-half-maix of the period peak) centred on the frequency of the 8.5-hr period 

in each of the dirty periodograms, together with the phases of the best-fit sinusoids 

with respect to the mean time of observation, are identified and plotted as a function 

of line velocity (see § 2.4.4, Chapter 2) along with the mean spectrum in Figures 

3.27-3.35. Two significance levels (99% and 68% confidence) have also been plotted, 

and were computed using the Monte-Carlo simulation technique described in § 2.4.4, 

(Chapter 2). Inspection of Figures 3.27-3.35 show that the detection at 8.5 hours 

in the line profiles were not a result of random noise. For all the lines (excluding 

Ha), the strength of this variation is concentrated in the wings of the line profiles, 

although an exception is N IV where power is spread about the line profile more 

evenly. If the Ipv is due to NRP, then this is indicative of significant horizontal 

pulsation velocity (k > 1; see Chapter 5). The phase of the sinusoids in all the line 

profiles (except Hell A5411Â and Ha) show a systematic decrease in the blue wing, 

however, in the red wing the phase remains close to constant. This behaviour is 

reversed for Heii A5411Â.

For Ha, the 8.5-hr period is detected in the blue emission wing of the line (Figure 

3.34). The 8.5-hr sinusoidal semiamplitude plotted as a function of velocity shows 

that periodicity extends from within the line profile at —100 km s“  ̂ to ~  —700 

kms~^ (there is a strong peak in the line centre). Baade (1986) re-analysed the Ha 

time-series data of Moffat & Michaud (1981) and reported the presence of an 8.5- 

hr period in the data (although this was shorter than the Nyquist period). Baade 

concluded that the i  = —m = 2 pulsation has some influence on the base of the 

stellar wind. The observations presented here support Baade’s hypothesis. [It is 

noted, however, with the line profile truncated in such a fashion, the Ipv in this 

transition and in the blue emission may cause errors in the ratioing procedure and 

introduce erroneous periodicity. For each spectrum, it is possible that variability in 

the core of Ha wiU modulate the fitting of the low-order polynomial in the ratioing 

procedure (see § 3.1.3) and transfer that periodicity to another part of that line. 

This may account for the periodicity seen outside the line profile of Ha. Therefore, 

the detection of the 8.5-hr period in the emission wing of Ha must be viewed with 

caution.!
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3.6.2 K PN O  2-D periodogram  results

For the KPNO data, the 2-D periodogram is shown in Figure 3.36. The 8.5-hr peri

odicity and the alias frequency lines have been plotted onto the 2-D periodograms. 

No coherent periodicity is immediately obvious; no confidence can be assigned to 

the low frequency periodicity ~  0.0206-hr“  ̂ (= 48 hours) due to the poor sampling. 

No firm conclusions can be drawn from the non-detection of periodicity; using noise

less sinusoids through the temporal sampling, it was found that even single periods 

could not be recovered using the CLEAN analysis -  the sampling is too poor. A more 

extensively-sampled time series is required.

3.7 D iscussion

The 8.544-hr period reported by Baade (1986) is recovered in the Hell A5411Â line 

and strongly suspected to be present in other transitions pertaining to the AAO 

dataset. This indicates that some characteristics of the line profile variability are 

reproduced over a timescale of at least four years. The Ipv is not strictly periodic, 

therefore, if NRP were solely responsible for the modulation, multiperiodicity is 

expected. Yet, there is only one coherent period in the Ipv. There must be additional, 

relatively strong modulation in the line profiles, either astrophysical or introduced 

by the reduction procedure. This additional modulation would then swamp out 

the variation due to the pulsation and result in the severe aliasing seen in the 2- 

D periodograms. Although it has been shown that some variation is due to the 

reduction procedure -  in particular, at the sites of some of the telluric lines and 

the blue emission wing of Ha -  the similarity of the Ipv seen in all the transitions 

strongly indicates that the modulation observed in the line profiles is astrophysical 

in origin.

3.7.1 Origin of the additional m odulation

The additional variability could be due to the stellar wind. The nightly variation of 

the Hell A4686Â emission feature and nightly change in the Ha blueward emission 

feature, show that there is modulation at the base of the stellar wind. The line
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profiles of the C IV doublet and He I A5876Â show evidence of wind contamination 

and these line profiles are likely to be formed at the stellar-wind base and/or in the 

wind close to the photosphere. Therefore, it is expected that these lines should show 

modulation due to the some variation in and close to the stellar wind/ photospheric 

interface. From inspection of the greyscales of Figures 3.7-3.12 and the Ipv mea

surements of § 3.5.1, the Ipv of all the lines presented here, excluding Ho:, are very 

similar. Thus, Ipv which is attributed to wind variation in the C iv doublet and Hei 

A5876Â lines, are also seen in aU the line profiles.

In § 3.5.1, the acceleration of individual Ipv features across the line profile centre 

indicated that an azimuthal component must be present in the origin of the Ipv; this 

excluded rotational modulation as a possible source of the additional variability. 

However, the analysis presented in § 3.5.1 assumed that the origin of the Ipv was 

photospheric, equatorial and took no account of differential rotation effects, i.e., f{9) 

= ^ = 1 in Eqn. 2.11. For (" Oph (Chapter 2), rapid rotation and the behaviour of 

the He I and He l l  lines implied gravity darkening which constrained these quantities 

to unity. However, for (  Pup, there is no evidence to suggest that f(^) and g should 

equal unity; and this would account for the spread of periods in Table 3.3. Therefore, 

it is possible the additional variations are due to RM of either photospheric or co- 

rot ating wind inhomogeneities, and since the variations of the wind affected line 

profiles are seen in all the line profiles, the latter is the more likely origin.

The intensive time-series study presented here shows that there is some move

ment of individual Ipv opposite to the general trend of features moving from blue to 

red. This behaviour is similar to that observed by Fullerton (1990) for 0-supergiants. 

This was attributed to outward acceleration and infaU of inhomogeneities in the in

ner part of the stellar wind. It can be concluded that some modulation in the line 

profiles of C Pup is due to the variation near the base of the stellar wind.

Although NRP are suspected, there exists another possible explanation for the

8.5-hr period which could be detected in at different observing epochs. A Fourier 

time-series analysis can identify periods which are a sub-multiple of a period which 

is longer than the observational time series. The AAO time series is shorter than 

the estimated rotation period and the 8.5-hr period is ~  1/60 its value. Is it possible 

that a sub-multiple of the rotation period has been identified? The distribution of
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the time series presented by Baade (1986) was not reported, however, the two Ha 

time series analysed by Moffat & Michaud (1981) contained at least two rotations 

of C Pup. Therefore, the 8.544-hr period identified by Baade’s (1986) re-analysis is 

unlikely to be a sub-multiple of the rotation period.

3.7.2 Com parison w ith ultraviolet results

Prinja et al. (1992) report on extensive lUE UV time-series observations of C Pup, 

obtained as part of the Zetathon campaign outlined in Chapter 2. Thirty-one high 

resolution (R^IO'*), (SWP1150-2000Â) spectra were obtained over a period of 5.25 

days in April 1989, with the main time-series observations (spectra taken every 2-3 

hours) spanning 2.25-days. The remaining spectra obtained in 3 groups collected 

before and after this intensive monitoring. The unsaturated absorption components 

in the P-Cyg profiles of Si IV AA1394, 1403Â show discrete absorption components 

(DACs) accelerating from low velocities (~  500 kms~^) towards two narrow absorp

tion components (NACs) located at —2150 and —2300 km s“  ̂ (see Figures 2 and 4 

of Prinja et al. 1992). In this time series, five DACs are observed with three of these 

features followed from low to high velocities on estimated timescales similar to the 

recurrence timescale. The recurrence timescale for these features at low velocity is ~  

15 hours and is supported by the identification of four more DACs in the remaining 

data.

The DAC recurrence timescale is similar to the superperiod predicted by the 

8.544-hr period {I = —m = 2) reported by Baade (1986). Therefore, there is a 

possibility that the suspected pulsation has some influence on the inner part of the 

stellar wind.

3.7.3 Com parison w ith photom etric results

Balona (1992) reports on Stromgren 6-band photometric observations of (" Pup ob

tained at the SAAO using the 0.5-m Sutherland reflector. The observations were 

made at several seasons, with a series of observations collected as part of the Ze

tathon campaign of April/May 1989. These observations straddle the epochs of the 

UV and KPNO optical spectroscopy and show weak variability: the r.m.s. scatter
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was estimated at 5.5 millimags which compares with the estimated uncertainties on 

individual measurements of 3.0 millimags. Fourier analysis revealed no significant 

periodicities. Observations taken in January 1986 show a periodicity of 5.21-days 

(or its alias of 1.21-days) which agrees well with the estimate of the rotation period 

of 5.075-days (Moffat & Michaud 1981). It was concluded that (  Pup is an irregular 

micro-variable, with inhomogeneities in the photosphere or stellar wind coupled to 

the stellar rotation responsible for the photometric variations.

Given these results, the behaviour of the wind affected lines (see above) and the 

Ha observations of Moffat & Michaud (1981), it can be concluded that some of the 

Ipv of (  Pup are due to the corotation of inhomogeneities within the stellar wind.

3.7.4 Pulsation param eters

The detection and evaluation of the 8.5-hr period in § 3.6.1, showed that not aU 

the modulation in the line profile was due to the stellar wind. Since this period 

was detected previous analyses and attributed to pulsation, the phase diagrams of 

Figures 3.27-3.35 can be employed to estimate the possible pulsation parameters. 

Employing the argument of Gies & Kullavanijaya (1988), the phase points will cross 

m r within the line profile (see § 2.4.6, Chapter 2). As discussed in §3.6.1, the phase 

of the 8.5-hr period is not a continuous smooth curve as observed for the detected 

periods in (  Oph (Chapter 2) and e Per (Gies & Kullavanijaya 1988), therefore no 

fitting technique can be employed as in § 2.4.6. From inspection of Figures 3.27- 

3.35, the phase can be estimated to cross between 2 and 4 w inside the line profiles. 

Thus, an identification of the azimuthal pulsation parameter, m, of between 2 and 

4 can be assigned to the 8.5-hr period. This provisional mode identification range 

incorporates that identified by Baade (1986).

3.8 Sum m ary

Greyscale representation of the Ipv has shown that the qualitative pattern of variabil

ity is similar from line to line (except in the case of Ha), which has been confirmed 

by the analysis of the individual Ipv. The TVS analysis has shown that the variabil

ity of the line profiles has a double-peaked appearance which suggests a dominant
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azimuthal component to the Ipv.

A Fourier analysis has shown the detection of a single period of 8.5 hours across 

the line profile of Hell A5411Â. Furthermore, there is a strong suspicion that this 

period is present in the other transitions, since the aliases of this period seem to be 

present in these other line profiles. Analysis of the sinusoidal semiamplitude profile 

of this period shows considerable power in the wings of the line profiles. The phase 

shows a systematic decrease in the blue wings, but not in the red where it is almost 

constant. This pattern is reversed for the Hell line. The period is too short to be 

due to rotational modulation, and assuming pulsation, the phase pattern indicates 

a possible m  identification of between 2 and 4, similar to that identified by Baade 

(1986).

Additional modulation is present other than that attributed to the 8.5-hr period. 

The variability of the Hell A4686Â emission profile, and the nightly variations of 

the blueward emission wing of Ha, confirms that there is variation at the base of 

the stellar wind. The lines which are thought to form at the base of the stellar wind 

show Ipv similar to the remaining lines (excluding Ha), therefore, wind variability 

is attributed to the additional modulation. Since this additional modulation is seen 

moving from blue to red, combined with the results of photometry and the Ha 

observations of Moffat & Michaud (1981), the origin is suspected to be corotation 

of inhomogeneities within the stellar wind.

If photospheric NRP is present, the modulations due to the stellar wind appear 

to be have swamped the NRP Ipv; this has resulted in the aliasing of the 2-D 

periodograms. The aliasing problems do cast doubt upon the validity of the period 

and mode identification. A longer time series would be required to investigate this. 

Based on the analysis presented here, C Pup has yet to be confirmed as a pulsating 

star.
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C hapter 4

HD 93521

The similarity of HD 93521 to (  Oph is remarkable. Both are the same spectral 

type and exhibit the same rapid rotation. HD 93521’s high galactic latitude (b = 

+62°) and relatively brightness have made it a favourite for studies of the interstellar 

medium in the galactic halo (e.g., Pettini & West 1982; Hobbs et al. 1982; Spitzer 

& Fitzpatrick 1992). As summarised by Lennon et al. (1991) and Howarth & Reid 

(1993), the stellar parameters of HD 93521 are controversial, principally due to its 

high galactic latitude. HD 93921 has been classed as a Pop. I 09 V object at 1400 pc 

above the galactic plane by Hack & Yalmaz (1977), a view endorsed by Hobbs et al. 

(1982) based on a re-evaluation of its spectral classification in the MK system (which 

is adopted for this work and given in Table 1.2, Chapter 1). This view is challenged. 

Bisiacchi et al. (1978) classified HD 93521 as a sub dwarf binary. RameUa et al. 

(1980) and Ebbets Sz Savage (1982) support the hypothesis that HD 93521 is a 

low mass, subluminous Pop. II object. Both sets of authors calculated the mass, 

radius and luminosity using the correlation of Vqo, obtained from the UV P-Cyg 

profiles, with surface escape velocity (Abbott 1978). The latter authors obtained a 

solar-mass star of radius SRq and luminosity IQ^Lq . However, Irvine (1989), has 

criticised this argument by pointing out that both sets of authors had incorrectly 

used the relationship derived by Abbott (1978).

Recent work by Lennon et al. (1991) and Howarth & Reid (1993) has concluded 

that HD 93521 is a Pop. I 09.5 V star, recently formed out of the galactic plane. The 

steUar-atmospheric parameters derived by the former authors are adopted for this
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work. These were obtained by comparison of high-S/N, CCD optical spectroscopy 

with synthetic line profiles generated from non-LTE hydrogen and helium model 

stellar atmospheres, using similar techniques to those used by Herrero et al. (1992). 

These are given in Table 1.2 (Chapter 1). In addition, the Ug sin i, which was obtained 

by Lennon et al. (1991) by use of the Fourier technique of Gray (1992), is adopted. 

This value agrees exactly with that of Conti & Ebbets (1977) which was obtained 

by fits of synthetic Doppler-broadened line profiles to observations. Magnitudes are 

those obtained from the most recent photometric study. Finally, the mass-loss rate, 

mass, radius and distance are adopted from Howarth & Reid (1993).

Variability has been noted. Garmany et al. (1980) noted velocity changes in the 

line profiles, classifying this star as a possible binary. Variable absorption of coronal 

[Fexiv] was reported by Hobbs & Albert (1984), which was attributed to either hot 

interstellar gas or localised hot gas, magnetically confined to the stellar corona and 

corotating with the star.

Such similarity to a star which exhibits Ipv in the manner as ^ Oph makes HD 

93521 a prime candidate for a similar time-series analysis. During the search for Ipv 

among a large sample of 0 -stars, strong Ipv (~  1% of the continuum) were detected. 

A follow-up time-series study (Fullerton, Gies & Bolton 1991) showed the presence 

of a single, short-term period in the Ipv. It was strongly suspected that the velocity 

field of HD 93521 was dominated by a single, sectorial mode of high degree (8 < i  < 

10). Additional modulation due to circumstellar material was also suspected. This 

view was supported in the recent analysis by Howarth & Reid (1993).

This Chapter details analysis of two optical spectroscopic sets of data obtained 

using the 4.2-m William Herschel Telescope (WHT) with the Utrect Echelle Spec

trograph (UES), La Palma. Although these data are fragmented and limited in 

temporal coverage, the echeUe nature make these observations useful as a compari

son with those of (" Oph detailed in Chapter 2.

4.1 O bservations o f HD 93521

Two optical spectroscopic datasets of HD 93521, pertaining to two epochs separated 

by just over one year, were obtained using the UES attached to the WHT, La Palma.

185



Table 4.1: Log of HD 93521 spectroscopic observations

Date
Universal

Time
JD

(2440000 -f-)
No. of 
Spectra

1992 19-20 February 02:36 -  02:59 8672.608 21

1992 20-21 February 02:26 -  03:11 8674.601 8

1993 2-3 March 20:33 -  06:11 9049.364 26

1989 5-6 March 23:28 -  05:44 9052.487 8

N o t e s . -  The Julian Date refers to the commencement of observing.

The UES is almost an exact copy of the AAT UCL EcheUe Spectrograph (UCLES) 

described in Chapter 3, §3.1, but with modifications to account for the fast Nasmyth 

beam {e.g., Walker et al. 1986). For both epochs the spectra were coUected using 

the 31 Unes/mm grating and the 1242 x 1152 x 22.5 //m EEV CCD used to record 

the echeUogram.

4.1.1 Optical spectroscopy obtained in 1992

The first data set pertains to February 1992 and was obtained during the commis

sioning of the UES. Due to poor weather and technical difficulties associated with 

the commissioning, spectra were coUected on only two consecutive nights, with 21 

and 8 data frames taken respectively (a log of both sets of observations is given in 

Table 4.1). A 5 arcsecond sUt length was used throughout to prevent inter-order 

overlap. To account for the pixel-to-pixel variation of the CCD, a quasi-uniform 

fiat field was attempted by opening the sUt fuUy in the spatial direction (in the 

manner of Baade h  Crane 1990). The CCD was positioned so that a coverage ~  

4400-6900 Â (with smaU gaps due to incomplete coverage of the free spectral range) 

was available. Exposure times for both nights varied between 300 and 500 seconds.

Using the numerous flat-field and bias frames also coUected, the raw CCD 

spectra were reduced to Unearly sampled (~  5 km s”  ̂ over two velocity samples), 

heUocentric-wavelength calibrated, teUuric-Une decontaminated, unrectified spectra 

by Ian Howarth, using the echeUe-reduction software e c h o m o p  (see Appendix A) 

and standard techniques using the FIGARO software suite (see Howarth & Reid 1993).
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Inspection of the final spectra showed that the fiat-fielding procedure had failed to 

remove much of the pixel-to-pixel variation and fringing. This resulted in S/N ra

tios of typically only 100 in the continuum. However, much of the noise is fixed 

pattern and thereby removed by using ratioed spectra (as for (  Pup, Chapter 3) 

rather than difference spectra prior to the heliocentric-wavelength correction. The 

ratioed spectra were produced by dividing the individual, unrectified spectra by the 

unrectified mean to give an intermediate spectrum. This removed the low frequency 

echeUe blaze, but preserved the high frequency Ipv. A low-order polynomial (2nd 

order) was fitted to the intermediate spectrum to remove the small variations in 

echeUe blaze over the sequence of observations. The polynomial fit was then divided 

into the original spectrum. This new intermediate spectrum was then divided by 

the mean unrectified spectrum to give the final ratioed spectrum. The average S/N 

in the continuum for each of the transitions presented are given in Table 4.2.

4.1.2 Optical spectroscopy obtained in 1993

The second dataset pertain to early-March 1993, and were obtained by Ian Howarth 

and the author. Again, poor weather meant that only a very smaU part of the 

scheduled 5 nights of observing were realised. Only the first and part of the 3rd 

nights were clear for observing (see Table 4.1). As in the case of the first dataset, 

the sUt length was set to 5 arcseconds. However, exposure times were increase 

to typicaUy between 10 and 15 minutes to increase the S/N. Numerous bias and 

Hat-held frames were also coUected, with the flat-held frames obtained using a 7 arc- 

second sUt length. This gave a flat-held order width which encompassed both the 

data orders’ steUar prohle and adjacent background scattered Ught (see Appendix 

A, § A.2.4).

The data were extracted from the raw CCD frames using e c h o m o p  but this 

time using the flat helding option (see Appendix A, § A.2.4). This gave unrectihed, 

wavelength calibrated spectra. Orders redward of ^  6000Â proved too problematic 

to extract properly. As a consequence, analysis of only a subset of the original 

dataset is given here. TeUuric Une decontamination (see Chapter 3, § 3.1.3), and 

heUocentric mid-exposure times and wavelength corrections, calculated by using the 

RV software (WaUace & Ely 1991), were subsequently appUed to these extracted
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Table 4.2: Primary transitions studied in HD 93521

Line
Species

Atomic
Transition

Rest
Wavelength

(A)
E. ^

(eV) (eV) Ref
Mean S/N 
(continuum) ^

February 1992

Hell 4-8 4859.32 50.80 53.34 1 113

H/? 2-4 4861.32 10.199 12.749 2 205

He I l s 2 p - ls U  3p°-3D 5875.67 20.964 23.074 2 205
Hell 4-6 6560.10 50.80 52.68 1 201
Ha 2-3 6562.80 10.199 12.088 2 201

He I U 2p-U Zd 6678.15 21.218 23.074 2 216

Hell 5-13 6683.20 52.02 53.86 1 216

March 1993

He I Is2p-U 4d  3po-3D 4471.52 20.964 23.736 2 126
Hell 3-4 4685.68 48.16 50.80 1 139
He I Is2p-ls4s 3po-3s 4713.15 20.964 23.594 2 127
Hell 4-8 4859.32 50.80 53.34 1 158

H/? 2-4 4861.32 10.199 12.749 2 158

He I Is2 p -ls4 d  ip°-iD 4921.93 21.218 23.737 2 157

He I Is2p-ls3p ^S-^P° 5015.68 20.616 23.087 2 166

Hell 4-7 5411.52 50.80 53.08 1 199

He I Is2p-ls3d 3po_3D 5875.67 20.964 23.074 2 216

N o t e s . -  ^The transition is from level j  to i, so that E,- is the energy level of the lower 

level. ^The r.m.s. S/N measurements are for the ratioed spectra (1992) and the unrectihed 

spectra (1993).

R e f e r e n c e s . -  1: Moore (1972); 2: Wiese, Smith & Glennon (1966).
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spectra (as described in Chapter 2, § 2.1.4). The spectra were resampled to a linear 

wavelength (close to the original sampling, giving a dispersion of ~  11.0 kms~^ over 

2 velocity samples) and then ratioed in the exact manner as that described for the 

1992 dataset above. The average S/N for each of the transitions presented is given 

in Table 4.2.

4.2 Line-profile variations

For both datasets, several of the optical absorption lines show significant Ipv. Unfor

tunately, due to the increased noise, and limited temporal sampling of both datasets, 

the C L E A N  Fourier analysis technique, used in the previous chapters, cannot be ap

plied to these datasets. The greyscale representations of both datasets are displayed 

in Figures 4.1-4.5 (for 1992) and in Figures 4.7-4.14 (for 1993). For the February 

1992 dataset, characteristic ‘bumps’ and ‘dips’ are seen moving from blue to red in 

the line profiles of He I AA5876, 6678Â, Ha A6563Â, and H/3 A4861Â. Both of the 

He I and H I lines presented in Figures 4.1 and 4.3-4.5 show variability which peak at 

~  1% of the continuum (after accounting for the ratioing of the individual spectra). 

The Hell A5876Â line of Figure 4.2 shows no visible variability at this detection 

limit (estimated at 0.3% of the continuum).

The He I A6678Â line in particular shows a series of distinct and regular ‘bumps’ 

and ‘dips’ moving steadily redward in the line profile. In a qualitative sense this 

would suggest an origin with cylindrical symmetry. The hypothesis of a single high- 

degree NRP sectorial mode {i = —m = 8 ±  1) with an observed periodicity (Pob) 

of ~  1.8 hours dominating the stellar velocity field put forward by Fullerton, Gies 

Sz Bolton (1991) is supported by these observations.

For comparison, synthetic line profiles generated by an NRP stellar model (Pes- 

neU 1989; also see Chapter 5, § 5.1) are displayed in Figure 4.6. The model, based 

on the slow rotation approximation (see Chapter 5), was generated to match the 

reported Ipv periodicity, using the eigenvalues i  = —m  = 9, with Ugsini = 400, 

and a pulsational amplitude of 5 km s” ,̂ for two values of k (the ratio of horizontal 

to vertical pulsation velocity). Based on this comparison, it is more favourable to 

revise the eigenvalues of Fullerton, Gies & Bolton (1991) and use i  = —m  = 9 ±  1
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as a better estimate, with k estimated to lie close to zero.

For the 1992 dataset, the regular, systematic Ipv behaviour of Hei A6678Â is in 

contrast to that shown in H/3 and more particularly Ha. In Ha the Ipv is not regular 

and appears to move much more slowly across the line profile. The behaviour of 

the Ipv in the Hi lines is also seen in Hei A5876Â, as well as some of the features 

seen in Hei A6678Â. The mean line profile of Ha shows both blueward emission 

and asymmetry (although the latter effect may be due to a combination of limited 

wavelength coverage and rectification procedure and a blend from the He II A6560Â 

6-4 transition). Similarly, the mean line profiles of both Hei lines show asymmetry, 

with the A5876Â line showing a considerable asymmetric profile and the possibility of 

weak emission in the line wings, although the asymmetry in the He I A6678Â maybe 

due to blending with the Hell A6683Â 13-5 transition. These emission wings suggest 

the presence of circumstellar material, indeed, emission wings and the variation in 

line width of the Hi lines had lead Irvine (1989) to conclude that HD 93521 was a 

‘shell’ star. Fullerton, Gies & Bolton (1994) concluded the presence of circumstellar 

material based on observations of He I A5876Â and Ha which show nightly variations 

in line shape and wing emission. The presence of circumstellar material offers an 

explanation for the divergent behaviour of the Ipv; the Ipv exhibited by HI is due to 

the rotational modulation (RM) of circumstellar material, whilst that observed in 

He I A6678Â is due to photospheric NRP, with perhaps the Ipv of He I A5876Â due 

to a combination of both.

The dataset pertaining to March 1993 is more extensive in wavelength coverage 

in the blue and has the greater S/N estimated in the continuum, but is countered 

by the limitation in temporal sampling. Similarly to the 1992 dataset, the Ipv are 

seen in lines of He I and H/). The strongest modulation appears in H/9 and Hei 

A5876Â showing variations which peak at rv 1.2% of the continuum. The remaining 

He I lines show variations which are much weaker, and peak between ~  0.5%-0.8% 

of the continuum. The Hell A5411Â line shows no detectable variation (at the 

estimated detection limit of 0 .2% of the continuum). However, there is a suspicion 

of variability in the Hell A4868Â line (Fullerton, Gies & Bolton 1994, also detected 

small scale Ipv similar to that detected in their observations of He I A4713Â). Close 

inspection of the He I lines (excluding A5876Â) in Figures 4.7-4.14, show irregularly 

spaced ‘ripples’ of Ipv as opposed to that observed in Hei A6678Â in 1992. These
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new He i observations cast doubt on the theory that a single NRP mode is always 

responsible for the Ipv. Smoothly redward migrating bumps and dips are observed, 

but in addition, there are some modulations which seem to be superimposed on this 

IpT pattern. These additional modulations strengthen and fade on timescales of 2-3 

hours (particularly evident are the two parallel ‘dips’ just redward of line centre 

which strengthen at H JD ... 9049.40 and fade by H JD ... 9049.55). The strong Ipv 

of He I A5786Â and Hy3 differ from the Ipv of the remaining He i lines in that the 

additional irregular modulation -  which appear to be superimposed on the He I lines 

-  are the dominant features in these transitions.

As discussed above, the Ipv of He I A5786Â and the H I lines are suspected to be 

attributable to both photospheric NRP and, particularly for the hydrogen transi

tions, RM of circumstellar material. Therefore, it appears that both RM and NRP 

are responsible for the Ipv shown in the transitions displayed in Figures 4.7-4.14, 

with the weaker Hei lines showing Ipv principally due to photospheric NRP (but 

this maybe due to more than one mode of pulsation) and the strong He I A5876Â 

and H/? lines showing Ipv principally due to RM of circumstellar material.

4.2.1 Behaviour of the helium  lines

Line-profile variations are detected for both datasets in all the He I lines. No detec

tion was made in Hell A5411Â (for both datasets), whilst there is only a suspicion 

of variability in Hell A4686Â, as in the case of C Oph. Using von Zeipel’s theo

rem (1924), the rapid rotation of HD 93521 is expected to produce a significant 

latitude-dependent, surface-temperature gradient (pole hottest), with Hell formed 

preferentially at the poles. Using the superior S/N 1993 dataset, the HWHM veloc

ity of the mean Hei A4921Â and Hell A5411Â line profiles are 330 and 260 km s”  ̂

respectively, with a 10% uncertainty estimated. (Gaussian fits were used to estimate 

the line centres and depths, but the HWHM were estimated by careful inspection; 

the lines chosen were closer to the centre of the order and free from contaminating 

line blends.) Thus, it is estimated that the Hell ‘polar caps’ extend down to ~  

35° in colatitude (see Chapter 2, § 2 .2.2). The Ipv behaviour in the helium transi

tions therefore implies an equatorial origin for the modulation in a similar fashion 

to C Oph. This supports the sectorial NRP hypothesis.
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4.2.2 Velocity measurements

As in the case of C Oph, the acceleration of individual Ipv features can used to 

test if RM or NRP are responsible. However, since the results of FuUerton, Gies 

& Bolton (1992; 1994) strongly suggest NRP are responsible for the Ipv in the 

Hei lines (excluding A5876Â) and that only a single, sectorial mode of pulsation 

is dominant, then for sin * —> unity, the acceleration about the line centre of an 

individual Ipv wiU reflect the azimuthal velocity of the NRP wave. In addition, if 

corotating circumsteUar material is responsible for the variations in the HI lines, it 

is possible to obtain an estimate of the rotation period.

As discussed in Chapters 2 (§ 2.3) and 3 (§ 3.5), this type of analysis is restricted 

since only the stronger Ipv features can be recorded. The analysis of the Ipv is 

therefore restricted to the better S/N data pertaining to March 1993 and to the Hei 

A6678Â line from the 1992 dataset. The estimate of the rotation period was made 

using the Ha data of February 1992.

Figures 4.15-4.17 show the ratioed spectra as a function of line centre velocity 

and time with the individual Ipv features identified. The spectra displayed in Figures 

4.15-4.17 have been smoothed in an identical fashion to the C Oph différence spectra 

of Figures 2.11-2.15 (§ 2.3.2, Chapter 2), to highlight and assist the measurement 

of the prominent Ipv features. The velocities have been corrected for the estimated 

stellar radial velocity of —15.1 ± 1.9 kms“  ̂ calculated by cross-correlation of UV 

lines profiles of HD 93521 and those of 3 stars of similar spectral type (see Howarth et 

al. 1991; Howarth h  Reid 1993). Previous values of the radial velocity of HD 93521 

are —6 km s“  ̂ (Conti et al. 1977), —11.0 ±  7.1 km s“  ̂ (Garmany, Conti & Massey 

1980), and —15.6 ±  2.1 kms“  ̂ (Plaskett & Pearce 1931). Garmany, Conti & Massey 

(1980) had concluded that HD 93521 could be a binary system; however, Fullerton 

(1990) suspects that this was based on the observations of Ipv associated with NRP 

rather than orbital motion.

Using the criterion of § 2.3 (Chapter 2), the acceleration across the line centre 

of the He I lines (excluding A5876Â) were measured by fitting a straight line (using 

unweighted least squares analysis) to individual Ipv points within ±  100 km s“  ̂

of the line centre. The results are displayed in Table 4.3. These show a spread
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Table 4.3: HD 93521 Ipv line-centre accelerations

Hei Acceleration No. of P scaled

Line (kms“ Vhour) Points (hours/km s“ )̂

4471 160.0 ± 9.2 5 15.7 ±  1.9

101.9 ± 6.5 6 24.7 ±  1.6

4713 164.9 ± 24.2 7 15.2 ±  2.2

113.5 ± 10.1 8 22.1 ±  2.0

116.5 ± 10.5 9 21.6 ±  1.9

69.8 ± 7.4 12 36.0 ±  3.8

4921 113.6 ± 12.0 9 22.1 ±  2.3

107.9 ± 9.7 11 23.3 ±  2.1

99.0 ± 13.4 8 25.4 ±  3.4

68.0 ± 16.3 6 37.0 ±  8.8

5015 105.5 ± 15.1 9 23.8 ±  3.4

169.6 ± 14.4 6 14.8 ±  1.3

N o t e . -  Pscaied = (Chapter 2, §2.3.4).

of estimated rotation periods for the modulation. If a single sectorial NRP were 

responsible for the variations (as described above) then the periods inferred by the 

accelerations of the Ipv ( P s c a ie d  in Table 4.3) should match |m|Pob (= 16.2 ±  1.8 

hours). This occurs only on 3 out of 12 measurements. This spread of Pgcaied 

could be due to multiperiodicity present in the Ipv (as for C Oph), and therefore 

‘beating’ is occurring. This multiperiodicity may be due to more than one NRP 

being present or/and modulation due to circumsteUar material. Close inspection of 

the individual ratioed spectra of Figures 4.15-4.17 show that the single Ipv ‘bump’ 

feature appearing at ~  -300 km s~ ', HJD .. .9049.43, broadens and then appears to 

spUt into two different features. This is more clearly seen in the Hei AA4471, 4713Â 

and H/? transitions.

For the 1992 data, the breaks in the temporal sampUng and increased noise, make 

obtaining an estimation of an Ipv feature crossing the Une centre of the He I A6678Â 

problematic. However, inspection of the observations in Figure 4.6 shows a distinct 

dip which moves across the Une centre at H JD .. .6727.3 . The six observations 

within ±100km s“  ̂give an estimate of Pscaied of 18.2 ±  0.5 hours/(400 km s~^). This
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reflects the NRP characteristics seen in this transition during the 1992 observations.

For an estimation of the rotation period based on the Ipv measurements of the 

Ha Ipv, Eqn. 2.12 (Chapter 2) is strictly not applicable since it is now assumed that 

the origin of the modulation is circumsteUar and not photospheric, and that the 

feature measured is not crossing Une centre. The rotation period, Prot? is thus given

by

P r o t  = sin iy/[f(0)r/R]^ -  [u/(uesin i )]2 (4.1)

where a(v) is the acceleration of a corotating feature at the measured projected Une- 

profile velocity v, f(9 ) (as for Eqn. 2.12) is a function which accounts for a feature 

at latitude 6, e.g., f{$) = 1 at the equator, and r /R  is the distance of the feature 

from the centre of mass in units of the steUar radius R.

The Ha feature is measured at u ^  —200 km s“  ̂ which moved over approximately 

280 km s“  ̂ in 0.2 days. Therefore, assuming corotating holds and f{0 )r /R  = 1, 

then Prot — 37 hours. Given these assumptions and the difficulty in measuring the 

accelerations due to the relatively poor S/N, an uncertainty of order 50% is assigned 

to this value.

4.3 D iscussion

The observations presented support the hypothesis of FuUerton, Gies Sz Bolton 

(1991; 1994): HD 93521 is a pulsator, and that Ipv due to RM of circumsteUar 

material is strongly suspected.

The results of FuUerton, Gies & Bolton (1991; 1994) are based on a relatively 

short time series of two nights of observations (separated by one night) and totaUng 

36 exposures of each 30 minutes duration. Despite the shortness of the time series 

and the long duration of each CCD exposure (almost a third of the Ipv period), a 

clear periodicity of 1.8 hours was detected across the whole of the He I A4713Â fine. 

Using the argument of gravity darkening and the very low ampUtude of variabiUty 

in the adjacent Hell A4686Â transition, a sectorial mode identification of £ = —m  

= 9 ±  1 (1994) was assigned. This is supported by the absence of variabiUty of the
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simultaneous Stômgren y-band photometry.

The comparison of the Hei A6678Â Ipv (from the 1992 dataset) with synthetic 

line profiles generated by the PesneU (1989) NRP model is on appearance, favourable. 

The synthetic Ipv generated by the Pesnell NRP model use the slow rotation ap

proximation (SRA; see Chapter 5). For such a rapidly rotating star, can the effects 

of rotation be neglected? Aerts & Waelkens (1993) have questioned the SRA as

sumption for rapidly rotating stars. By incorporating the correction terms to the 

Lagrangian displacement velocity field due to the coriolis force, they have shown 

that a stellar model calculated rigorously having a low degree pulsation mode {I <

3) can generate Ipv similar to that generated by a SRA model of a high degree mode 

{i > 5). Therefore, a more sophisticated model (incorporating the effects of rota

tion) is required before mode identifications can be made just by direct comparison 

of models to observations.

The second dataset has shown additional variations in the Hei lines (excluding 

A5876Â). This could be due to additional modes of pulsation present in the data 

(not detected or not present in the first dataset) or strong Ipv due to the RM of 

circumsteUar material contaminating the NRP Ipv. For this second dataset, the Ipv 

suspected due to RM, observed in H/? and He I A5876Â, are strong and some of 

the additional modulation seen in the remaining He I Unes are certainly similar in 

a qualitative sense. Since the time-series results of FuUerton, Gies & Bolton (1991; 

1994) have shown only the 1.8-hr modulation across the whole of the Hei A4713Â 

Une, it is strongly suspected that the additional modulation present in the He I Unes 

is due to RM.

The availabiUty of UV observations of HD 93521 aUows an investigation of the 

possible connection between the pulsation timescales of the photospheric velocity 

fields, as predicted by analysis of the optical transitions, and the the UV variabiUty 

timescales observed in the ‘wind’ resonance doublets. In this sense, the ‘photospheric 

connection’ investigated is whether the photospheric variation is strong enough to 

plants ‘seeds’ of instabiUty at the base of the steUar wind, which are then ampUfied 

by the wind Une-driven instabiUty mechanism (as opposed to NRP being responsible 

for ‘Be-type’ outbursts; see Chapter 1, § 1.2.2). Previously, for weU studied 0-stars, 

the simple comparison of optical and UV timescales has been compUcated by the
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multi-mode nature of the photospheric variations resulting in ‘beating’ e.g., C Oph, 

(Chapter 2). If HD 93521 is indeed a single mode pulsator, then this star offers a 

much cleaner test.

Prinja & Howarth (1986) demonstrated that the Civ, Nv and SiIV resonance 

doublets all show variability, although reliable timescales for these variations were 

unable to be ascertained from the small dataset available. Howarth & Reid (1993) 

examined these and new additional UV spectra available in the lUE archive including 

a 7-hr time series. The variability seen by Prinja & Howarth (1986) are confirmed, 

but no variation in the short time series was detected. Therefore, based on these 

sparse datasets, a ‘photospheric connection’ as defined above, is not detected.

4.4 Sum m ary

Despite the limited sampling, the echelle nature of the observations has confirmed 

the analysis of FuUerton, Gies & Bolton (1991, 1994): HD 93521 is a non-radial 

pulsator. In addition, the observations of H I and He I A5876Â have shown the 

presence of variations which are suspected to be due to the rotational modulation of 

circumsteUar material. Based on this assumption, these observations have yielded 

a provisional rotation period of ~  37 hours. By comparing the observed Ipv with 

those generated by an NRP model, the dataset pertaining to February 1992 initiaUy 

showed that the velocity field of HD 93521 was dominated by a single sectorial 

mode pulsation o f ^ = —m = 9 ± l ,  with the observed periodicity (Pob) in the 

Ipv estimated at ~  1.8 hours. However, the improved S/N of the second dataset 

has revealed additional modulation which is strongly suspected to be due to RM 

of circumsteUar material. Comparison of |m|Pob with the results of a short time 

series of lUE UV spectra as reported in Howarth & Reid (1993) fails to detect a 

‘photospheric connection’ as defined in § 4.3.2, above.

213



C hapter 5

N R P  M odels

The governing equation used to simulate a steUar velocity field undergoing NRP is 

relatively trivial (see Unno et aL 1979, Eqn. 12.60). The solutions to this equation 

are given by Ferrers’ associated Legendre polynomials and form a set of normalised 

orthogonal functions caUed spherical surface harmonics. Thus, Une-profile variations 

due to steUar NRP can be simulated by suitable imposition of appropriate spheri

cal harmonic, Lagrangian displacement velocity fields on a hypothetical steUar disk. 

Integration of the emergent flux from the steUar model for each phase of the pul

sations then produces Ipv which can be directly compared to observations. Such 

calculations have been pubUshed, e.g., Osaki (1971), Smith (1977), Kambe & Osaki 

(1988).

Whether these elegant solutions are valid for real stars, i.e., whether the Ipv are 

significantly affected by temperature effects, non-adiabaticity, magnetic field effects, 

rapid rotation, etc., is stiU a matter of debate, (see Clement 1994 and cf. with 

Aerts & Waelkens 1993). To account for these additional conditions is not trivial, 

e.g., to account for rotational effects on the the spherical harmonics only first order 

corrections terms have been incorporated so far (Aerts 1993). Therefore, until very 

recently, aU NRP model calculations have been based on these simple solutions and 

have become known as the ‘slow-rotation approximation’, i.e., the degeneracy of the 

{2i -f l)m  modes of osciUation has been Ufted, with the effects of the interaction 

of these modes with some of the properties of real stars outUned above, neglected. 

These models rely primarily on the theoretical NRP velocity-displacement varia
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tions of the model stellar disk to generate synthetic Ipv. The expected temperature 

variations are approximated by using the adiabatic assumption of Buta & Smith 

(1979) {e.g., Gies 1991). Balona (1987), Lee & Saio (1990), and Lee, Jeffery h  Saio 

(1992) have concluded that the temperature variations can have important effects 

on the line profiles. However, it is expected that the velocity variations wiU, in 

certain circumstances, dominate the temperature effects; Simon (1991) predicts this 

for Hei A4713 in main-sequence stars in the range 09 to B4 (3.8 < logio(fif) < 4.3). 

In certain respects it is still valid to use NRP model Ipv based solely on the Doppler 

effect of the Lagrangian displacement velocity field.

In this Chapter, the Fourier C L E A N  technique, which has been applied to the 

time-series spectra of C Ophiuchi and (  Puppis, is applied to a sequence of syn

thetic data generated by two line-profile-generating, NRP steUar models. Both the 

NRP Une-profile codes neglect the temperature effects outUned above. The first, 

the PesneU Code, is described by PesneU (1989) and is based on the slow-rotation 

approximation. The second, the Aerts Code, is described by Aerts (1993) and in

corporates some of the effects due to rotation neglected by the former. Both models 

assume spherical symmetry is conserved {cf. Chapter 2, § 2.3.4) and divide a hy

pothetical steUar surface into a number of zones which incorporate an intrinsic Une 

profile. The zonal Une profiles are Doppler-shifted due to the combination of rota

tion and pulsation. Integration of the steUar disk results in the final Une profile for 

each phase of a single cycle.

5.1 Tests using th e P esnell Code

As discussed above, the PesneU code is based on the slow rotation approximation. 

Several input parameters can be specified: the degree, f, and the azimuthal eigen

value, m, produces the spherical harmonic Yf^{^) (see PesneU 1989) on the star, 

although only one mode can be handled at a time. Other input parameters are 

incUnation, i, the ratio of horizontal to vertical pulsation velocity, k, the vertical 

pulsation velocity V̂ ul» and the equatorial rotation velocity V̂ q. This NRP code 

gives a submultiple number of phases of the Ipv over a single Ipv cycle. As an ex

ample, a sequence of synthetic Une profiles are shown for a single cycle for an f = 

—m  = 4 pulsation mode in Figure 5.1.
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Figure 5.1: Synthetic Une profiles generated with the Pesnell NRP code for input parameters 

i  = —m =  4, Vpuis =  10 km s~ ^, k — 0.1, i = 9CP. Twenty line profiles are generated for one 

cycle. In this case, it will represent a quarter revolution o f the spherical harmonic pattern
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Table 5.1: Standard Pesnell model parameters

Adopted Parameters Notes

Equatorial Rotational Velocity, v© = 400 kms“  ̂ 1

Inclination, i = 90® 1

Ratio of Horizontal Pulsation to 
Vertical Pulsation Amplitude, t  =  0.1 1

Pulsation Velocity V̂ uis = 10 kms“^

Pulsation Period, P = 20.0 hours

Grid Points, GP = 50
Interpolation Zones, I Z  = 30

N otes. -  1: Varied for experiments 2 and 3 (see § 5.1).

A number of experiments were devised in order to test the clean Fourier analysis 

technique used in Chapters 2 and 3, and thereby allow an evaluation of conclusions 

of the previous three chapters -  which have been based on the slow-rotation approx

imation. For these tests, a ‘standard model’ was adopted for consistency (the input 

parameters are given in Table 5.1). Since it is the analysis technique which is being 

tested rather than the NRP code itself, an intrinsic gaussian line profile was adopted 

in all cases. These tests include:

1. Period and eigenvalue recovery.

Using line profiles generated by the standard model, and varying both the 

eigenvalues I  and m  (from £ = l , m  = 0 , t o^  = —m = 8) the analysis tech

niques described in Chapters 2 and 3 are used to test whether the input period 

(Table 5.1) is recovered correctly in the 2-D periodogram. The temporal sam

pling is fixed to 10 cycles sampled evenly 20 times per cycle. This virtually 

eliminates any aliasing in the ‘dirty’ periodograms, giving almost ideal sam

pling conditions. The experiment and results are discussed in § 5.1.1 below.

2. Variation of k.

Using the standard model described in Table 5.1, but fixing £ =  —m = 4, k 

is varied. The resulting r.m.s. deviations to the mean line profile show the 

strength of the Ipv as a function of k and line profile velocity. The experiment 

and results are discussed in § 5.1.2 below.
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3. Semiamplitude and phase as a function of inclination.

Using the standard model described in Table 5.1, but fixing  ̂ =  4, —m = 2, 

the sinusoidal semiamplitude and phase (with respect to the mean sampling 

time) is investigated as a function of inclination, i, for values of A; = 0.0 and 

0.3. The experiment and results are discussed in § 5.1.3 below.

5.1.1 Period and eigenvalue recovery

This is the principal test. The line profiles were analysed in an identical manner 

to that described in § 2.4 (Chapter 2), with difference spectra constructed and 

placed into a 2-dimensional array of velocity (x-axis), time (y-axis), and residual 

intensity (z-axis). Extracting in the y-direction gives 50 light curves at each velocity 

sample. The c l e a n  Fourier results on these series of light curves (a gain of 0.8 

over 20 iterations was sufficient to remove small amounts of aliasing) are given in 

the standard 2-D periodogram with the sinusoidal semiamplitude and phase of the 

principal detected period, shown as a function of fine profile velocity with the mean 

spectrum.

On inspection of the initial results, it became clear that the phase and amplitude 

of the detected period from models with —m  and m  were symmetric^ (see Figures

5.2 and 5.3). Therefore, only variations of t  and —m  were made of the standard 

model beyond values o i l  = 2. For convenience, all results are displayed in Appendix 

C, however, in anticipation of the results from § 5.1.3, an example of the I  = —m  = 

4 is given in Figure 5.4.

The general results from this analysis are:

1. The sinusoidal phase pattern and amplitude of the detected period are identical 

(phase pattern reversed in line profile velocity) for m = —m.

2. The correct input period is obtained for which I  — |m| is even, but half the 

input period is obtained if this value is odd.

3. For non-zero k (also see § 5.1.2) and the adopted parameters of the standard 

model, the sinusoidal phase pattern is unique to i  and m. The sinusoidal
^It is noted that the periods should not be the same for ± m  for non-zero k.  For the standard 

model, the periodicity of the Ipv is fixed.
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are given in Table 5.1
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phase crosses \m\ X tt for sectorial (i = |m|) modes as expected (see Chapter 

2, § 2.4.6), however, for high values of I  (> 3), the sinusoidal phase of the 

tesseral modes (£ ^  |m|) with I — \m\ = 1, is very similar to that observed for 

f  = |m|, and crosses 2 |m| x tt, i.e., twice that expected, and could easily be 

misinterpreted as a sectorial model with twice the value of i  and m.

4. The strongest sinusoidal amplitude (for a given velocity amplitude) is observed 

for sectorial models. This is as expected, since the sectorial pulsations remove 

the cancellation effect observed in the tesseral models.

5.1.2 Variation of k

Using the standard model of Table 5.1, but fixing i  = —m  =  4, an even sequence 

of 20 line profiles over one pulsation cycle was generated for a sequence of k values. 

The r.m.s. deviation of these line profiles to the mean profile are displayed in Figure 

5.5. Inspection shows that for values of A; > 0.3, the amplitude in the line wings 

becomes greater than that at the line centre producing a double peaked appearance.
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In general, k is close to zero for p-mode pulsations and larger than unity for 

g-mode pulsations (Unno et al. 1979). The results shown in Figure 5.5 can give an 

estimate on the type of pulsation concluded in (  Oph, HD 93521, and the possible 

pulsation observed in C Pup. Based on the Pesnell results, for C Oph, the 3.34- 

, 1.86- and 1.36-/1.29-hr period sinusoidal semiamplitudes displayed in Chapter 2 

(Figure 2.17), suggest k < 0.3, but for the 2.44-hr period, k lies between 0.3 and 

0.6. For HD 93521, the direct comparison of the synthetic line profiles (Figure 4.6, 

Chapter 4) with those observed suggest that k is close to zero. Therefore, for both 

the 0 -dwarfs, the semiamplitude profiles imply p-modes. For C Pup, the sinusoidal 

semiamplitude of the possible 8.5-hr period (Figures 3.27-3.35, Chapter 3) suggests 

k is significantly greater than unity, thereby implying p-modes.

5.1.3 Sem iam plitude and phase as a function of inclination

The standard model parameters described in Table 5.1 were adopted, but fixing 

 ̂ = 4, —m = 2 for values of k = 0.0 and 0.3. A sequence of line profiles over 10 

pulsation cycles sampled evenly 20 times per cycle were analysed in identical fashion 

as described in § 5.1.1. The sinusoidal semiamplitudes are displayed as a function 

of line velocity in Figures 5.6(a) and (b). Inspection shows that for both k = 0.0 

and 0.3, the semiamplitude increases steadily for decreasing i. This result is as 

expected, since the lowering of inclination removes some of the cancellation effects 

of the tesseral modes. Tesseral modes will be expected to be increasingly detected 

as i decreases from 90°.

The phase pattern of Figure 5.7(a) and (b) shows a pattern similar to the sectorial 

case of the £ = 4 mode for k = 0.0 (all values of i shown) and for k = 0.3 as i —>■ 

45°. This could induce a mode misidentification if sin t is assumed to be unity.

5.1.4 D iscussion of the Pesnell results

According to the results from Pesnell model (specifically § 5.1.1), there wiU be a 

possible misidentification of period (by one half for £ — \m\ equal to an odd integer) 

and a possible misidentification of the eigenvalues, £ and m by a factor of 2, for 

cases of £ — \m\ = 1 for £ > 3. The behaviour of the Ipv due to tesseral modes.
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is illustrated in Figure 5.8(a)-(e) which show difference spectra of a series of  ̂ = 

4 models for all —m, using the the standard parameters of Table 5.1. The t  — 

\m\ (=  an odd integer) Ipv show a shorter periodicity. Therefore, could the mode 

identifications concluded for (  Oph (Chapter 2) and outlined for HD 93521 (Chapter

4) be in error?

For the case of C Oph, sectorial modes of oscillation were not assumed but 

inferred by the equatorial origin of the modulation and the cylindrical symmetry 

of the sinusoidal phase of the detected periods as a function of line profile velocity 

(§§ 2.2.2 & 2.4.6, Chapter 2). The analysis of § 5.1.1 has shown that this phase 

pattern can be reproduced by both tesseral and sectorial modes, with the strongest 

sinusoidal semiamplitude detections due to sectorial modes. Therefore, assuming 

that the strongest period detection of C Oph is due to a sectorial mode, namely 

the 2.44-hr period (for which  ̂ = — m = 5), then this value wiU give an estimate 

of the tesseral mode sinusoidal semiamplitudes that should be present in the data. 

In general, the analysis of § 5.1.1 and Appendix C shows that for a given Fpui the 

tesseral mode semiamplitudes were a factor of 10 times weaker than that of the 

sectorial case, given sin i tends to unity (as in the case in (" Oph). The strongest 

semiamplitude of the 2.44-hour period occurs in the line wings of He I A4471Â and 

ranges between 0.0035-0.004 in intensity in the continuum. Values at one tenth this 

value are virtually undetectable in the (  Oph dataset (see Figure 2.20, Chapter2). 

Therefore, the PesneU model predicts that the tesseral modes should not be detected 

(assuming that the pulsation velocity is the same for all modes).

For the case of HD 93521, the mode identification given by FuUerton, Gies & 

Bolton (1994) is based on the short, single-period regularity of the Ipv and the 

inferred equatorial origin of the modulation. This mode identification has been 

confirmed in Chapter 4, by comparison of WHT observations with a PesneU model 

incorporating the eigenvalues suggested by those authors. As in the case of (  Oph, 

sin i is expected to be close to unity, thus the selective detection of sectorial modes 

due to the canceUation effect of the tesseral modes is expected to be applicable to 

HD 93521 also. Therefore, a f  = —m = 9 ± l  pulsation mode stiU offers the best 

explanation.

It should be noted that in the above analysis, the parameter k has been treated
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as an arbitrary value for consistency in the models. However, the value of k (strictly 

for a non-rotating star; Aerts & Waelkens 1993) is given by

k =  (5 .1)

with,

-  “5" +    (5-2)
P j x r p  P *  P c o —T o t

and.

p . =  ^  (5.3)
^eq

where G, M*, and A* are the gravitational constant, the mass and the radius of the 

star, respectively, and Pco-rot is the period of the pulsation in the co-rotating frame 

of the star. P* is the rotation period of the star and Pnrp is the observed periodicity 

of the pulsation (note: not the periodicity of the Ipv, Poh, but m  X Pobi i.e., the 

superperiod). In addition, Pco-rot is positive for prograde modes (travelling with the 

rotation of the star) and negative for retrograde modes. Therefore, assuming that 

Eqn. 5.1 is valid for the rapid rotation, the periodicity and mode identifications can 

be used to predict the values of k and thus be compared to values estimated from 

the observed semiamplitudes.

Values of k are displayed in Table 5.2. They are calculated by estimation of P* 

with and without the Roche correction (Peq = l-5Pp), using the adopted Vg sin i and 

stellar parameters of Table 1.2 (Chapter 1). For (  Oph and HD 93521, sin* = 1 is 

assumed. P c o - r o t  is calculated and evaluation of k follows. Only errors on the radius 

and mass are used to estimate the uncertainty on the final values of k. For (  Pup, 

Moffat & Michaud (1981) give P *  = 5.075 days, based on H-a observations. This 

gives Vgq = I8OI3Q kms~^ and is comparable to the observed Ug sin i of 210 km s“ ,̂ 

implying that sin i is close to unity also.

The results of Table 5.2 show that the theoretical values of k are too large for 

two dwarf stars, and too small for the supergiant, compared to the k estimations of
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Table 5.2: Prediction of k for the programme stars

to
to
00

Star
Rp

(/Zo)
M*

(M@) sin i (km s
mPob

(Hours)
f* (Hours)

No Roche Roche
•Pco—rot

No Roche
(Hours)

Roche
k

No Roche Roche

C Oph 7.5 ±  1.5 16.5 ±  1.5 1 400 14.5 22.8 db 4.6 34.2 ±  6.9 39.8+f|:| 25.2111 3 1 6 i | | | 1 2 7 i"

HD 93521 8.1 ±  1.5 19 ±  1.5 1 400 15.8 24.6 ±  4.6 36.9 ±  6.9 44.2+f‘:“ 27.6l|;^ 3 5 6 i 'j || 1 3 9 i |I

C Pup is .o tl 38±n 1 210 17.0 20.3 iS ; | 13 .7il^5

N o t e s .  — For (  Pup, the mode identification assigned to the possible 8.5-hr period by Baade (1986) is adopted to give mPob- In addition, no Roche 

approximation is made since the rotation period is significantly above the critical rotation period of 3.0 days.



§ 5.1.2. This illustrates the “k problem”, i.e., the observed period of the modes pre

dicts g-mode pulsation, but the observed sinusoidal semiamplitude shows a p-mode 

pulsation. The problem” can be solved if the effects of the temperature variations 

are incorporated into the line-profUe calculations (Lee & Saio 1990). These authors 

state that such calculations using low-frequency p-modes reproduce Ipv similar to 

that observed in Oph. Therefore, the k values based on the slow-rotation approx

imation, but excluding the temperature effects, wiU lead to a mis-measurement of 

k.

For values of sin i away from unity, tesseral modes become detectable. The phase 

pattern of the two models shown in Figure 5.7(a) and (b) show that it is possible to 

mis-identify these modes as sectorial modes. For the programme stars in this work, 

sin i —> unity, thus, based on the slow-rotation-approximation models, for these stars 

tesseral modes are not responsible for the Ipv.

5.2 Tests using th e A erts code

The code of Aerts (1993) explicitly accounts for the effects of rotation, with one 

spheroidal and two toroidal correction terms introduced by the coriolis force mod

ifying the Lagrangian displacement velocity field predicted by the slow rotation 

approximation.

Using numerous examples, Aerts & Waelkens (1993) demonstrated that if the 

NRP frequency in the corotating frame, w, approaches the rotation frequency of the 

star, O, i.e,, fl/w unity, the correction terms become important. They concluded 

that the Ipv of a low degree {i < 4) mode, rigorously calculated, mimicked the Ipv 

calculated for a high-degree mode (£ > 5) calculated using the slow-rotation approx

imation (see above). Futhermore, they speculated that current analysis techniques, 

which interpret the results of the analysis based on the slow-rotation approximation, 

could therefore give erroneous period and mode identifications.

To test this conclusion, and to provide a counterpoint to the models presented 

in § 5.1, two prograde NRP models were constructed: Model 1, a low-degree tesseral 

mode of  ̂ = 2, m = — 1; and Model 2, a high-degree sectorial mode of ^ = —m  = 

8. The pulsation periods in the observer’s frame of Models 1 and 2 were set at 6.0
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Table 5.3: Aerts model parameters

Adopted Parameters References

Stellar Radius, R* = 8  Rq 1

Stellar Mass, M* = 16 Mq 1

Equatorial Rotational Velocity, = 400 kms~^ 1

Inclination, i = 90® 1

Limb Darkening Coefficient, /i = 0.36 2

Instrumental Line Profile Width = 10 kms” ^
Ratio of Stellar Rotation Frequency (D) to Pulsation 

Frequency in the co-rotating frame (w), Q/u> = 0.5
Ratio of Horizontal Pulsation to 
Vertical Pulsation Amplitude, = 0.146 2

Pulsation Velocity, Vp = = 40 kms“ ^ 2

Line-profile variation Period, Pob = 6.0 hours
Model 1:  ̂= 2, m = - 1, |m|Pob = 6.0 hours
Model 2: £ = 8, m = - 8, |m|Pob — 48.0 hours

N o tes . -  1: This study; 2: Aerts & Waelkens (1993).

hours and 48.0 hours respectively, so that the predicted observed periodicity of the 

Ipv for both models would be 6.0 hours. In each case, fZ/w was set at 0.5, with both 

models adopting the stellar parameters of ^ Oph. The model parameters are given 

in Table 5.3.

The length of sampling was set at 60 hours over 500 equal samples, with no 

noise added to the spectra; this reduced aliasing to virtually nil. In addition, to 

make the test as objective as possible, the NRP parameters were unknown to the 

Author -  who undertook the clean analysis and mode identification -  until after 

the the analysis.

5.2.1 Analysis of the A erts m odels

The analyses of both sets of synthetic line profiles are identical to that of Oph 

described in Chapter 2 (§ 2.4). Difference spectra were constructed by calculating 

a mean spectrum and then subtracting this from each individual profile, see Fig-
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Figure 5.9: (a) and (b). The difference spectra generated by the Aerts models: (a) £ = 2, 

—m =  1; and (b) (. = —m = 8. The greyscale limits are ±2.0% o f the continuum (white =

ure 5 .9(a) and (b). These difference spec tra  were then placed into a  d a ta  cube of 

line velocity (x-axis) vs. tem poral sam pling (y-axis) vs. residual in tensity  (z-axis). 

E x trac ting  the array  in the ^/-direction for each x-axis sam ple (5 km s“  ̂ resolution 

from —600 to  4-600 k m s “ ' )  gave 241 time-series spec tra  of the residual in tensity  in 

units of the  continuum  across the entire line profile.

For the  two m odels, a  gain of 0.8 with 20 itera tions was used to  CLEAN the d irty  

periodogram s. T he CLEANed periodogram s are placed into the 2-D periodogram  

shown in Figure 5.10(a) and (b). Inspection of Figure 5.10(a) shows harm onics of 

the strongest detected frequency indicating a  non-sinusoidal variation w ith a  period 

of 3.0 hours. T he CLEANed 2-D periodogram  for Model 2 in Figure 5.10(b) shows 

a m ore complex p a tte rn  indicating a non-sinusoidal variation of period 6.0 hours. 

These figures show the input period is only directly recovered for Model 2.

T he m ean line profile of Model 2 (F igure 5.9(b)) extends to  alm ost ±600 k m s “ ^, 

although the Ug sin z of this model is only 400 k m s “ ^. This additional velocity 

broadening is due to  the correction term s (see Eqn. 19 in A erts & Waelkens 1993),
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Figure 5.10: (a) and (b) The 2-D periodograms for the (a) t  = 2, —m = 1, and (b) the i  

=  —m =  8 models. The greyscale limits are from 1.0 x 10“ “* to 1.0 x 10“ ^

which are stronger for the high-degree sectorial mode of Model 2 th an  the low-degree 

tesseral mode of Model 1.

T he sinusoidal sem iam plitude and phase with respect to  the m ean sam ple tim e of 

the principal detected periods are shown in Figure 5.11(a) and (b). From  the anal

ysis of § 5.1 above, assum ing the slow -rotation approxim ation, k can be estim ated 

from the shape of the sem iam plitude. By com parison with Figure 5.5, k  would be 

in terp re ted  to  lie between 0.2 to  0.4 for Model 1 and close to  zero for M odel 2, since 

all th e  power bes close to  the line centre.

Using the sym m etry argum ents of C hap ter 2 (§ 2.4.6), the  phase changes can 

be used to  evaluate the m ode of pulsation. Inspection of F igure 5.11(a), shows 

th a t Model 1 undergoes approxim ately Ott in phase change, i.e., m  =  6 for the 3-hr 

period, with an estim ated UgSini of 410 k m s “ U T he 6-hr period of M odel 2 in 

Figure 5.11(b) undergoes T-Stt in phase change over 590 km indicating m  = 1 

or 8. M oreover, from sim ilar analysis of synthetic Ipv of an N R P model using the 

slow -rotation approxim ation shown in § 5.1, the phase change p a tte rn  indicates an
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Figure 5.11: (a) and (b). The sinusoidal semiamplitude and phase with respect to the 

mean sample-time for (a) £ = 2, —m  = 1, and (b) the I  — —m  =  8 models

I = —m  mode of oscillation for both models. The mode identification of Model 1 is 

thus completely at odds with the input NRP parameters, whilst Model 2 is correctly 

identified.

5.2.2 Discussion of the A erts results

As suspected by Aerts & Waelkens (1993), in certain circumstances the line profiles 

of low-degree tesseral modes seem to mimic those expected for high-degree sectorial 

modes calculated in the slow-rotation approximation. The standard interpretation 

of these results mistakenly attributes the Ipv of the low-degree model to that of a 

high-degree model. The period mis-identification of Model 1 is also observed in an 

identical analysis of the identical mode using the PesneU Model (see Figure C.6 , 

Appendix C). In the PesneU model, the ampUtude of the sinusoid, as a function of 

Une velocity, is almost a factor of 10 times weaker when compared to any sectorial 

model (given the same input parameters); as demonstrated in § 5.1, this is due to 

canceUation effects of the spherical harmonic pattern on the model steUar surface
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when the disk of the star is integrated at i ~  90®. In addition, the phase pattern 

of the PesneU  ̂ = 2, — m = 1 model is completely different to that of a high- 

degree sectorial model. Considering the Aerts C = 2, —m =1 model, the sinusoid 

semiampUtude is significantly stronger, and the phase pattern across the Une profile 

does mimic that expected of a high-degree sectorial case calculated in the slow- 

rotation approximation. Thus, the mis-identification of £ and m  in Model 1 is due 

speciUcaUy to the CorioUs correction terms. The high-degree NRP parameters of 

Model 2 were correctly identified, although there was a considerable over estimation 

of Ue sin i due to these correction terms.

Using these results, it is possible that previous mode-identiUcation of rapid ro

tators, which adopt expected NRP characteristics based on the slow-rotation ap

proximation, could be in error, with an over-estimate of the degree of the mode, 

and possibly, an under estimate of the period being made. In the case of a rapid- 

rotating high-degree, sectorial pulsator, an over-estimation of the sin i could have 

been made. These tentative conclusions are based only on two examples; an analysis 

on a more comprehensive set of time-series incorporating a more extensive range of 

NRP and steUar parameters is needed. Moreover, Aerts & Waelkens (1993) state 

that the theoretical expressions derived are a first order approximation and only 

apply for values of fl/w less than unity. For very rapid rotation, the star distorts 

and spherical symmetry is lost. In addition, no treatment of the expected temper

ature variations has been incorporated into the Ipv calculations. Balona (1993b) 

has expressed doubts on the vaUdity of generating synthetic Ipv based purely on a 

Lagrangian displacement velocity field. In principle, his assessment is correct, al

though the treatment given here does show that there are unexpected results, and 

neglecting temperature effects maybe justified where the intrinsic Une profile remains 

insensitive to smaU variations of Tg// and logio(ir). More detailed and extensive cal

culations are required and that current Ipv analysis techniques are tested on these 

and other more complex NRP codes.

Given the increasing complexity of NRP steUar models, a re-evaluation of the 

mode identification of some of the rapidly-rotating pulsators wiU be warranted. For 

example, Aerts & Waelkens (1993) give examples of a sequence of synthetic Ipv, 

calculated rigorously for a low degree mode, which seem to match those observed in 

Cen and C Oph -  implying that these stars maybe low-degree pulsators. Previously,
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the Ipv of these two stars were thought to be principaUy due to a combination of 

both low- and high-degree sectorial mode pulsations (/i Cen, Baade 1984; C Oph, 

Kambe et al. 1990). The analysis of the Aerts models neither confirms or denies the 

high-degree pulsation hypothesis, but it shows that the assumption that the Ipv of 

many stars are caused by high-degree sectorial modes alone may be a poor one.

5.3 Sum m ary

Using the slow-rotation approximation model of PesneU, it is shown that it is possible 

to mis-identify both the period (by a factor of two for £ -  |m| = an odd integer) 

and pulsation mode (twice m for  ̂ -  |m| = 1 for £ > 3). However, it is shown that 

only sectorial modes of osciUation are expected to be detected for sin i —*■ unity (as 

seems to be the case with the three stars presented in this work). Therefore, the 

mode identifications assigned to (  Oph and HD 93521 remain unchaUenged. For 

sin i unity, the ampUtude of the tesseral modes become significantly larger, with 

the phase pattern similar to that of the sectorial case. In these circumstances, it is 

Ukely that there wiU be a mis-identification of one, or both, mode and observed Ipv 

period.

The model of Aerts, which incorporates first-order correction terms due to rota

tion, has shown that even for sin i —> unity, a low-degree tesseral mode wiU generate 

significant Ipv ampUtude (c/. the slow-rotation approximation). Furthermore, the 

period is half that expected (also predicted by the PesneU models) and that the 

phase pattern is similar to that expected of a high-degree, sectorial mode. Analysis 

of the high-degree model gave the correct period and mode identification although 

the Ue sin i was considerably over-estimated. These results cast some doubt on the 

the mode identifications assigned to both C Oph and HD 93521. The Aerts model 

has shown that it is possible for low-degree modes to be responsible for the Ipv 

of both stars, and that the use of the slow-rotation approximation has lead to a 

misidentihcation. However, the inferred equatorial origin of the modulation does 

strongly support the sectorial-mode hypothesis. A recommendation to remove the 

ambiguity predicted by analysis of these models is the simultaneous spectroscopic 

and photometric observations of stars showing Ipv. This wiU enable tests to show 

if either low- or high-degree pulsations are responsible for the Ipv, since a stronger
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photometric signature related to the Ipv period is expected for the former.
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C hapter 6

Conclusions

6.1 Sum m ary o f results

The analyses described in § 1.4, Chapter 1, have been employed in Chapter 2 to 

demonstrate that (  Ophiuchi is a multi-mode, non-radially pulsating star; the peri

ods and mode identifications are almost identical to those obtained by Kambe, Ando 

& Hirata (1990). From these mode identifications, it was found that the rotation 

frequency of the NRP patterns in the stellar photosphere differ; this results in the 

‘beating’ effect observed in the Ipv. The pulsation of HD 93521 and the evidence of 

circumstellar material, suspected from previous analyses of the optical Ipv, were also 

confirmed in Chapter 4. It appears that the photospheric velocity field of HD 93521 

is dominated by a single sectorial pulsation. From the analysis presented in Chapter 

3, pulsation was only suspected in C Puppis. For this star, a single 8.5-hr period 

was recovered. The ‘steUar-wind contamination’, evident from the shape of the line 

profiles, suggests that variability at the base of the stellar wind was also responsible 

for the Ipv. Finally, the testing of the techniques on NRP models in Chapter 5 

has shown that the assumption of the slow-rotation approximation, which forms the 

basis of the mode identifications for the two dwarfs stars in this study, may not be 

valid for these rapidly rotating stars.
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Table 6.1: Current status of 0-star pulsators

Star Spectral Type Ref
Confirmed Pulsators

10 Lac 09 V Smith (1978)
C Ophiuchi 09.5 V Kambe et al. (1990; 1993), this study
HD 93521 09.5 V Fullerton et al (1991; 1994)

Unconfirmed Pulsators
C Puppis 04 I(n)f Baade (1986), this study
A Cephei 06I(n)fp Kaper (1993)
HD 34656 07 11(f) Fullerton et al. (1991)
^ Persei 07.5 III(n)((f)) Gies Sz Bolton (1986)
7  ̂ Velorum (secondary) 08-9 1 Baade et al. (1990)
a Camelopardalis 09.5 la Ebbets (1982)

6.1.1 Status in the H R  diagram

Currently, as reviewed by Fullerton (1994), there are only three 0-type stars which 

are reliably classified as pulsators: the two 09.5 V stars analysed in this work, and 

10 Lac (Smith 1978). The supergiant, ^ Puppis, is stiU classed as an unconfirmed 

pulsator. Table 6.1 gives the current (conservative) pulsation candidates for the 

0-stars. The confirmed pulsators are all late 0-type main sequence, and it can be 

argued that these are likely to represent an extension to the (3 Cep instability strip. 

The results of Dziembowski & Pamyatnykh (1993) show that pulsation is predicted 

for stars of classification 09.5 V; detailed calculations have yet to be made for higher 

mass stars. The unconfirmed pulsators are all evolved to at least the giant luminosity 

class. It is almost certain that wind variability wiU be present in the optical line 

profiles of these stars which makes confirmation of pulsation problematic.

6.1.2 The photospheric connection

The comparison of the optical Ipv to the ultraviolet DAC recurrence timescales has 

yet to confirm a connection between the photospheric velocity field and the formation 

of instabilities at the base of the stellar wind. The analysis of Chapter 2, showed no
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correlation between the superperiods detected in C Ophiuchi and the DAC recurrence 

timescales given in the UV analysis of Howarth et aL (1993). The complex velocity 

field generated by multiple NRP in C Oph complicates the prediction of its effect on 

the stellar outflow at the photosphere/wind interface. It is possible that a connection 

exists, e.g., beating of the NRP waves produces the instabilities. This timescale will 

differ from the estimated superperiod and therefore, in the presence of multiple-mode 

NRP, the direct comparison of optical and UV time scales my not offer the best test 

for the photospheric connection. Figure 6.1 shows the measured DAC migrations 

given by Howarth et al. (1993) and the complex behaviour of the He I A4471Â line 

centre predicted by the time-series analysis of Chapter 2 (sinusoidal input values are 

those given in Table 2.7). There is no obvious correlation between the line-centre 

optical and UV observation. To truly test the effect of beating on the the stellar 

outflow requires detailed model calculations incorporating both temperature and 

velocity effects. Such calculations are not trivial.

Direct comparison between UV and optical variability timescales wiU only be 

valid if the photosphere is dominated by a single-mode velocity field. HD 93521 

appears to be such a star. However, the short UV time series described by Howarth 

Sz Reid (1993) showed no variabiUty in the unsaturated absorption components of 

the UV resonance fines. A further combined, simultaneous optical and UV study is 

therefore required, since it affords a ‘cleaner’ test of the photospheric connection (see 

above). It should also be able to confirm the continuing presence of the single NRP 

mode detected by FuUerton and co-workers, which was supported by the fragmented 

optical studies presented in this work.

A comparison of the optical and UV times scales found in ^ Pup does seem to 

show a direct correlation. This correlation is based upon the period (which was also 

recovered in this work) and mode-identification of Baade (1986), and the UV DAC 

recurrence timescale estimated by Prinja et al. (1992). However, in this work, the 

8.5-hr period detected was only suspected to be a consequence of pulsation. The 

wind contamination of the hot supergiants (FuUerton 1990) compUcates the period 

and mode identification (providing pulsation is present).
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Figure 6.1: A comparison of the UV (as measured by Howarth et ai 1993) and optical 
variability in the line centre of Hel X4471Â, predicted from the analysis of Chapter 2
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6.1.3 Mode identification

The rapidly rotating nature of the two main sequence stars in this study, and the 

non-variability of the Hell lines suggest an equatorial origin for the Ipv. This has 

been interpreted as indicative of sectorial modes of oscillation. However, as shown in 

Chapter 5, by incorporating the correction terms due to the coriolis force, ambiguity 

in the mode identification occurs. It was shown that a rigorously calculated low- 

degree, tesseral mode can generate Ipv which in the SRA can be interpreted as a 

high-degree sectorial model; interpretation using the SRA to rapidly rotating stars 

is problematic. (However, the work of Clement (1994) does support the SRA, even 

though his NRP models incorporate rapid rotation; but see below.)

The analysis of optical Ipv cannot be made using just one analysis method. Aerts 

(1994b) has shown that the use of the moments method (Chapter 1, § 1.4.5) c/. the 

CLEAN analysis, to the observations of € Per (Gies & KuUavanijaya 1983) and Ç 

Ophiuchi (this study) gives, in the case of e Per, different periods and for both 

cases different mode identifications. It was concluded that both the CLEAN and 

the moments method should be employed, although the moments method should 

be improved by generalising it for very rapidly rotating stars. An additional rec

ommendation is simultaneous narrow band photometry to supplement the optical 

spectroscopy, to help distinguish between low- and high-degree pulsations.

6.2 Future work

The detection of pulsation beyond the classical /1-Cep instability strip has shown 

the need to extend the theoretical instability calculations of Dziembowski and co

workers to the hotter, more luminous regime. In the absence of model calculations, 

the mapping of instability falls to detailed observational studies.

6.2.1 Future observational campaigns

As shown by the comparison of the (  Oph and (" Pup datasets, only long and 

intensively-sampled, optical-spectroscopic time series, preferably with simultane

ously narrow-band photometry (see above) and ultraviolet spectroscopic observa
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tions, are required to fully determine the nature of the variations. Such campaigns 

require considerable co-operation between observatories awarding observing time. 

As a result, target stars should be carefully chosen, e.g., those of Table 6.1 or iden

tified by the 0-star survey by Fullerton (1990), to avoid extended surveys.

Table 6.1 shows the unconfirmed pulsators are either giant or supergiant stars. 

The line profiles of these stars wiU be affected by the steUar and could swamp any 

Ipv due to pulsation (if present). For these stars, the length of the time series should 

be as long as possible to aUow any regular variation due to pulsation to be detected 

above the stochastic wind variations.

As discussed above, both the Fourier techniques (the Moments method and the 

CLEAN Doppler imaging) should be employed to analyse the optical observations. 

The Moments method has yet to be fuUy generaUsed for very rapidly rotating stars, 

so that this restricts the number of possible 0-stars for analysis. However, the stars 

10 Lac and a Cam (ugsini = 31 and 95 km s“  ̂ respectively^) offer perhaps the best 

choices.

6.2.2 N R P  m odelling

The manifestation of the pulsation on the steUar surface and therefore in the ob

servations is currently being reviewed. As shown in Chapter 5, the results of Aerts 

(1993) have shown that the slow rotation approximation may not be appUcable to 

rapidly rotating stars. This is chaUenged by the work of Clement (1994). This must 

be resolved, since the analysis techniques are to some extent, model-dependent.

For hot-star NRP models which generate Ipv, the next stages of complexity would 

be to incorporate the correction terms due to rotation, account for the equator- 

pole temperature variation which is produced by rapid rotation, and to incorporate 

intrinsic Une profiles generated from non-LTE analysis to account for the effects of 

temperature variations. An important consideration to any analysis is to return the 

mode-identifications into an appropriate steUar model and compare the synthetic 

Ipv with those observed.

The production of such models are not only beneficial to the analysis of pulsation.

^The Bright Star Catalogue (1982)
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A better understanding will be gained of the formation of line profiles in the presence 

of a Lagrangian velocity field and gravity darkening. An obvious benefit would be 

the the chemical analysis of 0- and B-type supergiants to determine evolutionary 

status.

6.2.3 A sterosiesm ology

The term asterosiesmology has been widely used in the literature, but such analysis 

has yet to be realised for hot stars. However, the recent publication of the OP and 

OPAL opacities have refined the stellar models of the upper main sequence, pulsation 

is predicted for many stars. As already discussed, to analyse the behaviour of the 

pulsation, extensive time-series observations are necessary. Experience has shown 

that such exercises require large international collaborations in the search to secure 

the necessary observing time, and even if time is allocated -  which is not guaranteed 

-  in general, only a limited time-allocation at each observatory results. This is wholly 

inadequate.

One correct solution is a satellite observatory totally dedicated to the study of 

stellar variability. This would allow continuous coverage (dependent on orbit and 

target star). Such a mission was planned, PRISMA, but was cancelled. Perhaps 

with the new opacity calculations to improve stellar models and so allow stellar 

observations of pulsating stars to ‘see’ into the star, this will provide the impetus to 

plan a new mission.
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A ppendix  A

Echomop: an Echelle 

R eduction  Package

This Appendix gives details of the echelle data reduction software, E CH O M O P  (Mills 

& Rees 1993). This software package was used to extract and partially reduce the 

CCD frames of C Puppis (Chapter 3) and HD 93521 (Chapter 4).

A .l  A n overview

The ECH O MO P  package essentially allows extraction of a ‘finished’ 1-D spectrum 

from a 2-D data frame (CCD or IPCS) either obtained with conventional ‘single 

order’ spectrograph or multi-order echelle spectrograph.

The package was originally developed to handle data frames of faint objects ob

tained from the UCL Echelle Spectrograph (UCLES). The package consists of a suite 

of individual reduction steps on a single data frame. The spectra on the CCD are 

located and fitted by polynomials to account for any distortion in dispersion. For 

each order, the mean cross-dispersion profile is used to define the extraction limits 

in which both object pixels for the extraction of the spectrum, and sky/background 

scattered-light pixels for the background subtraction. In addition to several op

tions to extract the spectra, flat fielding and an identical extraction of the relevant 

arc spectrum are also included. Arc-line identification, calibration and heliocentric 

corrections can be performed with e c h o m o p , however, for this work, these were
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completed using FIGARO (Shortridge 1992). The following sections give an example 

of a typical reduction.

A .2 R eduction  procedure

Prior to entering e c h o m o p , the data frame is assumed to have been checked for 

cosmic-ray incidents and the bias of the CCD removed. An appropriate averaged 

flat-field and arc frame are also utilised during the reduction. It is standard to remove 

the overscan region before proceeding with the e c h o m o p  software reduction. This 

removes the possibility of ‘edge effects’ corrupting the reduction.

A .2.1 Order location

On entering the e c h o m o p  software environment, the first step is to locate the echelle 

orders. Typically, the frames consist of several tens of orders (with the dispersion 

along the x-axis) which show distortion with respect to the CCD edges. The Thomp

son CCD images (1044 x 1024 pixels) of (" Puppis obtained at the AAT contained 

36 orders which showed virtually no distortion. The orders in the data frame can be 

estimated automatically by an algorithm which takes the central few columns (x- 

pixels) and cross-correlates them to give an estimate of the mean-order separation. 

Using this estimate, a sampling ‘box’ is defined for an order which spans the order 

and the flanking inter order gaps in the cross-dispersion direction. The orders are 

then resampled using an averaging and triangle-filter routine (this enhances the peak 

shape of the cross-dispersion order shape), thereby allowing an order identification 

in the cross-dispersion direction.

A .2.2 Trace polynom ial to  a located order

With the echelle orders having been ‘traced’, polynomials are subsequently fitted to 

these orders. The polynomial fits (the degree is defined by the user) account for the 

distortion of the orders with respect to the edges of the CCD or IPCS.

An individual trace polynomial is fitted to an order in a series of steps (the size 

of these steps can be stipulated by the user) outwards in the dispersion direction
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from the order centre, using the sampling box in the cross-dispersion direction to 

evaluate a trace-fit point to fit the trace polynomial, once all the dispersion is utilised. 

A number of algorithm options, which establish the trace-fit point in the cross

dispersion sampling box at each step, are available. These include: Balance Estimate 

-  where a ‘centre of gravity’ estimate is made; Gaussian Estimate -  where a gaussian 

fit is made to the order; Centroid Estimate -  which estimates the centroid of the 

order; Edge Estimate -  an estimate of the edge of an order can be made; and finally. 

User Defined Estimate -  by using an image display of the data frame, a cursor can 

be employed to define trace-fit points on the data frame image.

E C H O M O P  provides a facility to view the deviations of the trace-fit points from 

the polynomial fit both as a function of dispersion and cross-dispersion. This allows 

identification of any problems with both the algorithm (to produce the trace-fit 

points) and the polynomial fit itself. For relatively bright objects, it was found 

that the centroid or the gaussian options were adequately successful in providing 

an accurate polynomial fit. In general, the alternative options are only used if 

these two options fail to give a satisfactory result. For example, faint objects which 

have been under-exposed, or a trailed image which has a very broad order cross

dispersion profile. In ideal circumstances, the trace polynomial should accurately 

reflect the path of the order across the frame. However, features in the order, such 

as telluric absorption lines, cosmic ray incidents, or spectral emission lines, may 

cause erroneous trace points at localised parts of the dispersion. Addition problems 

such as undersampling due to gaps between the CCD pixels, or that an order comes 

very close to the edge of the CCD frame may cause a poor trace polynomial fit. To 

counter act these problems, individual trace points may be removed to facilitate a 

better fit.

A .2.3 Dekker and object lim it determ ination

For an order, the average cross-dispersion profile can be calculated and ‘dekker 

limits’ defined. Inside the dekker limits, all cross-dispersion pixels are defined to 

contribute to the final extraction of the order. The high count and therefore high- 

S/N part of the flat-held order gives the best estimate of the pixel-to-pixel variation 

of the CCD and it is this cross-dispersion part of the flat-held which defines the
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Figure A.l: A cross-dispersion ‘slice* o f the data-frameorder (solid Une) and the correspond

ing ffat-field (dashed line). The vertical lines represent the lim its o f the data extraction

dekker limits, see Figure A.I. It is important that the flat part of the flat field (in 

the cross-dispersion direction) spans both the data order and the inter-order gaps 

either side, since both the object and sky part of the data order must be flat fielded.

Once the dekker limits have been established for a particular order, the object 

and sky/background scattered-light pixels are defined in this limit. The object pixels 

will contribute to the total extracted spectrum. The sky/background pixels are used 

to establish the background level of the order which is removed from the order prior 

to flat fielding and spectrum extraction. These sky/background pixels are chosen 

from samples in the interorder gaps, see Figure A2.

A .2.4 D ata extraction

The extraction procedure consists of four separate processes which result in the 

extraction of a flat-fielded, background-subtracted 1-D spectrum.
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Figure A.2: A  cross-dispersion ‘slice’ o f the data-frame order with extraction pixels (solid 

line) and sky/scattered light pixels (dot-dashed line) marked

1. Flat-field model.

For an order, a flat-field model is constructed, by fitting a function parallel to 

the trace polynomial inside the dekker limits. This function gives predicted 

values for each pixel in the flat-field order. There are several diflferent fitting 

options to create the flat-field model. These include: mean -  for each model 

pixel, a mean of a five pixel sample of the flat-field order is allocated; median 

-  identical to mean, but the median is used; poly -  polynomials are fitted par

allel to the trace polynomial; spline -  a hi-cubic spline fit is made parallel to 

the trace polynomial; smooth -  a gaussian smoothing algorithm is used on the 

pixels in the dispersion direction, with the result adopted as the model; slope -  

the local slope along the pixels in the dispersion direction is used; and finally, 

none -  all the balance factors are set to unity, i.e., no flat-fielding is applied. 

The flat-field model represents the estimate of the flat-field order in the absence 

of the pixel-to-pixel variation. Ideally, the flat-field frame is produced by av

eraging a large number of flat-field frames to improve the S/N. The deviations 

of the true flat field from the model flat field, or ‘balance factors’, are divided
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into the data order during the final extraction procedure, and thereby remove 

the pixel-to-pixel variations of the CCD from the final spectrum. For these 

reasons, the dekker limit is usually confined to the brightest part of the flat 

field since the higher S/N wiU give a better estimate of these balance factors.

2 . Sky/background scattered light.

Using the sky/background scattered-light pixels previously assigned during 

the object limit option (§ A.2.3), a sky/background scattered light model is 

constructed. Several options exist to calculate the background behaviour in 

the order. These options are similar to those for the flat-field model, except 

that a polynomial/spline fit can be made in the cross-dispersion direction if 

there is a significant gradient in sky intensity along the slit. This allows a 

prediction to the sky/background scattered light intensity for each pixel in the 

order. During the extraction procedure, for each pixel, the sky/background 

scattered-light count value predicted by this model is subtracted from the pixel 

value of the object, prior to the flat-fielding and extraction.

3. Object profile model.

An object-profile model (the mean) is constructed for the order. This model 

profile is used to calculate the weights applied for either a weighted or optimal 

extraction of the order.

4. Extraction.

Using the models constructed in the preceeding three steps, the order is finally 

extracted. For each of the order pixels allocated for extraction in the object 

profile option, the sky/background count values are subtracted. The object 

order is hat-fielded using the balance factors obtained from the hat-held model. 

The object order is then extracted and multiplied by the ADU/photo gain 

factor to give the hnal spectrum. In addition to the extraction of the data 

frame, the arc frame is extracted in an identical manner.

There are three extraction options: simple -  the count values are summed to

gether; weighted -  using the object prohle model, each object pixel is weighted 

by a factor [P(i, i)]^, where P(j, i) is the calculated normalised prohle of the 

2th pixel in the dispersion direction at cross-dispersion offset to the trace poly

nomial j; and optimal -  the order is extracted by using the weighting factors
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as estimates of the uncertainty of each individual pixel and is based on the 

calculated variance (Horne 1986).

This procedure produces a flat-fielded 1-D spectrum with the corresponding arc 

calibration spectrum.
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A ppendix B

T he Fourier C LEAN A lgorithm

This Appendix gives a brief distillation of Roberts et al. (1987), and the reader is 

recommended to consult this reference for a more extensive explanation.

B .l  Basic equations

Fourier’s theorem states that a continuous function, /(<), known for all time, t, may 

be constructed by the superposition of sinusoids from all frequencies, i/,

/+00

F{i/)exp{2Trij/t)du (B .l)
-OO

Then the Fourier Transform (FT) of f{ t)  is

/+00

f{t)exp{—2'Kivi)dt (B.2)
-OO

As a consequence of finite sampling, the function is multiplied by a finite series of 

delta functions, s(t),

f ,( t )  = /(«>(<) (B.3)

= i z m w - ' r )  (B.4)
r = l
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Figure B.l: The window function o f  the C Oph dataset (Chapter 2)

so that the Fourier Transform of / ,  is D(i/) the so called ‘dirty’ spectrum and is a 

convolution of the Fourier Transform of a(Z) called (the ‘window spectrum’),

and the Fourier Transform of the original function, F(u), i.e.,

D(u) = F(f/) ® W(i/) (B.5)

The C L E A N  technique is to construct D{u) and W{u) and to then to deconvolve 

D{y) with W{u) to give an estimate of F(i') and hence, f{ t). An example of F{u), 

W (i') and D(u) is given in Figure B.l. Note that the ‘Window’ spectrum maximum 

peak at 1/ = 0 is normalised to unity.

B.2 F in ite sam pling

For hnite-sampled, equally spaced data, the frequency resolution, 6i/, is the inverse of 

the total sampling time T. The c l e a n  Fourier routine sets the frequency sampling at 

1/4T to help stabilise the deconvolution (see below), and peaks in the periodograms 

appear as gaussians which have HWHM of \ /T .  The Si' 1 /T  relation still holds
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for observational-type time-series, i.e., sidereal observing windows of several hours 

which have uneven sampling within them. However, the Nyquist theorem (the max

imum frequency of a function that can be recovered is fmax = 1/2At, where At is 

the sampling frequency (see Gray 1992)) does not hold, since this relationship is only 

applicable for regular, even sampling. Analysis of synthetic time-series incorporating 

the temporal sampling of the observations can be used to estimate fmax-

For a periodic sinusoid signal of semiamplitude A and periodicity l/i>, e.g., 

f ( t )  = Acos(27ri>t 4- </>), then the FT is

F{i/) = aê(u — %/) 4- a*S(ï/ 4- 0) (B.6)

where a = (A /2)e'^*'̂ , and a* is the complex conjugate. Since a is real, spectral 

components occur at ±z>. However, due to sampling, F(i') becomes D{y),

D{v) — aW{y — i > ) a * W { v i > )  (B.7)

and that at v, for a single harmonic component,

D{v) = aW{0) + a*W(2Ù) (B.8)

i.e., the window function W{u)  is reproduced at P, but scaled at a, see Figure B .l.

B.3 CLEAN deconvolution

Essentially, the clean algorithm locates the maximum amplitude within the dirty 

power spectrum, and relocates the window spectrum to this frequency, scaling the 

central amplitude peak of the window spectrum to the amplitude found in the dirty 

spectrum, and subtracts this from the dirty spectrum to form an intermediate ‘resid

ual’ spectrum. The maximum amplitude at the located frequency is stored in a new 

intermediate spectrum called the ‘component’ spectrum. The next iteration repeats 

the operation, but this time utilising the previous residual spectrum instead of the 

original dirty spectrum and adding the second component spectrum to the previous
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component spectrum. However, this iterative procedure is unstable. By introducing 

a constant scaling factor, the gain, g (which multiplies the window spectrum after 

scaling to the maximum amplitude found within the dirty or residual spectrum), and 

increasing the number of iterations, this instability can be eliminated. In addition, 

artificially increasing the Fourier resolution to 1/4T, allows a better estimate of the 

true frequency of a period over several iterations.

The CLEANed power spectrum is produced by convolving the final clean com

ponent spectrum with a gaussian. The gaussian has a HWHM ~  1/T , and is then 

added to the final residual spectrum to give the CLEANed periodogram. Examples 

of several iterations of the CLEAN, residual and clean component spectra are given 

in Figure B.2(a)-(d).

B .4 A liasing due to  sam pling

There are cases, however, where CLEAN can give erroneous results. This wiU almost 

certainly be due to an alias peak exceeding the height of the peak corresponding to 

the true period. The clean algorithm wiU then pick this alias frequency and remove 

the true-period peak as if it were an alias. In the context of astronomical observa

tions, this result wiU be a consequence of one or more of several possible factors: 

poor sampling, multi-periodicity within a small frequency range, weak amplitudes 

coupled with low S/N spectra, non-sinusoidal periods. The 2-D periodogram given 

in Chapter 2 (Figure 2.20), shows aliasing, despite the excellent S/N (between 450 

and 750) and temporal sampling.

A specific example of aliasing is given in Figure B.3. The synthetic time-series 

was constructed by using the (  Oph sampling and a set of three sinusoids identified 

from the time-series analysis of (  Oph. The amplitudes and phases are those found 

from analysis of the line centre time-series of He I A4471Â, The resultant CLEANed 

periodogram is given in Figure B.3, with the power peaks of both the input periods 

and the identified aliases marked. Table B.l lists the input parameters of the three 

cosinusoids and the identified aliases. Figure 2,20 (Chapter 2), shows alias peaks 

due to this exact kind of problem. Clearly, all results given by clean must be inves

tigated and time series reproduced with the predicted sinusoids critically analysed
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to confirm that the periodograms are reproducible.

Table B.l: Cosinusoidal input parameters for Figure B.3

Period
(hours)

Half-Amplitude 
(xlO "^)

Phase
(radians)

Detected Alias 
(hours)

Pi 3.339 2.36 4.61

P2 2.435 2.30 3.86 Az 2.712

Ps 1.859 1.61 4.08 Â3 1.729
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A ppendix C

N R P  M odel R esults

This Appendix contains the results of the clean analysis on the synthetic line 

profiles generated by the Pesnell NRP stellar model, outlined in Chapter 5, § 5.1. 

The 2-D periodograms and the sinusoidal phase with respect to the mean sample 

time, and the sinusoidal semiamplitude as a function of line velocity are displayed 

in Figures C.1-C.47. The greyscales of the 2-D periodograms are scaled between 0.1 

X 10“ '* to 0.5 X 10“  ̂ for all tesseral modes, except Figures C.36 (£ = 7, —m = 5), 

C.45 (i = 8, —m  = 6) and C.46 (i = 8, —m  = 7) which are scaled as the sectorial 

modes between 0.1 X 10“  ̂ to 0.5 x 10“  ̂ in power.
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Errata

Page 20, paragraph 1, line 3: “but since this work essentially deals with one early- 

and two late-type 0 -stars, it is”

Page 20, paragraph 2, line 5: ”An additional constraint defines that the variability 

is due to some intrinsic behaviour”

Page 20, paragraph 3, line 7: “the B-type main sequence stars through to ~  5 x 

10“® M© yr“  ̂ for the early 0 -type super-”

Page 21, paragraph 1, line 2: “stellar core bringing an end to core hydrogen burning. 

The core contracts and a hy-”

Page 21, paragraph 2, hne 3: “advance in the HR diagram is halted as the hydrogen 

burning shell becomes more”

Page 21, paragraph 2, line 4: “compact; the luminosity increases with no change in 

radius, and the star evolves”

Page 21, paragraph 2, line 12: “to the core helium burning is greatest for stars of 

higher initial mass.”

Page 22, paragraph 2, line 16: “lines (Abbott & Hummer 1985), rotational effects 

such as gravity dark ”

Page 22, paragraph 3, line 7: “to Baimer series photons; in an H II region that 

completely surrounds the star,”

Page 26, paragraph 3, line 7: “principally by the Munich hot-star group -  now allow 

detailed modelling and com-”

Page 27, paragraph 2, line 10: “wind) which accelerate to higher velocities and 

‘pile-up’ to be observed as NACs.”

Page 28, paragraph 2, line 1: “Before the 1970’s only several groups of variable star 

in the hot-star regime”

Page 31, pargaraph 3, line 1: “ The variability of the /3-Cepheids had been recognised 

in the upper left-hand region of the HR diagram”

Page 31, paragraph 3, line 12: “type stars are due to radial or non-radial modes of 

oscillation. The classical /3-Cep”

Page 31, paragraph 3, line 4: “evolutionary sense, may be either: close to the end 

of core hydrogen burning; in the”
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Page 33, paragraph 2, line 11: “had at some time, one or more Baimer lines in 

emission” is adopted. The appearance of these”

Page 35, paragraph 3, line 2: “as to the cause of the Ipv has been restricted to two 

hypotheses: pulsation”

Page 37, paragraph 2, line 15: “a number of similar analyses of stars in that group 

have been completed. It is poss-”

Page 38, paragraph 3, line 8: “exciting results {e.g., Winget et al. 1991). Yet the 

hot-star community has”

Page 39, paragraph 1, line 8: “meet both of these requirements, and were the subject 

of an extensive observing”

Page 39, paragraph 1, line 13: “The secondary target of The Zetathon, Ç, Puppis, 

was then the subject of a separate,”

Page 39, paragraph 1, line 18: “ability in the line profiles had been demonstrated 

by Fullerton, Gies h  Bolton (1991). In a”

Page 42, paragraph 2, line 1: “As summarised by Gies (1991), there are four different 

techiques to analyse Ipv”

Page 42, paragraph 3, line 1: “A second method was developed by Walker and 

co-workers at the University”

Page 44, paragraph 1, line 3: “The Ipv of (  Oph has been well documented. Redward- 

migrating features crossing”

Page 45, paragraph 2 , line 9: “were those which gave satisfactory fits to aU the lines 

for a value of [Y].”

Page 45, paragraph 3, line 1: “The polar radius and mass, R*(P)=7.5R© and 

M*=15-17Mq , respectively, are”

Page 49, paragraph 4, line 5: “for the stellar frames of both datasets was 15 minutes.” 

Page 49, paragraph 5, line 2: “the coudé focus of the the 74-inch telescope. The 

two-dimensional, photon-counting”

Page 55, paragraph 4, line 5: “clear in He I A4471Â and in Si i ll  AA4552,4567,4575Â. 

Closer inspection shows that”

Page 56, Table 2.2, bottom caption, line 1: “ N o t e s . -  *The transition is from i to 

j ,  so that Ej- is the energy level of the”

Page 61, paragraph 2, equation 2.4:
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Page 61, paragraph 2, line 3: “spectrum, substituting and using the value for 

\ /Cij  defined above,”

Page 62, paragraph 3, line 6: “that, for the KPNO dataset, the approximation aij 

= ^c jy /^  is a poor one for”

Page 64, paragraph 1, line 4: “the average noise in the continuum, ctc, i.e., the 

inverse of the average S/N, for the”

Page 64, paragraph 1, equation 2.8:

(4 ) i  = {cTcyMTVS)i

Page 66, paragraph 3, line 5: “Inspection of Figures 2.3 and 2.6, show that the Heil 

A4686Â line is suitable for such”

Page 68, paragraph 1, line 6: “a gaussian of fuU-width-half-max (FWHM) 0.71Â to 

artificially enhance the domi-”

Page 75, paragraph 1, line 2: “ratio of the horizontal to vertical velocity of the 

pulsation), if there is unrecognised”

Page 75, paragraph 2, line 8: “a mis-identification of a strong feature in the blended 

Mg II A4481Â line.”

Page 77, footnote, line 2: “21.3(ile/7.5i2©)/(ue/400 km s“ ^) hours.”

Page 79, paragraph 3, line 10: “present, the Fourier periodogram is extremely diffi

cult to interpret.”

Page 82, figure caption, line 1: “Figure 2.19: (a) and (b). An example o f aliasing 

due to multiperiodicity. Table 2.4 gives the”

Page 83, Table 2.4, caption: “Table 2.4: Input cosinusoids for Figure 2.19”

Page 83, paragraph 2, line 2: “profiles of He I A4471Â, Sim AA4552, 4567, 4575Â. 

However, as indicated by the”

Page 87, paragraph 2, line 3: “(see Table 2.7 and Appendix B). This led to a 

significant underestimate of the”

Page 89, paragraph 3, line 6: “For aU the periods there is virtually no variability 

present in Hell A4541Â, or”

Page 91, paragraph 1, fine 2: “either Nll A4530Â or (very probably) A im  A4529Â 

is responsible, but no obvious can-”

Page 91, paragraph 3, fine 2: “pre-whitening technique was used (in a similar way 

to that which helped resolve”
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Page 92, paragraph 1, line 5: “form of the original time series, a fit to the data 

points can be produced. Moreover,”

Page 92, paragraph 4, line 4: “function of line velocity for He I A4471Â, and Sim  

AA4552, 4567, 4575Â, constrain-”

Page 98, paragraph 4 (which runs over to page 99): Delete “For a particular..........

used -  increase.”

Page 103, paragraph 1, line 2: “iV is the number of wavelength samples between Ai 

and A2. The uncertainty, AEW j,”

Page 108, Table 2.10, bottom caption, line 2: “Results of the EW measurements are 

given in Figures 2.29-2.32.”

Page 109, paragraph 2, line 2: “is seen in the He I A4471Â/Mgll A4481Â, and in the 

Si III AA4552, 4567, 4575Â,”

Page 111, paragraph 1, line 1: “value is within a factor of 2 of the likely rotation 

period. This is in general agreement”

Page 112, paragraph 4, line 12: “Alternatively, this may be due to the combination 

of multiple periods and associated”

Page 121, paragraph 1, line 3: “four periodic sinusoids. Several arguments lead to 

the conclusion that rotational modu-”

Page 121, paragraph 1, line 15: “that the instabilities seen in the stellar wind seem 

to be independent of the photo-”

Page 121, paragraph 1, line 16: “spheric velocity field. However, this is a cautious 

evalution given the complication”

Page 123, paragraph 2, line 6: “to observed line profiles, if the model atmospheres 

which generate the synthetic”

Page 123, paragraph 3, line 4: “profiles generated from a plane-paraUel-model stellar 

atmosphere, incorporating the”

Page 123, paragraph 3, line 14: “tive overshooting bringing processed material to

wards the surface, and relatively low”

Page 123, paragraph 3, line 16: “drogen burning. Comparison with stellar evolution 

tracks {e.g., Bresson, Bertelli &”

Page 133, paragraph 1, line 4: “recorded to edlow the correct estimation of the 

sky/ scattered-light integrated flux to be”
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Page 139, Table 3.2, bottom caption, line 1: “Notes. -  *The transition is from i to 

j ,  so that Ej is the energy level of the lower”

Page 145, figure caption, line 1: “Figure 3.11: As Figure 3.7, except for Hell X6527Â 

and Ha. Scaled between ±  2.0% of the continuum”

Page 150, paragraph 2, line 3: “cated line profile of Ha A6563Â. Weak variability is 

confirmed in He ii AA6683, 6527Â.”

Page 151, figure caption, line 2: “CiV XX5801, 5812Â. The ‘spike^ at 5407A in (a) 

is a reduction artefact

Page 162, paragraph 2, line 2: “(Table 4.3, Chapter 4), show that the temporal 

variations in the profiles take”

Page 165, paragraph 1, line 2: “3.26. The z-axis is adjusted to show line velocity 

(corrected for the radial velocity”

Page 165, paragraph 1, line 5: “Hen A5411Â and Ha where scalings are between 

1.0 X 10"^ (white) and 5.0 x ”

Page 172, figure caption, line 1 “Figure 3.30: As Figure 3.27, except for Hel 

X5876.50À ”

Page 180, paragraph 1, hne 4: “modulation due to some variation in and close to 

the stellar wind/ photospheric”

Page 180, paragraph 2, hne 8: “to unity. However, for (  Pup, there is no evidence 

to suggest that f(0)  and g should”

Page 180, paragraph 4, hne 2: “8.5-hr period which could be detected at different 

observing epochs. A Fourier”

Page 182, paragraph 3, hne 3: “was detected in previous analyses and attributed to 

pulsation, the phase diagrams of”

Page 182, paragraph 3, hne 11: “Thus, an identification of the azimuthal pulsation 

parameter, —m, of between 2 and”

Page 183, paragraph 2, hne 9: “a possible —m  identification of between 2 and 4, 

similar to that identified by Baade”

Page 184, paragraph 1, hne 3: “+62°) and relative brightness have made it a 

favourite for studies of the intersteUar”

Page 184, paragraph 2, hne 1: “Recent work by Lennon et al. (1991) and Howarth 

& Reid (1993) have concluded”
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Page 187, paragraph 2, line 5: “the slit length was set to 5 arcseconds. However, 

exposure times were increased”

Page 188, Table 4.2, bottom caption, line 1: “N otes . -  *The transition is from i to 

j ,  so that Ei is the energy level of the lower”

Page 189, paragraph 2, line 10: “The He ll A5411Â line of Figure 4.2 shows no visible 

variability at this detection”

Page 196, paragraph 3, line 9: “of variability in the Hell A4686Â line (Fullerton, 

Gies & Bolton 1994, also detected”

Page 197, paragraph 2, line 1: “As discussed above, the Ipv of Hel A5876Â and the 

HI lines are suspected to be”

Page 206, paragraph 1, line 1: “As in the case of Ç Oph, the acceleration of individual 

Ipv features can be used to”

Page 211, paragraph 3, line 2: “280 kms“  ̂ in 0.2 days. Therefore, assuming coro

tation holds and f {6)r /R  = 1,”

Page 211, paragraph 5, line 8: “= 9 ± 1 (Fullerton, Gies & Bolton 1994) was 

assigned. This is supported by the absence of variability of the”

Page 212, paragraph 3, line 3: “fields, as predicted by analysis of the optical tran

sitions, and the UV variability”

Page 212, paragraph 4, line 6: “plant ‘seeds’ of instability at the base of the steUar 

wind, which are then amphhed”

Page 213, paragraph 3, line 14: “ ‘photospheric connection’ as defined above.”

Page 214, paragraph 2, line 5: to account for rotational effects on the spherical

harmonics only first order”

Page 219, figure caption, line 3: “Pesnell model. The greyscale limits in (a) are 0.5 

X 10~^ to 1.0 X 10~^. Model input parameters”

Page 227, paragraph 1, line 11: “Eqn. 5.1 is valid for rapid rotation, the periodicity 

and mode identifications can”

Page 227, paragraph 3, line 2: “two dwarf stars compared to the k estimations of” 

Page 237, paragraph 1, line 15: “basis of the mode identifications for the two dwarf 

stars in this study, may not be”

Page 239, paragraph 1, line 7: “NRP, the direct comparison of optical and UV time 

scales may not offer the best test”
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Page 242, paragraph 2, line 2: “The line profiles of these stars wiU be affected by 

the stellar wind and could swamp any”

Page 243, paragraph 1, line 3: “the chemical analysis of 0- and B-type supergiants 

to determine evolutionary”

Page 244, paragraph 1, line 2: “1992). This software package was used to extract 

and partially reduce the”

Page 252, paragraph 2, line 4: “The CLEAN technique is to construct D{u) and W{i/) 

and then to deconvolve”
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