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A b s t r a c t

With recent advances in astronomical instrumentation, individual massive stars in Local 

Group galaxies are now easily accessible to ground-based telescopes. We present deep, high 

quality images for two late-type spiral galaxies; NGC300 and M83, located beyond the 

Local Group at distances in excess of a Mpc. Through the use of narrow-band interference 

filters, utilizing the strong Wolf-Rayet (WR) emission lines, we have identified a large 

number of previously unknown WR stars revealing a significant increase in the known WR 

population of these galaxies, resulting in new catalogues. We have also used a number of 

modern ground-based optical telescopes with efficient multi-object spectrographs to obtain 

observations for a representative sample of known extra-galactic WR stars in M33, M31 

and IC 10, significantly improving on existing data. These galaxies are members of the 

Local Group and span a metallicity range of approximately a factor of 10, providing us 

with a variety of environments in which to study individual WR stars. Our large sample 

has allowed us to re-examine a number of spectral morphologies and to asses their potential 

multiplicity. We have also re-evaluated the metallicity gradients for three spiral galaxies 

in which we have observed WR stars, M33, M31 and NGC300 -  the results of which are 

considered in later analysis.

For our sample of identified single WR stars we perform detailed, tailored analyses 

using the non-LTE code, c m f g e n , which assumes a spherically expanding, extended at

mosphere subject to line blanketing. Fundamental stellar parameters are derived for each 

star and subsequently collated, permitting us to investigate the role that metallicity plays 

on the derived stellar properties for both WN and WC subtypes. The WN stars exam

ined display little difference in the observed properties between the Galactic and LMC 

samples. Comparison of the single WN stars in the SMC suggest they have significantly
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reduced mass-loss rates and increased luminosities, implying that WN stars display an 

observational mass-loss -  metallicity relationship comparable to O-type stars (i.e. M  oc 

Z°'5~0,8). Results for our sample of extra-galactic WC stars appear somewhat less clear, 

with a range of derived mass-loss rates and luminosities for stars located in a variety of 

environments. Our results imply that early-type WC stars are relatively uniform and that 

their wind structure is inherently the same, as indicated through their constant observed 

line fluxes, after correcting them for distance, and their narrow range of derived properties. 

Our results call into question whether their mass-loss rates are enhanced with increasing 

metallicity or whether other factors are important; such as carbon and oxygen signifi

cantly aiding line driving and further accelerating the star’s atmosphere. Further analysis 

of more high quality spectroscopic observations are required, for both subtypes of WR 

stars, located in as many extreme environments as possible to confirm our conclusions.



To Kate



A c k n o w l e d g e m e n t s

There are a number of people I am indebted to for their help during my Ph.D. Firstly, 

I would like to thank my supervisor, Paul Crowther, for his help and guidance over the 

last three years. I would also like to thank Linda Smith who unselfishly and possibly 

painfully, read my entire thesis providing me with useful feedback. Gratitude must also 

be extended to Allan Willis for his financial support towards the end of my Ph.D. as well 

as Mike Barlow and Raman Prinja for their helpful comments and advice. Credit must 

also go to John Hillier for the generous use of code, C M F G E N , for which proved invaluable 

to my work and to Georges Meynet for the use of his evolutionary tracks.

I feel I must thank past and present members of A5 -  Richard Norris, Sam Thomp

son, Dugan Witherick and Sam Searle -  for their help, support, patience and friendship. 

Thanks to Adam Burnley, Fab Sidoli (a.k.a. ‘Fabian’), Jo Fabbri and Ki-Won Lee for 

“putting up with me” and laughing at my jokes whilst out having a pint or three and to 

everyone else at UCL that I haven’t already mentioned. I would also like to thank the 

staff at the observatory for making me feel welcome whenever I chose to work out there 

with special thanks to the ladies for generously keeping me full on tea and toast.

Special mention must go to Kate, for tolerating me during my moments of madness 

and for her unconditional support throughout my Ph.D. as well as her kindly making 

my lunch (and dinner!). Finally, huge thanks to my parents for their constant love and 

support.

7



“To alcohol! the cause of, and solution to, all of 

life’s problems. ”

- Homer Simpson

“Only two things are infinite, the universe and 

human stupidity, and I ’m not sure about the 

former. ”

- Albert Einstein

- (1879 -  1955).
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C h a p t e r  1

Introduction

1.1 M assive Stars

Massive stars are one of the most instrumental factors in the evolution of the Universe. 

They provide an important source of chemical enrichment, kinetic energy and momentum 

into the surrounding interstellar medium (ISM) through their stellar winds. They provide 

feedback not just through their continuous stellar winds but also when they inevitably 

explode as supernova, suddenly enhancing the ISM’s chemistry. They also shape their 

local environment as they are strong sources of ionizing radiation.

The exact lower mass boundary between a low-mass star (like the Sun) and a massive 

star is still debated and depends on which set of definitions are used. For this work we 

choose to delineate the boundary for a massive star if it’s initial mass is greater than 8M© 

(spectral types earlier than B3V). The reasons for this are, (i) for stars with initial masses 

above 8M© , there is no pre-main sequence phase as they are already burning hydrogen in 

their earliest stages of evolution (Palla & Stahler 1993); (ii) above this mass cut-off, stars 

emit Lyman continuum photons and (iii) this mass boundary provides a division between 

stars which end their lives as white dwarfs and those that will evolve to become Type II 

supernovae (Heger et al. 2003).

The number of massive stars within a cluster/association can be described from the 

Initial Mass Function (IMF), which characterizes the relative distribution of stars after 

their formation as a function of their initial mass. The IMF was was first estimated by 

Edwin E. Salpeter back in 1955, when he studied stars within the Solar Neighbourhood.

3
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He parametrized stars in the range 0.4 -  10M@ by a power-law with an index, a: =  - 

2.35 (Salpeter 1955). The IMF can be measured by counting stars (as a function of 

their bolometric luminosity), and converting them into an IMF after considering the star 

formation history. This has been done for clusters and associations in both the Galaxy 

and the Magellanic Clouds and the IMF slope can still be essentially described by the 

Salpeter power-law, and so it is not believed to be affected by metallicity for massive stars 

(Massey 19986). There is evidence that for low mass stars the IMF diverges from the 

Salpeter approximation and become much flatter. This distribution can then explain why 

we observe large numbers of low-mass stars and only a small number of massive stars in 

a given cluster/association; even though their numbers are small their impact, via their 

stellar wind, on the surrounding environment is substantial.

A stellar wind is a continuous, supersonic outflow of material from the surface of the 

star. This outflow of matter plays an important role on both the evolution of the star as 

well as the surrounding ISM. It is understood that these strong, stellar winds are driven 

through radiation pressure (see Chapter 3 for detailed discussion). The term ‘stellar 

wind’ was originally coined by Parker (1960) in analogy with the solar wind, although 

observational evidence for stellar winds had long been identified. As the spectroscopic 

and photographic techniques improved at the end of 19th Century, a number of stars were 

soon identified to resemble ‘novae’ (i.e. they spectra contained emission lines), and the 

connection was soon made between stars with P-Cygni - type profiles and a bulk, outward 

expansion of material. It wasn’t until the invent of space-borne observatories that real 

observational progress was made into stellar winds. Morton (1967), first reported to have 

obtained Far-Ultraviolet spectra of six stars in Orion, using an Aerobee rocket. This work 

identified significant evidence of mass-loss in massive, hot stars through P-Cygni profiles 

of C iv  and Siiv. Much of our understanding today regarding stellar winds was made 

possible through the successful UV satellite, IUE, which launched in 1978 and continued 

for an amazing 18 years and 9 months.

We are able to observe the signatures of existing massive stars throughout the lo

cal universe, whilst they significantly contribute processed chemicals to the surrounding 

medium. We observe this feedback on many levels, from wind-blown bubbles (i.e. ring neb

ulae) around individual massive stars (Johnson & Hogg 1965), to superbubbles in nearby 

galaxies. These superbubbles occur when large star forming regions produce a number of 

supernova explosions which cause drastic changes in the kinematic and physical nature of
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the interstellar medium producing large-scale outflows (Matsushita et al. 2000). Type II 

and Ib/Ic supernovae (SNe) are thought to be massive stars that follow a core collapse at 

the end of their lifetimes (Filippenko 1997). They provide yet another important source 

of chemical enrichment, contributing large quantities of iron-group elements into the ISM.

Massive stars and their trade mark signatures can be used as tracers of star formation, 

enabling astronomers to observe them in distant galaxies. Thankfully there are a number 

of tested observational tools available to detect massive star formation in galaxies without 

necessarily observing individual stars, and as a result allow star formation rates (SFR) to 

be estimated. Observational indicators include measuring Far-IR Luminosities; 21cm radio 

fluxes; optical Ha and Hell A4686 emission. All these observables indicate either current 

star formation and/or recent star formation where there is a population of evolved, massive 

stars. By understanding more about individual massive stars we are able to constrain the 

large number of parameters which are assumed in current population synthesis models.

1 .1 .1  O B  S tars

Unlike low mass stars, massive stars spend little time on the main sequence and rapidly 

evolve. Although in terms of stellar lifetimes their existence is relatively brief, their impact 

and importance on the surrounding environment is huge.

Main Sequence (MS) massive stars can be categorized into two observational classes; 

O- and B-type stars. B stars (for this work we only discuss mid to early types) are formed 

within the mass range 8 - 1 8  M® , they have high temperatures (Te/ /  ~  20,000K), and 

weak stellar winds. Above this mass range stellar winds become much more significant. O 

stars are formed from the most massive stellar populations (initial mass > 18M® ) and are 

characterized by their strong UV radiation, even higher temperatures (Te/ /  ~  30,000K), 

and highly ionized photospheric lines. Young O stars on the main sequence show little 

evidence for a stellar wind, except for a few extremely wind-sensitive lines such as Hell 

A4686 or Ha A6563. For more compelling evidence UV data are required; here the most 

sensitive wind diagnostic is the resonance line of C iv  at A1550 (Walborn et al. 1985).

Modern spectral classifications for O stars were refined and catalogued by Walborn & 

Fitzpatrick (1990), who used a series of optical He I and He II absorption lines to define the 

spectral types 03-BO. This line ratio varied such that 03  stars were classified if He I was 

absent, due to its the ionizing radiation doubly ionizing all the helium. Since then due to 

a further understanding of massive stellar atmospheres and their evolution, Walborn et al.
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(2002) re-classified the upper-end of the O star subtype to include 02-3.5. Their revised 

classification principally uses the N iv /N m  emission-line ratio to discriminate between 

classes.

Spectroscopically B stars predominately display neutral hydrogen and helium absorp

tion lines. Optically B stars are classified primarily using their photospheric absorption 

lines of Sin and Sim  (Rountree & Sonneborn 1991), although there have been a number 

of studies (e.g. Smith Neubig &; Bruhweiler 1997) utilizing UV wavelengths where there 

are a number of unsaturated, low-ionization (e.g. Sim , Cll, Mgli) and high ionization 

(Nv, Siiv, C iv) lines.

Main sequence B stars are widely used to measure present day chemical abundances 

in both Galactic clusters and field stars (e.g. Smartt et al 1997), as their atmospheres 

are uncontaminated by products of nucleosynthesis. Observational results indicate that O 

star’s hotter temperatures result in a higher energy radiation output and higher luminosi

ties causing much higher mass-loss rates than B stars. These higher core temperatures 

and densities in O stars increase the rate of nuclear burning. It is also believed that their 

strong ionizing radiation is responsible for globally ionizing the ISM as their Lyman con

tinuum fluxes are greater than the hydrogen recombination rate (Reynolds 1984). B stars 

can still be important in star forming regions, however, even though their UV fluxes are 

less than O stars, due to the shape of the IMF they are much more numerous. Observa

tional studies still suggest they play a significant role in star forming regions, particularly 

at later stages when O stars have evolved (e.g. Garay et al. 2002; de Mello et al. 2000).

1 .1 .2  L B V  S tars

S Doradus-type variables were first identified by Hubble & Sandage (1953) in M31 and 

M33, and as a result they were called as “Hubble-Sandage variables” . This was later 

revised by Conti (1984) who renamed them more aptly as, “Luminous Blue Variables” 

(LBVs). These stars are in a brief (~105yr) yet violent post-main sequence phase of 

evolution. They occupy the upper-right region of the Hertzsprung-Russell (HR) diagram 

which is void of normal, stable stars. This empirical luminosity limit, known as the 

Humprhreys-Davidson limit, was determined by studying the distribution of Galactic and 

LMC stars (Humphreys & Davidson 1979; Fitzpatrick & Garmany 1990). Beyond this 

boundary stars begin to exceed the Eddington limit and become unstable.

LBVs undergo both short-term micro-variations (~0.1 mag) in their quiescent state
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(visual minimum), as well as the much longer (years), more irregular outbursts which 

are more violent (~l-2 mag). During these cycles their observed effective temperatures 

vary from, Te/ /  ~  20,000-30,000K, when they cross the upper luminosity boundary, to 

Tef f  < 10,000K when their atmospheres are dense and extended. As a result of their 

ever changing, unstable nature there are no defining characteristics which enable us to 

spectroscopically classify LBVs. Their spectra do typically exhibit emission lines of H, 

He I Fell and [Fell], some of which are seen as P-Cygni profiles.

In evolutionary terms the LBV phase is very short, and as a result only 5 LBVs are 

known in the Galaxy, with a few tens known in other galaxies. P-Cygni and rj Carinae are 

two of the most well studied LBVs in our Galaxy. Stahl et al. (1983) found that R127 (an 

Ofpe/WN star in the LMC) underwent an S Doradus-type eruption, suggesting a possible 

link between slash stars (see Section 1.1.3) and LBVs (maybe seen during their minimum 

phase). When they are observed at visual maximum their optically thick atmosphere 

changes their appearance such that they resemble an A supergiant or occasionally, an 

F-type hypergiant.

Theoretical work on the causes of the LBV phenomenon has been far more limited 

compared with the observational work to date. The exact cause of why LBVs undergo 

these instabilities is still not known, although it has been proposed that LBVs have a 

‘opacity-modified’ Eddington limit (Humphreys & Davidson 1984) which could trigger 

the instabilities. Whatever the reason, it results in enhancing the outflow from the star, 

detaching the star’s outer atmosphere. This extended atmosphere (or pseudo-photosphere) 

is in effect suspended through radiation pressure causing the observed oscillations. Even 

though the observed spectral appearance alters along with the luminosity and temperature, 

the bolometric luminosity essentially stays constant. The visual variations seen are due to 

the energy distribution shifting, which is driven by the instability (Humphreys & Davidson 

1994). LBVs are important in the evolution of massive stars and are thought to be one of 

the progenitors of Wolf-Rayet stars (Maeder 1983).

1 .1 .3  O f /W N  - S lash  S tars

Walborn (1977) first reported a new class of hot, massive stars which displayed spectral 

characteristics of both emission line O stars, and late-type WN stars. This small subset of 

massive stars were soon given their own name, ‘Slash Stars’. Since Walborn’s early work 

identifying this new breed of massive stars we have learnt more about this rather rare type
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of transitional star. There are now two groups of slash stars, this division is based upon 

their spectral features but can be attributed to their stellar temperatures.

The first, hot group of slash stars, such as Melnick 42, are classified 03 If/WN (Walborn 

1986). These stars have emission lines which are similar in strength to both O supergiants 

and late-type WN stars, although their spectra commonly display signatures of a hydrogen- 

rich envelope as well as intrinsic (weak) absorption lines (Crowther h  Dessart 1998). In 

evolutionary terms this links them more closely to O supergiants than helium burning WN 

stars (see section 1.2.2 for further details).

The second, cooler set of slash stars were originally discussed by Walborn (1982), 

who coined the classification Ofpe/WN9 stars. More recently Smith, Crowther h  Prinja 

(1994) and Crowther & Smith (1997) revised this class of slash stars to WN9-WN11, thus 

including these objects as an extension of the late-type WN phase, defined as having lower 

excitation. Their reasoning for this lay somewhat with the fact that unlike their 03 If/WN 

companions, photospheric absorption lines were absent from these stars.

1.2 W olf-Rayet Stars

Wolf-Rayet (WR) stars are the highly evolved, (mostly) helium burning descendents of the 

most massive initial stellar populations. Their name is attributed to their co-discoverers, 

two French astronomers, C. J. E. Wolf and G. Rayet (1867). They made their discovery 

whilst observing stars in Cygnus. They observed the optical spectra from these objects 

by eye through a spectrometer and reported their peculiar findings. Compared with the 

spectra of most stars, the spectra of these ‘strange’ stars were dominated by strong, broad 

emission lines. Although many more WR stars were subsequently found visually, it was not 

until photographic efforts (e.g. Pickering 1890) that many more WR stars were identified. 

The source of these emitting atoms was unknown until Beals (1930) attributed them to 

highly ionized lines of helium, nitrogen and carbon. Since then we now know that the 

spectra of WR stars are a result of their strong, dense stellar winds, and that we are 

not actually seeing the surface (photosphere) of the ‘hidden’ central star. It is this rich, 

emission line spectrum that characterizes WR stars today and is useful in identifying them, 

even at large distances.
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1 .2 .1  C la ssifica tio n  S ch em e

The spectra of WR stars can be divided into three distinct groups WN, WC, and WO, 

these classifications are based on their optical emission line spectrum, and discriminate 

whether we observed strong emission from nitrogen, carbon or oxygen. The spectra of 

WN-type stars are rich in helium and nitrogen emission lines and are (mostly) free of 

hydrogen. The spectra of WC stars typically contain broader emission lines compared 

with their WN counterparts, and are rich in carbon and helium. Nitrogen lines are absent 

from WC stars but instead we see an abundance of strong, dominant oxygen lines, this 

is because nitrogen is depleted very effectively during helium burning (see Section 1.2.5). 

The last, and somewhat rare group of WR stars are the WO subtype, these stars are not 

too dissimilar to WC stars, except that a range of highly ionized oxygen and carbon lines 

are prevalent. There is also another type of WR star which is rarely observed, and they 

are called WN/WC type. They are fundamentally transitional stars which are in some 

intermediate stage between WN and WC, so strangely we see strong nitrogen lines typical 

in a WN star but also strong carbon emission.

These three spectral classes are divided again into sub-classes, depending upon their 

emission line ratio from pre-defined lines of neighbouring ionizations, hence the classifi

cation is defined in some way by the star’s ionization (caveats to this are discussed later 

in this work). The subclasses range from WN2-11 and WC4-9, with the lower numbers 

referring to the ‘earlier1 stars in the sequence. Early work by Smith (1968) calculated a 

decisive relationship to help unify the classification of WN stars, principally using emis

sion line ratios of H ei/H eii, this classification scheme was later extended to include lower 

excitation objects and hence ‘later’ WN status (Smith, Crowther & Prinja 1994). Finally 

the WN classification scheme was revised by Smith, Shara h  Moffat (1996) to include 

secondary and tertiary criteria in an attem pt to more accurately classify WN stars, these 

criteria mainly included line ratios of N v /N m . As mentioned, WC classifications range 

from WC4-9, these were originally devised by Smith, Shara Sz Moffat (1990), and were 

later extended by Crowther, de Marco & Barlow (1998).

Smith, Shara & Moffat (1996) also formulated a method to  discriminate WN stars 

with definite signs of hydrogen in their atmosphere, labelled ‘h’, and those with only a 

marginal hydrogen content, labelled ‘(h)’. This classification scheme identified hydrogen if 

the (H-|-He) lines, A4340 and/or A4861, clearly exceed the height of a line drawn between
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the peaks of the pure Hell lines, AAA4200,4541,5411. These classifications were quantified 

by two formula described by

A4861/VA4541 x A5411 -  1 (1 .1 )

A4340/VA4200 x A4541 -  1 (1 .2 )

where stars with H+/He++ > 0.5, are classified as containing significant quantities of 

hydrogen, whereas stars with measured H+/He++ < 0.5, are only classified as having 

a marginal hydrogen content, and finally, for completeness stars with no hydrogen are 

labelled ‘o’, when the H/He ratio was zero.

1 .2 .2  N o n -R o ta t in g  E v o lu tio n a ry  M o d e ls

It is now commonly accepted that WR stars are the highly evolved descendants of the 

most massive O stars initially formed. This was not always the case. Until the work by 

Conti (1976) there were three distinct types of spectral classification for evolved massive 

stars, all of which displayed emission lines, Of stars; WR stars; and P-Cygni stars, all 

thought to be separate kinds of objects. Conti’s work recognized that they all appeared 

to under-go a similar physical phenomenon that connected them in evolutionary terms -  

stellar winds. It was proposed that a massive O star evolved such that,

O Of -* WR

Today this fundamental evolutionary sequence is known as the “Conti Scenario Since 

then, with help from both observational and theoretical work, this evolutionary sequence 

has been refined. There are many factors that affect the evolution of a massive star most 

notably; mass-loss, surface chemistries, initial mass, and mixing, all of which are predicted 

to vary with metallicity.

There have been a number of evolutionary tracks calculated for massive stars, notably 

those by Meynet et al. (1994), the results of which will be discussed here. The effect of 

metallicity plays a pivotal role not just in massive stars but also in the evolution of WR 

stars. Theory expects a correlation between the initial metallicity at which a WR star is 

formed and the rate at which it loses material during its WR lifetime - an affect which is yet 

to be determined through direct observational evidence. Other fundamental parameters 

are also indirectly effected by metallicity, again as a consequence of mass-loss. For example,
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a WR star with an initial mass of 85M© at solar metallicity, is predicted to live for a factor 

of ~ 2  longer than a star with the same initial mass formed in the SMC (Meynet et al. 1994). 

Non-rotating evolutionary models also predict that when comparing WR stars located in 

low metallicity environments to WR stars formed at higher metallicities, they have: (i) 

increased luminosities; (ii) their surface abundances are generally higher (i.e. they tend 

to enter the WR phase later in their lifetime); (iii) the ratio of binary/single WRs formed 

increase. It is still uncertain whether all of these trends are seen observationally.

Below is the evolutionary sequence for five different stars with a range of initial masses, 

showing their different transitional phases as they evolve. These sequences were inferred 

from the evolutionary models by Meynet et al. (1994) calculated for massive stars at solar 

metallicities. Its worth noting that at each stage in the sequence the lifetimes vary wildly 

between initial masses. Table 1.1 shows the lifetimes during different WR stages as well 

as the total WR lifetime calculated from these evolutionary tracks (Meynet et al. 1994).

120 M0 : 0  -► BSG —► WNL WNE ->• W CE-+ WO

85 M©: 0  -> BSG -> WNL ->• WNE -)■ WCL -> WCE -> WO

60 M©: o  -> BSG -> LBV -> WNL -> W N E-+ WCL -> WCE —►

40 M©: 0  -> BSG RSG WNL ->• WCE -» WO

25 M©: o  -* BSG -» RSG

The notation used in the evolutionary sequence: O, is simply a young O dwarf or main 

sequence O star, BSG is a Blue Supergiant, RSG is a Red Supergiant, LBV is a Luminous 

Blue Variable, with the various early and late WR phases indicated. An important point 

to note from these evolutionary models is that, at solar metallicities, only a star with an 

initial mass of at least of 40M© will evolve to become a WR star during its lifetime.

An important stage in massive stellar evolution is the supergiant phase. As a massive 

star evolves its hydrogen core is depleted through ongoing nucleosynthesis. Eventually 

the hydrogen fuel is exhausted and the temperatures are insufficient to ignite helium 

burning in the core (temperature for He burning T ~  2 x 108 K; Maeder 1983). As the 

fusion rate decreases the amount of energy generated declines. This causes the core to 

contract, converting gravitational energy into thermal energy allowing the surrounding 

shell temperature to increase. This rapid rise in temperature triggers hydrogen shell 

burning, and as a result the shell burning suddenly generates more energy which causes
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Table 1 .1 : Evolutionary predictions for WR star lifetimes (in units of 105 years) 

calculated at solar metallicity with standard and twice standard mass-loss rates 

(Maeder & Meynet 1994).

Initial

Mass

r(WNL) r  (WNE) r(  WC) r(WR)

Standard mass-loss rates

120M© 4.422 0 . 0 0 0 3.008 7.430

85M© 1.772 0.004 2.232 4.008

60M© 1.406 0.162 2.654 4.222

40M© 0.266 0.458 1.851 2.575

2 x Standard mass-loss rates

120M© 11.504 4.395 3.687 19.586

85M© 2.818 0.149 5.552 8.520

60M© 0.789 0.171 4.171 5.130

40M© 0.336 0.525 4.581 5.443

an expansion of the stellar radius and an increase in the luminosity. As the outer envelope 

expands its temperature decreases moving it redward along the Hertzsprung-Russell (HR) 

diagram (see Section 1.2.4). Spectroscopically these stars appear to be K- to M-type, 

observational studies have found that the mean spectral type changes with metallicity, 

appearing later at higher metallicities (Elias, Frogel & Humphreys 1985).

1 .2 .3  R o ta t in g  E v o lu tio n a ry  M o d e ls

The effects of rotation on the evolutionary lifetime of a massive star have been studied in 

a series of papers (e.g. Meynet k  Maeder 2000), continuing their earlier work described 

in Section 1.2.2. This work has recently been extended to study the effects of rotation 

on WR stars in a paper by Meynet k  Maeder (2003). Their revised evolutionary grid 

of models found that compared with non-rotating models; (i) their WR lifetimes were 

enhanced (typically by a factor of 2); (ii) stars enter the WR phase earlier and as a result 

they still have a large hydrogen-rich envelope, this notably increases the time that a star 

spends in the WNL phase; (iii) the transitional WN/WC phase where both H- and He- 

burning products are seen at the surface of the star is also predicted in the rotating models
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Table 1.2: Rotating evolutionary predictions for WR star lifetimes (in units of 

105 years) calculated at solar metallicity (Meynet &; Maeder 2003). These models 

assumed an initial rotational velocity, ut-m- =  300kms-1 , as well as the proposed 

mass-loss rates by Nugis & Lamers (2000).

Initial

Mass

r(WNL) r(WNE) r  (WN/WCE) r(WC) t (WR)

120M@ 10.402 0.706 0 . 0 1 0 2.851 13.969

85M@ 10.707 1.263 0.065 2.015 14.050

60M© 4.489 0.562 0 . 2 0 2 2.274 7.527

40M© 1.478 0 . 0 0 0 0.447 1.745 3.670

25M© 2.068 0 . 0 0 0 0 . 0 0 0 0 . 0 0 0 2.068

(although not in the most massive stars as mass-loss is too rapid); (iv) the minimum initial 

mass for a star to evolve to the WR phase has been reduced from 37M@ to 22M© when 

rotating at an initial velocity, =  300kms-1 . It is clear to see that rotation is an 

essential ingredient when considering evolutionary models for massive stars.

To highlight the improvements made with the inclusion of rotation we have listed 

the revised WR lifetimes in Table 1 .2 , the main differences are that the models predict 

that stars will enter the WR phase earlier extending the WNL phase. Importantly, the 

new models also predict the (modest) existence of the intermediate WN/WCE phase 

which have been widely observed but until now not predicted. By including rotation into 

the evolutionary model calculations it permits mixing within the star causing both H 

and He burning products to be simultaneously observed in the star’s atmosphere, which 

characterizes these stars. In effect, the inclusion of mixing produces a shallower chemical 

gradient inside the star. For the 120M© star the rapid mass-loss removes the outer envelope 

which reduces the time spent as a WN/WCE star. The effects of rotation on current 

evolutionary models have been substantial in bridging the gap between observations and 

theory, we now await a large grid of models calculated at a variety of metallicities and 

velocities before we can fully test these exciting results.

There has long been a discrepancy between the observed Blue to Red supergiant (B/R) 

ratio, and the theoretically predicted ratio. For example, the B /R  ratio observed for 

the SMC cluster NGC330 was found to be between 0.5 -  0.8 (Langer & Maeder 1995),
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subsequent IR observational studies did little to alter this ratio (e.g. Kucinskas et al. 2000). 

Previously determined non-rotational models predict stars to become RSGs at the end of 

the He-burning phase. At SMC metallicities these non-rotational models predict B /R  

~  47. The inclusion of rotation into theoretical models decrease the B /R  ratio with 

increasing rotational velocities, favouring the RSG phase and reducing the BSG lifetime. 

The rotational models by Maeder & Meynet (2001) found that for calculations with an 

average rotational velocity of v =  200kms-1 , the predicted B/R ratio was ~0.6, well in 

agreement with observed values.

1 .2 .4  T h e  H e r tz sp r u n g -R u sse ll D ia g ra m

The Hertzsprung-Russell (HR) Diagram was first drawn up by Ejnar Hertzsprung in 1911, 

and later independently by Henry Norris Russell in 1913. Their two-dimensional plot 

shows how the luminosity of a star varies with it’s surface temperature. When these 

observational parameters are plotted the majority of stars lie along a diagonal band which 

is now known as the main sequence (MS), this stage represents a significant phase in which 

a star still burns hydrogen at its core. This diagram became the foundation for what is 

now known as one of the most important, fundamental plots in stellar astrophysics, as it 

maps out the evolution of a star during it’s lifetime.

Figure 1 .1  shows the upper region of a theoretical HR diagram, representing a cluster 

(or association) of stars formed at the same time, and so we are effectively seeing a snapshot 

of stars at different ages in their evolution with a range of stellar masses. The figure shows 

stars with hydrogen (and the earliest stages of helium) core-burning, such that the WR 

phase is truncated.

For the most part, the majority of stars spend their life burning hydrogen and appear 

on the HR diagram close to (or on) the main sequence. A ‘typical’ high mass star will then 

evolve off the MS and move redward (or cooler) on the HR diagram, this occurs when the 

central hydrogen burning core becomes depleted. As this happens the star expands and as 

a consequence the star becomes more luminous and cooler. Because Figure 1.1 only shows 

the theoretical scenario up to an age of lOMyr, we only see the evolution of high mass 

stars. On these timescales the lower mass stars are either, still burning hydrogen on the 

MS or are yet to reach the MS, and are still embedded in their dusty shells as a proto-star. 

So for the stars in Figure 1 .1 , once a high mass star has evolved to become a RSG their 

atmospheres become extended and they lose their outer shells through dense, slow stellar
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Figure 1.1: The upper regime of the Hertzsprung-Russell Diagram. The figure 

shows the same stellar populations at a variety of different ages, during both 

hydrogen and the earliest stages of helium core burning. The upper section of 

the main sequence (MS) is shown, and a number of evolutionary stages are also 

indicated, including the Blue Supergiants (BSG), the Luminous Blue Variables 

(LBV), the relatively cooler Red Supergiants (RSG), as well as the beginning of 

a Wolf-Rayet (WR) star’s lifetime.
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winds. In doing this they expose their cores moving blueward (or hotter) across the HR 

diagram entering the BSG/LBV and/or the WR phase. This phase is truncated for the 

highest mass 0  stars, such that they after they evolve olf the MS, become a BSG/LBV 

and then evolve into the WR phase, without entering the RSG phase. By the time they 

become WR stars they soon reach core temperatures that are high (and dense) enough 

to ignite their helium rich cores where through nuclosynethsis helium is processed into 

carbon and oxygen.

1 .2 .5  N u c le o sy n th e s is

Unlike the Sun where hydrogen is converted into helium via the proton-proton chain 

reaction, massive stars produce helium through the carbon-nitrogen-oxygen (CNO) cycle. 

For the CNO cycle to dominate it requires that trace elements of carbon and nitrogen are 

present as well as high internal stellar temperatures, such that the reaction rate increases 

rapidly with temperature. In the CNO cycle carbon, nitrogen and oxygen are used as 

catalysts in producing helium, it is not until later in a massive star’s life that these 

elements will be produced through thermonuclear fusion. Below a summary of the CNO 

cycle is given although it is seperated into the CN and NO cycles for completeness.

12C  + 1 H  

13N  

l3C  + 1 H  

14N  + 1 H

ISq

l3N  + 1 H  

15N  + p

13N  + -y 

13C  +  e+ +  ve 

14N  + y  

150  +  7  

13 N  + e+ + ve 

4He + 12 C  

160  +  -r

(1.3)

The timescale for the CN cycle is mainly dominated by the fourth reaction shown above 

(i.e. 14N  + 1 H  - * 15 O +  7 ), as this reaction is the slowest and can typically last on the 

order of a million years.
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lsO + p — > 17 F  +  7

17 F  — ► 170  +  e+ +  t)e (1.4)

170  +  p — > UN  + 4 He

This sequence of reactions, known as the NO cycle, produces an excess of 14N  as this 

isotope is the most stable and is resistant to destruction. It is this temporary over

abundance of nitrogen which is characteristic of H-burning, and is the origin of the nitrogen 

enrichment in WN stars.

Once the abundance of helium increases and the internal temperatures are significantly 

increased then the conditions are such that carbon will be produced through the triple 

alpha process. 12C  is the main product during this process, below the nuclear reactions 

for helium burning are shown:

4He + 4 He <--> 8 Be +  7

8Be + 4 He - -> 12C + y

12C  + 4 He - -► 160  + 7

This is the main reaction that converts helium into carbon, although it does not explain 

why we do not see nitrogen in WC-type stars. For this we have to look at another branch 

of the triple-alpha process in which 14N  is converted into 180  and 22Ne. This reaction of 

14N  is highly resonant (Maeder 1983) and so the C/N and O/N drastically and suddenly 

increase as nitrogen is rapidly depleted. We show the reactions that produce both 180  

and 22N e  through the destruction of 14iV:

14N + 4 He — > 180  +  e+ +  ^e

180  +4 He —+ 22Ne  -f 7

22N e + 4 He — ► 25 Mg +  n

22N e + 4 He — > 26Mg + 7  (1 .6 )

This sits well with the current evolution theory of WR stars and can also explain why 

we see the (rare) intermediate WNE/WC stars. These objects are undergoing the nuclear 

reactions described in Equations 1.6 and 1.7 but due to mixing have slowed the rate at 

which 14N  is destroyed.
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Figure 1.2: A scaled, three-dimensional map of the Local Group taken from 

Grebel (1999). The underlying grid is parallel to the plane of the galaxy. The 

three large spiral galaxies in our Local Group are shown (open symbols), as well as 

dwarf ellipticals and dwarf spheroidals (orange and green symbols respectively).

The dwarf irregular galaxies are also shown (blue symbols). The main point that 

this Figure highlights is a morphological segregation, with clear evidence that the 

dwarf ellipticals and spheroidals are focused around the larger spirals.

1.3 The Local Group Galaxies

The W R population in the solar neighbourhood has been well studied with ground-based 

facilities and there have been a number of detailed studies of individual Galactic WR  

stars (e.g. Dessart et al. 2000), although current numbers are not believed to be final as 

observational studies have been hampered due to the large extinction in the Galactic plane. 

Things are slightly better for both Magellanic Clouds, as deep imaging has surveyed these 

galaxies to below the detection limit, even for the weak lined WN stars. These studies 

have revealed a number of W R stars, and again as with the Milky Way a number of 

these objects have been analyzed in detail (e.g. Crowther 2000; Crowther et al. 2002), 

although beyond our nearest galactic neighbours surveys have been limited and analysis
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of individual stars rare. A summary of the known WR populations in nearby galaxies is 

given in Table 1.3. NGC300 is included although strictly it is not a member of the Local 

Group, but in fact a member of the nearby Sculptor Group, but is within the viable limits 

such that ground-based detections are possible.

Table 1.3: List of known WR population in the Local Group galaxies. The 

abundances were all taken from Kennicutt et al. (1998) and references therein, 

apart from the SMC and the Milky Way, where the values from Russell & Do- 

pita (1990) and Esteban & Peimbert (1995) are shown. These (approximate) 

abundances were all determined from HII regions.

Galaxy Distance

(kpc)

Abundance

12+log(0/H )

WRs W C/WN References

Milky Way < 3 8.70 227 1.50 12

LMC 50 8.50 135 0.23 3,10

SMC 63 8.13 11 0.12 1,9

NGC6822 530 8.14 4 0.00 2,7

IC 1613 766 7.86 1 1.00 2,7

M31 796 8.98 49 0.67 4,5,7,8

IC10 820 8.20 15 2.00 6,7

M33 843 8.82 141 0.44 2,7

NGC300 2188 8.35 32 1.50 11

References -  1Azzopardi h  Breysacher (1979); 2ArcnandrofF & Massey (1985); 3Breysacher et al. (1999); 

4Bransford et al. (1999); 5Galarza et al. (1999); 6Massey & ArmandrofF (1995); rMassey & Johnson (1998); 

8Moffat h  Shara (1987); 9Morgan et al. (1991); 10Massey et al. (2000); u Schild h  Testor (1992); 12 van 

der Hucht (2001).

Figure 1.2 shows a scaled, three-dimensional map of the Local Group taken from Grebel 

(1999). It shows their spatial distribution within the local universe as well as their galaxy 

classifications. The three large spiral galaxies in our Local Group are shown, as well as 

dwarf ellipticals, dwarf spheroidals, and dwarf irregulars. The main point that this Figure 

highlights is a morphological segregation, with clear evidence that the dwarf ellipticals 

and spheroidals are focused around the larger spirals.

This work in part probes the WR populations in a number of these galaxies and 

beyond where surveys have been limited or non-existent. As well as finding candidate
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Figure 1.3: A spectrum of a faint W CE star in NG C300 (WR29, magv =  21.61), 

showing the position and width of the interference filters used to identify it as a 

W R candidate. The ‘WR filte r ’ (dotted line) is situated where there are known 

W R emission features and the ‘continuum filte r ’ (dot-dashed line) is situated in 

a region relatively free of emission. The relatively large excess in flux between 

these two filters highlights the potential method for discovering candidate WR  

stars.

WR stars we also concentrate on individual ‘single’ stars and attem pt to determine their 

stellar parameters from which we can learn more about their fundamental properties in a 

number of different environments.

1.3.1 D e tec tio n  M eth o d s

Beyond the Milky Way there have been a number of surveys to identify W R stars. The 

majority of these surveys use the well tested method of observing large regions of galaxies 

through interference filters. There have been previous W R filter system s that have suc

cessfully identified candidate WR stars within large stellar populations (e.g. Smith 1968), 

although more recently a more sophisticated series of narrow-band photometric system s
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have been developed (e.g. Royer, Vreux h  Manfroid 1998). These methods involve two 

(or more) specially designed narrow-band filters centered at 4686 A and 4781 A, with a 

modest band width of ~  70 A. The filters are centered on these regions to match known, 

strong WR emission features, and a region of relatively free emission. For WC stars, the 

former filter will contain emission from the blended feature of Hell A4686, C m  A4650, 

and C IV A4660, for WN stars, it will predominately include He II A4686 with some minor 

contribution from N ill A4640. From observations taken through these filters it is possible 

to distinguish objects that appear to have an excess of flux in the ‘WR filter’, and that 

would otherwise appear a perfectly normal star through broad-band photometry. There 

are limitations with this technique, for instance a foreground (cool) star could mimic He II 

A4686 emission if absorption lines were observed in the ‘Continuum filter’.

A schematic of this technique is shown in Figure 1.3; it shows a faint WC star 

(NGC300-WR29, my=21.61) with the two filters over-plotted to illustrate their position 

with respect to the strong WR emission. The ‘WR filter’ is shown in red, and the ‘con

tinuum filter’ is shown in blue. The large excess in flux between the two filters indicates 

a potential WR star. This technique was used to find candidate WR stars in NGC300, 

the results of which are described in Section 2.5. Follow-up spectroscopy successfully con

firmed that NGC300-WR29 was indeed a WR star. WR stars observed at different radial 

velocities within the Local Group will still be detected using this method due to the large 

intrinsic widths of WR star emission lines.

1.4 M etallicity Effects W ithin the Local Group

The Local Group is an ideal laboratory for testing the theories of massive stellar evolution, 

as the metallicity range spans a factor of ten. Even though the massive stellar content is 

still not fully known for all the Local Group galaxies we have now obtained enough data 

to test current evolutionary models. By comparing a number of measured observables for 

different galaxies we can test the effects of metallicity on massive stellar populations. In 

this section we discuss both current observed trends and evolutionary predictions.

The effect of metallicity plays a pivotal role in the evolution of massive stars, as it is 

predicted that a massive-star is heavily influenced by mass-loss throughout its life. Since it 

is believed that these stellar winds are driven by radiation pressure in optically thick lines of 

highly ionized metals, we should expect that their properties (e.g. M, Vqq) are sensitive to
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metallicity variations. As previously discussed theoretical predictions expect a correlation 

between the initial metallicity in which a WR star is formed and the rate at which it loses 

material during its WR lifetime - an effect which is yet to be determined through direct 

observational evidence. It is unclear as to whether this effect will be observed for both 

WN and WC-type stars. Other fundamental parameters are also thought to indirectly be 

effected by metallicity, again as a consequence of mass-loss.

1 .4 .1  T h e  W C /W N  R a tio

It is predicted that the metallicity plays an important role in defining the initial mass 

required to form a WR star. So because WR stars are formed from massive stars within 

initial stellar populations, only the most massive of those stars will evolve to become 

WC stars. As a result stellar evolution theory suggests that the WC/WN ratio should be 

sensitive to the surrounding metallicity, and can be used as a excellent indicator of massive 

stellar evolution. Massey & Johnson (1998) first tested whether this ratio was sensitive 

to metallicity by plotting the current observed WC/WN ratios against the respective 

metallicity for a number of our Local Group galaxies. These results are reproduced in 

Figure 1.4, the metallicity in this plot is taken from oxygen abundance calculations. The 

HII region oxygen abundance is used to indicate the metallicity.

The WC/WN ratio versus metallicity plot by Massey &; Johnson (1998) has emerged 

as a potentially useful indicator for astronomers working on WR stars in and around the 

Local Group. Almost all the galaxies plotted in Figure 1.4 follow the expected trend, 

where the WC/WN ratio increases linearly with increasing metallicity. This trend is well 

correlated apart from our own galaxy, the Milky Way, and IC 10. For the Milky Way 

it can be reasoned that our numbers for both the WC and WN stars are incomplete. 

Most of the known WR stars in the solar neighbourhood were found as part of the Henry 

Draper catalogue, and when considering factors such as extinction a typical WN star could 

easily be below the completeness limit. Meynet & Maeder (2003) recently compared their 

theoretical WC/WN number ratios for both non-rotating and rotating models. Their 

recent rotating models predict a reduced ratio, more in line with the observed trend seen 

for the other galaxies.

The unusually large WC/WN ratio in IC 10 (WC/WN «  2) has baffled astronomers 

for many years now, surprisingly it has a metallicity similar to that of the SMC but with 

a WC/WN ratio twenty times larger (Lequeux et al. 1979). There are many possibilities
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Figure 1.4: W C /W N  ratio versus oxygen abundance for Local Group galaxies 

reproduced from Massey & Johnson (1998). The dashed line is a least-squared 

fit to the points (ignoring IC 10 and the Milky Way).

as to why this may be the case, and an attem pt to answer this is given later in this thesis 

(see Section 6). Apart from the exception of IC 10 the other Local Group galaxies studied  

seem to follow a tight correlation between the W C /W N  ratio and metallicity; increasing 

towards higher metallicities. This trend can be explained as we do not expect to  see as 

many WC stars at lower metallicity due to those stars that do enter the W R phase evolving  

with considerably weaker winds than those at higher metallicity.

1.4.2 T h e  R S G /W R  R a tio

Not only do evolutionary models predict the W C /W N  ratio to be sensitive to metallicity 

but we also expect the observed O /W R  number ratio to vary with metallicity, and as 

a consequence the R SG /W R  ratio to also be sensitive to metallicity variations. This 

is achievable with modern evolutionary models, and as expected this number ratio is 

predicted to decrease with increasing metallicity, as the initial mass required to  form a 

WR sharply increases. Again, comparing the most recent rotational models (M eynet &
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Figure 1.5: Log (RSG /W R) ratio versus oxygen abundance for Local Group 

galaxies reproduced from Massey (2002).

Maeder 2003) to previous non-rotating models (Meynet et al. 1994), the rotational models 

favour the observed number ratios. We await more evolutionary grids calculated at a 

variety of metallicities before a full comparison can be made.

This theory was observationally tested recently by Massey (2002), who undertook 

deep photometric surveys of both the Magellanic Clouds. From these results he was able 

to re-determine the observed R SG /W R  ratio (instead of the O /W R  ratio, although the 

same effect should still be observed) for a number of Local Group galaxies. He excludes 

RSGs with Mf,oi >  -7.5 to avoid intermediate-mass AGB stars, as well as only including 

RSGs that lie in same areas for which there have been complete W R surveys. We have 

reproduced these results in Figure 1.5. It appears that observationally there is a trend for 

the R SG /W R number ratio to scale with metallicity. Unfortunately current evolutionary 

models fail to match this trend, as we see a reduction in the R SG /W R  number at ~LM C  

metallicity (Massey 2003).
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C h a p t e r  2

Observations of W olf-Rayet Stars in 

Nearby Galaxies

This chapter consolidates all the observations and techniques used to study individual 

Wolf-Rayet stars in the Local Group and beyond. Previous attempts to resolve single WR 

stars within the Local Group have proven difficult; the quality, resolution and the signal- 

to-noise of the spectra obtained from these studies have been poor. In comparison, recent 

instrumental improvements at 4-metre telescopes (e.g. CFHT-MOS) as well as a number 

of new instruments at 8 -metre telescopes (e.g. Gemini-GMOS) offers the possibility of 

observing many WR stars simultaneously, increasing the exposure time by an order of 

magnitude over standard (single) long-slit spectroscopy thereby delivering spectra with 

a signal-to-noise ratio sufficiently high to permit a detailed quantitative spectroscopic 

analysis. We now have the opportunity to study massive stars in a number of different 

environments which enables us to try to answer some of the fundamental questions still 

surrounding massive stars and their evolution.

2.1 M 33

Detailed studies of WR stars nearby in the Solar neighbourhood and the Magellanic Clouds 

have been numerous (e.g. De Marco et al. 2000; Hillier & Miller 1998; Dessart et al. 

2000). Beyond the Magellanic Clouds detailed spectroscopic studies of WR stars have 

been limited, and the quality of data obtained poor. In this work we study the Wolf- 

Rayet population of the late-type spiral (Sc) galaxy M33 (NGC598). M33 is an ideal

25
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candidate galaxy to continue with these detailed studies, as it contains a large number of 

known WR stars, it is nearby, with a well determined distance, a low extinction, and is 

viewed at a low inclination.

2 .1 .1  P r e v io u s  W ork

The early work on M33 by Wray & Corso (1972) using interference filters of Hell and C m  

led to 25 WR candidates, of which 22 were spectroscopically confirmed (Boksenberg, Willis 

& Searle 1977; Conti &, Massey 1981). A further 15 WR stars -  mainly serendipitously 

discovered while studying H u regions -  were found by Conti & Massey (1981). There 

have been numerous subsequent studies notably by Massey h  Conti (1983), Massey et al. 

(19876) and Willis, Schild & Smith (1992). Most recently there was a deep CCD survey of 

M33 by Massey & Johnson (1998) who found a further 22 new spectroscopically confirmed 

WR stars, bringing the total number of known WRs in M33 to 141.

Until now the quality, resolution and the signal-to-noise of the spectra obtained from 

these studies have been poor, allowing only determination of their spectral types and 

measurement of the line strengths from the strongest features. In only two cases have 

individual WR stars been studied in detail (Smith et al. 1995; Crowther et al. 1997). 

In comparison, recent instrumental improvements at 4-metre telescopes (e.g. CFHT- 

MOS) offers the possibility of observing many WR stars simultaneously, increasing the 

exposure time by an order of magnitude over standard (single) long-slit spectroscopy, 

thereby delivering spectra with a signal-to-noise ratio sufficiently high to permit a detailed 

quantitative spectroscopic analysis. We have observed a relatively large sample of known 

WRs in M 33 and obtained a new, improved dataset suitable for detailed analysis.

2 .1 .2  C FH T-M O S O b serv a tio n s o f  W o lf-R a y e t S ta rs  in  M 3 3

This study uses data taken with the Multi-Object Spectrograph (MOS) on the 3.6-metre 

Canada-France-Hawaii Telescope (CFHT) between 1-2 September 2000 and 17-19 October 

2001. 50 WR stars were observed in four-fields (see Table 2.1), sampling approximately a 

third of the known WR content of M33. Each field encompassed an area of approximately

9.5 'x9.5 ' with a scale of 0.28 "/pixel. Figure 2.2 shows the location for each of the four 

fields, superimposed in an archival 40s F-band CFH1 2 K MOSAIC image from 7 Aug 2000.

All program stars were spectroscopically observed with MOS using the 2048 x 4500 

EEV1 CCD with 13.5/zm pixels. Multiple exposures were taken using integration times
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Figure 2.1: Schematic showing the data format from a Multi-Object Spectro

graph. Each aperture is cut to produce a unique mask for the target field.

of 1800 sec. Individual masks were designed to include the maximum number of WRs 

possible for each field, attention was given such that the slit positions did not overlap in 

the spatial direction. Slits within each mask were cut to an aperture width of 1.5". The 

wavelength coverage obtained for each object depends on the vertical position of the slit 

on the mask, but typically we aimed for spectroscopic coverage of AA3800-7000 for all our 

target stars.

Data from a Multi-Object Spectrograph are taken through a number of narrow aper

tures (or ‘slitlets *) spatially positioned to observed a number of objects at once. Each of 

these apertures are cut using a laser to produce a series of tiny slits which in turn make a 

unique mask for the target field. The slit positions are decided on using primary observa

tions taken to identify the location of each object. Figure 2.1 is a schematic showing the 

data format for a generic Multiple-Object Spectrograph, each observation is in essence 

a series of smaller, long-slit observations acquired simultaneously. There also one or two 

bright guide stars that are concurrently observed within the field, these are used to help 

track the fainter objects.

^857^^9082
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M33-C

Figure 2.2: The four observed fields for M33 are shown, the coordinates can be 

found in Table 2.1. In this figure north is up and east is to the left. The field of 

view for each field is 9.5 'x9.5'.

The data were reduced and extracted using standard IR A F1 procedures modifying them 

for our data format. The majority of the packages used for the reduction are found under 

twodspec.apextract. After the data were bias subtracted, they were flat field corrected 

using a normalized flat field. For MOS data this stage primarily involves defining each 

aperture, after which they are traced to account for any non-linearity, and finally a high 

order spline is fitted to match the response across the chip. This gives a normalized Hat

field with each aperture containing any small scale pixel-to-pixel variations. The next 

procedure was to clean any cosmic rays from each image, for this we used the kappa.bclean 

package under IRAF. The extraction stage uses the apertures that were previously defined 

whilst normalizing the flat-fields, this was one of the most challenging tasks as some of 

the stars observed in our sample had extremely weak continuum which meant that tracing 

the star was very difficult. For some of the fainter objects increasing the number of

1IRAF is distributed by the National Optical Astronomy Observatories, which is operated by the As

sociation of Universities for Research in Astronomy, Inc., under agreement with the National Science 

Foundation.
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Table 2.1: Observed log for the four fields for M33, including the central coordi

nates for each field.

Field Position (2000) 

a 5

Epoch

M33-A 01 33 36.89 +30 42 38.4 Aug. 2000

M33-B 01 33 59.70 +30 39 27.1 Oct. 2001

M33-C 01 33 45.21 +30 35 31.4 Aug. 2000

M33-D 01 33 41.92 +30 31 18.0 Oct. 2001

summed rows between each trace step helped with its extraction. Once the data were one

dimensional they were wavelength calibrated under F i g a r o  Shortridge et al. (1999) using 

the standard packages. Where possible the sky was subtracted using local sky regions 

within the slit, although due to crowding and the need to use narrow apertures this was at 

times impossible. In these cases where there were no (or highly variable) local sky regions, 

we used observations of nearby sky taken through separate slits for these purposes. The sky 

was then subtracted using d i p s o  (Howarth et al. 1998) after a scaling factor was applied, 

this was calculated from the number of pixels summed in the extraction. We checked this 

method by extracting and locally sky subtracting a star within IR A F , and comparing the 

result with a sky subtraction made using a scaled, generic nearby sky region. Apart from 

the absolute levels differing slightly the main sky features were largely removed.

Given the large distance to M33, there were often large variations in the sky back

ground across individual slits, which were imperfectly subtracted. For example, a 1.5" slit 

width corresponds to a spatial scale of ~ 6 pc at a distance of 816kpc. These strong OH 

sky emission features were particularly problematic at wavelengths redward of ~  A6000. 

Fringing is also common long-ward of ~  A6800. In addition, the final data were not ab

solute flux calibrated. This was due to the fact that the standard stars were observed 

through a much larger slit width, such that the effects of differential, atmospheric refrac

tion altered the shape of the WR star’s continuum. The effects of possible contamination 

from nearby objects is an observational challenge, especially at relatively large distances 

such as M33. Added to the fact that the majority of WR stars are located in crowded 

regions containing large stellar populations, the task of obtaining uncontaminated WR 

spectra is made very difficult.
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Tables 2.1.2 and 2.1.2 list the Wolf-Rayet stars observed in all four fields. Their M33- 

WR number (column 1 ) and continuum magnitudes (column 4) are taken from Massey 

& Johnson (1998), the latter relating to narrow band filters with a central wavelength of 

A4750. In general, we shall refer to individual stars by their discovery reference, listed in 

column 2. The de-projected galactocentric distances for each star are also shown (column 

3), and are expressed as a fraction of the Holmberg radius2 (po =  25'). Figures A.l -  A.7 

show all the WN and WC stars taken from our observed sample.

2.2 N otes on Individual Stars

Revised spectral types are listed in the tables together with their previous classifica

tions. We follow the classification schemes devised by Smith, Shara & Moffat (1996) and 

Crowther, de Marco & Barlow (1998) for WN and WC stars respectively. Unfortunately, 

due to unreliable sky subtraction we were unable to use the primary criteria of Hell/Hel, 

to distinguish between WN subtypes. This meant that the three-dimensional classification 

scheme calculated by Smith, Shara &; Moffat (1996) was reduced to two-dimensions relying 

on the ratios of the weak-lined N III- V emission lines. All of the previous classifications 

(taken from Table 9 of Massey &; Johnson (1998) and references therein) are in relatively 

good agreement.

Overall, our sample revealed a majority of early-types amongst both WN and WC 

stars: WN3-5 accounted for 55% of the WN sample, whilst WC4-6 stars represented 90% 

of the WC sample. Our datasets extended sufficiently blueward to potentially identify WO 

stars, predomaintely searching for highly ionized oxygen lines, such as O vi AA3811,3834. 

From our sample none were classified as WO types. To date, late WC (WC8-9) subtypes 

remain exclusive to the inner Milky Way and M31. We generally refine previous spectral 

types, details of which are given for notable individual stars.

2The Holmberg radius is defined as the radius of a galaxy at which the surface brightness is 26.6 mag 

arcsec- 2 , this method was developed by Holmberg in 1958 to estimate the actual dimensions of the major 

and minor axes of a galaxy regardless of its orientation.



Table 2.2: List of WN stars and candidates observed with CFHT-MOS. Star identifications are: AM =  Armandroff k  Massey 

(1985); MC =  Massey k  Conti (1983); W&C =  Wray k  Corso (1972); MCA =  Massey et al. (19876); OB =  Massey et al. (1995); 

UIT =  Massey et al. (1996); HS-B =  Humphreys k  Sandage (1980) blue star; MJ =  Massey k  Johnson (1998); NGC595-WR# 

=  Drissen, Moffat k  Shara (1990). The M33-WR# assigned to each star and the previous spectral classification relates to that 

given by Massey k  Johnson (1998).

M33 Position (2000) Spectral Type

W R# Alias a S P fflcOTlt Fid Previous New

42 AM3,NGC595-5,UIT118 ..........................  01 33 32.80 +30 41 46.2 0.32 18.1 A WNL 4) WN8

49 CM6,AM6,MC32,NGC595-WR1,UIT126 01 33 34.22 +30 41 38.1 0.30 18.1 A WNL 4) WN8

— NGC595-WR9 .................. ....................... 01 33 33.83 +30 41 29.7“ 0.30 — A — - WN8

50 M J-G 13.............................. ....................... 01 33 34.24 +30 33 47.5 0.29 20.7 C WN 6) WN5

54 MCA5 ................................ ....................... 01 33 37.30 +30 35 27.2 0 . 2 2 20.9 C WN 1) WN4

56 W&C4,MC36 ................... ....................... 01 33 39.27 +30 35 54.9 0.19 19.6 C WN 8) WN4-5

59 W&C5,MC37 ................... ....................... 01 33 39.92 +30 31 38.4 0.33 19.1 D WN 8) WN4-5

60 MJ-G3 ................................ ....................... 01 33 40.01 +30 31 21.3 0.35 19.4 D WN 6) WN5-6+abs

74 MCA8  ................................ ....................... 01 33 43.30 +30 44 50.7 0.30 2 1 . 1 A WN 1) WN4

Table continued on next page .....

“Coordinates from HST/W FPC2 images, kindly supplied by Laurent Drissen (Univ. Laval).
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M33 Position (2000) Spectral Type

W R # Alias a S P m cont Fid Previous New

77 OB66-25,UIT184,HS-B205 01 33 44.65 +30 44 36.8 0.28 18.4 A WN8 5,6) Of

78 MCA9 ............................... 01 33 45.21 +30 38 41.1 0.08 2 0 . 1 B WN 1) WN8

80 W&C11,MC46 ................. 01 33 45.98 +30 36 02.4 0.15 2 0 . 1 C WN 1) WN4-5

83 W&C13,MC48 .................. 01 33 46.77 +30 33 34.4 0.26 2 0 . 1 C+D WN/CE 2,7) WN/WCE

8 6 MJ-G8  ............................... 01 33 47.81 +30 33 38.0 0.26 19.6 C+D WN 6) WN3-4

91 MJ-G9 ............................... 01 33 50.18 +30 33 42.4 0.26 22.3 C WN 6) WN3

103 MJ-X15,UIT236 ................ 01 33 53.58 +30 38 51.5 0.06 17.8 B Ofpe/WN9 3,6) WN9

106 OB6-5 ............................... 01 33 54.83 +30 32 22.7 0.35 17.9 D WN8 5) WN9

1 2 2 UIT289 .............................. 01 34 02.24 +30 37 49.5 0 . 2 2 18.5 B WN4 3) WN4+abs?

43A MJ-G1 ............................... 01 33 33.19 +30 33 43.4 0.30 19.3 C+D Cand WN 6) Not WR

55A MJ-C21 .............................. 01 33 38.39 +30 43 02.1 0.29 19.7 A Cand WN 6) Not WR

118 MJ-X16 .............................. 01 34 00.55 +30 38 09.1 0.18 2 0 . 1 B WN 6) Not WR?

(1) Massey, Conti & Armandroff (1987a); (2) Willis, Schild & Smith (1992); (3) Massey et al. (1996); (4) Armandroff & Massey (1991); (5) 

Massey et al. (1995); (6 ) Massey & Johnson (1998); (7) Schild, Smith &; Willis (1990); (8 ) Massey & Conti (1983).



Table 2.3: List of WC stars observed with CFHT-MOS. Star identifications are as in Table 2 .1 .2 .

M33 Position (2000) Spectral Type

W R# Alias a S P T&cont Fid Previous New

38 MC26,AM1.................. 0 1 33 26.64 +30 40 40.5 0.39 2 1 . 8 A WC5-6 4) WC6

45 MC29,AM5,NGC595-3 0 1 33 33.28 +30 41 29.8 0.31 19.7 A WC 4) WC6

52 MC33,AM8.................. 0 1 33 35.45 +30 42 20.4 0.30 20.4 A WC 4) WC4

55 W &C3,MC35.............. 0 1 33 38.16 +30 31 12.6 0.35 2 1 . 0 D WC 8) WC6

61 M C39,AM9................. 0 1 33 40.05 +30 42 38.8 0.25 2 0 . 0 A WC4-5 4) WC5+abs

62 W&C8,MC42.............. 0 1 33 40.16 +30 31 34.5 0.34 19.7 D WC4-5 4) WC4

63 W &C9,MC40.............. 0 1 33 40.18 +30 35 51.8 0.18 19.1 C WC 8) WC4

69 W&C10,MC43,AM13 . 0 1 33 41.81 +30 41 55.0 0 . 2 0 2 0 . 6 A WC6-7 4) WC7

71 MC44 .......................... 0 1 33 42.50 +30 33 14.6 0.27 18.7 C+D WC4-5 7) WC5

73 MJ-C4 ......................... 0 1 33 43.19 +30 39 00.5 0 . 1 1 18.6 B WC 6) WC4-5

76 MC45 .......................... 0 1 33 44.34 +30 38 44.5 0.09 — B WC 8) WC4

82 W&C12,MC47 ........... 0 1 33 46.54 +30 37 00.3 0 . 1 1 20.9 B WC 8) WC6

84 MC49 .......................... 0 1 33 47.14 +30 37 02.5 0 . 1 1 2 1 . 0 B WC 8) WC6

Table continued on next page .....
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004*.

M33 Position (2000) Spectral Type

W R # Alias a 6 P m  cont Fid Previous New

89 W&C12,MC52 ......... 01 33 50.06 +30 38 56.2 0.03 2 0 . 1 B WC 8) WC7+abs

92 W&C16,MC53 ......... 01 33 50.18 +30 41 35.1 0.09 19.1: A WC4-5 2,7) WC6

94 W&C17,MC54 ......... 01 33 51.27 +30 38 11.7 0.07 18.5 B WCE 6,8) WC7+abs

95 W&C19,MC55 ......... 01 33 51.82 +30 33 28.3 0.28 2 1 . 1 C+D WC 4) WC6

96 W&C18,MC56 ......... 01 33 51.99 +30 40 23.5 0.03 21.4 B WC 8) WC4+abs

99 M C 57......................... 01 33 52.67 +30 45 02.0 0.24 2 0 . 8 A WC 4) WC4

105 W&C21,MC60,AM14 01 33 54.40 +30 34 53.0 0.24 2 1 . 6 C WC 4) WC6

1 1 0 MC61,AM16 ............ 01 33 56.21 +30 32 41.5 0.35 21.3 D WC 4) WC5

1 1 1 W&C23,MC62,AM17 01 33 56.36 +30 34 55.5 0.26 20.9 C WC 4) WC5

116 MC65,AM19 ............ 01 33 59.27 +30 33 38.0 0.34 2 0 , 0 C WC6 2) WC6

1 2 0 MJ-X19 ..................... 01 34 01.29 +30 40 04.3 0,15 17.9 B WCL 6) WC6-7+abs

1 2 1 MJ-X9 ....................... 01 34 01.74 +30 36 19.8 0.26 19.0 C WNL?+abs 6) WC4+abs

125 W&C25,MC68 ......... 01 34 09.09 +30 39 06.8 0.28 — B WC 4) WC6

129 MC70 ........................ 01 34 16.28 +30 36 46.8 0.45 19.1: B WC 4) WC5

(1) Massey, Conti & Armandroff (1987a); (2) Willis, Schild & Smith (1992); (3) Massey et al. (1996); (4) Armandroff & Massey (1991); (5) 

Massey et al. (1995); (6 ) Massey & Johnson (1998); (7) Schild, Smith & Willis (1990); (8 ) Massey & Conti (1983).
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2 .2 .1  W N  stars

2.2 .1 .1  N G C 595-W R 9 (W N 8)

NGC595-WR9 (Drissen, Moffat & Shara 1990) is not M33-WR47 (MC31) as listed by 

Massey & Johnson (1998), but is newly confirmed as a WNL star here, supporting the 

earlier photometric classification. This object is located in the giant H u region NGC595 

and as a result its spectrum is heavily contaminated by nebular emission lines, this is 

also the case for the other WR stars in NGC595 (NGC595-WR1, NGC595-WR3 and 

NGC595-WR5).

2.2 .1 .2  M C 37 (M 33-W R 59, W N 4 -5 )

MC37 (Massey &; Conti 1983) has unusually broad emission lines (i.e. FWHM(Hell) ~  

70A) compared with other WNE stars of a similar spectral type (i.e. MC36 -  FWHM(He n) 

~  30A) indicating a large terminal wind velocity for this star.

2.2 .1 .3  M J-G 3 (M 33-W R 60, W N 5 -6 + a b s)

This early-type WN star was revised to WN5-6+abs, although the emission lines appear 

weak and the spectrum is dominated by a broad absorption component from either a 

companion or a chance line-of-sight star.

2 .2 .1 .4  M C A 8 (M 33-W R 74, W N 4)

Our spectrum for MCA8  (Massey et al. 1987), differs from that originally published by 

Massey et al. (1987), their spectrum shows a weak Hell A4686 emission line as well as 

He I A4471 which appears approximately equal strength. Whereas our observations show 

a typical, strong-lined early-type WN star with well resolved N v emission lines and an 

absence of He I A4471.

2 .2 .1 .5  M J-G 8 (M 33-W R 86, W N 3 -4 )

This weak-lined WN star was identified by Massey & Johnson (1998) during their deep 

imaging survey of M33. From our observations we have simply refined its spectral type 

to WN3-4.
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2 .2 .1 .6  M J-G 9 (M 33-W R 91, W N 3)

Our observations of MJ-G9 (Massey k  Johnson 1998) show a early-type WN star (WN3) 

due to the absence of N IV A4057 and the presence of strong N v  AA4604-4620. MJ-G9 

also suffers from nebular contamination.

2 .2 .1 .7  O B6-5 (M 33-W R 106, W N 9)

This noisy spectrum contains He 11 A4686 emission as well as a weak (tentative) detection 

of N II A3995 emission. As a result we have refined the spectral classification slightly from 

WN8  to WN9.

2.2 .1 .8  U IT 289 (M 33-W R 122, W N 4+ ab s)

The most notable feature about this star is that the emission lines appear very weak, in 

contrast to the strong absorption lines. Even though the emission features are weak we 

tentatively classify UIT289 (Massey et al. 1996) as WN4+abs, due to the weak detection 

of N v. This is in agreement with the previous WN4 classification given by Massey et al. 

(1996).

2 .2 .2  W N /C E  stars

2.2.2.1 M C 48 (M 33-W R 83, W N /C E )

This is the only WN/CE star is our sample and its broad-lined spectrum contains both 

strong C IV A5808 and nebular emission.

2 .2 .3  W C  sta rs

2.2.3.1 M C 33 (M 33-W R 52, W C 4)

We have refined the spectral type for MC33 (Massey k  Conti 1983) from WC to WC4. 

This star also interestingly appears to display weak C iv A5471 emission.

2.2 .3 .2  M J-C 21 (M 33-W R 55A )

MJ-C21 (Massey k  Johnson 1998) was another WN candidate found not to be genuine 

from our observations.
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2 .2 .3 .3  M C 39 (M 33-W R 61, W C 5+ ab s)

There is very little unusual about this ‘typical’ WC5 star, except that it appears to have 

faint signatures of absorption lines in its spectrum.

2 .2 .3 .4  M C 42 (M 33-W R 62, W C 4)

MC42 (Massey k  Conti 1983) is a broad-lined (FWHM(Civ) ~  70A) WCE star which also 

shows strong nebular emission lines. Its spectrum closely resembles MC57 (M33-WR99), 

another WC4 star which has similar line widths and also shows strong nebular emission.

2 .2 .3 .5  M C 44 (M 33-W R 71, W C 4)

The line profiles for MC44 (Massey k  Conti 1983) show a strange morphology, especially 

for C iv A5808. This could simply be an artifact of a incorrect sky subtraction. In fact it 

seems that some nebular lines have been over-estimated during the sky subtraction.

2 .2 .3 .6  M C 45 (M 33-W R 76, W C 4)

MC45 (Massey k. Conti 1983) was first identified by Wampler (1982) who labelled it Anon. 

1. Wampler (1982) remarked that this star, which appeared as an unmarked object on the 

Wray k  Corso (1972) identification plate, was bright in the A4670 filter plate. Subsequent 

spectroscopy by Wampler (1982) identified Anon. 1 as a WC5 star, and appears very 

similar to our spectrum, with weak WR emission lines and strong nebular lines.

2.2 .3 .7  M C 52 (M 33-W R 89, W C 7+ ab s)

The spectrum for this late-type WC star has weak C iv A5808 emission and is clearly 

contaminated by a hot OB star, with a series of narrow Balmer absorption lines present.

2.2 .3 .8  M C 53 (M 33-W R 92, W C 6)

MC53 (Massey k  Conti 1983) is a narrow-lined WC star (i.e. FHWM(Civ) ~  30A) where 

He II A4686 is resolvable from the usually blended C I l l - i v  A4650 emission feature. C IV 

A5471 also appears very weak. We revise the earlier classification of WC4-5 (Schild, Smith 

k  Willis 1990) to a somewhat later WC6 .
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2.2 .3 .9  M C 54 (M 33-W R 94, W C 7+ ab s)

MC54 (Massey h  Conti 1983) was noted by Massey h  Johnson (1998) to be located NE of 

a brighter star, and its spectrum reflects this, as it is heavily dominated by strong Balmer 

absorption lines, with weak WR emission features. We revise the classification for this 

star from WCE (Massey h  Johnson 1998) to WC7+abs.

2.2 .3 .10  A M 14 (M 33-W R 105, W C 6)

AM14 (Armandroff & Massey 1985) is relatively faint (V ~  21.3 mag) compared with 

other early-type WC stars in M33. The overall emission line strength for AM14 is also 

weaker.

2.2.3.11 A M 16 (M 33-W R 110, W C 5)

The emission line strength for AM16 (Armandroff & Massey 1985) was very large for this 

WC5 star (i.e. logEW(Clv) ~  2000A), potentially indicating that it does not suffer from 

contamination.

2.2 .3 .12 A M 17 (M 33-W R 111, W C 5)

This early-type WC star is similar to AM16 (Armandroff & Massey 1985), in that it has 

very strong, broad emission lines (i.e. logEW(Civ) ~  2 0 0 0 A). O m -v  A5590 also appears 

unusually strong in AM17.

2.2 .3 .13  M J-X 9 (M 33-W R 121, W C 4+ ab s)

We obtain WC4+abs for MJ-X9 (Massey h  Johnson 1998), versus WNL?-|-abs from 

Massey h  Johnson (1998), although only blue optical datasets were available to the earlier 

study. This star has exceptionally broad emission lines, plus an unusual morphology in 

the A4660 region. We also detect clear Balmer absorption lines in its optical spectrum.

2 .2 .3 .14  M C 70 (M 33-W R 129, W C 5)

Comparing the original spectra published for MC70 by Massey & Conti (1983), we find 

that instead of a spectrum heavily dominated by what appears to be nebular emission, we 

see a clean, well resolved early-type WC star. The widths for MC70 (Massey h  Conti 1983) 

tend to be somewhat narrower compared with other WC4-5 stars in M 33.
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2 .2 .4  O th er  sta rs

2.2 .4 .1  M J-G 1 (M 33-W R 43A )

MJ-G1 was identified as a WN candidate by Massey &; Johnson (1998), although our 

observations did not confirm this. However, our observations for this star did find the 

presence of strong Ho: emission.

2 .2 .4 .2  OB6-25 (M 33-W R 77, O f)

We propose an Of spectral type for OB66-25 from Massey et al. (1996), alias HS-B205, 

Humphreys & Sandage (1980), rather than WN8  due to the weak Hell A4686 and N III 

AA4634-41 emission plus Hell AA4542,5411 absorption. The spectrum for this star also 

contains strong nebular emission.

2.2 .4 .3  M J-X 16 (M 33-W R 118)

Our spectrum of MJ-X16 differs from that published by (Massey & Johnson 1998) in the 

sense that their weak, broad He II 4686 emission was not confirmed by our spectroscopy.

2 .2 .5  P h o to m e tr y , d is ta n c e  and  r e d d e n in g  to  M 3 3

There have been a number of magnitudes quoted for the WR population in M33 (e.g. 

Massey Sz Conti 1983; Drissen et al. 1990; Armandroff & Massey 1991; Massey & Johnson 

1998), the majority of these magnitudes are quoted as ‘continuum magnitudes’. Un

fortunately the definitions for these continuum magnitudes vary between authors. For 

completeness we have listed the continuum magnitudes (equivalent to “AB” magnitudes 

at A4750) calculated by Massey h  Johnson (1998) in Table 2.2. For our purposes we have 

determined broad-band Johnson V and B magnitudes for our sample of apparent single 

WC stars in M33; from two sources, archival HST WFPC2 images3, where these were 

available. Photometry was performed on HST F555W images using the h s t p h o t  pack

age (Dolphin 2000), this procedure is similar to D A O P H O T  but is fine-tuned for WFPC2 

images, including corrections for QE variations, accurate PSF determinations, contamina

tion as well as geometric and aperture corrections. We also obtained broad-band Johnson 

V and B magnitudes from archival CFHT-12K images4taken in August 2000 (see image;

3Credit: HST photometry was performed by L. Drissen (Univ. Laval).
4Credit: CFHT photometry was performed by P. Crowther (UCL).
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Fig 2.2). Photometry was obtained using the d a o p h o t  software package under i r a f , 

using nearby field stars observed by Macri et al. (2001) as photometric standards. Overall 

the HST photometry resulted in systematically fainter magnitudes for all but five WC 

stars, these variations were typically ~0.4 mag. These significant discrepancies are largely 

due to crowding, in which accurate sky subtraction is made difficult using ground-based 

observations. Photometry calculated from HST images were used in preference and are 

shown in Tables 2.4 and 2.5, unfortunately HST images were unavailable for a number of 

WR stars in our sample and so we use ground-based photometry taken from CHFT-12K.

M33 is used as a primary indicator to calibrate extragalactic distance scales and to 

constrain the Hubble constant (Ho), and as a result its distance has been well studied (e.g. 

Kennicutt, Stetson, Saha, Kelson, Rawson, Sakai, Madore, Mould, Freedman, Bresolin, 

Ferrarese, Ford, Gibson, Graham, Han, Harding, Hoessel, Huchra, Hughes, Illingworth, 

Macri, Phelps, Silbermann, Turner & Wood 1998; Freedman, Wilson &; Madore 1991). We 

chose to use a distance modulus of (m - M)o =  24.56 (corresponding to 816 kpc), obtained 

by Freedman et al. (2001) using revised Cepheid distances.

The reddening towards M 33 was examined by Sandage & Johnson (1974), Humphreys 

(1980), Johnson & Joner (1987) and more recently by Massey et al. (1995) and Massey 

(1998a). Massey et al. (1995) acquired a large sample of photometric observations for hot, 

luminous stars in a number of Local Group galaxies including M33. They concluded for 

M33 that the typical colour excess is Eb - v  ~  0.16; they also found that there is still a 

scatter of colour excesses amongst OB associations within the galaxy ranging from 0.06 -  

0.33. These values, as well the the average reddening determined by Massey et al. (1995) 

are also consistent with those inferred by the earlier studies mentioned above.

As discussed in Section 2.1.2, our spectra could not be reliably flux calibrated and 

so accurate reddenings could not be determined for each star. For our purposes we have 

used a nominal value of Eb - v  =  0.15, after taking the previous published values into 

consideration we feel that this is a representative value for M33. Absolute magnitudes 

resulted from these ‘generic’ reddening. This approach is far from ideal. Nevertheless, an 

uncertainty of ±0.1 mag in Eb-V i amounts to an uncertainty of 30% in luminosity.
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Table 2.4: List of ground-based CFHT photometry for the WC stars in M33 and 

where possible, space-based HST broad-band photometry.

M33- HST CFHT

WR# F336W F439W F555W V B

38     20.895 21.03 20.68
45       19.43 —

52 19.373 20.620 20.622 20.16 -----
55       19.98 —
61 19.373 20.660 20.583 20.01 -----
62 18.308 19.694   19.81 -----
63       19.36 ----
69 19.752 20.841   20.49 20.60

71       18.89 —
73     18.757 18.67 -----
76 - —- —    17.97 —
82       20.46 20.40:
84       20.48 ----
89 18.418 19.635 19.739 19.83 -----
92       19.50 ----
94     20.550 18.83 -----
95     21.165 20.75 -----
96 20.388 21.507 21.298 21.02 -----
99 19.440 20.670 20.423 20.55 -----
105     21.264 21.56 21.71

110     21.278 20.79 20.88
111     20.576 20.73 20.36
116 18.435 19.634 19.661 19.61 19.41
1 2 0        18.22 ----
121 17.961 19.230 19.084 18.04--------
125 19.029 20.339 20.542 19.94 -----

129 18.720 19.940 19.935 19.87 19.77
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Table 2.5: List of both HST and CFHT photometry for the WN stars in M33, 

as well as three previous WN candidates identified by Massey & Johnson (1998).

M33- HST CFHT

W R # F336W F439W F555W V B

42       18.23 17.97

49       16.91 ---

50       19.50 ---

54       21.46 20.92

56       19.74 ---

59 18.290 19.649   >18.60 -----------

60       19.74----

74 20.527: 21.953:   21.18 20.75

77       18.54----

78     20.561 20.66 ------

80       20.57 19.84

83       19.40 19.60:

86       20.08 —

91     22.177 21.64 22.80:

103 16.437 18.050 18.198 18.08

106 16.858 18.187 18.62

122 17.982 19.477 20.128: 18.69

43A 19.57 ----

55A 19.649 18.982 18.691 18.09

118 19.542 20.732 20.538 19.98

2.3 M 31

Observationally, M 31 is a more challenging target to study large stellar populations. Its 

large angular size and high inclination restricts the use of current multi-object spectro

graphs. Despite these limitations it proves an important laboratory for probing massive 

stars, as it is the largest and most metal-rich galaxy in our galactic neighbourhood.

2 .3 .1  P r e v io u s  W ork

The earliest searches for WR stars in M31 were performed by Moffat & Shara (1983) 

using interference filters centred on strong WR emission lines. Their detection method
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scanned approximately two thirds of M31 using a series of narrow-band photographic 

plates centred on A4670 to identify potential WR emission, and a number of broad-band 

B plates centered on ~  A4500 which served as continuum magnitudes. Their surveys 

uncovered 21 WR candidates of which 17 were later spectroscopically confirmed as bona- 

fide WR stars. This work was later extended by Moffat & Shara (1987), where they added 

a further 16 WR candidates using an imaging tube. Unfortunately these early studies only 

identified strong-lined WR stars.

Subsequently, there were further studies by a number of different groups (e.g. Massey 

et al. 1986; Armandroff & Massey 1991; Willis et al. 1992) who spectroscopically confirmed 

the majority of these WR stars. More recently work by Massey & Johnson (1998) increased 

the number of known WRs in M31 to 48, with a few remaining candidates. This number 

is very low when compared with the number of known WRs in our galaxy (227; van der 

Hucht 2001), although this can be partly explained by the fact that the majority of these 

surveys have not identified a potentially large population of faint (weak-lined) WR stars, 

and that observational work has been hampered further due to the low inclination of the 

galaxy. There has also been recent observational evidence by Williams (2003) to suggest 

that the star formation rate in M 31 has been low over the past 100 Myr.

Apart from the work by Smartt et al. (2 0 0 1 a), very little analysis has been carried 

out on the WR population in M31. This is mainly due to the poor quality of data 

achieved, such that beyond spectral classification and equivalent width measurements 

very little analysis was possible (e.g. Schild, Smith &; Willis 1990; Willis, Schild h  Smith 

1992). We have obtained high resolution spectra with a good signal-to-noise such that a 

qualitative and quantitative analysis may be performed enabling us accurately determine 

stellar parameters. Unfortunately our sample is small but importantly we have data for 

both a WCL and a WO star, both of which are rare in themselves.

2 .3 .2  W H T -IS IS  O b serv a tio n s  o f  W o lf-R a y et S tars in  M  31

Long-slit spectra of our WR stars in M 31 were observed using the ISIS double-armed spec

trograph on the the 4.2-metre William Herschel Telescope. Figure 2.3 shows a schematic 

of a generic long-slit spectrograph such that a comparison can be made with a Multi- 

Object Spectrograph described in Section 2 .1 .2 . Observations were made on two separate 

occasions, as we lost one and a half nights on our first observing run due to technical 

difficulties. The first set of observations were made on 3rd August 2002, with the other
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Stellar Continuum

Aperture

Spatial Direction

Figure 2.3: Schematic showing the data format for a generic long-slit spectrograph 

such that a comparison can be made with that of a Multi-Object Spectrograph 

(see Fig 2.1). The aperture width can vary depending on the object that is being 

observed.

set being made on 28th November 2002, unfortunately the second observing run ended 

prematurely due to bad weather. A list of observations is given in Table 2.6, all of these 

stars were observed on the 3rd August, except for OB48-WR1 which was obtained on the 

28th November. Its important to note that long-slit observations were made in preference 

over using a Multi-Object Spectrograph due to the large angular separation between ob

jects in M31, this is again another factor as to why observational studies in M31 have 

been restricted.

Our observational setup used the 6100 beam splitting dichroic such that light was 

simultaneously observed through both the blue and red channels. For the red arm we 

used the R300R grating along with the 4700 x 2148 MARCONI CCD (13.5/im pixels), 

whilst on the ISIS blue arm we used the R316B grating with the 4096 x 2048 EEV12 CCD 

(13.5^m pixels). This setup gave us continuous wavelength coverage from AA3500-9000, 

and dispersions of 0.84 A/pix and 0 .8 6  A/pix for the red and blue arms respectively. Each 

target was observed through a l /; slit, giving us a 3 pixel spectral resolution of 3A. For our
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Table 2.6: Observational target list of WR stars in M31, showing their coor

dinates, continuum magnitudes, galactocentric distance, and spectral classifica

tions. These parameters were taken from Table 10, Massey & Johnson (1998). 

Star identifications are: MS =  Moffat & Shara (1983); OB =  Massey et al. (1986); 

IT =  Moffat & Shara (1987). The OB associations designations are from van den 

Bergh (1964).

Alias

Position (2000)

P cont

Spectral Type

a 8 Previous New

MS5 ....................... 00 42 34.40 +41 30 22.2 0.62 — WC7-8 WC8

MS12 ..................... 00 40 19.46 +40 52 24.8 0.63 — WC W 04

MS21 ..................... 00 39 11.00 +40 38 16.6 0 .8 8 — WCE WC6

0B48-WR1,IT 5-01 00 44 55.54 +41 31 04.2 0.70 20.7 WC6-7 WC6

observations of the (faint) WR stars in M31 a slow readout speed was used in preference 

to reduce the readout noise. Exposure times were typically 2 x 3000s, although MS5 was 

only observed for 2 x 2400s owing to the fact that it was somewhat brighter than the other 

WR stars. The standard star BD+254655 was also observed with a 60s exposure, using 

an identical setup as described, immediately prior to the observations of the WR stars 

and was chosen due to its similar airmass.

The data were reduced and extracted using standard longslit packages under i r a f , 

using the standard data reduction procedures under twodspec.longslit. Once the spectra 

had been bias subtracted, they were flat field corrected using a normalized flat field taken 

with the internal quartz lamp. Next they were then cosmic ray cleaned, again using 

kappa.bclean package whilst still under i r a f , and finally extracted, making sure that the 

sky was consistently subtracted during this stage. It was then both wavelength and flux 

calibrated using the standard, well documented F IG A R O  packages (Shortridge et al. 1999). 

Telluric corrections were also made using the standard star BD+25 4655 to determine the 

strong absorption features. A sky subtraction was achieved using local sky regions within 

the slit.

The data were flux calibrated and checked for consistency between objects and different 

exposures, and the final flux calibrated standard star was also in excellent agreement with 

published values. During the observing run we also observed a number of well studied
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Galactic WR stars. As an extra check we also compared these calibrated spectra against 

previously obtained spectra from independent sources and found excellent agreement. This 

gives us confidence in our absolute flux levels for our sample of stars and as a result we 

have calculated narrow-band v magnitudes for all four WR stars observed in M31 (see 

Table 2.7). Figure B.l shows the calibrated spectra for our four WR stars in M31; we 

only show the region between AA4000-7000 to highlight the strong WR emission lines.

2 .3 .3  N o te s  on  In d iv id u a l S ta rs  

2.3.3.1 M S5 (W C 8)

MS5 (Moffat h  Shara 1983) is a bright, weak-lined WC8  star. It has narrow emission lines 

(i.e. FWHM(CIV) ~  30A), typical for late-type WC stars.

2.3 .3 .2  M S12 (W 0 4 )

Using the classification scheme by Crowther, de Marco h  Barlow (1998) we have revised 

the spectral classification for MS12 (Moffat Sz Shara 1983). We obtain W 04 for MS 12 

owing to the presence of highly ionized oxygen lines. Its spectrum predominately resembles 

a broad-lined WC4 star, although O IV A3412 and O v i  A3834 appear strong and resemble 

an early WO-type.

2.3 .3 .3  M S21 (W C 6)

MS21 (Moffat & Shara 1983) looks like a typical WC6  star and is almost identical to 

another WC6  star in M33, MC26 (Massey & Conti 1983), as it has extremely similar 

line strengths and line widths. We refine the spectral classification for MS21 from WCE 

(Massey & Johnson 1998) to WC6 .

2.3 .3 .4  OB48-W R 1 (W C 6)

We classify OB48-WR1 (Massey et al. 1986) as another WC6  star, in agreement with 

that found by Massey et al. (1987a). Compared with MS2 1  its line strength is somewhat 

weaker.
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Table 2.7: Observed spectrophotometry of WC stars in M31, both narrow-band 

v and broad-band V  magnitudes are shown. Our calculated absolute magnitudes 

are also shown, assuming a distance of 752Kpc, along with the derived reddenings.

Star Spectral mv my E B - V Mv

Type (mag) (mag) (mag)

MS5 ......... WC8 18.82 18.82 0.26 -6.37

MS1 2 ....... W 04 20.41 19.83 0.42 -5.85

MS2 1 ....... WC6 21.15 20.73 0.43 -4.98

OB48-WR1 WC6 19.46 19.23 0.34 -6 .2 1

2 .3 .4  P h o to m e tr y , d is ta n c e  an d  r e d d e n in g  to  M  31

Table 2.6 lists our observed WR targets in M31; it also contains coordinates, continuum 

magnitudes, galactocentric distances, p (as a fraction of the Holmberg radius), and spectral 

classification, all taken from the work by Massey & Johnson (1998). It can be seen that 

in most cases very little is known about most of the WR stars in M31. The spectral 

classification have been refined with no noticeable changes, except for MS 1 2  which has 

been revised from WC to W 04. MS5 was also confirmed as a rare, late-type WC8  star.

We are confident that we achieved an accurate flux calibration for our dataset, as 

a result we derived spectrophotometric narrow-band and broad-band V  magnitudes (see 

Table 2.7). Apart from OB48-WR1 there is no published photometry for any of the 

WR stars in our sample. Massey et al. (1986) measured OB48-WR1 to have a continuum 

magnitude (equivalent to “AB” magnitudes at A4750) of 20.7. We found, from our narrow

band v magnitude (equivalent to A5160), that OB48-WR1 is somewhat brighter at 19.46. 

From the line strength of the C m  A5696 and C iv  A5808 MS5 looks like is either in a 

multiple system, or that the continuum has been diluted by another nearby star. This 

theory is supported by the fact that is significantly brighter than the other three WR stars 

in our sample, and that even for a WCL star, the equivalent widths measured for MS5 are 

low.

The distance to our nearest spiral galaxy, M31 has been well studied and is used as 

a primary distance indicator (e.g. Freedman et al. 1991; Holland 1998). The distance has 

been measured using a number of different methods although the most commonly used 

method is using observations of Cepheids. This method was used during an extensive
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study of many of the local group galaxies as part of one of the Hubble Space Telescope Key 

Projects (see Kennicutt et al. 1998). Original observations suggested a distance to M31 

of (m - M) =  24.42 (D =  796kpc), these observation have since been revised (Freedman 

et al. 2 0 0 1 ), and after the refinements were included, the distance was finally determined 

as (m - M) =  24.38 (D =  752kpc). It is this distance of 752kpc that is adopted for all our 

calculations.

The reddenings towards our objects were independently obtained from the model fits 

to the calibrated spectra, de-reddening our observations until the flux distribution matches 

the theoretical model. Massey et al. (1995) observed a large sample of stars situated in 

crowded regions within M31. They used their photometric and spectroscopic results to 

infer a reddening towards each observed field. Although unlike M33 and NGC6822, the 

reddening towards M31 did not agree between the spectroscopic and photometric set of 

results. They conclude that the reddening in M31 is peculiar, with an average value of 

Eb - v  =  0.16±0.01, they also found that the average reddening also varied between a 

number of OB associations ranging from Eb - v  = 0.14 -  0.23. We suggest that from our 

spectroscopic observations that the reddening towards our objects is in fact larger. This 

is not surprising considering the high inclination of the galaxy, and may (partly) explain 

why such a variable reddening was noted by Massey et al. (1995).

This variable reddening was also reported by other authors, Barmby et al. (2000) 

observed a substantial number of globular clusters in M31. They found that from the 

distribution of 221 reliable reddenings, the average was Eb - v  — 0.22. It must be added 

that there was still a huge range of reddenings within their sample, the largest reliable 

reddening as high as Eb ~ v  = 1-38 (globular cluster 037-B327), although this was an 

extreme case. We are confident that our assumed reddenings are well within previously 

determined values.

2.4 I C 10

“IC 10 is one of the most curious objects in the sky ”

- Hubble (1936)

This quote by Edwin Hubble describing IC 10 has turned out to be almost prophetic as 

the mysteries of IC 1 0  have puzzled astronomers for decades - this work has attempted to
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help resolve at least part of the questions surrounding IC 10. One reason this nearby dwarf 

irregular galaxy has proven so interesting is its extraordinarily high star formation rate. 

There have been numerous different studies suggesting that IC 10 has recently under-gone 

an intense burst of activity. This evidence for a unusually high star formation rate is 

inferred from its large population of H ll regions (Hodge & Lee 1990), its observed non- 

thermal radio continuum (Yang Sc Skillman 1993), its large far-IR luminosity (Melisse 

Sc Israel 1994), and more directly from its high surface density of massive stars (Massey 

&, Armandroff 1995). Later observations by Massey & Johnson (1998) also found an 

unusually high WR population; not only were there a surprising number of WR stars, but 

the observed WC/WN ratio was also remarkably high. This is especially odd considering 

that metallicity studies have indicated that IC 1 0  has a metallicity similar to that of the 

SMC (~ 0 .2 Z©), yet its WC/WN ratio was higher than any other Local Group galaxy 

studied. This work will re-address this issue through new, high-resolution spectroscopy.

2 .4 .1  P r e v io u s  W ork

Previous observational programs to study the massive star content in IC 10 have been ham

pered due to the low inclination towards the galactic plane, and hence the large interstellar 

reddening (see Section 2.4.3). The first narrow-band surveys by Massey, Armandroff & 

Conti (1992) found 16 ‘significant’ candidate WR stars, this number was later increased 

when another, more thorough, survey by Royer et al. (2001) detected a further 13 new 

WR stars, more importantly they claimed that three of these were WC9 stars. Given 

the metallicity of IC 10 (12+log(0/H) =  8.19; Lee et al. 2003) this was very surprising 

considering that previously the only WC9 stars to be identified were located in the Solar 

neighbourhood where the metallicity is approximately solar. Not only this but in other 

detailed surveys of both Magellanic Clouds where the metallicities are much lower, the 

only WC stars found are that of early type WC4-5. This speculation of WC9 stars added 

to the curious nature of IC 10. Most recently the WR content was again examined with 

the use of narrow-band photometry by Massey Sc Holmes (2002). They obtained deep 

exposures of IC 10 and claimed to have found a large number of objects with significant 

Hell A4686 emission, which they infer are the currently large unidentified WN population 

which would alter the WC/WN ratio to a more sensible value.
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2 .4 .2  G em ini-G M O S O b serv a tio n s o f  W o lf-R a y et S ta rs  in  IC  10

Due to the very limited number of spectroscopically confirmed WR stars we undertook 

an observational programme to observe almost all the known WR population in IC 10. 

This was achieved using the Gemini Multi-Object Spectrograph (GMOS) on the 8 -metre 

Gemini-North telescope between 21st December 2001-16th January 2002. The observa

tional procedure is very similar to that described in Section 2 .1 .2 . After deciding on the 

location of the target stars, two masks were made, encompassing ~15 WR candidates in 

each field, there was a slight over-lap of the fields. The coordinates for these fields are 

given in Table 2.8.

The GMOS instrument consists of three 2048 x 4608 EEV CCDs with 13.5/xm pixels, 

they are aligned in the dispersion plane to give a total detector area of 6144 x 4608 pixels. 

The three CCDs are positioned with only a narrow gap of 0.5mm between each detector. 

Each “slitlet” within the masks were cut to a 1 " width, and in conjunction with the B600 

grating we achieved a 2  pixel spectral resolution of 5A. Multiple exposures were taken 

for both fields of 5 x 3600sec and 4 x 3600sec for fields A and B respectively. Where 

possible spare slilets were made to observe ‘blank’ sky regions or nearby H II regions. The 

total wavelength coverage achieved differed wildly depending on the vertical (or spectral) 

direction within the mask, although with our grating centered around A5600, we aimed 

to observe a spectroscopic coverage of AA4000-7000. Failing this we aimed to at least 

include both strong, distinguishing WR features around A4686 and A5808 for classification 

purposes.

The data reduction was achieved using the Gemini pipeline package gemini.gmos writ

ten and supported under i r a f . This package is specific to GMOS data and as a result it 

converts the data into a multi-extension format (MEF). Our method of reduction followed 

standard procedures within the pipeline; bias subtraction, flat field correction. After this 

we extracted the (partly) reduced image and cosmic ray cleaned them using kappa.bclean 

package under i r a f , as the current version for the reduction does not support this option. 

Once they had been cleaned they were replaced into their original format. The wave

length and extraction stages within the pipeline package vary from other Multi-Object 

Spectrograph reduction packages, as each slitlet is automatically cut into yet more file 

extensions. Now each 2-D spectrum is wavelength calibrated using the observed internal 

CuAr arc lamp, the next interactive stage sky subtracts each spectra before the data is
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Table 2.8: Observed log for the two fields for IC 10, including the central coordi

nates for each field.

Field Position (2000) Epoch

a S

IC10-A 0 0  2 0  28 +59 17 40 Dec. ‘01/Jan. ‘0 2

IC10-B 00 20 14 +59 18 25 Dec. ‘01/Jan. ‘0 2

finally extracted. At this stage the data were converted into single extension files and flux 

calibrated using standard i r a f  packages under noao.onedspec. The flux calibration used a 

60 sec exposure of the standard star G191-B2B. We are confident that our flux calibration 

was accurate as our spectrophotometry agrees well with previously published narrow-band 

photometry.

Unfortunately due to the small spatial scales between each WR star in IC 10 we were 

unable to observe all 28 candidates with GMOS. Subsequently a small sample of known WR 

stars were included in our observing run at the 3.6-metre CFHT on 18th October 2001, 

using MOS. Full details of the instrument and data reduction can be found in Section 2.1.2. 

To summarise, we used the 2048 x 4500 EEV1 CCD with 13.5pm pixels, each slit was cut 

to a width of 1.5", which gave as a spectral resolution of 7A with the B600 grating. Three 

exposures were taken using integration times of 1200 secs. We were unable to flux calibrate 

the data for reasons outlined in Section 2 .1 .2 .

Between both datasets we observed 27 of the 28 WR candidates (15 from Massey 

&; Armandroff (1995) and 13 from Royer et al. (2001)), with 24 in our GMOS dataset 

and 17 observed with CFHT. The one candidate that we failed to observe was WR15 

from Massey h  Armandroff (1995), although the classification of this star was confidently 

assigned spectroscopically by Massey & Armandroff (1995).

2 .4 .3  P h o to m e tr y , d is ta n ce  and  r e d d e n in g  to  IC  10

We use the photometric observations taken from Royer et al. (2001), in which their photo

metric filter system centres on Ac=5055, with a FWHM=5lA, this is close the to narrow

band v WR filter devised by Smith (1968). For the few cases where we do not have 

photometric observations for our candidate WR stars we quote spectrophotometric val

ues. These values agree exceptionally well with those by Royer et al. (2001), to within
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~0.1 mag, and are listed in Table 2.9. For consistency we have also shown the broad-band 

V  magnitudes calculated from HST WFPC2 images taken through the F555W filter, pre

sented by Crowther et al. (2003).

Due to the low inclination of IC10 within the Galactic plane (l,b = 119°,-3°) the 

observed interstellar reddening is very high. This has hampered observational studies of 

this galaxy in the past, especially in the optical regime and is one of the reasons that 

previous observational programmes have been limited. There have been a number of 

published values for the fore-ground reddening, with estimates ranging from Eq - v  = 0.77 

- 0.91 (Richer et al. 2001; Lee et al. 2003). IC 10 also contains high quantities of internal 

dust (Richer et al. 2001) which explains the variety of published reddenings for this galaxy. 

As our observations for the WR population within IC 10 are accurately flux calibrated, 

when we model these results we are able to obtain individual reddenings towards each WR 

star (see Section 6.5). We also calculate less accurate reddenings from the photometry 

which is listed in Table 2.9. Here we quote the published values by Royer et al. (2001), 

which by their notation relates to c\ — C2 , but is equivalent to (v — r). We calculate the 

interstellar reddening, assuming an intrinsic colour of (v — r)o =  -0 .2  mag, and taking 

into account ~  Ev_r using a standard extinction law.

As with the reddening determinations (and as a result of the variable reddening), the 

distances calculated for IC 10 have also varied. In recent years this variation has narrowed 

somewhat to approximately 700kpc. Kennicutt, Stetson, Saha, Kelson, Rawson, Sakai, 

Madore, Mould, Freedman, Bresolin, Ferrarese, Ford, Gibson, Graham, Han, Harding, 

Hoessel, Huchra, Hughes, Illingworth, Macri, Phelps, Silbermann, Turner h  Wood (1998) 

determined the distances to a number of Local Group Galaxies using a variety of methods.- 

Using the period-luminosity relation for Cepheids they calculated a (m - M) =  24.57 (D =  

820kpc). Sakai et al. (1999) then published a much lower value for the distance to IC 10, 

they quote (m - M) =  24.1 (D =  660kpc) using Cepheid variables, and (m - M) =  23.50 

(D =  500kpc) using the tip of the RGB. More recently near-IR photometric observations 

by Borissova et al. (2 0 0 0 ) re-evaluated the distance to IC 1 0  with respect to IC 1613 as 

this distance is known more accurately. They calculate a distance of (m - M) =  23.86 (D 

=  590kpc). It is this distance that we will adopt for our studies of WR stars in IC 10, as 

we feel that considering the high foreground reddening and variable dust content, near-IR 

studies are more favourable.

Table 2.9 also lists absolute magnitudes using the narrow-band photometry from Royer
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et al. (2001), assuming a distance; D =  590kpc. Our reddenings are a little uncertain but 

agree with previous studies and compare with other WR stars in the Local Group (van 

der Hucht 2001).

2 .4 .4  N e w  W o lf-R a y et C a ta lo g u e

We revise the known WR population in IC 10, including WR stars previously identified 

and observed by Massey, Armandroff & Conti (1992), referred to as [MAC92] #  and Royer 

et al. (2001), referred to as RSMV # .  Table 2.9 list 26 WR stars, all of which have been 

spectroscopically confirmed, in IC 10. Where high spatial resolution (via HST WFPC2 

imaging) reveals multiple components we indicate these components with A, B etc, this 

nomenclature is recommended to avoid confusion.

Generally we refine spectral classifications, except for [MAC92]5, which we revise 

from WN to a rare W N/CE intermediate type WR star. This revised classification helps 

explain the discrepancies between the two authors for this star - Massey, Armandroff h  

Conti (1992) reported a WN star, from spectroscopic observations - whereas narrow-band 

photometry presented by Royer et al. (2001) identified an early-type WC star. Also our 

GMOS spectroscopy did not reveal two WR candidates identified by Massey, Armandroff 

& Conti (1992); [MAC92]3 and [MAC92]16 to be genuine WR stars.

Our dataset also includes spectroscopic observations of the 13 WR candidates identi

fied photometrically by Royer et al. (2001). Ten of these candidates were observed with 

Gemini-GMOS, whilst the remainder (RSMV 1, 10 and 11) were observed using CFHT- 

MOS. We reveal that 9 of these candidates are bona-fide WR stars, while the three potential 

WC9 stars identified (RSMV 1 , 3 and 7), plus the WC candidate RSMV 4 were all found 

not to be genuine WR stars.

Recently, Massey & Holmes (2002) spectroscopically confirmed two new emission line 

stars in IC 10. Crowther et al. (2003) argue against the debatable WR nature for their 

WR24. They discuss the fact that the published spectrum for this star closely resembles 

a 03IfWN star, like Melnick 42 in the LMC, especially as it has a lower line strength and 

similar FWHM as Melnick 42. Massey & Holmes (2002) also pointed out that this star was 

bright and as such indicated a WN star. Inspection of HST/WFPC2 F555W images in fact 

reveals three separate sources all within 1" from the central coordinates listed by Massey 

& Holmes (2002), such that a ground-based telescope would be unable to clearly resolve 

all three components. The brightest of the three (labelled A; see Appendix C .l) signifi-



Table 2.9: Spectroscopically confirmed Wolf-Rayet stars in IC 10, plus Of/WN candidates, from catalogues of Massey et al. 

(1992, [MAC92]#), Royer et al. (2001, RSMV# ) or Massey & Holmes (2002). Broad-band V and narrow-band v magnitudes 

are taken from archival W FPC2  imaging and Royer et al. (their cl), respectively, except those in parenthesis, which are 

obtained from GMOS spectrophotometry. See text for determination of absolute magnitudes. Line equivalent widths (Wa) and 

FWHM refer to Hen A4686 for WN stars, and C m  AA4647-50/Heii A4686 plus C iv AA5801-12 for WC stars.

Name Position (2000) my mv >i Mv Spectral Type GMOS

# a S mag mag mag mag Old New Field

[MAC92] 1 00 19 56.97 +59 17 08.0 — 2 2 .0 1 .0 2 - 6 .0 WC WC4-5+abs Can,MOS

[MAC92] 2 00 19 59.65 +59 16 55.3 — 21.7 1.17 -7 .0 WC WC4 Can,MOS

RSMV 6 00 20 03.02 +59 18 27.4 (22.5) 2 2 .8 1 .2 2 - 6 .1 WC WC4 Can

RSMV 5 00 20 04.24 +59 18 06.6 (2 2 .0 ) 22.4 1.44 -7 .4 WC WC4-5+abs Can,MOS

[MAC92] 4 00 20 11.55 +59 18 58.3 (2 0 .1 ) 20.3 1.26 -8 .7 WC WC4-5 Can

[MAC92] 5 00 20 12.85 +59 20 08.5 (22.4) 23.2 1.14 -5.3 WN WNE/C4 UK,Can

RSMV 13 00 20 15.62 +59 17 22.2 (23.8) (24.0) (0.7:) - 2 .8 : WN WN5 UK

RSMV 9 00 20 20.33 +59 18 40.2 (2 2 .0 ) 2 1 .6 1.16 -7.0 WN7 WNE+abs UK

RSMV 8 00 20 20.56 +59 18 37.8 (2 0 .8 ) 2 0 .8 1 .1 1 -7 .6 WN8-9 WN10 Can

[MAC92] 7 00 20 21.87 +59 17 41.5 (19.4) 19.6 1 .0 1 -8 .4 WC WC4-5+abs Can

[MAC92] 9 0 0  2 0  22.60 +59 18 47.26 23.1 (23.9) (0 .8 :) -3.2: WN WN3 UK

RSMV 11 0 0  2 0  2 2 .6 8 +59 17 53.91 2 2 .8 — — — WC WC4 MOS

[MAC92] 10 00 20 23.36 +59 17 42.6 (20.9) 2 2 .2 0.98 -5 .7 WC6-7 WC7 Can

RSMV 12 00 20 25.61 +59 16 48.60 22.7 (23.8) (1.3:) -5.4: WN WNE Can

[MAC92] 12 00 20 26.17 +59 17 26.90 21.9 2 2 .0 1 .0 ° - 6 .0 WC WC4+a UK

Table continued on next page



Name Position (2000) my mv £ i < Mv Spectral Type GMOS

# a 8 mag mag mag mag Old New Field

RSMV10 00 20 26.48 +59 17 05.32 22.9 — — — WC WC4 MOS

[MAC92] 13-A 00 20 26.63 +59 17 33.20 2 0 .8 21.4 1.03 -6 .7 WC WC5-6 Can

[MAC92] 13-B 0 0  2 0  26.62 +59 17 33.40 23.1 — — —

[MAC92] 14-A 00 20 26.87 +59 17 20.21 20.7 21.4 1 .0 ° - 6 .6 WC WC5 UK

[MAC92] 14-B 00 20 26.91 +59 17 20.34 22.4 — — —

[MAC92] 15 00 20 27.03 +59 18 18.6 — 23.3 1.05 -4 .9 WC6-7

[MAC92] 24-A 00 20 27.67 +59 17 37.7 18.8 — — — WN WN+OB?

[MAC92] 24-B 00 20 27.82 +59 17 37.5 21.3 — — —

[MAC92] 24-C 00 20 27.75 +59 17 36.3 2 2 .0 — — —

RSMV2-A 0 0  2 0  28.00 +59 17 14.63 21.4 22.4 1.24 -6 .5 WN7-8 WN7-8 UK

RSMV2-B 00 20 28.04 +59 17 14.87 25.1 — — —

[MAC92] 17-A 00 20 29.05 +59 16 52.3 22.5 — — — WN WNE+OB Can

[MAC92] 17-B 00 20 28.98 +59 16 51.9 2 2 .2 — — —

[MAC92] 19-A 00 20 31.01 +59 19 04.53 2 2 .6 23.3 1.32 - 6 .0 WNE WN4 UK,Can

[MAC92] 19-B 00 20 31.01 +59 19 05.25 24.0 — — —

[MAC92] 23 00 20 32.79 +59 17 16.4 — — — — WN7-8

[MAC92] 20 00 20 34.46 +59 17 14.71 2 2 .0 (2 2 .8 ) (0.7:) -3.9: WC WC5 UK

[MAC92] 21 00 20 41.64 +59 16 25.3 — 23.4 0.76 -3 .6 WN WN4 UK

(a): Set at £ ,fc_t/=1.0 due to severe contamination of ground based photometry by nearby red stars (see text)
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cantly contributes to the observed continuum (V~19.8 mag). To confuse the prospect of 

identifying the individual WR component for WR24, all three sources have U-V colours 

that are consistent with early-type stars. Due to the severe crowding in the vicinity of 

this star (with two more bright sources both located within 2 "), considering both imaging 

and spectroscopy, we conclude the object is either a WN+OB binary, or a WN star which 

is contaminated from a cluster of OB stars.

Finding charts for all confirmed WR stars, published in Crowther et a l (2003), are 

presented in Appendix C. They include ground-based, Hell A4686 narrow-band imaging 

from the 4-metre WHT5 telescope, and space-based, HST WFPC2 images, which are used 

to resolve several WR stars into multiple components, A and B.

2.5 N G C 300

To-date, the majority of observational studies searching for WR stars in the Local Group 

have been focused on the Milky Way, Magellanic Clouds, M33 and M31. These discoveries 

all used 2-4m class facilities, and constrained the viability of observational studies beyond 

the Local Group. However, with the availability of modern 8 m class telescopes it is now 

possible to obtain deep, high resolution images of galaxies beyond the Local Group allowing 

us not only to identify new WR populations, but to study them in detail.

2 .5 .1  P re v io u s  W ork

NGC300 is a late-type spiral (Sc) located in the nearby Sculptor Group of galaxies. As 

with the Local Group, observations suggest that the smaller members of the Sculptor 

Group are concentrated in several spatially separated loose groups around the larger spi

rals, NGC300, NGC253, and NGC7793 (Karachentsev et al. 2003). In fact there are often 

references to NGC300 being the Sculptor Group’s counterpart to M33, both are large, 

late-type spirals, that are orientated at low inclinations. Unlike M33, where numerous 

observational studies have identified possible WR candidates, spectroscopically confirming 

141 (Massey h  Johnson 1998), the known WR population in NGC300 is less clear.

The earliest signatures of WR stars in NGC300 were recorded by D’Odorico, Rosa h  

Wampler (1983) who detected two WR stars whilst studying 16 H II regions. In the same 

year another study of H II regions in the Sculptor Group also remarked that from their

5 WHT images kindly provided by P. Royer (Univ. Liege)
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sample (also totalling 16) two H II regions displayed broad He n  A4686 emission - indicative 

of WR stars (Webster & Smith 1983). Later a further four WR stars were identified 

by Deharveng et al. (1988) while cataloging 176 H u regions within NGC300. These 

independent findings clearly signalled a hidden WR population, although a systematic 

survey to target individual WR stars within NGC300 was not undertaken until the work 

by Schild & Testor (1991). By using the well tested method of interference filters they 

were able to identify a number of WR candidates, three of the most obvious candidates 

were spectroscopically confirmed. This survey was later extended, confirming a further 10 

previously undetected WR stars. Breysacher et al. (1997), found a further six WR stars 

located in five associations within NGC300, again using the technique of interference 

filters. Finally, Bresolin et al. (2002) inadvertently discovered a late-type WN star in 

NGC300 while spectroscopically surveying blue supergiants, increasing the total known 

WR population in NGC300 to 2 2 .

2 .5 .2  VLT-FORS2 O b serv a tio n s o f  W o lf-R a y e t S tars in  N G C 3 0 0

The majority of the previous studies have mainly focused around H II regions and associa

tions. We have undertaken a deep narrow-band survey of NGC 300 using VLT-FORS2 . Ob

servations were taken with the VLT UT2 (Kueyen) telescope, using the Focal Reduced/Low 

Dispersion Spectrograph # 2  (FORS2 ) between September 2nd-3rd 2000. Even though the 

conditions were photometric the two nights suffered from variable seeing conditions, rang

ing from 0.6 -  3.5". Best attempts where subsequently made to alter the observing mode 

between imaging and spectroscopy during these highly variable conditions.

In imaging mode the standard collimator was used achieving a field-of-view of 6 .8 ' x 

6 .8 ' with a scale of 0.2 "/pixel. All observations were taken using the 2048 x 2048 Tektronix 

CCD with 24//m pixels. Imaging mode was favoured during spells of good seeing, typically 

0 .8 ", unfortunately our field-of-view only permitted partial coverage of the galaxy losing 

the extreme west edge of the galaxy. NGC 300 was observed through two interference 

filters, the first centred at 4684 A, and the second centred at 4781 A, these filters had 

band widths of 6 6  A and 6 8  A respectively. As discussed in section 1.3.1, these filters 

are located to match known, strong WR emission features, and a region of relatively free 

emission. Two 600sec exposures were obtained through both narrow-band filters, centred 

at a: Oh 54 m 59.0 s and 5: -37° 40' 59" (2000). Two more sets of images were also taken 

through broad-band Bessel B and V filters, typically with shorter exposure times of 120sec.
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Figure 2.4: Zoomed in R-band image of NGC 300 taken with the ESO 2.2m WFI 

(see h t t p : / /w w w . e s o .o r g /o u t r e a c h /p r e s s -r e l /p r -2 0 0 2 /p h o t - 1 8 -0 2 .htm l).

The VLT-FORS2, 6.8' x 6 .8 ' field-of-view is also shown. North is up and east is 

to  the left.

Unfortunately due to moderate seeing conditions only one V-band image was suitable for 

measuring stellar magnitudes. Furthermore, it was slightly offset with respect to our other 

images which resulted in eight W R candidates lacking observed, m y, magnitudes. This 

restriction meant that magnitudes were only obtained for W R candidates located east of 

00 h 54 m 46.7s. Figure 2.4 shows an archival ESO R-band image of NGC 300 taken with 

the 2.2m Wide Field Imager (W FI)6, the observed VLT-FORS2 field is outlined. Figure 2.5 

contains a typical FORS2 V-band image o f NGC 300, showing the relevant finding charts, 

which can be found in appendix D.

Standard i r a f  packages were used under c c d p r o c  to trim, bias subtract and flat 

field the images. Our photometry was obtained using the d a o p h o t  software package, and 

converted into absolute fluxes using standard field stars in NGC 300 given by Pietrzyriski 

et a l  (2002).

6Kindly provided by Mischa Schirmer; ESO.

http://www.eso.org/outreach/press-rel/pr-2002/phot-18-02.html
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Figure 2.5: V-band image o f NGC 300 taken with VLT-FORS2 covering a field- 

of-view of 6 .8 'x6.8 '. The location of the finding charts are shown, the numbers 

relate to the order in which they appear in Appendix D. North is up and east is 

to the left.
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Spectroscopic7 observations were taken for a select number of WR candidates directly 

following the narrow-band imaging, as narrow-band photometry was not available before 

the observing run. FORS2 was used in long slit mode (LSS), using the 300V grating and 

the GG435 filter. Targets were observed through a 1.0 " slit giving a spectral coverage of 

AA3500 -  8970 at a dispersion of 1.7 A/pixel. Exposure times of 1800sec were used to 

observe eight targets, where possible two objects were simultaneously placed within the slit 

using the FORS Instrument Mask Simulator (FIMS) software to adjust the position angle. 

Two standard stars, Fiege 110 and LTT 1788, were observed using the same observational 

setup but with shorter exposure times, allowing an accurate relative flux calibration. These 

standards where then absolute flux calibrated by convolving their spectra with narrow

band 6 and v filters (Smith 1968), which are approximated to our continuum filter at 

4684 A. Spectroscopic observations were also made for three more stars but at a higher 

resolution. These were made with the same filter but using the 600R grating, this gave 

a shorter spectral coverage of AA5330 -  7540, at a dispersion of 0.7 A/pixel. Exposure 

times of 1800sec were also used, and the same standards were observed as before but under 

the revised configuration. The data were bias subtracted, flat-field corrected, extracted, 

and both wavelength and flux calibrated using standard f i g a r o  (Shortridge et al 1999) 

procedures. The flux calibrated, low dispersion FORS2 spectra can be found in Figures D.9 

and D.10. We obtained spectra of four WC stars in NGC 300, previously identified by 

Schild & Testor (1992) and Schild & Testor (1991), and four newly identified WR stars in 

NGC 300.

From our improved spectra we have revised a number of previously determined spec

tral classifications. #24, alias WR11 (Schild & Testor 1992) had earlier been assigned as a 

WC5, we refine this to WC4 as C m  A5696 is very weak, and the W a (A 5 6 9 6 ) /W a (A A 5 8 0 1 -  

12) ratio indicates a WC4 star (Crowther et al. 1998). We also revise the original clas

sification of #29, alias WR3 (Schild & Testor 1991), from WC4-5 to WC5, due to the 

positive, but weak detection of C m  A5696, we also identify a weak signature of Olll-v 

A5592. The same revision was also made for #40, alias WR6  (Schild & Testor 1992), 

which we revised from WC4-6 to WC5, for the same reasons as described above for #29, 

although comparing the emission line strengths for these two stars, we find #29 is proba

bly single (e.g. W\(AA5801-12)~800A, comparable with known single Galactic and LMC 

WCE stars).

7Credit: Spectroscopic reductions and observations of NGC 300 were made by P. Crowther (UCL).
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Figure 2.6: Plot showing the rectified spectrum of a W 0 4  star, MS12 (solid), 

in M 31, and the WR star N G C 300-#48 (dotted), in N G C 300. Their optical 

spectra are extremely similar, plus there is strong evidence of O v i AA3811,3834 

emission in N G C 300-#48 and as such is re-classified as W 04.

Finally, we amend the classification of # 4 8 , alias WR13 (Schild & Testor 1992), which 

was originally classified as a W 04 by Breysacher et al. (1997), due to the broad C iv  

AA5801-12 detected, but latter re-classified WC4 by (Schild et al. 2003). Although on re

investigation of our improved spectroscopic observations we re-adjust this classification for 

# 4 8  back to W 04 , due to the detection of O VI AA3811-34 which are present in WO stars 

(see Fig. 2.6). Willis et al. (1992) discussed the problems with classifying WC stars from 

FWHM measurements alone. We also suspect that # 4 8  is also single since W a (A A 5 8 0 1 -  

12)~1500A .

Our observations also confirm four new W R stars, two WC stars and two WN stars, 

all of which were identified from our imaging survey. Both the newly found WC stars, 

# 1  and # 2 2  have broad emission lines but were classified WC4 owing to the absence of 

C m  A5696, and weak detection of O iv  AA3811-34. The W N stars are both early-type, 

due to presence of N V and weak/absent detection of N III. We use the ‘modified’, (two- 

dimensional) WN classification scheme devised by Smith et al. (1996) to classify # 9  as 

W N4-5 and # 3 0  as WN3-4.

2.5.3 P h otom etry , d istance and reddening to N G C  300

Due to the limited number of observational studies previously undertaken of NGC 300, 

there are very few published photometric observations of W R stars. We have obtained

ovi

i ;
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Wavelength (A)

6000 6400 6000



62 Chapter 2. Observations of Wolf-Rayet Stars in Nearby Galaxies

Table 2.10: List of colour excesses towards the H u regions in NGC300, deter

mined using the C(H/?) values (expect for the data by Christensen, Petersen &; 

Gammelgaard 1997).

Number H II E B - V References

Regions Average Min Max

6 0.47 0 .2 1 0.58 1

15 0.32 0 .2 2 0.59 2

1 2 0.17 0.08 0.25 3

42 0.28 0.03 0.59 4

15 0.30 0.14 0.55 5

References -  1Pagel et al. (1979); 2D ’Odorico et al. (1983), 3Webster & Smith (1983), 4Deharveng 

et al. (1988) 5Christensen, Petersen & Gammelgaard (1997)

a series of calibrated narrow-band observations surveying a large region of NGC 300 to 

include the two bright HII regions Deh53 and 137 (Deharveng et al. 1988). Table 2.11 

lists the narrow-band photometry8 for all WR candidates in NGC 300, our sample is 

complete for the central regions out to a Holmberg radius of po > 0.4 — 0.5 (where po =  

9.75' ~  5.75 kpc). These magnitudes were used in identifying our WR candidates (see 

section 2 .1 1 ).

Distance estimates have varied; early determinations by Graham (1984) using Cephdds 

calculated a distance modulus, (m - M)o =  26.09 (1.65Mpc). Later, Richer et al. (1935) 

found a similar value, (m - M)o =  25.87 (1.49Mpc) using carbon stars as distance indica

tors. More recently, Kennicutt et al. (1998) undertook a detailed survey for a numbei of 

nearby galaxies utilizing the excellent facilities offered with the HST to determine accurate 

distances. Comparing their distance modulus estimated by Cepheids, (m - M)o =  26.70 

(2.19Mpc), with previously determined values they found a significantly larger distarce. 

These observations were later revised by Freedman et al. (2001), who refined the distance 

modulus to, (m - M)o =  26.53, this distance of 2 .0 2  Mpc is used throughout this work.

The reddening towards NGC 300 is highly variable and published values range widdy. 

This can be seen from the reddening determinations listed in Table 2.10, which were 

calculated using observed C(H/3) determinations, assuming Eb - v = C(H/?)/1.46 (Pottasch

8Credit: Photometric calibration and measurements were made by H. Schild.
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Figure ‘2.7: A small region of our VLT-FORS2 observations showing two OB 

associations (Association IV-V) in NGC 300. Images taken through both on and 

off-Heii filters are shown. Each field shown is approximately 47 "x 40". The 

orientation is north is up and east to the left.

1984). Table ‘2.10 listed both the averaged determined colour excesses as well as the 

minimum and maximum calculated values. Bresolin et al. (2002) also found the colour 

excess towards a late-type WN star in NGC 300 to be, Eb ~ v  =  0.06, which agrees with 

H il region determinations.

2.5 .4  N ew  W olf-R ayet C atalogue

Once we had obtained accurate photometry for all the stars within our exposures, in both 

filters, we then used these results to identify possible WR star candidates. First a difference 

image was made after subtracting the A4684 (H ell) frame from the A4781 (continuum) 

frame. This then presented us with a number of likely sources, we then reduced the 

number of possible candidates using the selection criteria; that their appearance is like 

that of a stellar source, and that their peak intensity is at least 6cr. Once our candidates 

had been identified their photometry measured through both filters were compared to 

check whether our technique has identified previously determined W R stars and for us to  

accurately measure the excess in flux.

Figure 2.7 identifies two bright OB associations (Association IV-V, Breysacher et al. 

1997) which are located in the eastern section of NGC 300. Both images show the same
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Figure 2.8: Difference between on- and off-Hen observations taken with VLT- 

FORS2. Regions with an excess of flux are WR candidates. The field size and 

orientation is the same as 2.7.

region, covering a field-of-view of ~  47"x 40", taken through the two narrow-band filters. 

A simple visual inspection of both images does not easily identify many potential WR 

stars, and it is only when a difference image is made between these two frames that the 

resulting image clearly uncovers stars with a large excess of flux through the A4684 filter 

(see Figure 2.8).

We present a new catalogue of WR stars in NGC300 which were identified from our 

narrow-band images in Table 2.11. This table lists our narrow-band photometry, and 

where available our V-band photometry, previously published spectral types, which are 

revised from our spectroscopy in a few cases (see Section 6.6). We also list any associated 

Hu regions taken from Deharveng et al. (1988).

Figure 2.9 shows the A4781 continuum magnitude and A4684 excess magnitudes for 

stars that met our WR selection criteria. There are three stars which are listed in our 

WR catalogue that are not shown in Figure 2.9, #1, which was located on the edge of 

our images, and #37 and #57, both of which were severely blended. This figure clearly 

shows shows the separation between visual faint WC and WNE stars which also have 

characteristically large A4684 excesses, and the visual bright WNL (and WR binaries), 

which are observed with small A4684 excesses. Approximate equivalent widths are also 

shown in Figure 2.9, and were estimated from optical spectroscopy obtained. This method



Table 2.11: List of known Wolf-Rayet stars and our new candidates in the central regions of NGC 300. Outside of observed 

field there are two other WR stars known -  WR8 (WN) in Deh 30 from Schild & Testor (1992) and a WC in Deh 24 from 

D’Odorico et a l (1983). Deprojected galactocentric distances are also shown and expressed as a fraction of the Holmberg 

radius (p0=9.75/ ~  5.75 kpc).

RA (J2000) Dec (J2000) 7714684 ^4781 — m4684 m V P/Po Deh4) Spect Type ST1) Brey2) Remark

1 0 54 41.7 -37 38 39.0 out out out 0.44 48 WC4 5)

2 0 54 42.37 -37 43 7.3 18.93 1.02 out 0.33 53b WC4 WR 10

3 0 54 42.61 -37 40 28.5 21.88 1.25 out 0.25

4 0 54 42.78 -37 43 1.8 17.88 0.25 out 0.32 53c WN 4)

5 0 54 43.53 -37 39 49.9 20.52 2.09 out 0.28 54

6 0 54 44.75 -37 42 40.0 19.03 0.13 out 0.26 WN11 3)

7 0 54 45.22 -37 38 48.0 19.71 0.14 out 0.37 61

8 0 54 45.28 -37 38 47.0 20.22 0.24 out 0.37 61

9 0 54 47.69 -37 42 45.3 20.26 0.58 20.62 0.24 WN4-5 5)

10 0 54 50.21 -37 40 29.7 19.68 0.52 20.04 0.10 76a

11 0 54 50.22 -37 38 24.1 18.51 0.44 18.79 0.37 77 WC+WN WR9 1-1

12 0 54 50.53 -37 38 26.7 20.87 1.57 22.12 0.36 77 1-2

13 0 54 50.57 -37 38 13.2 20.54 0.29 20.58 0.39

14 0 54 50.62 -37 40 21.7 20.39 1.49 21.64 0.11 76b WC4-6 WR1

15 0 54 50.91 -37 38 30.0 20.35 0.16 20.41 0.35 79

16 0 54 51.00 -37 38 26.1 20.10 0.10 20.27 0.36 79

17 0 54 51.31 -37 38 26.3 22.50 0.14 weak 0.36 79

Table continued on next page



RA (J2000) Dec (J2000) 7714684 7714781 — 7774684 m y  p / p o  Deh4) Spect Type ST1) Brey2) Remark

18 0 54 51.65 -37 39 39.2 19.11 0.10 18.79 0.19 84

19 0 54 51.89 -37 39 11.5 20.20 0.08 19.24 0.25

20 0 54 52.59 -37 41 49.1 18.54 0.11 17.57 0.11 85

21 0 54 52.93 -37 38 38.3 20.85 0.12 20.97 0.32

22 0 54 53.09 -37 43 34.0 20.98 1.16 21.71 0.35 87 WC4 5)

23 0 54 53.11 -37 43 47.3 19.72 0.08 19,71 0.38 88

24 0 54 53.80 -37 43 47.2 20.00 1.55 21.34 0.38 90 WC5 WR11

25 0 54 54.57 -37 41 54.7 20.28 0.09 20.27 0.13

26 0 54 55.67 -37 40 25.1 20.12 0.08 20.10 0.09

27 0 54 55.99 -37 40 17.6 20.39 0.15 20.47 0.11 96

28 0 54 56.45 -37 40 35.1 20.55 1.90 22.05 0.09 98 WNE WR2

29 0 54 56.76 -37 40 44.0 19.71 2.58 21.61 0.08 98 WC4-5 WR3

30 0 54 58.95 -37 43 58.7 21.24 1.31 22.01 0.44 107 WN 5)

31 0 55 0.65 -37 38 51.5 20.74 1.68 22.14 0.31

32 0 55 2.33 -37 38 27.4 18.84 0.08 18.84 0.37 115

33 0 55 2.88 -37 43 16.0 21.28 1.02 21.51 0.40 II-l

34 0 55 3.34 -37 42 42.0 20.36 1.97 21.87 0.35 WC5-6 WR12 III-l

35 0 55 3.55 -37 42 49.4 19.06 0.09 18.82 0.36

36 0 55 3.64 -37 43 20.0 18.06 0.13 17.97 0.42

37 0 55 3.75 -37 42 51.6 blend 2.0 18.56 0.37

Table continued on next page



RA (J2000) Dec (J2000) m4684 m478i — m4 6 8 4  m y p/po Deh4) Spect Type ST1) Brey2) Remark

38 0 55 4.09 -37 43 18.9 19.07 0.64 19.53 0.43 WN9-10 W R7 II-2

39 0 55 4.17 -37 43 16.6 20.05 0.08 19.99 0.42

40 0 55 5.69 -37 41 13.4 20.13 1 .6 8 21.56 0.28 WCE W R 6

41 0 55 9.98 -37 42 12.5 21.64 0.95 22.44 0.43

42 0 55 11.03 -37 37 55.5 2 2 .0 2 0.56 22.39 0,52

43 0 55 12.07 -37 41 21.9 19.84 0 .1 2 19.83 0.42 137d

44 0 55 12.19 -37 41 19.7 17.71 0.19 17.80 0.42 137d

45 0 55 1 2 .2 1 -37 41 20.4 18.55 0.40 18.79 0.42 137d IV-1

46 0 55 12.32 -37 41 38.4 20.53 1.89 21.69 0.44 137a WC4-5 V-l

47 0 55 12.41 -37 41 29.0 19.68 2.95 21.19 0.43 137b WC5-6 WR5 IV-2

48 0 55 12.54 -37 41 23.6 20.23 3.31 21.87 0.43 137b WC4 WR13 IV-3

49 0 55 12.58 -37 41 39.5 18.46 0.31 18.85 0.45 137a WN7 W R4 V-2

50 0 55 12.65 -37 41 38.5 19.62 0.18 19.73 0.45 137a

51 0 55 12.72 -37 41 44.6 blend 0.7 20.38 0.45 137a

52 0 55 13.18 -37 38 1.4 22.16 0.5 22.74 0.54

53 0 55 13.23 -37 41 39.8 20.63 1 .1 2 21.54 0.46 WN4-6 V-3

54 0 55 13.36 -37 41 30.3 2 0 .2 2 0.30 20.39 0.46

55 0 55 13.47 -37 41 46.3 20.64 1.87 22.30 0.47 WN4-5 V-4

56 0 55 13.51 -37 41 37.9 17.73 0 .1 1 17.68 0.46 137c

57 0 55 13.61 -37 41 32.0 20.31 0 .1 1 20.34 0.46

58 0 55 13.93 -37 41 43.2 18.82 0.08 18.75 0.48 137c

x); Schild & Testor (1991, 1992), Testor k, Schild (1993); 2): Breysacher et al. (1997); 3): Bresolin et al. (2002ab); 4); Deharveng et al. 

(1988); 5): This work
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Figure 2.9: Comparison between A4781 continuum magnitudes and candidate 

WR stars with an excess of flux in A4684 (open stars). Stars with known spec

troscopic classifications are shown (filled symbols), the key is presented in the 

figure. The approximately determined equivalent widths and absolute magni

tudes are also shown (see discussion in text).

of determining WR stars and their subtypes could be very useful in identifying new WR 

populations in distant galaxies, or where visual extinctions are large, in which spectroscopic 

studies would be very difficult, even with 8 -1 0 m telescopes.

2 .6  M  8 3

We extend this technique of detecting WR candidates to the metal-rich, late-type, barred 

spiral (SBc) galaxy M83 (NGC 5236). Recently, Karachentsev et al. (2 0 0 2 ) confirmed that 

both Cen A and M83 form the centre of two spatially separated groups, each with their 

own number of smaller members. M83 is an excellent candidate to uncover new WR stars;
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it appears almost face-on, there are signs of intense star-forming activity, and there are a 

large numbers of known, activity Hll regions.

2 .6 .1  P r e v io u s  W ork

As a galaxy M 83 has been well studied, from the X-rays (e.g. Soria &; Wu 2002) to the 

radio (e.g. Israel & Baas 2001), although very little work has studied the massive star 

content of this large, metal-rich spiral. Signatures of WR stars have been detected in M83 

via spectroscopic studies of H II regions. Rosa h  D’Odorico (1986) reported that from a 

survey of 8  H II regions, three showed signs of WR emission. Bresolin h  Kennicutt (2002) 

also found possible evidence for WR stars in five H ll regions. This prompted Rosa k  

Richter (1988) to undertake a narrow-band survey of M83 in the search for WR stars, 

and strangely they reported that there was no conclusive evidence for the presence of WR 

stars in M 83.

The distance to M83 had previously only been determined using unconventional meth

ods, such as measuring distances by expanding photosphere method for Type II supernovae 

(Schmidt et al. 1994), or the method of surface brightness fluctuations (Jerjen et al. 2000). 

There had been efforts to observe the companion galaxy to M83, NGC 5253, using more 

traditional methods via Cepheids, Freedman et al. (2001) estimated the distance modulus 

of NGC 5253, (m - M )o =  27.54 (D =  3.2Mpc). Until recently there were no modern 

determinations of the distance to M83, Thim et al. (2003) observed a number of Cepheids 

using the 8 -metre VLT to independently derive a distance modulus of (m - M )o =  28.25 

(D =  4.5 Mpc).

The chemical abundance across M83 was first investigated by Dufour et al. (1980), 

they claimed that the metallicity of M 83 was super-solar. Their results were based on 

differential analysis of theoretical models of both [O il] and [O III] lines, and found that 

the central regions of M83 were 4 -5  Z q . A similar conclusion was found by (Webster k  

Smith 1983) although their results predicted a much sharper gradient. These results were 

later re-analyzed by Vila-Costas k  Edmunds (1992), they revised the abundance for the 

central region to be somewhat lower, 12+log(O/H) = 9.24 (~2.2 Z©), a similar conclusion 

was also found by Zaritsky et al. (1994). According to Pilyugin (2001), the tradidational 

R23 method significantly over-estimates the abundance of O/H (see Section 4.1 for a more 

complete description). Hence this method would also reduce current metallicity gradients 

for M83. Optical spectroscopy of a number of H ll regions in M83 were obtained by
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Table 2.12: Central coordinates for the four observed fields for M83.

Field Position (2000)

a S

M83-A 13 37 10.9 -29 49 30.0

M83-B 13 36 49.0 -29 49 30.0

M83-C 13 37 1 1 .1 -29 54 31.7

M83-D 13 36 49.0 -29 54 29.9

Bresolin &; Kennicutt (2002), their evaluation of these H u regions indicated a metallicity 

in the central regions of ~1.8 -  2.4 Z@, employing the calibrations by McGaugh (1991) 

and Edmunds (1989). They also found a relatively shallow metallicity gradient across the 

galaxy, although their results provide limited radial coverage.

2 .6 .2  VLT-FORS2 O b serv a tio n s o f  W o lf-R a y et S tars  in  M  83

Previous studies have focused around Hll regions, we have undertaken a deep narrow

band survey of M83 using VLT-FORS2 . Observations were made with the VLTUT4 

(Yepun) telescope, using the Focal Reduced/Low Dispersion Spectrograph # 2  (FORS2) 

over a number of dates spanning April 21st 2002 - June 3rd 2002. Conditions during the 

observations were photometric and the seeing was stable with typical seeing of 0 .6 ".

The detectors on FORS2 were recently upgraded, and replaced with two red-optimised 

1024 x 2048 MIT CCDs with 15pm pixels. Using the standard collimator this configuration 

gave a total field-of-view of 7.0' x 6 .6 ' with a scale of 0.126 "/pixel. This only gave 

us partial coverage of M 83, and so we were required to observe four separate fields to 

encompass the entire galaxy, these positions are listed in Table 2.12. Our primary aim 

was to identify WR candidates in M 83 and image a large sample of H II regions to constrain 

the metallicity across the galaxy. M 83 was observed through four interference filters, two 

focused around He II A4686 and two focused around Ho; A6563, the first set were centred 

at 4684 A, and 4781 A, these filters had band widths of 6 6  A and 6 8  A respectively. The 

second set of filters were centred at 6563 A, and 6665 A, these filters had band widths of 

61 A and 65 A respectively. Our method for identifying new WR candidates is identical 

as described in section 2.5.4, where we locate a narrow-band filter to match known, strong 

WR emission features for both WN and WC types, and a second filter where WR stars
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Figure 2.10: VLT-FORS2 composite image of M83 taken through two interference 

filters centred at Hell A4686 (left) and Ha A6563 (right). The position of the 

four observed fields in M83 are shown, with a total field-of-view of 11.5’ x 12.0’. 

Two bright stars are masked in the lower left corner. North is up and east is to 

the left.

are relatively free of emission. This practice was repeated for identifying regions that 

contain large excesses of Ha emission and are potential H II regions. Exposure times for 

the on-off He II filters were 1800sec and for the on-off Ha filters both sets were imaged 

with 600sec and 60sec exposure times, with the aim to imaging both bright and faint H II 

regions. M 83 was also imaged through a broad-band Bessel B filter, typically with shorter 

exposure times of 1 2 0 sec.

Figure 2.10 shows two VLT-FORS2 composite images of M83 taken through two in

terference filters centred at Hen A4686 and Ha A6563. The position of the four observed 

fields in M83 are shown, with a total field-of-view of 11.5' x 12.0'. The images were 

reduced using standard i r a f  packages to trim, bias subtract and flat field the images. 

Photometry has not yet been obtained for the data9.

2.6.3 C atalogue of W olf-Rayet Candidates

Even though the data have not (yet) been calibrated, the reduced images were sufficient 

to identify potential WR candidates by producing a difference image between the on-

9Note: This particular study is still work in progress.
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Figure 2.11: Difference images between on- and off-Hell (left) and Ha (right) 

taken with VLT-FORS2 . These observations show a section of the lower right 

spiral arm in M83, covering a field-of-view of 115" x 120". WR candidates are 

identified as having an excess of Hen emission, they are predominately located 

in a large H II region. North is up and east is to the left.

and off-Hell. This procedure can be greatly improved after correcting for differences in 

the PSF between the two sets of images. After careful inspection of the images we have 

identified over 330 WR candidates10 in M83.

Figure 2.11 highlights the abundance of WR stars in M83. It shows a 115" x 120" 

field-of-view located in the lower right spiral arm of the galaxy. Also shown is the difference 

between on- and off-Ha; the majority of the WR candidates detected are located within 

this large H II region. Our survey has also identified a number of field WR stars. Table 2.13 

shows a sample of the full catalogue listing the Wolf-Rayet candidates in M83 (column 1), 

the field and chip where each candidate was identified (column 2). Its also contains their 

coordinates (columns 3 and 4) and a rough measure of their peak intensity (in counts; 

column 6 ) in the Hell A4686 filter and the excess once the continuum filter had been 

subtracted (column 7). Column 5 details whether there was any Ha emission associated 

with the candidate WR star, to help discriminate whether it is located in a Hll region or 

whether its a field star.

Recently a spectroscopic follow-up was preformed for a number of our WR candidates,

10Credit: WR candidates were identified by H. Schild
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Table 2.13: List of Wolf-Rayet candidates in M83 identified from our narrow

band imaging survey. As well as their coordinates, we also list a rough measure 

of their peak intensity in the Hen A4686 filter (in counts) and the excess of Hell 

once the continuum had been subtracted.

# F ie ld /C h ip a  (2000) 8 (2000) H a  A ssoc . H e l l H e n  -  C ont.

01 Al 13:36:55.15 -29:49:50 .5 n o 800 500

02 Al 13:36:55.31 -29:48:10 .0 d iffuse 700 300

03 Al 13:36:55.35 -29:49:47 .6 n o 500 730

04 Al 13:36:55.85 -29:47:47 .5 no 400 250

05 Al 13:36:56.00 -29:49:53 .8 stron g  H II 3500 1900

06 Al 13:36:56.22 -29:49:33 .1 n o 800 900

07 Al 13:36:58.55 -29:48:12 .0 n o 1200 700

08 Al 13:36:58.74 -29:48:06 .3 stro n g  H II 7000 2200

09 Al 13:37:00.28 -29:48:04 .2 stro n g  H II 2600 900

10 Al 13:37:02.49 -29:48:27 .4 600 700

11 Al 13:37:02.68 -29:49:40 .9 v . stron g 2 1000 5400

12 Al 13:37:02 .84 -29:49:15 .3 n o 900 1100

13 Al 13:37:04.39 -29:48:26 .9 w eak 2200 700

14 Al 13:37:04.56 -29:49:21 .8 n o 1200 900

15 Al 13:37:05.34 -29:48:20 .4 stron g 4000 1500

16 Al 13:37:05.53 -29:48:19 .9 d iffuse 1200 800

17 Al 13:37:06.36 -29:49:03 .7 w eak 2300 1100

18 Al 13:37:07.35 -29:49:39 .2 yes-C H  II 1500 900

19 Al 13:37:07.68 -29:49:13 .9 v . stron g 16000 3600

20 Al 13:37:07.76 -29:49:18 .1 n o 1000 1200

21 Al 13:37:08.55 -29:49:06 .5 d iffuse 6000 3000

22 Al 13:37:09.15 -29:49:20 .6 d iffuse 1000 500

23 Al 13:37:09.63 -29:49:56 .4 n o 200 535

NOTE. -  Table 2.13 is presented in its entirety in Appendix E. A portion is shown here for guidance on 

its content.

again using VLT-FORS2 (Proposal ID: 071.B-0089). Early results indicate that a high 

percentage of the candidates are bona-fide WR stars (private communication: P. Crowther 

(UCL)). Importantly, not only are there a large number of WR stars but of this sample 

we find a considerable number of WC stars, of which a large proportion are late-type WCs
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- as would be expected in a metal-rich environment.



C h a p t e r  3

M odelling Stellar Atm ospheres

In this chapter, we first introduce the basic concepts of a model atmosphere and then 

describe the physics of stellar winds, before turning to models appropriate to WR stars.

The spectra of Wolf-Rayet stars contain a rich plethora of emission lines from a number 

of chemically enriched elements, such that methods to interpret them have proven very dif

ficult, with so many complexities involved in prescribing computational models. If we can 

accurately, and consistently model the spectra of WR stars, and deduce their fundamental 

parameters then we can learn a great deal about the evolution, of not just WR stars but 

massive stars in general. For most low-mass, cool stars (i.e. the Sun) plane-parallel, line 

blanketed models atmospheres calculated in local thermodynamic equilibrium (LTE) have 

proven successful (e.g. Ahmad & Jeffery 2003; Paunzen et al. 1999). Unfortunately for 

hot stars LTE assumptions are inadequate, for reasons which will be explained later, and 

more complex methods of determining their atmospheres are required.

3.1 Physical Ingredients o f a M odel Atm osphere

Here we give an overview behind the physical concepts of a stellar atmosphere, includ

ing mathematical equations that describe the ‘macro-scopic’ variables that occur in a 

generic stellar atmosphere. When the atmospheres of hot stars are discussed it is im

portant to first clarify the difference between the photosphere of a star and its actual 

wind. The photospheric region is located deep at the base of the star’s atmosphere and 

can be considered the region between the star’s ‘surface’ and its extended atmosphere. 

It is considered static, due to the fact that the velocities are very small, even below the

75
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local sound speed. Compared with the large extended stellar wind, the photosphere is 

radially small. Mathematically the photosphere can be characterised through hydrostatic 

and radiative equilibrium. These terms simply describe the gradient of the total pressure 

across the photosphere which is balanced by the local gravitational acceleration (which 

due to its small radial extent is considered as constant). For a spherically symmetric star 

with a static atmosphere this can be written as: 

dP pGM* pGM*
m = " T  * “ rT s "pg (3>1)

where P is the total pressure (which is made up of the gas pressure, P5a« 5 the radiation 

pressure, Proj, and the turbulent pressure, PfUr&), and is expressed as a function of R, the 

photospheric radius, and M* the stellar mass. R* is the stellar radius, g is the gravitational 

acceleration, and p is the mass density. Unlike the Sun and its corona, the effects of 

gas pressure are negligible in hot star winds (except at the base), due to the extreme 

temperatures required before the force from gas pressures can drive the wind beyond the 

sonic point.

Radiative equilibrium states that only energy produced through nuclear reactions deep 

in the interior diffuse outward towards the star’s surface and appears as observable radia

tion. In other words, the total radiation energy per unit volume of the stellar photosphere

is equal to the total radiation energy emitted per unit volume, and that there is no creation 

of energy within the atmosphere. The equation of radiative equilibrium can be expressed 

as:
roo

/  (XvJv -  V v ) d v  = 0 (3.2)
Jo

where Xv is the extinction coefficient, gv is the emission coefficient, and is the mean 

intensity of the radiation as a function of frequency, v -  these terms will be discussed in 

more detail later in the text. The above equations assume that the stars are conventionally 

stable, which is accurate for hot, early-type stars but not the case for cool stars like our 

Sun where magnetic processes are also important. Equation 3.2 can then be used to 

express how the radiative energy interacts with the surrounding matter and is known as 

the ‘radiative transfer equation’, which is described as:

( c t t  + U'V)  r ’ ^  =  ^  r ’ n’ ^  ~~ r ’ n’ r ’ n’ ̂  3̂'3^

where we now describe the radiation as the specific intensity transported by radiation 

/ .  More accurately, the specific intensity is dependent on the frequency, per unit solid
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angle, per unit area, per time interval. In thermodynamic equilibrium, the intensity can 

be described by the Planck function (i.e. a black body). Now it becomes clear how the 

absorption and emission coefficients relate back to the radiative transfer equation. Xvi 

the absorption coefficient and 77̂ , the emission coefficient both take into account various 

processes to form the spectral lines in the wind. These processes are described in detail 

in each term of the equations, with contributions of bound-bound transitions, bound-free 

transitions, free-free absorption, and electron scattering. The absorption coefficient can 

be expressed as

Xu =  Y ,  ~  9 i l 9 3nj](Tl3{v )
t  J > t

+  ”  n*e~hvlkT)aiK{y)
%

+  nenKcrKK(i/, T)( 1 -  e~hv!kT) +  neae (3.4)
K

and the emission coefficient can be expressed as

* 3>i

+  x > r * « ( " ) * ~ W iT )
%

+  ^  nenKoKK (v, T)e~hv!kT) (3 .5 )
K

where n{ is the population density of state i (or to a transitional state y), whilst gi is its 

corresponding statistical weight, n* describes the population as if it where in statistical 

equilibrium (i.e. in LTE), <r is the cross section of the atom at frequency z/, and the k 

term accounts for the continuum. These terms are consistent for both the absorption and 

emission coefficients. Equations 3.2 -  3.5 are taken from Hubeny (1999) in which they are 

discussed in greater detail.

3.2 The Physics o f Stellar W inds

In this section we discuss the physics of stellar winds, as opposed to stellar atmospheres.

We are essentially describing the physical regions of a star, focusing on the theories be

hind how these huge quantities of matter are accelerated away from the central star. A 

stellar wind is the large, continuous outflow of material from a star that is travelling at
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V eloc ity  F ield
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Stellar W ind

Radiation
C lum ping

Figure 3.1: Schematic illustration of a Wolf-Rayet star (not to scale), showing 

the star’s extended atmosphere. The velocity gradient within the wind is shown 

as well is clumping the the stellar wind.

supersonic speeds. Most stars eject material, although not all on the same scale. For 

instance, the Sun has a solar wind, but this is transparent and weak. On the other hand 

massive (hot) stars have dense wind that become opaque to certain wavelengths of the 

star’s radiation. Figure 3.1 shows a simple schematic to illustrate the basic concept of a 

stellar wind observed in a W R star. Although not to scale important points to note are; 

(i) compared with the radial extent of the star, the wind is huge, (ii) within the wind 

inhomogeneities exist in the form of clumping, (iii) there exists a velocity gradient that 

increases with distant from the star.
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3 .2 .1  R a d ia tiv e  F orces

The current accepted theory as to what accelerates a stellar wind is radiative driving 

processes, in which momentum is gained through line scattering -  this was first recognised 

almost 80 years ago by Milne (1926). Mathematically, stellar winds can be characterised 

by two (global) parameters, the mass-loss rate and the terminal wind velocity. If the wind 

is stationary and spherically symmetric, then the mass-loss is related to the density and 

velocity within the wind via the equation of mass continuity.

M  = 4nr2 p(r)v(r) (3.6)

The simplest way to describe the radiative force is by the scattering of free electrons 

(sometimes referred to as a grey scattering). This process does not effect the star’s lumi

nosity so the radiative flux energy can be expressed as L /47rr2, where r is the star’s radius. 

Dividing this by the speed of light, c, gives the radiative momentum of flux, L/4irr2c. The 

probability that material in the wind will intercept the flux is now described as a condition 

of the absorption coefficient (see Equation 3.4) and relates to the interaction cross section 

per unit mass, more commonly referred to as the opacity.

The opacity is straight forward when considering electron scattering as it simply be

comes a constant, Ke = c e/ p e, where ae is the classical Thompson cross section and pe is 

the mean atomic mass per free electron, which varies as a function of mass and mass frac

tion of hydrogen. Combining the opacity of the wind as well as its radiative momentum 

flux gives an equation describing the radiative acceleration in the wind due to free-electron 

scattering:

=  (3-7)

The radiative acceleration can then be compared with the star’s gravitational acceleration, 

which is simply G M /r2, where M  is the star’s mass and G is the gravitational constant. 

This now means that the r 2 term can be replaced to give a ratio between the luminosity and 

mass, this ratio is called the Eddington parameter, and describes the maximum possible 

luminosity a star might possess before the radiative forces become strong enough to make 

the stars unstable and ultimately destroy the star.

r ‘ =  4 (3-8)
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For low mass stars such as the Sun this ratio is very small (or order 2  x 10-5), but for 

hotter, more massive stars this ratio can reach ~0.5. When a star reaches the Eddington 

limit it starts to become unbound and unstable (i.e where Te tends towards 1 ).

Unfortunately the radiative acceleration from free electrons alone is not enough to 

drive the stellar wind of a massive star. In fact the opacity due to the C iv A1550 line can 

reach approximately 106 times that due to electron scattering (Lamers & Cassinelli 1999). 

So we must look elsewhere for a second source of radiative acceleration. This extra source 

of acceleration comes from ‘line scattering’ of free electrons. This method of providing a 

radiative force proves much more efficient for two reasons. Firstly, line scattering has a 

resonant nature. Bound electrons travelling between two discrete energy levels can amplify 

the interaction cross section with photons of the correct energy. Secondly, and importantly, 

the atmosphere is expanding away from the central star and so the outer regions, via the 

Doppler effect, redshift the local line resonance. This then allows the line to resonate with 

the flux that was previously unattenuated and with higher energies.

To solve the equations of radiative acceleration for line scattering requires a full eval

uation over a non-local spatial integral. Thankfully this can be greatly simplified using 

the ‘Sobolev Approximation’ (Sobolev 1960), in which the equation for radiative transfer 

are solved such that the interaction region is infinitely narrow. The assumption is then 

made that the profile function, (j>, can be treated as a delta-function. This hugely sim

plifies the problem as we need not integrate the density over distance. We only need to 

consider the local density and velocity gradient at any given radius. The optical depth 

of radiation at a given line resonance can now be expressed as a fraction of a Sobolev 

length, ls0b =  vth/{dv/dr) (which is now dependent on the velocity gradient and thermal 

broadening of the line).

r  =  (3  m
dv/dr

where k is the line opacity and p is the local density. Integration of this equation leads to 

a solution which can then be re-introduced to give expressions for the optically thin and 

thick line accelerations.

Considering the optically thin (point source) limit for a line with a certain frequency, 

Vo, it will be unable to absorb all the flux emitted from the stellar source. Instead, it 

is directly connected to the number of absorbing particles per unit volume and can be
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written as

KVthl/0L u tz v th
**>  =  ( 3 ' 1 0 )

where k is the opacity. The second approximation assumes that the line frequency is close 

to the peak of the flux such that, vqL v «  L.

The optically thick limit for a line (where r  1) all the flux (close to vq) will be 

absorbed and is dependent on the optically thin result, such that it can be described by

Qthin L  d l)  . .
g th ick   ------ = -— v3'11)r  47rrzpc/ d r

where r  is the optical depth in the wind. Combining the equations for the optically 

thin (Eqn. 3.10) and optically thick (Eqn. 3.11) line acceleration it is possible to derive an 

equation for the general line acceleration in the wind which provides a method to calculate 

the total line force by simply summing all the lines forces from all individual lines.

9 lin e  — 9 th in (rPj (3-12)

These equations account for the Sobolev approximation and assume that the radiating 

source is emitted from the stellar photosphere in a radial direction, and does not account 

for diffuse line radiation as a result of multiple line scatterings. Improvements have since 

been made, for example, the finite disk correction (Owocki & Puls 2002), which accounts 

for the fact the the star is not a point source, an approximation which is inaccurate close 

to the star.

3 .2 .2  C A K  F orm alism

The early work on radiation driven wind theory by Castor, Abbott & Klein (1975) (CAK) 

still forms the foundation for today’s modern theoretical work in stellar winds. Several 

authors have refined their work since (e.g. Abbott 1982; Kudritzki et al. 1989). However, 

their original formalism still proves significant in theoretical aspects of radiation driven 

stellar winds.

CAK theory predicts that the line acceleration is expressed in terms of the radiative 

force due to electron scattering times the force multiplier, M(t), which is parameterised
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where k , a  and 5 are the force multiplier parameters and W  is the geometrical dilution 

factor. The parameter, k, is a measure of the number of lines acting on the wind; a, is a 

measure of the number of optically thick to thin lines, such that if there were only strong 

lines contributing to the line acceleration then a = 1 . The parameter, 8, quantifies the 

ionization in the wind (this number is small). Finally, the parameter t is the dimensionless 

optical depth parameter (Castor, Abbott & Klein 1975) which is given by:

t = Kevthp{dr/dv) (3*14)

where Ke is the electron scattering opacity, and vth is described by the mean thermal 

velocity. Calculations have shown that the force multiplier also varies with metallicity as, 

M(t) = M(£)©(Z/Z© ) 1,0 (Lamers & Cassinelli 1999). The CAK formalism for describing 

the mass-loss rate can be given by

^ = ( ^ )  ( £ ) *  ( ^ )  ^  <a K ) i  ( t )  5 (G M *(1 -  r <))251 (3-15)

where K  = (ne/W ) s, and M*(l — Te) is the effective mass which takes account of the reduc

tion of gravity by the free-electron scattering. Although this analytical solution provides 

a good estimate of the mass-loss rates for hot stars, there are a number of assumptions 

which are made before reaching this equation. For example, the effects of line blanketing 

are not considered and line interactions only occur once within the wind. Equation 3.15 

is also only valid when the force multiplier parameters, K  and a  are constant.

3 .2 .3  M a ss-lo ss  P r e d ic tio n s

Considering a simple, optically thick line we can estimate the mass-loss rate for a star, 

assuming that the wind is driven by the radiation pressure for this single line. This is 

often referred to as the ‘point source approximation’ and can be expressed to describe the 

rate at which photons transfer momentum to the wind, resulting in a steady state flow 

acceleration (which is independent of velocity) given by

dv L dv .
v —  «  —— v —  (3.16)

dr Me2 dr

We can now simply cancel the acceleration term from each side which implies that, M  «  

L/c2. However, in reality the winds of hot, massive stars are driven not just by one line 

but many optically thick lines. Considering this we can modify Equation 3.16 such that
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the mass loss simply increases with the number of optically thick lines,

M  rH Nthick ̂ 2 (3*17)

Observationally, we can now write a definition to describe the star’s ‘wind efficiency’ 

(i.e. the efficiency of transferring radiative momentum into wind momentum).

1 = 7 —p- ^  NthickVoo/c (3.18)
L*fc

For OB stars rj is typical < 1 , whereas for WR stars, with their strong stellar winds rj 

can be as high as 50. This revelation that a WR star’s wind could have a wind efficiency 

larger than 1 was coined the ‘wind momentum problem’, and initially there were sugges

tions implying that the WR winds were not radiatively driven. More recent theoretical

work explained the problem that WR winds could not be expressed using the single

scattering formalism, but in fact due to the spherical expansion of the wind, there are no 

two points at any given depth within the wind with the same velocity component. This 

means that a photon can be absorbed and re-emitted (scattered) before being absorbed 

again by another overlapping optical thick line and therefore can be absorbed multiple 

times. This absorption of photons in different spectral lines is called multiple scattering. 

These assumptions, combined with very efficient momentum transfer, that help explained 

why WR stars could have such large values of 77 (Owocki h  Gayley 1999).

3 .2 .4  M e ta llic ity  D e p e n d e n c e

As already discussed the driving mechanism of the winds of massive stars is radiation 

pressure from optically thick lines (Castor, Abbott &; Klein 1975; Abbott 1982). The 

contribution from spectral lines of hydrogen and helium is limited, as there are very few 

spectral lines in the relevant spectral range for which massive stars emit the bulk of their 

energy. Most of the line driving is therefore from metal lines and this implies that the 

metal content of a massive star should control the strength of the emitted stellar wind.

The first observational evidence indicating a possible metallicity dependence for stellar 

wind parameters were observed in the difference between the terminal wind velocities for 

Galactic and Magellanic Cloud O stars (Garmany h  Conti 1985; Prinja 1987). Both sets of 

authors found the terminal velocities for the stars in the Magellanic Clouds are consistently 

lower than their Galactic counterparts. Subsequent studies also indicated a mass-loss -  

metallicity relationship for O stars (Puls et al. 1996), which theoretical work also supports
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(e.g. Vink, de Koter &: Lamers 2001; Kudritzki & Puls 2000). The idea of a metallicity 

dependence was initially hypothesised by Castor, Abbott & Klein (1975), (Abbott 1982) 

and Kudritzki, Pauldrach h  Puls (1987). They all agreed that the mass-loss should scale 

as a power-law,

M  <x Z m (3.19)

where initial predictions for the power-law index, m, varied from 0.5 (Kudritzki, Pauldrach 

& Puls 1987) to 0.94 (Abbott 1982). More recently, comprehensive studies by Vink, de 

Koter & Lamers (2001) have concluded that m  is closer to 0.85, a finding very close to 

that also previously determined by Leitherer, Robert & Drissen (1992) who found m  ~  

0 .8 .

Unfortunately the situation for WR stars, both WN and WC classes, is less clear. 

This is in part due to the fact that fully self consistent models of their stellar winds 

have yet to be presented. It is believed that the winds of WN stars are predominately 

driven by iron-group elements, like their O star progenitors, and therefore should have the 

same dependence as O stars. The case for WC stars is still debatable, since their winds 

contain an over-abundance of carbon and oxygen. Crowther et al. (2 0 0 2 ) investigated the 

importance of line driving from carbon and oxygen in WC stars and concluded that the 

contribution of ions (~250 eV) at the base of the wind was vital in initiating an outflow. 

Their test calculations found that the ionization potential for both carbon and oxygen do 

not lie in the necessary range, but instead ions from Ne, Ar and other Fe-group elements 

are crucial in commencing the outflow from WCE stars.

Even though a metallicity dependence has been recognised for WR stars for some 

time, it was not until the work by Nugis (1989) that a mass-loss scaling was devised. 

He found that M  scaled as Y 25Z 1'0, where Y  and Z  are the mass fractions of helium 

and heavier elements respectively. This mass-loss -  metallicity scaling was later revised 

by Nugis h  Lamers (2000) who re-evaluated a large number of WR stars, using mass- 

loss rates determined from their radio emission power, as well as the mass-loss versus 

emission line equivalent width relation derived by Nugis, Crowther & Willis (1998). The 

work by Nugis & Lamers (2000) concluded that for WR stars (i.e. both WN and WC 

stars), M  oc Z 0'5. This scaling is currently employed in the rotating, evolutionary models 

(Meynet & Maeder 2003).

More recently, Crowther et al. (2 0 0 2 ) calculated the stellar parameters for six LMC
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WC stars and compared them with Galactic WC stars. They found the LMC stars possess 

higher luminosities and weaker winds, suggesting a scaling similar (i.e. m  ~  0.5) to that 

discovered by Nugis & Lamers (2000).

3.3 Geom etries o f Stellar Atm ospheres

We now discuss the various geometries employed in computational models of stellar at

mospheres, identifying the approximations and simplifications used in these models to de

scribe the atmosphere of a hot star. These assumptions aim to simplify a multi-dimensional 

problem to a single dimensional. Below are brief descriptions of the common approxima

tions that are made for calculating hot star atmospheres.

3 .3 .1  P la n e  P a ra lle l co d es

This is the classical method for modelling a one-dimensional atmosphere. In these cases 

the curvature of the atmosphere is negligible as the radius of the star is far greater than 

the stellar atmosphere. Not only is the atmosphere considered plane parallel but it is 

commonly assumed to be horizontally homogeneous. This approximation is applicable for 

(most) O and B stars as their atmospheres do not extend to large radii, which means that 

these codes are used to study photospheric lines.

3 .3 .2  S p h erica l G e o m e tr y  co d es

This approach is necessary when the radial extent of a star’s atmosphere is compara

ble with the star’s radius, i.e. for supergiants, LBVs and WR stars. When consider

ing stars with such extended atmospheres, it is not satisfactory to just simply assume 

a plane-parallel geometry. Instead we must adopt a more realistic approach by assum

ing a spherically symmetric, stationary and homogeneous atmosphere. Fortunately, the 

problem of solving the statistical equilibrium and radiation transfer equations are still 

one-dimensional. These codes calculate the radiative transfer equations in the co-moving 

frame (Mihalas, Kunasz & Hummer 1975), or by assuming a static wind geometry and 

the Sobolev approximation (Castor 1970). The radiative transfer equation (Eqn. 3.3) in



86 Chapter 3. Modelling Stellar Atmospheres

the co-moving frame (CMF), is given by

dr + r
vu(r)

rc

dp (3.20)

>dlnv
dlnr

d l(r ,p ,v )
dv

V{r, v ) - x ( r ,  v)I{r,p,v)

where I  is the intensity and p is the angle cosine. This equation neglects the effects from 

aberration and advection are ignored. This assumption is valid when solving the transfer 

and statistical equilibrium equations when the wind’s velocity is not too large v/c < 0 .0 1  

(Mihalas et al 1976); these errors become significant for high velocities such as supernovae 

(Hauschildt k  Wehrse 1991).

3 .3 .3  M o n te  C arlo  co d es

The single biggest advantage of using a Monte Carlo code is that it allows the inclusion 

of millions of lines that can be computed to produce the emergent spectrum. The first 

defining stellar atmosphere code that was written using the Monte Carlo technique was 

that of Abbott k  Lucy (1985). Monte Carlo codes are also being used to perform two 

and three-dimensional geometric calculations although this field is still in its infancy. 

The biggest problem with these extra dimensions is the computer power and memory 

capabilities required to achieve realistic results. This is the advantage of using a Monte 

Carlo code as only certain (random) regions within the atmosphere are calculated at any 

instance; a process that is repeated until the stellar wind is sampled for an atmosphere 

which can be constructed.

3.4 Microscopic State o f the Atm osphere

3 .4 .1  LTE M o d el A tm o sp h eres

Local thermodynamic equilibrium (LTE) simply assumes that the state of the gas (dis

tribution of atomic, ionic and molecular level populations) is specified by the thermody

namic parameters; the absolute temperature, and the total particle density. This can be 

described by a Maxwellian-like Saha-Boltzmann distribution, which is essentially defined 

by the local temperature. By combining both the Saha and the Boltzmann distributions 

it is possible to solve the the LTE population ratio between a particular level i and the
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ion state c. Under these LTE conditions the energy balance is held such that x l  = Vi and 

the specific intensity equates to the Planck function (B  = 77/ x) - This relation is known as 

Kirchoff’s Law. LTE model atmospheres are valid when collisions dominate and/or the 

mean-free path for a given photon is small and hence can be considered to be localised. 

These conditions predominately occur in B, A, F and G-type stars.

3 .4 .2  N on -L T E  M o d e l A tm o sp h eres

Non-local thermodynamic equilibrium (non-LTE) is simply the break down of the assump

tions made under LTE. In other words, LTE holds if all the atomic processes are in detailed 

balance such that A ^  B, where A and B are particle states for which there has been a 

transition that has no net difference. This condition is met where the electron densities 

are high. However, in a stellar wind (i.e. low densities with a strong radiation field), the 

radiative rates dominate over collisional rates, otherwise we would not observe photons 

escaping the star’s gravity. In these environments the radiation is not in equilibrium and 

els a result the radiation cannot be described by the Planck function. This departure 

from LTE is compounded when the level populations diverge from the Saha-Boltzmann 

distributions, causing an under- or over-population of atomic levels. Such effects are ob

served in hot star atmospheres and have to be accounted for in modern computational 

codes. In non-LTE, the populations are permitted to differ from the local Saha-Boltzmann 

equilibrium values and so it is necessary to calculate these level populations directly by 

constructing model ions and calculating individual line transitions. The amount by which 

a population deviates is expressed in terms of the departure coefficient.

3.5 Contemporary Stellar Atm osphere Codes

Non-LTE, computational models have been around for 30 years now, and during that time 

their progress towards understanding the atmospheres of stellar winds has been astound

ing. The first stellar models designed to reproduce the observations of the expanding 

atmospheres of WR stars were developed independently by Hillier (1987a) and Hillier 

(19876) and the Kiel/Potsdam group (Hamann h  Schmutz 1987). These early versions 

only calculated pure helium atmospheres, although later efforts included more complex 

atoms, such as C, N and O (Hillier 1989; Koesterke h  Hamann 1995). However, iron 

group elements were neglected until more recently due to their extreme complexities and
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the enormous number of spectral lines, although their inclusion proves to be extremely 

important. We provide a brief outline on a number of modern stellar atmosphere codes 

now available to the astronomical community, highlighting successes/failures for each.

3 .5 .1  CMFGEN

c m f g e n , (Hillier & Miller 1998) iteratively solves the transfer equation in the co-moving 

frame subject to statistical and radiative equilibrium. It assumes an extended, expanding 

atmosphere which is spherically symmetric and in a steady-state. This model can account 

for many atomic species (including all Fe-group elements). The most recent version now 

accounts for clumping in the wind, via a filling factor, /. It parameterises the filling factor 

such that at small velocities it approaches unity, because radiation instabilities close to 

the base of the wind are not thought to be important. This was the first major non-LTE 

code to include line blanketing in an extended stellar atmosphere.

3 .5 .2  ISA-WIND

IS A - w i n d  by de Koter et al. (1997) is another non-LTE code and uses the the Improved 

Sobolev Approximation (ISA). It computes the statistical equilibrium and radiative transfer 

equations using an approximate lambda iteration method. This method does not depend 

on the core-halo approximation, but instead treats the photosphere and wind in a unified 

manner. The line transfer is treated using an improved Sobolev approximation (ISA), in 

which the diffuse radiation field is correctly taken into account (Puls & Hummer 1988).

3 .5 .3  W M -B a sic

WM-Basic was written and is fully reviewed by Pauldrach et al. (2001), the name is an 

abbreviation of Wind Momentum -  (visual) basic. This radiation driven wind model 

makes a number of assumptions to dimensionalise the problem; essentially it uses a homo

geneous, stationary and spherically symmetrical wind. Unlike the majority of non-LTE 

codes WM-Basic calculates a non-expanding atmosphere. Its wind is driven through scat

tering and the absorption of Doppler shifted spectral lines. Another unique aspect of this 

code is that it was designed to run on a off-the-shelf PC in just a few hours.
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3 .5 .4  TLUSTY

t l u s t y  is a non-LTE, plane parallel atmosphere code. It makes the standard ‘plane 

parallel’ assumptions that the atmosphere is horizontally homogeneous and is in radiative 

and hydrostatic equilibrium. The program also allows for fully consistent line blanketing. 

Full details are given in Hubeny et al. (1994). Recent revisions have been improved to 

include line blanketing (Lanz k  Hubeny 2003).

3 .5 .5  FASTWIND

f a s t w i n d , the original version of which is described by Santolaya-Rey, Puls k  Herrero 

(1997); calculates stellar atmospheres assuming a consistent photospheric stratification. It 

also includes an approximate treatment of metal line blocking and blanketing. The code 

can calculate the line transfer in the co-moving frame (Mihalas, Kunasz k  Hummer 1975) 

or by using a Sobolev approximation with continuum (Puls k  Hummer 1988). The biggest 

difference between this code and the other non-LTE atmosphere codes is that is uses a 

fast solution algorithm for calculating line profiles that allows for a consistent treatment 

of incoherent electron scattering.

3 .5 .6  P o ts d a m /K ie l  C od e

This is another more recent non-LTE, line blanketed code which was designed for the use 

of modelling the atmospheres of WR stars (Grafener et al. 2002). It is an extension from 

previous work (Hamann k  Koesterke 1998) where non-LTE calculations are computed for 

an expanding atmosphere, which is assumed to be spherically symmetric, stationary and 

homogeneous. However, the important difference of this code is the inclusion of iron-group 

elements in their calculations and that they also account for line blanketing. Solutions to 

the detailed statistical equations for model atoms is simplified via the use of super-levels, 

which was also successfully implemented into c m f g e n  (see Section 3.6.2).

3 .5 .7  C o m p a r iso n s

With all the stellar atmosphere codes available we will briefly compare them with a view of 

modelling the complex structures of a WR star’s atmosphere. The first discriminator that 

immediately helps the process of suitability for WR stars is the disregard for stationary, 

plane-parallel codes. The assumptions made by these codes (especially a homogeneous
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structure throughout the atmosphere) are too basic and unrealistic. This only leaves us 

with three other non-LTE atmosphere codes; f a s t w i n d , c m f g e n  and the Potsdam/Kiel 

code. Strictly speaking we should not include the Potsdam code as this is a very recent 

code that was not available at the start of this study -  this is also partly true for f a s t w i n d . 

Regardless of availability, c m f g e n  includes the full treatment for a large number of highly 

ionized metal lines which are needed for a detailed analysis of a highly evolved WR stars, 

especially WC subtypes. Below we discuss some of the finer points regarding the use of 

c m f g e n  and the assumptions made in our calculations.

3.6 M odelling Stellar Atm ospheres with c m f g e n

There are a number of non-LTE radiative transfer codes that have been released to the 

astronomical community. Although none are as widely used as c m f g e n , (Hillier & Miller 

1998), for the reasons described below. This atmospheric code has been developed and 

improved over a number of years and includes many important features that are vital when 

attempting to spectroscopically analysis massive stars and will be discussed in detail in 

this chapter. The original version of the code by Hillier (1987a) calculated a WN star 

whose atmosphere entirely comprised of pure helium, it was geometrically spherical and 

assumed a modified Sobolev approximation, allowing for a continuous radiation field. 

Latter efforts included carbon into their atmospheric calculations (Hillier 1989) such that 

the new revised model could attempt to model the (complex) atmospheres of WC stars. 

The current version is by far more accurate and computes almost all iron-group elements, 

and also allows a degree of ‘clumping’ in the wind. Specific details of these extensive 

modifications are discussed below.

3 .6 .1  M o d e llin g  T ech n iq u e

For this work we use the non-LTE code of Hillier & Miller (1998) c m f g e n , which iteratively 

solves the transfer equation in the co-moving frame subject to statistical and radiative 

equilibrium in the expanding, spherically symmetric and steady-state atmosphere. This 

work is part of a larger project to study WR stars in a variety of environments and so 

the modelling techniques applied to the WR stars in our sample are the same as those 

described by Crowther et al  (2 0 0 2 ). Specific details of the (extremely complex) He, C, 

O, Ne, Si, P, S, Ar, Fe model atoms used in our analysis are described in more depth
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Figure 3.2: Flowchart showing the methodology used to model our sample of 

single WR stars using both spectroscopic and photometric observations.

in Section 3.6.2. These models account for clumping in the wind, via a filling factor, / ,  

which we set to approximately 0 .1  (see Section 3.6.4). Since radiation instabilities are not 

thought to be important close to the base of the wind we parameterise the filling factor 

so that at smaller velocities it approaches unity.

Our approach to modelling the data is to calculate a series of models adjusting the 

stellar parameters until we can match the observed ionization balance, line strengths, 

widths (and for our un-calibrated datasets, the absolute V-band magnitudes). Because of 

the effect each parameter can have on the emergent model spectrum this was an iterative 

process. Initially, matching the line strengths and widths of the modelled spectrum com

pared with the observations and then altering the luminosity to match either the absolute 

magnitudes calculated or the absolute (calibrated) flux levels.

Figure 3.2 shows a simple flowchart outlining the iterative stages required to model a 

WR star which is not flux calibrated, in which an independent determination of the star’s 

absolute magnitude is required. This method is similar for flux calibrated observations, 

the only difference is that the reddening is determined by de-reddening the observations to
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match the (un-reddened) model. This also provides an independent method for obtaining 

the absolute magnitude.

3 .6 .2  T rea tm en t o f  S u p er  L evels

The idea of “super-levels” was first introduced by Anderson (1989) to reduce the number 

of statistical equilibrium equations that have to be calculated for a stellar atmosphere. 

This technique is used by c m f g e n  where it simplifies the model atoms that are calculated 

by grouping a number of levels that have similar energies and properties and treating 

them as one single ‘super-level’. This then means that only the populations of the super- 

levels are used in the rate equations. The only assumption that has to be made is that 

an individual atomic level has the same departure coefficient as its corresponding super- 

level. This method has been used in other non-LTE atmosphere codes with success (e.g. 

Hubeny & Lanz 1995; Dessart et al. 2000). There are obvious benefits when considering 

the (extremely complex) iron-group elements into a stellar atmosphere calculation, as it 

allows a single model to be calculated by seriously reducing the computational constraints. 

Model calculations for WC stars in this work, via the use of super-levels, assume a total 

of 2526 levels (reduced to 788 super-levels), 26,239 spectral lines of He, C, O, Ne, Si, S, 

P, Ar and Fe are considered. For our largest calculations modelling WN stars we assume 

a total of 1233 levels (combined to 372 super-levels) for 43,596 spectral lines of H, He, C, 

N, O, Ne, Si, S, and Fe. For both sets of calculations we used 40 depth points. Table 3.1 

summarises the model atomic calculations assumed for both WN and WC stars. Full 

details for the oscillator strengths, collision and photoionization cross-sections are given 

in Dessart et al. (2000). Almost all the atomic data for this work uses results published 

by the o p a c i t y  (Seaton 1987; Seaton 1995) and i r o n  (Hummer et al. 1993) projects.

3 .6 .3  L ine B la n k e tin g

The spectra of WR stars are quite often extremely crowded, containing a huge number 

of emission lines, particularly in the UV, where we see a whole “forest” of (weak) iron 

lines, shortward of «  1800A (e.g. Herald et al. 2 0 0 1 ). It was soon recognised in the 

early theoretical studies that the inclusion of individual lines had a significant impact on 

the emergent atmosphere (Anderson 1985). Adequately accounting for these lines results 

in an increase in opacity and hence alters the temperature structure within the wind. 

Line blanketing causes two main effects within the star’s atmosphere, “back-warming”
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and “flux blocking” . The effect of back-warming is to produce higher temperatures in 

the inner regions and cooling in the outer regions. It also has an effect on the star’s 

ionization structure, producing a higher ionization close to the star, whilst reducing the 

wind ionization further out in the wind, the latter effect termed flux blocking.

c m f g e n  includes a full treatment of line blanketing although it was not successfully 

implemented until the working version published by Hillier h  Miller (1998). To further 

emphasise the importance of line blanketing in WR atmospheres, for a typical WC star, 

approximately 40% of the flux between 1000A and 10,000A is in the lines, making it almost 

impossible to accurately locate the star’s continuum over this region (Hillier & Miller 1998). 

Not only does the inclusion of iron significantly modify the emergent spectrum in the UV 

region but it also affects individual emission lines in the optical. For instance, in WC 

stars, iron-blanketed models can increase the strength of C ill A5696 by a factor of 5. This 

is due to an increased UV continua which through the pumping mechanism of the C ill 

emission lines AAA386,574,977 in the UV affect the optical emission line of C m  A5696 

(Hillier 1989). Other C m  lines (e.g. C m  AA1909,2296) are also dramatically affected, as 

well as C iv AA5801-12 (Hillier h  Miller 1998).

3 .6 .4  C lu m p in g

Clumping in WR winds has been a topic of debate amongst astronomers for a number of 

years. There is mounting evidence in favour of a heavily clumped wind in the atmospheres 

of O stars, LBVs and WR stars. There has been observational evidence for clumping from 

line profile variability studies in O stars (e.g Robert 1994) and WR (e.g Moffat 1999) 

stars. Evidence from other groups studying WR stars and LBVs through polarization 

also concluded that their winds were clumped (e.g. HD 96548 Schulte-Ladbeck (1995) 

and PCygni Taylor et al. (1991)). Theoretical evidence also indicates that radiation 

driven winds are unstable and can lead to large amounts of clumping (Owocki, Castor & 

Rybicki 1988).

Hillier (1991) originally introduced a clumping factor to account for the over-estimation 

that the models predicted in the electron-scattering wings of certain lines. The addition 

of this filling factor reduced the strength of the electron-scattered wings which in turn 

meant that the emission line strength could be reproduced with slightly lower mass-loss
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Table 3.1: Overview of the model atoms calculations used for both WC and WN model atmospheres. N/, is the number of full 

levels, Ns, is the number of assumed super levels and N* is the corresponding number of transitions.
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Figure 3.3: Synthetic line profiles for C m -lv/H eii A4650 and Civ AA5801-12 

showing a varied degree of clumping in the wind. An unclumped model is shown 

in solid ( /  =  1 with M  = 6.3 x 10- 5 M®yr-1), a moderately clumped model 

is shown as a dashed line ( /  =  0.1 with M  =  2.0 x 10- 5 M®yr-1) and a highly 

clumped model is shown as a dotted line ( /  = 0.01 with M  — 6.3 x 10- 6  M®yr-1).

rates. This filling factor can be parameterised by:

f(r)  =  a +  (1 -  a)exp[=̂ ] (3.21)

where the parameter a equates to the density contrast in the wind at the location b where 

clumping becomes important. This simply means that radiation instabilities become more 

important further out in the wind such that this filling factor is parameterised to reach 

unity as the velocity goes to zero. This parameterisation approximates current theoretical 

instability models (Runacres & Owocki 2003).

Our models derive M /y /J  rather than mass loss and clumping individually. Figure 3.3 

shows the synthetic line profiles for the two strong (optical) WR emission features, Cm - 

iv/H ell A4650 and Civ AA5801-12. The stellar parameters are typical for a WCE star and 

are kept constant except we have varied the degree of clumping in the wind such that the 

filling factors are /  =  1.0, 0.1, 0.01. The corresponding mass loss was also adjusted. The 

line strength and red electron scattering wing for CIV AA5801-12 are extremely sensitive to
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Figure 3.4: The clumped structure in the wind of a W R star with a standard (/3 

=  1) velocity law and an exponent of (3 =  20. The terminal wind velocity is set to  

voo=1400km s~1. Typical clumping values assumed in our models are shown; a =

0.1, b =  100 (solid line), with variations of both parameters also shown (dotted  

lines) to highlight their effects.

the filling factor. The line strength for the blended A4650 emission feature is also weakly 

affected by clumping.

Even though our technique for determining the clumping within the wind is not accu

rate we can confidently rule out the extreme cases (i.e. where /  =  0.01 or 1.0). Instead 

we settle for the intermediate case for all our model calculations, where the filling factor 

is, /  =  0.1. This is in reasonable agreement with previous, observationally determined 

values (e.g. /  =  0.0625; Hamann & Koesterke 1998). This intermediate value for the 

filling factor also reproduces the line strength and electron scattering wing observed in 

WC stars (see Chapter 6 for examples). Recently, theoretical calculations are attem pt

ing to reproduce line profile variabilities due to inhomogeneities in the wind which will 

help in the understanding of the physical properties of stellar atmospheres (e.g. Dessart 

& Owocki 2002).
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Figure 3.5: The wind velocity structure for a W R star showing both a stan

dard (3=1 law (solid line) and a second velocity law with (3=1 and an expo

nent of (3=20 (dotted line). The parameters used for these structures are, vo=0, 

vcore=1.0km s_1, vext=300km s- 1 , voo=1400km s- 1 , he//= 0 .0 1 R *  and R*=1.0R@.

3.6.5 V elocity Law

Traditionally W R atmospheres were modelled adopting a standard ( 3 = 1  velocity law, 

as is the case for O stars, although this becomes more complex when considering W R  

atmospheres due to their extremely broad emission lines. In more recent years there has 

been conflicting evidence to suggest, both observationally and theoretically, a more slowly 

accelerating outflow. In the standard (3 =  1 velocity law, the velocity at any depth in the 

wind is dependent on the exponent (3 - with the largest accelerations occurring close to the 

star and very little acceleration at large distances. This idea was questioned when Koenigs- 

berger (1990) observed some WN binary system s and found that the wind appeared to be 

accelerating out to distances of 14R0. Later work, again studying W R binaries supported 

this theory (Auer & Koenigsberger 1994). Theoretical work also concluded that there
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Figure 3.6: Comparison of synthetic models showing the sensitivity A5471 of the 

Hen A5411 and Civ A5471 emission lines for a variety of carbon abundances - 

0.15 by number (solid), 0.3 by number (dashed) and 0.5 by number (dotted).

was still a significant acceleration within the wind at large radii (e.g Gayley, Owocki & 

Cranmer 1995; Schmutz 1997). This means that the standard (3 =  1 law cannot be used 

for WR stars.

These results are taken into account by C M F G E N  which adopts a two-component ve

locity law within a stellar atmosphere in such a way as to match observational datasets. 

It does this by adjusting the normal ( 3 = 1  law, but with the addition of a secondary (3 

component. This velocity law is in the form

, . Vo +  (Voo -  Vexi -  Vo)(l -  +  -  R./r)ft .
(r> 1 +  (Vo /Vcore)e x p [ (R ,-r ) /h cJ{]K '

where Vex< and Vqq are the intermediate and terminal velocities respectively (typically 

Vext ~  Vqq - 300 kms-1), (3\ and (32 are the exponents used in the adopted form of velocity 

law (for our WC models we use (3̂  =  20).

3.6.6 Carbon A bundances

Chemical abundances are one of the many fundamental parameters computed using c m 

f g e n ; calculating abundances of H, He, N are important for WN stars, while elements of 

He, C and O are important to constrain WC stars. Unfortunately, observations of extra- 

galactic WR stars only permit optical spectroscopic studies -  this hinders their analysis
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because of the limited number of emission lines available to constrain their parameters 

(see Chapter 6  for more concise description of methods employed). Here we discuss and 

identify the emission lines used to constrain the chemical abundances for WR stars solely 

from their optical spectra.

To determine the C/He abundance for WC stars we use the (relatively) unblended di

agnostic lines of Hell A5411 and Civ A5471. These prove excellent indicators of variations 

in the C/He abundance. Figure 3.6 shows the region around the carbon diagnostic lines, 

He II A5411 and C IV A5471, for a series of models calculated with C/He of 0.15 by number, 

0.3 by number and 0.5 by number. The relative strength of these lines are used to derive 

the C/He abundance in our sample of WC stars. C m  A5696 also varies between these 

models although this emission line is also sensitive to other parameters such as ionization 

and temperature in the wind. For the few cases where we detect C IV A5808 emission in 

WN stars we use this line to estimate the C/He abundance.

3 .6 .7  O x y g e n  A b u n d a n ces

Unfortunately we are more restricted when it comes to good diagnostic lines for the O/He 

abundance. This is due to a lack of unblended recombination lines available, also oxygen 

produces a more complex ionization structure compared with He and C. The only available 

optical emission line which is sensitive to O/He variations is the blended emission line, 

O l l l - V  A5590. However, previous observational studies by Crowther et al. (2002), using 

spectra covering far-UV -  NIR, were able to determine the oxygen abundance for six WC 

stars in the LMC by comparing a number of UV lines (e.g. O v A1815,Om A2983, O iv 

A3072 and O iv AA3560-3). Unfortunately on detailed inspection the oxygen abundances 

required to match the line strengths for these lines indicated (relatively) minor discrepan

cies. Crowther et al. (2 0 0 2 ) also found that, in some cases, if the line strength for O m-v 

A5590 was matched then it slightly over-estimated the O/He abundance compared with 

the UV diagnostics. This means that our calculated oxygen abundances, and hence our 

O/C determinations should be taken with caution, and suggest an internal accuracy of 

~50% in our derived mass fractions.

Figure 3.7 shows three synthetic spectra with various oxygen abundances -  5%, 10% 

and 20% by mass -  covering the near-UV to the optical. It highlights that there are a 

number of near-UV oxygen emission lines which are sensitive to variations in the abundance 

of oxygen (e.g. O iv A3072), and very few oxygen lines which vary in the optical regime.
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Figure 3.7: Comparison between rectified near-UV/optical synthetic spectra 

showing a variety of oxygen abundances -  5% (solid), 10% (dashed) and 20% 

by mass (dotted).
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(dotted). The theoretical optical spectrum is almost unchanged over this range 

of iron abundances.

Unfortunately due to the large extinction of dust, extra-galactic studies of WR stars are 

often unable to achieve high enough signal-to-noise blueward of ~  4000A. As previously 

discussed, this only leaves the blended optical emission line O I l l-V  A5590 as a diagnostic 

indicator.

3.6.8 Iron A bundances

Another limitation with using optical spectra is that only tentative conclusions can be 

reached about the metallicity of the WR environment, as the iron-group elements pre

dominately effect lines in the UV. We highlight this by running three separate models 

with identical parameters except for the iron-group elements. As well as the usual calcu

lations to include He, C, N, O, we also compute a more complete model to include ions 

of Si, Ne, S, P, Ar and Fe. We alter these iron-group elements for 0.5 Z®, Z® and 1.5 Z®. 

The difference between the emergent optical spectra is very small and does not effect the 

diagnostic emission lines. These results are shown in Figure 3.8 for an early-type WC star.
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0.3 (dashed) and 0.5 by number (dotted).

3.6.9 N itrogen A bundances

Fortunately deriving the chemical abundances for WN stars is somewhat easier than WC 

stars, as we have a number of diagnostic lines available. After we are confident that the 

temperature and ionization balance are well matched, we can adjust the abundance of 

nitrogen using N iv A4057, N v  A4604 and N in A4640 as diagnostics.

3.6.10 H ydrogen Abundances

The hydrogen abundances we determine are less certain, especially for WN stars with 

weak hydrogen emission. However, where possible we use the blended H i-Balm er/He II-
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Pickering decrement present in the optical, predominately relying on Ha-He II AA6560,6563, 

to derive hydrogen abundances. Unfortunately due to this emission line being blended and 

quite often contaminated with nebular emission (if detectable) we also use blended H/? 

A4861 and H7  A4341 emission lines. The classification scheme devised by Smith, Shara 

& Moffat (1996), states that hydrogen is detected if the (H+He) lines, A4340 and/or 

A4861, clearly exceed the height of a line drawn between the peaks of the pure Hell lines, 

AAA4200,4541,5411 -  simple visual inspection can be used as a quick tool to estimate the 

presence of hydrogen.



C h a p t e r  4

Analysis of Extragalactic W olf-Rayet 

Stars

We postpone until Chapters 6-5 the detailed spectroscopic analysis of extragalactic WC 

and WN stars with the model atmosphere code of Hillier & Miller (1998), comparing 

the inferred stellar parameters with environmental metallicity. However, we wish in the 

present chapter to perform a series of simple analyses on the spectroscopic observations 

discussed in Chapter 2 . We investigate the possibility for a simple correlation between 

spectroscopic morphology and environmental metallicity, as well as the prospect that early 

WC stars have a uniform line flux (Smith, Shara &; Moffat 1990). We also re-evaluated 

the metallicity gradient for a number of spiral galaxies in our sample using recent Hll 

calibrations.

4.1 M etallicity Gradients

Early observations of HII regions identified that there was a clear radial oxygen abundance 

gradient in the disks of spiral galaxies (Searle 1971; Smith 1975). These studies showed 

that the oxygen abundance was higher towards the centre, gradually declining further 

from the galactic centre. This ignited a flurry of observational studies which further 

identified oxygen abundance gradients for a large sample of galaxies (e.g. Vila-Costas & 

Edmunds 1992; van Zee et al 1998).

Studying the oxygen content of galaxies proves useful not just in the understanding 

of the chemical properties of galaxies (and their evolution), but also because it can be

105
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used to trace the metal content of galaxies. Oxygen is commonly used as it is both easily 

observed and is reliably established - in contrast to other elements such as nitrogen or 

carbon.

Observational investigations predominately use the optical emission lines from HII 

regions to accurately determine abundances. Early methods used the temperature sensitive 

[O ill] A4363 line which is weak in metal-rich environments (abundances are derived from 

accurate measurements of the line ratio; [O ill] AA4959,5007/A4363), and so Pagel et al. 

(1979) devised an empirical calibration to derive the oxygen abundance from observations 

of HII regions, using the ratio between a series of (strong) [O il] to [O ill] emission lines, 

where the weaker [O ill] A4363 was absent. This technique is known as the R23 method. 

The exact ratio employed to determine the R23 is given as:

R 23 = ( [0 11] AA3726,3729 +  [Om]AA4959,5007)/ff/? (4.1)

The R23 method soon became widely accepted and is still used by a number of authors 

today, although there were other groups who utilised the optical emission seen from super

nova remnants (SNRs) to also derive oxygen, nitrogen and sulphur abundances (e.g. Blair 

et al. 1982a; Dopita et al. 1984). Unfortunately these techniques heavily rely on detailed, 

(sophisticated) shock models before abundances can be calculated, as a result published 

results tended to vary somewhat.

As previously discussed, the weak, temperature sensitive [O ill] A4363 line can be 

used to accurately calculate oxygen abundances in H u regions. Unfortunately confident 

detections of this weak emission line in H 11 regions in nearby galaxies have proven difficult. 

As a result there have been a number of semi-empirical calibrations using the R23 index to 

determine oxygen abundances in extragalactic H 11 regions, as this technique only requires 

line fluxes for the stronger emission lines (see Equation 4.1). In recent years there have 

been a number of observationally based R23 calibrations (e.g. Edmunds & Pagel 1984; 

McCall, Rybski &; Shields 1985). The latest calibration by Zaritsky, Kennicutt & Huchra 

(1994) converts the R23 index into an oxygen abundance by providing a polynomial fit to 

three averaged semi-empirical calibrations (Edmunds &; Pagel 1984; Dopita &; Evans 1986; 

McCall, Rybski & Shields 1985), all derived observationally, and is well approximated by

1 2  +  log ( 0 / H ) z  =  9.265 -  0.33a: -  0 .2 0 2 a:2 -  0.207a:3 -  0.333a:4 (4.2)

where x = log R 23 . The R 23 index is double-valued due to the nature of nebular lines in 

metal-rich and metal-poor HII regions (see Kobulnicky, Kennicutt & Pizagno (1999) for
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an excellent review on measuring nebular abundances in distance galaxies), so in order 

to decide which regime is best suited to the dataset the [Nil] A6583/[Om] AA4959,5007 

line ratio can be used as an indicator for the galaxy’s metallicity. The mean relation by 

Zaritsky, Kennicutt & Huchra (1994) is good only for the upper, metal-rich regime. There 

have been other calibrations, most notably the extensive calibration based on photoion

ization models by McGaugh (1991), whose models take into account the effects of varying 

the ionization parameter in both metal-rich and metal-poor regimes.

The problem with the existing R23 calibrations are that they were calibrated against 

out-dated, temperature derived abundances available at the time. Since then there have 

been a much larger sample of metal-rich H 11 regions observed. Pilyugin (2000) used this 

larger sample of accurately determined oxygen abundances to re-calibrate abundances 

derived using the R23 method. He found that this larger sample of revised observations 

can be approximated by

12 +  log ( 0 / H ) r 23 = 9.50 -  1.40x2,3 (4.3)

where x =  log R 23 . This relationship is only valid for H II regions with 12-flog(0/H) > 

8.15. Pilyugin (2003) has also recently reported another technique simply using the strong 

oxygen lines of [Oil] AA3726,3729 and [Om] AA4959,5007 (relative to Hj3), to obtain oxygen 

abundances in Hll regions. According to Pilyugin (2003), O/H abundances in H II regions 

determined from the traditional R23 method can be overestimated in regions with a low 

excitation parameter, P, which is defined as the contribution of the radiation in the [Om] 

lines to the ‘total’ oxygen radiation. The method by Pilyugin (2003) can be mathematically 

described as:

„ ± 1  ,n / m  i?23 +  54.5 +  59.45P +  7.31P2 ,A A.
S ( /  6.07 +  6 .71P+  0.37P2 +  0.243/J23 '

He argues that oxygen abundances determined using the R23 method involve a system

atic error depending on the excitation parameter (Pilyugin 2000), and that the traditional 

R 2 3  method is valid in high excitation regions, but fails to provide realistic abundances 

in low excitation regions. Such that the R23 methods can over estimate abundances by 

~0.3dex or more in low excitation regions.

The empirical (R2 3 ) methods commonly used (Edmunds &; Pagel 1984; McCall, Rybski 

& Shields 1985; Dopita h  Evans 1986; McGaugh 1991) are based on a limited number of 

oxygen abundances derived using the temperature sensitive lines and out-dated H II region
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Figure 4.1: Oxygen abundance gradient in Galactic H II regions taken from Shaver 

et al. (1983) (filled circles). These results are compared with, re-calibrated H II 

regions data using the empirical R23 calibration by Zaritsky, Kennicutt &; Huchra 

(1994) (open diamonds), revised R23 calibration by Pilyugin (2000) (open trian

gles), and the P-method by Pilyugin (2003) (open squares).

models, available at the time. These R23 calibrations do not reproduce the latest available 

data (Pilyugin 2000). These differences can be explained by the fact that the R23 method 

ignores the physical conditions in the H II region (Pilyugin 2000).

If we are to observationally infer a mass-loss -  metallicity connection for WR stars (see 

Chapters 6  -  5), then it is important to determine an accurate metallicity gradient in the 

regions we observe WR stars. This section will focus on modern abundance calibrations, 

in which we re-analyse observations of extragalactic Hii regions enabling us to determine 

metallicity gradients across spiral galaxies in the Local Group.
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Table 4.1: Oxygen abundances in galactic H u regions from Shaver et al. (1983).

Also listed are the abundances derived from three different calibrations.

H u Rg 12+log(0/H)

Region (kpc) Shaver et al. Pilyugin Pilyugin Zaritsky et al.

(1983) (2003) (2 0 0 0 ) (1994)

NGC 6604-1 6.5 9.11 8.61 8.96 9.09

NGC 6604-2 6.5 8.72 8.56 8.74 8.97

M 16 6 .6 8.76 8.63 8.73 8.96

1 Cen- 2 7.8 8.79 8 .6 6 8.80 9.00

RCW40 8.7 8.85 8.44 8.71 8.95

RCW34 9.2 8 .8 8 8.56 8.77 8.98

RCW19 9.6 8.64 8.24 8.58 8.84

Rosette- 1 1 0 .0 8.47 8.32 8.56 8.82

S 252-1 10.7 8.34 8.62 8.64 8.89

RCW16-1 10.9 8.69 8.42 8.39 8.64

RCW 8 11.3 8.65 8.27 8.65 8.90

RCW 6 1 1 .6 8.69 8.51 8.63 8.89

RCW5-1 13.0 8.33 8.34 8 .1 0 8.19

G 2 0 1 .6 + 1 .6 14.0 8.55 8.04 8.32 8.55

S284 14.6 8.36 8.27 8.44 8.70

4 .1 .1  C o m p a r iso n s

Before we re-calibrate the abundance gradients for a number of spiral galaxies in the Local 

Group, we further examine the methods available to derive oxygen abundances where de

tections of [O ill] A4363 are limited. To do this we analyse the galactic metallicity gradient, 

extending the method used by Pilyugin, Ferrini & Shkvarun (2003) and compare a number 

of calibration techniques against accurate abundances calculated from observations which 

include temperature sensitive lines. There is a good reason to assume that the current 

Galactic Hli region abundance gradient is correct (mainly due to the good agreement 

between young stars and gas), and is safe to use as a calibration tool. There have been 

a number of observational studies using early B-type main-sequence objects to determine 

abundance estimates, these results are in excellent agreement with those found from the
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study of H u regions (e.g. Smartt & Rolleston 1997; Rolleston et al. 2000; Gummersbach 

et al. 1998).

We use a selection of 15 galactic H u regions observed by Shaver et al. (1983), who 

combined both radio and optical spectroscopy to determine electron temperatures. Only 

using observations from where reliable measurements for both [On] AA3726,3729 and 

[Om] AA4959,5007 were obtained (see Table 4.1). We compare the oxygen abundances 

originally determined by Shaver et al. (1983) with our re-calibrated abundances using 

the empirical calibrations by Zaritsky, Kennicutt &; Huchra (1994), Pilyugin (2000) and 

Pilyugin (2003), all of which are discussed in the text above. These results are shown in 

Figure 4.1, a least squared fit to the data by Shaver et al. (1983) is also shown and is 

described by, 12-flog(0/H)s/f =  9.27 - 0.061Rg- The galactocentric distances for the Hll 

regions are taken from Deharveng et al. (2000).

Using the previously determined metallicity gradient by Shaver et al. (1983) as a guide, 

we find that the three empirical calibrations varied somewhat. The typical R23 calibration 

by Zaritsky, Kennicutt & Huchra (1994) tends to over-estimate the oxygen abundance 

compared with the abundances found by Shaver et al. (1983). Whereas the recent (P- 

method) calibration by Pilyugin (2003) consistently predicts lower oxygen abundances 

than found by Shaver et al. (1983), although both these calibrations reproduce a very 

similar gradient. Finally, we also construct a galactic metallicity gradient using the re

calibrated R23 method by Pilyugin (2000). We find that these results agree best with the 

metallicity gradient by Shaver et al. (1983), closely matching both the oxygen abundances 

and the metallicity gradient. Considering these results, we chose to adopt this method, 

using previously published HII region line fluxes, to revise the metallicity gradients for a 

number of Local Group galaxies.

4 .1 .2  M e ta llic ity  G rad ien t in  M  33

M33 is an ideal laboratory for studying the metallicity effects in WR stars. With its 

low orientation, low reddening, and radial abundance gradient seen across the disk of the 

galaxy, it provides us with a number of WR stars located in a variety of metallicities.

The metallicity gradient across M33 has been well studied using a number of differ

ent techniques. Work by Dopita, D’Odorico Sz Benvenuti (1980) used observations of 

supernova remnants in M33 to obtain oxygen, nitrogen and sulphur abundances. Similar 

work was carried out by Blair & Kirshner (1985) and Smith, Kirshner & Blair (1993)
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who all calculated abundances of oxygen to infer an abundance gradient. Although as 

discussed above there were large discrepancies between these results, primarily due to the 

dependence on shock models required before accurate abundances can be derived.

Alternative metallicity gradients may be obtained from H II regions. These too rely on 

models, although they are well-tested and (mostly) observationally based. For M33 H u 

regions were observed by Smith (1975), Kwitter & Aller (1981), Vilchez et al. (1988), and 

Garnett, Odewahn & Skillman (1992). Since then these datasets have been re-analyzed 

by Henry k  Howard (1995), Zaritsky, Kennicutt k  Huchra (1994) and Garnett, Odewahn 

k  Skillman (1992), using calibrations calculated from observations of H ll regions (e.g. 

Edmunds k  Pagel 1984). Notably, the paper by Zaritsky, Kennicutt k  Huchra (1994) used 

previously published work (including data collected by McCall, Rybski k  Shields 1985) to 

recalibrate the data and derive new abundances.

After considering the results discussed in Section 4.1.1 we follow the method of Pilyugin 

(2 0 0 0 ) who re-calibrated previous datasets derived using temperature sensitive emission 

lines to calculate nebular oxygen abundances. We have used the observational data of H 11 

regions taken by Smith (1975), Kwitter & Aller (1981) and Vilchez et al. (1988) to calculate 

the metallicity gradient for M 33, using oxygen as a metallicity tracer. For completeness 

we also compare the oxygen abundances derived from B supergiants by Monteverde et al. 

(1997). In the few cases where multiple observations of the same H II region were available, 

CCD data from Vilchez et al. (1988) were favoured.

We feel for the majority of our observations the re-calibrated R23 relation by Pilyugin 

(2000) (see Equation 4.3) appears robust. Recall, this relationship is valid for metallicities 

above 12+log(0/H) > 8.15. As a further internal check their [Nll]/[Om] line ratios seem to 

represent a metal-rich sample, above the cut-off value (Kobulnicky, Kennicutt k  Pizagno 

1999). Figure 4.2 shows the re-calibrated oxygen abundances across M 33, there is evidence 

that there is a steep gradient ranging from above solar in the nucleus to more SMC-like 

far out in the disk. For completeness a range of metallicities from solar to the SMC are 

shown in Figure 4.2 (and subsequent metallcity gradients). We take these values from 

recent publications, assuming the revised solar metallicity to be 12-f-log(0/H) =  8 .6 6  

(Asplund 2003). Whereas we use recent observational determinations for the LMC and 

SMC metallicities. Assuming oxygen abundances of 12+log(0/H) ~  8.4 (Korn et al. 2002) 

and 12+log(0/H) ~  8 .2  (Rolleston et al. 2003) for the LMC and SMC respectively. These 

results were derived from the chemical analysis of main sequence B stars and are in good
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Figure 4.2: Oxygen abundance gradient for M33 using observed H n regions using 

the re-calibrated R23 method by Pilyugin (2000). The observational data shown 

are taken from Smith (1975), Kwitter & Aller (1981), Vilchez et al. (1988) and 

Garnett et al. (1992) (open circles). For comparison, oxygen abundances derived 

from B supergiants are taken from Monteverde et al. (1997). Two values for the 

H 11 region MAI, which is located far out in the disk, are shown. As well as using 

the calibration by Pilyugin (2000), the oxygen abundance is also determined using 

the metal-poor calibration by McGaugh (1991) (filled circle). The least squares 

fit to this data is also shown.
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agreement with previous determinations from HII regions.

A least-squares fit to the data taken for H ll regions (excluding MAI, see below for 

discussion) reveals a gradient of -0.671 dex/poj compared with -0.740 dex/po calculated 

by Zaritsky, Kennicutt & Huchra (1994), this revised metallicity gradient for M33 can be 

expressed as:

12 +  log{0 /H ) M 33 = 8.889 -  0.671p/po (4.5)

Performing a simple statistical test we find that the data appear well correlated with 

the correlation coefficient, R ~  -0.90 -  it is negative because the data are strictly anti

correlated. Further analysis reveals that the probability that the two parameters display 

a linear correlation is P ~  49%.

The data taken by Garnett, Odewahn & Skillman (1992) for the H ll region, MAI 

(Mayall & Aller 1942), has also been included in Figure 4.2 as its the only H ll region to 

be observed at a large galactocentric distance. If the pre-determined abundance gradient 

is correct, then we should expect this object to be more suited to a metal-poor regime. 

Indeed the observed [Nll]/[Om] line ratio confirms this. Unfortunately, as with most 

modern calibrations, the Pilyugin (2000) relationship is only valid for the upper, metal- 

rich regime. There have been other calibrations which attempt to calculate low metallicity 

environments, most notably the extensive calibration based on photoionization models by 

McGaugh (1991), whose models take into account the effects of varying the ionization 

parameter in both metal-rich and metal-poor regimes. Although this method still relies 

on theoretical R23 values. For accuracy we also re-calibrated MAI using the metal-poor 

calibration by McGaugh (1991) and included it in Figure 4.2. If our inferred metallicity 

gradients are correct then it is clear that MAI is situated in a very metal deficient region, 

and in fact our revised R23 value supports this.

Comparing the different calibration methods discussion in Section 4.1.1, the conflict of 

results highlights the uncertainties in determining accurate abundance gradients. This is 

clearly seen when considering that the predicted metallicity in the central region of M 33 

varies by ~0.5 dex between the calibration by Zaritsky, Kennicutt &; Huchra (1994) and 

the more recent calibration by Pilyugin (2003). Even though we expect the metallicity 

to reduce with increasing distance from the centre of M33, exactly by how much is still 

debatable. Unfortunately the field of determining oxygen abundances from extragalactic 

stellar sources is still in its infancy and with so few observations for M 33 we are unable to
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Figure 4.3: Oxygen abundance gradient for M31 calculated from re-calibrated 

observations of HII regions. The observational data shown are taken from Den- 

nefeld & Kunth (1981), Blair et al. (19826) and Galarza et al. (1999) (open 

circles), using the calibrations of Pilyugin (2000). For completeness stellar oxy

gen abundances taken from Venn et al. (2000) (filled stars), and the averaged OB 

association abundances by Trundle et al. (2002) (filled triangles). A least squares 

fit to the nebular data only is also shown.

independently determine a metallicity gradient based on OB supergiants. For the four B 

supergiants measurements available it would tend to agree well with the Pilyugin (2000) 

calibration inferred in this work.

4.1.3 M etallicity  G radient in M 31

The nuclear regions of M31 have long been suspected of being metal-rich dropping off 

to lower metallicities further in the disk. The question of exactly how metal-rich and 

how steep a metallicity gradient has varied between authors. Thankfully there have been 

a number of observational studies which can help us to explore the metallicity gradient
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across M31. We again consistently re-derive the abundance gradient across M31 using 

the well determined R23 method, in conjunction with observations of H ll regions.

The first observational program to examine HII regions in this galaxy were reported by 

Dennefeld &, Kunth (1981), then shortly afterwards a number of Hll regions were studied 

by Blair et al. (19826). More recently a much larger sample of nebulae were observed by 

Galarza et al (1999), all of these datasets were included in our analysis. We only include 

data from Galarza et al (1999) that had been identified as ‘centre-bright’ HII regions, and 

that had concise measurements of line fluxes and not just upper/lower limits.

We have re-calibrated these fluxes to give us an oxygen abundance using the calibration 

described by Pilyugin (2000), which is observationally based. More details regarding this 

calibration is given in Section 4.1. Even though there is a scatter of points, especially at 

galactocentric distances 0.6 -  0.9 p/po> our revised metallicity gradient for M31 predicts a 

steep, metal-rich metallicity gradient. These results are shown in Figure 4.3. Although the 

metallicity gradient is shown to extrapolate all the way back to the nuclues, in reality this 

is not the case. At galactocentric distances of ~0.2p the inner galactic disk will truncate 

and the bulge will dominate. Within the bulge there are no Hll regions and very few 

young stars. Those relatively rare young stars that are location within the bulge are not 

physically linked to their counterparts in the disk (Smartt et a l 20016).

For completeness, stellar oxygen abundances are shown, using A-F type supergiants 

taken from Venn et a l (2000) and averaged OB type supergiants by Trundle et a l (2002). 

The stellar abundances observed by Venn et a l (2000) are clustered amongst our inter

mediately located H 11 regions, whilst the averaged OB supergiant abundances by Trundle 

et a l (2 0 0 2 ) appear to agree reasonable well except for those centrally located; indicating 

a somewhat lower oxygen abundance. A least-squares fit to the data shown in Figure 4.3, 

only using re-calibrated data from the HII regions in our sample, reveals a metallicity 

gradient of -0.543 dex/po> and can be fully described by

1 2  +  log(0/H)M31 =  9.195 -  0.543p/po (4.6)

We find that due to the range of observed abundances at ~0.8p statistically the data 

appears less correlated than determined for the metallicity gradient in M 33. We calculate 

a correlation coefficient, R ~  -0.45 and find that the probability that the two parameters 

are linearly correlated is P ~  24%.
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Figure 4.4: Oxygen abundance gradient for NGC 300 using observed H II regions 

using the re-calibrated R2 3  method by Pilyugin (2000). The observational data 

shown are taken from Pagel et al. (1979), Webster & Smith (1983) and Chris

tensen, Petersen & Gammelgaard (1997) (open circles). The least squares fit to  

this data is also shown.

4.1.4 M etallicity  Gradient in N G C  300

The Sculptor Group galaxy NGC 300 is another spiral galaxy for which there have been 

no recent observations to study its H II regions. We continue to re-analyse previous 

(reddening-corrected) line intensities measured from H II regions to establish a revised 

metallicity gradient for NGC 300.

We use observations of oxygen line intensities from Pagel et al. (1979), Webster & Smith 

(1983) and Christensen, Petersen & Gammelgaard (1997), where multiple observations 

occur we use those from Christensen, Petersen & Gammelgaard (1997) in preference as 

they are superior. Again using the re-calibrated R2 3  method by Pilyugin (2000) we have 

determined the metallicity gradient for NGC 300. Our results can be seen in Figure 4.4. 

We find a steep metallicity gradient across the disk of the galaxy and a least-squares fit
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to these data can be represented by

1 2  +  log(O /H )NGC300 = 8.705 -  0A01p/po (4.7)

Statistically the metallicity gradient for NGC 300 is significantly correlated with a corre

lation coefficient, R ~  -0.80 with a ~29% probability of a linear correlation.

Comparing our results with previously determined metallicity gradients for NGC 300, 

we again find a systemically lower and shallower metallicity gradient, due to the revised 

calibration employed. For example, Deharveng et al. (1988) also re-analyzed the same 

datasets as described above and concluded to have found a somewhat steeper metallicity 

gradient which was also ~0.2dex more metal-rich than we claim to have found. They used 

the calibration by Dopita & Evans (1986), which was calibrated against a limited sample 

of temperature derived oxygen abundances. More recently, Zaritsky, Kennicutt h  Huchra 

(1994) also re-calibrated the metallicity gradient for NGC 300 and found a similar result 

as Deharveng et al. (1988).

This again highlights the need for an extensive observational study of a large sample 

of Hll regions in the Local Group galaxies and beyond. Which with todays ground- 

based facilities available would be easily viable. Considering the importance placed on 

both massive-star evolution as well as the significance of metallicity dependences on their 

stellar parameters, it is vital that we constrain the metallicity for a large sample of Local 

Group galaxies. This would then enable us to confidently infer the local metallicity for any 

given extragalactic WR star. It might also be worth investigating the need for producing 

‘metallicity maps’ rather than simple metallicity gradients so that you are using the most 

accurate metallicity in any given region of these spiral galaxies. Indeed, it is possible that 

individual HII regions span a range of metallicities at each galactocentric radius.

4.2 W R  Emission Line Analysis

In this section we investigate the properties of our large sample of extragalactic WR stars. 

We probe the claim by Schild, Smith h  Willis (1990) who found a linear relationship be

tween the WC line width and galactocentric distance, we also extend this to our (smaller) 

sample of WN stars. From our sample, where we have calibrated observations, we inves

tigate the possibility that WCE stars have a uniform line flux, after normalizing them to 

lkpc initially suggested by Smith, Shara & Moffat (1990).



118 Chapter 4■ Analysis of Extragalactic Wolf-Ray et Stars

120

100

CM

I
O
COm
>
o

• •  *•
Ss
b-t

:•

20

.2 8 1.0 1 . 20 .4 6

p /Po

Figure 4.5: The FWHM(C IV AA5801-12), in Angstroms versus the galactocentric 

distance for WCE stars in the spiral galaxies M33 (filled circles), M31 (filled 

stars), and NGC300 (opened squares).

4.2.1 W C Line W idth

Schild, Smith & Willis (1990) claimed a potentially important correlation between the 

line width of Civ A5808 with increasing galactocentric distance in M33, this was later 

supported by Willis, Schild & Smith (1992). They showed that the FWHM (Civ AA5801- 

12) for WCE stars was narrower for stars close to the nucleus, (located in higher metallicity 

environments), than those at larger galactocentric distance (located in lower metallicity). 

However, this relationship was rather tenuous owing to their small sample.

We have measured the FWHM (Civ AA5801-12) from our sample of WC stars in 

M33, M31, IC10 and NGC 300. Table 4.2 lists the FWHM and equivalent widths for 

both the blended emission feature C m -lv/H eii A 4650 and C iv A5808. We compared 

the FWHM (Civ AA5801-12) from our dataset of spiral galaxies (i.e. M31, M33 and 

NGC 300) with the values obtained by Willis, Schild & Smith (1992), Dessart (1999) as 

well as the measurements for OB10-WR1 in M31, observed and reported by Smartt et al. 

(2001a). These results are shown in Fig. 4.5. Where there were multiple measurements in
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Figure 4.6: WC spectral type plotted as a function of galactocentric distance.

We observe a decline in later WC-type further in the disk. Data were taken from 

Dessart (1999) (filled triangles) and the current sample (filled stars) using stars 

with confidently determined spectral types.

the M33 dataset, the values obtained by Dessart (1999), or the current sample were used 

in preference since these datasets were superior compared with previously published data.

Our much larger sample of WC stars does not favour the correlation by Willis, Schild & 

Smith (1992), namely FWHM(Civ)= 42(±12)xp+41(±7). Instead, we find a very large 

spread in FWHM between 0.4 < p < 0.6. Performing a simple statistically analysis on 

these data we find a linear correlation coefficient, R =  0.43, and the probability of a linear 

correlation of 2 0 %.

Nevertheless, there does genuinely seem to be a lack of broad line WC stars towards the 

central regions of these galaxies, and a lack of narrow line WC stars at larger galactocentric 

distances. This correlation is still unexplained. Note that if WR stars are assumed to 

follow the same stellar wind properties as OB stars, their terminal wind velocities would 

be expected to decrease with decreasing metallicity (Leitherer, Robert & Drissen 1992), 

in contrast with the (weak) opposite effect observed.
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Table 4.2: Emission line measurements of C m  A4650/He II A4686 and 

C iv  A5801-12 for the WC stars observed with CFH T-M OS in M 33, 

VLT-FORS2 in IC10 and NGC 300, W HT-ISIS in M 31. Star identifi

cations are: M 33, AM =  Armandroff k  Massey (1985); MC =M assey  

k  Conti (1983); MJ =  Massey k  Johnson (1998); M 31, Moffat k  Shara 

(1983); OB =  Massey, Armandroff k  Conti (1986); IC 10, M =  Massey, 

Armandroff k  Conti (1992); R =  Royer et al. (2001); N G C 300, S =  

Schild et al. (2003).

Star

C i l l  A4650/He II A4686 C iv  A5801-12

lo g  (-E W ) FWHM lo g  (-E W ) FWHM

M 33

MC26 ........ 3.10 46.8 3.03 41.1

AM5 .......... 2.47 53.0 2.19 52.7

MC33 ........ 2.59 58.9: 2.58 37.6

MC35 ........ 2.32 38.5: 2.10 35.3

MC39 ........ 2.62 59.4 2.48 51.2

MC42 2.34 76.0 2.39 72.7

MC40 2.10 64.6: 2.26 52.9

MC43 2.73 37.8: 2.51 35.4

MC44 1.80 61.1: 1.83 62.5

MJ-C4 . . . . 1.36 46.8 1.32 44.7

MC45 1.54 52.6 1.60 50.1

MC47 2.98 53.4 2.78 49.1

MC49 2.52 49.1 2.29 46.0

MC52 2.16 56.0: 1.88 58.1

MC53 2.06 53.6: 1.85 28.6

MC54 1.36 35.3 1.30 38.1

MC55 2.76 44.6: 2.52 39.6

MC56 1.84 69.0: 1.89 61.2

MC57 2.32 71.4: 2.43 65.1

AM14 2.89 52.6 2.89 45.1

AM16 3.42 57.1 3.30 47.0

AM17 3.39 60.7: 3.31 52.0

MC65 2.84 59.5: 2.91 49.6

MJ-X19 . . . 1.63 43.0 1.59 43.1

MJ-X9 . . . . 1.79 81.2: 1.85 65.2

MC68 2.36 56.1 2.45 50.9

MC70 ........ 2.90 46.4: 2.69 37.6

Continued on next page ......
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C m  A 4650/Heii A4686 C iv  A5801-12

Star lo g  (-E W ) FWHM lo g  (-E W ) FWHM

M 31

M S 5 ............ 2.20 23.5: 1.92 28.1

MS12 ........ 3.15 80.7: 3.18 78.1:

MS21 ........ 3.09 49.0 3.06 41.2

OB48-WR1 2.88 51.0 2.78 50.4

IC 10

M l .............. 1.85 65.0 2.04 50

M2 .............. 1.94 74.0 2.30 66

R6 .............. 2.25 78.0 2.33 82

R5 .............. 2.09 79.0 2.11 80

M4 .............. 1.70 64.0 1.60 49

M5 .............. 2.62 53.0 3.10 79

M7 .............. 1.95 84.0 1.91 82

M 1 0 ............ 3.06 68.0 3.29 85

M12 ............ 1.86 58.0 1.84 49

M 1 3 ............ 2.07 58.0 2.04 47

M14 ............ 2.67 79.0 2.47 78

M 2 0 ............ 2.95 62.0 2.86 52

NGC 300

S 2 9 .............. 3.21 62.0: 3.16 47.0

S 4 8 .............. 3.15 92.0: 3.29 91.0:

S 4 0 .............. 2.52 46.0: 2.47 36.0

S 2 4 .............. 2.27 52.0: 2.35 41.0

SOI .............. 2.56 105.0: 2.77 106.0:

S 2 2 .............. 2.20 72.0: 2.77 95.0:

A possible answer which would (partly) explain why we see a lack of broad line WC 

stars towards the central regions of these spiral galaxies and a lack of narrow line WC 

stars in the outer disk, could be connected to the distribution of spectral types. We test 

this theory using M 33 as it is believed that the WR population is reasonably complete. 

Even though the exact metallicity across M 33 is still a little uncertain there does appear 

to be a strong metallicity gradient which implies a somewhat lower metallicity in the outer 

disk compared with the central regions. Assuming current stellar evolution theories are 

correct, this difference in metallicities would permit later WC stars to form in the inner 

regions and bias earlier spectral types to form at larger galactocentric distances.

In Figure 4.6 we have plotted the spectral type versus galactocentric distance for the
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WC stars in M33 and there does appear to be a trend towards earlier spectral types 

at larger galactocentric distances. A similar spectral type distribution was previously 

discovered for M33 by Smith h  Maeder (1991), who also conclude that this segregation 

effect was connected to the local initial metallicity. Unfortunately, this hypothesis does 

not explain why the few WCE stars that are observed in the inner regions of M 33 are 

surprisingly narrow-lined.

This spectral type -  metallicity segregation effect is not unique to M33. It is also ob

served in low metallicity regions, such as the LMC, where the entire WC content are WCE 

stars (Breysacher, Azzopardi &; Testor 1999) and in metal-rich regions, such as the central 

regions in M31, where there appears to be an abundance of WCL stars. Furthermore, 

a WR subtype distribution has also been noted in the Solar Neighbourhood by van der 

Hucht (2001). For the known Galactic WC population late-type WC stars are strictly lo

cated to within the solar circle (i.e. at close galactocentric distances), with earlier spectral 

types located at intermediate and large galactocentric distances.

This weak trend between the observed line widths and the distance at which the star 

is located could simply be a selection effect where narrow-lined, late-type WC stars are 

only permitted in the central (metal-rich) regions and broad-lined, early-type WC stars 

are the only WC stars to possibly form in the outer (metal-poor) regions. There are of 

course factors which could cloud this distribution, such as the effects of forming a WR star 

through binary systems and the scatter of metal abundances observed in spiral galaxies. 

Potential selection effects at some level should also be accounted for, for instance, it is 

easier to identify and measure WR stars in intermediate regions of spiral galaxies where; 

(i) reddening effects are reduced, (ii) due to clustering of WR stars, observational studies 

are focused.

4 .2 .2  W N  L in e  W id th

We have applied this method to our WN sample, combining our measurements with previ

ously published data from Massey, Conti h  Armandroff (1987a), Massey h  Conti (1983), 

Armandroff h  Massey (1991) and Massey h  Johnson (1998). Where there were multiple 

measurements data were preferentially taken from the current sample (see Table 4.7) and 

Armandroff & Massey (1991). These results are shown in Figure 4.7. Even with a large 

sample of data, as for the WC stars, we again find very little evidence for a correlation 

of FWHM (He II A4686) with increasing galactocentric distance. A statistical analysis in
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Figure 4.7: The FWHM(Heii A4686), in Angstroms versus the galactocentric 

distance for WN stars in M33 (filled circles), using data taken from Massey, 

Conti & Armandroff (1987a), remeasured Massey & Conti (1983), Armandroff & 

Massey (1991), Massey &; Johnson (1998) as well as data from this work. Where 

possible data were preferentially taken from the current sample and Armandroff 

& Massey (1991). We also show the measurements made for the two WN stars 

observed in NGC300 (filled stars).

these data find a linear correlation coefficient, R =  0.22, with a 15% probability of a linear 

correlation.

Even though the correlation is weaker for WN stars, to some extent, the same argument 

could hold for WN stars as for WC stars. In the outer regions (lower metallicity) there 

is a bias to form early-type WN stars, whereas in the inner regions (higher metallicity) 

late-type WN stars can evolve. Although the initial mass required to form a WN star 

is somewhat lower compared with WC stars and so this could explain why the observed 

trend is even weaker in WN stars.
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Table 4.3: Emission line measurements of He II A4686 for the WN stars 

observed with CFH T-M OS in M 33 and V L T -F 0R S 2 in NGC 300. Star 

identifications are: M 33, AM =  Armandroff &; Massey (1985); MC 

=M assey Conti (1983); MJ =  Massey &; Johnson (1998); M 31, Moffat 

&: Shara (1983); OB =  Massey, Armandroff &: Conti (1986); N G C 300, 

S =  Schild et al. (2003).

H en  A4686

Star lo g  (-E W ) FWHM

M 33

AM3 .................... 1.73 15.2

AM6 .................... 1.41 14.2

N G C 595-W R 9... 1.28 16.4

MJ-G13 .............. 1.43 24.2

M C A 5 .................. 2.16 26.9

MC36 .................. 1.91 28.7

MC37 .................. 2.13 72.7

MJ-G3 ................ 0.97 21.9

M C A 8 .................. 2.22 24.9

M C A 9 .................. 1.36 17.1

MC46 .................. 2.33 43.9

MC48 .................. 2.53 59.6:

MJ-G8 ................ 1.49 28.7

MJ-G9 ................ 2.45 53.5

MJ-X15 .............. 0.99 10.7

OB6-5 .................. 0.67 9.1

UIT289 ................ 0.38 14.4

NGC 300

S9 ................  1.76 32.0

S30 . . . . ................  2.25 24.2

4.2.3 C IV Line F lu x

Smith, Shara & Moffat (1990) observed a large number of LMC WCE stars, and found 

that their C iv  AA5801-12 line fluxes, when adjusted to a distance of lkpc, were uniform 

to log Fa =  -7.6±0.15 ergs-1 cm - 2 . We decided to compare the (de-reddened) C iv  A5808 

line fluxes from our M 31 and IC 101 WC stars with those observed in the LMC. Using 

the reddenings derived from comparison with synthetic models (see Section 2.3.4), and 

R ecen tly  supported by Crowther et al. (2003).
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Figure 4.8: The measured Civ A5808 line fluxes for WCE stars, observed in a 

number of Local Group galaxies. Results for the LMC (filled circles) are taken 

from Smith, Shara k  Moffat (1990), IC 10 (filled triangles); M31 (filled squares), 

and NGC300 (stars). The dashed line shows the average line flux for the data 

points measured for the LMC, IC 1 0  and M31, due to the uncertainties in the 

reddening towards NGC 300.

assuming a distance to M31 of 752kpc, the C iv AA5801-12 line fluxes were calculated. 

Excluding the line flux from M31-MS5, as this is a WCL star, the averaged line flux from 

our sample of early type WC stars in M31 is log F\ =  -7.6±^o 3 ergs- 1cm-2.

We also repeated this process to include the WCE stars in IC 10, de-reddening the 

spectra using the colour excesses listed in Table 2.9. We found that the WC stars in 

IC 10 also displayed a similar averaged line flux when normalized to lkpc, and although 

our calculated reddenings are not accurate (due to the assumptions made for the intrinsic 

colours), we still find that the average line flux is; log =  -7.51^6 ergs_lcm_2- This 

spread in results can be partly explained by our imprecise reddenings. Given our relatively 

small number statistics and the errors associated on both our averaged values it appears 

that these results support the original theory by Smith, Shara k  Moffat (1990); that WCE
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stars do seem to have a universal line flux.

Finally, we perform a self-consistent comparison of datasets and so include the averaged 

WC line flux for the carbon-sequence WR stars in NGC 300. These results along with all 

those described above are shown in Figure 4.8. For NGC 300 we show two datasets, one 

using the reddenings described by Schild et al. (2003) for the two WCE stars modelled, 

for the remaining four stars in our sample we use a representative value of Eb - v  =  0.15. 

The second set of measurements were taken after de-reddening the spectra by E q -v  — 

0.28, which was derived from the averaged H II region line measurements published by 

Deharveng et al. (1988), assuming that Eb - v  — C(H/3)/1.46 (Pottasch 1984).

These two methods give averaged line fluxes for WCE stars in NGC 300 of log Fa =  

-8.0±0.2 ergs- 1cm- 2  and log Fa =  -7.8±0.2 ergs- 1cm- 2  using reddenings of Eb - v =  0.15 

and 0.28 respectively, and a distance of 2.0Mpc. The normalized line fluxes calculated 

with higher reddenings agree better with those calculated for the other (flux calibrated) 

WCE stars in our sample. However, there is still a ~0.2 dex discrepancy between these 

results and those calculated for the other Local Group galaxies.

These larger averaged line fluxes can be explained by the uncertainty in our estimated 

reddenings (see Section 2.5.3) used and/or any error which is associated with our assumed 

distance. We need more conclusive independent reddenings before we can confidently 

disregard the original findings by Smith, Shara &; Moffat (1990), purely because one set 

of results do not support the majority of our observations.

One might argue that previous measurements made by Smith, Shara h  Moffat (1990) 

contained low number statistics and that this sample was only taken from WC stars in 

a very similar environment. Now the situation is very different, we now have a number 

of independently observed datasets taken in regions containing very different metallicities 

(i.e. LMC, M31, IC10 and NGC300) and yet we still find a uniform C iv A5801-12 

emission line flux of, Fa =  -7.6 ^ 7  ergs- 1cm- 2  for early type WC stars - excluding the 

results from NGC 300.

4 .2 .4  Id e n tify in g  S in g le  W C  stars

The effects of multiplicity makes the interpretation of stellar spectroscopy much more 

difficult, both for the analysis and when comparing results with stellar evolutionary mod

els. Binary evolutionary calculations are much more complicated than single star models 

(Vanbeveren, de Loore & van Rensbergen 1998). Since a great deal less is known about
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Figure 4.9: Comparisons between the log[E W (C lv)] versus WC spectral type, 

for Galactic (circles), LMC (squares) and M 33 (stars) stars. This was used as 

an indicator of potential multiplicity. The data for the Galactic and LMC stars 

were taken from Torres, Conti &; Massey (1986). The open symbols indicate that 

the stars are in known binaries, apart from the M 33 sample, where we cannot be 

certain.

binary physics due to the complexities involved in evolutionary calculations (e.g. RLOF, 

common envelope phases, properties of mass transfer, angular momentum, mixing).

Single stars are preferred because their observed light is not contaminated by that of a 

companion, making the spectroscopic analysis more reliable. They are also more desirable 

because their properties can be compared to stellar evolutionary predictions which suffer 

from fewer speculations. There have been successful, well tested methods to  resolve both  

the W R and O star components for binary system s (e.g. De Marco & Schmutz 1999; De 

Marco et al. 2000). These methods rely on well resolved optical absorption lines being 

observed for the companion star, something which is not easily achievable for extragalactic
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Figure 4.10: HST W FPC2 images taken with the F555W  filter. These images 

identify six WC stars in M 33 that we have assumed to be single from EW mea

surements. These images are supporting evidence that these stars are single due 

to their relative isolation plus they are well resolved. The star identifications are 

shown in the top left-hand corner, and each image has a 10r/ x 10 " field of view, 

orientations are north is up and east is to the left. Note: MC70 lies close to the 

edge of one of the CCDs which is why there is noise in the bottom  right-hand 

corner of the image.

W R stars. However, there are other techniques although these methods generally rely on 

orbital solutions, or radial velocity variations (e.g. Foellmi, Moffat & Guerrero 2003a) or 

interpretation of optical O star absorption lines, which represents a formidable challenge 

for massive stars beyond the Magellanic Clouds.

Our primary focus for this work was to study single WC stars in Local Group galaxies, 

since they prove to be the most sensitive indicators of massive-star evolution. We used 

observational data for known Galactic and LMC W R stars taken from Torres, Conti & 

Massey (1986), and plotted their equivalent widths (EWs) of C iv  (AA5801-12) against 

their spectral types. These served as templates to guide us to apparently single stars, in 

the sense that low EWs are indicative of dilution from a companion star or a chance line-
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Figure 4.11: HST WFPC2 images taken with the F555W filter. These two WC 

stars in M33 showed weak Civ from our EW measurements indicating that their 

spectra were contaminated. This is supported from the HST images where it is 

clear that the WR star is either has a companion or is located near a another 

chance line-of-sight star. These plots follow the same orientation and field of view 

as the other WR stars shown.

of-sight. Figure 4.9 shows all the program WC stars in M 33 plotted against the Galactic 

and LMC data, shown as a function of spectral type. The gradual decline in EW(Civ) 

towards later sub-type is merely due to the general weakening of C IV relative to C III 

A5696. Filled symbols indicate probable single M33 WC stars, which are discussed in 

Section 6 .1 .

From a comparison of our equivalent width measurements we have identified nine 

potentially single WC stars (see Figure 4.9), their broad-band (Johnson) my and mg 

magnitudes are shown in Table 2.4 (apart from MC79). In an attempt to test this as

sumption we have identified a number of these stars from archival HST/WFPC2 images 

(see Chandar, Bianchi k. Ford (1999) for discussion of data), observed with the F555W 

filter. Figure 4.10 shows six stars that we have inferred as single. We have used these 

detailed images to see whether each star appears well resolved and isolated, supporting 

the claim they are potentially single, albeit at a spatial resolution of 0.1" per pixel. This 

is the case from all six stars where data were available.

As a self-consistency check, using our equivalent width measurements (Fig. 4.9) we 

have also looked to see whether some of the WC stars with weak C iv emission appear 

to be contaminated and unresolved. Figure 4.11 shows MJ-C4 (M33-WR73) and MC45 

(M33-WR76), again from archival HST/WFPC2 images taken with the F555W filter. 

Both appeared to be non-spherical and have multiple components which are unresolved at
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the resolution of the images. This suggests that we are observing either a nearby bright 

star or a chance line-of-sight object. This gives us more confidence that our technique is 

successful; at least at identifying obvious single candidates.

Unfortunately, these HST images alone are not evidence for single stars. The angular 

separation of WR147 and its companion star in the Galaxy was found to be 0.6" at 1.9kpc 

(Moran et al. 1989). Projecting WR147 to M33 would imply a separation of 1.4mas. 

Consequently, we do not claim that HST imaging provides hard evidence that these stars 

are single, merely that there are no obvious sources of contamination close to the star. 

HST images, in conjunction with the large EW measurements, provide a possible method 

for identifying potentially single stars at large distances merely from individual spectra.

The binary frequency of WR stars can have strong implications on the evolution of a 

massive star (Foellmi, Moffat & Guerrero 2003a). Analysis of single stars is achievable 

with c m f g e n  and so its extremely useful to identify single stars before an attempt to 

model them is made. There are a number of different techniques that can be employed to 

determine the binary nature of an observed WR star. For our sample of WR stars in M 33, 

where we were unable to reliably flux calibrate these data, we compared their measured 

EW(Civ) and compared them with known single and binary WR Galactic stars. We now 

discuss another approach to potentially identify single extragalactic WR stars, where we 

are confident of their absolute flux levels, as in the case for our sample of M 31 and IC 10 

WR stars.

In Figure 4.12 we have plotted the line strength of C IV  AA5801-12 against our estimated 

absolute visual magnitudes, using our measured spectrophotometry for M 31 (see Table 2.7 

and Table 2.9 for M 31 and IC 10 respectively). This method allows us to estimate the level 

(if any) of contamination by OB chance line-of-sight stars or from a binary companion. 

We also compare our measurements with single and binary stars in the LMC taken from 

Smith, Shara &; Moffat (1990).

This figure suggests that MS21 and MS12, in M31, are potentially single, whereas 

MS5 and OB48-WR1 are in fact binary stars or that their spectra are contaminated. An 

attempt at modelling all four of these stars are made (see Chapter 6 ), in the cases where 

we suspect they are binary, a contaminating Kurucz (1979) O star model is added to the 

synthetic spectra before comparing it with the observations. We also determine from this 

comparison that it is highly likely that from our sample of IC 10 WC stars; [MAC92] 10 

and [MAC92] 20 are single.
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Figure 4.12: Measured line strength C IV AA5801-12 versus absolute visual magni

tude for WC stars in IC 10 (circles), M 31 (squares), and the LMC (triangles). The 

opened symbols signify (inferred) binary stars and filled symbols signify single 

stars. These data were taken from Smith, Shara & Moffat (1990) and Crowther 

et al. (2003) for the LMC and IC 10 data respectively.

Of course other WC stars in our two samples could also be single but we are unable 

to resolve these individual stars with our current resolution. This effect is shown for 

[MAC92] 12, [MAC92] 13 and [MAC92] 14 where corrections in their emission line strength 

have been made for a line-of-sight companion located nearby based on WFPC2 images 

(these HST WFPC2  images are shown in Appendix C). An attempt to model these single 

WC stars and derive their their stellar parameters are discussed in Chapter 6 .

4.2.5 Identifying Single W N  stars

As with our M33 WC sample, we used observational data for known single Galactic and 

LMC WN stars by Torres, Conti & Massey (1986), and compared their equivalent widths 

of Hen (A4686) against their spectral types, using the results listed in Table 4.3. This
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were taken from Torres, Conti &; Massey (1986). The open symbols indicate that 

the stars are in known binaries, apart from the M 33 sample, where we cannot be 

certain.

then enabled us to decide which of our WN stars were apparently single, and which were 

suffering from dilution due to a companion star or a chance line-of-sight. Figure 4.13 

shows all our program WN stars observed in our sample compared with their Galactic 

and LMC counterparts as a function of spectral type. Filled symbols indicate probable 

single WN stars, of which we have identified six potentially single after comparing their 

E W (H ell). As discussed in Section 4.2.4, without obvious absorption features or a series 

of quality exposures in the search for radial variations then it is very difficult to  accurately 

determine the multiple nature from our sample.

Our equivalent width comparison we identified seven potentially single W N stars from
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Figure 4.14: WC/WN ratio versus oxygen abundance for Local Group galaxies 

reproduced from Crowther et al. (2003), showing the revised WC/WN ratio for 

IC 10. Also shown is the revised WC/WN ratio for the Sculptor Group galaxy 

NGC300.

our sample, although on closer inspection we decided to exclude MC37 (Massey & Conti 

1983). Even though MC37 (M33-WR59) has a large EW(Hell), overall its emission line 

strengths are weak, but appear very broad (FWHM(Hell) ~  70A) and would explain why 

the EW(Hell) may be confused with a single WNE. For the remaining six possibly single 

WN stars their broad-band (Johnson) V and B magnitudes have been measured from 

archival CFHT-12K (see Section 2.2.5) and are shown in Table 2.5. These WN stars are 

analysed in more detail later in this work (see Chapter 5).

4.3 Revised W C /W N  Ratio

After considering our results, as well as previous spectroscopy, we revise the WC/WN ratio 

to include the Local Group galaxy IC 10 as well as the Sculptor Group galaxy NGC300. 

With our improved spectral types for a significant number of WR stars in IC 10 we
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suggest that the WC/WN ratio should change such that; WC/WN =  14/11 ~  1.3 (we 

do not include the intermediate W N/CE star, [MAC92]5 in this ratio). As discussed in 

Section 1.4.1, observations of the WR population in the Local Group have found a linear 

correlation between the WC/WN ratio and the metallicity in which they are located. 

Comparing our revised ratio for IC 10 with other Local Group galaxies (see Fig. 4.14), we 

now find that this reduced ratio is closer to matching the observed correlation. We would 

expect a WC/WN ratio ~  0.15, if IC 10 was in keeping with the correlation found for other 

the other members of the Local Group. For this ratio to match the observed relationship 

~80 WN stars would be required - something discounted by Royer et a l (2001). Recent 

narrow-band imaging by Massey & Holmes (2002) claimed to have discovered a further 

~75 WN candidates, which still await spectroscopic confirmation.

Of course it is difficult to identify bona-fide WN stars simply from the detection of 

a Hell A4686 excess, so a certain amount of caution is required. Examining Fig. 3 in 

Massey & Holmes (2002), there are ~15 stars with WN excesses greater than 0.5 mag, 

most of these are most likely genuine WN stars, from comparison with their control field 

and that there are spectroscopically confirmed WN stars of similar excesses. Assuming 

these stars were unaccounted WN stars then this would change the WC/WN ratio to ~  

0.5 (as indicated in Figure 4.14). However, Massey &; Holmes (2002) boldly claimed that 

all stars with excess between 0.3-0.5 mag were legitimate WN stars, drastically altering 

the WC/WN ratio to ~  0.3. Their argument was based around the spectroscopic detection 

of a WN star, WR24, which has an excess of ~  0.3 mag. As discussed the nature of WR24 

(Massey & Holmes 2002) was debated by Crowther et a l (2003), who pointed out that 

stars with an equivalent width of Hell A4686 ~  4A was not consistent with a genuine 

WR star. We await spectroscopic confirmation for the other WN candidates identified by 

Massey & Holmes (2002) before the WC/WN ratio for IC 10 can be agreed. Of course the 

ratio of WC to WN stars could be unusually large for this galaxy, relative to the Local 

Group, which would support the theory that IC 1 0  has recently under-gone a short, co-eval 

burst of star formation.

Due to the limited nature of previous surveys the observed WC/WN ratio for NGC 300, 

prior to this work, was very high (~ 2). Using our results, both from our spectroscopy, 

and narrow-band imaging we re-address the WC/WN ratio for this spiral galaxy in the 

Sculptor Group and compare these results with previously studied galaxies in the Local 

Group.
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With the absence of narrow-band filters centred around C iv A5808, plus a nearby 

continuum, to discriminate between WN and WC stars (e.g. Royer et a l 2001), we use 

Figure 2.9 to identify potential WR subtypes. As discussed, Figure 2.9 plots the continuum 

magnitudes versus the WR excess (1114781 - 1114684) f°r both spectroscopically confirmed WR 

stars as well as candidate WR stars. By including the spectral type for the known WR 

stars we find that stars with the largest WR excesses are predominately WC type, with 

WNE and WNL stars having less WR excess. Considering this, we infer at least 13 WR 

stars in NGC300 are WC-type, 12 of which are spectroscopically confirmed, plus # 5 . We 

suggest that another 3 are possibly WC binaries, hence their weaker WR excesses (these 

are, #12,#31 and #33), with the remainder allocated WN status. This subsequently 

changes the WC/WN ratio for the inner regions of NGC300 to; > 12/46 =  0.3, or more 

likely, > 15/43 =  0.35. Figure 4.14 shows that our revised WC/WN ratio for the central 

regions of NGC 300 compares well with a comparative region of M33 (Massey 2003). We 

also find that it appears to follow the observed trend as the Local Group galaxies.



C h a p t e r  5

Properties o f W N  stars

In this chapter we use the non-LTE, stellar atmospheres code of Hillier & Miller (1998), 

c m f g e n , which iteratively solves the transfer equation in the co-moving frame subject to 

statistical and radiative equilibrium in the expanding, spherically symmetric and steady- 

state atmosphere (see Chapter 3). Although we have a limited observational sample of 

extragalactic WN stars, we chose to perform detailed analysis for a number of Galactic 

and Magellanic Cloud WR stars in order to compare their stellar parameters. We can 

then assess whether the properties of WN stars show any possible scaling with the local 

metallicity.

As with our WC spectra, our approach to modelling the data is to calculate a series 

of models adjusting the stellar parameters until we can match the observed ionization 

balance, line strengths/widths (and for some datasets, the absolute magnitudes). Because 

of the effect each parameter can have on the emergent model spectra this was an iterative 

process. Initially, the line strengths and widths of the modelled spectrum were matched 

and then the luminosity was altered to match the absolute (scaled) flux levels.

5.1 Detailed Analysis for individual W N  Stars

Modelling the spectra of WN stars is a little more straight forward than their WC counter

parts, due to the relatively well resolved emission lines available. When simply considering 

the optical regime for WN stars there are also more emission lines of adjacent ionization 

species available than for WC stars. This means that the ionization and temperature can 

be better constrained.

137
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Figure 5.1: Comparison between rectified optical synthetic spectra showing a 

variety of mass-loss rates; 2 .5 x l0 -6  M@t/r-1  (dotted), 5 x l 0 -6  M©yr_1 (solid) 

and l x l O -5 M©yr-1 (dashed). The theoretical optical spectrum is moderately 

unchanged over this range except for the strong W R emission features, Hel l  

A4686 and He n A6560.

We only have normalized, optical spectra for our sample of WN stars in M 33 (our 

largest sample of extragalactic WN stars), plus our datasets for a selection of Galactic and 

Magellanic Cloud WN stars also contain a number of uncalibrated spectra. We therefore 

decided to consistently analyse the datasets using the rectified spectra. Fortunately unlike 

many extragalactic studies this is combined with well determined reddenings providing an 

accurate determination of each star’s absolute magnitude, which is later matched by our 

theoretical model.

We use a number of nitrogen lines to determine the temperature and ionization balance. 

For WNL stars we predominately use the N i l l  A4640 and N IV A4057 emission lines, this 

is also used in conjunction with N v  A4604 for W NE stars. For very early W N-type stars 

such as W N3 the temperature is less accurate as we have no signature of N IV A4057 to
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help us determine the upper-limit of the star’s effective temperature. These lines also give 

us a handle on the nitrogen abundance as they are also sensitive to changes in N/He ratios 

(see Section 3.6.9).

The mass-loss rates can be constrained primarily using the Hell A4686 and He I A5876 

emission lines and to some extent the nitrogen emission lines described above. Again this 

can be more accurate at lower temperatures where we see strong He I emission. Other 

weaker helium lines are also considered such as Hell AA5411,6560 and He I A6678.

As already mentioned the nitrogen abundance is estimated by the strength of a series 

of nitrogen lines, the hydrogen abundance however is calculated using the presence of 

(blended) Balmer/Pickering emission lines, although we mainly use the strong Hell-Ho: 

AA6560,6563 emission line. For the few cases where we see significant CIV A5808 emission, 

we use this line alone to estimate the C/He number. Using all of this information we 

are able to confidently model the optical observations of WN stars and determine their 

fundamental parameters.

To illustrate the potential error in estimating the mass-loss rates of WN stars we have 

computed a series of synthetic models using ‘typical’ WNE parameters and varying the 

mass-loss rates by a factor of two. These results are shown in Figure 5.1. This figure 

highlights the effect that an increased mass-loss has on the ionization balance within 

the wind and is predominately seen through the varying line strengths of the Hei-Heil 

emission lines. It also gives us confidence that our estimated mass-loss rates are not 

wildly erroneous, given the large variations seen in only a moderate change in mass-loss. 

Theoretical modelling of single WR stars is clearly a multi-dimensional problem. However, 

with observable constraints on such parameters as the luminosity the situation is somewhat 

improved, allowing us to iteratively adjust the remanding properties until we match the 

pre-determined diagnostic emission features achieving a global comprise.

5.2 Analysis o f W N  stars in the Galaxy

Unlike our sample of extragalactic WC stars, there have been very few previous detailed 

studies of single WN stars for us to be able to directly compare our results with. There

fore, before we analyse our sample of single M 33 WN stars, it is necessary for us start by 

re-analysing a select sample of Galactic WN stars with well determined distances. Previ

ous detailed studies of Galactic WN stars (e.g. Hamann, Koesterke & Wessolowski 1995)
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Table 5.1: Observational parameters for our sample of single Galactic WN stars. 

All parameters are taken from van der Hucht (2001) and references therein.

Star Spectral

Type

Position (2000) 

a  S

m„

(mag)

E b—v 

(mag)

D

(kpc)

M y

(mag)

WR1 WN4 00 43 28.40 +64 45 35.4 10.51 0 .6 6 1.82 -3.50

WR10 WN5ha 07 59 13.05 -28 44 03.1 11.08 0.49 4.61 -4.25

WR24 WN6 ha 10 43 52.27 -60 07 04.0 6.49 0.15 2.63 -6 .2 2

WR6 6 WN8 (h) 15 14 57.72 -59 50 30.2 1 1 .6 6 0.97 3.27 -4.89

WR78 WN7h 16 52 19.25 -41 51 16.2 6.61 0.41 1.99 -6.57

WR115 WN6 18 25 30.01 -14 38 40.9 12.32 1.30 2 .0 0 -4.52

WR136 WN6 (h) 20 12 06.55 +38 21 17.8 7.65 0.47 1.26 -4.78

derived stellar parameters but these models neglected important factors such as line- 

blanketing and clumping.

For the majority of our Galactic sample we use spectroscopic observations taken from 

Torres-Dodgen & Massey (1988), although modern observations would be superior, they 

are still sufficient such that detailed analysis can be under-taken. Table 5.1 lists the basic 

observational parameters for the Galactic WN stars studied. Their co-ordinates (columns 3 

and 4) and narrow-band v magnitudes (column 5) are listed using the filter system devised 

by Smith (1968). Also shown for each star are the narrow-band reddening (column 6 ), 

distance (column 7) and absolute magnitude (column 8 ), all taken from van der Hucht 

(2001) and references therein. We chose to use a a revised distance of 2.63kpc for WR24 

(P. Crowther; private communication). In general, we shall refer to individual stars by 

their Wolf-Rayet catalogue number, listed in column 1 (van der Hucht 2001).

Stellar parameters for each of the seven Galactic WN stars are derived and listed 

in Table 5.2. We compare the calculated theoretical models against our observations in 

Figure 5.2. Below we discuss successes and failures for each object.

5 .2 .1  W R 1  (H D 4 0 0 4 , W N 4 )

WR1 is the earliest Galactic WN star in our sample and consequently has broad emission 

lines. This star also displays trace elements of carbon, with clear emission of CIV A5808



5.2. Analysis of WN stars in the Galaxy 141

being detected and reproduced by our synthetic model. Our model does fractionally 

underestimate the N v AA4604,4620 emission lines, it also fails to match the line strength 

of the emission line, Hell A4100, although there are also the known Siiv AA4089,4116 

emission lines which our model could be insufficiently accounting for. Our results yield a 

somewhat cooler temperature (T* ~  84kK) than obtained by Hamann & Koesterke (1998) 

(T* ~  lOOkK), we also determined a lower mass-loss rate but this is due to the fact that 

our models account for clumping in the wind.

Recent work by Ignace et al. (2003) obtained X-ray observations of WR1 using XMM- 

Newton and found significant emission “bumps” which are coincident with emission lines, 

such as M gX I ,  Sixm , and Sxv. They also reported very little emission above 4 keV which 

they suggest is evidence that WR1 is very likely a single star.

5 .2 .2  W R 1 0  (H D 6 5 8 6 5 , W N 5 h a )

This weak-lined WN star is excellently reproduced by our synthetic model, including 

the majority of weaker lines. The blended He Ii-Ha AA6560,6563 emission line is slightly 

underestimated by our model. Comparing our inferred parameters with those derived by 

Hamann & Koesterke (1998), we find that the only major difference is that we determined 

a much cooler temperature T* ~  48kK, whereas Hamann h  Koesterke (1998) predicted 

T* ~  63kK.

5 .2 .3  W R 2 4  (H D 9 3 1 3 1 , W N 6 h a )

WR24, a WN6 ha star, is another weak, narrow-lined star in which we are successful in cal

culating a theoretical model that reproduces extremely well the observed optical spectrum. 

Our results are consistent with those derived by Hamann & Koesterke (1998), except that 

we have determined a faster terminal wind velocity by ~350kms-1 . Measurements of 

(saturated) P-Cygni profiles in the UV suggest an even faster terminal velocity of Vqq 

=  2155kms-1 for WR24 (Prinja, Barlow h  Howarth 1990). Our models also indicate an 

extremely hydrogen-rich atmosphere, (3h  — 46% (by mass) -  in good agreement with previ

ous results by Hamann & Koesterke (1998) -  this amount of hydrogen is typically observed 

in WN9-11 or Of stars (e.g. Crowther & Smith 1997; Crowther & Bohannan 1997).
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5 .2 .4  W R 6 6  (H D 1 3 4 8 7 7 , W N 8 (h ))

WR6 6  is a late-type WN star for which we have excellent agreement between our observa

tions and theoretical model for almost all important emission lines, including He II A4686 

and He I A5876. Although our results failed to predict the correct line strength for He I 

A6678, the only other discrepancies were for a series of very weak emission lines around 

~4500A. Hamann &; Koesterke (1998) derived a cooler temperature (T* ~  32kK), larger 

luminosity (logL ~  5.8), and significantly higher mass-loss rate (logM ~  -3.6). These 

discrepancies arise due to the difference in our initial assumption in the absolute magni

tudes (Hamann & Koesterke (1998) adopt a distance to WR6 6  of ~  7.9kpc). If we adjust 

their derived luminosity to match our determined absolute magnitude than we find a much 

better agreement (logL ~  5.0).

5 .2 .5  W R 7 8  (H D 1 5 1 9 3 2 , W N 7 h )

We were again successful in reproducing an excellent synthetic optical spectrum for WR78. 

Our emergent theoretical model did fractionally over-estimate the line strength for N ill 

A4640, Hell A4686 and He I A5876. Our stellar parameters are in reasonable agreement 

with those previously determined by Hamann & Koesterke (1998).

At this point we call into question the WN7h classification given to WR78 by Smith, 

Shara h  Moffat (1996). Recalling the classification scheme devised by Smith, Shara & 

Moffat (1996), stating hydrogen is detected if the (H+He) lines, A4340 and/or A4861, 

clearly exceed the height of a line drawn between the peaks of the pure Hell lines, 

AAA4200,4541,5411 -  visual inspection for WR78 shows this is not the case. When we 

measure the H+/He++ ratios for WR78 we find both discriminators elude to a marginal, 

‘(h)’ classification.

Based in this evidence we suggest a simple re-classification for WR78 to WN7(h). This 

highlights the difficulty in predicting accurate hydrogen abundances in WN stars. This re

classification is supported by our theoretical results where our derived stellar parameters 

predicts a conservative estimate for the hydrogen abundance, by number, H/He «  0.21 

(i.e. f a  5%). Compare this to the predicted H abundance for WR78 with two stars 

designated with ‘ha’ status, for which our theoretical models estimate H/He «  0.72 and 

3.54 (by number) for WR10 and WR24 respectively.
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Figure 5.2: Comparison between observations of Galactic WN stars (solid) and 

our synthetic model (dotted). The panel on the right shows the blended A4650 

feature.
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5.2.6 W R 115 (IC14-19, W N 6)

All the important diagnostic lines are well matched by our theoretical model for WR115 

apart from the emission feature at A4100. But as with WR1 this could be due, in part, to 

a number of other emission lines which have been insufficiently accounted for, including 

components from lines such as Si IV A4089. The inferred parameters for WR115 from 

our studies indicate a hotter temperature, by ~10kK, and less luminous star, by ~0. 3L@, 

compared with Hamann & Koesterke (1998).
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5 .2 .7  W R 1 3 6  (H D 1 9 2 1 6 3 , W N 6 (h ))

WR136, is also thought to be the central star powering the ring nebula NGC6 8 8 8 . This 

WN6 (h) star proved the most difficult Galactic WN star to model, with large discrepancies 

in simultaneously reproducing NIV A4057 and N ill A4640. To fit the majority of diagnostic 

lines we finally comprised with a synthetic model that still significantly over-estimated the 

NIV A4057 emission line and partly reproduced N in A4640. It also fractionally under

estimated Hell A4686 and slightly over estimated Hei A5876. Interestingly Hamann &: 

Koesterke (1998) were only able to produce a poor fit quality between their observations 

and theoretical model. With their parameters suggesting a much more luminous and 

cooler star. Considering the poor fit of our model to the observations we will give less 

emphasis to the derived parameters when comparing our result (see Section 5.8).

5.3 Analysis o f W N  stars in the LMC

We now re-examine a representative selection of single WN stars located in the Large 

Magellanic Cloud (LMC). Observational studies of individual WR stars in the LMC are 

more appealing than those in our Galaxy as they have a well determined distance and 

low interstellar reddening. The LMC also proves an excellent laboratory for massive star 

studies, with 134 WR stars known (Breysacher, Azzopardi &; Testor 1999), it also provides 

a homogeneous population all located in a metal-poor environment (Z ~  0.4Z®; Russell 

& Dopita 1990).

There have been a number of recent detailed studies examining the WN population 

in the LMC, in which their stellar parameters were determined (e.g. Crowther & Smith 

1997; Crowther, Hillier & Smith 1995; Hamann & Koesterke 2000). Unfortunately the 

methods used to determine these parameters differ from the techniques employed in this 

work. There are also subtle differences in factors such as the non-LTE codes used between 

previous studies and this work (see Section 3.6 for more details).

We have selected a sample of eight single WN stars located in the LMC for which 

we have optical spectroscopy (P. Crowther; private communication). A large number 

of the spectra used were observed and published by Torres-Dodgen & Massey (1988). 

Before we proceed into specific details regarding the modelling of these WN stars, we 

must first confidently either independently calculate absolute visual magnitudes for each 

star or alternatively use another reliable source. For this work we use the narrow-band v



Table 5.2: List of derived stellar parameters for the single WN stars in the Galaxy taken from our sample. The absolute 

magnitudes calculated from the models are also shown. The current stellar masses were calculated using the relationship 

derived from Schaerer &; Maeder (1992).

Star Alias Spectral T* R* logL logM Voo H/He N/He Ph  PHe Pn mv E b—v u v M v  oo M*

Type kK R© L© M©yr- 1 km s- 1 % % % (mag) (mag) (mag) (L/c) M©

WR1 HD4004 WN4 84 2.31 5.33 -5.08 2 0 0 0 0.008 0.005 0 98 2 10.51 0 .6 6 -3.50 3.81 10.9

WR10 HD65865 WN5ha 48 5.96 5.23 -5.60 1540 0.72 0.006 15 83 2 11.08 0.49 -4.25 1 .1 1 —

WR24 HD93131 WN6 ha 41 16.86 5.86 -4.57 1560 3.54 0.009 46 52 2 6.49 0.15 -6 .2 2 2.84 —

WR6 6 HD134877 WN8 (h) 39 8.48 5.18 -4.98 1300 0.27 0.005 6 92 2 1 1 .6 6 0.97 -4.90 4.40 —

WR78 HD151932 WN7h 40 19.18 5.93 -4.65 1 1 0 0 0 .2 1 0.004 5 93 1 6.61 0.41 -6.56 1.42 —

WR115 IC14-19 WN6 49 9.24 5.29 -5.21 1400 0 .0 0 1 0.005 0 98 2 12.32 1.30 -4.54 2.17 10.3

WR136 HD192163 WN6 (h) 78 2.81 5.42 -4.63 1540 0.46 0.009 1 0 87 3 7.65 0.47 -4.79 6.70 —
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Table 5.3: Observational parameters for our sample of single WN stars in the 

LMC. All parameters are taken from Breysacher et a l (1999) and references 

therein. The absolute magnitudes were calculated using a distance of 50.0kpc 

(Kennicutt et a l 1998).

Star Spectral

Type

Position (2000) 

a S

mv

(mag)

E b—v 

(mag)

Mv

(mag)

Breyl WN3b 04 45 32.07 -70 15 11.3 15.93 0.08 -2.89

Brey2 WN2b 04 49 36.22 -69 20 54.2 16.22 0 .1 2 -2.77

Brey6 WN4b 04 55 31.29 -67 30 01.7 14.10 0.07 -4.68

Breyl3 WN8 h 05 03 08.84 - 6 6  40 57.3 12.73 0.08 -6.09

Brey20 WN4b 05 16 38.91 -69 16 40.4 14.71 0.07 -4.07

Brey26 WN6 (h) 05 22 22.54 -71 35 57.8 12.72 0.08 -6 .1 0

Brey45 WN4b 05 27 52.61 - 6 8  59 07.3 14.92 0.07 -3.86

Brey90 WN6 (h) 05 38 57.14 -69 06 05.2 12.16 0.16 -6.99

magnitudes and Et_v values published by Breysacher (1986). The absolute magnitudes are 

calculated assuming a distance modulus of (m - M)o =  18.50 (corresponding to 50.0kpc; 

Kennicutt, Stetson, Saha, Kelson, Rawson, Sakai, Madore, Mould, Freedman, Bresolin, 

Ferrarese, Ford, Gibson, Graham, Han, Harding, Hoessel, Huchra, Hughes, Illingworth, 

Macri, Phelps, Silbermann, Turner & Wood 1998), these values are listed in Table 5.3 

(column 7) along with their coordinates (columns 3 and 4) and spectral types (column 2).

Our final stellar parameters are shown in Table 5.4 and a comparison between the 

models and rectified observations are shown in Figure 5.3. Below we review all eight WN 

stars and discuss our results for the individual stars.

5 .3 .1  B r e y l  (F D 1 , W N 3 b )

The signal-to-noise for this WN3b star is not ideal, especially redward of approximately 

6000A, but we were still able to use the observations to identify important emission lines 

that are used in determining the stellar parameters. Our artificial model spectrum over

estimates the N v AA4604-4620 blend a little, and predicts no NIV A4057, which is not seen 

in the observations. It is worth noting at this point that for very early WN stars, such as
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Breyl (Breysacher 1981), the temperature determinations are not as accurate with only a 

limited number of temperature sensitive emission lines available in the optical regime.

The optical spectrum of Breyl was analysed by Koesterke et al. (1991), they derived 

two sets of parameters due to the uncertain detection of He I A5876. Our stellar parameters 

(see Table 5.4) tend to agree closer to their second, and hotter, set of results. Foellmi, 

Moffat h  Guerrero (20036) recently included Breyl in their survey of WR stars in the 

LMC and concluded that it did not produce any significant radial velocity variations and 

as such was ruled out as a possible spectroscopic binary.

5 .3 .2  B r e y 2  (A B 1 4 , W N 2 b )

Brey2 (Breysacher 1981) is an extreme WN2 b star and is an interesting object for many 

reasons, not only because of its rare spectral type, but also because of the associated nebula 

(DEML6 ; Davies, Elliott & Meaburn 1976). Pakull (1991) first detected nebular Hell 

emission around Brey2, which was later observed to have a moderate chemical enrichment 

Garnett & Chu (1994). The small wind blown bubble surrounding the central star was 

observed to be expanding at ~16kms-1 (Chu, Weis & Garnett 1999). More recently, Naze 

et al. (2003) observed the (faint) He II emission and claimed that it extended over an area 

of 22 x 17pc2 , they also discovered an even fainter region of Hell emission associated 

with the interstellar bubble blown by the progenitor of Brey2.

Producing a synthetic model for Brey2  also provided some extreme results (see Ta

ble 5.4 for stellar parameters). Again, a s  with Breyl, our derived temperature should 

be taken with caution a s  N IV A4057 w a s  absent, and detection of N v A4604 was very 

weak -  which highlights the extreme ionizing radiation required for such low quantities 

of N+ 3  or N+4. Although our temperature determinations are not precise, an unusually 

high temperature w a s  required to unsure that N IV A4057 w a s  absent (i.e. fully ionized) 

and N v A4604 w a s  weak. Our derived hydrogen abundances are also only approximate 

a s  our spectral coverage w a s  limited to AA4000-6000 and excludes He* A6563. Overall our 

synthetic model predicts the optical spectrum for Brey2, although it does slightly over

estimate the (weak) N V AA4604,4620 emission feature. A recent detailed observational 

survey by Foellmi, Moffat & Guerrero (20036) concluded that Brey2 w a s  single.
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5 .3 .3  B rey 6  (H D 3 2 1 0 9 ,W N 4 b )

The emission lines for Brey6  (Breysacher 1981) are surprisingly broad (FWHM(Heii) 

rsj 70 A), in fact Breysacher (1981) classified this star as peculiar due to its unusually 

broad emission line spectrum. It was studied in detail by Koesterke et al. (1991), who 

also commented on the abnormally strong Hen A5411 emission line, their inferred stellar 

parameters are very close to those determined by this work, except for the mass-loss rate 

which they claimed was ~0.8dex larger. We successfully reproduce all the emission line 

strengths for the observed optical spectrum of Brey6 , although our model failed to predict 

the rounded line profiles for the majority of emission lines. Brey6  was observationally 

confirmed to be single by Foellmi, Moffat k  Guerrero (20036).

5 .3 .4  B r e y l3  (H D 3 3 1 3 3 , W N 8 h )

Breyl3 (Breysacher 1981), spectral classification WN8 h, has the latest spectral-type in 

our sample of LMC WN stars. Garnett k  Chu (1994) identified an ejecta ring nebula 

associated with Breyl3 which was chemically enriched (He/H and H/H both a factor of 

two higher than LMC Hll region values), Dopita et al. (1994) later reported this nebula 

to extend 30" x 40" in diameter with a morphology similar to NGC6 8 8 8 . Crowther 

k  Smith (1997) likened Breyl3 to the Galactic WN8  star, WR40, both in terms of its 

spectral appearance and its ring nebula.

Stellar parameters for this object were derived by Crowther k  Smith (1997) and except 

for a slightly higher mass-loss rate and cooler temperature, ours do not greatly differ. A 

similar conclusion can be found when comparing our results with those determined by 

Koesterke et al. (1991). Our theoretical model closely matches our observations; only 

slightly under-estimating the line strength of the Hell A4686 and the blended emission 

line He ll-H/3 AA4859,4861.

5 .3 .5  B r ey 2 0  (W S 1 4 , W N 4 b )

Dopita et al. (1994) observed a small ring nebula around Brey20 (Breysacher 1981) mea

suring 12" x 19" in diameter, this nebula is believed to be associated with the star. 

Compared with the other two WN4 stars in our sample (Brey6  and Brey45), the derived 

temperature for this single WNE star (Foellmi, Moffat k  Guerrero 20036) is somewhat 

cooler. Brey20 is generally well matched, N v AA4604,4620 is slightly under-estimated
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although at the resolution of the data its difficult to resolve the two separate emission 

lines.

5 .3 .6  B r e y 2 6  (H D 3 6 0 6 3 , W N 6 (h ) )

This is yet another WN star in the LMC that has an associated nebula surrounding 

it. Dopita et al. (1994) reported that this ring nebula has a 16" diameter which when 

observed in Ha has a bright knot to the east of the star. Moffat (1989) claimed that Brey26 

(Breysacher 1981) is a binary with a fast period, P  ~  1.9 days, implying either a close 

binary system or large intrinsic variations. There are no photospheric absorption lines 

observed in the optical spectrum for this star. Unfortunately this star was not included 

in the recent survey by Foellmi, Moffat & Guerrero (20036) and so without any further 

quantitative information regarding a possible companion we have assumed that Brey26 is 

single.

The stellar parameters for Brey26 were investigated by Koesterke et al. (1991) , Crowther 

& Smith (1997) and Hamann & Koesterke (2000). The inferred temperatures from these 

three studies range from, T* ~  33 -  40kK, our calculated parameters point towards a 

slightly higher temperature (T* ~  42kK). All three studies also agree at a mass-loss rate 

of logM  ~  -4.2 M©yr-1 , whereas we predict a lower mass-loss rate logM  ~  -4.7 MQyr-1 . 

We are successful in reproducing all the (optical) emission lines observed for Brey26, 

including weak emission lines such as He I A5876

5 .3 .7  B r e y 4 5  (W S 3 3 , W N 4 b )

There is very little specific details regarding this strong-lined, single (Foellmi, Moffat & 

Guerrero 20036), WN4b star in the literature. Dopita et al. (1994) commented there 

was no nebulosity around Brey45 (Breysacher 1981). Its spectroscopic appearance is very 

similar to Brey20, except that its emission lines are somewhat broader. This is seen in our 

derived stellar parameters, where apart from the small difference in inferred temperatures, 

they are very similar. For this WN4b star the observational spectrum is well reproduced 

by our model, except that Hell A4686 and the Hell-Ha AA6560,6563 blend are slightly 

over-estimated, although the data quality red ward of ~6200A is significantly reduced.
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5 .3 .8  B r ey 9 0  (H D E 2 6 9 9 2 8 , W N 6 (h ))

Brey90 (Breysacher 1981) is a weak-lined WN6 (h) star, which is located in the core region 

of the 30 Doradus nebula. Within this dense region Brey90 has produced a wind blown 

bubble (Dopita et al. 1994). Stellar parameters were previously derived by Crowther & 

Smith (1997), they deviate somewhat from those inferred from this work, with the main 

discrepancies arising in temperatures, mass-loss rates and hydrogen abundances. Our 

observations for Brey90 are well reproduced by our model including He n A4686 and the 

weaker nitrogen lines (e.g. Niv A4057).

Early work by Moffat (1989) tentatively claimed that Brey90 was a binary star with a 

long spectroscopic period, P ~  25.2 days. There has yet to be any studies to confirm or 

disprove these early findings. For this work we have assumed that Brey90 is single; should 

the binary nature for this star change, revisions to our determined parameters would be 

required.

5.4 Analysis o f W N  stars in the SMC

As described throughout this work, metallicity plays a vital role in the evolution of a 

massive star altering the efficiency of mass loss during a star’s life. Exactly how sensitive 

these effects are during the WR phases (i.e. WN, WC and WO) are yet to be confirmed. 

We extend our study of single WN stars, this time to the metal poor (Z ~  0.2Z®; Russell 

& Dopita 1990) galaxy, the Small Magellanic Cloud (SMC).

The WR population in the SMC, of which ~90% are WN-type, have been well studied. 

Most recently Foellmi, Moffat & Guerrero (2003a) carried out an intensive spectroscopic 

survey searching for WR binaries. They revise the current catalogue of known WR stars 

in the SMC, including the two newly confirmed WN stars discovered by Massey & Duffy 

(2 0 0 1 ); we chose to use the nomenclature from this catalogue throughout this work.

Until recently it was commonly believed that almost all WR stars in the SMC were bi

nary systems; this was due to their very weak emission-lined spectra. Also stellar evolution 

theory suggests that for WR stars to form in such a metal deficient region then it would be 

favourable that they should form from a Roche-lobe overflow in a binary system where the 

progenitor WR star was initially formed below the minimum initial mass required to form 

such an object. This was recently called into question, when Foellmi, Moffat & Guerrero 

(2003a) spectroscopically observed the radial velocities of all the known WN stars in the



Table 5.4: List of derived stellar parameters for the single WN stars in the LMC taken from our sample. The absolute 

magnitudes calculated from the models are also shown. The current stellar masses were calculated using the relationship 

derived from Schaerer & Maeder (1992).

Star Alias Spectral T* R* logL logM Voo H/He N/He Ph @He Pn mv E& — y Mv M v  oo M*

Type kK R© L© M©yr- 1 km s- 1 % % % (mag) (mag) (mag) (L/c) M®

Breyl FD1 WN3b 90: 1.78 5.27 -5.41 1700 0 .0 0 1 0 .0 0 2 0 99 l 15.93 0.08 -2.90 1.74 1 0 .1

Brey2 AB14 WN2 160: 0.36 4.88 -5.09 1720 0 .0 0 1 : 0 .0 0 2 0 99 l 16.22 0 .1 2 -2.78 9.02 6 .2

Brey6 HD32109 WN4b 90 3.63 5.89 -4.56 3000 0 .0 0 1 0 .0 0 1 0 99 l 14.10 0.07 -4.20 5.21 24.6

Breyl3 HD33133 WN8 h 41 14.69 5.74 -4.75 840 1.40 0.003 26 73 l 12.73 0.08 -6 .1 0 1.33 —

Brey20 WS14 WN4b 78 3.71 5.64 -5.21 1500 0 .0 0 1 0.005 0 98 2 14.71 0.07 -4,04 1.04 19.5

Brey26 HD36063 WN6 (h) 42 14.57 5.78 -4.69 1300 0 .8 8 0 .0 0 2 18 81 1 12.72 0.08 -5.69 2.16 —

Brey45 WS33 WN4b 90: 2.48 5.56 -5.05 1700 0 .0 0 1 0.005 0 98 2 14.92 0.07 -3.85 2.04 14.9

Brey90 HDE269928 WN6 (h) 40 23.26 6 .1 0 -4.53 1350 1.40 0.003 26 73 1 12.16 0.16 -7.03 1.55 —
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Figure 5.3: Comparison between observations of WN stars in the LMC (solid) 

and our synthetic models (dotted). The panel on the right shows the blended 

A4650 feature.

SMC as well as the W NE stars in the LMC. They surprisingly found that instead of the 

expected 100% binary frequency of WR stars in the SMC it was more like 40%.

The total number of known W R stars in the SM C1 is 11, observational surveys have 

searched sufficiently deep (e.g. m y  — 17mag; Massey &; Duffy 2001) such that no more 

WN stars are expected. From these 11 WR stars, Foellmi, Moffat & Guerrero (2003a) 

found that 6 showed no signs of periodic variability and hence at the detection level it was 

assumed they are bona-fide single stars. We were provided with high-resolution spectra2

d e c e n t  spectroscopic observations by Massey, Olsen &: Parker (2003) reported the discovery of a

previously unknown W N 3-4 star, although its He II excess identified it as a WR candidate in an earlier

imaging survey the wrong star was observed.
2Kindly provided by C. Foellmi (Univ. Montreal)
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Table 5.5: Observational parameters for our sample of single WN stars in the 

SMC. All parameters are taken from Foellmi, Moffat & Guerrero (2003a) and 

references therein, apart from the apparent visual magnitudes and reddenings 

which are taken from Zaritsky et al. (2002). The absolute magnitudes were 

calculated using a distance of 60.0kpc (van den Bergh 2000).

SMC-# Spectral

Type

Position (2000) 

a 5

my

(mag)

E B -v  

(mag)

Mv

(mag)

WR1 WN3ha 00 43 42.23 -73 28 54.9 15.24 0.28 -4.52

WR4 WN6 h 00 50 43.06 -73 27 07.8 13.43 0 .2 0 -6.08

WR9 WN3ha 00 54 29.30 -72 44 34.1 15.43 0.15 -3.93

WR10 WN3ha 00 45 28.78 -73 04 45.2 15.55 0.58 -5.14

WR11 WN4h:a 00 52 07.36 -72 35 37.4 15.85 0.08 -3.29

(see Foellmi, Moffat & Guerrero 2003a) for 5 recently confirmed single stars in the SMC, 

we analyse them in exactly the same manner as other WN stars described in this chapter.

As we are using the absolute magnitude to constrain the luminosity it is vital that 

use reliable photometry, reddenings and distances in calculating the absolute magnitudes. 

There have been a number of photometric studies of the stellar population in the SMC, all 

of which have measured their UBV magnitudes, including all the the WR objects. Unfor

tunately for the two newly confirmed WR stars (SMC-WR10 and SMC-WR1 1 ), discovered 

by Massey & Duffy (2001), there are conflicting photometric observations published. We 

decided to use the photometric observations published by Zaritsky et al. (2 0 0 2 ) who sur

veyed an 18 deg2 area of the SMC, for which apart from SMC-WR10 and SMC-WR11 

their photometry agreed to within 0 .1  mag.

The reddenings and hence the absolute magnitudes were calculated assuming an in

trinsic colour excess of (B-V)o =  -0.32, which was also adopted by Massey &; Duffy (2001) 

when calculating their absolute magnitudes. We tested the validity of this by determin

ing the reddening independently (using a Galactic foreground reddening of E b - v  =  0.03 

and an internal SMC reddening of Eb - v  = 0.23, as parameterized by Calzetti 2001), for 

SMC-WR1 using flux calibrated UV and optical data in conjunction with our synthetic 

model. We used SMC-WR1 to test this assumption as it was the only object where IUE
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data were available, which meant that we could accurately constrain the reddening. We 

were then able to determine the intrinsic (B-V) colour excess. We found that our initial 

assumption was consistent with the intrinsic colour excess calculated from our observa

tions and synthetic model and so used this value in determining the absolute magnitudes 

for all 5 objects.

For the distance to the SMC we use a distance modulus of (m - M)o =  18.9 (van den 

Bergh 2000), which equates to 60kpc, throughout this work. Table 5.5 lists the coordinates 

(columns 3 and 4), apparent visual magnitudes (column 5), reddenings (column 6 ) and the 

final calculated absolute magnitudes (column 7) used for all the single WN stars analysed. 

SMC-WR# (column 1 ) and recently revised spectral types (column 2 ) are taken from 

Foellmi, Moffat h  Guerrero (2003a).

We compare our theoretical models with our observations in Figure 5.4, and the derived 

stellar parameters are given in Table 5.6. Below we discuss previous findings as well as 

our results specific to each individual star.

5 .4 .1  S M C -W R 1  (A V 2a , W N 3 h a )

This early-type WN star was observed by Moffat (1988) and Massey & Duffy (2001). Both 

noted that the emission lines of Hell A4686 and N v AA4603,4620 are strong.

Our synthetic model reproduces the observations excellently, including all intrinsic ab

sorption line profiles. The only slight criticism is that He ii-Hq; AA6560,6563 is fractionally 

underestimated.

5 .4 .2  S M C -W R 4  (S k 4 1 , W N 6 h )

This is the only WNL star in the SMC with clear detection of NIV A4057 and (weak) 

N ill AA4634,4640. There are also no signs of absorption in its optical spectrum and it 

was fittingly classified WN6 h by Foellmi, Moffat & Guerrero (2003a). SMC-WR4 was 

confirmed as single by Foellmi, Moffat h  Guerrero (2003a), however, they did detect signs 

of photometric variability with a periodic signal, P  ~  6 .6  days. They reason that this 

variability can be explained by large-scale rotating structures.

SMC-WR4 is the only WN star from our sample which was previously assumed sin

gle and modelled accordingly by Crowther (2000). Our synthetic model is in very good 

agreement with the observed optical data. Comparing our results in Table 5.6 with those 

published by Crowther (2000), who interestingly also compared his model to IR data,
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overall the agreement is good. We find that our derived luminosity is somewhat higher 

and as a result we predict a fractionally higher larger mass-loss rate. We also used a 

slightly cooler temperature and a reduced wind velocity. The majority of these effects 

can be explained due to line blanketing and the fact that we assumed a brighter absolute 

magnitude.

5 .4 .3  S M C -W R 9  (M G 9 , W N 3 h a )

Extensive observational studies of the WR content in the SMC by Foellmi, Moffat & 

Guerrero (2003a) revealed that SMC-WR9 met the primary requirement for a binary 

status (i.e. spectroscopic binary), indicating a long period, P  ~  37.6 days. Although 

they concluded that as all other indicators implied a single star status (e.g. photometric 

variability) it was likely that SMC-WR9 was single but further investigation was needed 

to confirm the binary nature of this star. For this work we assume that the observed 

spectrum is solely from a WR star.

We again achieve another excellent agreement between model and observations, the 

difference here was that we have increased the the rotational broadening of the model 

to v sm i  =  150kms-1 to match the observed line strengths and widths especially for the 

weaker nitrogen lines.

5 .4 .4  S M C -W R 1 0  (W N 3 h a )

The optical spectrum of SMC-WR10 appears extremely similar to SMC-WR1 , where apart 

from slight differences in terminal wind velocities, this is reflected in the final parameters 

derived for both stars (see Table 5.6).

This WN3 star was also well reproduced by our models, only slightly under-estimating 

the line strength of Ho;. Again to imitate the observed line profiles we have to broaden the 

model to usin i = 150kms_1. This star was very similar to SMC-WR1 in both appearance 

and stellar parameters, the only major difference being that SMC-WR10 is a little brighter. 

It was also found to have a somewhat faster terminal wind velocity.

5 .4 .5  S M C -W R 1 1  (W N 4 h :a )

SMC-WR11 has the weakest line strengths of any of the five WN stars modelled. To 

match the observed line widths we applied a broadening to our synthetic model, v sin i =
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Figure 5.4: Comparison between observations of WN stars in the SMC (solid) 

and our synthetic models (dotted). The panel on the right shows our fit to H ell 

A4686.

2 0 0 kms 1. Apart from H ell A4686 being a fraction over-estimated, our synthetic model 

matched other features in both emission and absorption very well.

Foellmi, Moffat & Guerrero (2003a) discussed the ‘probable’ nature of intrinsic hy

drogen observed in SMC-WR11. Our model fit predicts H /H e «  1.00 (i.e. fin ~  20%), 

although this parameter cannot be constrained very accurately owing to the lack of hy

drogen abundance sensitive lines. We cannot use the hydrogen criteria devised by Smith, 

Shara & Moffat (1996) due to lines such as H ell A4541 being observed in absorption. The 

emergent model spectrum for this star predicts that in the H eii-H a AA6560,6563 blend, 

Ha contributes «  40% of the line strength. Combining this with the fact that our theo

retical model reproduces almost all lines for this star, we claim that hydrogen is abundant
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in the atmosphere of SMC-WR11. Our estimated hydrogen abundance for SMC-WR11 

compares with other WN stars which have been classified ‘h’ (e.g. WR10).

5.5 Analysis o f W N  stars in N G C 6822

The WR population in the dwarf irregular galaxy NGC 6822 was first explored by West- 

erlund et al. (1983) where they reported a newly discovered WR star using a grism. They 

obtained subsequent spectroscopy which confirmed the WR nature of the star and which 

they described as showing characteristics of a WN3 star. Later surveys of this nearby 

galaxy by Armandroff & Massey (1985) using interference filters found 12 WR candidates 

including the previously discovered WN star by Westerlund et al. (1983). This number was 

later reduced to four when spectroscopy of all candidate WR stars were taken by Massey, 

Conti &; Armandroff (1987a). Interestingly all four of these WR stars were classified as 

WN-type.

Metallicity studies of NGC 6822, as with many galaxies within the Local Group, have 

been limited. To date there have only been a few studies which measured oxygen abun

dances by observations of H u regions. Early work by Pagel, Edmunds & Smith (1980) 

found an abundance of 12+log(0/H) =  8.25 ±  0.07, which means its metallicity is inter

mediate between both Magellanic Clouds. This was confirmed later by Skillman, Terlevich 

& Melnick (1989). Since then with the introduction of large 8 -metre ground-based facil

ities, studies of individual stars within Local Group galaxies have been made possible. 

Venn et al. (2001) analysed two A-type supergiants in NGC 6822 using high-resolution 

spectroscopy and concluded that the oxygen abundance, 12+log(0/H) =  8.36 ±  0.19, is 

in good agreement with the nebular oxygen results. They did however suggest that the 

oxygen abundance may vary across the galaxy but stressed that additional observations 

are required before the radial chemical properties of the galaxy are confidently constrained.

We have obtained high-resolution, flux calibrated, optical spectroscopy of NGC6822- 

WR12, using the notation as catalogued by Massey h  Johnson (1998), (P. Crowther; 

private communication) using the VLT-FORS2 . To perform a consistent analysis we com

pare our model results with rectified observations. Our observations achieve a resolution 

and signal-to-noise such that detailed analysis can be undertaken in order to determine 

the star’s fundamental parameters.

Table 5.7 outlines the basic observational parameters for NGC6822-WR12, including



Table 5.6: List of derived stellar parameters for the single WN stars in the SMC taken from our sample. The absolute 

magnitudes calculated from the models are also shown. The current stellar masses were calculated using the relationship 

derived from Schaerer & Maeder (1992).

SMC-# Alias Spectral T* R* logL logM Uqo H/He N/He Ph  pHe Pn my E B-V Mv M v0o

Type kK R® L® M®yr_1 km s- 1 % % % (mag) (mag) (mag) (L/c)

WR1 AV2 a WN3ha 85 5.27 6 .1 2 -5.51 1750 2 .0 0 0 .0 0 2 33 6 6 l 15.24 0.28 -4.52 0 .2 0

WR4 Sk41 WN6 h 40 16.61 5.80 -4.97 910 2.25 0 .0 0 1 36 64 0 13.43 0 .2 0 -6.08 0.76

WR9 MG9 WN3ha 95 3.72 6 .0 1 -5.51 2500 1.80 0 .0 0 1 31 69 0 15.43 0.15 -3.93 0.37

WR10 WN3ha 85 7.02 6.37 -5.19 2250 2 .0 0 0 .0 0 2 33 6 6 1 15.55 0,58 -5.14 0.30

WR11 WN4h:a 95 2.85 5.78 -5.92 2150 1 .0 0 0 .0 0 1 2 0 80 0 15.85 0.08 -3.30 0 .2 1
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Table 5.7: Observational parameters of NGC6822-WR12 taken from Massey & 

Johnson (1998). The apparent visual magnitude was taken using spectrophotom

etry.

Star Spectral Position (2000) m y  EB - V M y

Type a 5 (mag) (mag) (mag)

NGC6822-WR12 WN4 19 45 13.44 -14 45 12.1 18.82 0.18 -5.36

its apparent visual magnitude, which was taken from spectrophotometry. Our apparent 

visual magnitude is identical to that observed previously by Bianchi et al. (2001a), who 

also derive a reddening of E jg _ y  =  0.35. This apparent magnitude is somewhat brighter 

than originally published by Westerlund et al. (1983), who claimed mv =  19.5 mag. They 

also assumed an average reddening of E b ~ v  =  0.3 and a distance modulus of (m - M )o 

=  23.2 (which approximates to ~  440kpc), giving them an absolute magnitude of M y  =  

-4.6.

Our technique of calculating the absolute magnitude is somewhat refined, in that we 

use an independently derived reddening by comparing our calibrated observations with 

our (un-reddened) synthetic model. This method suggested a reddening for NGC6822- 

WR1 2  of Eb - v  =  0.18. Of course this value would be better constrained with calibrated 

UV and/or IR observations. For the distance determination we use the findings from 

Kennicutt, Stetson, Saha, Kelson, Rawson, Sakai, Madore, Mould, Freedman, Bresolin, 

Ferrarese, Ford, Gibson, Graham, Han, Harding, Hoessel, Huchra, Hughes, Illingworth, 

Macri, Phelps, Silbermann, Turner & Wood (1998), in which they use observations of 

Cepheids. They find a distance modulus to NGC 6822 of (m - M)o =  23.62 (corresponding 

to 530kpc). Using this information we calculate that NGC6822-WR12 has an absolute 

visual magnitude of My =  -5.36, almost a magnitude brighter than claimed by Westerlund 

et al. (1983). We model the spectra of NGC6822-WR12 using the method described in 

Section 5.1, adjusting the luminosity until it matches the calculated absolute magnitude. 

This method has consistently been employed for all our comparisons of WN observations.
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Figure 5.5: Comparison between rectified VLT-F0RS2 observations of NGC6822- 

WR12 (solid) and our synthetic model (dotted). The panel on the right shows 

how well we have fitted Hen A4686.

5.5.1 N G C 6822-W R 12 (LB-f2-75, W N 4)

This star was originally identified as the first detected WR star in NGC 6822 (Westerlund 

et al. 1983). NGC6822-WR12 was later identified in a large UBV photometric survey of 

NGC 6822 by Bianchi et al. (20016) who subsequently obtained spectroscopic observations. 

Bianchi et al. (20016) calculated effective temperatures (and reddenings) for the large 

proportion of (bright) stars in NGC 6822 by fitting the observed magnitudes to theoretical 

magnitudes by convolving the HST WFPC2 filter transmission curves with model O-M star 

atmospheres by Bessell, Castelli & Plez (1998). These synthetic models were calculated 

covering the temperature interval 3500-50,000K.

In a later paper by Bianchi et al. (2001a) they analyse spectroscopic observations 

of NGC6822-WR12, for which they publish previously determined results; they find an 

effective temperature of Te/ /  ~  39,000kK and logL ~  5.72 L@. They also use the WN 

classification scheme by Smith, Shara & Moffat (1996) and conclude that NGC6822-WR12 

is a WN3(-4) with no hydrogen.

Our calculated stellar parameters are listed in Table 5.8. These theoretical models 

were computed with an SMC-like metal content, although as discussed in Section 3.6 the 

exact metallicity has very little effect on the emergent optical spectrum. Our model does
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an excellent job of reproducing the observations, unfortunately our spectrum does not 

extend as far as Ha A6563 and so our hydrogen abundance is very uncertain, although 

with such an early-type WN we do not expect much, if any, hydrogen. Also using the 

hydrogen criteria calculated by Smith, Shara &, Moffat (1996), measuring the emission 

line peaks we find the pure helium lines (e.g. Hell A5411) are much stronger than the 

combined (H-fHe) lines, indicating very little, if any, hydrogen. We also infer a very low 

nitrogen abundance by number, N/He «  9 x l0 - 4  (i.e. jijq «  0.3%), this is not surprising 

considering that NGC 6822 is a metal-poor galaxy. These results are also similar to those 

inferred from our sample of WN stars in the SMC, except that all the WN stars in the SMC 

have lots of hydrogen in their atmospheres. Given the difficulties in obtaining accurate 

hydrogen abundances and that our observations do not extend as far as Ha A6563 we 

cannot confidently claim that NGC6822-WR12 has no hydrogen.

Our stellar parameters derived from tailored analysis to NGC6822-WR12 do not agree 

with those quoted by Bianchi et al. (2001a) who used crude, inappropriate (LTE) model 

calibrations to infer a temperature. We find a significantly (~2.5 times) hotter temperature 

and a much brighter luminosity.

5.6 Analysis o f W N  stars in M 33

Now we have consistently analysed a large sample of WN stars located in various envi

ronments we can compare our results with our single WN stars in M33. As discussed in 

Chapter 2  our primary motivation behind studying the WR population in M33 was to 

observe as many WC stars as possible. We did however observe a small sub-sample of 

WN stars if they were located close to a target WC star and there was sufficient space 

within the mask. During our observing run we were able to collect data for 17 WN stars, 

from which our equivalent width measurements of He II A4686 identified 6  candidate single 

stars. This technique is discussed in greater detail in Section 4.2.5.

We attempt to derive a number of their stellar parameters and compare them with 

results of WN stars in other Local Group Galaxies. Below we discuss the successes and fail

ures of our models for each star, the final parameters for each star are listed in Table 5.10. 

We compare our seven rectified observations with our synthetic models in Figure 5.6.
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Table 5.8: Derived stellar parameters for a WN star in NGC 6822. The absolute magnitude calculated for the model is also 

shown.

NGC6822-# Alias Spectral T* R* logL logM Voo H/He N/He Ph PHe Pn my E b v My M v  oc M*

Type kK R© LS M©yr- 1 km s_1 % % % (mag) (mag) (mag) (L/c) M©

WR12 LB-f2-75 WN4 1 0 0 3.77 6 .1 1 -4.60 1 1 0 0  0 .0 0 1 0 .0 0 1 0 1 0 0 0 18.82 0.18 -5.41 1.05 36.0 Chapter 
5. 

Properties 
of 

WN 
stars
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Table 5.9: Broad-band photometry calculated from archival HST WFPC2 images 

and/or measured from ground-based, CFHT-12K images. The absolute magni

tudes were calculated using Eb - v =  0.15 and (m - M)o =  24.56 mag (see Chap

ter 2.2.5). The metallicities for each star were calculated using the calibrations 

derived in Section 4.1.2.

M33 Alias Yl-\-log{0 /  H) my mg My

W R# HST CFHT HST CFHT mag

4 2 ........... AM3 8 .6 8  — 18.23 — 17.97 -6.76

5 4 ........... MCA5 8.74 — 21.46 — 20.92 -3.46

7 4 ........... MCA8  8.69 — 21.18 21.95: 20.75 -3.72

8 0 ........... MC46 8.78 — 20.57 — 19.84 -4.69

8 3 ........... MC48 8.71 — 19.40 — 19.60: -5.62

9 1 ........... MJ-G9 8.70 22.18 21.64 — 22.80: -2.84

5 .6 .1  A M 3  (N G C 5 9 5 -W R 1 , W N 8 )

This WNL has extremely narrow emission lines which at the resolution of the data makes 

determinations such as the hydrogen abundance very difficult, as the nebular component 

is almost impossible to resolve from the stellar emission.

5 .6 .2  M C A 5  (W N 5 -6 )

This model has reproduced the majority of emission lines, except for N IV A4057 which for 

this star is unusually strong.

5 .6 .3  M C A 8  (W N 6 )

This WNE star looks very similar in appearance to MCA5 and not surprisingly has similar 

stellar parameters. Again the N IV A4057 line is strong and was difficult to match. Our 

data for this star starts to suffer from fringing at around 6400A and so Ho; is partially 

eaten away.
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Table 5.10: List of derived stellar parameters for the single WN stars in M33 taken from our sample. The absolute magnitudes 

calculated from the models are also shown assuming an Eb - v  =  0.15.

Star Alias Spectral T* R* logL logM Vqo H/He N/He Ph @He P n my U v M v o o M*

M33-# Type kK R© L® M©yr_1 km s- 1 % % % (mag) (mag) (.L/c) M0

WR42 AM3 WN8 40 20.70 6 .0 0 -4.74 990 0.50 0.005 11 87 1 18.23 -6.75 0.90 —

WR54 MCA5 WN5-6 69 3.06 5.28 -5.43 1600 0 .0 0 1 0.005 0 98 2 21.46 -3.42 1.52 1 0 .2

WR74 MCA8 WN6 70 3.62 5.45 -5.37 1520 0 .0 0 1 0.006 0 98 2 21.18 -3.77 1.13 1 2 .8

WR80 MC46 WN5 80 4.24 5.84 -4.76 2250 0 .0 0 1 0.006 0 98 2 20.57 -4.63 2.80 22.7

WR83 MC48 WN/CE 80 6.16 6.15 -4.08 2900 0 .0 0 1 0.003 0 98 1 19.40 -6 .0 2 8.45 38.8

WR91 MJ-G9 WN5-6 8 8 : 2.06 5.36 -5.42 2580 0 .0 0 1 0 .0 0 2 0 99 1 22.18 -2.85 2.09 11.3

Chapter 
5. 
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Figure 5.6: Comparison between CFHT-MOS WN stars (solid) and our synthetic 

model (dotted). The panel on the right shows the fits to Hell A4686.

5.6.4 M C46 (W & C11, W N 5)

Both N v emission lines at AA4604-20 are strong for this WNE star. The underlying stellar 

component of the Balmer lines seem well reproduced which gives us confidence in the 

hydrogen abundance. Overall, our synthetic model does an excellent job at reproducing 

the stellar spectrum.

5.6.5 M C48 (W & C13, W N /W C E )

This interesting WN/WCE star has proven difficult to model. It appears to have a WNE- 

type spectrum with a gross over-abundance of carbon. In fact the strength of the C iv 

A5808 line is comparable to the strong He II A4686 line. Interestingly C iv A5471 also seems 

to be present although very weak. This spectrum also shows strong nebular emission.
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Table 5.11: List o f ‘typical’ stellar parameters for a WNE star, considering three different 

scenarios, (i) WN star is single (O/W R=0); (ii) star has been diluted from an T*=30kK, 

logg=4.0 OB star of equal visual magnitude (0 /W R = l); (iii) again, star has been diluted 

by the same OB star, but with twice the visual magnitude (0 /W R = 2).

O/W R T* R* logL lo g M Vqo H/He N/He p H 1&He Pn Mv(Wii) M*

kK R© L© M©yr- 1 km s - 1 % % % (mag) M©

0 78 3.24 5.54 -5.40 1600 l.OxlO- 3 4.5xl0- 3 0 98 2 -3.62 16.4
1 78 2.29 5.24 -5.64 1600 l.OxlO- 3 4.5xl0- 3 0 98 2 -2.87 11.3
2 78 1.73 5.00 -5.80 1600 l.OxlO- 3 4.5xl0- 3 0 98 2 -2.43 8 .6

5 .6 .6  M J -G 9  (W N 5 -6 )

The emission lines for M33-WR91 were weaker than most of the other single WN stars. 

This brings into question whether this WN star is single, even if it has a large EW. The 

spectrum for this star is heavily contaminated by nebular emission.

5.7 Effects o f contam ination

Accurately determining whether an extragalactic WR star is single or not is difficult, and 

this issue was discussed in Sections 4.2.4 and 4.2.5. To re-iterate, when spectroscopically 

observing individual stars at large distances within the Local Group, small slit widths 

amount to large spatial scales. Combine this with the fact that, visually faint, massive 

stars are commonly located in crowded regions containing large stellar populations, confi

dently resolving and obtaining uncontaminated spectra for single WR stars can be difficult. 

Fortunately with the advent of modern 8 -metre class telescopes with multi-object spectro

graphs, we are able to simultaneously observe multiple stars in nearby galaxies achieving 

the resolution and signal-to-noise required to perform tailored analysis.

We attempt to reproduce the effect of a contaminating OB star, whether it be a binary 

star or a chance line-of-sight star. This is achieved through co-adding a model spectrum 

of an OB star, normalized to the same flux level, to a model WR spectrum to evaluate the 

effect that an incorrect assumption for the star’s luminosity would have on our theoretically 

derived stellar parameters (see Table 5.11).

We test this idea and for completeness we have calculated three different cases, (i) a 

single WR star (i.e. O/W R =  0); (ii) a WR star with contamination from a nearby OB
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Figure 5.7: Simulated effect of multiplicity, by co-adding a scaled model spectrum 

of an OB star to a model WNE spectrum to examine the effects on theoretically 

derived stellar parameters (see Table 5.11). For completeness we have calculated 

three different cases, (i) a single WR star (i.e. O/WR =  0); (ii) a WR star with 

contamination from an a OB star of equal continuum brightness (O/WR = 1); 

(iii) a WR star with contamination from a nearby OB star with a continuum twice 

as bright (O/WR = 2). For the companion we used a generic OB star model of 

T* =  30kK, logg =  4.0 taken from the Kurucz (1979) grid within d i p s o .
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star of equal continuum brightness (O/WR =  1); (iii) a WR star with contamination from 

a nearby OB star with a continuum twice as bright (O/WR =  2). For the contaminating 

source we use a generic OB star model of T*=30kK, log #=4.0 taken from the Kurucz 

(1979) grid within d i p s o . Figure 5.7 shows these results. This technique is valid at optical 

wavelengths where the underlying shape of both stars’ continua can be approximated but 

its use at UV wavelengths is not very reliable because the continua become very different.

Measuring the resulting merged spectra, we find that the line strengths for the synthetic 

model were diluted such that the EW(Hell) was reduced by a factor of approximately two 

when O/W R =  1 and a factor of three for O/W R =  2. This can be argued as evidence for 

using the EW(Hell), versus spectral type, as an indicator of potential multiplicity, even if 

its only effective as an indicator in the most obvious cases where the contaminating source 

has approximately equal visual continuum brightness.

These contaminating effects are highlighted further in Figures 5.15 and 5.18. In the 

following sections we indicate the effect that an contamination from an OB star of equal 

continuum brightness would have on our derived stellar parameters. An incorrect assump

tion of the star’s apparent magnitude would mean that our models grossly over-estimate 

the stellar luminosity of the WR star.

5.8 Comparisons

This section now collates the results discussed above and compares a number of stellar 

parameters, including both basic observables, as well as theoretically inferred parameters 

such as surface chemistries and mass-loss rates. We have consistently analysed WN stars 

located in a variety of Local Group galaxies spanning a metallicity range of approximately 

a factor of six. We begin by comparing our calculated theoretical models inferred from 

optical spectra with previously obtained ultraviolet IUE observations.

5 .8 .1  U V  S p ec tr o sc o p ic  O b serv a tio n s

Throughout this chapter we have used a series of optical emission lines as diagnostics to 

determine stellar parameters. As we have been evaluating well studied Galactic and LMC 

WN stars, we are fortunate enough that a number of these objects have previously been 

observed with space-based, ultraviolet instruments; namely the International Ultraviolet 

Explorer (IUE). Hence, we can use these observations to test how accurately our models,
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Figure 5.8: A comparison between rectified archival IUE data (solid) for the 

Galactic WN stars in our sample -  where available -  and our theoretical models 

(dotted). These models were derived using their optical emission line spectra. 

Line profiles are shown for Civ A1550, Hen A1640 and N IV A1718.
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derived using only optical spectra, reproduce these stars at UV wavelengths.

In Figure 5.8 we compare rectified IUE observations of a number of the Galactic WN 

stars studied in this work with our optically inferred synthetic models. We only show the 

line profiles for the strongest emission lines observed at UV wavelengths; C IV A1550, Hell 

A1640 and N IV A1718. We do not discuss the emission components from Si IV AA1722,1727 

even though we recognise that they appear strong in WN7-8 stars, although we do note 

that even though our models include Si IV they are generally under-estimated in our sample 

(for a review on UV emission lines in WR stars see Willis 1998).

Overall, our Galactic WN models well reproduce the UV spectra, simulating the correct 

line widths/strengths. There are a few objects where we find significant discrepancies. 

For WR78 we find that although we match C iv A1550 and Hen A1640, N iv A1718 is 

under-estimated; this is surprising considering that we confidently reproduce almost all 

the nitrogen emission lines in the optical regime. WR136, which proved rather difficult 

to reproduce at optical wavelengths, was well matched in the UV apart from Civ A1550 

and N IV A1718 which we over-estimate -  this is one Galactic WN star which could benefit 

further investigation. The only other major discrepancy from our sample of Galactic stars 

was for WR1. Our synthetic model over-predicts the line strength of N IV A1718.

The same three emission line profiles (Civ A1550, Hell A1640 and Niv A1718) are 

shown for our complete sample of LMC WN stars in Figures 5.9 and 5.10. Again our 

theoretical models sufficiently reproduce the observations. There were a few cases where 

significant discrepancies occurred. Brey6 , for which our optical comparisons looked so 

promising, failed to predict sufficient N iv A1718 emission, for which we clearly detect 

emission in the observations, although both C iv A1550 and Hen A1640 are matched 

extremely well. This inadequacy in predicting the line strength for NIV A1718 can be 

explained partly due to an over-estimated temperature, as there was no N IV A4057, only 

a blend of N v AA4604,4620, for us to accurately constrain the temperature.

There were also inconsistencies between observations and theoretical models for Brey45 

and Brey2. Our synthetic model for Brey45 over-predicts both Hell A1640 and N IV A1718. 

Recalling the difficulties with our model when reviewing the optical regime we find that 

He II A4686 is also fractionally over-estimated. As with Brey6 , Brey45 is an early-type WN 

star and is absent of N IV A4057 emission for us to confidently estimate the temperature, 

hence the discrepancies seen in the UV regime could possibly be explained by a marginal 

error in our predicted temperature and mass-loss rate. The other early-type WN star
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Figure 5.11: A comparison between the terminal wind velocities for Galactic WN 

stars (open circles), LMC (open squares), SMC (filled triangles) M33 (filled stars) 

and NGC 6822 (filled diamonds) versus spectral type. We also show the averaged 

Galactic terminal velocities taken from van der Hucht (2001) (filled squares) along 

with the standard deviation from these averaged values.

which is worthy of further discussion is Brey2. For this extreme WN2b star our models 

predicted an extremely high temperature (T* ~  160kK) and very little emission in any 

nitrogen lines. The same can also be said of its UV spectrum. We curiously do not detect 

any C iv A1550, although our model estimates a weak emission, and no discernible emission 

is seen for NIV A1718 either. Our results also over-estimate the Hen A1640 emission line. 

Unfortunately, with such a lack of emission lines we are unable to further test our optically 

derived parameters.

Overall, our theoretical models provide good agreement with their observed UV spec

tra. It is reassuring that our stellar parameters derived solely from optical emission lines 

are not grossly inaccurate and that we are producing realistic estimates for future extra-
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galactic WR studies.

5 .8 .2  W in d  V e lo c ity

As described in Section 3.6.5, the terminal wind velocity is the velocity in the wind at 

a large distance from the star Obtaining accurate terminal wind velocities is crucial, not 

only because they are required in calculations of mass-loss rate, but also in quantitatively 

describing the stellar wind from a hot star.

Previous optical spectroscopy by Crowther k  Smith (1997) showed that a correlation 

existed between the terminal velocity and stellar temperature for late-type WN stars, 

although there was no significant difference between Galactic and LMC stars. Unfortu

nately, we do not attempt this analysis as the temperatures determinations by Crowther 

k  Smith (1997) were better constrained, as they used a number of adjacent ionization 

species which are sensitive to temperature variations.

Instead, we compare our derived terminal velocities in Figure 5.11, plotting them 

as a function of spectral type. Overall, we see a gradual trend of increasing terminal 

velocity with earlier spectral type, although there is a large scatter. Leitherer, Robert 

k  Drissen (1992) prescribed a metallicity dependence for massive stars which scales the 

terminal velocity with metallicity to the power of 0.13 oc Z0'13̂ ,© )  -  this has

yet to be confirmed observationally. The effect metallicity might play on the terminal 

velocity has important consequences for population synthesis codes (e.g. Smith, Norris 

k  Crowther 2 0 0 2 ) as well as computed grids of massive star wind models calculated at 

various metal abundances (e.g. Vink, de Koter k  Lamers 2001). Considering the observed 

scatter for each spectral type, there does not appear to be a significantly reduced terminal 

velocity for WN stars in low metal poor environments. We are unable to confirm the 

(weak) metallicity -  terminal velocity scaling proposed by Leitherer, Robert k  Drissen 

(1992).

We compare our derived terminal velocities for the seven Galactic WN stars studied 

in our sample with previously published velocities. From the results given in Table 5.12 

we see there is a large spread between various authors and methods. This highlights the 

difficulties in obtaining accurate terminal wind velocities for WR stars. Generally, our 

inferred velocities agree well earlier studies.

Conventional methods to measure the terminal wind velocity use saturated UV P - 

Cygni line profiles (e.g. Prinja, Barlow k  Howarth 1990) of resonance line of ions such
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Table 5.12: Comparison of published terminal velocities of Galactic WN stars 

with those inferred from this work.

Star
Vqo (kms'-1)

1 2 3 4 5 6 7 Av. 8

WR1 2 0 0 0 2 1 0 0 — — 2135 2 0 0 0 2400: 2127 2 0 0 0

WR10 1500 — — 1475 1460 1500 — 1484 1540

WR24 1 2 0 0 — — 2155 1855 1 2 0 0 — 1603 1560

WR6 6 1500 — 1500 1300

WR78 1 2 0 0 — 1 2 0 0 1365 1385 1 2 0 0 — 1270 1 1 0 0

WR115 — — 1 2 0 0 — — 1280 — 1240 1400

WR136 1600 1760 1660 1605 1705 1600 1490 1631 1540

REFERENCES — (1) Schmutz et al. (1989) (2) Howarth & Schmutz (1992) (3) Eenens & W illiams (1994) (4) Prinja  

et al. (1990) (5) Rochowicz & Niedzielski (1995) (6) Hamann & Koesterke (1998) (7) Ignace et al. (2001) (8) This 

Work

as C iv or N v or from IR line profiles of Hei at 1.083/im and 2.058//m (e.g. Eenens & 

Williams 1994). More recently, Ignace et al  (2001) used the method developed by Barlow, 

Roche & Aitken (1988) to determine wind velocity estimates using the forbidden IR lines 

of [Caiv] at 3.207/im and [Neill] at 15.56/xm.

Unfortunately extragalactic studies of hot, massive stars do not realistically permit 

such detailed observations, especially at UV wavelengths. As these techniques were not 

available we use optical spectroscopy, making (calculated) adjustments to the theoretical 

models until the observational line widths were reproduced. This process is slightly easier 

for WN stars, compared with WC stars due to the relatively un-blended emission lines 

observed in their spectra. We investigate whether our determined terminal wind velocities 

are correlated with the observed FWHM(Hell A4686). We list the measured equivalent 

widths from our sample of single WN stars in Table 5.13, except for our sample of M33 

WN stars which can be found in Table 4.3. Our aim is to provide an independent method 

for estimating the terminal velocity for WR stars using a strong optical emission line.
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Table 5.13: Emission line measurements of H ell A4686 from our sample 

of Galactic, LMC, SMC and NGC 300 WN stars.

H ell A4686 

Star log (-e w ) fwhm

Galactic

W R l ....................  2.56 40.2

W R10 ..................  1.76 19.0

W R24 ..................  1.53 17.3

W R66 ..................  1.67 17.1

W R78 ..................  1.65 13.8

W R115 ................  1.90 18.8

W R136 ................  2.49 29.8

LMC

B rey l ..................  2.48 35.4

Brey2 ..................  2.22 36.6

Brey6 ..................  2.68 73.0:

B rey l3  ................  1.85 11.8

Brey20 ................  2.35 28.6

Brey26 ................  2.05 22.7

Brey45   2.51 31.6

Brey90 ................  1.85 21.2

SMC

W R l ....................  1.46 20.3:

W R4 ....................  1.72 13.2

W R9 ....................  1.36 22.7:

W R10 ..................  1.41 13.9:

W R11 ..................  1.04 18.7:

NGC 6822 

W R12 ..................  2.16 26.8

We see from our results plotted in Figure 5.12 that there is a steep correlation between 

the terminal velocity with FWHM(Hell A4686) as we move from our sample of WNL to 

WNE stars. These data are fitted by a simple polynomial which can expressed as

Uoo =  118078 [-9.67 x 10" 3 +  4.12 x 10~3{FW HM (Hen)  +  4.196)0'5] (5.1)

The relationship described in Equation 5.1 excludes four of our SMC WNE stars (SMC- 

WR1, WR9, WR10 and WR11) and the Galactic WNE star, WR24, as their line profiles 

were very different to the rest of our sample. Typically for our sample of WN stars the He II
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Figure 5.12: Calculated terminal velocities versus measured FW H M (H eii A4686) 

for WNL stars (triangles) and W NE stars (squares). A polynomial fit to the 

data is also shown, we exclude four SMC WNE stars and the Galactic W NE star, 

W R24 (boxed), as they all have skewed line profiles unlike the rest of our dataset.

A4686 emission line could be well reproduced using a Gaussian line profile to obtain the 

FWHM, although for four of our SMC stars and one Galactic WN star their line profiles 

were skewed such that the FWHM were measured visually. We suggest that these skewed 

line profiles could be an artifact of low wind density. This is supported as all five stars 

in question have low mass-loss rates, high hydrogen contents and the lowest equivalent 

widths of all our sample. For these reasons coupled with the fact that they do not appear 

to follow the observed correlation for the remainder for our sample we do not include their 

results in our fit.

It is hoped that Equation 5.1 will provide a good first order approximation for future 

detailed studies of extragalactic WN stars, for which UV and/or IR datasets are not 

available. Using Equation 5.1, a simple measurement of a strong, optical emission line 

could translate into an initial estimate for the terminal wind velocity when computing 

stellar atmosphere models for WN stars. Needless to say, subsequent (minor) adjustments
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Figure 5.13: A comparison between the absolute visual magnitudes for Galactic 

WN stars (opened circles), LMC (open squares), SMC (filled triangles), M33 

(filled stars) and WN stars in NGC6822 (filled diamond), versus spectral type.

The averaged Galactic values from van der Hucht (2001) are also shown (filled 

squares), along with the upper and lower limits.

would possibly be required before accurately reproducing the line widths of the optical 

spectrum. Future similar studies would increase the number of measurements to constrain 

this relationship; there maybe even a different correlation for strong- and weak-lined WN 

stars.

5.8.3 Absolute M agnitude

In Figure 5.13 we present the absolute visual magnitudes for all single WN stars in our 

sample as a function of spectral type. Even though we have previously tabulated broad

band, V  apparent and absolute magnitudes for a large number of our observed sample, 

for comparison, we plot narrow-band, v (Smith 1968), absolute magnitudes derived from



5.8. Comparisons 179

our theoretical models. To gauge how our values compare with previously published 

absolute magnitudes we include those listed in the latest catalogue of G alactic W R  stars 

(van der Hucht 2001). Our results show that there does appear to  be a decrease in 

absolute magnitude from WNL to W NE stars, although with a large scatter. This result 

was earlier reported by Hamann & Koesterke (1998) who suggested a linear correlation 

between Galactic W N stars o f subtypes W N 2-6 , with a som ewhat constant magnitude 

Mv ~  - 6 . 8  mag later than W N7. We would also tentatively suggest that stars located  

in metal-poor environments (i.e. SMC and NGC 6822) appear intrinsically brighter than  

those W N stars located in more metal-rich environments.

There are many potential pitfalls in calculating absolute visual magnitudes. Even 

though modern observations are able to  calibrate apparent visual magnitudes to  within  

± 0 . 1  mag, their are still possible errors in achieving accurate distance determ inations and 

realistic reddenings towards an individual source. Many o f these factors are approximated  

or assumed in the van der Hucht (2001) W R catalogue, which would explain the huge 

spread of absolute magnitudes and as such caution should be taken with individual results.

5 .8 .4  W in d  E ffic ien cy

In this section, we investigate how wind efficiency number, 77, derived from our theoretical 

models varies with a variety o f parameters. The wind efficiency or ‘wind performance 

number’ describes how efficiently the momentum from the radiation is transferred to the  

wind. Values equal to  one indicate the ‘single scattering lim it’, in which all photons are 

only scattered once in the wind. Values in excess o f one indicate multiple scatterings, (i.e. 

very efficient momentum transfer).

We compare the wind efficiency for our sample o f W N stars with spectral type, tem 

perature, terminal velocity and atmospheric content o f helium, all o f which are shown in 

Figure 5.14. We find that apart from the atmospheric content o f helium, which appears to  

increase as the star evolves (i.e. abundance of helium increases with decreasing hydrogen), 

none o f the other parameters show any correlation. There is no clear difference between  

the separate datasets, except for the four W N 3-4  stars in the SMC which again differ 

from the rest of our sample. Their values o f 77 are considerably lower than the rest of the 

dataset, with typical 77 ~  0.27, well below the single scattering limit. These values are 

comparable with Galactic O supergiants (e.g. HD151804 (0 8 Ia f) has an observed wind 

efficiency 77 =  1.24; Crowther h  Bohannan 1997). Even for the the rest o f the data, the
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Figure 5.14: Wind efficiency shown as a function of spectral type (upper left 

panel), temperature (upper right panel), terminal velocity (lower left panel) and 

abundance of helium (lower right panel). The dashed line shows the single

scattering limit.
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derived wind efficiencies can be explained by radiatively driven winds, with a moderate 

degree of multiple scattering. Our determined wind efficiencies are generally lower than 

previously published values. For example, all seven of our Galactic WN stars were studied 

by Hamann Sz Koesterke (1998), with their wind efficiencies typically a factor of a few 

larger. This can be explained by clumping and hence our consistently lower wind densities.

5 .8 .5  M ass-L o ss  R a tes

Throughout this work we have mentioned mass-loss rates and stressed their importance in 

solving many issues surrounding massive stars. WR stars possess the strongest winds of all 

hot,.luminous stars, with typical observed mass-loss rates ~  10- 5M®yr-1 . If we are able 

to understand how mass-loss and their surrounding environment influences their stellar 

parameters, then we will gain a much better insight into the driving force behind these 

strong outflows. The origin of the additional momentum transferred to the wind, required 

to explain these stellar winds through radiation driving, is likely to be an opacity problem 

(Abbott & Lucy 1985; Gayley & Owocki 1995; Springmann 1994) whose theoretical origin 

is yet to be explained quantitatively. Owocki & Gayley (1999) suggested that current 

theoretical difficulties in accounting for such strong radiative forces deep in the wind could 

be explained by a “two-stage” driving process. WR winds could be initiated through strong 

stellar pulsations, allowing radiative forces to continue to accelerate the stellar winds to 

large terminal velocities.

We plot the derived mass-loss rates and luminosities in Figure 5.15. Our sample of 

Galactic, LMC and M 33 WN stars are clustered such that luminosity increases with mass- 

loss rates. The majority (i.e. 4 out of 5) of the single SMC WNE stars are more luminous 

and have significantly lower mass-loss rates. In fact the mean luminosity of the WN stars 

in the SMC, log(L/L®) ~  6 .1 , is a factor of 2.5 times higher than the other WN stars, 

log(L/L®) ~  5.7, studied in our sample. Considering the low metallicity environment 

within the SMC we would expect that these single stars were formed from extremely high 

mass stars at the upper end of the IMF. This is consistent with stellar evolutionary theory 

which in the non-rotating case predicts that the minimum initial mass required to form a 

WR star in the SMC would be 60M® (Meynet et al. 1994). This initial mass might reduce 

a little with the inclusion of rotation but it still very much at the upper end of the initial 

stellar populations.

Our results also show that the SMC WN stars have substantially weaker winds, by ~  1.0
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Figure 5.15: Comparison between the mass-loss rates and the luminosities for our 

sample of single WN stars in M 33 (filled stars), SMC (filled triangles), LMC (filled 

squares) Galactic (open circles) and NGC6822 (filled diamond). The solid line 

correspond to the calibrations of Nugis & Lamers (2000) derived from Galactic 

WN stars (assuming Z =  0.02), while the dotted line represents a least-squares 

fit to our data (excluding the SMC WN stars, as well as Brey2  and WR136). The 

linear vector shows the effect a contaminating OB star of equal visual continuum 

luminosity would have on our inferred stellar parameters (see Sect. 5.7).
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dex, when compared with Galactic/LMC WN stars of similar luminosities. It is unlikely 

that our derived luminosities are significantly erroneous, given the well known distance 

and reddening to the SMC. It is clear, even from visual inspection of the optical spectra, 

that the SMC stars have weaker winds, unless we have incorrectly accounted for some 

other factor -  such as a significant difference in clumping. We speculate as to whether 

these weaker stellar winds are as the result of a lower natal metallicity. Unfortunately 

are unable to significantly quantify by what factor the mass-loss rates are affected by 

metallicity.

We perform a least-squares fit to the data, excluding the SMC sample as well as Brey2  

in the LMC and WR136 in the Milky Way. Brey2  is an extreme, early-type WN star with 

an abnormally high temperature and ionization, and our theoretical model for WR136 

failed to successfully reproduce the majority of important diagnostic lines -  for these 

reasons we exclude them from our linear fit. For the remaining sample of stars our data 

reveals a mass-loss -  luminosity relationship of

logM =  -10.80 +  lM lo g {L /L @) (5.2)

This relationship predicts a somewhat shallower gradient than previously suggested by 

Nugis & Lamers (2000) and steeper than predicted by Hamann & Koesterke (2000) for 

LMC and Galatic WN stars respectively (see Equations. 5.3 and 5.4)..Although the mass- 

loss rates of Hamann h  Koesterke (2000) were calculated using non-LTE models assuming 

a clumped atmosphere they neglected other important factors, namely line-blanketing. 

Hamann &; Koesterke (2000) concluded that their stellar parameters derived for their 

sample of LMC WN stars were not systematically different from the Galactic WN stars 

studied using the same techniques even though there was a large scatter. They derived an 

unusually low dependance given by

logM = -5.69 +  0.20log(L/LQ) (5.3)

The dependance on luminosity increased somewhat when they solely examined the strong- 

lined WNE stars. However, not only do the mass-loss rates from Nugis h  Lamers (2000) 

include clumping in their calculations, they also included a term to describe the mass-loss 

dependence on the atmospheric abundance of helium, Y . This discrepancy is discussed 

later. Their relationship is described by

logM = -13.60 +  1.63(±0.21 )log(L/L@) +  2.22(±0.63)/opY (5.4)
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Figure 5.16: Comparison between the mass-loss rates and the luminosities for 

our sample of W NE stars (squares) and WNL stars (triangles). We indicate stars 

located in regions with metallicities sub- or super-solar, with open and filled 

symbols respectively, where 12-|-log(0/H )®  =  8.66 (Asplund 2003) and those 

that have atmospheric abundances of hydrogen, fin  >  10% (boxed). The solid 

and dotted lines as well as the vector are the same as in the previous figure. 

Brey2 and W R136 are highlighted as they are excluded from the linear fit.



5.8. Comparisons 185

Figure 5.16 plots the same data as in the previous figure but simply separates the 

data into spectral types (i.e. WNE and WNL stars) as well as indicating the suspected 

metallicity in which the star is located. We also highlight stars that we have found to have 

atmospheric abundances of hydrogen, (3fj > 10%, to help compare the H-rich SMC WN 

stars with the remainding sample of WN stars. The only conclusions that can be drawn 

from Figure 5.16 is that generally, the stars in regions where, Z < Z®, appear to be more 

luminous than stars in more metal-rich regions. Figure 5.14 indicates that hydrogen rich 

WN stars have weaker winds which could explain the difference between the (H-rich) SMC 

stars and the (H-poor) Galactic, LMC and M 33 WN stars. Very little can be determined 

regarding differences in spectral type owing to the very few late-type WN stars analysed 

in this work.

In Figure 5.17 we compare our derived mass-loss rates for our Galactic WN stars with 

the dumping-corrected mass-loss rates from published by Nugis, Crowther & Willis (1998). 

These mass-loss rates were calculated from IR-radio emission, accounting for ionization 

structure and clumping in the wind, using an empirical formula to obtain final mass-loss 

rates. Nugis & Lamers (2000) later used these results to determine the dependence of 

mass-loss rates with luminosity and chemical composition, deriving relationships for both 

WN (see Eqn. 5.4) and WC stars as well as a generic WR dependence.

We find that the mass-loss rates determined by Nugis, Crowther & Willis (1998) are 

consistently higher, by a factor of ~0.3 dex, than derived from this work, apart from 

WR24 which is in excellent agreement. Comparing the determined luminosities between 

datasets we find that they do not deviate significantly, although the luminosities from 

Nugis, Crowther & Willis (1998) tend to be fractionally higher.

5 .8 .6  A tm o sp h e r ic  A b u n d a n ces

As discussed at the beginning of this chapter we use the blended H I-Balmer/He Il-Pickering 

decrement to derive hydrogen abundances. In Figure 5.18 we plot our inferred atmospheric 

hydrogen abundances against their derived luminosities. The five WNE stars in the SMC 

all have moderate hydrogen mass fractions in the range between 20% -  36% and exhibit 

large luminosities (log(L/X®) > 5.8). In contrast, all the WN stars in M33, except for 

AM3, show hydrogen free atmospheres. In fact 14 WN(E) stars (or 52%) in our sample 

are hydrogen free.

We compare these results with the latest evolutionary predictions, including rotation by
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Figure 5.17: Comparison between the mass-loss rates (left panel) and the lumi

nosities (right panel) derived from our sample of single Galactic WN stars and 

those determined by Nugis, Crowther &; Willis (1998).

Meynet & Maeder (2003), for WR stars at solar metallicity. The rotational models shown 

were calculated with an initial velocity, Uinit =  300kms-1 and span a range of initial masses 

from 25M0-  12OM0  all of which are predicted to enter the WC phase at some point during 

their life. Considering that the evolutionary tracks evolve downwards in this diagram, we 

see an initial increase in luminosity which is due to main sequence evolution. After this, 

for stars with masses greater or equal to 25M0 , the luminosity changes -  indicating that 

this figure is sensitive to mass-loss and mixing (Meynet & Maeder 2003). We find that our 

results are in good agreement with the predicted evolutionary tracks and would suggest 

that it is likely that the SMC WN stars are descendants of stars with large initial masses 

(~  8 OM0 ).

Figure 5.19 reproduces the dataset shown in Figure 5.18 but separates the data into 

early- and late-type WN stars. We also indicate those stars that are deemed to lie within 

regions with either sub- or super-solar metallicities (for those WN stars in M33 we use 

the metallicity gradient described in Section 4.1.2 to determine their local metal content). 

Generally, our results indicate that WN stars in low metallicity environments display 

significant quantities of hydrogen in their atmospheres compared with stars in more metal- 

rich galaxies. Our data also suggest that these stars with high/intermediate atmospheric 

abundances of hydrogen also have large luminosities -  as predicted by the (rotating)
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Figure 5.18: Atmospheric hydrogen abundances for our sample of single WN stars 

in M33 (filled stars), SMC (filled triangles), LMC (filled squares), Galactic (open 

circles) NGC 68*22 (filled diamond) versus luminosities. Evolutionary predictions 

shown are for stars with an initial rotational velocity, u,nj =  300kms_1 (Meynet 

& Maeder 2003) all calculated at solar metallicity. These evolutionary models are 

shown at five initial stellar masses, 25M© (solid), 40M© (dashed), 60M© (dotted), 

85M© (dot-dashed) and 120M© (dot-dot-dashed). The linear vector shows the 

effect of a contaminating OB star of equal visual continuum brightness would 

have on our calculated parameters (see Sect. 5.7).
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evolutionary models. The only notable difference between our sample of early- and late- 

type WN stars is that all the WNL stars studied appear to contain at least a moderate 

amount of hydrogen in their atmosphere which is supported through evolutionary ideas 

that late-type WN stars are the precursors of their early-type descendants. In fact Meynet 

& Maeder (2003) suggest that a plot of hydrogen abundance versus luminosity could be 

used to study various evolutionary stages of WR stars (i.e “slash stars” , LBV, WNE and 

WNL).

Finally, we (tentatively) suggest an alternative means of discriminating between stars 

with significant quantities of hydrogen, classified ‘h’, and those with only a marginal 

abundance of hydrogen, labelled ‘(h)’. Rather than replacing the original method devised 

by Smith, Shara & Moffat (1996), it could be used as an extra tool to determine the 

amounts of hydrogen in a star’s atmosphere. With the increased use and acceptance 

of modern atmosphere models in which the hydrogen abundance can be computed, we 

propose that the derived theoretically predicted mass fraction of hydrogen be used as a 

discriminator to distinguish between the two groups.

For example, we could assign a dividing line such that stars with 0.05 < fin < 0.15 

are assigned the ‘(h)’ classification, and stars with atmospheric abundances /3h  > 0.15 

classified with the extension, ‘h’. If we chose this criteria to classify WN stars with/without 

significant quantities of hydrogen then we would need to revise the spectral types for three 

WN stars within our sample. WR78 would be revised from WN7h to WN7(h); Brey26 

would be altered from WN6 (h) to WN6 h and Brey90 would be reclassified as a WN6 h 

when previously classified as a WN6 (h). We would also revise AM3 in M33 to include a 

‘(h)’ suffix. Of course this point may be minor but perhaps with future work we could find 

a relationship between a series of observables and the mass fraction of hydrogen in a star’s 

atmosphere and this could prove a useful tool in helping clarify or refining evolutionary 

ideas of massive stars.

5 .8 .7  C u rren t S te lla r  M a sses

A mass -  luminosity relationship for WR stars has been previously well documented 

(e.g. Maeder 1983; Maeder & Meynet 1987; Langer 1989), although it has been noted 

that late-type WN stars fail to obey these relations and are excluded from mathematical 

calibrations. These models assume a simple stellar structure of what is essentially a 

helium star. Heger k  Langer (1996) discuss the effect of “wind darkening” , in which
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Figure 5.19: Comparison between the atmospheric hydrogen abundances (by 

mass fraction) and the luminosities for our sample of single W NE stars (squares) 

and WNL stars (triangles). There are a number of WN stars showing no hydrogen 

which are clustered at the zero level. We indicate stars located in regions with 

metallicities sub- or super-solar with open and filled symbols respectively, where 

12-t-log(0/H)© =  8.66 (Asplund 2003). The same rotating evolutionary tracks 

are shown as in the previous figure.
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the luminosities generated deep within in a WR star, Lnuc, are higher than the observed 

luminosities, L*, ultimately resulting in a slightly higher predicted mass.

Using the mass -  luminosity relationship determined by Schaerer h  Maeder (1992) 

for hydrogen-free WN stars (i.e. WNE) as well as WC and WO stars, we calculate that 

our sample of Galactic stars (without hydrogen) have current stellar masses which lie in 

the range 10-11M®. This range is somewhat larger for the LMC stars studied revealing 

a range 6-25M®. Unfortunately the Schaerer h  Maeder (1992) calibration is not valid 

for any of our WN stars in the SMC due to the presence of hydrogen, although if this 

relationship is assumed then owing to the high luminosities derived the predicted current 

stellar masses are much larger, with an upper limit of ~60M®. We estimate that for the 

WNE star, NGC6822-WR12 it has a large stellar mass of 36M®. Finally, for our sample 

of WN stars in M 33 we estimate a range of current masses similar to those predicted for 

the LMC WN stars, with a range 10-39M®.

5.9 Conclusions

We have used medium/high resolution spectroscopic observations previously obtained for a 

number of single Galactic, LMC, SMC and NGC6822 WN stars, from a variety of sources. 

We have produced a series of iterative models which reproduce the optical spectra for 

our targets stars; with the prerequisite of matching a number of diagnostic lines, which 

combined with accurate photometry and reddening determinations provide us with stellar 

parameters. This unique set of consistently derived stellar parameters has then enabled us 

to extend our techniques to determine parameters for our recently obtained observations 

of WN stars in M 33, providing us with a unique insight into the WN population across 

the Local Group of galaxies.

To check the validity of our approach, solely using optical spectra, we compare our 

theoretical spectra with archival IUE observations of Galactic and LMC WN stars. Over

all, the comparison is reassuring, with the majority of our models reproducing both the 

line strengths and widths of the predominant emission lines in the UV (i.e. C IV A1550, 

Hell A1640 and N IV A1718). This check provides us with confidence that our results 

are not unrealistic. Of course they could be refined if UV -  IR data were available but 

unfortunately this is not often the case for extragalactic studies of WR stars.

Comparing our determined terminal wind velocities from our sample we found a steady
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increase in velocity from late to early spectral type, although we still observed a scatter. 

There appears to be no significant difference in terminal velocities between our datasets 

and hence we are unable to observationally confirm whether there is a metallicity depen

dence on terminal velocity as has been theoretically suggested (e.g. Leitherer, Robert & 

Drissen 1992). The observed scatter can be partly explained due to the difficulty in ob

taining precise terminal velocities from optical spectra. This is highlighted in Table 5.12 

for which we compare previously published terminal velocities for the single Galactic WN 

stars studied in this work with the terminal velocities inferred from our synthetic models. 

We see a range of quoted velocities, a number of which were measured using UV obser

vations, some of which are consistent with our determined values. Using these terminal 

velocities we have mathematically described a simple equation from an initial estimate for 

a terminal wind velocity using the measured FWHM(Hell A4686). This may serve as a 

useful tool in future extragalactic studies of WR stars where a similar analysis would be 

desirable.

We also found that there is a weak relationship between our derived absolute visual 

magnitudes and spectral types. Furthermore, it appears that the WN stars in low metallic

ity environments are somewhat brighter than their counterparts that lie in more metal-rich 

surroundings. This difference can be explained in terms of luminosity, where we find that 

the SMC and NGC6822 WN stars are generally towards the upper end of our observed 

limit.

Our study has also allowed determinations of the stellar wind efficiency, which has been 

the subject of debate over recent years as to whether or not these high wind efficiencies 

can be explained through line driving. We find that accounting for clumping and line- 

blanketiig as well as considering the contribution from multiple scattering we find that our 

results irdicate lower wind efficiencies than had been previously suggested. Consequently, 

we are able to explain the principal driving force in the wind via the widely accepted 

theory o! radiation driven wind models. The majority of our results estimate the typical 

wind efficiency to be ~3, while our sample of SMC WN stars are predicted to have much 

lower wild efficiencies which are less than the single-scattering limit.

One of the main aims of this work was to identify any stellar parameters which indicate 

a sensithity to metallicity variations, and mostly importantly mass-loss rates. Our results 

indicate that there is very little difference in mass-loss between the Galactic WN stars 

and thei: counterparts in the LMC. A noticeable difference is not seen until our sample



192 Chapter 5. Properties of WN stars

of SMC WN stars are also considered. It is clear, even through visual inspection of their 

optical spectra that their stellar winds are weaker and our results clearly support this 

idea. Not only are their winds weaker but they are significantly brighter, indicating that 

they descended from stars with extremely large initial masses. This idea is suggested by 

stellar evolution theory, in which the initial mass required to form a WR star increases 

with decreasing metallicity, which is directly connected to the mass-loss rates necessary to 

denote a star WR status. We tentatively propose a mass-loss -  metallicity dependence for 

WN stars which, if confirmed, would be slightly stronger than predicted for O stars (M oc 

Z °’5~°-8). We require further spectroscopic observations of WN stars again at extreme 

metallicities before a possible dependence can be quantified.

Given the uncertainties surrounding our derived hydrogen/nitrogen abundances it is 

difficult to lay strong claims for any noticeable trends regarding atmospheric abundances. 

Although our derived abundances are good approximations, our results do agree well 

with current evolutionary models. We see that the majority of the WN stars in both 

the Magellanic Clouds contain traceable quantities of hydrogen in their atmospheres. We 

support the idea suggested by Meynet h  Maeder (2003) that a plot of mass fraction of 

hydrogen versus (log) luminosity could be a used as a tool to investigate the evolutionary 

sequence of massive stars. We also propose that this plot could be used as another method 

to discriminate between stars with marginal or significant mass fractions of hydrogen in 

their atmosphere.

To conclude, we find that the single WN stars in the LMC are not that dissimilar to 

their Galactic counterparts. When we extend this analysis technique to study the few 

single WN stars in the SMC there is a noticeable difference in both spectral appearance 

and derived stellar parameters. We speculate that the lower mass-loss rates inferred from 

our work support theoretical ideas that WR stars, of the nitrogen sequence, are sensitive 

to metallicity variations and can be explained in terms of radiation driving (even if they 

are not responsible for initiating the wind). Almost all of the SMC WN stars appear to 

have substantially larger luminosities, indicating they formed from the most massive stars 

within an initial stellar population. We need to further investigate and analysis more WR 

stars located in regions of largely differing environments as the observed scatter of stellar 

parameters clouds any possible effects that metallicity may play on their parameters. 

Perhaps these effects are observed strongest in low metallicity environments where there 

are a number of unsaturated lines which drive the outflows.



C h a p t e r  6

Properties of W C stars

This chapter continues to use the non-LTE, stellar atmospheres code of Hillier & Miller 

(1998), c m f g e n , which iteratively solves the transfer equation in the co-moving frame 

subject to statistical and radiative equilibrium in the expanding, spherically symmetric 

and steady-state atmosphere (see Chapter 3). By comparing recent, ground-based spec

troscopic observations of single, extragalactic WR stars with our theoretical, synthetic 

spectra we are able to derive a number of important stellar parameters. These parameters 

can then be compared to determine any possible scaling of WR properties, with the local 

metallicity.

Our approach to modelling the data is to calculate a series of models adjusting the stel

lar parameters until we can match the observed ionization balance, line strengths/widths, 

(and for some datasets, the absolute magnitudes). Because of the effect each parameter 

can have on the emergent model spectra this was an iterative process. Initially, the line 

strengths and widths of the modelled spectrum are matched and then the luminosity is 

altered to match the absolute (scaled) flux levels.

6.1 Detailed Analysis for individual W C Stars

We provide a brief over-view of the methods/diagnostics used to model WC stars using 

only their optical spectra. To check that we are achieving a correct wind ionization balance 

we would ideally use un-blended emission lines from adjacent ionization stages. In practice 

this is not possible because of blending and there are not always a selection of adjacent

193
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Figure 6.1: Comparison between rectified optical synthetic spectra showing a 

variety of mass-loss rates; lx lO - 5  M@yr_ 1  (dotted), 2 x l0 - 5  M@yr- 1  (solid) and 

4x l0 - 5  M@yr- 1  (dashed). The theoretical optical spectrum is almost unchanged 

over this range except for the strong WR emission features (C IV A5808 and Hell 

A4686), as well as the wind denisty sensistive C m  A5696 emission line.

ionization stages for each species (e.g. Hel A5876 cannot be resolved, especially in low 

density winds). As a result the derived temperatures should be treated as approximate.

With only a limited spectral coverage in the optical regime, we were constrained to 

a number of useful lines that we could reliably use to determine the star’s parameters. 

The approach that we used was to select a number of emission lines that are known to 

be affected by changes in wind density, ionization, temperature and abundances. For the 

C/He abundance we use the (relatively) unblended diagnostic lines of Hell A5411 and Civ 

A5471. Unfortunately we are more restricted when it comes to good diagnostic lines for 

the O/He abundance. The only available line is O m -v A5590, but previous studies show 

that this emission line alone cannot be reliable (Crowther et at. 2002), and if anything, 

when its line strength is to be matched then the oxygen abundance tends to be somewhat
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overestimated. This means that the calculated oxygen abundances, and hence our O/C 

determinations should be taken with caution.

Other diagnostic lines used were C m  A6740, which along with the strong C iv AA5801- 

125 emission line can be used to determine the ionization balance (and temperature) in 

the wind. The strong, blended feature at AA4650-4686, comprising of C m -lv-H ell is 

notoriously difficult to match, as is C m  A5696, such that less importance was placed 

on reproducing these features. Our primary aim was to match C iv  A5808, C m  A6740, 

the abundance diagnostic lines (Hell A5411, C iv A5471 and O lll-v A5590) with less of 

an emphasis on the other strong features as they are consistently under/over-estimated. 

This task is made even more difficult with only optical data, and so few emission lines to 

constrain our parameters. Apart from He, C, and O all the other metals were set to solar 

metallicities for our calculations - this assumption is not important as slight variations in 

the heavy metals content do not effect the emergent optical spectra (Section 6.8.5).

Considering the diagnostic emission lines adopted in our analysis we perform a sim

ple comparison to highlight the effect that mass-loss alone has on the derived spectrum. 

Figure 6.1 shows the theoretical, optical spectrum for a ‘typical’ WCE star, over-plotted 

with the emergent synthetic spectra after varying the mass-loss rate by a factor of two 

in both directions. The effect drastically alters the line strengths of both dominate WR 

emission features (Cm -lv-H ell AA4650-4686, and C iv A5808 emission). The different 

wind densities also impact on the C m  AA5696,6740 emission lines, the latter of which is 

used as an important diagnostic emission line. This figure highlights the difficulty in accu

rately reproducing the observed optical spectrum in WC stars. It also underlines why our 

method identifies a number of pre-determined diagnostic emission features and attempts 

to produce a satisfactory global solution.

6.2 Analysis o f WC stars in M 33

Our equivalent width measurements identified nine potentially single WC stars in M33. 

The spectra for MC79 (Massey &, Conti 1983) are not of high enough quality for detailed 

analysis and so this star is not discussed further in our sample. This is unfortunate as 

MC79 is the only potentially single star that lies beyond ~50% of the Holmberg radius. 

If the assumed H II region abundance gradient is correct then the remaining eight single 

WC stars ought to lie in regions of approximately solar metallicities (see Table 6.1).
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Table 6.1: Broad-band photometry calculated from archival HST WFPC2 im

ages and/or, measured from ground-based, CFHT-12K images. The absolute 

magnitudes were calculated using E jg _ y  =  0.15 and (m - M )o =  24.56 mag (see 

Chapter 2.2.5). The metallicities for each star were calculated using the calibra

tions derived in Section 4.1.2.

M33 Alias 12+log(0/H) my m b My

W R# HST CFHT HST CFHT mag

3 8 ......... . MC26 8.63 20.90 21.03 2 0 .6 8 — -4.12

6 9 ......... . MC43 8.75 — 20.49 — 20.60 -4.32:

8 2 ......... . MC47 8.82 — 20.46 — 20.40 -4.48:

105 ........ AM14 8.73 21.26 21.56 21.71 — -3.76

1 1 0  ........ AM16 8.65 20.28 20.79 2 0 .8 8 — -4.74

I l l  ___ . AM17 8.71 20.58 20.73 20.36 — -4.44

116 ........ AM19 8 .6 6 19.66 19.61 19.41 — -5.36

129 ___ . MC70 8.59 19.98 19.87 19.77 — -5.04

Table 6 .2  shows the model parameters for the eight selected WC stars that produced 

the best match to rectified observed spectra. Figure 6.2 shows the observations for our 

eight selected stars, along with our synthetic models. The general failures and successes 

are common in most cases, for instance C ill A5696 is repeatedly under-predicted in all 

cases. This line has been noted to be insensitive to changes in certain stellar parameters 

(Crowther et al. 2 0 0 2 ) and so was not used as an indication of the ionization balance and 

temperature for the selected stars. Below we discuss any finer details that are relevant for 

each star.

6 .2 .1  M C 2 6  (A M I , W C 6)

MC26 was originally identified as a WC star by Massey & Conti (1983). For this WC6  

star the observational spectrum is well reproduced by our model, except that the carbon- 

helium blend at A4650 is slightly over predicted. The oxygen abundance indicator, 0  Ill-v 

A5590 is well reproduced.
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6 .2 .2  M C 4 3  (A M 1 3 , W C 7)

This WC7 star, also discovered by Massey & Conti (1983), is well reproduced by our model 

apart from the strong emission line at A4650 and C IV A5808.

6 .2 .3  M C 4 7  (W C 5 )

MC47 (Massey & Conti 1983) is generally well matched, the two strong WC features at 

A4650 and A5808 are over-estimated. The oxygen feature at A5590 is also well matched for 

this star, although this line alone cannot be used as an accurate indicator for the oxygen 

abundance.

6 .2 .4  M C 6 0  (A M 1 4 , W C 5 )

Of all the single WC stars, AM14 (Armandroff h  Massey 1985), alias MC60 (Massey h  

Conti 1983) is the faintest and as a result has the lowest signal-to-noise, although almost 

all the weaker emission lines have been well reproduced in our model. Both the strong 

WR features, the car bon-helium blend at A4650 and C iv A5808 are over-estimated.

6 .2 .5  M C 61 (A M 1 6 , W C 6)

The line strength of C iv A5808 for AM16 (Armandroff & Massey 1985), alias MC61 

(Massey h  Conti 1983) was significantly stronger than the other WCE stars from our 

sample and so careful consideration to the ionization balance in the wind was required 

before we could match the observations. The only line not well re-produced was the 

blended carbon-helium feature at A4650 which was under predicted.

6 .2 .6  M C 62  (A M 1 7 , W C 6)

AM17 (Armandroff & Massey 1985), alias MC62 (Massey h  Conti 1983), also gave us the 

same difficulties as AM16 where the majority of lines seemed to be consistently under

estimated. The final model calculated is in reasonable agreement, matching the important 

abundance indicators, which interestingly determined a large oxygen abundance for this 

star. The model did however fail to accurately reproduce the strong C IV A5808 emission 

line.
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6 .2 .7  M C 65 (A M 1 9 , W C 6)

AM19 (Armandroff & Massey 1985), alias MC65 (Massey & Conti 1983), has well resolved 

lines and was well reproduced by our model. The line strength of C m-He II A4650 is slightly 

over-estimated which generally proves less sensitive compared to other strong lines.

6 .2 .8  M C 70  (W C 5 )

MC70 (Massey & Conti 1983) differs from the other single stars in that its wind velocity 

is faster and carbon and oxygen abundances are significantly lower. It also has the lowest 

temperature of the present sample. Our synthetic model does an excellent job at matching 

both the strong and weak features. The only discrepancy was seen in C IV A5808 where 

we failed to match the relatively weak emission line.

6.3 Other Interesting WC Stars in M 33

Among our sample of WR stars in M 33 we discuss two WC stars, that although were 

not identify as single, we feel are different and should be investigated further in future 

work. The observations of these two WC stars appear to have unusual optical spectra 

-  predominately due to their low carbon abundances. Unfortunately these observations 

appear to be contaminated (see Section 4.2.4) such that the WR features are diluted.

6 .3 .1  M C 3 3  (A M 8 , W C 4)

We have identified MC33 (Massey & Conti 1983) as being worthy of future investigation, 

mainly due to the relative strengths of the Hell A5411 and C iv A5471 emission lines. 

As already discussed these lines are used to derive the C/He abundance. Implying an 

extremely low enrichment of carbon for MC33. This is accentuated due to Hell A5411 

appearing rather strong, plus the blended carbon/helium emission feature at A4650 seems 

to be slightly asymmetric on the red wing. The optical spectrum for MC33 is shown in 

Figure 6.3. We also note that the blended oxygen emission line at A5590, used to estimate 

the 0 /H e abundance, also appears rather weak.

As suggested by Smith & Maeder (1991), we hypothesis whether in evolutionary terms 

the unusually low carbon (and perhaps oxygen) abundance observed in MC33 may indi

cate that this star has only recently entered the WC phase. This would explain why we 

do not observe many products of He-burning. We would require further, more detailed



Table 6 .2 : List of derived stellar parameters for the single WR stars in M 33 from our sample, including the absolute magnitudes 

calculated from the models. The current stellar masses were calculated using the relationship derived from Schaerer & Maeder 

(1992).

M 33-# Alias Spectral T* R* logL logM Voo C/He O/He (3He Pc Po my Mv M v  oo M*

Type kK R© L© M®yr- 1 km s- 1 % % % (mag) (mag) (L/c) M@

WR38 MC26 WC6 85 1 .6 6 5.11 -4.71 2350 0.28 0.065 47 40 1 2 20.90 -4.12 17.5 10.3

WR69 MC43 WC7 75 2.18 5.13 -5.00 2 0 0 0 0.28 0.025 51 43 5 20.70 -4.32 7.2 1 0 .1

WR82 MC47 WC6 85 2.07 5.31 -4.68 2600 0.28 0.085 45 38 15 20.54 -4.48 13.2 1 2 .8

WR105 AM14 WC6 75 1.63 4.88 -5.11 2150 0.29 0.075 46 40 14 21.26 -3.71 10.7 7.8

WR110 AM16 WC5 95 2.23 5.56 -4.60 2300 0.29 0 .1 0 0 44 38 17 20.28 -4.74 7.7 17.3

WR111 AM17 WC5 95 2.06 5.49 -4.63 3000 0.34 0.260 34 35 30 20.58 -4.44 1 0 .8 16.1

WR116 AM19 WC6 85 3.67 5.68 -4.44 2600 0.29 0.085 45 39 15 19.66 -5.37 9.8 20.5

WR129 MC70 WC5 70 4.33 5.61 -4.74 2 2 0 0 0.16 0.018 64 31 5 19.98 -5.09 4.8 18.3
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Figure 6.2: Comparison between rectified CFHT-MOS spectroscopy of four WC5- 

6 stars (solid) and our synthetic model (dotted). Note that the panels on the 

right showing the carbon-helium blend at A4650 and C IV A5808 were reduced by 

a factor of eight.

analysis of MC33 sufficiently accounting for the contaminating source/binary star before 

firm conclusions may be drawn.

6.3.2 MC53 (W &C16, W C6)

MC53 (Massey & Conti 1983) is another WCE star with a curious optical spectrum. We 

have revised the spectral classification for MC53 from W C 4-5 (Smith, Shara & Moffat 

1990) to WC6, based on the detection of C m  A5696. The optical spectrum for MC53 

is shown in Figure 6.3. What makes MC53 different from the other WC6 stars studied 

in M 33 is, (i) its narrow lines, (ii) barely detectable C iv  A5471 emission line and (iii) 

very weak O m - v  A5590 emission. The measured line width for MC53 appears unusually
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Figure 6.3: Normalized spectra of M33-WR52 (MC33, WC4) and M33-WR92 

(MC53, WC6 ) in M33. Comparisons of emission line strengths suggest that these 

stars are contaminated (see Section 4.2.4), this explains their weak emission lines. 

The small panels show the weak emission lines of Hell A5411 and C iv A5471, 

these line are used as abundance diagnostics. Note that C IV A5471 is unusually 

weak indicating that these WCE stars have very low carbon abundances.
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narrow (i.e. FWHM(CivA5808) ~  29A) compared with the other WC6  stars in M33. 

For example, of the four single WC6  stars in M33 modelled in this work, we find their 

FWHM of Civ A5808 to be in the range 40-50A , with an average determined terminal 

wind velocity of ~2500km s- 1 .

Through experience, we suggest that, except for the line strength of C m  A5696, the 

optical spectrum for MC53 could be well reproduced with a theoretical model for a ‘typical’ 

late-type WC star. Even though it meets to the spectral classification criteria for an early- 

type WC star. We estimate that the observed line widths for this star implies a terminal 

wind velocity of ~ 1 1 0 0 kms- 1  (see Section 6.8.5), comparable to a WC7-8 star. We also 

note that Hell A4686 appears resolvable from the series of (normally) blended C m -iv  

AA4647-4651 emission lines -  again typically observed in late-type WC stars. We would 

once again require further detailed analysis for MC53 and its companion for any real 

conclusions to be drawn.

We find a similar conclusion for MC53 as for MC33, in that its line widths (and 

hence terminal wind velocity) and surface chemistries are indicative of a late-type WC 

star, although its spectral classification denotes an early-type WC star. We suggest that 

MC53 could have evolved from a narrow-lined WN star straight to a WC phase. So we 

are observing a star which has recently undergone the transition between the two WR 

spectral types. This evolutionary sequence is predicted in the (non-rotating and rotating) 

theoretical models by Meynet et al. (1994) and Meynet & Maeder (2003) for a star with 

an initial mass of 40M© (see Section 1.2.2).

To conclude, we have highlighted two WC stars that appear to have unusual and 

contrasting emission features. The WCE star MC33 appears a ‘normal’ WCE star with 

an anomalous low abundance of enriched elements, which are indicated by the strength of 

the abundance diagnostic lines (i.e. Hell A5411, C iv A5471 and O m -v  A5590). MC53 on 

the other hand is slightly more interesting as it is classified a WCE star but has spectral 

features of a WCL star. One possible explanation is that it has evolved from its brief 

life as a WNL star, which are known to have narrow emission lines, directly to the WCE 

phase. This could explain why we see the abnormally low wind velocities and decreased 

carbon enrichment. This hypothesis is supported by stellar evolution theory, assuming 

that its initial mass is ~  40M©.
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6.4 Analysis o f WC stars in M 31

Our observations of four known WC stars in M 31 has revealed two potentially single stars, 

MS12 and MS21 (Moffat & Shara 1983). Although we only observed a small number of 

WR stars in M31 this sample is significant as it provides examples of a late-type WC star 

as well as an early-type WO star. Both these types are rare and so far WCL stars are 

observed to be confined to M31 and the Solar neighbourhood.

We model both single WC stars as well as the two contaminated WC stars by merging 

their observed spectrum with a theoretical OB star spectrum taken from the grid by 

Kurucz (1979). Model calculations for these four WC stars were less comprehensive, only 

including spectral lines of He, C, O, Si and Fe. The effect that other elements such as 

Ne and S have are negligible and predominately alter the line strengths of C iv A5808 

and Cm -Hell A4650 by ~10% and do little to affect to final stellar parameters. Details 

for each star are given below. The inferred stellar parameters are listed in Table 6.3, we 

also include the published stellar parameters for OB10-WR1 examined by Smartt et al. 

(2 0 0 1 a).

6 .4 .1  M S 21  (W C 6 )

This WC6  star, discovered by Moffat & Shara (1983), is well matched apart from C iv 

A5808 line and the carbon-helium blend at A4650, both of which are slightly under

estimated. C ill A6740 is also fractionally too weak. Recent experience suggests that 

these lines increase when other atomic species are included into the synthetic model cal

culations. Our abundance diagnostic lines are well reproduced, as are any of the weaker 

features within the observed spectra. Figure 6.4 shows a comparison between our spec

troscopic observations and our synthetic models.

6 .4 .2  M S 12  ( W 0 4 )

Using the classification scheme detailed by Crowther et al. (1998) we have identified MS1 2  

(Moffat h  Shara 1983) not as a WC4 star but as a W 04 star. This classification scheme 

predominately uses the emission line ratios of O vi A3818/Civ A5808 and O VI A3818/Ov 

A5590 to distinguish between WC4-W01 stars, for both central star planetary nebular 

(CSPN; i.e. low mass stars) and massive WO stars.

This object, as with most WO stars, is extremely difficult to model due to its strong



204 Chapter 6. Properties of WC stars

■>E

\l
5; -
o  B sc E

E> «£: > 3 £:» o Eo o u us 2 ^ BEo o
V

10

MS12
W048

6

4

2

0
4000  
5

4400 4800 5200 5600 6000 6400 6800 7200 7600 8000  5700  5800  5900
8

MS21
WC6 6 A

i

H
i:

4

: UA  A /; ! 

____ 1____ 1____ 1__

!
i . i . i *

/N

2

0

t  ^
.... •. .....•*.

4000 4400 4800 5200 5600 6000 6400 6800 7200  7600
10

0B48-WR1
WC68

6

4

2
* *A

 1 , 1 , 1 , 1 ,—0

8000  5700  5800  5900  
1. 2

4000 4400 4800 5200 5600 6000 6400 6800 7200 7600
2

MS5
WC8

0

8

6

4

2

0

8000 5700  5800 5900  
8

4000 4400 4800 5200 5600 6000  6400
Wavelength (.A)

6800 7200 7600 8000  5700  5800 5900

Figure 6.4: Comparison between our flux calibrated WHT-ISIS observation 

(solid) of WC stars in M 31 and our synthetic model (dotted). The panel on 

the right shows the blended AA5801-12 feature.



6.4’ Analysis of WC stars in M 31 205

14
OIV

12 OIII
10

X3
= a ■a
V

cn i-iv  civ ovi om H e I CIV H en

OIV ora CIV [ell cra-

3 6 o
4

2

0
3 6 0 0 4 0 0 0 4 4 0 0 4 0 0 0

Wavelength (A)

Figure 6.5: Comparison between WHT-ISIS observation of MS12  in M31 and 

our two synthetic models; one matches the strong optical WR features (solid), 

and the second attempts to reproduce the strong Ovi A A3811,3834 emission line 

(dotted).

oxygen emission lines which are formed due to high ionization lines such as Ovi. The 

synthetic model shown in Figure 6.4 looks very similar to a spectrum of a typical WC4 

star, although it fails to match any of the strong oxygen lines which distinguish it as a 

WO(4) sta:.

For this star we calculated two sets of models, the first (which is shown in Figure 6.4) 

reproduces the line strengths/widths for the main WC emission features as outlined in the 

beginning of this chapter. The second model was calculated to determine the parameters 

necessary to match the highly ionized oxygen lines - unfortunately this model fails to 

reproduce iny of the other strong WR features. Both sets of parameters are listed in 

Table 6.3. Figure 6.5 compares these two models with our observations over a spectral 

range 3400 -  5000A showing the success and failures of both models in reproducing the 

oxygen emission lines.

Comparing the first synthetic model, apart from the strong oxygen lines, we success

fully reproduce our observations. The line strength for the strong emission line at A4650 

is a little veaker than our observations, as is the blended emission line at ~4100A . The 

second, mu:h hotter synthetic model fails to predict the line strengths for any of the main 

optical emission lines, consistently under-estimating them all. It does however, match the 

Ovi AA3818,3834 emission lines. These lines require a much harder ionizing source to 

increase their strength and hence match the observed data. These highly ionized features
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were only matched only when the stellar temperatures reached temperatures of 140,000K. 

Unfortunately at these temperatures the ionizing flux is so strong that we see very little 

recombination of C m  and the WR features at A4650 and A5808 appear hugely under

estimated. It also under-predicts the other strong oxygen lines, such as OlV A3412. This 

highlights the current problems with our atmosphere models in understanding the physics 

of the wind of WO stars.

6 .4 .3  M S5 (W C 8)

From our equivalent width measurements (Fig. 4.12) we identified that it was unlikely that 

MS5 (Moffat & Shara 1983) was single, so we cannot simply calculate a model and directly 

compare this to our observations. Our approach to determine the stellar parameters for 

MS5 was to first calculated a WR model, essentially assuming that it was single, then 

co-add this model with an O star model by Kurucz (1979) with parameters; Lo =  2Lw r  

and T* =  30,000K logg =  4.0. This ‘combined’ model spectrum was then compared with 

the observed spectra and is shown in Figure 6.4. The ‘combined’ model now matches 

the observed spectra very well apart from C m  A5696 which is over-estimated, although 

as discussed in Section 6.1, less emphasis is given to this line when attempting to match 

the observed data. One way of determining the level of contamination for MS5, assuming 

our WR model was correct, is by adjusting the level of the contaminating source until we 

match the observed spectra, making sure that the luminosity of the polluting source is 

kept realistic. It is worth noting that there could be multiple sources polluting the spectra 

of MS5.

From our ‘combined’ synthetic spectra we derived the interstellar reddening towards 

MS5 to be Eb ~v  = 0.26 which assuming a distance to M31 of 752kpc (Freedman et al. 

2 0 0 1 ) and an observed magnitude of m^(sys) =  18.82 gives an absolute magnitude of 

M-v(sys) =  -6.37. Taking this a stage further, if our previous postulation that Lo = 2Lw r  

and Mv(sys) =  -6.37 are correct then the absolute magnitude for the combined system can 

be separated giving us an absolute magnitude for the WR star. This gives; My(o) =  -5.93 

My(w7?) =  -5.18, which means that MS5, if resolvable would be observed with a visual 

magnitude of my =  2 0 .0 1 .
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6 .4 .4  O B 4 8 -W R 1  (IT  5 -01 , W C 6 )

To match the observed spectra of OB48-WR1 (Massey, ArmandrofF & Conti 1986) we 

diluted the resultant model with a single O star model taken from Kurucz (1979), using 

the same method as discussed above for MS5. This time we inferred a somewhat lower 

dilution factor assuming that Lo =  Lw r - This combined O star -  WR model has the same 

successes and failures as reported for MS2 1  -  i.e. under-estimation for C iv  A5808 and 

CivHell A4650. The main difference between OB48-WR1 and MS21 is that OB48-WR1 

appears to be far more luminous than MS21, which in turn means that we calculate a 

much larger current mass for this star (see Table 6.3).

Continuing the same logical assumptions as for MS5, combining our derived reddening, 

Ejg -v  — 0.34 with our distance (752kpc) and apparent magnitude, my(sys) =  19.23, we 

calculate an absolute magnitude of =  -4.98. If our earlier assumption that Lo

=  L w r  is correct then it would imply a visual magnitude of mv ( WR )  = 19.98, and an 

absolute magnitude for OB48-WR1 of =  -5.46. This is reasonable and in fact is

almost identical to the absolute magnitude derived for OB10-WR1 (Massey, ArmandrofF 

Sz Conti 1986) by Smartt et al. (2 0 0 1 a). The parameters for OB48-WR1 listed in Table 6.3 

are for the WR component only.

6.5 Analysis o f WC stars in IC 10

A comparison of line strength measurements (Figure 4.12) with known single/binary WC 

stars identified that two WC stars in our observed sample, [MAC92] 10 and [MAC92] 20 

(Massey, ArmandrofF Sz Conti 1992), display line strengths indicative of single WC stars. 

We attempt to model these two stars, listing their inferred parameters in Table 6.4. A 

comparison between our observations and our computed theoretical models is shown in 

Figure 6 .6 . We continue using a reduced model calculation for the two WC stars in IC 10, 

only including spectral lines of He, C, O, Si and Fe (as followed in Section 6.4). Below we 

discuss the results obtained for both stars.

6 .5 .1  [M A C92] 10 (W C 7)

This late-type WC star is intriguing for a number of reasons; (i) it is the only bona- 

fide WC7 star in IC 10 (except for [MAC92] 15 which was classified a WC6-7 by Massey, 

ArmandrofF & Conti 1992), which is surprising given that the metallicity in IC 10 is ~0.3Z®



Table 6.3: List of derived stellar parameters for the WR stars in M31 from our sample, including the absolute magnitudes that 

were calculated using the inferred reddenings. The current WR stellar masses were calculated using the relationship derived 

from Schaerer & Maeder (1992). Note that for MS5 and OB48-WR1 both the observed (system) visual magnitudes and the 

assumed WR magnitudes are shown. There are two sets of parameters for MS12, the first set are those required to model 

the generic WR features, and the second set are those needed to match the strong oxygen emission lines. The parameters 

determined by Smartt et al. (2 0 0 1 a) for OB10-WR1 are also shown for comparison.

Star Spectral T* R* logL logM ôo C/He O/He PlJe (5c (5q mv(SJ/5) mv (w r ) Mvqsj/s) E B-V M v  oo M*

Type kK R© L© M ©t/r- 1 km s- 1 % % % (mag) (mag) (mag) (mag) (mag) (L/c) M©

MS5 WC8 70 4.08 5.56 -4.64 1400 0.30 0 .0 1 0 51 46 2 18.82 2 0 .0 1 -6.37 -5.18 0.26 4.3 16.9

MS1 2 W 04 90 3.61 5.89 -4.33 3600 0.50 0.065 36 54 9 19.83 19.83 -5.85 -5.85 0.42 10.7 28.4

— — 140 1.49 — -4.55 — — — — — — — — — — — 6.4 28.1

MS21 WC6 85 2.69 5.53 -4.60 2600 0.28 0.085 46 38 16 20.73 20.73 -4.98 -4.98 0.43 9.3 16.7

OB48-WR1 WC6 80 4.65 5.90 -4.38 2600 0.28 0.065 48 40 1 2 19.23 19.98 -4.98 -5.46 0.34 3.8 28.1

OB10-WR1 WC6 75 4.10 5.68 -4.30 3000 0 .1 0 0.025 - - - 19.32 19.32 -5.40 -5.40 0.18 15.4 2 1 .0
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Figure 6 .6 : Comparison between our flux calibrated Gemini-GMOS observations 

(solid) of WC stars in IC 10 and our synthetic models (dotted). The panel on the 

right shows the C IV A5808 emission line. Two synthetic models are shown for 

[MAC92] 10, details are discussed in the text.

(Lee et al. 2003), (ii) its emission lines appear very broad (i.e. FWHM(Clv 85 A), even 

broader than WC4 stars in IC 10. For these reasons it was very difficult to calculate a 

synthetic model which reproduced the observed optical spectrum.

It was challenging to simultaneously match the C m  A5696 and C iv A5808 emission 

lines, especially with such large terminal wind velocities required to match the broad line 

widths. The line strength of C m  A5696 is reduced with both decreasing mass-loss rates 

(which is required to match Civ A5808), and with increasing wind velocity (which is 

required to reproduce the observed line widths).

As we failed to reproduce both C I l l / C  IV we computed two sets of parameters for 

this WC star, the first (Model ‘A’), in keeping with other models, matched the strong 

WR emission lines and failed to predict any C m  A5696 emission. The second (Model
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‘B’), disregarded the main WR features but attempted to match the C m  A5696 emission 

line. Both of these synthetic models are shown in Figure 6 .6 . To match the C m  A5696 

emission line, we needed to more than double the mass-loss rate between Model ‘A’ and 

Model ‘B’. Unfortunately both models failed to reproduce the blended C iv /H ell A6560 

emission line. This interesting star highlights some of the downfalls of the current stellar 

atmosphere models, and it requires more attention than is given in this work.

We found that for our theoretical model to match our observations of [MAC92] 10, we 

needed to de-redden our spectrum by Eb - v  — 0.65. This is in contrast to the much larger 

colour excess determined from our narrow-band photometry E&_t, = 0.98 (i.e. Eb - v  — 

1.19). This inconsistency could be due to a number of possibilities, either our assumption 

that the intrinsic colour for a WR is (u — r)o= -0.2 mag, or that our inferred reddening 

from our synthetic models is underestimating the real colour excess due to the spectral 

range in which we can compare the observations and theoretical models. The latter is 

less likely responsible for the discrepancy as even over 4000 -  7000A the reddening can be 

constrained to ~0.5 mag. For consistency we use our observed broad-band photometry 

and model derived reddenings to calculate the absolute visual magnitude (see Table 6.4), 

and not the absolute magnitude derived via our narrow-band photometry.

6 .5 .2  [M A C 92] 20  (W C 5)

[MAC92]20 first reported by Massey, Armandroif Sz Conti (1992) appears like a typical 

WC5 star and is well reproduced by our model, except for C iv A5808 which is under

estimated, and the blended emission line at A4650 which is slightly over-estimated. Com

paring our reddenings derived from narrow-band photometry and our synthetic models we 

again find an inconsistency of AEb - v  =  0.27 mag. We choose to use our model derived 

reddenings in our absolute visual magnitudes.

6.6 Analysis o f WC stars in NG C 300

We continue to perform detailed analyses for a number of single WC stars in a variety 

of environments by extending this to NGC 300. Unfortunately due to the large uncer

tainties in the reddening towards this galaxy we could not accurately derive independent 

reddenings for each star from photometry. As a result we were unable to calculate realis

tic absolute magnitudes which we have used (in part) to determine potentially single WC



Table 6.4: List of derived stellar parameters for the WC stars in IC 10 from our sample, including the absolute magnitudes that 

were calculated using the inferred reddenings. The current WR stellar masses were calculated using the relationship derived 

from Schaerer &; Maeder (1992). There are two sets of parameters for [MAC92] 10, the first set are those required to model 

the generic WR features, and the second set are those needed to match the C ill A5696 emission lines.

Star Spectral T* R* logL logM Vqo C/He O/He @He Pc Po my My E B -V M v  oo M*

Type kK R© L© M©yr” 1 km s- 1 % % % (mag) (mag) (mag) (L/c) M©

[MAC92] 10 WC7 1 0 0 1.25 5.15 -4.92 3100 0.56 0.085 33 56 1 1 20.9: -4.97 0.65 12.9 10.7

— — 1 0 0 1.25 — -4.54 — — — — — — — — — 31.3 11.4

[MAC92] 20 WC5 85 1.34 4.93 -5.10 2600 0.26 0.065 49 38 13 2 2 .0 -3.65 0.58 11.9 8 .2
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Figure 6.7: Comparison between our de-reddened, flux calibrated VLT-FORS2 

observations (solid) of NGC300-#29 (WC5) and NGC300-#48 (W04) and our 

synthetic model (dotted). The panel on the right shows the blended A4650 fea

ture.

stars (see Section 4.2.4). So instead, from visual inspection, combined with the equivalent 

widths measurements we have inferred two WC stars which are possibly single; NGC300- 

#29 and NGC300-#48. These stars are studied, using the same techniques, and their 

stellar parameters are listed in Table 6.5. Figure 6.7 compares our synthetic spectra with 

our observations.

6.6.1 N G C 3 0 0 -# 2 9  (W R 3, W C5)

Overall, our observations are well reproduced by our theoretical model, except that C m  

A5696 is not predicted, as is Civ A5808. The only available oxygen diagnostic, O m -v  

A5590, appears weak, suggesting a low oxygen content.

6.6.2 N G C 3 0 0 -# 4 8  (W R 13, W 0 4 )

Unlike MS12 in M31 (Section 6.4.2) we only calculate one model for #48, concentrating on 

reproducing the majority of the various diagnostic lines. Generally, our synthetic spectrum



Table 6.5: List of derived stellar parameters for the WC stars in NGC 300 from our sample, the absolute magnitudes are also 

shown using the inferred reddenings and observed apparent visual magnitudes. The current WR stellar masses were calculated 

using the relationship derived from Schaerer & Maeder (1992).

NGC 300 Alias Spectral T* R* logL logM C/He O/He PHe Pc Po my Mv E B-V M v  oo M*

# Type kK R© L© M©yr_1 km s- 1 % % % (mag) (mag) (mag) (L/c) M©

29 WR3 WC5 1 0 0 1.87 5.50 -4.60 2700 0.08 0.050: 69 17 14 21.61 -5.23 0 .1 0 10.5 15.8

48 WR13 W 04 95 1.47 5.20 -4.80 3750 0.50 0 .1 0 0 34 52 14 21.87 -5.12 0.15 18.4 8.3
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Figure 6 .8 : Measured line strength C iv AA5801-12 versus absolute visual mag

nitude for WC stars in IC 10 (circles), M31 (squares), LMC (triangles) and 

NGC300 (diamonds). The open symbols signify (inferred) binary stars and filled 

symbols signify single stars. These data were taken from Smith, Shara & Moffat 

(1990) and Crowther et al. (2003) for the LMC and IC 1 0  data respectively.

is in reasonable agreement with our FORS2 observations. The extremely broad lines for 

this WO star hindered detailed comparisons, although the C m -lv/H ell A4650 blend is 

rather too strong compared with the observations. Unlike its counterpart, NGC300-#29, 

the O m -v  A5590 emission line suggests a much larger oxygen content (O/He > 0.1), in 

keeping with its spectral classification.

We test our earlier assumption that #29 and #48 were potentially single. By using 

the reddenings derived from our (un-reddened) theoretical model comparisons with our 

observations, we calculate absolute visual magnitudes. These magnitudes, combined with 

their measured EW(Civ) can be compared against previously known/inferred single stars. 

We find that both #29 and #48 are apparently single (see Figure 6 .8 ).
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Table 6 .6 : List off ‘typical’ stellar parameters for a WCE star, considering three different 

scenarios, (i) WC star is single (O/WR=0); (ii) star has been diluted from an T*=30kK, 
logg=4.0 OB star of equal visual magnitude (0/W R=l); (iii) again, star has been diluted 
by the same OB star, but with twice the visual magnitude (0/WR=2).

O/WR T* R* logL logM Voo C/He O/He f t He Pc Po M*

kK R© L© M0 #r_1 km s- 1 % % % (mag) M0

0 85 2.26 5.38 -4.70 2600 0.28 0.085 46 38 16 -4.48 13.9
1 85 1.60 5.08 -4.92 2600 0.28 0.085 46 38 16 -3.73 9.8
2 85 1.30 4.90 -5.06 2600 0.28 0.085 46 38 16 -3.29 8 .1

6.7 Effects o f  contam ination

The question of contamination becomes an important issue when attempting to resolve 

single stars within external galaxies. For example, a 1.5" slit width corresponds to a 

spatial scale of ~  6 pc at a distance of 816kpc (equivalent to M33). Add to this the fact 

that the majority of WR stars are located in crowded regions containing large stellar 

populations, the task of obtaining uncontaminated WR spectra is made very difficult.

We have simulated binary effects by co-adding a normalized model spectrum of an 

OB star to a model WR spectrum to determine the effects that an incorrect assumption 

for the star’s luminosity would have on our theoretically derived stellar parameters (see 

Table 6 .6 ). For completeness we have calculated three different cases, (i) a single WR 

star (i.e. O/W R =  0); (ii) a WR star with contamination from a nearby OB star of 

equal continuum brightness (O/W R =  1); (iii) a WR star with contamination from a 

nearby OB star with a continuum twice as bright (O/W R =  2). For the companion 

we used a generic OB star model of T*=30kK, log#=4.0 taken from the Kurucz (1979) 

grid within d i p s o . These results are shown in Figure 6.9. We caution the use of this 

technique at UV wavelengths as the underlying continuum shape becomes very different 

but is reasonable when only considering optical wavelengths. These levels of contamination 

simulated represent a plausible scenario. Recently a quadruple WR system was observed 

by Demers et al (2 0 0 2 ), in which they uncovered a (WR+O) +  (O+O) stellar system in 

GP Cephei. Their studies found that for the (WR+O) component, both stars had equal 

M„. These effects are considered when we compare stellar parameters.

We find that the line strengths for the synthetic model were diluted such that the
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Figure 6.9: Simulated effect of multiplicity, by co-adding a scaled model spectrum 

of an OB star to a model WCE spectrum to examine the effects on theoretically 

derived stellar parameters (see Table 6 .6 ). For completeness we have calculated 

three different cases, (i) a single WR star (i.e. O/WR =  0); (ii) a WR star with 

contamination from an a OB star of equal continuum brightness (O/WR =  1); 

(iii) a WR star with contamination from a nearby OB star with a continuum twice 

as bright (O/WR =  2). For the companion we used a generic OB star model of 

T* =  30kK, logg =  4.0 taken from the Kurucz (1979) grid within d i p s o .
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EW (Civ) was found to be reduced almost by a factor of two for O/W R =  1 and a factor 

of three for O/W R =  2 . This could then be used as evidence, to some extent, that 

using the EW (Civ) versus spectral type (see Sect. 4.2.4), as our indicator of possible 

multiplicity is valid in obvious cases where the contaminating source has approximately 

equal visual continuum brightness. In the more extreme cases in our sample of M 33 WC 

stars, where logEW(Clv) ~  1.7 (see Fig. 4.9), we would need to dilute the spectrum, 

using the synthetic model described in Table 6 .6 , heavily to match these weaker values. If 

our assumption that the contamination was due to a hot OB stars is correct, then it would 

imply a O/W R ratio of approximately ten to dilute C iv enough to match the weakest of 

these observations.

Figures 6.14 and 6.16, in the following section, highlight the effects that contamination 

from another OB star can have on a WR star’s stellar parameters. This occurs if the 

observed absolute magnitude is assumed to be from a single source but is in fact from 

multiple sources. This would cause a gross over-estimation in stellar luminosity of the 

WR star. The vector shown indicates the effect that a contaminating source with a visual 

continuum luminosity equal to that of the WR star would have on our derived parameters.

6.8 Comparisons

We are now in the unique position where we have stellar parameters for ~17 single WC 

stars, spanning a metallicity range of approximately a factor of 10. We can then directly 

compare these results to investigate whether their properties are affected by the local 

metallicity. We start by studying the contrast in the observable WR properties (e.g. 

Vqo, My), and then compare a number of stellar parameters inferred from our theoretical 

models (e.g. M , chemical abundances).

6 .8 .1  W in d  V e lo c ity

Determining the physical parameters for our (selected) sample of extragalactic WC stars is 

helpful in the understanding of WR stars. The terminal wind velocity is one of the many 

fundamental stellar parameters which are important for a number of reasons; terminal 

velocities are required to accurately determine mass-loss rates, and are important for 

studies of wind interactions in the ISM. Theoretical studies also predict a metallicity 

scaling for the terminal velocity (which is dependent on a , the CAK force multiplier,
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Figure 6.10: A comparison between the terminal wind velocities for Galactic WC 

stars (filled squares), LMC (open square), M31 (triangles) M33 (stars), IC 10  

(circles) and NGC 300 (diamonds) versus spectral type. The values plotted for 

the Galaxy and LMC are the averaged values taken from van der Hucht (*2001) 

and Crowther et al. (2002) respectively, and the range of observed limits are also 

shown.

and the escape velocity). Leitherer, Robert & Drissen (199*2) prescribed a metallicity 

dependence for the terminal velocity which scaled to the power of 0.13 (i>oo,Z oc Z0*13̂ ,© ), 

which has yet to be confirmed observationally.

We perform a simple comparison between the terminal wind velocity from our observed 

WC stars with published velocities for Galactic and LMC WC stars. These are plotted 

as a function of spectral type (see Fig. 6.10). In this case there was no discriminator 

needed as to whether the velocities plotted were measured from binary systems or not, as 

this should not affect the calculated wind velocity. The terminal velocities for the known 

Galactic WC population taken from van der Hucht (*2001) are also shown in Figure 6.10,
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Figure 6 .1 1 : Terminal velocities for our sample of extragalactic WC stars

determined from our theoretical models (opened symbols) versus measured 

FW H M (C lv AA5801-12) for WCL stars (triangles), WCE (squares) and WO 

stars (circles). These are compared with the terminal velocities for Galactic WC 

stars taken from Prinja, Barlow & Howarth (1990) and Sand 2  in the LMC from 

Crowther et al. (2000) (filled symbols), which were measured from UV P-Cygni 

profiles.

including the range of observed limits. The terminal velocities for six WC4 stars in the 

LMC are also plotted and were taken from Crowther et al. (2 0 0 2 ).

Overall, there does appear to be a trend of increasing terminal wind velocity towards 

earlier WC subtype (with a scatter). There is no discernible segregation between the 

samples of stars, unlike the theoretical predictions. Not only is the theoretical dependence 

between terminal velocity and metallicity weak ( u q q  o c  Z013), but considering the observed 

scatter any possible variation in the terminal velocity due to the local metal content would 

be undetectable. For example, assuming the average terminal wind velocity collated by 

van der Hucht (2001) for WC5 stars (vqq ~  2 2 0 0 kms_1) is representative, the proposed 

difference in terminal velocity between a WC5 star located in a region of solar metallicity



220 Chapter 6. Properties of WC stars

and one located in a region of half-solar metallicity is ~190kms_1. Compare this with the 

observed scatter of 400kms-1 quoted by van der Hucht (2001) for Galactic WC5 stars and 

it highlights the difficulties with accurately observing a discernible difference between WR 

stars in various environments. There is however, a large spread in the values for Galactic 

WC7 stars, ranging from 1500 -  3600kms-1, which dos not follow the gradual trend of 

increasing terminal velocity. [MAC92] 10 in IC 10 is also observed to have an unusually 

fast wind, perhaps suggesting that there are a distinct sub-class of WC7 stars.

Terminal velocities for hot, massive stars are traditionally measured from observed 

UV P-Cygni absorption profiles (e.g. Prinja, Barlow & Howarth 1990) or from IR He I 

line profiles (Howarth & Schmutz 1992). Unfortunately with only optical spectroscopy 

available these techniques were not available and so (calculated) adjustments to the the

oretical models were made until the observational line widths were reproduced. We in

vestigate whether our determined terminal wind velocities are correlated to the observed 

FWHM(Civ AA5801-12). The aim is to provide an independent method for estimating 

the terminal velocity using a strong optical emission line.

We plot our inferred terminal velocities versus measured FWHM(Civ AA5801-12) for 

the WC and WO stars in our dataset (see Fig. 6.11). We also compare these results 

with accurately derived terminal velocities for Galactic WC stars, using the measured 

terminal velocities from Prinja, Barlow & Howarth (1990), and Sand 2, a WO star in 

the LMC, from Crowther et al. (2000) all derived from UV P-Cygni profiles. We use 

the observed FWHM measurements given by Smith, Shara & Moffat (1990). We find 

the terminal velocity gradually increases as we move from WCL to WCE, with a sharper 

(more scattered) increase towards early type WC and WO stars. We fit these data with a 

simple polynomial that can be described by

Uoo =  73529 [0.011 +  5.22 x 10-3 (FW tfM (C iv) -  28.725)05] (6.1)

Equation 6.1 will not provide an exact determination of the terminal velocity but should 

be effective in inferring a good first order approximation for modelling extragalactic WC 

stars. It would simply require a FWHM measurement of the strong emission line, C IV 

AA5801-12, before calculating an initial estimate for the terminal velocity of the wind. 

This would serve as a quick and helpful tool in calculating stellar atmosphere models, of 

course minor adjustments to the final terminal velocity could possibly be required before 

accurately reproducing the spectroscopic observations.
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Figure 6.12: A comparison between the absolute visual magnitudes for Galactic 

WC stars (filled squares), LMC (open square), M31 (filled triangles), M33 (filled 

stars) and the WC stars in IC 10 (filled circles), versus spectral type. The data 

for the Galactic and LMC WC stars were taken from van der Hucht (2001) and 

Crowther et al. (2002) respectively as well as the LMC WO star, Sand2 , taken 

from Crowther et al. (2 0 0 0 ).

6.8.2 A bsolute M agnitude

Obtaining accurate absolute magnitudes for most WR stars can prove very difficult, this 

is mainly due to an either unknown, or in most cases, an uncertain distance to the WR 

star. Combined with this the problem of obtaining an accurate reddening towards the 

star, the task of calculating precise absolute magnitudes can be very difficult.

Our method for calculating absolute visual magnitudes is to use our observed apparent 

magnitudes, combined with our model inferred reddenings (except for our sample of M33 

WR stars where we assumed a generic reddening), and assuming the independently derived 

distances discussed in Chapter 2 . Figure 6 .1 2  shows the absolute visual magnitudes,
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measured in narrow-band v (Smith 1968), for our sample of extragalactic WC stars inferred 

from our theoretical single star models. We include the absolute magnitudes derived for the 

two contaminated WR stars in M31, MS5 (WC8) and OB48-WR1 (WC6), we must stress 

that these WR magnitudes are less accurate as they were calculated assuming an uncertain, 

but realistic, level of contamination. These results are again compared to published results 

for WC stars in the Galaxy (van der Hucht 2001) and the LMC (Crowther et al. 2002), 

and is the reason why we plot narrow-band, rather than the tabulated, broad-band visual 

magnitudes.

Figure 6.12 shows that there is a scatter of absolute magnitudes for the WC stars in the 

Local Group. The majority of our dataset lie below the range of absolute magnitudes listed 

by van der Hucht (2001) and appear intrinsically brighter than their Galactic counterparts. 

This is highlighted by the WO star in our sample (M31-MS12), which has an absolute 

magnitude of =  -5.19 mag, compared with =  -2.80 mag given by van der Hucht

(2001), although this too is a single measurement. To help reduce confusion we also include 

the observed absolute magnitude for Sand2, a W 04 star located in the LMC, using the 

observed apparent magnitude and reddening by Crowther et al. (2000). The absolute 

magnitude for Sand2 unfortunately does not agree with either dataset but would suggest 

that W 04 stars have an absolute magnitude somewhat closer to WC4 stars than our 

sample would otherwise indicate. These discrepancies highlight the potential difficulties 

in obtained accurate absolute visual magnitudes for extragalactic WR stars. Even with 

the large spread of magnitudes for each given spectral type there does not appear to be a 

distinct separation for WC stars from different galaxies and hence various environments.

The Galactic WC7 stars in Figure 6.12 appear to be much brighter than WC6 stars. 

We know from modelling these objects that there is very little difference in the structure 

of their stellar winds. This is not the case when including the WC stars from our larger 

sample. Unfortunately until many more WC stars are observed and confidently assigned 

distances then little more can be inferred from this diagram.

It must be noted that we are still comparing small number statistics as both our sample, 

and those published by van der Hucht (2001) only contain relatively small numbers. Also 

there are still large uncertainties from the van der Hucht (2001) sample associated with 

a number of the distances to galactic WR stars (i.e. they are assumed to be members of 

Clusters/OB associations), allowing for their absolute magnitudes to be under-estimated 

by one or two magnitudes in Mv.
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6 .8 .3  W in d  E ffic ien cy

In this section, we investigate the wind efficiency number calculated from our models, this 

is sometimes referred to as the ‘wind performance number’ (see Chapter 3). It describes 

the fraction of momentum from the radiation that is transferred to the ions in the wind 

and is given by

_  ^ o o  ( a  ^

n= j m  ( 6 - 2 )

Wind efficiency values below 1 indicate that the transfer of wind momentum is achieved 

through the single scattering of continuum photons, while values in excess of 1 indicate 

very efficient momentum transfer with multiple scatterings becoming extremely impor

tant (Owocki & Gayley 1999) -  in the dense, optically thick atmospheres of WR stars, 

this scenario is valid. Theoretically, it was suggested by Lucy & Abbott (1993) that if 

the ionization in a WR wind was stratified and multiple scatterings occurred then wind 

efficiencies of, 77 ~  1 0  could be explained by line driving.

O-star winds are reasonably well explained by radiation driven wind theory (Puls et al. 

1996). Unfortunately radiation driven wind theory has problems reproducing the large 

wind efficiency observed in WR winds. Recent results however, have managed to reduce 

the wind performance number, through the inclusion of clumping and line blanketing, 

for WN (Herald, Hillier & Schulte-Ladbeck 2001) and WC stars (De Marco et al. 2000), 

such that the driving mechanism for WR stars can still be explained simply by radiation 

pressure on (optically thick) lines.

Hillier et al. (1998) discussed possible factors which affect a star’s wind efficiency and 

which might help explain why WR stars have such large wind efficiencies. These included 

a connection to the star’s wind ionization, highlighting the importance of Fe in driving 

the outflow, and another mechanism suggested, which at least influences mass-loss, was 

rotation. These influences have yet to be confirmed or explained.

We investigate how a number of observable parameters vary with respect to the cal

culated wind efficiency. Figure 6.13 shows four plots, all comparing the theoretical wind 

efficiencies as a function of chemical enrichment, temperature, spectral type and termi

nal velocity. None of these appear to be well correlated and there is a large scatter due 

to the wide range in parameters which are combined to determine the wind efficiency. 

Our calculated wind efficiencies agree well with previously published values (e.g. Dessart 

d  al. 2000; Nugis & Lamers 2000). They also are of a realistic level (77 < 20) which can
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Figure 6.13: Wind efficiency shown as a function of chemical enrichment (i.e. 

(C + 0 )/H e; upper left panel), temperature (upper right panel), spectral type 

(lower left panel) and terminal velocity (lower right panel). For the two WR  

stars where we computed two sets of theoretical models both sets of parameters 

are shown. The dashed line shows the single-scattering limit.
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be attributed to radiation driven winds.

6 .8 .4  M a ss-L o ss  R a tes

As discussed in Chapter 3, theoretical work predicts that massive star winds are driven 

by radiation pressure from optically thick (and thin) metal lines (Castor, Abbott & Klein 

1975). This implies that at a fundamental level the original metal content of the star when 

it was formed should constrain the outflow from the star. It is well established that the 

theoretical and observational studies of OB stars have shown that their radiation-driven 

winds are sensitive to the metallicity from which they were formed (Vink, de Koter h  

Lamers 2001), providing a metallicity dependence. However, the case for WR stars -  their 

evolved descendants -  has remained uncertain, since fully self consistent models of their 

stellar winds have yet to be presented.

Recent evolutionary models during the WR phase assume; (i) no mass-loss metallicity 

dependence (Langer 1989); (ii) solely a discrimination between WN and WC stars (Nugis 

Sz Lamers 2000); (iii) a full metallicity dependence analogous to O stars (Vanbeveren, de 

Loore & van Rensbergen 1998). Observationally the importance of establishing a mass-loss 

dependence is relevant to the ultimate fate of massive stars and gamma-ray bursts (Heger 

et al. 2003). Although it is still believed that radiation-driven winds are responsible for 

initiating the outflows of WR stars there are still many unanswered questions which could 

mask the effects of line driving from metal lines, for instance do other enriched elements 

(e.g. C, N, O) significantly enhance the mass-loss in WR stars?

The question of whether there is a metallicity dependence for mass-loss rates of WR 

stars was first quantified by Nugis & Lamers (2000). They found that from their sample 

of 64 Galactic WR stars the mass-loss rates varied with luminosity and metallicity such 

as:

logM = -11.00 +  1.29{±Q.U)logL +  1.73(±0.42)/^y +  0A7{±0m )logZ  (6.3) 

with a slightly larger metallicity dependence for WC stars:

logM  =  -8.30 +  0M(±0.17)logL  +  2M {±l.S7)logY  +  lM {±1.16)logZ  (6.4)

where Y  and Z  are the chemical composition of helium and metals respectively.

Hamann, Grafener & Koesterke (2003) recently discussed their results for 15 single 

Galactic WC4-7 stars, in which they determined approximate stellar parameters using a
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Figure 6.14: Comparison between the mass-loss rates and the luminosities for 

our sample of single WC stars in M33 (stars), M31 (triangles) IC 10 (circles) 

NGC300 (diamonds). We also include the sample of Galactic (open squares) 

and LMC (filled squares) WC stars studied by Crowther et al. (2002). The solid 

line correspond to the calibrations of Nugis & Lamers (2000) for Galactic WR 

stars, while the dashed line shows the linear fit to the LMC data by Crowther 

et al. (2002). The dotted line represents a least-squares fit to the data. The 

linear vector shows the effect a contaminating OB star of equal visual continuum 

luminosity would have on our inferred stellar parameters (see Sect. 6.7).
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coarse grid of theoretical models. Comparing their inferred model parameters for their 

sample they found a small scatter, implying a mass-loss rate -  luminosity relationship 

which is described by

logM  =  —8.93 +  1.33log(L/Lo) (6.5)

They note that the spectra of all the WC4-6 stars studied appear extremely similar and 

that the surface chemistries for their program stars were well approximated by j3ffe =  55% 

and f}c  =  40% (i.e. C/He =  0.24).

A more tailored and comprehensive analysis of WC stars was undertaken by Crowther 

et al. (2002). They performed detailed analysis on a number of LMC WC4 stars and com

pared these results with Galactic WC stars, analyzed in an identical manner. They found 

that the Galactic WC stars, compared with their LMC counterparts stars have systemati

cally lower luminosities and higher mass-loss rates. From their results they mathematically 

describe a mass-loss -  metallicity dependence for WC stars with a similar exponent (i.e. 

Mcc Z 0-5) to that found for O stars (Vink, de Koter & Lamers 2001).

Figure 6.14 compares the observed luminosities and mass-loss rates for our sample of 

extragalactic WC stars with their LMC and Galactic counterparts. We might expect stars

from within a specific galaxy to lie along a particular slope, since all are from the same

region. In contrast, individual stars are scattered amongst the Galactic and LMC WC 

stars, such that no clear metallicity dependence is observed. We perform a least-squares 

fit to the data and although we do not confirm a metallicity dependence we can measure 

the relationship between the mass-loss rate and luminosity, which we find to be

logM  =  -8.54 +  0.70log{L/Le ) (6.6)

Our derived relationship (shown in Equation 6.6) is similar to the linear relation in

ferred by (Nugis &; Lamers 2000) for WC stars (see Eqn. 6.4), but with a slightly differ

ent correlation (i.e. shallower gradient). The opposite can be said when comparing our 

mass-loss rate -  luminosity relationship with that approximated by Hamann, Grafener 

& Koesterke (2003). We exclude the (approximate) relation by Hamann, Grafener &; 

Koesterke (2003) in Figures 6.14 and 6.15 but compare our relation with that inferred by 

(Nugis & Lamers 2000).

To further test the credence of a mass-loss -  metallicity dependence for WC stars we 

have further divided the dataset into WC stars that lie in regions which we have inferred to
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Figure 6.15: Comparison between the mass-loss rates and the luminosities for 

our sample of single WO stars (circles) WCE stars (squares) and WCL stars 

(triangles). We again also include the sample of Galactic and LMC WC stars 

studied by Crowther et al. (2002). For stars which are located in regions greater 

than solar (8.66; Asplund 2003) the symbols appear open whereas WC stars 

located in sub-solar regions are filled. The solid, dashed and dotted lines as well 

as the vector are the same as in the previous figure.
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have metallicities that are sub- or super-solar. We also segregated the dataset into early- 

and late-type WC stars. These results are shown in Figure 6.15. We see that there is a 

spread in mass-loss rates and luminosities. Although they are weakly clustered around the 

Nugis & Lamers (2000) calibration, their properties conflict with the expected mass-loss 

-  metallicity dependence. For example, we observe stars located in both metal rich and 

metal poor regions that have similar properties (e.g. MC26 (Massey & Conti 1983) in 

M33 and [MAC92]20 (Massey, ArmandrofF h  Conti 1992) in IC10). It also calls into 

question whether mass-loss rates are enhanced with increasing metallicity for WC stars, 

as proposed by Crowther et al. (2002), or whether the carbon and oxygen produced within 

the star significantly aids line driving, and further accelerates the star’s atmosphere. Even 

though our results do not confirm a metallicity dependence in WC stars, considering the 

range of environments these stars are located in, the observed scatter is relatively narrow 

suggesting that the wind densities for WC stars are homogeneous.

6 .8 .5  A tm o sp h e r ic  A b u n d a n ces

WR stars provide an important source of chemical enrichment into the surrounding en

vironment via their powerful stellar winds. There are also other sources of chemical en

richment, namely asymptotic giant branch (AGB) stars which are also responsible for 

producing significant quantities of processed elements. Even though AGB stars have weak 

winds and produce small quantities of carbon, they are abundant and form in favour of 

WR stars, as described via the initial mass function. As a result they are still considered 

important in evolutionary calculations of stellar populations. There are still discrepancies 

as to which source is more significant at producing CNO elements -  WR or AGB stars. 

Recently, Dray et al. (2003) suggested that, at solar metallicities, WR stars produced as 

much, if not more, carbon enrichment than AGB stars, depending on the stellar models 

and IMF inferred. Finally, another source of CNO elements comes from type II supernovae 

(Woosley & Weaver 1995). We assess the amount of chemical enrichment of carbon and 

oxygen (relative to helium) predicted from our theoretical models.

The majority of the surface carbon and oxygen abundances from our sample all lie 

within a narrow range. Three WC(E) stars appear to have lower surface abundances 

compared with the majority of our sample and their Galactic counterparts, MC70 (in 

M33), OB10-WR1 (in M31) and NGC300-#29 (in NGC 300). These three stars have 

similar surface chemistries to the WCE stars studied in the LMC by Crowther et al.
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Figure 6.16: Comparison between the (C+0)/H e (by number) and the luminosi

ties for our sample of single WC stars in M33 (stars), M31 (triangles) IC 10 

(circles) NGC300 (diamonds). We also include the sample of Galactic (opened 

squares) and LMC (filled squares) WC stars studied by Crowther et al. (2002). 

Evolutionary predictions shown are for non-rotating stars (Meynet et al. 1994), 

and for stars with an initial rotational velocity, u,m =  300kms-1 (Meynet &; 

Maeder 2003) all calculated at solar metallicity. Both evolutionary models are 

shown at three initial stellar masses, 40M© (solid), 60M© (dot-dashed), and 

85M© (dotted). The linear vector shows the effect of a contaminating OB star of 

equal visual continuum brightness would have on our calculated parameters (see 

Sect. 6.7).
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(2002). Similarly we find three WCE/WOE stars with chemically enriched winds, AM17 

(in M33) MS12 (in M31) and NGC300-#48 (in NGC 300). To match the observed line 

strengths of our abundance diagnostics, O m -v A5590, Hell A5411 and C iv A5471, in 

these three stars, our models required a larger surface abundance of carbon and especially 

oxygen compared with the other WC stars in our sample.

Figure 6.16 shows our calculated surface chemistries, (C +0)/H e, against their respec

tive luminosity for all the WC stars in our sample. We also show the results published by 

Crowther et al. (2002) and references therein. Individual surface chemistries for our sample 

of WC stars in M33 and M31 are similar to those predicted for their Galactic and LMC 

counterparts, with a scatter of abundances amongst late and early spectral types. Recent 

work by Crowther et a l (2002) suggested that the WC spectral type is not governed by 

a variable surface abundance ratio of processed elements (i.e. carbon and oxygen) as first 

proposed by Smith k  Maeder (1991), but in fact is dominated by mass-loss rates, with 

secondary effects from temperature variations.

We also show evolutionary predictions for non-rotating (Meynet et al. 1994) and more 

recent, rotating models (Meynet k  Maeder 2003), for WR stars at solar metallicity. The 

rotational models shown were calculated with an initial velocity, vmi =  300kms_1. As a 

result of mass-loss and mixing the amount of He-burning products observed at the stellar 

surface are enhanced, subsequently causing the observed (C4-0)/He ratio to increase. 

Both the lifetimes and the predicted evolutionary tracks are drastically modified with the 

inclusion of rotation (Meynet k  Maeder 2003). The rotational model for a 85M@ star is 

seen to be less luminous than the lower mass models. This is because the track enters the 

WC phase with a lower mass, which is mainly due to an extended WN phase relative to 

the non-rotating case.

We again divide the dataset into two groups, those located in regions with metallicity 

greater than solar, and those which are in regions with metallicities less than solar. These 

results are shown in Figure 6.17, where we compare the surface chemistries, (C +0)/H e (by 

number), and the luminosities for our sample of WC stars. We find that the abundances 

of carbon and oxygen are similar for both late- and early-type WC stars and span a range 

of approximately 0.1-0.5 by number (relative to He). There is however, an enhanced 

chemistry observed in early-type WO stars and a select number of early-type WC stars 

which could well be transitional WO stars. Although we do not confirm a WC spectral 

type -  carbon abundance relationship predicted by Smith k  Maeder (1991), the carbon-
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Figure 6.17: Comparison between the (C + 0 )/H e  (by number) and the luminosi

ties for our sample of single WO stars (circles) WCE stars (squares) and WCL 

stars (triangles). We also include the sample of Galactic and LMC WC stars 

studied by Crowther et al. (2002). For stars which are located in regions greater 

than solar (8.66; Asplund 2003) the symbols appear open whereas WC stars lo

cated in sub-solar regions are filled. The same evolutionary tracks are shown as 

in the previous figure. The estimated (C + 0 )/H e  ratios for each WC spectral 

type by Smith & Maeder (1991) are also shown.
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Figure 6.18: Calculated carbon abundance, C/He, by number versus peak flux 

ratio of He II A5411 and C IV A5471 for WCL stars (triangles), WCE (squares) and 

WO stars (circles). The solid line shows an unweighted, least-squares polynomial 

fit to the data.

oxygen abundance could be a useful tool in studies of WO stars. Finally by comparing 

our dataset, spanning a factor of ~10 in metallicity, we find that the observed abundances 

in WC stars appear insensitive to metallicity variations.

We use our representative dataset of WC stars to investigate whether our derived pa

rameters will assist future studies of extragalactic WR stars. As described in Section 6.8.1, 

we were able to determine a simple formula which could then be used to equate an easily 

observable, in this case the FWHMfCiv AA5801-12), and yield an approximation for the 

star’s terminal wind velocity. We continue with these sentiments; this time we compare 

the theoretical peak flux ratio of Hell A5411 and C iv A5471 against the derived C/He 

ratio (by number). Figure 6.18 shows our results. At low carbon abundances the ratio 

of peak flux is a steep gradient, this becomes much shallower at intermediate and larger 

abundances. In an attempt to use these results so that the observed peak flux ratio can be 

used as an indicator of carbon abundance, we fit a unweighted, least-squares polynomial
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fit to the data which can be described by

C/He  = 0.201 [2.524 -  3.158{PeakHe/P eakc -  0.847)0 5] (6.7)

As long as these weak emission lines can be observed and accurately measured then Equa

tion 6.7 should give a first order approximation for the C/He abundance, which can then 

be used as a quick tool to obtain an initial estimate for modelling extragalactic WC stars.

Unfortunately with a lack of calculated carbon abundances in the region 0.32 -  0.50 

(C/He, by number), the relationship shown in Equation 6.7 is relatively insensitive to 

abundances when C/He > 0.32. Figure 6.18 does however, support the suggestion that 

the parameters of WC stars are widely uniform in nature, as discussed in Section 6.8.4, 

where we find the majority of WC stars have C/He ~  0.3 with only a few objects largely 

deviating from this cluster.

6 .8 .6  C urren t S te lla r  M a sses

Finally, we compare the present masses for the WC stars in our dataset using the inferred 

stellar parameters. We calculate these stellar masses based on their derived luminosities 

assuming the relationship described by Schaerer & Maeder (1992). This calibration is valid 

for WR stars located in various environments as the luminosity is insensitive to chemical 

composition (Schaerer & Maeder 1992). We find that the WC stars in M33 lie in the 

range 6-18M®, whereas our sample of WC stars in M31 are predicted to be somewhat 

higher, ranging 14-25M®. Interestingly, for the two WC stars studied in IC 10, a low 

metallicity environment, we calculate a low range of present masses, 7-9M®- contrary 

to what you might expect -  considering the large initial mass predicted by evolutionary 

models to form a WC star in such a metal deficit galaxy. Suggesting that either our derived 

luminosities are severely under-estimated, or that both stars have lost a significant amount 

of material during their lifetime. Given the difficulties reproducing the observed spectrum 

for [MAC92] 10 and the unusual nature of this star it is difficult to directly compare with 

the rest of the sample. The predicted stellar masses for the WC stars in NGC300 lie 

within the range 9-14M®, similar to those predicted for the WC stars in M33. These 

current masses also agree well with those inferred by Crowther et al (2002) for six WC 

stars in the LMC, in which they claim lie between 12-18M®.
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6.9 Conclusions

We have obtained high-resolution optical spectroscopy for a large sample of WC stars 

located in a number of Local Group galaxies, as well as NGC300 in the Sculptor Group 

of galaxies. From our sample we used a series of techniques to identify potentially single 

WR candidates, of which 17 were carbon-sequence WR stars. Using these probable single 

WC stars we have evaluated their stellar parameters using the non-LTE, line blanketed 

model atmosphere code, c m f g e n  (Hillier & Miller 1998), accounting for the effect of iron- 

group elements which are vital in studying WC stars. A comparison of these inferred 

parameters have surprisingly found that the intrinsic properties for a WC star formed in 

IC 10 (~0.3Z®) are very similar to a WC star formed in M31 (^l.SZ®). This is seen 

through a number of observables; from mass-loss rates to surface abundances.

Our studies of terminal wind velocities have found a natural progression of increasing 

terminal wind velocity towards earlier spectral type. We use our calculated terminal 

velocities and compare them with accurately derived terminal velocities measured from 

UV absorption profiles. These are then plotted against observed FWHM(C iv AA5801- 

12). We find an increasing but shallow correlation with FWHM and terminal velocity for 

narrow-lined WC stars, with a somewhat sharper correlation for broad-lined WC stars. 

This relationship was fitted with a second order polynomial (see Eqn. 6.1), and will provide 

users with a first order approximation when estimating terminal velocities such that they 

can be modelled.

We have also compared the absolute visual magnitudes calculated from our sample 

with those listed in van der Hucht (2001). We observe a (weak) trend among WC spectral 

types with later type WC stars appearing intrinsically brighter than their early type 

counterparts. Although we find an increase in the absolute magnitude towards earlier 

spectral types, we still find a relatively large scatter. These discrepancies can be attributed 

to a number of factors; mainly concerning the uncertainties in the observed reddenings and 

distances, but there are also potential errors in incorrect measurements of the apparent 

visual magnitudes and highlights the caution and difficulty required in determining the 

absolute magnitudes for extragalactic stars.

The wind efficiency was calculated for our sample of WC stars and was found to be 

in good agreement with previously published wind efficiencies. From our sample we find 

that the wind efficiency is typically ~15. Compared with early determinations this is
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somewhat reduced, and can be explained by the inclusion of line-blanketing and clumping 

into our theoretical calculations. Thankfully wind efficiencies of a factor ten times above 

the single scattering limit can be realistically explained by radiation driven winds, rather 

than requiring an unknown mechanism. We contrast the derived wind efficiency for our 

sample against a number of other observable parameters (e.g. abundance, T, Voo, spectral 

type) and conclude that none of them appear well correlated.

Theoretically, it is unclear whether WR stars, both WN and WC, are sensitive to the 

metallicity of the material from which they were formed. As discussed there have been 

a number of previous descriptions to account for any mass-loss metallicity dependence 

(e.g. Langer 1989; Nugis k  Lamers 2000), although none have been conclusive. We have 

compared the observed luminosities and mass-loss rates for our sample of WC stars and 

they do not appear sensitive to metallicity, as originally suggested by Crowther et al. 

(2002). Our results show a spread in mass-loss rates and luminosities for WC stars, 

with similar parameters being found for WC stars in the metal deficient galaxy IC 10 as 

for those in the much more metal-rich galaxy M31. Although we find a scatter, these 

results are still well approximated by the intrinsic WR calibration calculated by Nugis k  

Lamers (2000). From the fact that there is very little deviation from this calibration, we 

claim that the wind density for WC stars is intrinsically uniform. There are still many 

unanswered questions, such as the role enriched elements such as carbon and oxygen 

play in significantly enhancing line driving. Plus there are complexities which arise from 

other factors such as the ionization stratification within a star’s atmosphere and photon 

blocking. These added complications could possibly lead to instabilities which could result 

in a variable mass-loss rate (Owocki k  Gayley 1999).

A similar conclusion was drawn when comparing the calculated surface abundances 

from our sample. We find that generally the surface chemistries from our sample are 

very similar to Galactic WC5-8 stars (with known distances) observed by Crowther et ah

(2002). Also it appears that they is very little difference between the carbon and oxygen 

abundances observed for stars located in different environments and between early- and 

late-type WC stars. This implies that the surface chemistries of processed elements (i.e. 

C and O) are unaffected by metallicity variations.

In summary, the fundamental parameters for our sample of WC stars are similar to 

Galactic and LMC WCE stars studied in the same manner. This evidence would suggest 

that the structure of a WC(E) stellar wind is inherently the same -  a conclusion supported
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by Hamann, Grafener & Koesterke (2003). We conclude that we find no observational ev

idence for WC stars displaying a metallicity dependence, and call into question whether 

mass-loss rates are enhanced with increasing metallicity for WC stars. Unfortunately, due 

to the uncertainties still surrounding extragalactic metallicity gradients this question can

not be confidently answered. Although the majority of our sample show a homogeneous 

trend in stellar parameters, we have identified some rather interesting candidates, namely 

[MAC92] 10 (Massey, Armandroff & Conti 1992) in IC 10, which require further investi

gation beyond the scope of this work. Further observational studies are required for an 

even larger sample of WC stars, with accurately evaluated metallicities, before conclusive 

evidence can be found that WC stars show any to metallicity dependency.



C h a p t e r  7

Discussion and Future Work

We conclude by reviewing the main points outlined by this work, highlighting the prin

cipal conclusions from most sections. This is followed by a brief description of possible 

developments for future work.

7.1 Summary

7 .1 .1  O b serv a tio n s o f  E x tr a -G a la c tic  W R  sta rs

With recent advances in astronomical instrumentation, massive stars in Local Group galax

ies, with metallicity environments widely different from that of the solar neighbourhood, 

are now easily accessible to ground-based telescopes. Observationally we achieve two tar

gets: to identify new Wolf-Rayet (WR) candidates through deep, narrow-band imaging 

surveys, and to obtain new, high quality spectroscopic observations for known extra- 

galactic WR stars such that detailed analysis may be performed. We present high quality 

VLT-Focal Reduced/Low Dispersion Spectrograph # 2  (F0RS2) images for two late-type 

spiral galaxies; NGC300 and M83. Both of these galaxies are located beyond the Local 

Group at distances in excess of a Mpc. Through the use of narrow-band interference fil

ters, utilizing the strong Hell A4686 and/or Cm-IV AA4650,4660 emission lines, we have 

identified a large number of previously unknown WR stars revealing a significant increase 

in the known population of these galaxies, resulting in new WR catalogues.

Our photometric survey of the nearby galaxy NGC300 (D ~  2.0Mpc) detected 58 

WR stars in the central regions of which only 16 had been previously spectroscopically
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confirmed -  there are a further two known WR stars located beyond our surveyed region 

-  totalling the WR population in NGC300 to 60. We also spectroscopically observed 

eight WR stars, four previously known and four newly identified from our survey, all of 

which are indeed bona fide WR stars. We compare the observed excess magnitudes with 

spectroscopically confirmed WR stars to infer spectral types. This results in WC/WN > 

15/43 ~  0.35, although until all WR candidates have been spectroscopically observed this 

ratio is still uncertain.

We also observe the large face-on spiral galaxy M83, located well beyond the Local 

Group at a distance of ~  4.5Mpc. Previous observational studies examining the large H II 

region populations in M83 have indicated an unusually metal rich environment. Uncer

tainties over the exact metallicity gradient still remain although recently it was suggested 

that the metallicity in the central regions of M83 are ~2.5Z® (Bresolin & Kennicutt 2002). 

Our narrow-band imaging encompasses the entire galaxy and reveals over 330 WR can

didates. Recent follow-up spectroscopic observations have had an extremely high success 

rate in confirming these candidates as genuine WR stars. Furthermore, a large proportion 

of these bona-fide WR stars are late-type WC stars, currently confined to the solar neigh

bourhood and central regions of M31, suggesting that M83 proves a unique metal-rich 

environment to study massive stars.

We present new, medium resolution spectroscopic observations for a representative 

sample of known extra-galactic WR stars, in M33, M31 and IC 10, significantly improving 

on existing data. These data were collected using both modern multi-object spectrographs 

and long-slit spectrographs on both intermediate and large ground-based optical facilities. 

These galaxies are all members of the Local Group and span a metallicity range of ap

proximately a factor of <~10, providing us with a variety of conditions in which to study 

individual WR stars. Through the use of the modern non-LTE, expanding atmosphere 

code, c m f g e n , we are able to model these observations to derive fundamental stellar pa

rameters. This has allowed us to investigate the role that metallicity plays in the derived 

stellar properties for both WN and WC subtypes.

We have obtained spectroscopy of a large sample of WR stars in M 33 with the Multi- 

Object Spectrograph (MOS) on the 3.6-metre Canada-France-Hawaii Telescope (CFHT), 

including 26 WC stars, 13 WN stars plus a WN/C star. In general, spectral types are 

merely refined, although the spectral type of X9 from Massey & Johnson (1998) is revised 

from WNL?+abs to WC4+abs, whilst their G1 and C21 candidates are not confirmed as
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WR stars. OB66-25, identified by Massey et al. (1995) is updated from WN8 to Of.

Due to its large angular size and high inclination we were unable to utilize the benefits 

of observing M31 with a Multi-Object Spectrograph and instead used ISIS, the double- 

armed (long-slit) spectrograph on the 4.2-metre William Herschel Telescope (WHT). We 

observed four WC stars, improving their spectral types. The spectral classification of 

MS12, original identified by Moffat h  Shara (1983), was refined from WC to an early-type 

WO star, owing to the clear detection of O iv A3412 and O vi A3834.

We also chose to study the WR population in the dwarf irregular galaxy, IC 10. Studies 

of HII regions in this galaxy point towards a metallicity similar to the SMC ( rs j O.3Z0 ), 

yet studies of massive stars within IC 10 found a surprisingly large number of WR stars 

(Massey h  Johnson 1998) given its metal-poor environment. Furthermore, the assigned 

metallicity-sensitive WC/WN ratio for IC 10 of ~2 largely disagrees with the observed 

trend among Local Group galaxies. Other observational programs found evidence to 

suggest that this galaxy has recently undergone an intense burst of star formation; due to 

(i) its large population of H ll regions (Hodge h  Lee 1990), (ii) its observed non-thermal 

radio continuum (Yang & Skillman 1993), (iii) its large far-IR luminosity (Melisse & 

Israel 1994) and (iv) more directly from its high surface density of massive stars (Massey 

h  Armandroff 1995). To confuse issues further, a narrow-band survey by Royer et al. 

(2001) detected new WR stars, increasing the WR population, but more importantly they 

claimed that three of these were of the rare WC9 spectral type.

Observations of WR candidates previously identified by Massey, Armandroff h  Conti 

(1992) and Royer et al. (2001) were obtained using the Gemini Multi-Object Spectrograph 

(GMOS) on the 8-metre Gemini-North telescope and the 3.6-metre CFHT-MOS. In total 

we spectroscopically confirm 26 WR stars in IC 10. Generally, of the WR stars listed by 

Massey, Armandroff h  Conti (1992) we simply refine spectral classifications, except for 

[MAC92]5, which we revise from WN to a rare WN/CE, intermediate type WR star and 

the two WR candidates [MAC92] 3 and [MAC92] 16, which our survey revealed not to 

be genuine WR stars. Our dataset also includes spectroscopic observations of the 13 WR 

candidates identified photometrically by Royer et al. (2001). We reveal that 9 of these can

didates are bona-fide WR stars, while the three suspected WC9 stars identified (RSMV1, 

3 and 7), plus the WC candidate RSMV 4 were not verified to be genuine WR stars. These 

revisions to the spectral types alter the WC/WN ratio to a somewhat lower value of 14/11 

~  1.3. Recent narrow-band imaging by Massey & Holmes (2002) has suggested that there
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are another ~75 WN stars unaccounted for in IC 10 -  if spectroscopically confirmed this 

would alter the WC/WN ratio providing agreement with the other Local Group galaxies.

7 .1 .2  E x tra -G a la c tic  M e ta llic ity  G rad ien ts

If we are to compare observation ally inferred stellar parameters of WR stars with a view 

to searching for metallicity effects, it is vital that we use accurate metallicity estimates. 

Unfortunately, for almost all the Local Group galaxies and beyond, there is a lack of 

recent observational surveys examining the content of H II regions used to determine the 

local metallicity. Complications are further increased due to the number of methods, 

theoretical and observational, available to estimate metallicities from oxygen emission 

lines. For instance, there is a lack of consensus within the astronomical community as to 

which method/models best predict metallicities using H u regions.

The most accurate technique to calculate oxygen abundances is to initially constrain 

the electron temperature using the [O ill] A4363 emission line. Unfortunately, this line 

is weak in metal-poor regions and in metal-rich environments it is absent. Combining 

this with attempting to obtain spectroscopic observations with sufficient signal-to-noise 

to detect [O III] A4363 from a Hll region located in a nearby galaxy makes the task of 

determining temperature derived abundances extremely difficult. These complications 

led to an empirical calibration being developed by Pagel et al. (1979) which only relied 

on observing the strong [On] AA3726,3729 and [Om] AA4959,5007 emission lines and 

subsequently is referred to the R2,3 method. Numerous variations and re-calibrations 

of the R2,3 method have since been established (e.g. Edmunds & Pagel 1984; Zaritsky, 

Kennicutt & Huchra 1994; Pilyugin 2000).

We investigate which of the revised calibrations best approximates the abundances de

termined from temperature calculations. We do this by comparing the Galactic metallicity 

gradient derived by Shaver et al. (1983), who combined both radio and optical spectroscopy 

to determine electron temperatures, with oxygen abundances determined for the same H II 

regions using recent calibrations that only required observations of the strong [On] and 

[O ill] emission lines. Our comparison reveals that the re-calibrated R2,3 method described 

by Pilyugin (2000) best reproduces the temperature derived abundances by Shaver et al. 

(1983). For this reason we employ the calibration by Pilyugin (2000) to re-examine the 

metallicity gradients for three spiral galaxies in which we have observed WR stars, M 33, 

M31 and NGC300 -  the results of which are considered in a later analysis.
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7 .1 .3  S p e c tr o sc o p ic  M o rp h o lo g ies

Our large collection of extra-galactic WR spectra has allowed us to perform a series of 

simple analyses providing us with information on their morphologies and their poten

tial multiplicity. Comparing the measured line widths for WC stars in spiral galaxies 

we re-examine the correlation between the line width of C iv AA5801-12 with increasing 

galactocentric distance, originally suggested by Schild, Smith & Willis (1990) and later 

supported by Willis, Schild &; Smith (1992). Our results do not indicate a tight correlation 

as initially suggested by Schild, Smith & Willis (1990) and that at a intermediate galacto

centric distances there is a large scatter in line widths. Although there remains a distinct 

absence of broad line WC stars in the inner regions and narrow-line WC stars in the outer 

regions. We suggest a possible explanation for this weak trend in terms of a bias in the 

distribution of spectral types across a galaxy where there exists a metallicity gradient. 

This would result in narrow-lined, late-type WC stars forming in the central (metal-rich) 

regions and broad-lined, early-type WC stars forming in the outer (metal-poor) regions. 

In fact, the WC population across M33 displays this distribution, with only the latest 

spectral types being confined to the galactic centre -  there is also evidence to suggest that 

this is also seen in the solar neighbourhood. We also investigate the line width of WN 

stars and find an even larger scatter.

We further utilize our flux calibrated dataset by investigating the claim by Smith, Shara 

& Moffat (1990) who found that the early-type WC stars in the LMC appeared to have 

uniform C iv AA5801-12 line fluxes of log F a =  -7.6±0.15 ergs-1cm-2 once normalized to 

lkpc. We repeat this technique using the spectra which have been reliably flux calibrated. 

For the WC stars in M31 we find the averaged line flux, excluding the WCL star MS5, 

is log Fa =  -7 .6± lg j ergs-1 cm 2. In reasonable agreement with the LMC line fluxes 

found by Smith, Shara & Moffat (1990). For our sample of early-type WC stars in IC 10 

we calculated an average line flux of log F a =  ergs-1cm-2 , again supporting the

initial result by Smith, Shara & Moffat (1990) but with much larger errors. We associate 

this scatter in fluxes by our imprecise reddenings. Finally, we also compare the C iv 

AA5801-12 line fluxes for our program stars in NGC 300. The average, reddening corrected, 

normalized fluxes for the WCE stars in NGC 300 were somewhat smaller with, log F a =  

-7.8±0.2 ergs-1cm-2 . We suggest that this larger discrepancy is again connected to our 

assumed reddening in NGC 300, as we simply applied a generic reddening for each star.
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From a comparison of measured reddenings across NGC 300 in Section 2.5.3 we conclude 

that it appears highly variable. Considering these findings and the range of galaxies and 

environments in which these stars are located, we confirm that there does appear to be a 

universal line flux of C IV AA5801-12 for early-type WC stars.

We also explore the effects of multiplicity using measured line strengths to identify 

potentially single WR stars. We employ two different techniques for our un-calibrated 

and calibrated spectra. For our dataset of M33 WR stars we compare their observed 

line strengths of either C iv AA5801-12 or Hell A4686 as a function of spectral type with 

Galactic and LMC WR stars for which the binary nature is well known. The idea is 

simple; the more a WR spectrum becomes contaminated, the more diluted the observed 

line strength will appear. Albeit rather simplistic, this is successful at identifying obvious 

single stars. For the eight WC stars we suggest are single, we perform a further consistency 

check by locating them in HST WFPC2 images. For the six where detailed images were 

available, we discover that each star appears well resolved and isolated. We also find 

that for two stars which have low observed line strengths and hence contaminated, both 

appeared to be non-gaussian and have multiple components which are unresolved at the 

resolution of the images. Although we do note that at the observed resolution we would 

be unable to resolve a close binary system.

Our second, more reliable, method compares the observed line strengths of C iv 

AA5801-12 with the calculated absolute magnitudes. This technique has a two-fold ef

fect, accounting for both diluted line strengths and excessively bright visual continua, 

such that a WC star with a binary companion would have a weak observed C iv AA5801- 

1 2  equivalent width and a much brighter absolute magnitude compared with a single WC 

star.

7 .1 .4  D e ta ile d  A n a ly s is  and  C o m p a r iso n  o f  E x tr a -G a la c tic  W N  stars

We have computed a series of iterative theoretical models which reproduce the optical 

spectra for a number of previously observed single Galactic, LMC, SMC and NGC 6822 

WN stars deriving stellar parameters. We use a series of diagnostic lines to determine 

the properties of each star, namely, temperature, ionization balance, mass-loss, terminal 

wind velocity and abundances (e.g. H, He, C, N and O). We also extend this analysis to 

our sample of single WN stars in M33, providing us with a unique insight into the WN 

population across the Local Group of galaxies.
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Unlike previous detailed studies of individual WR stars our analysis is limited to uti

lizing only the optical spectra, so to check the validity of our approach we compare our 

theoretical spectra with archival IUE observations of Galactic and LMC WN stars. Over

all, the agreement is good with the majority of our models reproducing both the line 

strengths and widths of the predominant emission lines in the UV (i.e. C iv  A1550, Hell 

A1640 and N IV A1718). This check provides us with confidence that our results are not 

unrealistic even if they could be refined.

Once we had analysed all 27 separate spectra we then simply collated and compared 

their inferred parameters. Comparing our determined terminal wind velocities from our 

sample we find a steady increase in velocity from late to early spectral type. We also 

found that the absolute visual magnitudes decrease from early to late spectral type -  both 

comparisons displayed a large scatter. The next parameter we investigated was the wind 

efficiency number, 77, which describes how effectively radiation momentum is transfered 

into the wind. We found that our derived wind efficiencies were consistently lower than had 

been previously published. These reductions are connected to the fact that our models 

account for clumping and line-blanketing and hence lower the derived mass-loss rates. 

These revised wind efficiencies are M).5dex above the theoretical single scattering limit 

such that they may be explained by the theory of radiation driven winds, accounting 

for a moderate contribution from multiple scattering. We also concluded that the only 

parameter which appeared sensitive to the wind efficiency was the chemical abundance of 

hydrogen, such that it increased with decreasing mass fraction of hydrogen.

Further investigation of the derived mass-loss rates indicate that there is very little 

difference in mass-loss rates between the Galactic WN stars and their counterparts in the 

LMC. There is however, a noticeable difference when our sample of SMC WN stars are 

also considered -  with our inferred parameters suggesting significantly weaker winds and 

higher luminosities. It is clear, even through visual inspection of their optical spectra that 

their stellar winds are weaker. A comparison of mass-loss rates and luminosities prompted 

a speculative proposal that there is a mass-loss -  metallicity dependence for WN stars; 

if confirmed, it would be somewhat stronger than predicted for O stars (Moc Z0,5-0,8). 

We require further spectroscopic observations of WN stars, ideally located in an extreme 

variety of metallicities before we can confidently quantify a metallicity dependence for WN 

stars.

Our derived abundances are good approximations, with a limited number of abundance
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sensitive diagnostic lines available. Given these uncertainties our results still agree well 

with current evolutionary models (Meynet & Maeder 2003). We see that the majority of 

the WN stars in both the Magellanic Clouds contain significant quantities of hydrogen in 

their atmospheres, while the majority of the Galactic and M 33 stars appear hydrogen free. 

We also support the idea suggested by Meynet & Maeder (2003) that the derived mass 

fractions of hydrogen could be a used as a tool to investigate the evolutionary sequence of 

massive stars.

7 .1 .5  D e ta ile d  A n a ly s is  and  C om p a r iso n  o f  E x tr a -G a la c tic  W C  sta rs

Fortunately, there have been a number of previous detailed spectroscopic studies carried 

out on WC stars in the Galaxy (e.g. De Marco et al. 2000; Dessart et al. 2000) and in the 

Magellanic Clouds (e.g. Crowther et al. 2002). We utilize these results and compare our 

derived parameters for 17 single WC stars in M 33, M 31, IC 10 and NGC 300. An identical 

method of computing synthetic spectra was employed for our program WC stars as for our 

WN sample, ultimately reproducing the observed optical spectra and hence determining 

their stellar parameters.

As with our dataset of WN stars we perform a series of simple comparisons. Our 

derived terminal wind velocities indicate a progression of increasing terminal wind veloc

ity towards earlier spectral type. Our absolute visual magnitudes display an even weaker 

correlation with spectral subtype; with late-type WC stars appearing intrinsically brighter 

than their early-type counterparts. These discrepancies in extra-galactic WR stars, par

ticular highlighted among WO stars, can be attributed to a number of factors; mainly 

concerning the uncertainties in the observed reddenings and distances and emphasise the 

difficulties in obtaining accurate absolute magnitudes. The wind efficiencies for our sample 

of WC stars was found to be typically ~15 and are in good agreement with previously 

determined values. Theory suggests that wind efficiencies of a factor ten times above the 

single scattering limit can be realistically explained by radiation driven winds. Further 

examination of our calculated values did not display any correlation with any other derived 

parameters.

We have compared the observed luminosities and mass-loss rates for our sample of 

single WC stars and unlike our program WN stars they do not appear sensitive to metal

licity, as suggested by Crowther et al. (2002). In fact, our results show a range in observed 

mass-loss rates and luminosities, with similar derived parameters for WC stars in the
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metal-poor galaxy IC 10 as for those in the metal-rich galaxy M31. For example, the ma

jority (8/12 or 67%) of the early-type WC stars studied all had derived temperatures in 

the range 80-95kK. These results are still well approximated by the intrinsic WR calibra

tion calculated by Nugis & Lamers (2000) and is similar to the least-squares fit calculated 

from our dataset. Due to the relatively small deviations from our inferred calibration, we 

claim that the wind density for an early-type WC star, irrespective of the metallicity, is 

universally the same. There are of course complications and unanswered questions, such 

as the role enriched elements such as carbon and oxygen play in further enhancing line 

driving. We find a similar conclusion when comparing the calculated surface abundances 

from our sample of WC stars. Generally, the surface chemistries from our sample are very 

similar to Galactic WC5-8 stars observed by Crowther et al. (2002). It would appear that 

there is also very little difference between the carbon and oxygen abundances observed for 

stars located in different galaxies and early- and late-type WC stars. This implies tha t the 

surface chemistries of processed elements (i.e. C and O) too are unaffected by metallicity 

variations.

These results can be combined with earlier evidence indicating a uniform line flux 

for WCE stars and the initial results from Hamann, Grafener &; Koesterke (2003) which 

also suggest that WC stars display an narrow range of observed properties. Considering 

all these facts and results, we conclude there is strong evidence to suggest that the en

vironmental metallicity does not play an important role in determining the fundamental 

properties for (at least early-type) WC stars.

7.2 Future Work

With recent instrumental improvements at 4-metre telescopes (e.g. CFHT-MOS) and the 

increased accessibility to 8-metre telescopes with modern facilities (e.g. Gemini-GMOS), we 

now face a prosperous age, enabling observational studies of massive stars in Local Group 

galaxies and beyond. These facilities offer the possibility of simultaneously observing many 

WR stars, increasing the exposure time by an order of magnitude over standard (single) 

long-slit spectroscopy, thereby delivering spectra with a signal-to-noise ratio sufficiently 

high to permit a detailed quantitative spectroscopic analysis.

Currently, the main limitation for observational studies of massive stars in nearby 

galaxies is achieving sufficient spatial resolution such that individual stars may be resolved,
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Figure 7.1: Proposed grid of 138 theoretical WC models (filled dots) following the 

mass-loss luminosity relationship inferred from our results. These models would 

encompass (almost) all the observed WC stars in our dataset (open squares).

reducing contamination from nearby stars and obtaining reliable photometry. These issues 

are not important when considering stars in the Magellanic Clouds, but when observa

tional studies are extended to M 33, for example, then the question of multiplicity becomes 

significant. For instance, observations of stars in the LMC (D ~  50kpc) at a 1" resolu

tion subtends to a 0.25pc spatial scale. To match this resolving power at a distance of 

M 33 (D ~  816kpc) you would need to observe the galaxy at a resolution of 0.06". This 

proves challenging, even with the current instruments on the Hubble Space Telescope 

(HST), where the W FPC2 offers a pixel scale of 0.1" and the ACS (with HRC detector) 

offers an improved pixel scale of 0.025". While modern ground-based 8-metre telescopes
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with adaptive optics capabilities offer excellent resolution, these facilities are typically 

optimised for near-infrared wavelengths, suffering serious degradation when used at vis

ible wavelengths. The best of these facilities are VLT/NACO providing a 0.068 "/pixel 

resolution and Gemini-N/Altair with a potentially higher resolution of 0.02 "/pixel.

This work has gathered a unique sample of extra-galactic WR stars, in an attempt to 

answer a number of question proposed by theoreticians. By performing a consistent series 

of tailored analyses for each star, we have laid the foundations for future observational 

programs to investigate and possibly confirm, some of our conclusions. For example, the 

evidence suggesting a mass-loss -  metallicity dependence for WN stars requires further 

observations of individual WN stars situated in extreme metallicities to confirm and pos

sibly quantify any connections. Similarly, further investigations into the properties of 

WC stars are required to determine whether, as suggested in this work, they do indeed 

possess intrinsically uniform stellar winds. M83 is an ideal laboratory to continue with 

these detailed studies as it contains an unprecedented number of WR candidates, it has 

an unusually high metallicity, with a recently determined distance, a moderate reddening, 

is viewed at a low inclination and is observable with modern 8-metre telescopes. This 

galaxy has the potential to provide us with a large, unparallelled dataset spanning a range 

of environments unseen within the Local Group.

With this in mind we have already set about producing a number of simple tools to 

ease and speed the analysis of future spectroscopic observations of extra-galactic WR stars. 

Increasing the potential number of WR stars for which stellar parameters may be derived 

and further probing the fundamental properties of massive stars. Already, in this study 

we have formulated a basic polynomial equation to estimate the terminal wind velocity 

by simply measuring the FWHM from the strong emission lines of He II A4686 or C IV 

A5808 for WN and WC stars respectively. We have also calculated a relationship which 

provides a first order approximation between the peak flux ratio of Hell A5411 and C iv 

A5471 and the derived C/He ratio, by number. Although currently this relationship is 

relatively insensitive to abundances with C/He > 0.32, a similar correlation would also 

be useful for WN stars. We suggest that perhaps an investigation into the relationship 

between the peak flux ratio of the blended (H+He) lines, AA4340,4861 and the peak flux 

of the pure Hell lines, AAA4200,4541,5411 could possibly be used to estimate the mass 

fraction of hydrogen in WN stars.

Considering the relatively narrow range of observed properties for WC stars and the
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improved accessibility to modern computers containing fast multi-processors, we propose 

that a grid of 138 ‘typical’ WC stars models are computed to aid in the analysis of 

large datasets, shown in Figure 7.1. We choose a number of representative parameters to 

calculate; Z =  Z@, v ^  =  2600kms_1, C/He =  0.28, C/O =  4.0 and T* =  90kK, varying 

the luminosity and mass-loss accordingly. We estimate that using a standard PC with a 

Pentium 4 processor it would require ~1100 hours of computing time to produce the full 

grid of 138 models. This would then provide the user with the chance to, after correcting 

for the distance, directly compare their flux calibrated WR spectrum with a series of 

theoretical models. Of course subsequent alterations would still be required but it may 

speed up the process of analysis. As an aside, if flux calibrated data were not available 

then the user could use the determined absolute magnitudes as an indicator of luminosity.

Finally, considering the importance of the environmental metallicity in modern studies 

of massive stars, both theoretically and observationally, it is vital that we use accurate 

abundances. Undoubtedly, a modern study of a large number of HII regions is urgently 

required across the Local Group to constrain the local metallicities. Employing an estab

lished and accepted semi-empirical calibration (e.g. Pilyugin 2000) when computing the 

observed oxygen abundances in these HII regions is crucial.
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A p p e n d i x  A

Observations of W R  stars in M 33

The rectified optical spectra for WR stars in M 33 taken with the Multi-Object Spectro

graph (MOS) on the 3.6-metre Canada-France-Hawaii Telescope (CFHT). The data have 

been Gaussian-smoothed and rebinned to a spectral resoltuion of 9A. Emission lines are 

identified at the top of each page.
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Figure A .l: Plot showing the rectified spectra for the WN stars taken from our 

sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to noise. Note that many of the faint features can be seen 

and the narrow lines well resolved.
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Figure A .2: Plot showing the rectified spectra for the W N stars taken from our 

sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to noise. Note that many of the faint features can be seen 

and the narrow lines well resolved.
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Figure A.3: Plot showing the rectified spectra for the WN/CE star taken from our 

sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to noise. We have also identified a number of principal 

stellar and nebular lines (top panel).
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Figure A .4: Plot showing the rectified spectra for the WC stars taken from our 

sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to noise. We have also identified a number of principal 

stellar and nebular lines (top panel).
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sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to  noise. We have also identified a number of principal 

stellar and nebular lines (top panel).
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sample, covering a spectral range AA4000 -  6000. The spectra have been binned 

to increase the signal to noise. We have also identified a number of principal 

stellar and nebular lines (top panel).



A p p e n d i x  B

Observations o f W R  stars in M 31

The flux calibrated optical spectra for WC stars in M31 taken with the ISIS double-armed 

spectrograph on the the 4.2-metre William Herschel Telescope. The observational setup 

(discussed in Chapter 2) gave a spectral resolution of 3A. Emission lines are identified at 

the top of each page.
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Figure B.l: Plot showing the flux calibrated spectra for the WC stars in M31, 

covering a spectral range AA4000 -  7000. We have also identified a number of 

principal stellar and nebular lines (top panel).
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Observations o f W R  stars in IC 10

C .l Finding Charts

Finding charts for WR stars in IC 10 are shown using data from WHT narrow-band Hell 

and HST WFPC2 F555W imaging. Stars labelled M # are candidates from Massey, Ar- 

mandroff &; Conti (1992) and stars labelled R #  are the WR candidates identified by Royer 

et al. (2001). In some cases point sources are resolved into multiple components, with the 

brighter (and bluer) object presummably the WR star. Except for M24 for which the He n 

emission line star is still rather uncertain.

C.2 Spectroscopy o f W R  Stars in IC 10

The flux calibrated optical spectra for WR stars in IC 10 taken with the Gemini Multi- 

Object Spectrograph (GMOS) on the 8-metre Gemini-North telescope. The observational 

setup (discussed in Chapter 2) gave a spectral resolution of iK . Emission lines are identified 

at the top of each page.

263



264 Appendix C. Observations of WR stars in IC 10

Figure C.l: Finding chart for known WR stars/candidates in the H II region Deh 

77/79. The horizontal bars represent 10” . North to the top, East to the left.
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Figure C.2: Finding chart for knwon WR stars/candidates in the H n region Deh 

77/79. The horizontal bars represent 10” . North to the top, East to the left.
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Figure C.3: Flux calibrated optical spectra of WN stars in IC 10 observed with 

Gemini-GMOS.
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Figure C.4: Flux calibrated optical spectra of WC stars in IC 10 observed with 

Gemini-GMOS.
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A p p e n d i x  D

Observations of W R  stars in NG C 300

D .l  Finding Charts

Finding charts for WR stars in NGC 300 are shown using data from taken with the VLT- 

FORS2 in imaging mode. Stars are numbered according to the WR catalogue in Table 2.11. 

Details of the observational setup are described in Chapter 2.

D.2 Spectroscopy o f W R  Stars in NG C 300

The flux calibrated optical spectra for WR stars in NGC 300 taken with with the VLT- 

FORS2 in long-slit mode (LSS). Two observational setups we used providing a different 

dispersions, further details are given in Chapter 2.
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Figure D.l: Finding chart for known WR stars/candidates in NGC 300. This 

field shows the nuclear region of NGC 300. The horizontal bar represents 10” . 

North to the top, East to the left.
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Figure D.2: Finding chart for known W R stars/candidates in NGC 300, showing 

the area northwest of the galactic nucleus. The horizontal bar represents 10” . 
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Figure D.4: Finding chart for known W R stars/candidates in the northeast of the nucleus. Some vignetting occurred 

upper left corner (northeast) of our images. The horizontal bar represents 10” . North to the top, East to the left.
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Figure D.5: Finding chart for W R known stars/candidates east of the nucleus. 

The horizontal bars represent 10” . North to the top, East to the left.
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Figure D.6: Finding chart for known W R stars/candidates in the H II region Deh 

137. The horizontal bars represent 10” . North to  the top, East to the left.
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w

Figure D.7: Finding chart for known W R stars/candidates in the H II region Deh 

118/119. The horizontal bars represent 10” . North to the top, East to  the left.
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Figure D.8: Finding chart for knwon W R stars/candidates in the H II region Deh 

77/79. The horizontal bars represent 10” . North to the top, East to the left.
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Figure D.9: Low dispersion FORS2 spectroscopy of four WC stars in NGC 300, 

previously identified by Schild & Testor (1992) and Schild & Testor (1991).
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Figure D.10: Low dispersion F0RS2 spectroscopy of four newly indentified W R  

stars in NGC 300.
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A p p e n d i x  E

O bservations o f W R  stars in M 83

E .l Catalogue of Wolf-Rayet Candidates in M 83

Catalogue of Wolf-Rayet candidates in M83, made from narrow-band images taken with 

the VLT-F0RS2. Stars are numbered according to the Field (A,B»C and D) and chip 

(1 and 2) in which they are located. Details of the observational setup are described in 

Chapter 2 .

Table E .l: List of WR candidates in M 83 identified by our narrow-band sur

veys.

# Field/Chip a (2000) S (2000) Ha Assoc. Hell He II -  Cont.

01 A1 13:36:55.15 -29:49:50.5 no 800 500

02 A1 13:36:55.31 -29:48:10.0 diffuse 700 300

03 A1 13:36:55.35 -29:49:47.6 no 500 730

04 A1 13:36:55.85 -29:47:47.5 no 400 250

05 A1 13:36:56.00 -29:49:53.8 strongH II 3500 1900

06 A l 13:36:56.22 -29:49:33.1 no 800 900

07 A1 13:36:58.55 -29:48:12.0 no 1200 700

08 A l 13:36:58.74 -29:48:06.3 strongH II 7000 2200

09 A l 13:37:00.28 -29:48:04.2 strongH II 2600 900

10 A l 13:37:02.49 -29:48:27.4 600 700

11 A l 13:37:02.68 -29:49:40.9 v. strong 21000 5400

12 A l 13:37:02.84 -29:49:15.3 no 900 1100

13 A l 13:37:04.39 -29:48:26.9 weak 2200 700

14 A l 13:37:04.56 -29:49:21.8 no 1200 900

15 A l 13:37:05.34 -29:48:20.4 strong 4000 1500

16 A l 13:37:05.53 -29:48:19.9 diffuse 1200 800

Continued on next page
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Field/Chip a  (2000) 5 (2000) H a Assoc. H ell He II - Cont.

A l 13:37:06.36 -29:49:03.7 weak 2300 1100

A l 13:37:07.35 -29:49:39.2 yes-CH II 1500 900

A l 13:37:07.68 -29:49:13.9 v. strong 16000 3600

A l 13:37:07.76 -29:49:18.1 no 1000 1200

A l 13:37:08.55 -29:49:06.5 diffuse 6000 3000

A l 13:37:09.15 -29:49:20.6 diffuse 1000 500

A l 13:37:09.63 -29:49:56.4 no 200 535

A l 13:37:09.67 -29:49:01.7 diffuse 500 400

A l 13:37:09.75 -29:49:08.0 v. strong 48000 11000

A l 13:37:10.02 -29:49:13.4 v. strong 10500 3800

A l 13:37:10.88 -29:49:54.7 v. strong 23000 5700

A l 13:37:11.03 -29:49:49.1 yes-CH II 1000 1140

A l 13:37:11.11 -29:48:24.1 yes-H II 600 539

A l 13:37:11.24 -29:49:42.0 no 2000 500

A l 13:37:11.46 -29:49:52.9 v. strong 31000 9500

A l 13:37:11.67 -29:49:18.1 no 500 500

A l 13:37:12.64 -29:49:50.1 weak 500 500

Al 13:37:18.08 -29:48:04.5 yes-H II 500 350

A l 13:37:22.11 -29:48:43.8 strong 1450 330

A l 13:37:23.66 -29:48:53.8 strong 660 257

A l 13:37:24.08 -29:48:52.6 diffuse 270 200

A2 13:36:55.81 -29:50:17.8 yes 2200 1300

A2 13:36:56.78 -29:52:13.3 weak 600 800

A2 13:36:56.96 -29:52:49.1 strongH II 7000 2400

A2 13:36:57.07 -29:50:20.2 yes 700 1200

A2 13:36:58.88 -29:50:12.8 diffuse 2300 1200

A2 13:36:59.03 -29:51:26.6 strong 13000 3000

A2 13:37:00.41 -29:52:54.1 weak 2400 900

A2 13:37:02.52 -29:52:38.1 diffuse 500 800

A2 13:37:02.59 -29:50:38.2 no 1000 1000

A2 13:37:03.09 -29:50:50.6 strongH II 21000 5000

A2 13:37:03.99 -29:52:47.9 strong 6000 3700

A2 13:37:05.07 -29:50:59.0 1700 1400

A2 13:37:06.62 -29:50:51.4 bright 7500 2000

A2 13:37:07.10 -29:50:25.2 diffuse 1200 1000

A2 13:37:07.55 -29:51:06.3 v. strong 12000 2300

A2 13:37:07.62 -29:52:51.4 strongH II 37000 8000

A2 13:37:07.96 -29:52:07.9 yes 1400 800

A2 13:37:07.96 -29:50:57.8 weak 28000 5300

A2 13:37:08.42 -29:52:54.9 strongH II 11000 5200

A2 13:37:08.55 -29:52:12.2 strongH II 20000 6500

A2 13:37:08.73 -29:52:28.9 strongH II 45000 11000

A2 13:37:08.94 -29:52:05.6 diffuse 2100 1750

A2 13:37:09.01 -29:50:07.6 v. strong 15000 2400
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# Field/Chip a  (2000) 5 (2000) Ha Assoc. H ell H ell - Cont.

24 A2 13:37:09.31 -29:51:50.6 v. strong 30000 8300

25 A2 13:37:09.38 -29:52:20.0 strong 12000 2200

26 A2 13:37:09.48 -29:52:38.1 no 1600 900

27 A2 13:37:09.48 -29:52:22.2 no 3300 1800

28 A2 13:37:09.80 -29:52:36.2 strong 3500 2200

29 A2 13:37:09.87 -29:50:10.5 v. strong 3500 1500

30 A2 13:37:10.77 -29:50:56.6 no 600 900

31 A2 13:37:12.02 -29:51:42.9 difuse 700 700

32 A2 13:37:12.25 -29:51:03.5 v. strong 16000 3900

33 A2 13:37:12.37 -29:50:21.6 v. strong 9000 6700

34 A2 13:37:12.46 -29:52:03.4 yes 2400 1500

35 A2 13:37:12.59 -29:51:06.5 diffuse 1600 1400

36 A2 13:37:13.05 -29:51:37.7 strong 3300 1350

37 A2 13:37:14.89 -29:50:36.0 strong 26000 4500

38 A2 13:37:15.51 -29:52:26.6 yes 1800 1300

39 A2 13:37:16.07 -29:50:56.4 v. strong 1200 1600

40 A2 13:37:16.33 -29:50:56.4 diffuse 800 1500

41 A2 13:37:16.37 -29:50:59.2 strongH II 4000 2500

42 A2 13:37:16.69 -29:50:54.5 strong 3400 1250

43 A2 13:37:16.93 -29:50:43.5 no 600 700

44 A2 13:37:17.18 -29:51:28.0 no 1800 1200

45 A2 13:37:17.52 -29:51:25.2 weak 7000 3200

46 A2 13:37:18.63 -29:51:41.3 no 1000 1400

47 A2 13:37:18.67 -29:52:23.7 no 500 700

48 A2 13:37:22.54 -29:51:59.8 weak 500 700

49 A2 13:37:23.33 -29:51:05.9 no 200 440

01 B l 13:36:41.64 -29:48:24.6 no 300 240

02 B l 13:36:45.98 -29:49:17.1 no 300 350

03 B l 13:36:53.31 -29:49:55.9 no 700 600

04 B l 13:36:53.92 -29:48:49.6 strong HII 17000 3800

05 B l 13:36:55.06 -29:48:49.0 no 300 450

06 B l 13:36:55.32 -29:49:47.8 no 300 600

07 B l 13:36:55.43 -29:48:05.7 diffuse 600 450

08 B l 13:36:55.97 -29:49:53.9 strong 2500 1600

09 B l 13:36:56.20 -29:49:33.3 no 600 700

10 B l 13:36:56.29 -29:48:46.4 no 500 400

11 B l 13:36:58.24 -29:48:16.4 diffuse 2400 1200

12 B l 13:36:58.72 -29:48:06.1 strong H II 5000 1700

13 B l 13:36:59.95 -29:48:42.6 strong 10000 2800

14 B l 13:37:00.27 -29:48:04.0 ring neb 1900 800

15 B l 13:37:02.38 -29:48:27.3 no 300 500

16 B l 13:37:02.64 -29:49:40.8 strong H II 17000 4300

17 B l 13:37:03.00 -29:49:44.4 strong H II 7000 2100

18 B l 13:37:03.01 -29:48:38.8 no 1600 1000
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Appendix E. Observations of WR stars in M 83

Field/Chip a (2000) S (2000) Ha Assoc. H ell H ell - Cont.

B l 13:37:04.81 -29:49:24.8 strong HII 41000 8000

B2 13:36:40.32 -29:51:21.1 strong HII 10000 2000

B2 13:36:41.33 -29:52:24.2 strong HII 5000 2100

B2 13:36:42.57 -29:52:09.3 v. strong 66000 37000

B2 13:36:43.44 -29:52:24.2 brightHII 22000 6000

B2 13:36:44.01 -29:51:47.1 no 300 300

B2 13:36:44.36 -29:52:37.3 v. strong 60000 21000

B2 13:36:44.55 -29:52:10.0 no 300 400

B2 13:36:45.24 -29:51:05.3 weak 300 500

B2 13:36:45.95 -29:52:37.7 strong HII 5000 1900

B2 13:36:47.78 -29:51:25.9 strong HII 10000 2100

B2 13:36:47.98 -29:51:29.8 no 700 1100

B2 13:36:48.56 -29:51:52.2 no 500 600

B2 13:36:48.97 -29:51:43.8 no 600 600

B2 13:36:49.22 -29:50:56.4 strong HII 10000 2900

B2 13:36:49.28 -29:50:52.8 no 1500 850

B2 13:36:49.74 -29:50:15.9 no 500 500

B2 13:36:49.82 -29:51:19.2 strong HII 5300 2800

B2 13:36:49.92 -29:52:09.6 strong 4000 1200

B2 13:36:50.42 -29:52:13.1 diffuse 1000 1200

B2 13:36:50.87 -29:50:33.1 strong HII 15000 4800

B2 13:36:50.88 -29:50:07.4 diffuse 1300 1200

B2 13:36:51.06 -29:50:39.4 strong HII 50000 6000

B2 13:36:51.11 -29:52:36.8 strong HII 3000 1000

B2 13:36:51.19 -29:50:11.2 no 800 1200

B2 13:36:51.19 -29:50:07.9 strong HII 17000 4700

B2 13:36:51.34 -29:50:10.2 strong H II 10000 2700

B2 13:36:52.17 -29:51:17.2 strong HII 8000 1500

B2 13:36:52.33 -29:51:20.5 strong HII 26000 6600

B2 13:36:52.59 -29:51:08.5 strong 2000 1300

B2 13:36:52.64 -29:51:47.5 strong HII 60000 11000

B2 13:36:52.89 -29:51:15.2 strong HII 1600 1200

B2 13:36:52.92 -29:52:49.7 strong HII 18000 6500

B2 13:36:53.42 -29:51:52.5 no 600 600

B2 13:36:53.60 -29:52:52.8 strong 1700 1100

B2 13:36:53.80 -29:51:30.7 no 700 700

B2 13:36:53.89 -29:50:29.8 yes 300 600

B2 13:36:53.91 -29:51:02.6 weak 1700 1500

B2 13:36:54.06 -29:51:04.8 strong HII 7000 2000

B2 13:36:54.25 -29:50:42.4 strong HII 9000 4200

B2 13:36:54.36 -29:50:30.3 strong HII 20000 7200

B2 13:36:56.95 -29:52:48.0 strong HII 2300 1300

B2 13:36:57.06 -29:50:19.2 yes 1200 900

B2 13:36:58.86 -29:50:11.9 strong HII 1400 900
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# Field/Chip a  (2000) 8 (2000) Ha; A s s o c . Hell H ell - C o n t .

44 B2 13:37:01.25 -29:52:52.8 weak 4000 2500

45 B2 13:37:01.47 -29:51:24.8 s t r o n g  H II 30000 7000

46 B2 13:37:02.56 -29:50:37.4 n o 500 500

47 B2 13:37:02.90 -29:50:50.8 n o 12000 4300

48 B2 13:37:03.06 -29:50:49.5 s t r o n g  H II 13000 5000

49 B2 13:37:03.41 -29:50:59.6 s t r o n g  H II 6000 2400

50 B2 13:37:03.99 -29:52:47.2 s t r o n g  H II 3000 2100

51 B2 13:37:04.66 -29:50:57.7 s t r o n g  H II 60000 16000

01 C l 13:36:56.32 -29:54:55.6 n o 900 530

02 C l 13:36:56.75 -29:52:12.7 n o 1600 1200

03 C l 13:37:00.46 -29:54:13.1 weak 1000 1200

04 C l 13:37:00.64 -29:54:23.0 diffuse 1200 850

05 C l 13:37:01.49 -29:51:25.7 s t r o n g  H II 50000 1200

06 C l 13:37:01.91 -29:52:13.2 weak 55000 14000

07 C l 13:37:02.84 -29:54:05.5 weak 1000 800

08 C l 13:37:03.10 -29:54:26.2 weak 1100 900

09 C l 13:37:03.52 -29:54:00.7 s t r o n g  H II 14000 2500

10 C l 13:37:03.79 -29:54:14.3 n o 900 1000

11 C l 13:37:03.97 -29:52:47.5 weak 4700 3000

12 C l 13:37:04.58 -29:54:17.1 n o 1000 900

13 C l 13:37:06.10 -29:53:43.5 s t r o n g  H II 16000 4800

14 C l 13:37:06.13 -29:53:30.9 n o 600 650

15 C l 13:37:06.60 -29:54:51.6 diffuse 1400 1700

16 C l 13:37:07.19 -29:51:28.1 s t r o n g  H I I 26000 3000

17 C l 13:37:07.58 -29:54:11.2 diffuse 7000 2200

18 C l 13:37:07.71 -29:51:14.9 s t r o n g  H II 7000 2500

19 C l 13:37:08.25 -29:53:30.5 n o 400 750

20 C l 13:37:08.25 -29:51:13.6 weak 3000 1400

21 C l 13:37:08.26 -29:54:01.7 n o 600 750

22 C l 13:37:08.53 -29:52:12.0 s t r o n g  H II 16000 3000

23 C l 13:37:08.70 -29:52:28.9 s t r o n g  H II 40000 7000

24 C l 13:37:09.18 -29:51:10.1 diffuse 2000 1300

25 C l 13:37:09.56 -29:51:31.3 s t r o n g  H II 60000 13000

26 C l 13:37:10.42 -29:51:28.0 weak 1800 2700

27 C l 13:37:10.87 -29:54:22.2 diffuse 4200 1200

28 C l 13:37:11.77 -29:51:49.8 n o 1100 800

29 C l 13:37:12.01 -29:51:48.3 n o 600 530

30 C l 13:37:12.45 -29:52:03.7 weak 2200 1000

31 C l 13:37:12.58 -29:51:07.0 diffuse 1300 1600

32 C l 13:37:12.68 -29:54:47.4 3000 2700

33 C l 13:37:15.50 -29:52:26.7 diffuse 1300 1000

34 C l 13:37:16.38 -29:50:59.5 yes 4500 1700

35 C l 13:37:17.16 -29:51:37.1 n o 800 660

36 C l 13:37:18.48 -29:51:42.1 n o 500 550
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Appendix E. Observations of WR stars in M 83

Field/Chip

Cl

C2

C2

C2

C2

C2

C2

a  (2000) 

13:37:18.63 

13:36:55.71 

13:36:58.58 

13:37:03.83 

13:37:06.62 

13:37:11.03 

13:37:12.60

S (2000)

-29:51:41.7

-29:55:40.3

-29:55:20.6

-29:55:29.8

-29:56:48.2

-29:55:43.7

-29:55:37.9

Ha Assoc.

no

no

no

no

no

no

H ell

800

500

1700

1400

400

1100

700

He II - Cont. 

1200 

400 

1250 

1000 

500 

1500 

1100

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

D l

13:36:33.10

13:36:36.00

13:36:40.28

13:36:40.40

13:36:41.04

13:36:41.14

13:36:41.16

13:36:41.28

13:36:42.17

13:36:43.40

13:36:43.46

13:36:43.86

13:36:44.02

13:36:44.06

13:36:44.17

13:36:44.48

13:36:44.51

13:36:45.21

13:36:45.33

13:36:45.58

13:36:45.85

13:36:45.86

13:36:45.88

13:36:45.87

13:36:46.05

13:36:46.06

13:36:47.15

13:36:47.53

13:36:47.79

13:36:47.92

13:36:48.07

13:36:48.08

13:36:48.29

13:36:48.50

13:36:48.54

13:36:48.90

13:36:49.55

-29:51:37.5

-29:54:05.2

-29:51:21.1

-29:54:00.9

-29:51:55.9

-29:51:48.8

-29:52:21.7

-29:52:24.4

-29:52:31.3

-29:52:24.1

-29:52:08.3

-29:52:36.4

-29:52:26.5

-29:52:32.8

-29:52:26.8

-29:52:10.5

-29:53:22.1

-29:51:05.5

-29:53:25.6

-29:54:55.9

-29:53:35.0

-29:53:35.0

-29:52:37.8

-29:52:37.8

-29:52:49.7

-29:53:40.3

-29:51:09.7

-29:53:47.3

-29:51:26.3

-29:51:30.3

-29:53:11.3

-29:51:32.4

-29:52:44.9

-29:51:52.4

-29:51:11.4

-29:51:44.2

-29:52:34.9

no

no

strong H II 

no

strong

no

no

diffuse

weak

strong H ll

no

no

no

no

no

no

weak

weak

no

no

no

no

strong

strong H II

weak

weak

no

no

strong H II

no

no

diffuse

weak

no

no

no

weak

3000

6000

10000

3000

23000

600

1700

7000

7000

30000

800

2600

1000

5000

1000

700

7000

800

4000

6000

800

800

6500

6000

5500

3000

2500

1200

15000

1000

10000

800

5500

900

1000

1000

3500

950

1700

2700

1100

5500

600

800

2700

1200

7600

650

1100

700

1200

900

550

1500

950

1100

2200

800

800

3000

3000

1200

1500

700

1050

2600

1300

1600

700

1100

750

600

1000

1400
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# Field/Chip a  (2000) S (2000) Ha Assoc. H ell He II - Cont.

38 D l 13:36:49.63 -29:51:19.5 weak 1500 850

39 D l 13:36:49.77 -29:51:19.8 strong 7500 3500

40 D l 13:36:49.86 -29:52:10.0 yes 6000 1300

41 D l 13:36:50.05 -29:52:14.6 strong H II 33000 6200

42 D l 13:36:50.34 -29:52:13.6 no 1800 1600

43 D l 13:36:50.41 -29:52:19.1 weak 5000 1700

44 D l 13:36:50.57 -29:52:58.6 weak 2500 900

45 D l 13:36:50.72 -29:51:58.9 weak 8000 1100

46 D l 13:36:50.72 -29:54:05.1 strong H II 20000 4500

47 D l 13:36:50.78 -29:54:46.4 no 500 800

48 D l 13:36:50.95 -29:53:01.1 weak 4000 1000

49 D l 13:36:51.05 -29:52:37.0 strong 4900 1100

50 D l 13:36:51.18 -29:54:53.1 weak 5000 950

51 D l 13:36:51.45 -29:53:12.9 weak 2500 1300

52 D l 13:36:51.51 -29:53:13.3 yes 3000 1400

53 D l 13:36:52.11 -29:52:35.2 strong H II 55000 8300

54 D l 13:36:52.14 -29:51:20.4 no 5000 2200

55 D l 13:36:52.20 -29:51:22.1 no 3000 2000

56 D l 13:36:52.35 -29:53:15.2 strong H II 25000 3800

57 D l 13:36:52.46 -29:52:48.7 diffuse 3000 2500

58 D l 13:36:52.53 -29:52:43.9 no 1800 1100

59 D l 13:36:52.54 -29:51:09.5 3200 1600

60 D l 13:36:52.61 -29:53:03.1 diffuse 5000 2700

61 D l 13:36:52.61 -29:51:47.4 strong H II 60000 10000

62 D l 13:36:52.82 -29:51:15.8 weak 3000 1500

63 D l 13:36:52.84 -29:51:11.1 strong HII 27000 4700

64 D l 13:36:52.86 -29:52:50.0 strong H II 24000 4300

65 D l 13:36:53.02 -29:52:28.6 weak 6000 1400

66 D l 13:36:53.21 -29:52:58.5 strong H II 35000 7400

67 D l 13:36:53.21 -29:51:30.7 strong HII 10000 1800

68 D l 13:36:53.34 -29:53:25.8 no 9000 1400

69 D l 13:36:53.34 -29:51:30.0 strong H II 24000 7500

70 D l 13:36:53.36 -29:51:52.9 no 2100 770

71 D l 13:36:53.72 -29:51:31.2 no 1000 1000

72 D l 13:36:53.87 -29:51:03.0 weak 3000 2000

73 D l 13:36:53.87 -29:53:40.9 no 8000 950

74 D l 13:36:53.98 -29:51:05.3 strong 10000 2000

75 D l 13:36:54.90 -29:53:09.4 strong H II 60000 13000

76 D l 13:36:54.94 -29:52:16.3 strong H II 27000 5000

77 D l 13:36:55.20 -29:52:13.6 no 10000 1900

78 D l 13:36:55.61 -29:54:15.5 weak 35000 8400

79 D l 13:36:56.06 -29:52:52.5 weak 10000 2800

80 D l 13:36:56.87 -29:52:48.7 strong 5000 1600

81 D l 13:36:57.14 -29:54:49.2 strong HII 7000 1400
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# Field/Chip a  (2000) S (2000) Ha Assoc. H ell He II - Cont.

82 D l 13:36:57.23 -29:51:26.3 no 8000 1600

83 D l 13:36:57.95 -29:52:55.0 no 14000 3900

84 D l 13:36:58.95 -29:51:26.5 strong HII 12000 2700

85 D l 13:36:59.17 -29:54:27.0 strong HII 42000 15000

86 D l 13:36:59.41 -29:54:23.1 no 1500 1600

87 D l 13:36:59.72 -29:53:17.3 no 6000 1200

88 D l 13:36:59.76 -29:52:22.6 diffuse 9000 1700

89 D l 13:37:00.40 -29:54:13.2 no 1200 1100

90 D l 13:37:00.81 -29:54:35.4 no 2100 800

91 D l 13:37:01.18 -29:52:53.9 diffuse 8000 2600

92 D l 13:37:01.19 -29:52:52.3 diffuse 6000 1500

93 D l 13:37:01.42 -29:51:25.8 strong HII 40000 9000

94 D l 13:37:02.46 -29:53:07.0 strong 8000 1900

95 D l 13:37:03.38 -29:51:00.3 strong H II 8000 3000

96 D l 13:37:03.44 -29:54:00.9 strong HII 14000 3100

97 D l 13:37:03.44 -29:51:02.9 strong HII 35000 7000

98 D l 13:37:03.88 -29:54:31.1 no 1500 1200

99 D l 13:37:04.08 -29:53:54.7 no 15000 2800

100 D l 13:37:04.36 -29:54:11.8 no 12000 2700

101 D l 13:37:04.65 -29:50:58.4 strong HII 60000 7200

01 D2 13:36:33.69 -29:56:37.2 no 1100 500

02 D2 13:36:34.05 -29:56:17.6 no 1700 300

03 D2 13:36:36.44 -29:57:47.4 no 2100 500

04 D2 13:36:44.27 -29:55:07.3 weak 5000/p /k 1000

05 D2 13:36:44.42 -29:57:49.3 no 2300 900

06 D2 13:36:49.35 -29:55:28.4 no 2000 700

07 D2 13:36:50.12 -29:55:49.0 weak 3400 1200

08 D2 13:36:50.74 -29:57:04.0 no 1500 600

09 D2 13:36:51.27 -29:57:31.1 no 3600 1100

10 D2 13:36:53.08 -29:55:48.8 diffuse 3200 1500

11 D2 13:36:54.93 -29:55:35.1 weak 1300 800

12 D2 13:36:54.94 -29:55:54.7 no 800 1050

13 D2 13:36:56.17 -29:57:58.4 no 2500 900

14 D2 13:36:58.51 -29:55:19.9 weak 1100 1200

15 D2 13:37:00.18 -29:55:39.9 no 500 600

16 D2 13:37:00.94 -29:57:06.4 no 5800 2300

17 D2 13:37:02.04 -29:55:30.2 strong HII 30000 9000

18 D2 13:37:02.19 -29:57:20.2 no 2800 800

19 D2 13:37:02.24 -29:55:33.8 weak 3300 1200

20 D2 13:37:03.20 -29:55:23.5 weak 8500 1500

21 D2 13:37:03.76 -29:55:29.2 diffuse 1600 1200

22 D2 13:37:04.20 -29:55:29.1 weak 6500 1800
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