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Abstract

Solar flares are the most energetic phenomena observed in the solar system.

Lasting on timescale from minutes to hours they release vast amounts of stored

magnetic energy in the form of emitted light. However, the initiation processes

of these flares are not well understood. This thesis utilises observations taken by

the IRIS and Hinode/EIS instruments, which are sensitive to far-ultraviolet and

extreme-ultraviolet emission respectively, to investigate the solar atmosphere in

the hours prior to flaring. Additionally, this thesis incorporates the results of non-

linear force free magnetic field extrapolations to investigate the evolution of the

three-dimensional magnetic field prior to and post flaring.

The work carried out as part of this thesis has resulted in the identification

of fast plasma flows in the solar atmosphere up to an hour prior to flaring. The

flows were found to be situated close to a region of magnetic flux cancellation and

are thought to be driven by magnetic reconnection at this site. These flows and

the accompanying brightenings observed in multiple regions of the solar atmo-

sphere are found to be related to the triggering of the flare itself but also are a sig-

nature of the destabilisation of twisted magnetic structures (magnetic flux ropes)

in the active region which subsequently erupt away from the sun. Additionally,

an investigation into a series of three flares is presented and discussed within the

context of the earlier results from observations and modelling presented in this

thesis. The study found that the triggering scenario presented earlier in this work

was not applicable to the series of flares. This result serves to highlight that the

pre-flare environment is highly complex, and that flare triggering is very individ-

ual to each event.
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Chapter 1

Introduction

Situated in the Orion Spur, ∼ 8kpc from the centre of the Milky Way galaxy

lies our local star, the Sun. A G2V main sequence star entering middle age at

∼ 4.5 Billion years old, the Sun is the largest object in the solar system. Table 1.1

contains a list of some basic physical characteristics of the Sun.

Mass 1.98×1030kg
Radius 695700 km

Age 4.5 Billion Yrs

Composition
(by Mass)

H 73.46% , He 24.87%, O 0.77% , C 0.29%, Fe 0.16% + others

Table 1.1: Basic properties of the Sun, values reproduced from Eddy and Ise (1979).

Due to its dominant position in the sky, the Sun has been a source of wonder

and study to humans from the beginning of recorded history. From the religious

worship of pagan societies to early sunspot observations by Galileo, Kunitomo

and many others, through to the very recent observations made by the instru-

ments detailed in Chapter 2, the Sun is one of the most studied physical objects

ever. Whilst this thesis is focused on the triggering of flares and eruptions, in or-

der to properly understand the conditions that lead to these events we must first

discuss the Sun’s structure and dynamics in general.
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1.1 The Solar Interior

Composed predominantly of ionised hydrogen (see table 1.1) the core of the Sun

is very dense (1.6×105 kg m−3, Eddy and Ise (1979)). The immense density and

pressure leads to the onset of nuclear fusion, whereby hydrogen atoms are fused

into helium through a series of reactions known as the the p-p chain. Further

fusion reactions occur in many combinations leading to the formation of all ele-

ments up to iron (atomic number 26). These fusion reactions release vast quan-

tities of energy, powering the output of the star. Indeed, it is estimated that 99%

of the energy produced by the Sun is due to fusion reactions in the core. The

temperatures in the core of the Sun are estimated to be of the order of 15.7 MK.

The core of the Sun takes up the inner 25% of the solar volume. Beyond this,

extending to a radius of 0.7R¯ is the radiative zone. Within this zone, the tem-

perature gradient is such that radiation, not convection, is the dominant method

of energy transport. From 0.7R¯ to the nominal solar surface (the photosphere,

see section 1.2.1) is the convective zone. Material heated at the boundary be-

tween the radiative and convective zones (the region denoted as the tachocline)

expands and subsequently rises due to its decreased density compared to its sur-

rounding. This in turn causes vast thermal convection cells to be formed, trans-

porting plasma and magnetic field from the solar interior to the bottom of the

atmosphere. Due to observational limitations the internal structure of the Sun

can only be inferred through theory and indirect methods, such as helioseismol-

ogy. The realm of direct observation, the solar atmosphere, is discussed in the

following section.

1.2 The Solar Atmosphere

The solar atmosphere is a highly complicated and dynamic place. It is composed

of plasma, with temperatures ranging from ∼4400K in the photosphere to tem-

peratures of the order of millions of K in the corona. The wide range of temper-

atures, the evolution of which is shown in Figure 1.1, results in the solar atmo-

sphere being able to be observed in a multitude of spectral wavelengths. The
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Figure 1.1: Temperature and density profile of the solar atmosphere. Figure reproduced
from Athay (1976).

solar atmosphere can be used to as an astrophysical laboratory for many fields,

from atomic physics, to the study of magnetohydrodynamics (MHD) due to the

wide variety of physical processes observed within it.

1.2.1 The Photosphere

The lowest region of the solar atmosphere is the photosphere. The start of the

photosphere is arbitrarily defined to be the point at which the optical depth, τ,

has the value of 1 for radiation at λ = 5000 Å. As τ5000 = 1. This is the point at

which this radiation will travel unimpeded from the Sun and escape into space.

This thin layer, ∼100 km thick (Cox, 2000), is therefore often thought of as the

solar surface, being the deepest point in the Sun which we can directly observe.

Despite the appearance of the photosphere as a solid surface it has a density of

∼ 2× 10−4 kg m−3 (Eddy and Ise, 1979). At its deepest, the photosphere has a

temperature of roughly 6400 K, although this falls as height increases, reaching

the so-called ‘temperature minimum’ of 4400 K in its upper levels.

An example image of the photosphere is shown in Figure 1.2. This image is

taken in the 1700 Å passband by the AIA instrument (See Section, 2.3.1) on board
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Figure 1.2: An AIA 1700 Å image of the photosphere. Several sunspots can be seen as the
dark regions, whilst granulation can be observed as the bright regions in the
image.

NASA’s Solar Dynamics Observatory (SDO) spacecraft. Clearly visible are features

common in the photosphere. The first of these features are sunspots, which are

observed as circular dark regions within the image due to their temperature be-

ing lower than the surrounding plasma. Sunspots are highly magnetic features

exhibiting magnetic field strengths of 1500− 3500 G and above (Livingston and

Watson, 2015) . Situated as it is above the solar convection zone, the photo-

sphere is highly dynamic, with the manifestation of convection cells within the

photosphere being observed as features called granules. With sizes on the order

of 1100km, equivalent to ∼1.5′′ when viewed from a telescope on Earth, these

dynamic features are the result of convection currents within the solar interior,

transporting plasma and heat from deep in the center of the Sun. On a larger

scale (∼30,000km) super-granular cells are observed. We can see the super gran-

ulation in Figure 1.2 where it is observed as the network of bright regions.

Convection currents also have the effect of transporting magnetic field to-

wards the solar atmosphere, due to the condition of the field being “frozen in” to
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the plasma. Section 1.3.1.2 discusses this “freezing in” in more detail. Another

important quantity to consider when discussing the plasmas of the solar atmo-

sphere is the plasma beta, β. This quantity is the ratio of the gas pressure and

magnetic pressure and is expressed as:

β= 2µ0p

B 2
(1.1)

Here, µ0 is the permeability of free space, p is the gas pressure and B is the mag-

netic field (Harra and Mason, 2004). In the case where β > 1 (high-β plasma),

gas pressure dominates magnetic pressure. This means that the structure of the

atmosphere in a high-β region is controlled by the behaviour of the gas-like prop-

erties of the plasma. In the low-β case, where β< 1, magnetic pressure will dom-

inate gas pressure and the structure of the atmosphere will be determined by

the magnetic field. In the photosphere, β > 1, thus allowing the behaviour of

the gas to dominate the structure. However β drops with altitude, resulting in

the magnetic field dominating the structure of the atmosphere, in particular in

the corona. Figure 1.3 shows this evolution of plasma β through the solar atmo-

sphere graphically.

Despite the dominance of gas pressure in the photosphere, it is still a highly

magnetic environment. This magnetism, combined with the relatively high

plasma densities results in the Zeeman effect being readily observed. The Zee-

man effect (Zeeman, 1897) is the splitting of a single spectral line into multiple

components due to the presence of an external magnetic field. Analysis of this

line splitting can prove to be a vital tool in investigating the magnetic field, and

is used by instruments such as SDO/HMI (Section 2.3.2) to produce line-of-sight

(LOS) magnetograms of the photospheric magnetic field.

The observed spectrum of the photosphere is composed of a continuum

emission, with Fraunhofer absorption lines superimposed. Absorption lines are

produced when a cool gas is situated in front of a hot source of continuum emis-

sion. Depending on the composition of the cool gas, photons will be absorbed by

atoms in the gas, resulting in a decrease in the continuum intensity at these wave-
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Figure 1.3: Evolution of plasma beta through the solar atmosphere. Reproduced from
Gary (2001).

lengths. In the photosphere the dominant absorption lines are those produced

by ionised hydrogen with the Balmer series being observed in visible wavelength

range and the Lyman series observable in ultraviolet emission. Hydrogen is not

the sole element found in the photospheric spectrum, with lines produced by

magnesium and sodium also being observed, amongst others (Harra and Mason,

2004).

1.2.2 The Chromosphere

Above the temperature minimum region of the photosphere, the solar temper-

ature rises to ∼6000 K. These temperatures gradually rise over 1000 – 2000 km

(Phillips et al., 2008) in height to 20 000 K, before a sharp rise in temperature is

encountered. This region is defined as the chromosphere. The chromosphere’s

emission has a far lower intensity than that of the photosphere below it and con-

sequently it was first discovered during observations of solar eclipses. In these

first observations it was noted that the observed visible light was red in colour,

earning the region the name chromosphere. This colour is now known to derive
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from the strongest component of the chromospheric spectrum, the Balmer-α

(Hα) emission line. The chromospheric spectrum is complicated, with emission

lines such as Hα, as well as many Fraunhofer absorption lines present includ-

ing, for example, the Ca II H & K lines. There is a strong continuum formed by

the scattering of photospheric light within the chromosphere (Harra and Mason,

2004), onto which the absorption lines are observed. However at the extreme

edges of the continuum, emission lines such as He II, and Mg II h & k, are ob-

served at both long and short wavelengths. These lines are both observed in the

ultraviolet portion of the electromagnetic spectrum.

The appearance of the chromosphere is also complicated with many dy-

namic phenomena present. The chromospheric network is a lasting impression

of the super granular convection cells which appear in the photosphere. Fig-

ure 1.4 shows an example AIA 304 Å image where the chromospheric network can

be clearly seen as the lattice of bright features. When observed at the limb, elon-

gated columns of gas can be observed, called spicules (Roberts, 1945). These

short-lived (lifetime of up to 10 minutes) features are observed to have plasma

flows along their lengths extending up to altitudes of 10 000 km above the base

of the chromosphere. Spicules can be divided into two separate classes, Type - I

and Type - II which were identified using Ca II observations by de Pontieu et al.

(2007).

Another feature that can be observed in the chromosphere are filaments.

Filaments are large structures composed of cool (7000 - 20,000 K ,Parenti (2014)),

dense plasma suspended in the atmosphere by the magnetic field. In Figure 1.4

the elongated dark feature in the centre of the image is an example of a filament.

When observed on the limb of the Sun filaments are referred to as prominences.

Filaments are found to occur above polarity inversion lines (PIL), regions within

ARs or outwith them in the quiet Sun where the magnetic polarity changes from

positive to negative. In one model of filaments, the magnetic fields that sus-

pend these features are thought to be helically twisted structures known as mag-

netic flux ropes. The plasma that makes up the mass of these filaments is then
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Figure 1.4: Example of chromospheric appearance observed by AIA in 304 Å. The lattice
like bright features represent the chromospheric network, while the elon-
gated dark feature in the center of the image is a filament. It is important
to note that while the AIA 304Å channel contains predominantly chromo-
spheric emission, there is some contamination from coronal emission, due
to the broadband nature of the AIA instrument.

thought to be suspended in the “dips” of the helical field lines (van Ballegooijen

and Martens, 1989; Aulanier and Demoulin, 1998). Filaments and prominences

may become unstable and erupt away from the solar atmosphere into interplan-

etary space in what are known as coronal mass ejections (CMEs). Sections 1.4.2

detail some possible ways in which these eruptions may be triggered. Observa-

tionally, due to the temperature being lower than their surroundings, filaments

on the solar disk are observed in absorption, whilst prominences are observed in

emission.

1.2.3 The Transition Region

The interface region between the chromosphere and the high temperature

corona is the transition region. Over approximately 100 km, temperatures in-

crease from 20 000 K to 105 K (Mariska, 1992). Figure 1.1 shows just how dramatic
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Figure 1.5: Example of appearance of the corona observed by AIA in 193 Å. Active re-
gions can be seen as the bright regions with their closed magnetic loops arc-
ing above them.

this temperature rise in the transition region is. Due to the high temperatures ex-

perienced in the transition region, it is observed predominantely through emis-

sion lines in the UV and EUV wavelengths. In particular optically thin emission

lines, such as Si IV and O IV are commonly observed lines produced in the transi-

tion region.

1.2.4 The Corona

The outermost region of the solar atmosphere, the corona, is paradoxically the

hottest. The diffuse optically thin plasma that forms the corona begins from tem-

peratures of ∼ 105 K (Aschwanden, 2005) and arguably extends far out into the

interplanetary medium in the form of the solar wind. The corona is magnetically

dominated, with β< 1, resulting in the plasma tracing out the large looping mag-

netic field lines that permeate the upper solar atmosphere. This structure can be

seen in Figure 1.5 where above the bright active regions these looping magnetic

field lines can be seen.
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Due to the extreme temperatures experienced in the corona, ∼ 106 K and ris-

ing far higher in active regions and during solar flares, emission from the plasma

is observed predominantly in EUV and X-ray radiation, with some emission in

the form of γ-rays. Common optically thin EUV emission lines seen from the

corona are produced by highly ionised Fe and Ca.

Due to its tenuous nature, the optical corona can only be observed from the

Earth during total solar eclipses, as these block the majority of the photospheric

light that would normally overwhelm the faint optical coronal emission. The ma-

jority of coronal observations are therefore made using space based instruments,

either observing in spectral windows where coronal emission dominates, or mak-

ing use of coronagraphs to create artificial eclipses within the instrument.

A feature commonly observed in the corona are large regions of open mag-

netic field called coronal holes. These large features are clearly observed in EUV

images as dim regions due to their lower density. Coronal holes are thought to be

key source regions for the solar wind.

1.3 Solar Magnetic Fields

As we have alluded to in earlier sections whilst describing the solar atmosphere,

the Sun is a highly magnetic environment. Additionally, due to the ionised nature

of the plasma comprising the Suns mass, the behaviour of this plasma is gov-

erned by these magnetic fields. The following section seeks to give an overview

of the theory governing the behaviour of plasma in the the Sun, magnetohydro-

dynamics (MHD), as well as describing the interactions of the magnetic fields

with themselves through the process of magnetic reconnection.

1.3.1 MHD

The material comprising the Sun is described as a plasma. Plasma, sometimes re-

ferred to as the "Fourth State of Matter" is a gas in which the majority of the atoms

have become ionised. This material is therefore highly (electrically) charged, as it

is now formed of negative electrons, and positive protons and heavier ions. The

behaviour of a fluid is described by hydrodynamics, but due to the electrically
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conducting nature of a plasma and the magnetic environment of the Sun the be-

haviour of plasma is described through magnetohydrodynamics.

1.3.1.1 Equations of MHD

The equations that make up the magnetohydrodynamic description of a plasma

are as follows:

Equation of State:

p = nkB T (1.2)

This is the ideal gas law which relates pressure (p), temperature (T ), with n being

the number of particles per unit volume and kB being Boltzmann’s constant.

Mass Conservation Equation:

∂ρ

∂t
+∇· (ρv) = 0, (1.3)

where ρ is the density of the plasma, v is the flow velocity of the plasma and t is

time.

Momentum Conservation Equation:

ρ
dv

d t
=−∇p + j×B+F, (1.4)

where, ∇p is the plasma pressure gradient, j×B is the Lorentz force with j being

the current density and B being the magnetic induction. F represents external

forces such as gravity.

Internal Energy Conservation:

∂p

∂t
+v ·∇p +γp∇·v = El , (1.5)

where, γ is the ratio of specific heat at a constant pressure to specific heat at a

constant volume, and the total energy loss function is represented by El .
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Ohm’s Law:

j =σ(E+v×B) (1.6)

Ohm’s Law shows that for a moving plasma that is in the presence of a magnetic

field, it will be subject to an additional electric field v×B in addition to the electric

field E. In this equation, σ is the electrical conductivity.

Maxwell’s Equations:

The set of equations known as Maxwell’s Equations describes the behaviour of

electric and magnetic fields. Within the MHD frame work Maxwell’s equations

can be described as follows, provided that plasma velocities are low (e.g. v ¿ c),

and that local electric charge densities and displacement currents are neglected

(Harra and Mason, 2004).

Faraday’s Equation:

∇×E =−∂B

∂t
(1.7)

Gauss’s Law for E:

∇·E = 0 (1.8)

Ampére’s Law:

∇×B =µ0j (1.9)

where µ0 is the magnetic permeability.

Gauss’s Law for B

∇·B = 0 (1.10)

The Induction Equation:

Equations 1.2 – 1.10 are considered to be the basic equations of MHD. These

equations can be combined to reduce variables and lead to new results. Combin-

ing Ampére’s Law (Eq 1.9) and Ohm’s Law (Eq 1.6), we can produce the Induction
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Equation.
∂B

∂t
=∇× (v×B)+η∇2B, (1.11)

where η is the ohmic diffusion and η = 1
µ0σ

. This equation is very important in

MHD as it describes the evolution of the magnetic field through the effects of

advection or diffusion.

1.3.1.2 Magnetic Reynolds Number

From the previous section, we see that there is both an advective term (∇×(v×B))

and a diffusive term (η∇2B) that govern the induction equation. The ratio of these

two terms is very important as it tells us how the magnetic field will behave, and

it is defined as the magnetic Reynolds number:

Rm = ∇× (v×B)

η∇2B
= v/l

η/l 2
=µ0σvl (1.12)

In the case where Rm ¿ 1 the diffusion term dominates. The physical implication

of this is that magnetic fields can diffuse through the plasma and are not affected

by the flow of the plasma. This is normally found to be the case in laboratory

plasmas.

In the case where advection dominates, Rm À 1 the transport of magnetic field

is through advection. This has the effect of “freezing” the magnetic field into

the plasma, meaning that the field lines are transported by the flowing plasma.

In the vast majority of astrophysical cases including the Sun, Rm À 1. However

from Eq 1.12 we can see that in a sufficiently localised region where l is small, Rm

can drop below 1. This can then lead to the reconnection of magnetic field lines,

a process which we shall discuss in more detail in the following section.

1.3.2 Magnetic Reconnection

As we have discussed in earlier sections, the solar atmosphere is a highly dynamic

place. A key consequence of this is that the magnetic fields which are frozen into

the plasma constituting the atmosphere become stressed, resulting in the build

up of large amounts of energy within the field. As with all physical systems, these
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X

Figure 1.6: This cartoon shows a basic 2D representation of magnetic reconnection be-
tween two anti-parallel field lines. The arrows represent the direction of the
magnetic field, while the colours represent the initial field line connectivity.
The X in the middle panel represents the reconnection site.

fields seeks to return to their lowest possible energy state, a potential field. The

process by which this energy is released is believed to be magnetic reconnec-

tion. The reconnection process results in topological changes within the mag-

netic field that return it to a more relaxed, potential state. Large-scale energy re-

leases in this manner are observed as solar flares which we shall discuss in more

detail in Section 1.4.

From Section 1.3.1.2 we saw that for the solar atmosphere Rm À 1, resulting

in the magnetic fields being frozen into the plasma. As a result of this freezing in

the magnetic topology of the field line is conserved. This should imply that no

reconnection can ever occur, however as we have also seen in Section 1.3.1.2 at

sufficiently small length scales the frozen in condition breaks down allowing the

diffusive term of Eq 1.11 to dominate and for the field line topologies to change

via reconnection.

1.3.2.1 2D Reconnection

In its simplest description in 2 dimensions, reconnection occurs between two

anti-parallel field lines.

Figure 1.6 shows a cartoon representation of 2D reconnection, where two

anti-parallel field lines, coloured in red and blue to highlight initial connectivi-

ties, come together at the point marked X. This is the site of reconnection, the
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site of the energy release during the reconnection process. After the reconnec-

tion has occurred, we see that two new field lines with a different topology have

been created. As the magnetic field lines are frozen in to the plasma, flows of

plasma would be observed moving towards the region marked X prior to the re-

connection occurring. Post reconnection plasma flows would be observed mov-

ing perpendicularly to the original flows away from the reconnection site.

While the underlying process of magnetic reconnection shown in Figure 1.6

is easily shown, a full description of the process is highly complex. Of these

more descriptive models, 2D steady state reconnection was the first case to be

described through the Sweet-Parker model (Sweet, 1958; Parker, 1957). In this

model the reconnection occurs within a diffusion zone (also referred to as a cur-

rent sheet), which is longer than it is wide. Additionally the outflows are assumed

to have velocities roughly equal to the Alfvén velocity, v A. The rate of reconnec-

tion is defined as the Mach number ratio:

M0 = v0

v A
= 1p

S
, (1.13)

where v0 is the inflow velocity and S is the Lundquist number. The Lundquist

number is essentially the magnetic Reynold’s Number, defined in Equation 1.12,

when v = v A. Using typical coronal values for the Lundquist Number, reconnec-

tion rates for Sweet-Parker reconnection are M ≈ 10−4 – 10−6. The result of this

is that Sweet-Parker reconnection is too slow to match the observed energy dis-

sipation rates during solar flares.

A variation to the Sweet-Parker model was proposed by Petschek (1964)

which results in much faster reconnection rates. This is achieved by reducing

the length of the diffusion region, allowing the propagation time across the re-

gion to be reduced, thereby increasing the rate of reconnection. This inclusion

of a smaller diffusion region in this model leads to the formation of slow-mode

shocks propagating from the diffusion region due to the interaction of in flowing

and out flowing plasma. These shocks play a very important role in the release of

the magnetic energy and the heating and accelerating plasma.
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Spine

Fan

Figure 1.7: The magnetic configuration of a 3D null point. Adapted from Priest (2014).

1.3.2.2 3D Reconnection

We have previously described two of the most basic models of 2D reconnection.

However, these are unable to fully describe the complex magnetic structures ob-

served within the solar atmosphere. Therefore since the 1990s much theoreti-

cal work has been done to investigate 3D reconnection models. In complex 3D

topologies there are regions where no magnetic field is present, called null points.

These magnetic null points separate regions of different magnetic connectivity

and are places where reconnection can preferentially occur between field lines

(Priest and Titov, 1996).

The null points in 3D reconnection are very different to null points in the 2D

case, where the null was the meeting point of the incident field lines (See, Fig-

ure 1.6). Figure 1.7 shows an example of a 3D null point illustrating structures

called the spines, which are composed of two field lines that leave (or enter)

the null point from opposing direction, and the fan, which consists of an infi-

nite number of field lines that enter (or leave) the null point. The spine and fan

structures are perpendicular to one another at the null point, as can be seen from

Figure 1.7.

Reconnection at the 3D nulls can be considered to have 3 forms; spine, fan
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Figure 1.8: The 3D reconnection topologies; Spine (left), fan (middle) and separa-
tor (right). The upper panels show the topologies in a cylindrical geometry,
while the bottom panels show the topologies in a dome-like fan surface ge-
ometry. Pre-reconnection field lines are shown in light grey and post recon-
nection field lines are shown in dark grey. Reproduced from Aschwanden
(2005).

and separator. Figure 1.8 shows these three scenarios for in a cylindrical geom-

etry (in the upper panels) and a dome-like fan surface geometry (in the lower

panels). In these figures the pre-reconnection field lines are shown in light grey,

and post reconnection field lines are shown in dark grey. In the spine reconnec-

tion case a magnetic field line will penetrate the fan surface or the dome of the

the null point. It will then twist around the spine and reconnect on the opposite

side to the fan and spine. For fan-reconnection the field line rotates around the

spine but does not penetrate the fan done, and reconnects on the other side. Sep-

arator reconnection is a more complex case, where there are multiple null points

present. The spine from the previous two examples is replaced by the separator

surface that joins the two nulls. The reconnection in this case occurs along the

separator surface where there are high parallel electric currents
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1.4 Solar Flares

We have described in section 1.3.2 how stressed magnetic field lines can undergo

the process of magnetic reconnection, changing their topology and moving to a

more relaxed energy state. Within the solar atmosphere, this process can release

vast quantities of energy within short periods of time. We call these events solar

flares. The energy released during a solar flare can be on the scale of 1032 erg

(Phillips et al., 2008), emitted on a time scale of tens of minutes. This energy

is released through radiation emitted over the full electromagnetic spectrum, as

well as the acceleration of particles, predominately electrons.

Flares are classified on a scale defined by peak soft X-ray flux in the 1 - 8 Å

range, as measured at the Earth by the Geostationary Operational Environmental

Satellite (GOES) satellites (see, section 2.4). This scale runs through A, B, C, M &

X with A< 10−7 W m−2 and X> 10−4 W m−2. The frequency of solar flares is highly

correlated with GOES class, with Hannah et al. (2011) showing that smaller flares

are far more common than larger events and that the distribution of flare size is

a power law.

The process of flaring can be roughly divided into three parts: the pre-flare

phase; the impulsive phase, where a rapid increase in soft X-ray flux is observed;

and the decay phase, where soft X-ray flux is seen to decay. While this is the

general form that solar flares exhibit there is a great variety in the soft X-ray

lightcurves of observed flares.

A phenomena closely related to flares are Coronal Mass Ejections (CMEs)

(Yashiro et al., 2006). As the name would suggest these events are large scale

eruptions of coronal material out into interplanetary space due to the changes

in the magnetic field structure. Although CMEs and flares often occur in tan-

dem and are believed to be initiated by similar processes, they are also observed

independently of each other (eg. Youssef, 2012).

1.4.1 The Standard Model

The “standard model” (Carmichael, 1964; Sturrock, 1966; Hirayama, 1974; Kopp

and Pneuman, 1976) of flares, seen in Figure 1.9, shows an ideal two-dimensional
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Figure 1.9: The two-dimensional “standard model” of solar flares. Reproduced from Shi-
bata et al. (1995).

cartoon of flaring with the magnetic reconnection occurring in the corona. In

this model a plasmoid, or filament, is formed above the polarity inversion line

of an active region. This filament then rises, stretching the magnetic field be-

low. This causes anti-parallel magnetic field lines to come into contact with each

other resulting in reconnection. As described in section 1.3.2.1 the reconnected

field lines, and plasma that they are frozen into will be ejected from the recon-

nection site at 90◦ to the direction the plasma inflow. The energy released during

reconnection causes heating of the solar atmosphere resulting in intensity en-

hancements in emission across a wide range of wavelengths. Other observational

evidence of flares are hard X-ray sources (>∼10 keV) at the foot points, and some-

times at the top, of the newly reconnected loops. These hard X-ray features are

thought to be produced by collisional thick target bremsstrahlung (Takakura and

Kai, 1966; Acton, 1968; Brown, 1973), a result of high energy electrons accelerated

by the flare encountering the higher density plasma of the chromosphere. Post-

flare loops can also be identified in soft X-ray (∼1–10 keV) observations. This soft

X-ray emission is the result of chromospheric material, heated by electrons ac-

celerated by the flare, expanding and travelling upwards along the magnetic field
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lines of the loops and is called chromospheric evaporation (Antonucci and Den-

nis, 1983). The footpoints of the reconnected loops can also be observed in EUV,

UV and optical emission as flare ribbons. These ribbons can be seen to move

away from both each other and the PIL during flares (Fletcher et al., 2011, and

references therein). This behaviour is a result of the reconnection site moving

higher in the atmosphere resulting in the footpoints of the resultant post flare

loops being situated further apart (Martin, 1979; Priest and Forbes, 2002).

While this “standard model” describes a scenario for the flare once it has

been initiated, it does not however provide a trigger mechanism for the flaring.

The following sections will outline some possible trigger mechanisms.

1.4.2 Flare and Eruption Trigger Mechanisms

There have been many models proposed that aim at explaining the triggering

of not only solar flares but also solar eruptions. These models involve a mag-

netic field in which energy has been stored, often through shearing of the mag-

netic field lines with respect to a polarity inversion line. Many sources will often

divide these trigger models into two categories: reconnection driven processes

(or resistive processes), and ideal MHD instabilities. While this can be conve-

nient to differentiate between models in this way, it is very important to note

that whilst some trigger mechanisms may be the result of either purely resistive

or MHD processes many involve a combination of both. In the following, a hard

distinction between resistive and MHD trigger mechanisms is not made, how-

ever the mechanisms detailed between sections 1.4.2.1 and 1.4.2.4 are predom-

inately controlled by resistive processes, whilst those between sections 1.4.2.5

and 1.4.2.7 are predominately controlled by ideal MHD instabilities. Addition-

ally, many of the trigger mechanisms presented here have similarities and it is

also important to consider that these individual mechanisms do not necessarily

act in isolation to one another, and may all play a role in triggering a given event,

see for example the scenario discussed in Inoue (2016), where multiple trigger

mechanisms act at different times to cause the flare and eruption.
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Figure 1.10: This figure details the formation of a flux rope via the flux cancellation pro-
cess from an initial arcade over a PIL (represented by the dashed line). Re-
produced from van Ballegooijen and Martens (1989).

1.4.2.1 Flux Cancellation

In the context of filament instabilities, flux cancellation was proposed by van Bal-

legooijen and Martens (1989) and details the process by which small scale oppos-

ing magnetic flux is brought together at a PIL and undergoes magnetic reconnec-

tion resulting in the creation of a twisted rope-like structure called a magnetic

flux rope (MFR). This flux rope can then become unstable and lead to the trig-

gering of flaring and eruptions. Figure 1.10 a shows the initial state of the system

in this model, where a magnetic arcade exists, above a PIL. Photospheric flows

along the polarity inversion line then cause the arcade to become highly sheared

(Figure 1.10 b). Further motions in the photosphere cause opposite polarity re-

gions to come together, resulting in reconnection between the anti-parallel mag-

netic fields. Figures 1.10 c and d show this process and the change of topology

that it results in. The reconnection results in the formation of two new sheared

loops, one larger sheared loop and one smaller potential loop. The larger sheared

loop remains in the atmosphere whilst the smaller loop submerges below the

photosphere at the PIL. This process then continues with more sheared loops,

resulting in the formation of a helical structure, which is the magnetic flux rope.

Figures 1.10 e and f show this process. The continuation of this flux cancellation

results in the transfer of more magnetic flux from the initial arcade into the flux

rope resulting in it starting to rise. Whilst flux cancellation has a key role in the
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Figure 1.11: A schematic showing the topology of the magentic fields and their evolu-
tion during the break out model. Reconnection between the inner blue field
lines and outer red field lines works to weaken the overlying field and allow
flaring and eruption to proceed. Reproduced from Antiochos et al. (1999).

formation of the flux rope it cannot drive eruptions. The simulations of Aulanier

et al. (2010) highlight this and suggest that this process can lead to an increase

in height of the flux rope, which in turn may result in it becoming susceptible

to MHD instabilities such as the torus instability, which subsequently drive the

eruption.

1.4.2.2 Break-Out Reconnection

Antiochos et al. (1999) proposed the magnetic breakout model as a possible ex-

planation for the triggering of flares and eruptions. This model requires a multi-

polar magnetic topology, with a strongly sheared central magnetic field above a

PIL, and an overlying magnetic field linking two neighbouring magnetic arcades.
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Figure 1.12: The process of the tether-cutting model is shown. Reconnection occurring
at the footpoints of sheared field lines results in the weakening of overlying
magnetic field, allowing flare reconnection to occur. Adapted from Moore
et al. (2001).

This topology also requires there to be a magnetic null point above the central

field, see Figure 1.11. Breakout reconnection proceeds in the following manner.

Increasing shear within the core magnetic field system, caused by footpoint mo-

tions, results in the core field expanding upwards. This leads to the formation of

a current sheet and subsequent magnetic reconnection at the null point. This re-

connection above the core field weakens the overlying field through the removal

of magnetic flux from above the core field. As the overlying field is then weaker it

provides less of a restraining force to the core field, allowing it to rise further and

can lead to the onset of flaring and eruption. Figure 1.11 shows an overview of

the topology of the magnetic fields during breakout reconnection.

Observational evidence suggestive of breakout reconnection has been

found by Aulanier et al. (2000), Gary and Moore (2004), Harra et al. (2005), and

Chen et al. (2016), amongst others. Key observational evidence for breakout re-

connection can be the identification of a magnetic structure similar to that seen

in Figure 1.11, through the study of EUV images of coronal loops, or through the

identification of brightenings distant from the flare site.

1.4.2.3 Tether-Cutting Reconnection

This model of flare/eruption triggering was proposed by Moore and Labonte

(1980) and Moore et al. (2001). The initial condition in this case requires a fila-
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ment supported by a core magnetic field which is strongly sheared with respect to

the PIL. The sheared core field is overlaid by a non-sheared arcade, see first panel

of Figure 1.12. As shear in the system builds, slow reconnection occurs at the

footpoints of the sheared core field lines, resulting in the cutting of the tethers.

This allows the upward expansion of the core field and hence the filament. There

is also a submersion of the disconnected tethers. Figure 1.12 shows this process

where the initially sheared field lines A-B and C-D undergo tether-cutting recon-

nection resulting in the new field lines A-D and C-B, where A-D expands upwards

whilst C-B is submerged. As this structure rises is stretched the overlying mag-

netic field producing a current sheet and allowing flare reconnection to proceed

in the form of the classical CSHKP model of flaring. It is important to note that

the tether-cutting model does not provide a driver for eruptions. Aulanier et al.

(2010) used simulations to investigate the tether-cutting process and its role in

flare and eruption triggering and found that indeed the tether-cutting reconnec-

tion does not drive the eruptions but plays a key role in pre-eruptive evolution,

allowing the filament/flux rope to rise to a region where is is subject to the torus

instability (See 1.4.2.6).

Observational evidence for tether-cutting reconnection is plentiful, with

some example studies being, Chifor et al. (2006), Chifor et al. (2007), Liu et al.

(2007) and Liu et al. (2010), among others. A key observational signature of

tether-cutting reconnection are brightenings in X-ray or EUV observed close to

the filament, especially when observed at the footpoints of the filament.

1.4.2.4 Small-Scale Bipole Emergence

Kusano et al. (2012) carried out 3D MHD simulations of small scale emerging

fluxes at the PIL of an active region to investigate their effect on flare and erup-

tion triggering. These emerging fluxes consisted of two main types, Opposite

Polarity (OP) and Reverse Shear (RS). Figure 1.13 shows a cartoon representation

of the OP and RS cases, where the small scale fluxes (indicated by the red ar-

rows) emerge beneath a sheared magnetic field (indicated by the blue arrows)

along a PIL. The interaction of the two different types of trigger field with the



1.4. Solar Flares 25

OP RS

Figure 1.13: This figure shows examples of opposite polarity (OP) and reverse shear (RS)
small scale emerging flux. The left hand panel show the OP configuration,
whilst the right hand shows the RS configuration. Black regions represent
negative polarity whilst white represent positive polarity. The blue arrows
represent the overlying sheared magnetic field, with the dot-dashed grey
line representing the axis of these sheared lines. The red arrows represent
the triggering field lines, with the dotted grey line representing the axis of
these lines.

existing overlying field leads to the occurrence of reconnection which results in

the triggering of flaring and eruption. It is important to note that in the OP case

the eruption of the flux rope may begin before the onset of the flare reconnec-

tion (eruption-induced reconnection), whilst in the RS case flare reconnection is

triggered before the eruption begins (reconnection-induced eruption). In both

cases during the later stages of the interaction, the magnetic fields exhibit the

morphology of the CSHKP standard flare model.

Observational evidence supporting this triggering scenario has found by Ku-

sano et al. (2012), Bamba et al. (2013) and Bamba and Kusano (2018). These pa-

pers use high resolution Hinode/SOT data to determine the shear of the overly-

ing magnetic field as well as the nature of the small scale trigger fields. Small

scale and intermittent Ca II bightenings were also observed along the PIL near

the small scale emerging fluxes. These were interpreted as a sign of reconnec-

tion occurring between the overlying field and the emerging fields. In particular

Bamba and Kusano (2018) studied 32 flares, finding that in 30% of the cases stud-

ied this model was identified as the flare trigger, while in the remaining 70% of

cases the flare trigger could not be definitively determined.
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Figure 1.14: Observations and modeling of a filament/MFR undergoing kink instability
during an eruption. Reproduced from Török and Kliem (2005).

1.4.2.5 Kink Instability

By their nature, magnetic flux ropes are twisted. Twist is defined as being the

number of times a field line turns around the central axis of the flux rope. When

the twist exceeds a critical value (Hood and Priest, 1981) the flux rope may be-

come unstable to the kink instability. As the eruption progresses the flux rope

kinks and rises. This results in the formation of a helical current sheet around

the flux rope and a vertical current sheet below the flux rope. Figure 1.14 shows

the progression of the kink instability in a simulation by Török and Kliem (2005).

In this work they were able to successfully reproduce the characteristics of both

failed and full eruptions using MHD simulations.

Alongside the comparison of imaging and simulations as in the Török and

Kliem (2005) case (see Figure 1.14), observational evidence for kink instability

has been found, such as Romano et al. (2003) and Rust and LaBonte (2005) who
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(1) (2) (4)(3)

Figure 1.15: The evolution of magnetic field lines subject to Double Arc Instability.
Adapted from Ishiguro and Kusano (2017).

used EUV observations to identify kinking motions during filament eruptions

that would be expected due to this instability. Williams et al. (2009) used Hin-

ode/EIS observations to identify oppositely directed Doppler shifts along a fila-

ment which the authors interpreted as an indication of the kinking motion dur-

ing the evolution of the instability.

1.4.2.6 Torus Instability

The torus instability is another ideal MHD instability that could play a role in

flare and eruption triggering. Proposed as a driver of eruptions by Kliem and

Török (2006), this model details how for an expanding flux rope (described by an

expanding toroidal current ring) if the Lorentz force applied by the external mag-

netic field decreases faster with height than the hoop force, which is the Lorentz

force applied by the current ring itself, the system will be unstable. The gradient

of magnetic field strength with height can be quantified by the dimensionless pa-

rameter, n, which is the decay index (Bateman, 1978). The decay index is given

by:

n =−∂ lnB

∂ lnR
(1.14)

where, B is the magnetic field strength and R is the radius of the torus, which is

equivalent to height above the photosphere. In a region where n ≥ 1.5 the flux

rope will be susceptible to torus instability Kliem and Török (2006)

Observational evidence for the torus instability has been found by Zuc-

carello et al. (2014)

1.4.2.7 Double Arc instability

Recent work by Ishiguro and Kusano (2017) proposes a new instability that can

lead to the triggering of eruptions. In this model the flux rope is described as a
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current carrying double-arc loop that is formed via tether-cutting reconnection.

Figure 1.15 shows the evolution of the double arc loop. In (1) we see two separate

loops which undergo tether-cutting reconnection at a certain height to produce

the double arc loop. This loop is then assumed to evolve under the conditions

of ideal MHD. In stage (2) the height of the “join” reduces until an equilibrium

point is reached. However, if the reconnection continues to occur, the current

in the double arc loop will continue to rise. Eventually, stage (4), the double arc

loses equilibrium allowing the eruption of the double arc loop. This processes is

the Double Arc Instability (DAI). The critical condition for the loss of equilibrium

and the onset of the DAI is defined by the dimensionless kappa index (κ):

κ= Tw
Φr ec

Φtot al
, (1.15)

where Tw is the twist of the field lines, Φr ec is the reconnected magnetic flux,

which is proportional to the current flowing in the loop, and Φtot al which is the

total magnetic flux of the external field. The result of this is that when κ exceeds

a critical value (κ0) it will result in the onset of the DAI. As the twist of the mag-

netic field in the double-arc loop and reconnected magnetic flux are key to this

equation it follows that they both play a role in initiating the DAI. Consequently

if Tw is high enough then a small amount of tether-cutting reconnection may

lead to the onset of DAI while for a weakly twisted double-arc loop more tether-

cutting reconnection is required. Through analysis of the stability of the double-

arc current loop it is found that even in a case where the external magnetic field

is uniform the double-arc current loop can become unstable. This is counter to

the torus instability case we saw in the previous section, where the toroidal cur-

rent ring only becomes unstable when the gradient of the external magnetic field

with height exceeds a critical value. This allows the double-arc instability (DAI)

to destabilise the flux rope at a far lower altitude than would be possible through

the torus instability.

As the DAI is a fairly newly described phenomena observational studies are

only now progressing. However, studies such as Inoue et al. (2011) and Bamba
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et al. (2013) have shown observations which would be consistent with, or be ex-

plained by the DAI.

1.4.3 Flare Precursors

The identification of observational features seen to occur prior to flaring and

eruptions is very important since they can help greatly in the process of deter-

mining the trigger mechanism responsible for the occurrence of a given event.

The following is a summary of possible pre-flare signatures.

1.4.3.1 X-ray/ EUV brightenings

Enhancement of emission in X-ray and EUV wavelengths has been linked to the

triggering of flare activity. These brightenings, that are often observed in close

proximity to filaments and PILs, are an indication of small scale magnetic re-

connection. Pre-flare X-ray brightenings have been described by many authors,

for example Harrison et al. (1985) and Harrison (1986), who identified X-ray en-

hancements located close to filament locations ∼15 - 30 minutes prior to flaring

occurring. Other examples of pre-flare X-ray emisison have been found by Chi-

for et al. (2006), Chifor et al. (2007), Sterling et al. (2010). In the Chifor et al.

(2007) case, several flares were analysed several flares finding that in 7 out of the

8 events X-ray precursors were observed to occur between 2 and 50 minutes prior

to flaring. The majority of these brightenings were found to be located close to

filaments in their respective active regions. Sterling and Moore (2005) and Ster-

ling et al. (2010) studied both X-ray and EUV emission whist investigating flare

and eruption triggering. This work found that X-ray and EUV emission occurred

in similar locations, often associated with sites of flux emergence. Warren and

Warshall (2001) also used EUV observations to identify pre-flare enhancements

which they linked to breakout reconnection. Many of these studies relate their

observed brightenings to regions of flux emergence and speculate that, due to

the spatial locations of brightenings being close to filaments that they could be

being driven by tether-cutting reconnection.
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1.4.3.2 Flux Emergence

Flux emergence has been observed in the hours prior to flaring and has been

shown to be associated with the triggering of flaring (Sterling et al., 2007). Flux

emergence can be identified through the use of LOS or vector magentograms to

identify the emergence of new flux from below the photosphere into the solar

atmosphere. Studies such as Sterling et al. (2007) and Williams et al. (2005) have

identified flux emergence as playing a role in the early stages of triggers flares and

eruptions. In-particular, when flux emergence is observed in the same location

as pre-flare X-ray and EUV enhancements it is a sign that the emerging flux is

reconnecting with existing magnetic field, setting in motion the chain of events

that can lead to flaring and eruptions.

1.4.3.3 Non-thermal velocity enhancements

Another quantity that has been observed to exhibit intriguing pre-flare activity

is the non-thermal width (also called non-thermal velocity, Vnt) of spectral lines.

The first suggestion that non-thermal velocity could be used as a pre-flare indi-

cator was made by Doschek et al. (1980), where non-thermal velocities of up to

200km/s were measured in X-rays. Harra et al. (2001) also used X-ray observa-

tions to identify that non-thermal velocities were seen to peak tens of minutes

before flare occurrence. Further evidence that non-thermal velocity may be an

indicator of activity leading to the triggering of flares comes from Hinode/EIS ob-

servations of extreme ultraviolet emission lines carried out by Harra et al. (2009).

They found non-thermal velocity to rise many hours prior to an X-class flare,

while Wallace et al. (2010) also found Vnt tended to increase an hour before the

onset of a B-class flare. These Vnt enhancements are most often interpreted as

the result of the unresolved motions of plasma in the active region before the

flare occurs. The spatial locations of these enhancements were investigated by

Harra et al. (2013), who studied four M and X class flares observed by Hinode/EIS.

It was found that in all four flares non-thermal velocity enhancements were seen

prior to the flare. However this work also identified a distinction between the lo-

cation of these enhancements between eruptive and non-eruptive flares. Of the
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four flares studied, three were found to have associated eruptions, while the re-

maining flare did not. In the non-eruptive case Vnt enhancement was identified

to occur at the region which later flared. The eruptive cases however exhibited

enhancements away from the site of the flare. These locations were then found

to be the site of coronal dimming, an effect that has long been associated with

CMEs (eg., Rust, 1983). For these events, the link between dimming regions and

earlier Vnt enhancements is interpreted by Harra et al. (2013) to be a sign that the

footpoints of the magnetic flux rope that forms the later eruption have become

activated prior to the both the flare and eruption itself.

While these non-thermal velocity enhancements have been extensively ob-

served within the corona, whether through X-ray or EUV observations, this same

behaviour has yet to be characterised in the lower atmosphere.



Chapter 2

Instrumentation

This thesis makes use of datasets acquired by several space-based observato-

ries. These data allow the investigation of the solar atmosphere at high resolution

from the corona, through the transition region and chromosphere, down to the

photosphere. This allows the dynamics of the whole solar atmosphere to be stud-

ied, as well as the topology of the magnetic field through the use of non-linear

force free field (NLFFF) extrapolations derived from photospheric magnetic field

measurements. Data sets such as these provide a powerful tool for investigating

the pre-flare environment. This chapter provides an overview of all of the instru-

ments from which data were used during the analysis presented in this thesis.

2.1 Hinode

Launched in 2006, Hinode (Kosugi et al., 2007) is a mission developed and oper-

ated by ISAS/JAXA as well as their international partners in the United Kingdom

and USA. The mission’s scientific aims are to study the generation, evolution and

dissipation of magnetic fields, as well as the transfer of energy through the solar

atmosphere, and how this energy is subsequently released e.g. through flare and

CME activity. To realise these research goals the satellite has three instruments:

the Solar Optical Telescope (SOT; Tsuneta et al., 2008), the X-ray Telescope (XRT;

Golub et al., 2007) and the Extreme-ultraviolet Imaging Spectrometer (EIS; Cul-

hane et al., 2007). Figure 2.1 shows the spacecraft and the positions of the three

instruments upon it. This thesis makes use of data from EIS and SOT in its anal-
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SOT

Figure 2.1: Artist’s representation of the Hinode Spacecraft. The positions of the SOT, EIS
and XRT instruments are labelled. This figure is reproduced and edited from
Tsuneta et al. (2008)

ysis.

2.1.1 Extreme Ultraviolet Imaging Spectrometer (EIS)

The EIS (Culhane et al., 2007) is a high-resolution imaging spectrometer designed

to observe the corona and upper transition region. The instrument’s scientific

goals are to make observations of spectral lines and their properties, such as

Doppler velocity, line width and temperature, to investigate the heating of the

corona, energy transport through the solar atmosphere and the causes of dy-

namic phenomena such as solar flares.

Earlier spectrometers that focused on investigating the same spectral wave-

lengths as EIS made use of grazing incidence optical systems. Advances in tech-

nology prior to the design of EIS, led to multilayer coatings being applied to the

mirror and grating to allow the instrument to utilise normal-incidence optics.

Figure 2.2 shows the optical path for the EIS instrument. The instrument ob-

serves two wavelength windows of 170–210 Å (SW) and 250–290 Å (LW) respec-

tively. These wavelength windows contain a wide and varied selection of emis-

sion lines, which are observed with a spectral resolution of 22 mÅ per pixel. Fig-
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Figure 2.2: Optical path of the Hinode/EIS instrument. Reproduced from Culhane et al.
(2007).

ure 2.3, reproduced from Young et al. (2007), shows the two wavelength windows

with the main emission lines present in an active region labelled. The over-

plotted dashed lines mark the effective areas of the EIS spectrometer in each

waveband. As can be seen from Figure 2.3, the strongest lines observed by EIS

are Fe XII 195 Å for the SW and He II 256 Å for the LW. The data are recorded on

two back-illuminated CCDs, one for each spectral pass band. Due to this, there is

a spatial offset between the SW and LW CCDs that is equivalent to ∼16 – 20 pixels

dependent on wavelength.

EIS can operate either 1′′, 2′′ slits or larger 40′′, 266′′ slots depending on the

desired spectrometer field of view for each slit position. EIS utilises raster imag-

ing to create larger fields of view in the x-direction. The instrument can com-

plete one raster step of 1′′ in 0.7 seconds, with raster steps being taken during

CCD readout. Due to the nature of the rastering process, images produced in this

manner are not simultaneous e.g. the first column of pixels making up the image

is acquired prior to the final column. This results in a limitation on the analysis

of events which exhibit rapid evolution, reducing the time resolution of the ob-

servation to the time taken to complete the total raster. These limitations gener-

ally confine observations of dynamic phenomena to use small fields of view, e.g.

sub active region size, whilst studies with less severe time constraints can utilise

much larger field of view rasters. Raaster images produced by EIS move in a (so-
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Figure 2.3: Example active region spectra in the LW and SW bands. Figure reproduced
from Young et al. (2007)

lar) west-east direction. The slits are predominantly used in EIS observations and

analysis due to their ability to provide high-resolution observations of individual

spectral lines, allowing Doppler velocity and line width to be measured with a

precision of ±5 km s−1 and ±25 km s−1 respectively. All spectrometers introduce

an instrumental component into the observed line width. This instrumental line

width is caused by effects within the spectrometer optics, such as diffraction by

the slit, scattering of light and imperfections within the optical elements. For the

SW the instrumental line width is 0.054 Å, and 0.057 Å in the LW (Brown et al.,

2008). In addition to this, observations made with the 2′′ slit are subject to an

additional 0.007 Å instrumental line width above those already quoted. EIS slit

observations are also effected by a slight misalignment between the slits and the
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Figure 2.4: The optical layout of the SOT. Reproduced from Tsuneta et al. (2008)

dispersion axis, e.g. they are not perfectly perpendicular. This results in the mea-

sured centroids of spectral lines varying along the slit. For the 1′′ slit this effect is

equal to 1.18×10−5 Å per pixel, whilst for the 2′′ slit it is 1.09×10−4 Å per pixel.

Whilst slit data are suited to smaller field of view, slot data can be used to

produce large fields of view, high cadence observations due to their lack of need

to raster. Work by Innes et al. (2008) and Harra et al. (2017) have even proposed

methods to extract velocity information from 40′′ and 266′′ slot observations re-

spectively. EIS observations are also subject to orbital variation in the position

of observed spectral lines. This variation is due to thermal changes within the

instrument over the course of the spacecraft’s orbit. For the Fe XII 195 Å line this

variation in line centre is ∼35 km s−1.

2.1.2 Solar Optical Telescope (SOT)

The SOT (Tsuneta et al., 2008) is the largest instrument on the Hinode spacecraft.

It is a 50 cm Gregorian telescope, which can produce diffraction-limited images

to a resolution of 0.2′′ – 0.3′′. Figure 2.1 shows the position of SOT in the central

body of the spacecraft. The telescope provides light to three instruments; the
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Broadband Filter Imager (BFI), the Narrowband Filter Imager (NFI) and the Spec-

tropolarimeter (SP; Lites et al., 2013). The optical layout of the SOT is shown in

Figure 2.4.

The BFI instrument produces photometric images in six bands which are

the CN band, Ca II H line, the G band, as well as three continuum bands (red,

blue and green respectively). These bands allow the accurate measurement of

temperature and plasma flows in the photosphere, as well as the measurement

of regions of strong magnetic field. Images with a field of view of 218′′× 109′′ can

be recorded with a resolution of 0.0541′′ pixel−1 and a cadence of less than 10 sec-

onds. The NFI is designed to produce intensity, Doppler and full Stokes polari-

metric imaging, using 10 filters including Hα, Na D and several Fe lines among

others. It provides a 328′′× 164′′ field of view with a resolution of 0.08′′ pixel−1.

Both the BFI and NFI share a CCD with 4k× 2k pixels. As of 2016 both the BFI

and NFI are no longer operational due to a short circuit in the filtergram camera.

The SP instrument is designed to measure the full Stokes polarisation pa-

rameters (I, Q, U and V) through the observation of the photospheric Fe I 6301.5 Å

and 6302.5 Å lines. The SP uses a slit of width 0.16′′ and 163.84′′ height in the

north-south direction. To scan a region 160′′ wide takes SP 83 minutes in normal

mode where the spatial resolution is 0.15′′× 0.16′′ per pixel. A fast map mode can

be used to cover the same FOV in 30 minutes, but this reduces the resolution to

0.3′′× 0.32′′ per pixel. Further faster scans can be produced by reducing the field

of view.

2.2 Interface Region Imaging Spectrometer (IRIS)

The Interface Region Imaging Spectrometer (IRIS; DePontieu et al., 2014) is a

NASA Small Explorer Mission (SMEX) that was launched in June 2013. A single in-

strument mission, it is designed and operated by Lockheed Martin Solar and As-

trophysics Laboratory (LMSAL) to investigate the dynamics of the chromosphere

and transition region with high spatial, temporal and spectral resolution. This

region is of interest due to the abundance of highly dynamic phenomena therein
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Figure 2.5: The IRIS spacecraft during testing at Lockheed Martin Space Systems Sunny-
vale, CA. facility. Image credit: Lockheed Martin.

Figure 2.6: This figure show the optical layout for the IRIS spacecraft. Reproduced from
DePontieu et al. (2014).

(e.g. spicules etc.) as well as it being pivotal to the transport of energy from the

chromosphere to the corona. Figure 2.5 shows the IRIS spacecraft whilst in test-

ing in its flight configuration. IRIS utilises a 19 cm diameter Cassegrain tele-

scope to feed its spectrograph and accompanying slit-jaw imager (SJI). Figure 2.6

shows the optical layout of the spacecraft, showing the separate optical paths for

the spectrograph and the SJI. The slit for the spectrograph is 0.33′′ wide and 175′′
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in the vertical height. Utilising rastering, the spectrograph can produce a maxi-

mum field of view of 130′′× 175′′. The IRIS spectrograph produces raster images

in a (solar) east-west direction (assuming the slit is orientated in the north-south

direction). The IRIS spectrograph observes two wavelength windows, one in the

far ultraviolet (split into FUV 1; 1332 Å – 1358 Å and FUV 2; 1389 Å – 1407Å) and

one in the near ultraviolet (NUV; 2783 – 2835Å) respectively. These windows al-

low the study of many spectral lines with the brightest lines in the NUV window

being the Mg II h/k at 2803 Å and 2796 Å respectively, and the brightest FUV lines

being Si IV lines at 1394 Å and 1403 Å and two C II lines at 1334.5 Å and 1335.7 Å.

In the FUV, the IRIS spectrograph achieves spectral resolutions of 26 mÅ, along

with a spatial resolution of 0.33′′. In the NUV window spectral resolution is 53 mÅ

with a spatial resolution of 0.4′′. As with Hinode/EIS, IRIS is also subject to orbital

variation due to thermal stresses on the instrument. These variations are largely

accounted for during the data pipeline process, but additional small variations

can be corrected by the user during the analysis process.

IRIS also utilises slit-jaw imagers (SJIs) to provide contextual information in

a 175′′× 175′′ field of view around the slit position. The SJIs produce images from

light reflected from the slit and passed through reimaging optics to produce the

contextual images. The incident light is passed through a filter wheel containing

4 filters for solar observing and a further two which were used in ground based

testing. The four SJI passbands are denoted by the spectral lines that dominate

them, although contributions from other lines and continuum emission may

have a significant effect depending on the target being observed. These pass-

bands and the wavelength of the dominant components are; C II doublet cen-

tred at 1335 Å ; Si IV 1394/1403 Å ; Mg II k 2796 Å and Mg II wing emission around

2830 Å. To enable co-alignment between the SJI and the spectrometer, two small

fiducial markers are present on the slit. These show up as dark features in spec-

tra and bright features in the SJI images. The SJI CCD is affected by dust particles

that rest upon it. The positions of these particles are known and the affected pix-

els are removed from observations.
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IRIS predominately observes in a (solar) North-South orientation, but under

certain circumstances the spacecraft can be rolled by up to ± 90◦ if the science

case is justified.

2.3 Solar Dynamics Observatory (SDO)

The Solar Dynamics Observatory (SDO; Pesnell et al., 2012) is a NASA mission un-

dertaken as part of the Living With a Star space weather program. Launched in

Feb 2010, it has been continuously taking data since May 2010 from its three in-

struments. These instruments are: the Atmospheric Imaging Assembly (AIA), the

Extreme-ultraviolet Variability Explorer (EVE) and the Helioseismic and Magnetic

Imager (HMI). AIA and HMI aim to make full disk observations of the Sun, to

investigate the structure and generation of the solar magnetic field and to inves-

tigate energy release in the solar atmosphere, whilst EVE is a Sun-as-a-star spec-

trometer. This thesis makes use of data from AIA and HMI. Figure 2.7 shows a

selection of full disk images available from HMI and AIA in their respective pass-

bands.

2.3.1 Atmospheric Imaging Assembly (AIA)

The AIA instrument onboard SDO is designed to investigate the interaction be-

tween the plasma and magnetic field in the solar atmosphere over a broad range

of temperatures. AIA is composed of four cassegrain telescopes, each one con-

taining two filters allowing two separate passbands to be captured by each tele-

scope. AIA is designed to observe the Sun in UV and EUV, with a total of ten wave-

lengths ranging from 94Å to 4500 Å (see, Table 2.1 and Figure 2.7). It is important

to note that the passbands of the AIA instrument are not monochromatic, re-

sulting in multiple emission lines and continuum sources being present in each

passband. The result of this is that care must be taken when interpreting AIA

observations and estimating the temperature of the emission they may be show-

ing. The data are recorded on a 4096× 4096 pixel, back illuminated CCD with

full frame readouts of all eight filter pass bands operating with a cadence of 10–

12 seconds. The full field of view extends from Sun centre to 1.5 solar radii, with
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Figure 2.7: Examples of images produced by SDO. Three of the top images show the
available HMI data products. The remaining images show example AIA data
in the ten passbands between 94Å to 4500 Å. Note, the AIA images are ar-
ranged in order of atmospheric formation temperature, not wavelength. This
figure is credited to NASA/SDO/AIA.

Channel Primary Ion(s) Region of Atmosphere Char. Log(T)

94 Fe XVIII Flaring corona 6.8
131 Fe VIII / XXI transition region, flare plasma 5.6/7.0
171 Fe IX Quiet corona, upper transition region 5.8
193 Fe XII / XXIV corona, hot flare plasma 6.2 / 7.3
211 Fe XIV Active region corona 6.3
304 He II Upper chromosphere 4.7
335 Fe XVI Active region corona 6.4

1600 C IV (& cont) transition region, upper photosphere 5.0
1700 Continuum Temperature minimum, photosphere 3.7
4500 Continuum photosphere 3.7

Table 2.1: AIA Passbands. Reproduced from Lemen et al. (2012)

a spatial resolution of 1.5′′ pixel−1.

With its ability to provide full disk images in ten wavelength windows, AIA

is well suited to the task of studying global phenomena such as waves and oscil-
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lations as well as providing large field-of-view contextual information for other

instruments.

2.3.2 Helioseismic and Magnetic Imager (HMI)

The Helioseismic and Magnetic Imager (HMI; Scherrer et al., 2012) instrument

on board SDO is designed to study the photospheric magnetic field. The instru-

ment is designed to measure Doppler shifts, polarisation and intensity through

the observation of the Fe I 6173 Å absorption line. HMI can produce full disk line

of sight magnetograms with a cadence of 45 seconds (Schou et al., 2012). Us-

ing observations at a lower cadence of 90 or 135 seconds, HMI can produce full

vector magnetic field magnetograms.

As with AIA, HMI is continuously observing the full disk of the Sun on a

4096 x 4096 pixel CCD, providing a 0.5′′ per pixel resolution. The fact that HMI

produces continuous line-of-sight and vector magnetic field measurements of

the whole solar disk makes it a valuable instrument in the study of the evolu-

tion of photospheric magnetic fields. In addition to the standard HMI data prod-

ucts, this thesis also make use of another data product; the Space Weather HMI

Active Region Patches (SHARPS; Bobra et al., 2014). The SHARPS data product

aims to track large scale regions of magnetic field, e.g. Active Regions, over the

course of their whole lifetime and provide all HMI observables associated with

them. SHARPS data are available in two coordinate systems, the native HMI

Helio-projective Cartesian coordinates, or in heliographic Cylindrical Equal Area

projection that is centred on the region.

2.4 Geostationary Operational Environmental Satel-

lite (GOES)

The Geostationary Operational Environmental Satellite (GOES) program is a long

running series of satellites jointly operated by NASA and the National Oceanic

and Atmospheric Agency, NOAA. From the launch of GOES - 1 in 1974 these satel-

lites have been placed in Geostationary orbit and serve primarily as meteoro-
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logical satellites. They do however also contain solar monitoring instruments.

Continuously from GOES - 1 to the latest GOES - 16, the spacecraft have carried

the X-ray Sensor (XRS) instrument. This instrument measures the full-disc solar

X-ray irradiance in two passbands, 0.5 - 4 Å and 1 - 8 Å. It is through this instru-

ment that the common flare classification system, as mentioned in section 1.4,

is defined. Table 2.2 shows goes class and corresponding X-ray flux range in the

1 - 8 Å passband.

GOES Class Peak Flux (W m−2)
A 10−8 – 10−7

B 10−7 – 10−6

C 10−6 – 10−5

M 10−5 – 10−4

X > 10−4

Table 2.2: The GOES flare classifications and respective peak X-ray flux in the 1 - 8 Å pass-
band.



Chapter 3

Methods

This chapter will detail the methods used in the analysis presented within this

thesis.

3.1 Spectroscopy

Spectroscopy is a very powerful tool which can be used to determine a vast

amount of information about the properties of the plasma and the dynamics of

the solar environment. The simpilest description of spectroscopy is that it is the

study of light emitted from an object, in this case the Sun. This section will dis-

cuss some of the basics of spectroscopy, such as the formation of spectral lines

and some of the diagnostic techniques that can be applied to spectroscopic ob-

servations.

3.1.1 Line Formation

At its most basic level line emission from the Sun is through the change in en-

ergy level of an electron within an ion or atom. When an electron changes from

a higher energy level to a lower level, a photon of energy, ∆E = E j −Ei will be

emitted. Here energy states E j and Ei correspond to the excited energy state and

lower energy state respectively. The resultant photon will have a defined wave-

length given by:

∆E = hc

λ
(3.1)

where h is the Planck constant and c is the speed of light.
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The transitions between energy levels can be caused by several different pro-

cesses. The interaction of an ion with photons travelling through the atmosphere

can result in line formation in two possible scenarios. Firstly the absorption of a

photon can excite a bound electron to a higher energy level. This results in the

production of absorption lines within the corona. An incident photon can also

cause a bound electron to decrease in energy level, resulting in stimulated emis-

sion of a second photon. Electrons bound within an ion may also release energy

via spontaneous emission, when a photon is emitted by the transition of an elec-

tron in a higher energy level to a lower energy level in the absence in external

stimuli. Collisional excitation and de-excitation occurs as a result of inelastic

collisions between a free electron and an ion below the threshold for the further

ionisation of the ion.

Different ionisation processes are also a key source of raising and lower-

ing energy levels within the solar atmosphere. Photo-ionisation occurs when a

bound electron is freed from the atom it belongs to after the absorption of a pho-

ton. This is an example of a bound-free interaction. The inverse of this process is

called radiative recombination (or two-body recombination), where a free elec-

tron is captured by an ion and bound to a free energy level. The remaining energy

of the electron is emitted as a photon. As the energy of the electron in the inter-

action is not quantised, a continuum of emission is formed through this process,

rather than line emission. Collisional ionisation is the process by which a free

electron collides with an ion and the interaction results in the removal of a bound

electron from the ion. This has the effect of leaving the ion in a more highly

ionised state. Three-body recombination can be seen as the inverse of collisional

ionisation. In this case two free electrons, or possibly one free electron and a free

ion interact with an ion. This interaction results in the recombination of one or

both of the free electrons. The third ionisation process is auto-ionisation. Here,

an ion in an excited state spontaneously ionises. If this electron that is removed

to cause this ionisation happens to be an inner-shell electron, the lower energy

state that is now free will be filled by a higher energy electron resulting in the re-



3.1. Spectroscopy 46

lease of a photon corresponding to the excess energy. Dielectric recombination

is a process where a free electron is captured by an ion. The excess kinetic energy

of the captured electron results in the excitation of an already bound electron to

a higher energy state. These electrons then transition to the lowest available en-

ergy states releasing the excess energy as photons resulting in the production of

satellite emission lines.

The atmosphere which the photons emitted via such processes are passing

through can be considered to be either optically thick or optically thin. In the

optically thick case the plasma through which the emitted photons must travel

is of sufficiently high density that they can be absorbed, re-emitted or scattered

prior to being observed. Many chromospheric lines are observed to be optically

thick. In the optically-thin case, such as in the transition region or the corona,

temperatures are high and densities low, resulting in emitted photons travelling

unimpeded towards the observer. The vast majority of spectral emission studied

in this thesis is optically thin, so we shall now describe the equations that govern

optically thin emission. The equations that are presented in the following are

reproduced from Phillips et al. (2008).

For a transition from upper energy level j, to a lower energy level i, we can

define the emissivity, which is the power emitted per unit volume dV, to be:

dε j i = n j A j i hν j i dV (3.2)

where the emissivity has units erg s−1, and n j is the number density of ions in

the upper state j, A j i is the Einstein coefficient for the probability of a transition

occurring between energy levels j and i, and ν j i is the frequency of the emitted

light.

For an optically-thin plasma we can describe the total flux that an observer,

at distance R, would receive by integrated each volume element along the line of

sight. The flux, F j i for the transition is therefore:

F j i = 1

4πR2

∫
V

n j A j i hν j i dV (3.3)
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Flux therefore has units of erg cm−2 s−1. In practice, the integral is often defined

to be over the line-of-sight depth, with the spatial resolution of the observing

spectrometer defining the minimum area observed.

The number density of ions in the excited state n j that we use in Equa-

tions 3.2 and 3.3, can expanded to the form:

n j =
n j

ni on

ni on

nel

nel

nH

nH

ne
ne (3.4)

In this equation ni on is the ion number density and
n j

ni on
represents the relative

population density of level j; nel is the number density of the element of interest

and ni on
nel

is the relative ion population; nH is the number density of hydrogen, and

nel
nH

is therefore the relative abundance of the chosen element; ne is the number

density of free electrons, with nH
ne

then being the abundance of hydrogen relative

to free electrons.

We can then define a quantity known as the contribution function, G(T,ne ),

which contains all of the information about the atomic processes involved in a

given transition and can be represented as a function of temperature and elec-

tron density.

G(T,ne ) = n j

ni on

ni on

nel

nel

nH

nH

ne

A j i

ne
hν j i (3.5)

Contribution functions are calculated from atomic theory and are peaked

strongly with temperature. The temperature that corresponds to the peak of

the contribution function for a given ion is defined as the formation tempera-

ture for the associated spectral line. We can include the contribution function in

Equation 3.3 giving:

F = 1

4πR2

∫
V

G(T,ne )n2
e dV (3.6)

This has the effect of neatly separating the temperature-dependent terms of the

given transition (G(T,ne ),) from those independent of temperature. The terms

independent of temperature in the equation can be defined as the emission mea-

sure:

E M =
∫

V
n2

e dV (3.7)
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This emission measure is the first step in discerning the properties of the plasma

producing the emission as it can be directly calculated from the observed flux,

provided the contribution function of the spectral line under observation is

known from theory.

3.1.1.1 Line broadening

We have described previously an ideal situation in which the optically thin emis-

sion line has a wavelength corresponding to exactly the energy of transition be-

tween energy levels that created it. This ideal spectral line would be monochro-

matic, however there are several factors that result in spectral lines not being ob-

served as monochromatic emission. In this case the flux distribution will be a

function of frequency, F (ν), of the form:

F (ν) = F0ψ(ν) (3.8)

where F0 is the monochromatic spectral line flux, and ψ(ν) is the distribution

function or the line profile. This is peaked at a central frequency, νi j , and is such

that: ∫ ∞

0
ψ(ν)dν= 1 (3.9)

The form that this distribution takes is influenced by several factors which we

shall now discuss. The Heisenberg Uncertainty Principle, fundamental to quan-

tum mechanics, introduces an uncertainty to the energy released in a given tran-

sition. This is classified as natural line broadening and can be characterised by

a Lorentzian distribution. Collisions between particles will also lead to broad-

ening. For a given transition, there is an associated characteristic timescale for

that transition to occur, following from the Heisenberg Uncertainty Principle. In

a gas or plasma, collisions between particles can reduce the lifetime of an elec-

tron in an excited state, resulting in a broadening of the observed spectral line.

This collisional broadening, also know as pressure broadening, is highly corre-

lated with the density of the plasma from which the line emission is observed, as

in these dense plasmas the collisional timescale is shorter than the characteristic
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timescale for the transition. The opacity of the plasma that the emission trav-

els through prior to being observed has an effect of the shape of the observed

profile through the absorption of photons in a wide profile (Phillips et al., 2008).

The largest contribution to the observed line width in the corona is caused by

atmospheric effects is due to thermal or Doppler broadening. This broadening is

caused by the emitting particles randomly moving along the line-of-sight, possi-

bly due to thermal motions, rotation, bulk plasma motions, turbulence or waves

(Phillips et al., 2008). Additional broadening to the observed spectral line results

from instrumental effects within the spectrometer being used.

These broadening mechanisms result in line profiles that can be roughly ap-

proximated by a Gaussian line profile. Mathematically the profile is of the form:

ψ(ν) = 1p
π∆ν

exp−(
ν−ν0
∆ν )2

(3.10)

A quantity known as the Full Width at Half Maximum (FWHM) is often used to

describe distributions. FWHM is defined as the width of the Gaussian profile,

ψ(ν), between the two frequencies at which the intensity of the line profile is half

of its peak value. This has the form:

FW H M = ν0

c

√
4ln2

2kB Ti

Mi
, (3.11)

where kB is the Boltzman constant and Ti and Mi are the temperature and mass

of the ion emitting photons respectively. It is also possible to express equa-

tions 3.10 and 3.11 in terms of wavelength giving:

ψ(λ) = 1p
π∆λ

exp−(
λ−λ0
∆λ )2

(3.12)

and

FW H M = λ0

c

√
4ln2

2kB Ti

Mi
(3.13)
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a) b)

Figure 3.1: Examples of spectral fitting of the Fe XII emission line observed by Hin-
ode/EIS. Panel a shows the result of fitting a single Gaussian profile (solid
white line) to the observed spectral data. Panel b shows the results of fitting
a more complex spectral line with two Gaussian profiles. The yellow curve
is the superposition of the two individual Gaussian profiles used to describe
the observation, while the white curve is is the Gaussian that describes the
Doppler shifted component of the observed spectral line.

In these cases:

∆λ= λ0

c

√
2kB Ti

Mi
(3.14)

The distribution shown in equations 3.11 and 3.13 only takes into account the

broadening due to thermal (Doppler) effects. Whilst this is the dominant broad-

ening mechanism the other broadening effects can be included, resulting in the

following expression:

FW H M = λ0

c

√
4ln2(

2kB Ti

Mi
+V 2

inst +V 2
nt) (3.15)

Here, Vi nst is the additional line width resulting from instrumental broadening,

whilst Vnt corresponds to line broadening that cannot be attributed to either

thermal or instrumental effects, and is called non-thermal velocity. This addi-

tional broadening may be caused by processes such as plasma flows. We have

discussed how non-thermal velocity has been identified as a possible observa-

tional feature of flare triggering (see Section 1.4.3.3). Figure 3.1 panel a shows an

example Hinode/EIS observation of the Fe XII line. The solid white line is the

Gaussian profile that describes the observed spectrum.
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3.1.1.2 Doppler Velocity

We have seen in the previous section that observed spectral lines can be approx-

imated mathematically using Gaussian functions. The wavelength of the peak of

these distributions is defined as the rest wavelength (λ0) of the spectral line. We

have also described how thermal or Doppler broadening increases the intrinsic

line width of a given spectral line. The Doppler effect can also be used to identify

larger bulk flows of plasma along the line of sight of the observer. These flows can

cause the observed line centre of the spectral line to change wavelength, shifting

it to shorter wavelengths (blue shifted) or to longer wavelengths (red shifted).

Within the solar atmosphere blue shifted emission is interpreted as moving to-

wards the observer (up flowing) whilst red shifted emission corresponds material

moving away (down flowing) The bulk plasma velocity can be calculated from the

following formula:

λ=λ0(1− v

c
), (3.16)

where λ is observed wavelength, c is the speed of light and v is the velocity of the

moving plasma. Figure 3.1 panel b shows an example of the Fe XII emission line

observed by Hinode/EIS that is exhibiting Doppler shifting. We can see that this

profile complex and cannot be described by a single Gaussian profile. The yellow

curve show the superposition of two Gaussian profiles that have been fitted to

describe the observed line profile. These two Gaussian profiles describe emission

from plasma that is at rest (the central peak) and moving towards the observer,

the emission in the elongated shoulder of the profile. The white Gaussian profile

describes the Doppler-shifted component of the observed line.

3.1.1.3 Spectral fitting

This thesis makes use of spectroscopic observations from the Hinode/EIS and

IRIS imaging spectrometers. In order to determine Doppler velocities and non-

thermal velocities (Vnt) from the observed spectra, automatic spectral fitting was

used. This fitting was carried out using routines within the SolarSoft(Freeland

and Handy, 1998) data analysis package for the Interactive Data Language (IDL).
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The routine eis_auto_fit was used to apply the Gaussian fits. This routine fits

Gaussian profiles to the input data through a method in which an initial esti-

mate of a Gaussian profile is iteratively changed to best fit the observed data. The

“best-fit” in this case is defined as being the fit in which the weighted squared dif-

ference between the observed data and the fitted Gaussian profile is minimised.

The routine eis_wvl_select allows the selection of individual regions within

the observed spectral windows in which the fitting of Gaussian profiles will be at-

tempted. In this work individual spectral lines were selected for “typical” spectra

within the data, using this routine. The peak of the spectral line was chosen to be

in the centre of the selected region. The outer edges of the fit window were cho-

sen to extend as far into the nearby background as possible while also excluding

other spectral lines from the window, so that only one line was being fitted at a

time. Correction for the background present in observations is carried out auto-

matically by eis_auto_fit during the fitting process. For each spectrum being

fit, the background is defined as being a linear function between the intensity

values at the edges of the fit window. Additionally, if desired, an initial estimate

for the parameters that describe the Gaussian profile can be defined. This can be

done multiple times and is of great use when fitting complex line profiles where

there may be multiple components within the emission. Figure 3.1 shows exam-

ples of fits that can be achieved using this routine. In panel a we can see the result

of single Gaussian fitting, whilst panel b shows the results of multiple Gaussian

fitting with a more complex spectral line.

When carrying out fitting using Hinode/EIS and IRIS data it is of the utmost

importance to define an accurate rest wavelength for the emission line under in-

vestigation. The reason for this is that for both Hinode/EIS and IRIS absolute

wavelength calibration is not carried out on-board the instruments. The rest

wavelengths of the spectral lines being fitted were calculated by selecting a small

region of the raster which corresponds to “quiet Sun” conditions e.g. very little

dynamic activity is observed. The spectra in this region are then fitted with sin-

gle Gaussian fits, and the average centroid wavelength of these is then chosen
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to be the rest wavelength. The routine is then applied to the whole of the raster,

fitting Gaussian profiles to the desired spectral line in each pixel. This routine

From these fits the properties of Doppler velocity and line width and intensity of

the spectral line can be calculated using the routine eis_get_fitdata. These

routines work for both Hinode/EIS and IRIS spectra. For the calculation of non-

thermal velocities from Hinode/EIS data, the routine eis_width2velocity was

used. This routine takes the observed FWHM of the fitted spectral line, the in-

strumental FWHM as well as information on the line being observed from which

the thermal velocity is calculated. The output of this is the non-thermal ve-

locity measured in km s−1. A similar routine is also available for IRIS spectra,

iris_nonthermalwidth, however this is not used in the thesis.

3.2 Magnetic Field Modelling

In section 1.3 we discussed how the magnetic field of the Sun interacts with the

plasma comprising the solar atmosphere (MHD) as well as how the magnetic

fields interact with themselves through reconnection. Section 1.4 detailed sev-

eral possible flare trigger models, all exhibiting different magnetic topologies.

Whilst the determination of the photospheric magnetic field is possible by in-

struments such as SDO/HMI (Section 2.3.2), measurements of the magnetic field

in the corona are as of yet unavailable. This is due in part to the diffuse emis-

sion from the coronal being too weak to observe Zeeman splitting, along with the

high temperatures and hence large thermal line widths which result in smaller

less observable Zeeman line shifts. Next generation instruments, in particular

the ground based Daniel K Inouye Solar Telescope (DKIST) will have the ability

to determine these magnetic fields from observations. Currently however, in the

absence of these types of measurements to determine the topology of the coro-

nal field modelling must be used to extrapolate the observed photospheric field.

There are several models that can be used to extrapolate the coronal field but this

thesis makes use of Non-linear Force Free Magnetic Field Extrapolations (NLFFF).

This chapter will briefly describe NLFFF extrapolations and the methods used to
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calculated them in this thesis.

3.2.1 Non-Linear Force Free Magnetic Field Modelling

From Section 1.2.4 and Figure 1.3 we know that the corona is a region where the

plasma beta is low, β < 1. In this case, as the plasma pressure is considered to

be low the forces provided by this plasma can be ignored, hence the “Force Free”

portion of the name NLFFF. Also, in this low β environment, currents present are

assumed to be nearly parallel to the magnetic field. Mathematically this force

free field approximation can be defined by:

j×B = 0 (3.17)

along with Equations 1.9 and 1.10. Combining these equations results in the fol-

lowing mathematical description the force free field:

∇×B =α(r )B (3.18)

or

B ·∇α(r ) = 0 (3.19)

In these equations α is the force-free parameter which is a scalar function of po-

sition, r . The simplest case of a force free field occurs whenα= 0. This is a poten-

tial field. As a potential field is the lowest energy state there is no free magnetic

energy within the system. Therefore, potential field extrapolations are unable to

describe eruptive phenomena such as flux ropes. Ifα(r ) is a uniform distribution

(e.g it is constant everywhere) then the force free field is considered to be a lin-

ear force free field (LFFF). While a LFFF can have free energy, observational evi-

dence suggests that in active regions the value ofα(r ) varies with location (Inoue,

2016). This leads to the third case for a force-free field, whereα(r ) is not constant

in space. This results in Equation 3.18 containing non-linear terms (hence it is a

NLFFF) and thus requires numerical methods to solve for its solution.

There are many methods that can be used to extrapolate photospheric mag-
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Figure 3.2: An example extrapolation produced using the Magneto-frictional method.
Extrapolated field lines are shown in red. The upper panel shows a top down
view of the extrapolation box, with the LOS magetoram that is the basis of the
extrapolation visible. The lower panel shows the three dimensional nature of
the extrapolation through a side view.

netic fields. In this thesis the results of extrapolations created using two such

methods are discussed. These two models are the Magnetofrictional model of

Mackay et al. (2011) and Gibb et al. (2014) and the Magnetohydrodynamic relax-

ation model of Inoue et al. (2011, 2014).

3.2.1.1 Magnetofrictional Model

In Chapter 4 the magnetic field is extrapolated using the Magnetofrictional

model of Mackay et al. (2011) and Gibb et al. (2014). In this technique, the bound-

ary driving at the level of the photosphere is obtained directly from a time series

of HMI line-of-sight magnetograms which are directly applied as lower boundary

conditions. The coronal magnetic field then responds to these motions by evolv-

ing through a continuous series of quasi-static nonlinear force-free fields using

the magneto-frictional relaxation method. It is important to note that the way

this method is implemented results in the magnetic connectivity and flux being

preserved between each extrapolation which allows the evolution of the fields

to be studied. The following equations are solved within the computational box

which has closed boundary conditions on the sides and top, in order to produce

the 3D magnetic field:
∂A

∂t
= v×B (3.20)
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where A corresponds to the vector potential (with B =∇×A) while v is the mag-

netofrictional velocity.

The evolution of the magnetic field between each of the boundary magne-

tograms is determined by solving the following equation of motion:

j×B−ν′
v = 0 (3.21)

as there is the approximation of a steady state and no external forces are acting.

ν
′
is a frictional coefficient of the form ν

′ = νB 2, where ν= 2.28×10−10 m−1 s. This

value is chosen to ensure that j and B essentially parallel ( the angle between is

less than 1◦). This has the effect of ensuring that the simulated field lines that are

determined from the data are in a NLFF state.

As has been stated, this method uses a series of line-of-sight magnetograms

as its initial conditions. To produce a continuous evolution of the fields between

each of the observed magnetograms, and subsequently the vector potential cal-

culated from each, linear interpolation is used. This makes use of 500 interpola-

tion steps to evolve the magnetic field according to to equation 3.21 to the new

state. The initial field is extrapolated from the first magnetogram in the sequence

and is assumed to be potential, obeying the equation:

∇2A = 0 (3.22)

The following magnetograms in the sequence are then calculated using the equa-

tion 3.20, and the field is evolved according to the process we have explained.

This therefore has the effect of determining the evolution of the NLFFF over the

sequence of magnetograms and allowing the investigation of the magnetic field

connectivities therein.

Figure 3.2 shows an example extrapolation produced using this method. Ex-

trapolated magnetic field lines are shown in red. The upper panel is a top down

view of the extrapolation box, showing the LOS magnetogram that provides the

bottom boundary conditions for the method. The lower panel shows a side on
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Figure 3.3: An example extrapolation produced using the magnetohydrodynamic relax-
ation method. Extrapolated field lines are shown in red. The magnetic Bz

component of the magnetic field is shown on the bottom boundary.

view, exhibiting the three dimensional nature of the extrapolation.

3.2.1.2 Magnetohydrodynamic Relaxation Model

Chapters 5 and 6 make use of a different NLFFF extrapolation model which

utilises the Magnetohydrodynamic Relaxation approach to produce the extrapo-

lations. While there are several differing versions of the MHD relaxation method

(Mikic and McClymont, 1994; McClymont and Mikic, 1994), in this work we use

the implementation developed by Inoue et al. (2011) and Inoue et al. (2014). The

following is a brief overview of the method. For a more detailed treatment please

refer to Inoue et al. (2011) and Inoue et al. (2014). As with the method in sec-

tion 3.2.1.1, this technique seeks to find suitable force-free fields that satisfy the

lower boundary conditions, which in this case are set by the observed photo-

spheric vector magnetic fields. This method first extrapolates a potential field

using only the Bz component of the photospheric vector magnetogram, which

is uniquely determined (Sakurai, 1982). Then the horizontal magnetic fields

(Bpot,x ,Bpot,y ), which are potential components extrapolated from Bz , on the

lower boundary are gradually changed to match the observed horizontal fields,

(Bobs,x ,Bobs,y ). During this process, the following equations are solved inside of a

numerical box to describe the extrapolated magnetic field,
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ρ = |B| (3.23)

∂v

∂t
=−(v ·∇)v+ 1

ρ
J×B+ν∇2v, (3.24)

∂B

∂t
=∇× (v×B−ηJ)−∇φ, (3.25)

J =∇×B, (3.26)

∂φ

∂t
+ c2

h∇·B =−c2
h

c2
p
φ, (3.27)

where ρ is pseudo plasma density, B the magnetic flux density, v the ve-

locity, J the electric current density, and φ a convenient potential to reduce er-

rors derived from ∇ ·B (Dedner et al., 2002), respectively. ν is a viscosity term

fixed at 1.0× 10−3, and the coefficients c2
h , c2

p in Equation (3.27) are also fixed

with constant values, 0.04 and 0.1, respectively. The resistivity is given as η =
η0 +η1|J×B||v|/|B| where η0 = 5.0×10−5 and η1 = 1.0×10−3 in non-dimensional

units. The second term is introduced to accelerate the relaxation to the force-free

field particularly in weak field regions.

Within the numerical box, all boundary conditions are fixed as potential

fields with the exception (as we have already stated) of the lower boundary which

is determined by the observed horizontal components of the vector magnetic

field, Bobs as follows. The lower boundary condition BBC , relates to Bobs and the

extrapolated potential field components Bpot in the following way:

BBC = ζBobs + (1−ζ)Bpot (3.28)

Here, the coefficient ζ has a value between 0 and 1. An indication of the force-free

state of the extrapolation can be found from, R = ∫ |J×B|2dV . Values are then it-
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erated to minimise R to a threshold value of Rmi n , defined to be the value of the

first local minimum of R. The coefficient ζ is then modified such that ζ = ζ+dζ

and dζ= 0.02. The iteration process then continues until ζ= 1. At this point BBC

will equal Bobs and the non-potential extrapolated field has been determined.

The resulting extrapolated magnetic field lines can then be visualised and com-

pared to observed magnetic loops as seen in SDO/AIA data to test the reliability

of the solution of the extrapolated field. Figure 3.3 shows an example extrapola-

tion produced using this method. Magnetic field lines are shown in red, and the

Bz component of the vector magnetogram used to calculated the extrapolation

is shown on the bottom boundary.

Sections 3.2.1.1 and 3.2.1.2 describe the magnetofrictional and MHD relax-

ation extrapolation methods respectively. As the MHD relaxation method makes

use of vector magnetic field measurements, the results that are produced using

this method reproduce the physical structures observed within active regions

to a higher accuracy due to the knowledge of the observed horizontal magnetic

field. However, the magnetofrictional method is computationally faster than the

MHD relaxation method. Additionally, for regions where magnetic field values

are weak, the quiet sun for example, vector magnetic field measurements are not

always possible or reliable, meaning that the MHD relaxation method struggles

to reproduce the field in these regions, whilst the magnetofrictional method suc-

ceeds.

The methods we have introduced in this chapter are used through out this

thesis. In particular the spectroscopic analysis techniques described in sec-

tion 3.1.1.3 are used through out the research presented in Chapters 4, 5 and 6.

The NLFFF method presented in section 3.2.1.1 is utilised during the analysis

presented in Chapter 4. Chapters 5 and 6 utilise the NLFFF method that is de-

tailed in section 3.2.1.2.



Chapter 4

Observations and Modelling of the

Pre-flare period of the 29 March 2014

X1 Flare.



Abstract

On the 29 March 2014 NOAA active region (AR) 12017 produced an X1 flare

which was simultaneously observed by an unprecedented number of observa-

tories. We have investigated the pre-flare period of this flare from 14:00 UT until

19:00 UT using joint observations made by the Interface Region Imaging Spec-

trometer (IRIS) and the Hinode Extreme Ultraviolet Imaging Spectrometer (EIS).

Spectral lines providing coverage of the solar atmosphere from chromosphere to

the corona were analysed to investigate pre-flare activity within the AR. The re-

sults of the investigation have revealed evidence of strongly blue-shifted plasma

flows, with velocities up to 200 km s−1, being observed 40 minutes prior to flar-

ing. These flows are located along the filament present in the active region and

are both spatially discrete and transient. In order to constrain the possible expla-

nations for this activity, we undertake non-potential magnetic field modelling

of the active region. This modelling indicates the existence of a weakly twisted

flux rope along the polarity inversion line in the region where a filament and the

strong pre-flare flows are observed. We then discuss how these observations re-

late to the current models of flare triggering. We conclude that the most likely

drivers of the observed activity are internal reconnection in the flux rope, early

onset of the flare reconnection, or tether cutting reconnection along the filament.

The work presented in this chapter was published in Solar Physics with the

citation M. M. Woods, L. K. Harra, S. A. Matthews, D. H. Mackay, S. Dacie, and

D. M. Long. Observations and modelling of the pre-flare period of the 29 march
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2014 x1 flare. Solar Physics, 292(2):38, Feb 2017. ISSN 1573-093X. doi: 10.1007/

s11207-017-1064-9

All spectral and observational analysis was carried out by M. M. Woods. The

non-potential magnetic field modelling presented in Section 4.3.5 was carried

out by D. H. Mackay, and the analysis of the evolution of positive magnetic flux

in Figure 4.15 was carried out by S. Dacie.
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4.1 Introduction

The dynamic magnetic environment of the solar atmosphere can lead to the stor-

age of a large quantity of magnetic energy. This energy can be released via waves

or magnetic reconnection, where the rapid energy release and its observational

effects are manifested as a solar flare. Models of solar flare occurrence, such as

the 2D CSHKP model (Carmichael, 1964; Sturrock, 1966; Hirayama, 1974; Kopp

and Pneuman, 1976) and the recent 3D model (Janvier et al., 2014), describe the

flaring process and associated physical effects but make little or no mention of

the trigger mechanism. Recent work has identified several mechanisms and ob-

servational effects that could signify the flare trigger, but as yet a definitive trigger

model has not been forthcoming.

Prior to flare onset,“free” magnetic energy must be built up in the active re-

gion. This energy build up can occur in a number of ways. Heyvaerts et al. (1977)

suggested that the emergence of magnetic flux from below the solar surface could

introduce new magnetic energy into an active region. This newly emerged flux

can then interact with existing magnetic field in the solar atmosphere, resulting

in the triggering of solar flares (see Priest (2014) and references therein). Obser-

vational evidence for flux emergence comes through the use of magnetograms

(both line-of-sight and vector). Solar flares are predominantly observed to occur

at sites of strong magnetic field gradient. At these PILs, energy can be built up in

the field lines linking the two polarity regions through a shearing process. Shear-

ing can be brought about by the rotation of sunspots (e.g., Sundara Raman et al.,

1998), which can drag one polarity along the point of contact with the opposite

polarity region. As rotation continues, shear increases, leading to a build-up of

magnetic energy and eventually to reconnection resulting in a solar flare.

Once energy has built up in the system, several scenarios have been pro-

posed for the initiation of large scale energy release. Tether-cutting reconnection

(Moore and Labonte, 1980; Moore et al., 2001) is one such model of the initiation

of flare and coronal mass ejection (CME) activity. This model proposes that slow

reconnection can occur at the foot-points of a sheared loop system, resulting in
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the weakening of the overlying magnetic field. This weakening of the overlying

field allows the filament that is supported by the sheared loop system to rise, in

what is called the slow rise phase. At some point during the rise, the system be-

comes torus unstable and at the same time a current sheet forms beneath the

rising structure. Reconnection occurs in the current sheet, accelerating the fila-

ment in the fast-rise phase and causing flaring. This relationship between tether

cutting reconnection and the slow and fast rise phases of an eruption are sup-

ported by observational studies such as those by Chifor et al. (2006; 2007). In

contrast to tether-cutting, Antiochos et al. (1999) presented the breakout model

of flare/CME triggering. This model involves reconnection occurring above a

sheared arcade at a magnetic null-point created between the arcade and overly-

ing field. This reconnection weakens the overlying field and allows the eruption

of magnetic flux from the centre of the arcade. Intensity enhancements during

the pre-flare period such as those observed by Warren and Warshall (2001) away

from the site of flaring have been linked to the breakout model.

The activation of the filament in an active region has also been linked to the

occurrence of flaring. Rubio da Costa et al. (2012) discussed how small scale re-

connection within a filament leads to its destabilisation and subsequent flaring

and eruption. Recent 3D MHD simulation work by Kusano et al. (2012) has iden-

tified small magnetic disturbances occurring near the PIL that may be a candi-

date for a flare trigger. A follow up study by Bamba et al. (2013) investigated these

disturbances, and the small scale internal reconnection that they cause, through

observation of Ca II h emission line intensity enhancements.

Plasma instabilities are another possible way in which flaring can be trig-

gered. Török and Kliem (2005) used MHD simulations to propose a model of so-

lar eruptions triggered by the helical kink instability. This instability is triggered

when twist in a magnetic flux rope (MFR) exceeds a critical value and causes the

MFR to kink and rise upwards. There have been observations that support this

model, such as Williams et al. (2009) who observed asymmetric Doppler shifts

along a filament prior to eruption which they interpreted as a MFR subjected
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to the effects of the kink instability. Kliem and Török (2006) proposed a further

plasma instability as a trigger mechanism, the torus instability. In this model, if

the Lorentz force provided by an external magnetic field decreases faster than the

hoop force exerted by an expanding current ring embedded in the external field,

the system will be unstable. These instabilities can then rapidly cause the current

ring to rise, triggering an eruption. Authors such as Zuccarello et al. (2014) have

provided observational evidence for the role of torus instabilities in triggering

eruptions.

The trigger mechanisms discussed thus far have clearly defined observa-

tional signatures. There are however pre-flare features that have been identified

that are not yet associated with a specific flare trigger model. Non-thermal ve-

locity (Vnt) enhancements have been identified up to an hour prior to flares in

X-rays by Doschek et al. (1980), and tens of minutes prior by Harra et al. (2001).

In EUV wavelengths Harra et al. (2009) and Wallace et al. (2010) observed Vnt en-

hancements over an hour before flare occurrence, and Harra et al. (2013) related

this type of enhancement to sites of coronal dimming. They also suggested that

these enhancements could be another indicator of filament activation prior to

flaring.

The X-class flare of 29 March 2014 has been a source of intense study by

many authors, due to the quality and variety of data available (e.g. Judge et al.,

2014; Matthews et al., 2015; Li et al., 2015; Battaglia et al., 2015; Young et al., 2015;

Liu et al., 2015; Aschwanden, 2015; Kleint et al., 2016; Rubio da Costa et al., 2016).

There have been studies investigating aspects of the pre-flare period of this flare.

Abramov-Maximov et al. (2015) carried out microwave and radio observations of

the active region that produced the X-flare, following the evolution of the region

from its appearance on disk until flaring. Yang et al. (2016) used vector magnetic

field extrapolations to investigate the magnetic field configuration in the active

region between 28 and 29 March 2014. This work identified the presence of a

magnetic flux rope in this region and suggested that the majority of the flares

during their period of study were triggered by the kink instability. Kleint et al.
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(2015) studied the filament eruption of this flare in detail, finding that the fil-

ament exhibited accelerations of ≈3 - 5 km s−2 during the eruption. They also

identified small Doppler shifts (velocities of 2 – 4 km s−1) along the filament up

to an hour prior to the flare observed by the Interferometric BIdimensional Spec-

trometer (IBIS), which they attributed to either plasma flows or the slow rise of

the filament.

Whilst these previous studies investigated aspects of the pre-flare behaviour

of this flare, none carried out a dedicated spectroscopic investigation of pre-

flare activity. This chapter therefore presents the first spectroscopic study of pre-

flare activity to simultaneously observe the chromosphere, transition region and

corona using data from Hinode/EIS and IRIS spectrometers. Section 4.2 provides

an overview of the observations. We present the findings of these observations

in Section 4.3, including the identification of transient, strongly blue-shifted fea-

tures, characterised by transition region velocities of up to 200 km s−1 measured

in emission line wings. These features are determined to be plasma flows and

seen up to ≈40 minutes prior to flare onset. We discuss how these features relate

to extended bright features observed alongside the filament in the run up to the

flare. The results of non-potential magnetic field modelling of the active region

are presented, revealing the presence of a magnetic flux rope. Section 4.4 con-

tains discussion of the results and how they may relate to current models of flare

triggering.

4.2 Observations

Beginning at SOL2014-03-29T17:35, National Oceanographic and Atmospheric

Administration (NOAA) active region 12017 produced an X1 flare. This flare was

observed by an unprecedented number of observatories, both space and ground

based. Figure 4.1 shows the GOES soft X-ray light curve from 14:00 UT, with the

times of relevant events marked.

The Extreme Ultraviolet Imaging Spectrometer (EIS; Culhane et al., 2007) on-

board the Hinode spacecraft (Kosugi et al., 2007) was observing AR 12017 contin-
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Figure 4.1: GOES light curve of the soft X-ray flux from 29 March 2014 14:00 UT. Joint
Hinode/EIS and IRIS coverage starts at 14:09 UT. The flare at 14:30 UT occurs
outside the spectrometer field of view. At 16:24 UT a C 1.1 flare was observed
by both spectrometers, followed by the X 1 flare at the peak time of 17:48 UT.

uously from 14:05 – 17:57 UT. During this time 104 rasters of the field of view

were produced with a cadence of 134 s. The observing program makes use of the

2′′ slit rastering across a field of view of 42′′× 120′′ in 4′′ steps (shown in red in

Figure 4.2, panel (a)). Eight spectral windows are contained within the observ-

ing program, of which Fe XII 192.39Å and He II 256.28Å are selected for analysis.

Fe XII is selected as it is the strongest coronal line observed by EIS providing the

best opportunity of identifying low intensity pre-flare activity. He II was chosen

to study the lower atmosphere due to its pseudo-chromospheric nature.

The Interface Region Imaging Spectrometer (IRIS; DePontieu et al., 2014) was

observing AR 12017 from 14:09 – 17:54 UT with a field of view of 14′′× 174′′, pro-

duced using an eight step raster of 2′′ steps (highlighted in blue in Figure 4.2,

panel (a)). Although nominal exposures were 8 seconds, automatic exposure

control was in effect during rasters covering the peak of the X-flare, reducing the

exposure time to ≈2 seconds. These exposure times result in a raster cadence of

72 s. IRIS also utilises a slit jaw imager (SJI) to provide context to spectroscopic

observations.

Data from NASAs Solar Dynamics Observatory (SDO; Pesnell et al., 2012) At-

mospheric Imaging Assembly (AIA) and Helioseismic and Magnetic Imager (HMI)

instruments were downloaded with calibrations and corrections already applied.
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Figure 4.2: Panel (a) shows the fields of view of the IRIS (blue) and Hin-
ode/textrmEIS (red) spectrometers overlaid onto the active region seen
in the 193 Å AIA channel, presented with an inverted colour table. All images
have been differentially rotated to the time of the closest AIA 193 Å exposure
at the time of the central Hinode/EIS raster step. Panel (b) shows the three
regions of study and their positions within the Hinode/EIS Fe XII field of
view. The position of the filament is clearly seen in the 193 Å and 304 Å AIA
channels, with panel (c) showing the 193 Å data. The path of the filament is
marked in panel (d) by the purple line for emphasis.
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The routine aia_prepwas run on the data before use to account for small scaling

differences between the full disk images produced by both instruments.

In order to directly compare spatial locations between the four data sets

used in this analysis, Hinode/EIS and IRIS images are aligned with AIA images.

This alignment is done manually using feature recognition of the corresponding

AIA wavelength to the chosen Hinode/EIS or IRIS data. To do this, Hinode/EIS Fe

XII 192.6 Å data are aligned to AIA 193 Å data for each time step, while for the IRIS

alignment, Si IV 1400 Å observations are aligned to the AIA 1600 Å channel. The

alignment by feature recognition requires only very small changes to position, of

no more than ±2 arcseconds for each individual raster.

4.3 Results

4.3.1 Active Region Evolution

AR 12017 was first observed crossing the eastern limb of the Sun on 22-March-

2014. The evolution of this active region from 22 March 2014 to 29 March 2014

was discussed in Abramov-Maximov et al. (2015). They showed that there is a

large negative polarity sunspot leading the AR with smaller less coherent positive

polarity trailing until 27 March 2014 when a new positive polarity region emerges

next to the leading negative polarity. This is illustrated in Figure 4.3, which shows

the evolution of the central portion of the active region. Panel (a) displays the ini-

tial morphology, with the clear large negative sunspot. In panel (b), we observe

the emergence of the positive polarity region. Panels (c) – (f) show the evolution

of this emergence and its subsequent interaction with the existing negative po-

larity. It is interesting to note that as this interaction progresses, the apparent

motion of the positive polarity with respect to the PIL indicates an increase in

shear of the magnetic field. Panel (f) shows the AR just after the peak of the X-

class flare. We see that the field has become sheared over the PIL, suggesting that

there has been a large build up of magnetic energy in this region.

Within the AR on 29 March 2014, there is a clearly visible filament. This

feature can be seen clearly in the AIA 193 Å observations in Figure 4.2, panels (c)
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Figure 4.3: Evolution of the central portion of AR 12017 between 26 March 2014 and 29
March 2014. Flux emergence is observed in panel (b), and subsequent pan-
els show the formation of a highly sheared polarity inversion line. Plots are
scaled between ±550 Gauss. Panel (e) also indicates the AIA field of view used
in Figure 4.2, marked by the red shaded area, as well as the three regions of
study.

and (d). The path of the filament can also be clearly seen in the Hα observations

presented in Figure 5 of Kleint et al. (2015).

4.3.2 Pre-Flare Observations in the Corona

Previous studies of pre-flare behaviour have found enhanced Vnt features ob-

served in the corona over periods of tens of minutes to an hour prior to flare on-

set, suggesting increased Vnt may be an indicator of imminent flare onset (Harra

et al., 2009). In order to investigate whether this phenomenon was observed prior

to the 29 March 2014 X-flare, Fe XII 192.3 Å observations from Hinode/EIS are

analysed. These data are fitted with single Gaussian profiles. Due to the lack of

absolute wavelength calibration in Hinode/EIS data, care is taken to determine a

rest wavelength. This is done by selecting a small area of the field of view from

a pre-flare raster, in which little activity is observed and fitting to determine the

rest wavelength. The raster chosen for this purpose is the first in the data set,

recorded at 15:01:09 UT. Values for Doppler velocity and Vnt are determined from

the results of the spectral fitting. Doppler velocity is determined by measuring

the deviation of line centre from the rest velocity, while Vnt is defined as the width
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of a line observed above that of the theoretical thermal line width for the given

ion under observation (See Sections 3.1.1.1 and 3.1.1.2).

Figure 4.4 shows time profiles of mean intensity (red) and mean Vnt (blue)

for three chosen subregions: A, B and C. This method of investigating the be-

haviour using Vnt averaged over a small region is similar to that employed in ear-

lier coronal studies of pre-flare activity (e.g. Harra et al., 2009; Harra et al., 2013).

Region A is chosen as it is the site of the confined C-class flare that occurred at

16:24 UT. From Figure 4.4 panel (a), we see that the intensity and Vnt time pro-

files match closely, both exhibiting a strong peak during the C-class flare. This

region of Vnt enhancement is clearly seen in panel (a) of Figure 4.5, where Fe XII

Vnt contours are overlaid onto AIA 193 Å images at the peak of the C-flare. The

time profile of Region B (Figure 4.4, panel (b)) shows little activity early in the

observations as this region is uninvolved in the C-flare at 16:24 UT. However, at

≈17:00 UT there is a clear spike in the mean Vnt for Region B, accompanied by

a small increase above the mean intensity. The peak mean Vnt observed in Re-

gion B is over 70 km s−1. This is a significant value for an active region at a time

when no flaring activity is occurring. Testa et al. (2016) have found Vnt values in

non-flaring active regions to be 24 km s−1, as determined from the Fe XII 1349.4 Å

emission line. It can be clearly seen in panel (b) of Figure 4.5 that this small sec-

tion of Vnt enhancement is located directly over the area of the active region

where the filament is situated. From the Doppler velocity data, this feature is

identified as having a line-centre blue-shift of tens of km s−1. The time profile of

Region C (Figure 4.4, panel (c)) is again different to that seen in the other regions.

At 16:24 UT there is a small response to the C 1.1 flare seen in both intensity and

Vnt. This lesser response to the C-flare in this region results from the effects of the

flare only being present in a small subregion which is common to both Regions A

and C. Region C also shows intriguing activity from ≈16:45 UT to 17:00 UT, both

in intensity and Vnt. The intensity profile during this period exhibits three pe-

riodic peaks, each with a higher peak intensity than the previous. This periodic

increase in intensity is accompanied by a general increase in Vnt. At ≈17:17 UT
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there is a peak in intensity and Vnt. The onset of the X-class flare is seen in Region

C from ≈17:28 UT with clear and sustained increases in intensity and Vnt. These

effects of the X-flare are seen in Region C up to five minutes prior to similar ef-

fects in Regions A and B. Vnt enhancements at the start of the X-flare (17:35 UT)

can be seen in panel (c) of Figure 4.5. Having found sources of enhanced coronal

Vnt, we explore the behaviour of the lower atmosphere at the pixel scale.

4.3.3 Response of the lower atmosphere

The response of the lower atmosphere in these regions is also investigated to

fully understand pre-flare activity throughout the solar atmosphere. The tran-

sition region response is investigated via the Si IV line at 1402.77 Å observed by

IRIS. The pseudo-chromospheric He II 256.2 Å observed by EIS and the optically

thick chromospheric Mg II h and k lines (at 2803.52 Å and 2796.34 Å respectively)

observed by IRIS are chosen to investigate the atmosphere to chromospheric

depths. To investigate the dynamics in these regions, the evolution of the pro-

files of each spectral line is studied between 16:16 UT and 18:00 UT. The data for

each line profile sequence are plotted as a function of time and Doppler velocity,

centred on the rest velocity of each individual line. These rest velocities are cal-

culated by fitting a small, inactive area of a pre-flare raster. The following is an

account of the pre-flare activity observed for each sub-region in turn.

4.3.3.1 Region A: Site of C-class Flare

In Region A (Figure 4.4, panel (a)), the intensity and Vnt profiles track each other

closely, both exhibiting a strong peak during the C1.1 flare at 16:24 UT. Figure 4.6

illustrates the He II, Si IV and Mg II k line profile evolution for a typical pixel

within Region A. We clearly see in the He II spectra the increase in intensity and

line width due to the C1.1 flare at 16:24 UT, as well as lesser dynamics in both

lines up until the onset of the X-flare at 17:35. Both He II and Si IV spectra show a

strongly blue-shifted feature at ≈17:40 UT, which we interpret as the eruption of

the filament during the X-flare. The Mg II k emission is observed to have strong

intensity and a weak central reversal in its profile from the onset of the C-flare
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Region A: Intensity vs Vnt

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)

200

400

600

800

1000

M
ea

n 
In

te
ns

ity

50

60

70

80

90

100

M
ea

n 
Vn

t (
Km

/s
)

 

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)
Region B: Intensity vs Vnt

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)

200

400

600

800

1000

M
ea

n 
In

te
ns

ity

50

60

70

80

90

100

M
ea

n 
Vn

t (
Km

/s
)

 

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)
Region C: Intensity vs Vnt

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)

200

400

600

800

1000

M
ea

n 
In

te
ns

ity

50

60

70

80

90

100
M

ea
n 

Vn
t (

Km
/s

)
 

15:40 16:00 16:20 16:40 17:00 17:20
Start Time (29−Mar−14 15:30:10)

a)

c)

b)

Intensity
Vnt (±4.2 kms-1)

Intensity
Vnt (±4.9 kms-1)

Intensity
Vnt (±3.8 kms-1)

Region A

Region C

Region B

Figure 4.4: Evolution in time of mean intensity (red) and mean Vnt (blue) calculated for
the Fe XII 192.3 Å line within Regions A, B and C, as shown in Figure 4.2.
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Figure 4.5: This figure shows Fe XII non-thermal velocity contours overlaid onto corre-
sponding AIA 193 Å images, to exhibit the location of the non-thermal veloc-
ity enhancements. Vnt contours are plotted between 70 and 200 km s−1, and
the AIA color scale is inverted to improve clarity. Panel (a) shows the location
of these enhancements during the C-flare at 16:24 UT. Panel (b) shows that
the Vnt enhancements seen at 17:00 UT are located in a region in the center
of the filament. Enhancements seen at the start on the X-flare, at 17:35 UT,
are shown in panel (c).
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Figure 4.6: Spectral time profiles recorded in Region A between 16:16 UT and 17:57 UT.
Panel (a) shows He II spectra; panel (b) shows Si IV spectra; and panel (c)
shows the evolution of the Mg II k line during this time period.

until ≈16:50 UT. At this point in time the central reversal deepens and the line

intensity is weaker on the whole. As in the case of He II and Si IV, strong blue

asymmetries are seen in the Mg II data at ≈17:40 UT. Thus within Region A, we

observe a similar response to the C-flare throughout the atmosphere, noting that

the activity is in line with that expected for an area of study such as this.

4.3.3.2 Region B: Site of Pre-Flare Vnt Enhancement

Region B is chosen for further study due to an intriguing Vnt feature observed at

17:00 UT. Figure 4.7 shows the evolution of the He II, Si IV and Mg II k line profiles

in Region B. As expected there is no observed activity during the C1.1 flare as this

is confined solely to Region A. From the start of observation until ≈16:50 UT, the

spectra show ordinary active region dynamics with little to no line broadening or

Doppler shifts. From ≈16:50 UT however, strong blue shifts of up to 200 km s−1

are observed to initiate very rapidly in both He II and Si IV lines. Additionally,

these strong blue shifts are observed to be very dynamic, reaching a maximum

around 16:54 UT, falling at 17:00 UT, and then reaching 200 km s−1 from 17:04 UT.

This behaviour is very interesting as peak coronal blue shifts, determined from
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Figure 4.7: Spectral time profiles recorded in Region B between 16:16 UT and 17:57 UT.
Panel (a) shows He II spectra; panel (b) shows Si IV spectra; and panel (c)
shows the evolution of the Mg II k line during this time period.

Fe XII data, are observed at 17:00 UT, suggesting there is a temporal offset be-

tween the layers of the atmosphere involved in the activity. After these peak blue

shifts, the line profiles continue to be dynamic until the onset of the X-flare, albeit

exhibiting blue shifts of lesser velocities of up to ≈100 km s−1. Within this region,

we identify increased Vnt from coronal Fe XII data, as well as strong blue-shifted

flows in the lower atmosphere which initiate very rapidly.

4.3.3.3 Region C: Site of Pre-Flare Brightening and Earliest Re-

sponse to X-flare

Region C is chosen as it is the site of a pre-flare brightening observed in AIA 193 Å

data. The single pixel time profiles obtained in Region C, Figure 4.8, differ again

from those observed in Regions A and B. Little activity or line broadening is ob-

served in Si IV and Mg II k spectra prior to ≈16:45 UT. The He II time profile shows

a response to the C-flare at 16:24 UT and in general shows more activity than the

other lines studied during this time period. From 16:45 UT until the onset of the

X-class flare at 17:35 UT, this activity is characterised by increased line intensity,

especially in Si IV observations, as well as strong, intermittent blue asymmetries



4.3. Results 77

Figure 4.8: Spectral time profiles recorded in Region C at 16:16 UT and 17:57 UT. Panel
(a) shows He II spectra; panel (b) shows Si IV spectra; and panel (c) shows the
evolution of the Mg II k line during this time period.

in all observed lines. These blue asymmetries have speeds between 100 km s−1

and 200 km s−1. The onset of pre-flare activity in this region is not as dramatic as

that in Region B, but dynamic blue shifts of up to 200 km s−1 are observed.

4.3.4 Location of Observed Plasma Flows

From examination of the line profiles we determine that from ≈16:50 UT the

plasma is highly dynamic. As these line profiles represent the evolution of the

spectra at one pixel in time, we must also consider the morphology of these flows

and their evolution over the whole field of view. Figure 4.9 shows four AIA 193 Å

images charting the activity along the filament. In panel (a) we see the filament

at 16:42 UT and note that there is little activity seen in the areas corresponding to

Regions A, B and C (positions are shown in the marked boxes). Panel (b) shows

a bright feature appearing within Region C, lying directly to the south of the fil-

ament, at around 16:54 UT. By 17:00 UT (panel (c); the time of peak coronal blue

shift as measured by Hinode/EIS), we can see that a bright loop now lies across

the filament, within Region B. This loop is situated directly above the site of the

blue shifts observed by Hinode/EIS and IRIS. Additionally, in both panels (c) and
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Figure 4.9: Stills detailing coronal activity observed by SDO/AIA in 193 Å, shown using
an inverted colour table, between 16:42 UT and 17:04 UT. Panel (a) shows the
filament prior to any observed activity. overlaid are the three sub-regions of
study. Panel (b) shows the appearance of a bright feature to the west of the
filament. Panel (c) shows a loop feature crossing the filament at the site of the
peak coronal blue shift as observed by Hinode/EIS. This activity is marked by
the black arrow in the diagram. Panel (d) shows an extended bright feature
lying along the southern edge of filament. The path of this brightening is
marked by the overlaid black arrows.

(d) an elongated bright feature extends from this loop west to the site of the ini-

tial brightening observed in panel (b). The path of this feature is marked by the

black arrows in panel (d). In Figure 4.10 we show for similar time selections the

Fe XII data at −100 km s−1 overlaid onto the AIA data. We see from panel (a) that

there is no activity at this velocity in the Fe XII data at 16:42 UT. An area of strong

blue shift is seen to appear in the region of increased intensity at 16:54 UT, along

with a weaker blue-shifted feature in the centre of the filament, shown in panel

(b). Panel (c) shows that at 17:00 UT this blue-shifted region is still present, along

with a second strongly blue-shifted region in the centre of the filament. Panel

(d) of Figure 4.10 shows that at 17:04:54 UT the blue shifts in the corona seem to

extend from the two regions identified earlier, along the extended bright feature.
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Figure 4.10: Here we see the same AIA 193 Å (colour table inverted) field of view as Fig-
ure 4.9, over-plotted with Hinode/EIS Fe XII data at −100 km s−1. No strong
blue shifts can be seen in the EIS data in panel (a) at 16:42 UT. By 16:55 UT
(panel (b)) we can see that there is a strong area of blue shift located over
a bright region in the AIA data. There is also a less intense region of blue
shift located in the centre of the filament. At 17:00 UT (panel (c)) both these
blue-shifted regions have increased in intensity. Panel (b) shows the situa-
tion at 17:04 UT where the strong blue shifts have dissipated greatly with the
feature in the centre of the filament being no longer visible.

Figure 4.11 details the morphology of the −100 km s−1 blue shifts observed in the

Si IV data, overlaid onto the AIA 193 Å images. Panel (a) reveals that at 16:42 UT,

blue shifts in the region of the earlier C-class flare. At 16:54 UT (panel (b)), blue

shifts are still present at the site of the C-class flare but to a lesser extent. In the

region of the bright feature in the AIA 193 Å image, strong blue shifts are also ob-

served. These blue shifts are in the same positions as those identified during the

same time period from Fe XII data. Additional blue shifts are also observed along

the filament at this point in time. In panel (c), we find that the blue shifts asso-

ciated with the bright feature are still present. Blue shifts are also observed to lie

along the bright ribbon-like feature to the south of the filament. It is noted that

these blue shifts are spatially discrete. The situation seen in panel (d) at 17:04 UT
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Figure 4.11: For the same region detailed in Figures 8 and 9, this Figure displays Si IV

emission at −100 km s−1 observed by IRIS, overlaid onto AIA 193 Å data
(colour table inverted). In panel (a), at 16:42 UT, we see a blue-shifted re-
gion centred on the region of the earlier C-class flare. In panel (b), 16:54 UT,
blue shifts in the region of the C-flare have waned in intensity. In the region
of brightening in the AIA data there is a region of strong blue shift, as well as
discrete areas of blue shift extending along the filament. At 17:00 UT, panel
(c), these discrete blue shift features are located along the extended bright
feature visible in AIA data. By 17:04 UT, panel (d), blue shifts have decreased
in intensity, but are still present along the extended bright feature.

is similar to that observed at 17:00 UT. However, the positions of the spatially dis-

crete blue shifts along the extended bright feature have changed, highlighting the

transient nature of these features.

The fast plasma flows and brightenings, observed throughout the solar at-

mosphere and discussed in the preceding sections are clear examples of pre-flare

activity. However several differing models could be used to explain such activity.

In order to attempt to confine the possible drivers, non-potential magnetic field

modelling is carried out on the active region. This work and its results are de-

scribed in Section 4.3.5.
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4.3.5 Non-potential Magnetic Field Modelling

To simulate the non-potential evolution of the active region magnetic field and

the morphology of the magnetic field at the filament location, a continuous

time-series of quasi-static, nonlinear force-free fields are produced. These non-

potential magnetic fields are produced using the technique developed and ap-

plied in Mackay et al. (2011) and Gibb et al. (2014) and are summarised in Sec-

tion 3.2.1.1.

The time period of the simulation ranges from 16:30:31 UT on 27 March 2014

to 19:30:31 UT on 29 March 2014 where the cadence of the HMI LOS magne-

tograms is taken to be 90 minutes. This time period is fully illustrated in Fig-

ure 4.3 where a selection of the magnetograms can be seen. From these panels

it is clear that the area of interest is dominated by negative flux. While this is

the case, from around 19:30:31 UT on 27 March 2014 a new positive polarity of

a bipole begins to appear and then grows strongly over the next two days. The

variation of the total flux (solid line), unsigned negative flux (dotted line) and

positive flux (dashed line) are seen in Figure 4.12 panel (a). From this plot it can

be seen that both the positive and negative flux increase over time, characterised

by the emergence of new flux. The numerical simulations of this active region

are carried out in a computational box of 5123 grid points. Closed side bound-

ary conditions are applied, but due to the dominance of negative flux open top

boundary conditions are used. Use of the open top boundary condition means

that no correction for flux balancing is required at the modelled photosphere.

For use in the model, the time series of full disk magnetograms are de-rotated to

disk center and a portion of size 300× 210 pixels is extracted and then centered at

the lower boundary in the computational box. The normal field component on

all computational grid points outside of the area on the magnetogram are set to

zero. A potential magnetic field is then constructed from the initial magnetogram

(Figure 4.12 panel (b)). Due to the dominance of negative flux approximately 90%

of the flux is open.

In Figure 4.13 panel (a) the field lines produced in the quasi-static nonlinear
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Figure 4.12: (a) Graph of the variation of total flux (solid line), positive flux (dashed line)
and absolute value of negative flux (dotted line) over the time period of the
simulation. (b) Initial potential field configuration used in the simulation
corresponding to a start time of 16:30:31 UT on 27 March 2014.
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Figure 4.13: Connectivity of the field lines along the location of the filament at
09:30:31 UT on 28 March 2014, (a) and (b), at 00:00:31 UT on 29 March 2014,
(c) and (d), and at 16:30:31 UT on 29 March 2014, (e),(f) and (g). Panels (a)
to (f) show the field lines from above superimposed on the magnetogram
(white represents positive flux, black represents negative flux), while panel
(g) shows the field lines from panel (f) viewed from the side. Finally panels
(a), (c) and (d) do not include the additional helicity injection term, while
panels (b), (d), (f) and (g) include additional helicity injection at a rate of
3.75 - 5×1016 Mx2 cm−2 s−1
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force-free field simulation can be seen at 09:30:31 UT on 28 March 2014. In this

plot, white represents positive flux and black negative flux, where the field lines

passing over the PIL are illustrated by the red lines. From this it is clear that these

field lines do not exhibit a strong magnetic shear. Similar weak magnetic shear of

the field is found in the corresponding field line connectivity at 00:00:31 UT on 29

March 2014 (Figure 4.13 panel (c)) and 16:30:31 UT on 29 March 2014 (Figure 4.13

panel (d)). Therefore none of these magnetic configurations produce a strongly

sheared magnetic field along the PIL at the correct location or time that is repre-

sentative of the field of a filament. Thus from this we find that for the present case

the horizontal motions deduced from the magnetograms do not inject enough

non-potentiality or helicity into the coronal field to produce a strongly sheared

magnetic field at the observed position of the filament.

To investigate the possible origin of the strongly sheared non-potential mag-

netic structure of the filament a second series of simulations are carried out

where an additional injection of helicity is included at the photosphere. This is

included through the addition of Equation (A1) from the paper of Mackay et al.

(2014). Inclusion of this term allows for the injection of either positive or nega-

tive helicity at the photosphere without changing the normal magnetic field. Fig-

ure 4.13 panel (b) shows the field lines at 09:30:31 UT on 28 March 2014 when an

average relative helicity density of 5×1016 Mx2cm−2s−1 is injected into the corona

throughout the simulation. It is clear that with this additional helicity injection

the field lines now exhibit a strong shear that is directed to the left (sinistral)

when standing on the positive polarity side of the PIL. This strong shear along

the PIL continues to build such that at 00:00:31 UT on 29 March 2014 (Figure 4.13

panel d) there is an arcade lying directly along the PIL which then evolves into

a magnetic flux rope by 16:30:31 UT on 29 March 2014 (Figure 4.13 panel (f)).

Figure 4.13 panel (g) shows a side view of the field lines in Figure 4.13 panel (f)

where the final flux rope structure has approximately one turn along its length.

Both the sign of helicity injection and chirality of the filament are of the dominant

type found for the southern hemisphere.
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To produce a magnetic structure that is consistent with the filament at the

correct time and location an additional form of injection of magnetic helicity is

required. Through carrying out a number of additional simulations with a va-

riety of rates we find that the helicity density injection rate has to be between

3.75−5×1016 Mx2cm−2s−1 to reproduce the magnetic structure of the filament

e.g. to produce a flux rope that could support a filament, that is located along

the PIL of the active region matching the location we observe in Figure 4.2. It is

important to point out that for the present simulations with open top bound-

ary conditions, where initially over 90% of the flux is open, the majority of this

injected helicity is lost through the top boundary. The exact physical injection

mechanism of this helicity at the present time is unknown. However since flux

emergence is an important part of the evolution of the active region over the

time period considered, one possible scenario for its origin is the transport of

magnetic twist from the interior of the Sun to the atmosphere. While we only

show results for a single box size, start time and initial condition, all three have

been varied with and without additional helicity injection. In all cases similar re-

sults are found since the main magnetic feature of interest always emerges after

the initial condition is constructed and as such is treated the same no matter the

box size or initial condition used. While the present text gives a brief descrip-

tion of the results a future study will consider this in more detail along with a full

description of the quantities calculated.

From this modelling we determine the behaviour of the magnetic field con-

figuration in the active region leading up to the X-class flare. The presence and

qualities of the magnetic flux rope revealed along the PIL, considered in conjunc-

tion with our observational results allow further conclusions to be drawn about

the origin of the observed activity.

4.4 Discussion

The pre-flare period of the 29 March 2014 X-class flare shows very dynamic phe-

nomena occurring in multiple layers of the solar atmosphere. This activity is ob-
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served in both spectroscopic and imaging data.

Up to 40 minutes prior to flare onset, blue shifts are observed in multiple

spectral emission lines by both IRIS and Hinode/EIS in two of the three subre-

gions (Regions B and C) of study chosen. The first of these areas, Region B, is

located on the filament seen in AIA and IRIS SJI data. Region B is also the site

of non-thermal line widths of 70 km s−1, observed in the coronal Fe XII line. The

plasma exhibiting this enhanced non-thermal velocity is also found to be blue-

shifted.

As detailed in Section 4.3.3 and shown in Figure 4.7, within this region

we observe strongly blue-shifted Si IV, and He II emissions of up to 200 km s−1.

These emissions are also highly transient, with velocities peaking at 16:54 UT and

17:04 UT whilst falling to lower values at 17:00 UT. As earlier noted this presents

an interesting offset between the times of peak blue shift occurring in the lower

atmosphere and the corona where blue shifts are at a maximum at 17:00 UT. This

offset could be caused, for example, by the propagation of plasma through the

atmosphere or be the result of two separate but related phenomena e.g. small

scale reconnection at different heights in the atmosphere.

Region C also exhibits these strong transient blue shifts in Si IV and He II

data. As in the case of Region B, little activity is observed in these lines until

≈16:45 UT. After this time 200 km s−1 blue shifts are observed until the onset of

the X-flare. These blue shifts are very transient, particularly so in the Si IV line

profiles, where they “switch on and off” during the 40 minutes prior to the flare

at irregular intervals. This activity suggests that the process causing these flows is

not constant. In both these regions the chromospheric response as determined

by the Mg II observations suggests that something is driving line broadening, par-

ticularly towards shorter wavelengths. However due to the complex nature of the

chromospheric lines, it is not a simple matter to say that these blue asymmetries

are indicative of upflows. This effect is discussed in detail in Kuridze et al. (2015),

who use simulations of Hα emission to show that changes in the optical depth of

the solar atmosphere driven by upflows can lead to absorption of red-wing pho-
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tons at a higher altitude, producing a blue asymmetry. This effect has also been

noted by Kerr et al. (2016) to occur in Mg II lines.

In Section 4.3.4 we detail the locations of the observed plasma flows. In par-

ticular we highlight the IRIS Si IV observations where the transient blue-shifted

flows (Figure 4.11) are found to coincide with an extended bright feature ob-

served in AIA 193 Å data. These flows are fast with blue-shifted velocities up to

a maximum of ≈200 km s−1, and with many regions exhibiting 100 km s−1 or up-

wards. These blue shifts and the related extended bright feature are very intrigu-

ing. The brightening and subsequent plasma velocities seen in both corona and

transition region suggest that we are observing energy input into the region, pos-

sibly through reconnection. Testa et al. (2014) undertook a study of small bright-

enings at the foot-points of active region loops using IRIS data to investigate non-

thermal particle heating produced by nano-flares. In these bright points, they

identified blue-shifted plasma with typical centroid velocities of ≈15 km s−1, and

velocities of up to 40 km s−1 in the wings. These velocities are far slower than

those that we have identified, leading us to conclude that nano-flare activity is

likely not the driver of these flows and that we are not observing standard active

region dynamics.

The non-potential magnetic field modelling described in Section 4.3.5

shows that a magnetic flux rope is present in the location of the filament over

an hour prior to the X-class flare. The presence of a magnetic flux rope is also

supported by Yang et al. (2016), whose modelling identified a flux rope in the ac-

tive region from 09:00 UT. The inferred presence of a flux rope within the active

region before the flare allows us to confine our ideas of what could be driving

the observed flows. Strongly blue-shifted flows of up to 200 km s−1 in the transi-

tion region have been observed in pre-flare IRIS data by Cheng et al. (2015). In

this paper the authors presented observations of two active regions prior to flare

events. Within these areas studied, blue shifts of 200 km s−1 were identified to

occur in the presence of filaments. The authors interpreted these fast up-flows to

be the result of magnetic reconnection occurring between two smaller flux ropes,
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to create a larger flux rope. The authors also identified down-flows at the foot

points of the final flux rope. These strong flows were observed in Ca II, Mg II and

Si IV. Cheng et al. (2015) did not investigate the coronal response to this activity,

but comparing this work to our own observations, we note that the presence of

strong flows located in the centre of the filament/flux rope, and observed from

the chromosphere through to the corona, compares well. We do not observe the

foot-points of the filament/flux rope with the spectrometers and so cannot com-

ment on whether this piece of the Cheng et al. (2015) interpretation is present

in our results. The presence of the flux rope in the region of study is another

piece of evidence in favour of using the Cheng et al. (2015) model to interpret

this pre-flare behaviour.

Kink instability is another possible mechanism through which solar flares

can be triggered. If the kink instability were to be the driver for the flare we ob-

serve we would expect to identify both red and blue-shifted plasma along the flux

rope (e.g., Williams et al., 2009). From our spectroscopic observations we identify

only blue shifts along the length of the filament. This casts significant doubt on

the kink instability being responsible for the activity. The weakly twisted nature

of the magnetic flux rope identified through our modelling also serves to further

rule out the kink instability as the driver. We determine that the level of twist in

the flux rope is insufficient to become kink unstable. We therefore conclude that

the kink instability is not the driver of the observed activity due to the findings of

our spectral observations and modelling.

Tether-cutting reconnection and magnetic breakout may also be considered

as possible explanations for the strong flows and extended pre-flare brightenings

observed. Activity associated with the breakout model would be expected to oc-

cur away from the filament. As the observed activity is seen to lie along the fila-

ment we conclude that it is unlikely that reconnection due to magnetic breakout

is the driver of this activity within the spectrometer fields of view. Tether-cutting

reconnection proves to be a better candidate to explain this activity as related

brightenings have been observed close to filaments (Warren and Warshall, 2001).
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Figure 4.14: The left hand images shows a comparison of the position of blue shifts ob-
served at 17:00 UT in Hinode/EIS Fe XII data at −100 km s−1, with flare rib-
bons identified in IRIS slit-jaw imager 1400 Å channel (an inverted colour
table has been used). The right hand images show the same IRIS slit-jaw
imager data with AIA 1600 Å contours (plotted in white) highlighting the lo-
cation of the flare ribbons. Panel (a) shows the position of the position of
the blue shifts at the time they occurred, 17:00 UT. Panel (b) shows the blue
shifts superimposed onto SJI data during flaring at 17:44 UT. This image is
chosen as it is the closest image to the flare peak that is not saturated. Panel
(c) shows the situation post flare at 17:54 UT.
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Figure 4.15: Evolution of positive flux with time over-plotted on the GOES light curve.
We can see that over the period of joint EIS/IRIS observation there is sus-
tained flux emergence into the region of study. This emergence continues
until 16:10 UT, highlighted by the dotted line. The nadir of this drop is coin-
cident with the C-class flare at 16:24 UT. The flux then stays constant until
16:46 UT, where a second smaller drop in flux is observed (dashed line). This
drop in magnetic flux is broadly coincident with the onset of the flows de-
scribed in Section 4.3.2. This decrease in flux recovers quickly to its previous
level. Again the flux remains roughly constant until 17:30 UT where a large
increase in the flux is observed prior to the steep drop coincident with the
X-flare at 17:35 UT.

The work of Kleint et al. (2015) showed the filament in this active region to be

slowly rising in the hours before the eventual eruption, which would also be con-

sistent with the tether cutting model.

As the extended bright features occur in the region of the flare and filament

eruption, we investigate whether there could be a relation to the flare ribbons. In

Figure 4.14 we show Hinode/EIS Fe XII data at −100 km s−1, observed at 17:00 UT

and overlaid on to IRIS slit-jaw images in the 1400 Å pass band in the left hand

column, while the right hand column show the same slit-jaw images with AIA

1600 Å contours overlaid in white to highlight the position of the flare ribbons.

The three panels show this data at three separate times. In panel (a) we see the

extended brightenings at 17:00 UT, that are discussed in Figure 4.11, linking the

two regions of Hinode/EIS blueshift. During the flare at 17:44 UT (panel (b)) we

can see that the appearance of flare ribbons and their locations. The image was

chosen at 17:44 UT as it was the closest data to flare peak that was not affected by

saturation. There appear to be ribbon brightenings in close proximity to the loca-

tions of the Hinode/EIS blue-shifted regions. Strong brightenings are also clearly
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seen to lie along the path of the filament as it appeared prior to its eruption. The

slit jaw imager data saturates as the peak of the flare is reached. Panel (c) shows

the situation at 17:54 UT, after saturation of the data has passed. Here we see

that the flare ribbons are more obvious and have expanded outwards from their

earlier positions. Flare ribbons are commonly observed during a flare, but have

been identified prior to the impulsive phase. Fletcher et al. (2013) identified flare

ribbons appearing to lie within a filament minutes prior to flaring after which

they underwent outward expansion. The locations of the extended brightenings

in panel (a) and the flare ribbons in panel (b) are both very close to the location

of the filament. This could suggest that the extended brightening may have a re-

lation to the flare ribbons, however due to their appearance ≈40 minutes before

onset of flaring, it is highly doubtful that they are actually ribbons themselves.

The work of Kusano et al. (2012) and Bamba et al. (2013) proposed and pro-

vided observational evidence for small scale flux emergence at the PIL of an ac-

tive region being related to the triggering of flares. For the active region studied

in this paper, Figure 4.15 shows the evolution of positive magnetic flux compared

to GOES soft X-ray flux between 14:00 UT and 19:00 UT on 29 March 2014. We see

a general trend of increasing magnetic flux over time. A gradual decrease in mag-

netic flux is observed from 16:10 UT, marked by the dotted line in Figure 4.15. The

nadir of this decrease is coincident with the 16:24 UT C-flare. The flux level then

plateaus for ≈25 minutes until another drop is observed (marked by the dashed

line in Figure 4.15). This second decrease coincides with the onset of the strong

flows that we have observed throughout the solar atmosphere around 17:00 UT.

The flux level increases once more to a maximum value of 9.99×1020 Mx just prior

to the onset of the X-flare at 17:35 UT. At this time a rapid decrease in magnetic

flux is then observed in conjunction with the impulsive rise in GOES soft X-ray

flux. This behaviour is consistent with the events designated as opposite polar-

ity (OP) in Bamba et al. (2013), where small bipole fluxes that emerge along the

PIL are of opposite polarity to the active region into which they emerge. In this

scenario, magnetic flux must rise to a critical level and rapidly decrease when the
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flare is triggered by an instability in the system. The apparent decrease in mag-

netic flux at the time of the strong flows also indicates that there is some process

occurring in the same region that is leading to the loss of flux. This could be due

to flux cancellation, with reconnection driving the observed flows in the upper

atmosphere and the subsequent submergence of the resulting small post recon-

nection loops being the observed flux cancellation. Alternatively, the decrease

in magnetic flux at the time of the observed pre-flare activity could be due to

plasma flows in the atmosphere, or a heating process exerting a pressure upon

the magnetic field. This could the change the inclination of the magnetic field

resulting in the observed decrease in magnetic flux due to line-of-sight effects.

4.5 Conclusions

In this work we carry out the first simultaneous spectroscopic study of pre-flare

activity in the solar atmosphere from the corona to the chromosphere. Using ob-

servations from Hinode/EIS and IRIS we have identify the presence of strongly

blue-shifted plasma flows with velocities of up to 200 km s−1 in Si IV emissions

from the transition region. These strongly blue-shifted flows also appear to be re-

lated to an extended bright feature observed to lie along the filament by SDO/AIA

and IRIS SJI data. In our efforts to investigate these observed features, we un-

dertake non-potential magnetic field modelling of the region detailed in Section

4.3.5. This reveals the presence of a weakly twisted flux rope over one hour prior

to the flare and filament eruption. Section 4.4 details how these results relate

to existing flare trigger models. The models which do not fit with our observa-

tions are as follows. i) Kink Instability: due to the weakly twisted nature of the

flux rope and the absence of evidence of untwisting (red and blue shifts along

the filament) we determine that it is highly unlikely that the activity is driven by

the kink instability. ii) Breakout reconnection: within the spectrometer fields of

view, all brightenings and flows are observed to occur close to or within the fil-

ament. This therefore rules out the likelihood of this activity being explained by

breakout reconnection within the field of view available. However, as the field of
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view of both spectrometers is small, we cannot rule out breakout reconnection

occurring remotely from the area we observe.

More probable explanations for these flows and brightenings are that they

are related to the following phenomena. i) Reconnection in the flux rope: the

strongly blue-shifted plasma that we are observing in the centre of the flux rope

maybe driven by a process akin to that described by Cheng et al. (2015). ii) Early

onset of flare reconnection: the positions of the plasma flows and brightenings in

relation to the flare ribbons are investigated. It is found that the positions of the

brightenings can be related to the flare ribbons that appear during the flare. This

would imply that we are observing the onset of flare reconnection 40 minutes

prior to the main flare onset. iii) Tether-cutting reconnection: the position of

the strong flows and brightenings along the filament suggests that the observed

activity may be the result of tether-cutting reconnection.

The pre-flare environment is very complex and not all activity related to the

different trigger mechanisms is unique. The strong flows that we observe could

be indicative of several possible flare drivers. We are therefore unable to provide

conclusive evidence of one mechanism that drives the onset for the flare. Due to

the complex nature of the solar atmosphere at the time the activity is observed

it is perhaps likely that some combination of all the possible trigger mechanisms

drives the observed activity. Therefore, to investigate this trigger mechanism, or

sequence of mechanisms further, the evolution of the magnetic fields and struc-

tures within the active region must be investigated in more detail. Chapter 5 will

detail further investigations into the triggering of the X1 flare and its associated

filament eruption, through the use of a series of NLFFF extrapolations in addition

to satellite observations and the results presented in Chapter 4.



Chapter 5

The Triggering of the 29-March-2014

Filament Eruption



Abstract

The X1 flare and associated filament eruption occurring in NOAA Active Re-

gion 12017 on SOL2014-03-29 has been the source of intense study. In this chap-

ter, we analyse the results of a series of non linear force free field extrapolations

of the pre and post flare period of the flare. In combination with observational

data provided by the IRIS, Hinode and SDO missions, we have confirmed the ex-

istence of two flux ropes present within the active region prior to flaring. Of these

two flux ropes, we find that intriguingly only one erupts during the X1 flare. We

propose that the reason for this is due to tether-cutting reconnection allowing

one of the flux ropes to rise to a torus unstable region prior to flaring, thus allow-

ing it to erupt during the subsequent flare.

The work presented in this chapter was published in The Astrophysical Jour-

nal with the citation M. M. Woods, S. Inoue, L. K. Harra, S. A. Matthews, K. Ku-

sano, and N. M. E. Kalmoni. The Triggering of the 2014 March 29 Filament Erup-

tion. Astrophys.J., 860:163, June 2018. doi: 10.3847/1538-4357/aac5e1

The NLFFF extrapolations were prepared and produced by S. Inoue. The

resulting extrapolations and their derived physical properties were then analysed

by M.M. Woods who also produced all the associated figures. The code to convert

images between coordinate systems was developed by N. M. E. Kalmoni.
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5.1 Introduction

Chapter 4 presented a study of the preflare period of the 29 March 2014 X 1.0

flare. Detailed investigations were carried out using the Hinode/EIS and IRIS

spectrometers, revealing strong transient blue shifts along the filament 40 mins

before the onset of flaring. This work also utilised non-linear force free magnetic

field (NLFFF) extrapolations to determine the presence of a magnetic flux rope

associated with the filament present in AR 12017, focusing on the evolution over

the preceding 24 hours. While this work revealed intriguing preflare signatures

prior to flaring and the occurrence of the filament eruption it was not possible

to conclusively link the observations to one of the possible trigger models. Flares

and the eruptions of filaments are commonly thought to be driven by either ideal

instabilities; such as kink instability (Török and Kliem, 2005) or torus instability

(Bateman, 1978; Kliem and Török, 2006), or by reconnection driven processes

such as magnetic breakout (Antiochos et al., 1999) and tether-cutting reconnec-

tion (Moore and Labonte, 1980; Moore et al., 2001). Recent work by Ishiguro and

Kusano (2017) investigates the double arc instability (DAI). This instability, which

is controlled by the current flowing in the flux rope, produced as a result of tether-

cutting reconnection, and not by decay index as in the case of the torus instabil-

ity. This reliance on internal magnetic structure rather than the external field can

allow a flux rope to rise at a lower height than torus unstable case. This is signifi-

cant as this increase in height driven by the DAI can allow the lower altitude flux

rope to rise and erupt if it then enters a torus unstable region. In the actual solar

atmosphere it is likely that these processes act upon flux ropes at varying stages

prior to and during eruption. Inoue (2016) for example presents a detailed sce-

nario in which a flare triggering process can lead to tether-cutting reconnection,

which can then in turn deliver the flux rope into a torus unstable region where it

then erupts.

The work presented in this chapter aims to further investigate the triggering

of the flare and subsequent filament eruption seen in AR 12017 to complete the

understanding of the pre-flare period of this flare. To this end, a series of NLFFF
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extrapolations were produced, focusing on the time periods directly prior to and

after the X1 flare in-order to investigate the origin of magnetic structure of the

flux rope and the possible triggers for its destabilisation and subsequent erup-

tion.

5.2 Observations and Method

The analysis presented in this paper utilises the data from several satellite ob-

servations of the 29 March 2014 X1 flare. The GOES soft X-ray lightcurve for this

event is shown in Figure 5.1. The Extreme Ultraviolet Imaging Spectrometer (EIS;

Culhane et al., 2007) on board the Hinode (Kosugi et al., 2007) spacecraft, was

observing the AR for several hours prior to flaring. The observing program used

for these observations utilised the 2" slit and raster steps of 4" to produce a FOV

of 42" x 120". In this work we analyse the coronal Fe XII 195 Å emission line and

pseudo-chromospheric He II 256 Å . These data were fitted with single Gaussian

profiles (using the Solarsoft procedure, eis_auto_fit), with rest wavelengths being

determined experimentally, due to the lack of absolute wavelength calibration in

the data. This was done by selecting a small region of quiet sun in each raster,

fitting this and assuming the mean centroid velocity to be the rest velocity of the

line. Doppler velocities and non-thermal velocities (Vnt ) were calculated in the

manner described in Section 3.1.1.3.

Hinode’s Solar Optical Telescope (SOT; Tsuneta et al., 2008) was also observ-

ing AR 12017 in the hours prior to the X-flare. The SOT Filtergram (FG) was oper-

ating in shutterless mode between 14:00:31 UT and 18:18:50 UT. Ca II H images

were recorded with a cadence of 33 secs, and a FOV of 55” x 55”. Na I images were

captured with a 16 sec cadence and an FOV of 30” x 81”. These data were aligned

to the first image in the sequence in order to correct for spacecraft jitter, and were

then subsequently differentially rotated to 17:00 UT and aligned to the 17:00 UT

Helioseismic Magnetic Imager line-of-sight magnetogram, to maintain mutual

spatial alignment with the other data sources.

The Interface Region Imaging Spectrometer (IRIS; DePontieu et al., 2014) was
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observing AR 12017 from 14:09 – 17:54 UT. Its observing program utlised an eight

step raster of 2′′ steps resulting in a FOV of 14′′× 174′′. The raster cadence for

these observations was 72 s. IRIS also utilises a slit jaw imager (SJI) to provide

context to spectroscopic observations.

The Helioseismic and Magnetic Imager (HMI; Scherrer et al., 2012) on board

the Solar Dynamics Observatory (SDO; Pesnell et al., 2012) provides the observa-

tions of the photospheric magnetic field utilised in this paper. Vector magne-

tograms prepared in the Spaceweather HMI Active Region Patch (SHARP) for-

mat (Bobra et al., 2014), were used to calculate non-linear force free field ex-

trapolations using the magnetohydrodynamic relaxation method of Inoue et al.

(2014) and Inoue (2016), which is detailed in Section 3.2.1.2. In the extrapolations

presented in this chapter the numerical box covers an area of 230.4× 168.75×
230.4(Mm3) which is given as 1.0×0.78125×1.0 in non-dimensional units. The

region is divided into 320×250×320 grids which is result of 2×2 binning process

of the original SHARPS vector magnetic field in the photosphere.

HMI line-of-sight (LOS) magnetograms as well as images from SDOs Atmo-

spheric Imaging Assembly (AIA; Lemen et al., 2012) are also used to provide con-

text images for the observations in various wavelengths, as well as providing a

suitable reference for co-alignment between the different instruments.

5.3 Results

Figure 5.1 shows the GOES lightcurve between 15:30 UT and 19:00 UT, with the

times of the five NLFFF extrapolations indicated. Extrapolations 1 - 3 detail the

evolution of the pre-flare magnetic field, extrapolation 4 shows the field con-

figuration at the time of flare onset (17:36 UT) while extrapolation 5 shows the

post flare magnetic field configuration at 18:36 UT. Figure 5.2 shows the results

of these extrapolations in the vicinity of the PIL of the active region. Figures 5.2

a - e chart the evolution of the flux rope from 16:00 UT to 18:36 UT respectively.

The field lines shown in this figure were plotted in two small boxes within the

visualisation software. The positions of these boxes were chosen to lie within
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(1) (4)(3)(2) (5)

Figure 5.1: GOES light curve of the soft X-ray flux from 29 March 2014 15:30 UT. The X1
flare peaked at17:48 UT. The times of the 5 NLFFF extrapolations are marked.
Extrapolations 1 - 3 examine the pre-flare magnetic environment, 4 details
the configuration at 15:36 UT the time of flare initiation, and the final extrap-
olation 5 shows the post flare magnetic field.

b) 16:36 c) 17:00

d) 17:36 e) 18:36

a) 16:00

f) 17:00

Figure 5.2: Here we see the five extrapolations of AR12017. Extrapolations a - c examine
the pre-flare magnetic environment, d details the configuration at 15:36 UT
the time of flare initiation, and the final extrapolation e shows the post flare
magnetic field. There appear to be two flux ropes within the extrapolation,
the eastern structure (flux rope A, gold field lines) and the western (flux rope
B, blue field lines). Panel f shows us the AIA 192 Å image for the same field of
view. The white box in panel c highlights the field of view of Figures 5.3 and
5.4.
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Figure 5.3: This figure shows map of magnetic field line connectivity for each of the ex-
trapolations produced. Regions which show the same colour represent the
respective foot points of magnetic field lines. Panel f shows the 17:00 UT con-
nectivity map with the extrapolated magnetic field lines over plotted. The
PIL of the HMI SHARPS Bz component are also over plotted as the solid black
lines. These images are plotted in CEA degrees.

two regions of high twist seen in Figure 5.4, where they are marked as 1 and 2 re-

spectively. In Figure 5.2 a, we see that there is a clear magnetic structure present

in the active region from 16:00 UT where field lines seem to form two separate

sub structures each each originating from one of the regions of high twist. The

eastern portion (A) substructure, marked by the gold field lines, appears to be

more twisted, whilst the western substructure, blue (B), is less so. The first four

extrapolations of the pre-flare period show little obvious change in the nature of

these two magnetic structures. However between Figures 5.2 d and e we see a

marked difference in the structures. We see that substructure A has maintained

its twisted nature, while in contrast to this, structure B has lost its sheared nature

and has become a more potential field configuration.

Figure 5.2 f shows that the filament present in the AR prior to flaring has a

strong correlation in position to the structures produced in the extrapolations.
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Due to the twisted nature of these features, we interpret these structures as mag-

netic flux ropes. Is there any observational support that backs up the interpreta-

tion of there being two flux ropes? From the AIA images (e.g. Figure 5.2 f) we can

only identify one filament. Whilst this is not necessarily incompatible with the

findings of the extrapolation it would make it more likely that only one flux rope

was present. However, the study into the 29-March-2014 X1 flare and filament

eruption conducted by Kleint et al. (2015) found evidence for two separate fila-

ments in the Ca II 8542 Å observations made by the IBIS instrument. From these

observations (Figure 2, Kleint et al., 2015) and the cartoon these authors pro-

duced of the active region and filament positions (Figure 10, Kleint et al., 2015)

we can clearly see the resemblance to the flux ropes that are reconstructed in our

extrapolations (see Figure 5.2). Hence, we conclude that our extrapolation are

consistent with the presence of two flux ropes, each supporting a filament within

AR 12017 prior to the X1 flare. It is important to note here, that the likely reason

for our inability to observe two filaments in the AIA data, is that AIA uses a broad-

band filter whilst the IBIS observations seen in Kleint et al. (2015) are spectrally

pure.

As further confirmation of this we mapped the connectivity of field lines

within the extrapolation. To do this we calculate the parameter δ, which is the

distance between the footpoints of an individual field line. This distance is cal-

culated by locating the footpoints of a field line from the extrapolation, with po-

sition (x0, y0), (x1, y1) respectively and combined to find:

δ=
√

(x1 −x0)2 + (y1 − y0)2. (5.1)

The footpoints of an individual field line are identified as two points with the

same twist (Tw ) value and the same |Bz |. In this work twist (Tw ) is defined as

follows

Tw = 1

4π

∫ ∇×B ·B

|B|2 dl , (5.2)

where dl is a line element of a field line. In Figure 5.3, we show the connectivity
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maps (i.e. δ maps) for field lines with Twist, |Tw | > 0.5 and |Bz | > 25 G for each

extrapolation. The colour table of the resultant plots is used to highlight regions

that are connected by the same field line e.g. regions with the same colour and

hence δ value are linked by a field line. We can see that there are clearly two

structures present in the connectivity maps, one showing shorter connections

(smaller value of δ), seen in yellow, and one showing longer connections (larger

δ), seen as the blue regions.

The PILs of the HMI SHARPS Bz component that the extrapolations are pro-

duced from are over plotted to provide some positional information. The results

of this process are shown in Figure 5.3. Here we can clearly see in Figures 5.3 a - d,

which chart the evolution prior to flare occurrence, that there are in fact two sep-

arate systems of magnetic field lines present. Figure 5.3 e shows the clear changes

that have occurred in the AR as a result of flaring. We can see that, as in Figure 5.2

e, where we once saw flux rope B we now see a more potential magnetic struc-

ture where the footpoints are less sheared. This can be interpreted as flux rope

B erupting during the flare, and the potential field lines seen in the final extrap-

olation being those associated with the post flare loops. Figure 5.3 f shows the

17:00 UT connectivity map, with the extrapolated field lines comprising the two

flux ropes. We can clearly see that the positions of the two flux ropes conform

with the conclusions of the corresponding connectivity map.

To quantify the changes in the magnetic field structure, we show in Fig-

ure 5.4 the change in twist for two regions beneath the respective flux ropes.

Panel a shows the Bz component of the photospheric magnetic field at 16:00 UT

to act as a comparison to the twist map shown in panel b. The twist distribution

at 16:00 UT is shown in panel b, with the colour table displaying values between

0 and 1.8. Also highlighted are two subregions each situated beneath one of the

footpoints of each flux rope respectively. The twist in each pixel of regions 1 (flux

rope A) and 2 (flux rope B) was investigated for the pre-flare (16:00 UT) extrapo-

lation and the post-flare (18:36 UT) extrapolation. Panels c and d correspond to
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Figure 5.4: Panel a shows the pre-flare HMI LOS magnetic field of the active region
at 16:00 UT. Panel b shows the twist calculated from the extrapolation at
16:00 UT. The colour table shows twist values between 0 and 1.8. Panels c
and d show histograms of twist in the boxes labelled 1 and 2 respectively in
panel b. In both c and d the black line corresponds to twist values from the
16:00 UT extrapolation, and red from 18:36 UT.

histograms of twist in regions 1 and 2 respectively, with twist values correspond-

ing to 16:00 UT shown in black and 18:36 UT shown in red. What can be seen is

that in the case of region 1 while there is a decrease in twist values between 0.1

and 0.6, twist above 0.6 is seen to increase in flux rope A post flare. In the case of

flux rope B however, we clearly see that twist has decreased post flaring.

The difference between these two separate flux ropes presents an intriguing

problem: Why does flux rope B erupt, despite it being less twisted than flux rope

A?
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a) b)

Figure 5.5: The spacial distribution of decay index, n, is shown over plotted on the ex-
trapolations. Decay index is plotted in two planes, a north-south orientated
plane passing through the center of flux rope A (panel a), and an east-west
plane passing through the center of flux rope B (panel b). In panel a flux rope
A is shown in gold field lines. In panel b flux rope B is in blue field lines.

Alongside the twist of these structures, we must also consider their stabil-

ity to torus instability (Bateman, 1978; Kliem and Török, 2006). To investigate

this, the decay index (Equation 1.14) was calculated from the extrapolation re-

sults. This work utilised the horizontal component of the magnetic field B in the

calculation of the decay index. Figure 5.5 shows the spatial distribution of the de-

cay index calculated from the 17:00 UT extrapolation. In this figure we show the

decay index in two planes which pass through the center of the two flux ropes, a

north-south plane through flux rope A and an east-west plane through flux rope

B. We can see that flux rope A (Figure 5.5 panel a) is well below the region where

n > 1.5, in which it would be susceptible to torus instability. Flux rope B how-

ever is much closer to a region of high decay index, see Figure 5.5 panel b. The

higher altitude of flux rope B and its proximity to the torus-unstable region pro-

vides strong evidence as to why it was more likely to erupt during the X1 flare.

However, a mechanism to propel flux rope B into the torus-unstable region is

still necessary.

To investigate the possible cause of this we turn to observational sources to see

if an explanation presents itself. In Figure 5.6 we see (in panel a) the Stokes V

component in AR 12017 as observed by Hinode/SOT’s filtergram. Stokes V is

one of the four observable components that make up the Stokes four vector,
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a) b)

Figure 5.6: Stokes V map of AR 12017. Panel a shows the full field of view, with the two
sub regions of study marked by the boxes labelled 1 and 2 respectively. Panel
b shows an insert of the region around region 2.

S = [I,Q,U,V], which together fully describe the polarisation of observed elec-

tromagnetic emission. Here, I represents the total intensity of observed light,

Q and U represent the linearly polarised components of the light, and V repre-

sents circular polarisation. As a result of the Zeeman effect, Stokes spectropo-

larimetry can be used to determine the vector magnetic field of from the Sun.

The Stokes V component can be found to be proportional to the observed line-

of-sight magnetic field (See; Stenflo (2013), del Toro Iniesta (2003)). Therefore,

throughout this work we shall use the Stokes V component as a proxy for line-

of-sight magnetic field. Two regions of interest were selected, as marked by the

red boxes in Figure 5.6. These regions were chosen to lie at either end of the PIL

within the active region as well as lying at the location of one footpoint of the

eastern (box 1) and western (box 2) magnetic flux ropes respectively. Figures 5.7

a and b show the evolution of positive and negative Stokes V within these re-

gions. We can clearly see that the evolution of Stokes V in these two regions is

very dissimilar. The eastern region 1 shows that between 16:00 UT and 16:35 UT

the values of positive and negative Stokes V are broadly constant. From 16:35 UT

on wards positive and negative Stokes V mirror each other closely, with positive
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Stokes V increasing and negative Stokes V decreasing. This observed behaviour is

likely due to the movement of positive flux into the area of study, whilst the cor-

responding decrease in negative flux is likely explained by flux exiting the box.

In contrast, the western region 2 (Figure 5.7 b) we see that positive Stokes V de-

creases throughout the period of observation. Between 16:00 UT and ∼16:35 UT

negative Stokes V varies, in fact showing a slight increase during this time. These

changes in Stokes V can be explained by flux entering and leaving the region of

study. Examination of a movie of the Stokes V data in this time period shows that

this is likely the case. From 16:35 UT however, negative Stokes V is seen to drop

significantly until ∼17:00 UT at which point it is seen to rise once more. Accom-

panying this is a continued decrease in positive Stokes V. Again, from the movie

of this evolution the apparent cancellation of positive and negative Stokes V (and

hence magnetic flux) can be seen which would explain the joint decrease seen

in Figure 5.7 b. After this point (∼17:15 UT) the values of Stokes V stabilise and

remain fairly constant until flare onset. Harra et al. (2013) utilised observations

of non-thermal velocity calculated from spectra obtained by Hinode/EIS to iden-

tify locations of pre-flare activity. Woods et al. (2017) (Chapter 4) also utilised

this technique to identify signatures, that they attributed to being most likely

driven by tether-cutting reconnection. In Figures 5.7 c and d we show, for the

same time period and areas, the evolution of Fe XII intensity and non-thermal

velocity (Vnt ). From ∼16:40 UT in region 2 (Figure 5.7 d) there is an increase in

intensity and the start of an upward trend of Vnt that continues until flare on-

set. This timing coincides with the decrease in negative Stokes V as well as the

continued decrease in positive Stokes V, seen in this region. In contrast there

is little activity seen in either intensity or Vnt from region 1 (Figure 5.7 a). Fig-

ure 5.6 b focuses on the area around region 2 where we observe the apparent

flux cancellation in Figure 5.7 b. To investigate the cause of the Vnt and inten-

sity enhancements, data taken by several other satellites were used. Figure 5.8

shows the locations of the most intense emission in several spectral lines cover-

ing the full solar atmosphere: coronal Fe XII (195 Å) and pseudo-chromospheric
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Flux Emergence Region: Intensity vs Vnt
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Figure 5.7: Panels a and b detail the evolution of positive (black) and negative (red)
Stokes V for the two regions seen in Figure 5.6 a respectively. Evidence of flux
cancellation is clearly seen in panel b between 16:30 and 17:00 UT. Panels c
and d show for the same time period the evolution of intensity (red) and non-
thermal velocity (blue).

He II (256 Å) as observed by Hinode/EIS; the transition region line Si IV, as seen

by IRIS and the chromospheric Ca II as observed by Hinode/SOT. These data are

then overlaid onto the HMI SHARPS maps used in the preparation of the extrap-

olations. We see that most brightenings are centred upon the region where we

observed the apparent cancellation of flux in the Stokes V data.

5.4 Discussion

NLFFF modelling has confirmed that prior to the eruption two separate flux

ropes are present within the active region. During the flare, flux rope B is seen

to erupt whilst flux rope A does not. This is also supported by the results of the

extrapolations (See Section 5.3, Figure 5.2), where we see that post flaring flux

rope B has been replaced with a more potential magnetic field configuration,

whilst flux rope A has gained twist. This result is somewhat surprising, as flux

rope A is seen (in the pre-flare extrapolations) to have consistently higher twist

than its western counterpart. One might expect that the flux rope with the high-

est twist would be most likely to erupt through several possible mechanisms or

instabilities (e.g. kink instability etc.). So, why then in this case do we see the

flux rope with lesser twist erupting counter to expectations? The answer most
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Figure 5.8: Panel a shows the locations of the most intense emission in several spec-
tral lines covering the full solar atmosphere: coronal Fe XII (red) and pseudo-
chromospheric He II (green) as observed by Hinode/EIS; the transition region
line Si IV (pink), as seen by IRIS and the chromospheric Ca II (blue) observed
by Hinode/SOT. These data are chosen to be the exposures closest to 17:00 UT
for each instrument respectively. then overlaid onto the HMI SHARPS maps
used in the preparation of the extrapolations.

likely comes from the brightenings we highlighted in Figure 5.8 panel a. Here we

found brightenings throughout several layers of the solar atmosphere also ac-

companied by enhanced Vnt signatures. These signatures are highly suggestive

of magnetic reconnection. Additionally, the brightenings are all coincident with

a location of possible flux cancellation. The presence of flux cancellation is deter-

mined in Figure 5.7 b. We interpret these observations as indications of magnetic

reconnection occurring below flux rope B, consistent with the presence of tether-

cutting flux cancellation in the vicinity of the neutral line (Moore et al., 2001).

Additionally, from panel b of Figure 5.8 the likely source of the field lines that

reconnect with flux rope B leading to the flux cancellation are shown in purple.

These extend from the sunspot to the region where we observe the flux cancella-

tion beneath flux rope B. This reconnection could in turn destabilise flux rope B,

eventually leading to its eruption. The absence of flux cancellation in the vicinity

of flux rope A in the hour leading up to flaring could explain why it remains stable

and non-eruptive in the flare itself. Further evidence for this region being heav-

ily involved in the triggering of the X1 flare comes from examination of the flare
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a)

b)

c)

Figure 5.9: In this figure we see IRIS SJI images of AR 12017. The left hand column shows
1400 Å data whilst the right shows 2796 Å. In panel a we see the pre-flare
brightening seen above the flux cancellation region, marked by the arrow.
Panel b shows the situation during the flare at 17:45 UT, where the arrows
indicate the flare ribbons that have extended from the brightening in panel
a. Panel c shows the post flare ribbons, with the arrow indicating the ribbon
that resulted from the pre-flare brightening.

ribbons. Figure 5.9 shows IRIS slit jaw images (SJI) of the active region in 1400 Å

and 2796 Å (left and right hand columns respectively). In panel a, we see the SJI

data taken at 17:00 UT. The arrow denotes the location of the bright region dis-

cussed in Figure 5.8. Panel b shows the same field of view at 17:45 UT, during the

early stages of the flare. We see that the brightening from Figure 5.9 b has elon-

gated slightly to form a flare ribbon and has also been joined by a corresponding

ribbon to the south. In Figure 5.9 c, 17:48 UT we see clearly the full flare ribbons

and note (with the arrow) the position of the ribbon that resulted from the initial

brightening. As we have discussed, flux rope B is most likely destabilised by re-

connection occurring in the flux cancellation region. This reconnection is most
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Figure 5.10: Cartoon detailing the proposed scenario that leads to the eruption of flux
rope B.

likely tether-cutting reconnection, thus allowing the flux rope to rise and even-

tually erupt. But, why then does the companion flux rope A not erupt, despite its

twisted nature? Firstly, from Figures 5.6 and 5.7 we know that there is little sign of

flux cancellation in the vicinity of flux rope A. Additionally we see little evidence

from other sources (e.g. Hinode/EIS, IRIS etc.) of intensity enhancements within

the region of this flux rope. This clear difference to flux rope B allows us to infer

that it is highly unlikely that tether-cutting reconnection is occurring in flux rope

A. Although this flux rope is observed to have higher twist than the flux rope B, the

level of twist was found to be ∼1, which is below the threshold, Tw = 1.75 (Török

and Kliem (2004)), for kink instability to occur, thus giving it further stability.

From the results and analysis we have presented, we propose the following sce-

nario (which is summarised in the 2D cartoons shown in Figure 5.10) that leads to

the triggering of the eruption of flux rope B. The interaction of flux rope B with the

purple field lines shown in Figure 5.8 b leads to the onset of tether-cutting recon-

nection between these two features. This is evidenced by the flux cancellation

and brightenings seen in Figures 5.7 and 5.8 respectively. This tether-cutting re-

connection then possibly leads to the onset of Double Arc Instability, DAI. At this



5.5. Conclusion 111

point prior to flaring, flux rope B is in a region where the decay index is below the

threshold necessary for torus instability to occur. Per Ishiguro and Kusano (2017),

current may increase in flux rope B due to the tether-cutting reconnection, lead-

ing to the onset of DAI, allowing flux rope B to enter the torus-unstable regime

and to erupt during the X1 flare. Kleint et al. (2015) observed blue shifts along the

filament during the slow rise flare of the X1.0 flare and during the eruption itself.

The velocities observed by Kleint et al. (2015) are of order of 100s km s−1 (depen-

dent on spectral line observed), and as such are consistent with those expected

from DAI (See; Ishiguro and Kusano, 2017, Section 4.2 and Figure 7), where veloc-

ities of 320km −1 are predicted. Flux rope A on the other hand, despite appear-

ing to be more highly twisted than flux rope B, lacks the interaction with other

magnetic fields to allow tether-cutting reconnection and DAI to propel it into the

torus-unstable region. Thus, whilst flux rope B is able to erupt, flux rope A is

non-eruptive during the X1 flare.

5.5 Conclusion

In this chapter we have presented an analysis of the pre-flare period of the X1

flare that occurred in AR 12017. We produced a series of five NLFFF extrapola-

tions in order to investigate the evolution of the magnetic field in the active re-

gion. These extrapolations not only confirmed the presence of a flux rope within

the active region, but revealed that this flux rope was in fact composed of two sep-

arate flux ropes. Of these two flux ropes, only the western flux rope (B) erupted

during the flare. Utilising observations from multiple layers of the atmosphere,

in combination with Hinode/SOT FG observations of the photospheric magnetic

field, we discovered evidence of flux cancellation beneath the western flux rope

up to one hour prior to flaring leading to reconnection. It is this reconnection

that we believe destabilises the flux rope and allows its subsequent eruption dur-

ing the flare.

We propose that it is tether-cutting reconnection which allows flux rope B

to rise slowly, possibly leading to the onset of DAI, which in turn propels the flux
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rope from a torus stable region to a region where it is subject to this instability.

Therefore, during the X1 flare flux rope B is able to erupt from the active region.

We also theorise that despite the twisted nature of the eastern flux rope (A), it

does not erupt during the X1 flare for the following reasons: 1) the absence of

destabilising flux cancellation and following tether-cutting reconnection, 2) al-

though it is twisted, the twist in the eastern flux rope is below the threshold for

kink instability to occur.



Chapter 6

Serial Flaring: Investigating AR 12087



Abstract

Over a four hour period between the 12 – 13th of June 2014 a series of three flares

were observed to occur within AR 12087. This sequence of flares started with a

non-eruptive M-class flare, followed by a non-eruptive C-class flare and finally

ended with a second C-class flare which had an associated filament eruption.

This series of flares were then analysed using spectroscopic data from the IRIS

spacecraft in conjunction with a series of NLFFF extrapolations, to attempt to

determine the trigger for the filament eruption during the final flare. From this

analysis it is found to be unlikely that the eruption was triggered by either kink in-

stability or by tether cutting reconnection allowing the flux rope to rise into a re-

gion where it would be susceptible to the torus instability. The NLFFF modelling

does however suggest that the overlying magnetic field has a fan-spine topology,

raising the possibility that break out reconnection occurring during the first two

flares weakened the overlying field, allowing the flux rope to erupt in the subse-

quent third flare.

The NLFFF extrapolations presented in this Chapter were prepared and pro-

duced by S. Inoue. The resulting extrapolations and their derived physical prop-

erties were then analysed by M. M. Woods who also produced all the associated

figures.
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6.1 Introduction

The previous chapters in this thesis have focused on investigating the trigger-

ing of the 29 March 2014 X 1.0 flare and associated filament eruption. As has

been discussed there are many mechanisms through which flares and eruptions

can be triggered. Reconnection-driven processes, such as tether-cutting recon-

nection (Moore and Labonte, 1980; Moore et al., 2001) and magnetic breakout

(Antiochos et al., 1999) are one avenue of possible trigger mechanisms. Alterna-

tively, ideal MHD instabilities such as torus instability (Bateman, 1978; Kliem and

Török, 2006), kink instability (Török and Kliem, 2005) or or double arc instability

(Ishiguro and Kusano, 2017) could be responsible for triggering flaring.

Whilst we have previously focused on one flare, it is important to note that

within individual active regions flaring is not usually isolated to one event. Se-

quential flaring can provide an excellent test of flare-trigger models, namely, are

all the flares in the sequence being triggered by the same process and, if so, do

the flares in the sequence exhibit the same features, both prior to and during the

flares. Examples of this kind of study can be found in Nitta and Hudson (2001),

Romano et al. (2015) and Polito et al. (2017). This chapter will investigate one

such sequence of flares.

Late on 12 June 2014 and extending into early 13 June 2014 a series of three

flares were observed from active region (AR) 12087. The sequence contained two

non-eruptive flares, of M and C class, followed by an eruptive C 8.0 flare. The

first flare in the sequence, the M 1.0 flare, is the subject of papers by Sadykov

et al. (2016) and Sharykin et al. (2017). Both papers make use of New Solar Tele-

scope (NST) data, with Sadykov et al. (2016) also using IRIS data to investigate

chromospheric evaporation, and Sharykin et al. (2017) using it in combination

with NLFFF modelling to investigate energy deposition at the polarity inversion

line during the flare. Kumar et al. (2015) investigate two of the flares in the se-

quence, using their observations to reach the conclusion that flux cancellation

in the AR resulted in the build up of a twisted magnetic flux rope, which subse-

quently erupted.
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In this chapter we use observational data, including spectroscopic observa-

tions from IRIS in combination with a series of NLFFF extrapolations to investi-

gate the series of flares between 12 – 13 June 2014. We seek to determine why only

the final flare in this sequence was eruptive despite it not being the strongest (in

terms of GOES classification) in the sequence.

6.2 Observations and Method

The data used in the analysis presented in this chapter was drawn from sev-

eral sources. The Interface Region Imaging Spectrometer (IRIS) was observing

AR 12087 for several hours as part of a long-duration flare-watch observing pro-

gram. IRIS was observing from 2014-06-12 18:44 UT and 2014-06-13 03:53 UT,

with a raster field of view of 14” X 62” and a cadence of 21s. IRIS’s slit-jaw imager

(SJI) was also observing in the 1330 Å and 2796 Å passbands. The Solar Dynamics

Observatory (SDO; Pesnell et al., 2012) which carries the Helioseismic and Mag-

netic Imager (HMI; Scherrer et al., 2012) provides the observations of the photo-

spheric magnetic field utilised in this Chapter. Vector magnetograms prepared in

the Spaceweather HMI Active Region Patch (SHARP) format (Bobra et al., 2014),

were used to calculate non-linear force-free field (NLFFF) extrapolations using

the magnetohydrodynamic relaxation method presented in Inoue et al. (2014)

and Inoue (2016). A full description of this method is detailed in Chapter 3.2.2.

The extrapolations presented in this chapter were created in a numerical box

covering and area of 216×216×216(Mm3), which is given as 1.0×1.0×1.0 in non-

dimensional units. The region is divided into 300×300×300 grid cells which is a

result of 2×2 binning of the original SHARPS vector magnetic field.

Data from Atmospheric Imaging Assembly (AIA; Lemen et al., 2012), also on

board SDO, are also used to provide context images for the observations in var-

ious wavelengths, additional lightcurves and to provide a suitable reference for

co-alignment between the different instruments.
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6.3 Results

Between 21:00 UT on 12-06-2014 and 01:30 UT 13-06-2014, AR 12087, situated

in the south eastern quadrant of the solar disk, produced three flares. These

flares were as follows: an M 1 flare peaking at 21:18 UT, a C-class flare peaking

at 22:51 UT and a C 8 flare peaking at +1 00:36 UT. Whilst serial flaring is of in-

terest on its own, the sequence of flares exhibited in AR 12087 also has only one

associated eruption. While one may expect the eruption to be associated with

the largest flare (Harra et al. (2016) studied 42 X-class flares, finding only 9 to

have no associated eruption), we find that in this case the eruption occurs during

the final C 8 flare at +1 00:36 UT. Panel a of Figure 6.1 shows the GOES soft X-ray

lightcurve of solar activity between 20:30 UT on 12-June-2014 and 01:30 UT on

13-June-2014. It is important to note that while three flares are present in this

lightcurve, the middle flare does not correspond to the second flare produced by

AR 12087, but in fact corresponds to an M 3.1 flare produced by AR 12085, situ-

ated in the lower western quadrant of the solar disk. This is a result of the GOES

spacecraft monitoring the soft X-ray output of the whole solar disk. Panel b shows

a lightcurve of only AR 12087 produced from AIA 94 Å passband data. In this we

clearly see the three flares produced by AR 12087 during this time period, with the

22:51 C-flare un-obscured by the M3.1 flare as in the GOES lightcurve. Figure 6.2

shows AR 12087 as observed by the IRIS SJI 1330 Å at four times; 21:06 UT (flare

1, panel a), 22:41 UT (flare 2, panel b), +1 00:34 UT (flare 3 and eruption, panel

c), and +1 00:43 UT (flare 3, panel d). Panels a, b and d, show the morphology

of the M1, C and C 8 flares respectively, while panel c shows the structure of the

eruption during the early stages of the C 8 flare. The arrow in this panel shows the

direction of the eruption towards the south east. Figure 6.2 shows clear morpho-

logical similarities between all three flares. All exhibit semi-circular flare ribbons.

Additionally, the earliest signs of flaring appear to begin from the same region in

all of the flares (marked by the arrow in panel a of Figure 6.2).

One clear difference between the flares, along with GOES class, is their erup-

tive nature. As we have already noted, flares 1 and 2, M1 and C-class respectively
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Figure 6.1: Panel a) shows the GOES light curve of the soft X-ray flux of the whole so-
lar disk, from 12 June 2014 20:30 UT. The red and blue curves correspond to
the 0.4 - 4 Å and 1 - 8 Å channels respectively. The first and last flares seen in
this lightcurve occur in AR 12087, whilst the middle flare is an M 3.1 flare pro-
duced by AR 12085. This M 3.1 flare obscures the second flare in the sequence
produced by AR 12087. Panel b) shows the AIA 94 Å lightcurve for AR 12087.
We can clearly see that in the GOES lightcurve (panel a) the 22:51 UT C-flare
is obscured by an M3.1 flare occurring in AR 12085.

are non-eruptive flares, while flare 3, C8 class, is eruptive. Kumar et al. (2015)

provide an overview of this AR in an effort to investigate the subsequent erup-

tion. However, their work does not investigate the full time sequence between

the flares, which excludes the second flare. This work aims to revisit this active

region and attempt to determine why only the C 8 flare was eruptive, by exam-

ining the evolution including the second flare. This work is carried out using a

combination of spectroscopic observations and NLFFF modelling and also seeks

to determine whether the pre-flare signatures we have previously observed in

Chapters 4 and 5 are also seen to occur prior to the three flares in this sequence.

6.3.1 Characteristics of the three flares

As we noted from Figure 6.2, the three flares in the sequence are somewhat ho-

mologous in terms of ribbon structure. To investigate the reasons why only the
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a) b)

c) d)

Figure 6.2: IRIS SJI 1330 Å images of the three flares and the eruption. Panel a shows the
M 1 flare at 21:06 UT. The region in which the earliest signs of flaring are ob-
served is marked with the black arrow. Panel b shows the C-flare at 22:41 UT.
Panel c clearly shows the eruption during the c flare at 00:34 UT, with the
black arrow showing the direction of the eruption. Panel d shows the post-
eruption ribbon structure at 00:43 UT.

third flare in the sequence was eruptive we selected several regions for further

study and produced lightcurves to study the flare evolution. These lightcurves

were produced from AIA 193 Å observations. Figure 6.3 a shows the locations of

the regions in which the three largest field of view lightcurves were produced

overlaid onto HMI LOS magnetogram and AIA 193 Å images. These three regions

correspond to AR 12087, the region which produced the series of flares, its neigh-

bouring active region AR 12092 situated to its east at the same latitude, and finally

the region, denoted LR, contains the footpoints of a system of overlying magnetic

field which appears to connect to AR 12087. The lower panels of Figure 6.3 show
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Figure 6.3: Panel a shows the fields of view in which lightcurves are calculated over
shown in HMI LOS magnetogram and AIA 193 Å; AR 12087 which produced
the three observed flares; AR 12092 which is the AR neighbouring AR 12087;
and LR, which corresponds to a region to the south of AR 12087 which is mag-
netically linked. Panels b - d show the resultant lightcurves respectively. The
dot-dashed lines overlaid mark the start and end times of each of the flares in
the sequence.
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the AIA 193 Å lightcurves for the three selected regions. The overlaid dot-dashed

lines correspond to the start and end times for the three flares as determined

from the AIA 94 Å lightcurves. Flare start was defined as the time when intensity

had increased constantly over a 4 minute period and the final intensity value in

the 4 minute period was 1.4 times the intensity of the first. Flare end time was de-

fined as the time when post flare intensity reached half the flare maximum. The

lightcurve for AR 12087 is shown in panel b, clearly showing the sequence of three

flares. These definitions were chosen to mimic those used in the determination

of GOES soft X-ray flare start, peak and end times. The three flare lightcurves

show different forms: flare 1 exhibits a double peak, flare 2 has a more gradual

appearance whilst, flare 3 shows a far more impulsive profile, with a gradual de-

cay post eruption. Panel c shows the lightcurve for the region LR. Prior to and

during flare 1, we clearly see an intensity enhancement within this region. A very

slow increase in intensity is observed to begin during flare 2, while there is a de-

crease in intensity during flare 3. The final panel d details the evolution of in-

tensity in AR 12092. From the start of the lightcurve at 19:00 UT until +1 00:00 UT

there is little correlation between the activity within AR 12092 and AR 12087. At

+1 00:15 UT a flare is observed to occur in AR 12092. This is then followed by

a second flare peak, with an associated failed eruption, which is coincident in

time with the eruptive C 8 flare in AR 12087. The fact that there are two flares

and eruptions occurring simultaneously in separate active regions may suggest

the existence of overlying magnetic fields linking the two regions that may play a

role in the triggering of the eruptions. This shall be discussed further in Section

6.4

Figure 6.4 shows the evolution of LOS magnetic flux’s positive and negative

components as measured by HMI, AIA 193 Å intensity and IRIS SJI 1330 Å inten-

sity (panels b, c & d respectively) between 19:00 UT and +1 01:30 UT. The dotted-

dashed lines present in each of the panels highlight the start and end times of

each of the flares as determined from the AIA 94 Å data as described earlier. Panel

a shows the central portion of the active region with the region over which the
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Figure 6.4: Panel a shows the central portion of AR 12087, with the overlaid box mark-
ing the region in which the magnetic flux and lightcurves were calculated.
Panel b shows the evolution of positive and negative magnetic flux between
19:00 UT and +1 01:30 UT. Panel c shows the AIA 193 Å lightcurve, and panel
d shows the IRIS SJI 1330 Å for the same time range and region. The overlaid
dot-dashed lines in each lightcurve represent the start and end times of each
flare in the series.
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lightcurves are calculated marked by the overlaid box. Panels c and d show clear

intensity increases during each of the flares. There are differences in the profiles

of these increases, most notably during flare 1 where the IRIS emission peaks sev-

eral minutes prior to the AIA. Panel b shows the evolution of the absolute value of

positive and negative LOS magnetic flux. We can see that over the course of the

lightcurve positive flux decreases greatly, whilst negative flux exhibits a slight in-

crease. Aside from these general trends we also observe that prior to and during

flare 1 and flare 2 there are decreases in positive flux of 15 and 13% respectively.

These drops start at 20:40:38 UT and 22:22:38 UT respectively. Post flaring the

positive flux does rebound to 9.7% and 5.8% of the pre-flare values for flares 1

and 2 respectively, but is clearly diminished from the pre-flare values. Examin-

ing negative flux, we see that during flare 1 there is a drop in its value, but there

is no drop during flare 2. During the eruptive C 8 flare, we observe a very small

decrease in both positive and negative flux, which both return to their pre-flare

levels. Changes in line-of-sight magnetic field associated with flaring have been

recorded and discussed by numerous authors. These changes can be broadly

separated into two groups: rapid,permanent changes, and magnetic transients.

The rapid, permanent changes have been discussed by Petrie and Sudol (2010)

and Petrie (2019) among others, who link the these changes to the vertical field

becoming more horizontal due to contraction of the field during flaring (Hud-

son et al., 2008). Magnetic transients (Kosovichev and Zharkova, 2001; Qiu and

Gary, 2003; Zhao et al., 2009) however, are short lived, reversible changes in the

line-of-sight field. These transients have been classified as observational arte-

facts resulting from changes to spectral line profiles during flares, which affect

the determination of the magnetic field. The drop in magnetic field observed

during the eruptive C 8 flare fits the description of a magnetic transient, being a

full reversible change occurring on the order of ∼10 minutes. The changes seen

prior to flares 1 and 2 however do not fall into this description. That they are

non-reversible may at first suggest that they could be explained as a contraction

of the magnetic field. However, Petrie and Sudol (2010) who studied 77 flares in
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which these changes were observed found that the vast majority of the observed

decreases occur after the flare start time. Where the decreases in field are ob-

served to occur prior to flaring, this is on the order of 5 minutes. The decreases in

positive flux that we observe prior to flares 1 and 2 start over 20 minutes prior to

flare start time. There fore it is unlikely that these decreases can be explained this

way. These observations are however consistent with a scenario in which the in-

teraction positive and magnetic flux at the PIL results in flux cancellation prior to

flaring. This must also be accompanied by continued emergence of negative flux

within the central portion of the active region. The corresponding positive flux

that must accompany this emerging negative flux is most likely emerging outside

of the box which we study or, is within it but is too diffuse to be observed. What is

most intriguing about these observed changes in magnetic flux is that the largest

observed decreases in magnetic field are observed prior to and during the two

non-eruptive flares.

Within the central portion of AR 12087 there is also a recurring bright point,

the location of which is marked by the black arrows in Figure 6.2 a and Figure

6.5 a. This bright point is seen to occur prior to and during all three flares, and

appears to be the region showing the earliest response to the flaring. Figure 6.5

a shows IRIS Si IV intensity contours (black) overlaid onto the AIA 193 Å observa-

tions during flare 1. The black box highlights the field of view of the IRIS raster

during the observations. While the IRIS raster covers the majority of the flare rib-

bons, it unfortunately only extends to the eastward edge of the recurring bright

point. We can see the region of saturation (indicated by the arrow) which is the

region of first response to flaring as well as the location of the recurring bright-

point. Panel b of Figure 6.5 shows the full IRIS Si IV raster data for intensity dur-

ing flare 1. The bright region marked by the box on the westward edge of the IRIS

field of view corresponds to the aforementioned AIA bright spot as it extends into

the raster FOV. Figure 6.5 c shows the evolution of IRIS Si IV raster intensity. This

lightcurve is made from the data within the small region marked by the box in

Figure 6.5 b. We can see that this lightcurve clearly shows the three flares. The
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Figure 6.5: Panel a shows the IRIS Si IV 1403 Å raster field of view (black box) and IRIS in-
tensity contours overlaid on AIA 193 Å. The black arrow marks the location of
a recurrent bright point seen prior to and during the series of flares. Panel b
shows the full IRIS Si IV 1403 Å raster intensity map at 21:04 UT. The overlaid
box highlights the eastward edge of the recurrent brightpoint. Panel c is the
IRIS Si IV 1403 Å raster intensity lightcurve calculated within the box parked in
panel b. The dot-dashed lines correspond to the flare start/end times as de-
fined from AIA 94 Å data. Panel d shows the evolution of the IRIS Si IV 1403 Å
line width with time on a velocity scale. Each profile corresponds to a 2 hour
period around the peak of each flare in the sequence. The horizontal dotted
lines mark the start and end times of each flare.
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profiles of the intensity enhancements related to each flare are clearly different

to those of the AIA 193 Å. Additionally, prior to flares 1, 2 and the eruptive flare

3, intensity enhancements can be seen. These enhancements start ∼10 minutes

prior to flare 1, ∼18 minutes prior to flare 2 and ∼23 minutes prior to flare 3.

Panel d shows the evolution of the spectral line width with time on a velocity

scale. The profiles shown are the total of all emission within the box marked

in Figure 6.5 b. Each individual profile corresponds to 2 hours of observation

around the peak of each of the three flares. We can see the three flares clearly in

all three time profiles, which are observed as the darkest regions in the profiles

as a reversed colour table is used. The start and end times of the three flares are

also marked by the horizontal dotted lines in the time profiles. From the three

profiles we can clearly see that as we noted from the lightcurve above there is ev-

idence of emission within this region prior to the onset of flaring as defined from

the AIA 94 Å data. This is most notable for flare 2 and flare 3 where for several

minutes (>15 minutes) prior to flare start we see intensity enhancements. These

enhancements in intensity are accompanied by redshifts in the case of flare 2

and both red and blue shifts in the case of flare 3. For flares 1 and 2 in the min-

utes immediately prior to flaring, strong intensity enhancements can be seen as

well as increases in the redshifted emission observed. These redshifted spectra

show emission up to ∼ hundreds of km s−1. In the case of flare 3, which was the

eruptive flare, we see that the intensity pre-flare enhancements are stronger for

longer, on the order of ∼8 minutes. These intensity enhancements are also ac-

companied by both red and blueshifted emission, again extending to ∼ hundreds

of km s−1.

6.3.2 Magnetic field extrapolations

To investigate the 3D magnetic structure of AR 12087 we produced four NLFFF

extrapolations. The timings of these extrapolations were chosen to be pre and

post each flare in the sequence, i.e. 21:00 UT, 22:24 UT, +1 00:24 UT and +1

01:36 UT. Figure 6.6 shows the results of these four extrapolations. The red field

lines are plotted emanating from within a small box at the eastern footpoints of
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the plotted field lines. This region lies on the PIL and was selected for plotting

the field lines due to the high twist values exhibited there (See Figure 6.7). The

blue field lines are plotted from another box defined to the east of this high twist

region, within the region of negative magnetic flux. The blue field lines clearly

show a loop system that extends from the central portion of the active region to

a positive eastward sunspot. Over the course of the series of extrapolations from

21:00 UT, we see what appears to be the formation of an extended twisted tail-like

feature.

6.3.2.1 Twist Evolution

As we have seen clear morphological changes in the field lines, the evolution of

magnetic twist derived from the extrapolation is then investigated to determine

if the morphological changes are accompanied by large increases of decreases in

twist. We define twist using the same method outlined in Section 5.3. Figure 6.7

a shows the twist map and Bz map of AR 12087. Marked by the overlaid boxes are

the two regions in which the evolution of twist is investigated. Region 1 corre-

sponds to the central portion of the AR, while Region 2 encompasses an area of

higher twist which appears to be co-spatial with the tail-like structure that devel-

ops in the later extrapolations. Panels b and c of Figure 6.7 show the change in

twist between each flare for regions 1 and two respectively.

For region 1 we can see that during the first flare there is little change in

twist. Twist between 22:24 UT and +1 00:24 UT shows little change beyond an in-

crease in the peak of the distribution twist value. Finally between the +00:24 UT

and +1 01:36 UT there is again little change in the twist value, besides the peak of

the distribution shifting slightly from Tw ∼ 0.4 to Tw ∼ 0.3. In the case of region

2 (Figure 6.7 c), between all the flares we note that the general profile of the twist

distribution changes very little over the course of the three flares and the erup-

tion. However, in this region there is a small secondary peak at high twist values.

This peak is present at 21:00 UT at Tw = 1.3, but is not present in the 22:24 UT

histogram. This same peak appears once again in the +1 00:24 UT extrapolation,

peaking at Tw = 1.3. Once more this peak is found to disappear from the his-



6.3. Results 128

a) 21:00 22:24

+1 00:24 +1 01:36

b)

c) d)

e)

Figure 6.6: Results of the NLFFF extrapolations. The red field lines are plotted from a
region of high twist in the central portion of the active region, the area of
which is highlighted by the red box in panel e. The blue field lines are plotted
from a region to the east of the red field lines, shown by the blue box in panel
e. The field lines are over plotted onto the HMI SHARPS magnetic field data
from which the NLFFF is extrapolated. Panels a - d chart the evolution in
time at 21:00 UT, 22:24 UT, +1 00:24 UT and +1 01:36 UT respectively. Panel e
shows an insert of the central portion of the active region, with the boxes in
which the field lines are plotted over-plotted.
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togram between +1 00:24 UT and +1 01:36 UT.

6.3.2.2 Decay Index

From the extrapolations we can also determine the distribution of decay index

within the active region. This was done to investigate the stability of the struc-

tures that we have identified in the extrapolations to the torus instability. The

dimensionless parameter decay index is defined in the same manner as in Sec-

tion1.4.2.6, where a region with decay index n ≥ 1.5 is unstable to the torus in-

stability. Figure 6.8 shows the decay index profiles for each of the four extrapola-

tions. Decay index in these figures is plotted on a scale of 1.3 to 1.5, and is shown

for an east-west orientated plane passing through the center of AR 12087. We can

see that temporally, there is very little evolution in the decay index profiles. The

plotted magnetic structures are located within a region where decay index is well

below the ≥1.5 limit for the torus instability. Although decay index is only plot-

ted in one east-west orientated plane, this behaviour is also observed when this

plane is moved northwards or southwards e.g the observed magnetic structures

are always found to be in a region stable to the decay index.

From our observations of AR 12087 and subsequent magnetic field mod-

elling we have determined several things about the sequence of flares under

study. From our observational analysis we have seen that prior to flares 1 and

2 in the sequence positive LOS magnetic flux was seen to drop by ∼15% in a re-

gion close to the polarity inversion line in the centre of AR 12087. Within this

central portion of the AR 12087 there is a recurring bright spot seen in both AIA

and IRIS observations. From the IRIS observations of this region the bright spot

is seen to show intensity enhancements ∼20 minutes prior to flares 2 and 3. The

series of NLFFF extrapolations resulted in the production of a twisted flux rope,

which can be seen in Figure 6.6 and appears to reproduce the magnetic structure

of AR 12087. Studying the derivable quantities that can be calculated from the

extrapolations, it was found that there were not significant changes in twist be-

tween the flares, and that the flux rope produced lay well within a region stable
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Region 1

Region 2

a)

b)
21:00
22:24

22:24
00:24

00:24
01:36

21:00
22:24

22:24
00:24

00:24
01:36

c)

Region 1

Region 2

Figure 6.7: Panel a shows the field of view of the NLFFF extrapolation and the distribu-
tion of magnetic twist that was calculated from it. The left hand panel shows
the twist map, with the right showing the HMI SHARPS photospheric mag-
netic field from which it is calculated for context. Two areas, regions 1 and 2
are marked by the overplotted boxes, in which the evolution of twist between
NLFFF time steps was investigated. Panel b shows the evolution of twist in
region one before and after each flare. Likewise, panel c shows the same evo-
lution for region 2.
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a) 21:00 22:24

+1 00:24 +1 01:36

b)

c) d)

Figure 6.8: Panels a - d show the evolution of decay index and its relation to the field lines
shown in Figure 6.6. The decay index in these figures is shown on an east-west
orientated plane that passes through the central region of AR 12087.

to the torus instability.

6.4 Discussion

In the preceding section we have detailed the sequence of events leading to the

eruption observed with the C 8 flare. Additionally we have investigated the pre-

flare periods of the 3 flares to determine the presence of any possible observa-

tional differences between the otherwise morphologically similar flares that may

provide evidence as to what triggered the eruption.

Woods et al. (2017) (See Chapter 4) investigated the hours prior to an X 1

flare, utilising spectral observations from the IRIS spacecraft. This work identi-

fied blueshifted emission in the vicinity of a filament within the active region up

to 40 minutes prior to the X 1 flare. These plasma flows showed blueshifts of up to

-200 km s−1. These spectral features were linked to possible tether cutting recon-

nection occurring around the filament, possibly leading to the flaring. Compar-

ing these results to the observations of AR 12087 presented in this chapter, and
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29/03/14 X1 flare flare 1 flare 2 flare 3

Start of pre-flare
intensity enhancements

∼40 mins ∼10 mins ∼18 mins ∼23 mins

Start of pre-flare
spectral activity

∼40 mins ∼10 mins ∼10 mins ∼15 mins

Peak velocity of flows >-200 km s−1 ∼+100 km s−1 ∼+100 km s−1 ∼+100 km s−1

Table 6.1: Comparison between the preflare activity observed prior to 29/03/2014
X1 flare and 12-13/06/2014 flares. The times quoted are measured in minutes
before flare start time.

specifically in Figure 6.5, we can see clear differences in the two situations. The

comparison between the flares is also shown in table 6.1.

While pre-flare activity is observed before flares 1, 2 and 3, as both intensity

enhancements and Doppler shifts, in the case of AR 12087 we see that the time

scale for these intensity enhancements is far closer to flare onset. We see the first

intensity enhancement observed by IRIS occurring ∼20 minutes before the onset

of flares 2 and 3. This is far closer to flare onset than in the Woods et al. (2017)

case where activity was observed ∼40 minutes prior to flaring. Additionally,

Woods et al. (2017)’s observations highlighted intermittent strongly blueshifted

(-200 km s−1) emission during this pre-flare activity. We can see from Figure 6.5

that the pre-flare spectra for flares 1, 2 and 3 do not show the intermittent be-

haviour seen in earlier work, as well as not exhibiting the strongly blueshifted

emission. Indeed this region shows emission that is redshifted, and does not

reach equivalent velocities (peak∼+100km s−1). The differences between these

two sets of data suggests that the underlying cause of the pre-flare activity seen in

both cases could be different. It is important to note however that whilst Woods

et al. (2017)’s IRIS observations covered the majority of the region in which the

flux rope was determined to be, in the case of AR 12087 the IRIS raster does not

fully encompass the location of the flux rope as determined from the NLFFF ex-

trapolations. In this case the IRIS raster does cover the edge of the recurring

brightpoint. This could be seen to be analogous with a similar brightpoint dis-

cussed in Woods et al. (2017) and Woods et al. (2018). This brightpoint (denoted
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region c) did exhibit the fast intermittent blueshifts, unlike the region we study in

this case, again building evidence that the pre-flare activity may be being driven

by a different process.

While it seems unlikely that the pre-flare intensity enhancements we ob-

serve are related to the scenario presented in Woods et al. (2017), they are seen to

occur in an area of the active region where similar flux cancellation was observed.

From the HMI evolution in the central portion of the active region (Figure 6.4), we

observed clear evidence of flux cancellation prior to and during both flares 1 and

2. As we noted, this cancellation is not seen before the eruptive C 8 flare. This

cancellation is seen to begin ∼20 minutes prior to flares 1 and 2. Flux cancella-

tion has been linked to the formation of magnetic flux ropes van Ballegooijen and

Martens (1989) which later erupt. The intensity enhancements could be an ad-

ditional indicator that the magnetic field within the central portion of the active

region is being reorganised by, for example, flux cancellation. This flux cancella-

tion could then allow the build up of helical field lines within the flux rope which

would likely lead to an increase in the twist measured in the flux rope. This in-

creasing twist could in theory lead to the destabilisation, via kink instability, of

the flux rope and its subsequent eruption. This scenario was suggested by Ku-

mar et al. (2015) as a possible result of the flux cancellation that we have also ob-

served in this active region. Our NLFFF extrapolations allow this hypothesis to be

tested, as twist is one of the properties that can be determined from the extrap-

olations. Figure 6.7 showed twist distributions before and after each of the flares

for the same region in which we measured the evolution of magnetic flux. Twist

does not in fact increase by a meaningful amount or reach the level (Tw ≥ 1.5)

at which it would make a flux rope susceptible to kink instability based on the

results of our modelling. A further observational test of this speculation would

be through observation of untwisting the kinking of the flux rope in the spectro-

scopic observations e.g. Williams et al. (2009). However, the IRIS spectrometer’s

FOV, shown in Figure 6.5 a, does not cover the region in which the extrapolation

tells us the flux rope lies. This is unfortunate as it means we cannot definitively
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Figure 6.9: The overlying magnetic field (purple) above the twisted field lines explored in
Figure 6.3.2 is seen to exhibit a fan-spine topology.

prove the kinking is not observed. However, from what information we do have it

is highly suggestive that another mechanism must be responsible for the desta-

bilisation of the flux rope and ensuing eruption.

Woods et al. (2018) used the same extrapolation method used in this work

to investigate the filament eruption associated with the 29-March-2014 X 1 flare.

In this work the authors identified that tether cutting reconnection occurring at

a region of flux cancellation between a flux rope and a nearby loop system could

result in the destabilisation of the flux rope subsequently leading to its erup-

tion. We notice similarities in the morphology of the extrapolation results in the

Woods et al. (2018) (Chapter 5 case and those resulting from the extrapolations

presented in Section 6.3.2, where we see the twisted red field lines meeting a loop

system (blue field lines) that extends westwards. Similarly, there is the recurrent

pre-flare bright point that is observed near to this region in AIA and IRIS data,

which again is similar to what was observed by Woods et al. (2018). In the Woods

et al. (2018) case however, the eruptive flux rope lay in very close proximity to

a region where the decay index was greater than the threshold necessary to al-

low torus instability to occur. From Figure 6.8 we have seen that in the case of

AR 12087 the flux rope that we have identified lies well below the region in which

it would be susceptible to torus instability.
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As it seems that instabilities are not conclusively responsible for this erup-

tion, consideration must then be given to the overlying field above the central ac-

tive region and the flux rope therein. Figure 6.9 shows the 22:24 UT extrapolation

where the red and blue field lines are the same as those described in Figure 6.3.2.

The purple field lines show the overlying magnetic field. This overlying field is

comprised predominantly of two loop structures each linking a region of posi-

tive field to the predominantly negative field on the central portion of the active

region. This can be clearly seen in panel a of Figure 6.9 which shows the field as

viewed from the south. Panel b shows a side on view of the same magnetic field

lines. We can see that above the main looped field lines there are several field

lines that extend out of the extrapolation box. To the north these open field lines

extend vertically, while to the south the overlying field lines are inclined strongly.

The topology of these magnetic field lines is very similar to that of the fan-spine

topology, where the field lines extending out of the extrapolation box to the south

form the spine. Whilst it would require an additional NLFFF extrapolation with

a larger field of view to determine, it is highly likely that these spine field lines

connect to the LR region that we discussed earlier and was shown in Figure 6.3.

Kumar et al. (2015) also reached the conclusion that the overlying field may ex-

hibit fan-spine topology, as they note that the appearance of the quasi-circular

ribbons is indicative of this topology (e.g. Masson et al., 2009). The results of our

NLFFF extrapolation back up their conclusion of the presence of the fan-spine

structure. The identification of the fan-spine topology could present a possible

explanation for the trigger of the eruption during flare 3. The magnetic breakout

model of Antiochos et al. (1999) presents a scenario in which overlying unsheared

magnetic field above a sheared flux is weakened by reconnection allowing erup-

tions to proceed. Aulanier et al. (2000) linked breakout reconnection to the fan-

spine topology where the reconnection occurs at a null point in the corona, at

the intersection of the fan-like field lines and the spine that extends away from it.

This has been observationally seen by authors such as Fletcher et al. (2001) and

Li et al. (2018). As noted earlier if the spine structure were to be linked to the re-
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gion we denoted LR, the intensity enhancements that we see in the lightcurve for

this region (Figure 6.3 c) prior to and during flares 1 and 2 could be due to heating

from particle acceleration caused by this breakout reconnection occurring at the

null point of the fan-spine structure. Weakening of the overlying magnetic field

during flares 1 and 2 through break-out reconnection could allow the observed

eruption to proceed during flare 3. Additionally, as we noted in our discussion of

Figure 6.3 the presence of another active region (AR 12092) in close proximity to

AR 12087, which exhibits a failed eruption at the same time as the eruption we are

studying, could further destabilise the overlying magnetic fields above AR 12087

allowing the eruption to proceed.

6.5 Conclusions

In this chapter, observations and NLFFF extrapolations of a series of three flares

have been presented. Examining the results of our observations in the context of

Woods et al. (2017) and Woods et al. (2018) whilst we do see pre-flare intensity en-

hancements and evidence of flux cancellation within AR 12087 it seems unlikely

that this is the result of the scenario of flare and eruption triggering presented

in those papers. Our NLFFF extrapolations have confirmed the conclusion of

Kumar et al. (2015) about the presence of a fan-spine topology in the overlying

magnetic field. Despite strong similarities between the structure of the core field

lines in the extrapolations to those analysed in Woods et al. (2018), it seems highly

unlikely that the scenario presented therein for eruption triggering is occurring

in this case due the flux rope identified in this AR being situated far from a re-

gion where decay index would make it susceptible to the torus instability. Ad-

ditionally, from the analysis of the evolution of twist within the extrapolations it

is concluded that the eruption is unlikely to have been driven by kink instability.

The fan-spine topology does raise the possibility that the overlying magnetic field

was weakened by breakout reconnection during flares 1 and 2. This decrease in

the overlying magnetic field could then have resulted in the eruption during flare

three due to the weaker magnetic field constraining the flux rope.
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The sequence of flares described in this work shows just how complex flare

and eruption triggering is e.g. superficially the three flares are very morphologi-

cally similar but show different eruptive outcomes. Also when compared to other

events such as in Woods et al. (2018) (Chapter 5), we again find similar but very

different results. This makes it clear that while there have been many advances in

the studies of flare and eruption triggering in recent years, each event is in many

ways unique and highly complex.
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Conclusions & Future Work

This thesis is concerned with investigations of the solar atmosphere in the hours

leading up to flaring. To do this, high resolution imaging spectroscopy data from

the Hinode/EIS and IRIS instruments were used, alongside the results of NLFFF

extrapolations, to investigate the three dimensional structure of the pre-flare

magnetic fields.

In research Chapter 4 we presented analysis of an X1 class flare which oc-

curred on the 29-March-2014. The initial spectroscopic investigation revealed

the presence of small-scale, transient and strongly blue-shifted emission with

velocities up to 200 km s−1 from IRIS Si IV observations up to 40 minutes prior to

flaring. These features were also found to be co-spatial with an elongated bright

feature which lay along the path of the filament present in the active region as

seen in SDO/AIA and IRIS SJI data. NLFFF modelling was also utilised to deter-

mine the presence of a weakly twisted flux rope within the active region. From

this analysis it was determined that the likely cause of the observed pre-flare sig-

natures was some form of reconnection, either internal reconnection in the flux

rope, early onset of flare reconnection or tether-cutting reconnection. Further

investigations of this X1 flare were carried out in research Chapter 5 using a se-

ries of NLFFF extrapolations. These five extrapolations detailed the evolution of

the topology of the magnetic field around the PIL in the hours before and after

the X1 flare. These extrapolations uncovered the presence of two individual flux



139

ropes within the vicinity of the PIL. While this disagrees with the results of the

extrapolations presented in Chapter 4 where only one flux rope was identified,

the difference is likely due to the differing NLFFF extrapolation techniques em-

ployed in both chapters. The existence of the two flux ropes in this active region is

backed up by the Hα observations presented in Kleint et al. (2015). From the anal-

ysis it was uncovered that the westward flux rope, which exhibited a weaker twist

when compared to its eastern counterpart, erupted during the X1 flare. In the

region below the eruptive flux rope, evidence was found of flux cancellation as

well as brightenings in multiple layers of the atmosphere which indicated that re-

connection were occurring. We interpreted these results together to put forward

a scenario where the western flux rope was subject to tether cutting reconnec-

tion, possibly resulting in the onset of double-arc instability which then allows

the flux rope to enter a torus unstable region, and subsequently erupt during the

X1 flare. The Eastern flux rope remained non-eruptive as there was no evidence

of flux cancellation and tether cutting reconnection, and while it was twisted it

still remained below the required threshold for the kink instability.

Research in Chapter 6 aimed to investigate a sequence of three flares where

the final flare in the sequence was eruptive. This series of flares presented an

opportunity to investigate whether the pre-flare signatures identified in Chap-

ter 4 are seen in other events, and whether their appearance has an effect on the

eruptive nature of the flare, whilst also providing a similar test for the triggering

scenario proposed in Chapter 5. It was found that despite the presence of recur-

rent pre-flare brightenings and flux cancellation beneath the location of a flux

rope within the active region it was highly unlikely that the triggering scenario

presented in Chapter 5 was responsible for the triggering of the eruption of the

flux rope. In this case, this is most likely due to the flux rope being situated far

from a region in which it would be susceptible to the torus instability. The NLFFF

extrapolations did however indicate the presence of a fan-spine topology in the

active region. This opens the possibility that break-out reconnection, occurring

during the two non-eruptive flares may have weakened the overlying magnetic
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field within the active region, allowing the flux rope to erupt during the third

flare.

The work presented in this thesis has shown that examination of the pre-

flare environment in the hours prior to flaring is of vital importance to our un-

derstanding of not only flaring itself, but also the understanding of flare related

events such as filament eruptions. I have shown that a multi-instrumental ap-

proach of studying the pre-flare period utilising imaging spectrometers (e.g Hin-

ode/EIS, IRIS) in combination with observatories such as SDO, can be a pow-

erful tool to understand the pre-flare solar atmosphere at multiple atmospheric

depths simultaneously. Additionally, the use of NLFFF extrapolations to visu-

alise the 3 dimensional magnetic fields within the regions being observed has

proven to be a valuable technique to add to the analysis process. The ability to

link the extrapolated 3D magnetic field to the spectral observations has allowed

further constraints to be placed on what processes are driving the initiation of

flaring and eruptions. This modelling has proved to be an invaluable addition to

the data analysis process when studying pre-flare activity. Despite the success of

these methods, many questions still remain to be answered about the pre-flare

period. We have seen that despite some similarities between the events stud-

ied in research Chapters 4, 5 and 6, there are many differences and the proposed

trigger mechanisms differ. While this may appear at first to be disappointing, it

highlights the complex nature of the flaring and eruption process and that the

mechanisms that lead to these events are both numerous and complicated. This

leads to the obvious conclusion that whilst single event studies, or indeed studies

of a small number of events, are of great use to the study of pre-flare processes, to

truly understand flare and eruption triggering requires larger statistical studies.

Utilising similar methods to those applied in this thesis, I would aim to in-

vestigate a large sample of flaring active regions and determine the relationship

between the observations and the three-dimensional magnetic structure derived

from NLFFF extrapolations. These target active regions would ideally exhibit a

range in flares with differing GOES class. Examining flares of differing GOES class
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is key to determining whether the strong observational signatures we have pre-

viously observed (Woods et al., 2017, and Chapter 4) are confined to occurring

prior to large flares or are ubiquitous across flare class. Likewise, it is of vital im-

portance to carry out the analysis of flares which exhibit different eruptive types,

e.g. non-eruptive, eruptive and failed eruptive. This will allow the determination

of whether the type of pre-flare activity observed (such as strong flows etc.) has

an effect on the final eruptive nature of the flare it precedes.

All active regions studied would ideally be situated as close to solar disk cen-

tre as possible. This is necessary to ensure that the photospheric magnetic field

observations used to prepare the NLFFF extrapolations are as accurate as pos-

sible, therefore allowing the extrapolated field to be as representative of the real

situation as possible. I would also select target active regions which have good

joint coverage by both Hinode/EIS and IRIS, so as to provide coverage of the dy-

namics of the solar atmosphere through multiple depths simultaneously. Besides

selecting events from the archive data that is available (joint IRIS, Hinode/EIS ob-

servations are available from 2013 till present), I will also submit joint observing

proposals to the spacecraft planners which are optimised for observation of pre-

flare activity. These joint proposals will ensure that the observing programs of

both instruments have the cadences, spectral line lists and resolution we require

when investigating pre-flare activity.

Additionally, looking to the future, new ultra-high resolution ground based

instruments such as DKIST, which will commence observing in 2020, provide

a very interesting possibility for future studies. The ultra-high resolution spec-

troscopic and spectropolarimetric observations that are capable using DKIST,

would of immense use when investigating small scale pre-flare features, and

when used in tandem with the instruments already employed for our studies

will doubtless provide fascinating insights into the pre-flare period and the dy-

namic behaviour it contains. With DKIST observing both photospheric and

chromospheric magnetic fields, it will provide the opportunity to test current

flare/eruption triggering models with these novel observations of magnetic fields
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in multiple layers of the solar atmosphere.
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